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Abstract 

Because atmospheric turbulence causes distortions in stellar wavefronts, 

passive ground based telescopes, no matter how large, are limited to the resolution 

limit of a O.1-0.2m aperture when imaging in the visible. If the new class of large 

aperture (10 m) telescopes is to reach its resolution potential, adaptive optics must 

be employed to compensate for the atmospheric wavefront distortions. Vital to an 

adaptive optics system is the ability to accurately sense the distorted wavefront. Two 

new methods for wavefront sensing show great promise for the field of adaptive 

optics. A reflective hybrid of the traditional Shack-Hartmann wavefront sensor has 

produced near diffraction limited imaging with the Multiple Mirror Telescope, a 

hexagonal array of six, 1.83 m mirrors. It is also directly applicable to filled aperture 

telescopes. Another wavefront sensor, the stellar phase shifting interferometer, has 

produced for the first time ever direct phase map measurements of atmospherically 

distorted wavefronts. The ability to directly measure the phase of the wavefront at 

each detector pixel paves the way for a new generation of light efficient and accurate 

wavefront sensors for adaptive optics. 
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Chapter 1 

A Light Introduction 

1.1 Twinkle. twinkle little star 

The twinkling of the stars is for most people but one of the many beauties of 

nature, but to the often neurotic, if not half crazed, astronomer this twinkling signals 

the presence a fierce and merciless enemy, atmospheric turbulence. It robs her of 

much sought after data. It defines the very limit of what he is able to discern, 

mocking the sophistication of his equipment. The astronomical community is just 

now becoming able to attack with reasonable success this formidable adversary. 

Looking skyward on a clear, moonless night a person can sit for hours 

entertained only by the shimmering dance of the stars as they make their way toward 

the western horizon. The stars seem to jump about, first dimming then bursting back 

to full intensity with subtle variations in color setting the mood of this nightly ballet. 

Van Gogh's The Starry Night portrays this dance with scintillating color schemes and 

swirling brush strokes that capture the almost violent storm that is the night sky. 

Van Gogh's representation of the sky as a swirling sea is actually a very 

accurate description of the processes involved. Air can be tllought of as a fluid that 

is constantly churned about by atmospheric winds. When looking out at the stars, 

one is looking through nearly 20 km of air. The situation is equivalent to looking 
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across an asphalt road on a hot summer day. Light rays passing through the rising 

hot air are bent or deviated from their initial path. This causes the observed 

distortions in the scene across the road. Light rays passing through the atmosphere 

undergo similar distortions manifested by the twinkling of the stars so abhorred by 

astronomers. The following is a brief overview of what causes these distortions, how 

they affect ground based astronomy and how astronomers are beginning to correct 

them. It assumes the reader is unfamiliar with astronomical imaging and therefore 

leaves the dry quantitative details to the body of the text. 

1.2 Wayefronts and resolution 

Because stars are so far away, their angular size as seen from Earth is small 

and they can generally be considered point sources of light. Light emanates from a 

point source in a spherical wavefront centered about the source. A wavefront is a 

surface of constant phase. In other words, the distance light travels from its source 

to any point on a given wavefront is constant. As the light travels away from the star 

the radius of the spherical wavefront increases until it is essentially infinite and the 

wavefront is then a plane. The plane wavefront is at this point perfect, without 

aberration. 

Were a telescope able to use this perfect wavefront, it would image the stars 

at the resolution limit of the telescope optics. Were the telescope optics perfect, the 

resolution would be at the very limit set by the diffraction of light. Were giant 
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bureaucracies able to function efficiently, the Hubble Space Telescope would have 

diffraction limited images. 

The diffraction limited image is the best image that can be produced with a 

given telescope. The full width at half maximum (FWHM) angular diameter of a 

point source imaged at the diffraction limit is approximately }JD, where A is the 

wavelength of light and D is the diameter of the telescope pupil. Two stars are 

defined to be just resolved when their angular separation is equal to the FWHM of 

a single star. This implies that the diffraction limited resolution of any telescope is 

AID. One can see that increasing the telescope diameter improves the resolution 

provided that diffraction limited imaging is maintained. 

For ground based telescopes, atmospheric wavefront distortions, known as 

seeing, destroy the ability to image at the diffraction limit. These distortions arise 

from variations in the index of refraction between different cells, or pockets of air. 

The index variations are the direct result of temperature variations between these 

cells. A change in the index of refraction changes the optical path length (OPL) 

traveled by a ray of light. A ray taking one path through the atmosphere therefore 

travels a different effective distance to the telescope pupil than a ray taking a 

different path. Again considering the definition of a wavefront, these path length 

differences result in distortions from the original perfectly planar wavefront that 

entered the Earth's atmosphere. 

These wavefront distortions are far from static. Atmospheric winds of up to 

4C mls or more turbulently mix the cells of air while blowing them across the 
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telescope line of sight. Significant changes in the wavefront distortions occur at rates 

of tens of Hertz for IR imaging to a few hundred hertz for imaging in the ultraviolet 

spectral regions. 

FIgUre 1.1 The diffraction limited image (left), a short exposure specldegram (center) 
and a long exposure image (right) simulated for D = 2.3 m, A = 0.5 ",m and ro = 
0.23 m. Scale is 3.9 arcsec top to bottom. 

When the wavefront is distorted, the image formed by a telescope is degraded 

and the resolution of the telescope is compromised. Telescope mirrors are actually 

designed with a figure error budget based on the expected wavefront distortions (Hill 

1990). Statistically, the mean square wavefront phase error across a telescope 

aperture is proportional to ro·
513

, where ro is Fried's spatial coherence parameter 

(Fried 1965a) described in chapter 2. Long exposure point source images 

(integration times ~ 1 s) are spread out to an angular FWHM of Alro instead of the 

diffraction limit of AID. When integration times are shorter than the time it takes 

for the wavefront to change, the turbulence is effectively frozen. These short 

exposure images, known as specldegrams, show diffraction limited sized speckles 

spread out over a Alro region. Speckle formation is described in detail in chapter 6, 
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but suffice it here to say that specklegrams contain diffraction limited information. 

Figure 1.1 shows three images, a diffraction limited image, a short exposure image 

and a long exposure image, all on the same scale to show the dramatic effect 

atmospheric distortions have on stellar images. 

1.3 Adaptive optics 

There are two schemes for reclaiming diffraction limited resolution, post

processing (speckle imaging) and real-time correction (adaptive optics). Post

processing of speckle images is and established method of extracting diffraction 

limited information (Labeyrie 1970 and Knox 1976). Often one can create images 

with diffraction limited and even slightly better than diffraction limited resolution 

(Jefferies and Christou 1993). While post-processing techniques greatly improve the 

image quality, they are limited ultimately by the ratio of signal to noise. 

Specklegrams require short exposure images. Very faint objects are, therefore, 

virtually off limits to these techniques. What is needed in order to recover 

diffraction limited images of faint objects is real-time compensation of the 

atmospheric turbulence. What is needed is adaptive optics. 

Figure 1.2 is a schematic of a generic adaptive optics system. The idea of 

adaptive optics is to measure the wavefront distortions, called phase errors, 

introduced by the atmosphere and then introduce the exact opposite phase error into 

the wavefront to cancel the effects of the atmosphere and regain the full telescope 
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Figure 1.2 Generic adaptive optics system. Distorted wavefront is corrected for high 
spatial frequencies by the DM and for overall tilt by the FSM. A beam splitter sends 
some of the light to the wavefront sensing channel. 

resolution. The incoming aberrated wavefront is estimated using a wavefront sensor. 

This information is then converted to control loop commands for the adaptive 

elements which are then actuated to apply the wavefront correction. These 

corrections must occur within the temporal coherence of the turbulence, tn. 

Atmospheric wind speeds coupled with the turbulence strength define tn and 

therefore the speed at which correction needs to occur. Typical values of to are 5 ms 

in the visible and 30 ms in the near IR. 
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The incoming wavefront distortions are often measured from a guide star, a 

natural or artificial star located near the object of interest. When near enough to the 

object, guide star wavefront corrections will correct the object wavefront as well. The 

angular extent for which guide stars provide an accurate measure of the object 

wavefront is called the isoplanatic angle, 9 0 • This angle varies with the altitude and 

strength of the turbulence as well as with wavelength. 

The idea. of correcting for the atmospheric seeing was first proposed by 

Babcock (1953). He proposed a two stage method for adaptive correction with an 

overall tip/tilt correction combined with correction over many smaller subapertures 

of the telescope pupil. Limited by the technology of that time, his proposal for 

subaperture compensation remained just that for the next decade, but the tip/tilt 

compensation helped keep the Mt. Wilson 100" and the Hale 200" at the forefront 

of astronomy. To Babcock's credit, the two stage adaptive optics concept is still in 

use today with the fast steering mirror (FSM) for tip/tilt control and a deformable 

mirror (DM) for the higher spatial frequency correction. 

Since 1953 work in adaptive optics has steadily increased. Until recently, most 

of the work has been commissioned by the military, thus the emphasis was on 

outgoing as well as incoming beam correction. Hardy (1978) wrote a 50 plus page 

tome reviewing adaptive optics developments up to that date. This excellent review 

discusses the different schemes for incoming and outgoing compensation, the various 

methods of wavefront sensing and the state of deformable mirrors. As with all rapidly 

growing fields, many different schemes for sensing and correction were developed 
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each with their own advantages and disadvantages. 

Two of the most important developments in wavefront sensing made during 

the 25 years since Babcock's first proposal are the Shack-Hartmann sensor and the 

shearing interferometer. Both methods provide light efficient, subaperture slope 

information. Estimates for the wavefront are derived by integrating the slope values 

over the entire aperture. The two most important wavefront correcting schemes 

development during this first era are the continuous thin sheet and the segmented 

deformable mirrors. Both of these mirrors are driven by actuators (generally piezo

electric) which put force on the mirror to provide the deformation. The thin sheet 

DM is characterized by the influence function or the deformation produced by force 

from an individual actuator. The segmented DM with its many individually 

controllable mirrors has the advantage that it can be paired directly with a 

subaperture slope sensor. 

In the years since Hardy's hearty article many more developments in adaptive 

optics have pushed the field into the forefront of the astronomical community. 

Probably the most significant developments in the past 20 years have been 

technological. Increases in computing power have made it possible to process vast 

amounts of data in the time scales needed for adaptive optics. Detector 

improvements in both the visible and infrared have pushed guide star limiting 

magnitudes ever fainter. New wavefront sensing schemes such as curvature sensing 

(Roddier 1991), neural networks (Angel 1990) and phase-contrast interferometry 

(Dicke 1975) have developed. And, laser guide stars (Fugate et. al. 1992) have 
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developed as a viable, controllable source for detecting turbulence anywhere in the 

sky. 

1.4 Organizational outline 

The usual method of organizing a scientific work is to lay the foundation first 

and then show the results as a sort of reward for patiently wading through the details. 

While at first this text may seem to violate the standard, it actually adheres to 

convention quite closely. The work presented here details two newly developed 

methods of wavefront sensing, the reflective Shack-Hartmann array and the stellar 

phase shifting interferometer (SPSI). Because wavefront sensing is an integral part 

of adaptive optics, laying the foundation for the topic of wavefront sensors must 

include a discussion of an adaptive optics system as a whole. First and foremost in 

developing an adaptive optics system, however, must be an understanding of the 

atmospheric turbulence itself. The material is then presented reflecting this 

reasoning. 

Chapter two could be appropriately named "Understanding the enemy." This 

is a review of the nature of atmospheric turbulence as well as a discussion of 

atmospheric simulation models and their applications. This work was developed for 

training neural networks in wavefront sensing using computer simulated image data. 

The ideas developed here, however, are general enough to be included in a 

discussion of adaptive optics. 
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The next chapter is then a review of the accomplishments made over the past 

three years with the ACME adaptive optics kit. This instrument is unique among the 

prototype adaptive optics systems in that it is mounted at the Cassegrain focus of the 

MMT. The corrected image plane maintains both the same focal ratio and exit pupil 

location as the original Cassegrain focus. This allows many existing imaging systems 

to be easily adapted to the ACME instrument. I would like to claim the results 

presented in this section as my own, but, credit must actually go to the entire ACME 

team. Developing an adaptive optics program is a team effort and each member is 

vital. Wavefront control algorithms, computer interfacing, observational planning and 

image analysis are but a few of the tasks performed by various members of the 

ACME team. My primary role in the group is that of opto-mechanical design 

including relay systems, wavefront sensors and the design of the adaptive instrument 

itself. 

The rest of the text is dedicated to wavefront sensing. Chapter four reviews 

the topic in considerable detail before chapters five and six where the two newly 

developed methods of wavefront sensing, the reflective Shack-Hartmann array and 

the stellar phase shifting interferometer are presented. The reflective Shack

Hartmann array is a segmented, two mirror relay that allows control of the individual 

image locations. This then allows the optimization of a quad cell slope detector. 

This system has produced diffraction limited infrared images using guide stars as faint 

as 14.8 magnitude. 

The SPSI discussed in chapter 6 is unique to atmospheric wavefront sensing 



22 

in that it produces true, direct phase measurements at each detector pixel. Using a 

combination of phase shifting interferometry and the point diffraction interferometer, 

the SPSI produces these phase maps using only the light from a bright star. This 

system lacks the light efficiency necessary for use in an adaptive optics system. It will 

instead be used as a calibration device for other wavefront sensors. Calibration and 

testing of wavefront sensors will become very important as adaptive optics moves 

toward the new generation of large aperture telescopes where wavefront sensor 

accuracy becomes the limiting factor. 
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Chapter 2 

Kolmogorov Theory and Atmospheric Modeling 

2. 1 Introduction 

In adaptive optics, understanding the nature of atmospheric turbulence is 

paramount. Intelligent methods of wavefront sensing and correction make use of this 

understanding rather than attacking the problem with brute force alone. As in many 

areas of science, computer simulations playa vital role in developing and analyzing 

new technologies. Atmospheric turbulence simulations which produce aberrated 

wavefronts similar to those actually encountered in the real world are used to test 

wavefront sensing as well as image post-processing algorithms. In the case of neural 

network wavefront sensors, these computer simulations are used to train the network 

itself. Neural network wavefront sensors pioneered by Sandler (1991) and Angel 

(1990) use in and out of focus image pairs to estimate the wavefront. They require 

tens of thousands of training images with known wavefronts before accurate estimates 

of a previously unseen wavefront can be achieved. The motivation behind the 

turbulence simulations presented here is to find the most efficient and accurate 

method for generating these training images, but the ideas developed are general and 

useful in any application of atmospheric modeling. 

Computer simulations of atmospheric turbulence must be based on a model 
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of the turbulence itself. While no model can be correct in all instances, the 

turbulence theory developed by Kolmogorov is the most common model used in 

atmospheric simulations. Some studies have found turbulence statistics different 

from Kolmogorov and there are some who refute the Kolmogorov model 

(McKechnie 1992) but often the conditions producing the discrepant turbulence 

violate in some way the basic assumptions underlying Kolmogorov theory. Along 

with a detailed description of basic Kolmogorov theory, this chapter explores some 

of the parameters involved in modeling the time evolution and the stratification of 

the turbulence. 

2.2 Kolmogorov theory 

Although there is evidence showing deterministic chaotic behavior (Jorgenson 

et al. 1991), atmospheric turbulence is most often statistically described under the 

assumption that it is a stochastic random process. Kolmogorov (1953) developed a 

description for the variation of the random velocities of two points separated by a 

given distance in a homogeneous medium. Tatarski (1961) further developed this 

work to include inner and outer turbulence scales deriving expressions for the power 

spectrum and structure function of the phase variations between two separated 

points. 
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2.2.1 Assumptions 

There are several assumptions required for the validity of Kolmogorov 

turbulence theory. The atmosphere is first defined to be locally homogeneous and 

isotropic. In general, this means that over the region of interest the statistical 

variation, D(r\!r:z), of some physical quantity determined by a function, fer), between 

two points is dependent only on the magnitude of their separation not on their vector 

separation or location in space. This is expressed mathematically as follows, 

HOMOGENEOUS: 
D(rl'r2 ) ::; D(rt -rz) 

and <ft.. r) > ::; constant 

(2.1) 
ISOTROPIC: 

D(r) ::; D(lr!) 

where D(rl'rz) ::; < (j{rt ) -<j{rt »] (j{rz) -<j{rz»] > 

Another important assumption is in the property of the turbulence itself. The 

turbulence is created when winds increase the Reynolds number of the fluid (air) 

beyond the critical point where laminar flow breaks down. The turbulence begins 

at the largest eddy sizes (outer scale). The energy causing the largest eddies is 

passed down to smaller and smaller eddy sizes until the smallest eddies, through 

molecular diffusion, dissipate the energy into heat. Kolmogorov theory holds at this 

steady state where the energy introduced into the outer scale eddies is equally 

dissipated by the inner scale eddies. 
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Seeing conditions are extremely site specific, dependent upon local terrain, 

vegetation, and dome configuration. Often these conditions cause turbulence that 

does not satisfy the previous assumptions and is not accurately described by 

Kolmogorov theory (Bester et. al. 1992). Such sites would include those where the 

telescope is at or below the treeline. Tree tops are a prime source of turbulent 

eddies, and through transpiration they also add temperature variations to the air. 

These conditions violate the homogeneous and isotropic conditions and so 

Kolmogorov statistics do not hold. Good telescope sites, such as the MMT site on 

Mt. Hopkins AZ, with locations on isolated peaks and little surrounding vegetation, 

tend to have minimal local seeing and show turbulence statistics that more closely 

follow Kolmogorov predictions than do lesser sites with a greater amount of local 

seeing. 

2.2.2 Refractive index structure constant 

One of the important concepts to come out of this early work is that of the 

refractive index structure constant, Co
2

• A function of altitude, it is a measure of the 

rms difference in the index of refraction between two separated points in the 

atmosphere. Kolmogorov theory shows that the relationship between Co
2 and the 

index of refraction structure function, Do, is Do = co
2i'3. Plotted verses altitude, it 

is a measure of the strength of the turbulence at any given region in the atmosphere. 

Regions with larger variations in the index of refraction cause more of the wavefront 
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distortions than regions with smaller C/ values. Observational measures using 

balloon carried instruments (Beland 1992) and scintillation measurements (Ochs et 

al. 1976) of Co
2 show evidence of stratification in the turbulence strength as a 

function of altitude. Often, treating the atmosphere as a thin turbulent layer is not 

sufficient. Strong ground layers with other significant layers between 5-20 km above 

sea level all can significantly add to the wavefront distortions. Like the turbulence 

itself, Co
2 changes with altitude, geographic location and time. The specific structure 

of C/ can vary dramatically at a given site even within the time span of a few hours. 

Due to the varying nature of the structure constant, predictive models of Co
2 

, such 

as the Hufnagel-Valley-Boundary model (Ulrich 1988) can only characterize a 

general profile for a given site. 

2.2.3 Coherence parameters and mean square phase error 

There are three parameters which describe the spatial, angular and temporal 

coherence of Kolmogorov turbulence. They are ro, 00 and to respectively. There are 

varying definitions of the latter two parameters but here the definitions will conform 

to those of Sandler et. al. (1993). 

Fried (1965a) expanded on the basic relationships put forth by Kolmogorov 

and Tatarski by defining a spatial coherence length, roo This is a description of the 

turbulence strength in terms of an aperture diameter over which the wavefront phase 

errors are small. In terms of the wavefront, the residual mean square wavefront 
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error over an aperture of diameter ro is approximately 1 rad2
• Fried (1965b) shows 

that the phase structure function Dep, the mean square variation in the phase 

difference between two points at a separation r, can be expressed in terms of the 

coherence length such that, 

given, 

(2.2) 
then, 

where k is the wavenumber, {3 is the angle from zenith and h is the altitude. 

In subsequent analysis, Noll (1976) decomposed the Kolmogorov wavefront 

error into a basis set of polynomial functions, the Zemike aberrations. The 

coefficients of each of these terms scale as (D/ro)5/3, where D is the aperture 

diameter. It is pointed out that for apertures of less than 4ro, significant 

improvehlent in the wavefront error is obtained by removing only the piston, tip and 

tilt components of the wavefront. The residual mean square wavefront phase errors 

after removing the Zemike piston, D/, and removing both piston and tilt, ar
tiIt are, 

and (2.3) 

r (DjSJ3 
Atilt = 0.134 To 

Because adaptive optics relies on wavefront sensing from a guide star near the 
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object of interest, the two wavefronts traverse slightly different paths through the 

atmosphere and will therefore have different aberrations. The angular coherence of 

the turbulence, known as the isoplanatic angle, is important in determining how 

different the wavefronts will be. In keeping with the previous definition, tJ.o is mean 

square phase difference between two wavefronts of angular separation (J. The 

angular coherence parameter (Fried 1982), ()o, is defined such that tJ.o = 1 rad2 for 

(J = (Jo. In other words, 

given, 

then, 
(2.4) 

~. = (:J 
This expression for tJ.o is valid only in the limit of large D/ro• 

Another parameter closely related to ()o is the Greenwood frequency, fg 

(Greenwood 1977). It is defined as the closed-loop bandwidth needed by an adaptive 

optics system to effectively freeze the wavefront during each corrective cycle. An 

expression for fg is easily derived by noting that the motion of a frozen, wind blown 

turbulent phase screen at height h in time t is equivalent to an angular shift of () = 

vwtlh. The expression for Greenwood frequency is then fg = lito = lI(Jo(vw/h) or, 

(2.5) 

The inverse of the Greenwood frequency provides the final coherence parameter 
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discussed in this section, to. Through algebraic manipulation with {3 = 0, the 

temporal coherence parameter to can be expressed as, 

where, (2.6) 
J Cn2(h)v:f3(h)dh 

Vw = ""-------J C" 2(h) dh 

The quantity Vw is the effective turbulence weighted wind speed (Greenwood and 

Fried 1976). The mean square phase difference of two wavefronts sensed at a time 

separation of 5t is then, 

(2.7) 

where 5tvw < < roo As mentioned earlier, the atmospheric turbulence is far from 

static. A typical temporal coherence value for K band imaging with ro = 1.0 m and 

Vw = 10 mls is 31.0 ms. For visible imaging with ro = 0.20 m, to = 6.2 ms 

Table 2.1 lists a summary of the basic relationships developed in Kolmogorov 

theory and discussed in this section. 

Table 2.1 

I 
Summary I Kolmogorov Turbulence 

Symbol (units) Expression Description 

~ (m) Turbulence 
outer scale 
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Summary 
Kolmogorov Turbulence 

10 (m) Turbulence 
inner scale 

Dn(r) (unitless) C 2 rm n Index of 
refraction 

(10 < <r < <1..0) structure 
function 

cpn(r) (unitless) 0.033 Co
2 k-11I3 Index of 

refraction 
(10 = 0, 1..0 = 00) Power Spectrum 

ro (m) 0.423~ sec({3) S Cn
2(h) dh Fried's spatial 

coherence 
for Co

2 = constant, length 

1.68(Cn
2 h ~r3/5 for Cn

2 = cnst, 

ro ex 'A.fJ/5 

Dq, (rad2
) 6.88 (r/ro)5/3 Phase structure 

function 

(Jo (rad) [ 2.91~ secS/3({3) S Cn
2(h) hS/3 dh ]"3/5 Isoplanatic 

angle 

fg (Hz) [ 2.91~ secS/3 ({3) S C/(h) vw
5/3 dh ]315 Greenwood 

frequency 

to (s) 0.31 rolvw temporal 
coherence 

2.3 Modeling algorithms 

Atmospheric turbulence can be simulated using analog or numerical 

techniques. Analog simulations using heat sources and fans produce real turbulence 
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in the air. Although the turbulence is rarely Kolmogorov, analog systems are 

especially useful for equipment testing in the laboratory. Digital simulations are best 

for theoretical development because the turbulence is known exactly and can be 

made to more closely follow Kolmogorov statistics. The philosophy behind most 

computer atmospheric simulation models is to be able to create a set of turbulent 

phase screens that follow Kolmogorov statistics. Some important algorithm 

considerations are computation speed, accuracy and utility. While one algorithm may 

be best suited for one application, another may work best elsewhere. Three 

computer modeling algorithms used at Steward Observatory are compared and 

contrasted in this section. 

2.3.1 Sine wave summation (SWS) 

The modeling technique used to produce the simulated structure function 

data in the previous section is based on a weighted superposition of sine waves to 

generate the desired simulated wavefronts. For each turbulent layer, a set of sine 

waves is defined with random orientations and phases at a global origin. The 

amplitude of each wave is weighted according to its frequency to produce a power 

spectrum that conforms with Kolmogorov theory. The sine wave frequencies are 

chosen from a logarithmic sampling of all the possible frequencies bounded by the 

inner and outer turbulence scales of the turbulent layer. The total number of waves, 

which directly affects the speed and accuracy of the wavefront generation, is defined 
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by how fine a sampling is used. For a good balance, a sampling of 30 waves/decade 

is sufficient. This corresponds to a total of around 240 waves to model a single layer 

of turbulence. The phase value at any point in the x-y plane is, 

(2.8) 

where An = 0.7Wn-
SI6 is the weighted amplitude with an empirically derived 

coefficient, wn is the wavenumber, Cn and So are the random orientation sine and 

cosines and Pn is the random initial phase. 

The advantage of this algorithm is that once set up, the turbulent wavefront 

is defined for all points in an infinite plane. The phase value at any given point is 

the sum of the phase contributions from each frequency component at that point. 

Simulating a frozen wavefront moving across the aperture is then a simple matter of 

changing the position of the aperture with respect to the global origin and adding up 

the new phase contributions. 

The disadvantage of this algorithm is its large computational burden. A 64x64 

array of phase values takes 23 s to generate on a SUN workstation using the sine 

wave summation algorithm. 

2.3.2 Random mid-point displacement (RMD) 

The random mid-point displacement algorithm developed by Lane (1991) uses 

a method similar to fractal propagation to produce wavefronts of good accuracy with 
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a minimum of computation. The algorithm begins with four corner points in an 

array. The value of each point is given by, 

PI = Nt +O.5Nl~4 
P2 = N; +O.5N2~ 
P3 = N; -O.5N2~ 
P4 = N: -0.5Nl~4 

where W and Nd are Gaussian random numbers with variances (Jc
2 and (Ji 

(2.9) 

corresponding to the correlation between the corner and diagonal points 

respectively. The subscripts indicate which points are affected. In order to insure 

Kolmogorov statistics, the variances must obey the following relationships, 

2 5 
2 °d D 3' 20c + - = 6.88(-) 

2 70 
5 

(2.10) 

2 2 pjD 3' 
2ac + ad = 6.88(v2 -) 

To 

Once the phases for the corner points are established, the phase value for the 

point midway betweeJl the original four is generated. The value of the new point is 

given by, 

(2.U) 

where W is a Gaussian random number with a variance (Je
2 = .6091 (or)513. The 

distance or is the distance of the new point from its neighbors. The rest of the array 

is established in the same manner, each new phase value is a linear interpolation of 
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its nearest neighbors plus a random fluctuation proportional to the distance from the 

new point to its neighbors. It should be noted that points along the perimeter of the 

array are slightly in error since they are interpolated using only two neighbors instead 

of four. The generating function for these edge points is, 

PI + Pz P + N e 
edge = 2 

(2.12) 

where ~ is again a Gaussian random number but with a variance equal to 

0.4471 (or)SI3. 

Figure 2.1 Simulated phase screens and their associated images generated with the 
RMD algorithm with D/ro values of 0.5 (upper left), 1.0,3.0,5.0,7.0,and 9.0 (lower 
right). 
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The computational load of the RMD algorithm is proportional to N2 and it 

is an order of magnitude faster than the SWS algorithm, generating a 64x64 array of 

phase values in only 1 s on the same SUN workstation. This algorithm produces 

phase screens which approximate to good accuracy the theoretical spatial structure 

function of Kolmogorov turbulence, with only a slight under-representation of the 

middle spatial frequency components. Figure 2.1 shows a series of distorted 

wavefronts and their corresponding images created with RMD algorithm, with D/ro 

values ranging from 0.5 to 9.0. 

The single disadvantage of the algorithm is the discreet pixelization of the 

wavefront. Simulating a frozen wavefront moving across an aperture requires a very 

large array with a small pixel scale corresponding to the distance the wavefront 

moves in the shortest time interval under study. Because of this, the algorithm is 

used mostly when time evolution is not modeled. 

2.3.3FFf and FFf hybrids 

The FFf algorithm (McGlamery 1976) is noted for its simplicity and speed. 

An array of Gaussian random variables, white noise, is filtered by the power 

spectrum of Kolmogorov turbulence and then fast Fourier transformed to produce 

a Kolmogorov wavefront. The algorithm actually produces two phase screens for 

each Fourier transform, corresponding the real and imaginary parts of the transform. 

The computational load is proportional to 2N210g2N, not as efficient as the random 
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mid-point algorithm but faster than the sine wave summation algorithm. Two 64x64 

phase screens are produced in 10 s on the same SUN workstation. 

The problem with this method is that the low spatial frequency components 

are under-sampled due to the discreet pixelization and scaling properties of the FFf. 

Several hybrid methods have been employed to correct this problem. One of these 

hybrid methods (Cochran 1985) uses an orthogonal set of basis functions, the first 

five Zemike polynomials, to add in the proper amount of lower frequency phase 

error. Thus this algorithm is a hybrid of the FFf algorithm and the Zemike 

wavefront representation algorithm developed by Noll. To insure proper 

representation, the amount of each component of the basis set found in the original 

FFf produced wavefront must be removed. Then the proper amounts of these low 

frequency components are re-introduced to generate a wavefront with true 

Kolmogorov statistics. FFf hybrid modeling algorithms similar to the one described 

here accurately model Kolmogorov wavefronts and are used extensively, but they lack 

the speed and suffer from the same discreet pixelization problem when modeling 

time evolving wavefronts as the RMD algorithm. 

2.4 Algorithm utility comparison 

The three modeling algorithms just described are all currently in use at 

Steward Observatory and some comparisons between them will help define the 

strengths of the various algorithms. Both modeling accuracy and utility are 
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considered. The end result is that each algorithm is more advantageous for a specific 

application than the others. 

The foremost measure of a modeling algorithm is how well it represents the 

standard Kolmogorov statistical model. The spatial structure function is used as a 

measure of the ability of each algorithm to model Kolmogorov turbulence. This is 

analogous to the temporal structure function discussed previously in that the product 

of the time and wind speed is a distance or equivalently a spatial separation between 

the two phase measurements. 

Figure 2.2 is plot of the spatial structure functions of the three modeling 

algorithms presented along with the Kolmogorov theoretical curve where Dq. = 

6. 88 (r/ro)S/3 • When plotted on a log-log scale, the theoretical structure function is 

simply a straight line with a slope of 5/3 with an amplitude proportional to ro·
S/3 • The 

rest of the curves presented are averages of 100 individual wavefronts each with 

identical modeling parameters. The parameters used for each model were a 128x128 

pixel array with 0.04 m center to center pixel separation and ro = 0.29 m. This 

allows for about seven phase difference measurements within an ro-sized patch as 

well as measurements out to a spatial separation of about 18ro. 

The most obvious conclusion from this plot is that the FFT algorithm severely 

under estimates the power in the lower frequency (large separation) components. 

The structure function comparison indicates that when accurate modeling of image 

motion is desired, the FFT algorithm is inadequate due to its under-representation 

of the low frequency components. 
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Figure 2.2 Average spatial structure function comparisons for various modeling 
algorithms. Model parameters: ro = 0.29 m and 128x128 pixel array at 0.04 m/pix 
in the pupil plane. 

The other two algorithms match the theoretical curve to within 3 % although 

the SWS algorithm does a little better than the RMD method. The RMD algorithm 

shows a significant deviation from theory for separations on the order of half the 

array size. In other words, if the pixel scale, with respect to ro, changes so too does 

the frequency of the RMD under-representation. 

With the inaccuracies of the FFr and RMD algorithms it would seem that 

they are not desirable when compc1I"ed with the SWS method. Accuracy of fit 

however is not the only criteria for evaluating these algorithms. Speed and modeling 

utility also play important roles in deciding which algorithm is best for a given 
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application. 

For example, a large Shack-Hartmann lenslet array may be on a 32r.32 grid 

and for evaluation purposes it might be desired to have four wavefront phase values 

per lenslet. This leads to a wavefront array at least 128x128 pixels. The RMD and 

FFT methods are much faster than the SWS and so are a better choice for 

generation of these large wavefront arrays. If a large wavefront array is needed that 

accurately models the low spatial frequencies, the RMD method is the best choice. 

It is the fastest of the three algorithms discussed and provides good accuracy over the 

entire frequency range. 

Often simulation programs will center the image produced by the simulated 

wavefront before working further. This centering effectively removes the low spatial 

frequency components from the original wavefront. For these applications, the FFT 

algorithm is sufficient since it very accurately models turbulence at the higher spatial 

frequencies. Speckle interferometry at Steward Observatory does this image 

centroiding and has for years used the FFT algorithm with good success (Shaklan 

1989). 

Both the FFT and RMD algorithms are best used for single shot, large 

wavefront generation. However, with a standard method for modeling the time 

evolution of wavefronts, frozen wavefronts are blown by the wind across an aperture. 

To accomplish this using the FFT or RMD algorithms would require very large 

arrays. The pixel separation must map small enough in the pupil plane to allow short 

time interval phase measurements and at the same time, there must be enough pixels 
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to provide adequate long time interval measurements. 

The SWS algorithm on the other hand is ideally suited for such applications. 

Without the discrete pixel requirement, phases at any point in the frozen wavefront 

are obtained with equal computational load. This is exactly the modeling algorithm 

a neural net being trained to predict wavefront behavior needs. The trade off with 

the SWS algorithm is between the extra computational load and the utility of phase 

measurements anywhere in the wavefront. Under the right circumstances the exL-a 

computation is not excessive and the SWS algorithm provides excellent turbulence 

simulation for single and multi-layer frozen wavefront modeling. 

Table 2.2 ranks the three modeling algorithms according to speed and 

accuracy. It also summarizes the best use of each algorithm. 

Table 2.2 

Kolmogorov Wavefront Simulation 
Algorithm Summary 

ALGORITHM SWS RMD FFf 

SPEED 3 1 2 

ACCURACY 1 2 3· 

BEST USE Time Evolution Large Arrays Single Shot 
High Accuracy Single Shot No Tilt Needed 

Multi-layer 

* Low spatial frequencies only. 
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Chapter 3 

ACME Adaptive Optics Kit 

3.1 Introduction: adaptive optics systems for astronomy 

Adaptive optics in the astronomical community has in the past ten years 

exploded to such a level that all new telescope facilities are now incorporating some 

sort of adaptive capabilities into the initial design. Adaptive optics systems for the 

Very Large Telescope (Beckers et al. 1992), the Canada France Hawaii Telescope 

(Grundman 1992), the University of HI (Graves 1992) and the Multiple Mirror 

Telescope upgrade (Wittman 1992) all are moving from development to actual 

instrumentation. Other existing telescopes are being retro-fitted with adaptive 

instrumentation. In fact, systems working at the Steward Observatory 2.3 m and the 

CFHT have already produced real astronomical data (Close 1992 and Hutchings 

1991). 

With an understanding of atmospheric turbulence, the goal of an adaptive 

optics system is then to effectively and efficiently correct the wavefront aberrations. 

The adaptive optics needs of the astronomical community, as opposed to those of the 

military community, are discussed here as a prelude to the ACME adaptive optics 

system developed for the Multiple Mirror Telescope (MMT). 

The limits of adaptive optics systems for astronomy are defined by a balance 
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between producing corrected images, preserving a generality that allows for 

acceptable performance across the broad range of wavelengths and imaging needs 

of astronomy and of course, controlling costs. Two important questions concerning 

the development of any astronomical adaptive optics system are; What wavelength 

range should the system be designed for and how will it affect other spectral regions? 

and How faint a star must the wavefront sensing system be able to use in order to 

provide adequate sky coverage? It is the latter question that provided the impetus 

for the development of the instrument described in chapter 5, but first a discussion 

of the spectral bandwidth is in order. 

The rms phase aberrations due to atmospheric turbulence are generally 

accepted to scale as '1\.(,15, which means that adaptive correction is easier at longer 

wavelengths. The number of degrees of freedom necessary to adequately sense or 

correct a turbulent wavefront is approximately given by, 

(3.1) 

where A is the telescope area and ro (oc: '1\615) is Fried's parameter (Wittman et al 

1992). 

At most good observing sites with a now middle class primary mirror (2-4 m 

diameter) at wavelengths beyond 5 ",m, ro ~ 3.9 m and N =:;; 1. Therefore, at these 

wavelengths, no correction beyond tilt compensation is needed for near diffraction 

limited imaging. On the other hand, in the visible spectral region ('1\ = 0.5 ",m, ro = 

0.25 m) where the turbulence is much stronger, N ~ 150 requiring the aperture be 
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subdivided into hundreds of smaller wavefront sensing/correcting regions. The 

complexity and cost of such a system is out of the practical realm of most 

astronomical institutions. The spectral region that provides astronomy the greatest 

imaging gains with a practical adaptive system is the near IR (A = 1-3 I'm). Here, 

where N ~ 10, image resolution can be increased by a factor of three or more with 

an adaptive system that is well within reach of existing technology. 

Typically, at good astronomical sites, ro ::= 1.0 m at 2.2 I'm, so that images 

from a 2 m telescope will be characterized by global motion of a diffraction limited 

core. Fast tip/tilt correction of the wavefront will then produce integrated images 

near the diffraction limit of the telescope. Fried (1965b) shows that slope correction 

for telescopes in the D/ro = 3 region increases the effective turbulence coherence 

length, ro, by a factor of 3.4. Image sharpening using fast guiding on telescopes in the 

D/ro ~ 3 region have shown a 2 to 3 fold reduction in FWHM and an increase in 

the Strehl ratio of up to 2.5 (Wittman 1992, Close 1992 and Hutchings 1991). 

Another advantage of concentrating on the near IR is that the new large class 

telescopes (6-10 m diameter) can easily be divided into only tens of smaller 2 m 

regions for an adaptive system that is both effective and practical. The near IR also 

has the advantage over the visible spectral region of a lower correction frequency and 

an larger isoplanatic angle. One drawback to adaptive correction in the near IR is 

that detector performance is still significantly behind that of visible detectors. 

However with the steady improvements in low noise, fast readout IR detectors the 

capabilities of near IR wavefront sensing systems are growing quickly. 
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Most adaptive instruments used on telescopes are prototype in nature and 

demand large optical paths for the various detection and correction channels. These 

systems require large optical tables which must be located at the Coude (Nasmyth) 

focus of the equatorial (altitude-azimuth) telescope. Many reflections are needed to 

bring the starlight to these stationary foci which are often located in completely 

separate rooms from the telescope. For example the MARTINI system (Doel et al 

1991) requires a 2.5 m x 1.5 m optical bench located 1.2 m from the Nasmyth focus. 

Adaptive systems located at the CoudetNasmyth foci have the advantages of a solid 

optical setup and easily changed configurations but can suffer from light inefficiencies 

from the many reflections and incompatibility with many of the Cassegrain 

instruments used regularly at the telescope. The Come-On-Plus instrument 

(Gendron et al. 1991) is the much improved upgrade of the original Come-On 

Cassegrain adaptive system. With seven reflections in all before the science cameras, 

it is light efficient; however, the instrument itself is very large and does not 

accommodate existing Cassegrain instruments. 

The ACME adaptive optics kit, also with seven reflections before the science 

cameras, is designed to work at the Cassegrain focus of the MMT. Not only is the 

corrected focus coaligned with the original telescope focus but the pupil size and 

location are also preserved. This allows the ACME kit the flexibility of adaptive 

correction for such existing Steward instruments as the 58x62 JnSb IR speckle camera 

(McCarthy et al. 1990) and the 128x128 NICMOS2 array. This chapter offers a 

detailed description of the ACME adaptive instrument including theoretical 



46 

performance limitations and engineering practicalities as well as a summary of the 

ground breaking accomplishments including diffraction limited imaging from various 

slope and piston correction techniques. 

3.2 The ACME system 

The ACME instrument was designed for the MMT which is a hexagonal array 

of six, 1.83 m primary mirrors each 2.52 m from the center of the telescope (Figure 

3.1). The MMT has then the resolving power of a 6.9 m aperture but with the light 

collection capability of a 4.5 m telescope. The six individual beams are brought to 

o 
an F/8.39 combined focus. The combined focus was altered to preserve the original 

pupil geometry (McCarthy et al. 1976). This allowed the instrument to be treated 

as a masked single aperture telescope where all of the six primaries are in phase and 

diffraction limit of a 6.9 m telescope can be realized. 

With the adaptive optics program here at Steward Observatory based in the 

near IR, where the turbulence is lower in spatial frequency, the correction scheme 

utilizes only six adaptive elements capable of tip/tilt/piston correction for each of the 

six MMT mirrors. Near diffraction limited imaging in the IR (most of the correction 

is in the K spectral band, A = 2.2 ± .12 I'm) can be achieved with such low order 

correction. 

Figure 3.2 is a schematic of the entire ACME adaptive system. The starlight 

from the combined F/8.39 MMT focus is reflected toward an 8 in, F/3 parabola 
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MMT Array Schematic 

(jjjfj)([ff)j) 

• (jjffj) 

L• • J~ Six 1,83 m Aper'ure, 

6.67 m Baf:eline 

Figure 3.1 The MMT is an array of six 1.83 m telescopes combined to a single F/8.39 
focus. 

(NuTek, Inc.) by a 45° folding flat. The telescope focus is in the focal plane of the 

parabola, so that the diverging light is collimated upon reflection. The parabola 

forms an image of the MMT pupil very near the adaptive element which is again 

located in the focal plane of the parabola. The collimated starlight is corrected for 

aberrations at the adaptive mirror and then reflected back to the opposite side of the 

parabola to be re-focused in a symmetrical fashion. The corrected image plane has 

identical characteristics as the original combined MMT focus. The only difference 

is that the image plane has moved about 12 inches farther down the optical axis. 

After the re-imaged focal plane, the light is divided into the science and 

wavefront sensing channels. A 45° folding flat with a 1 mm (3.6 arc sec) hole in the 
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Figure 3.2 The ACME adaptive instrument schematic. Other permutations on this 
basic design are also discussed. 

center allows the guide star light to pass while reflecting the rest of the field to the 

NICMOS2 wide field integrating camera. The guide star light is then further divided 

into the various wavefront sensing channels. Figure 3.2 shows a dichroic sending the 

IR light to the InSb array and the visible to a traditional Shack-Hartmann slope 

sensor. 
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The wavefront information is sent to a 21 member transputer array loaded in 

an AT bus. The data is then processed and the output, in the form driving voltages 

from a digital-to-analog converters (DAC) , is sent to the adaptive element. 

Large matrix multiplications are common in deriving control commands for 

the adaptive element from the wavefront information. Transputers were chosen 

because their parallel architecture closely matches the kind of computing needed in 

adaptive optics. The 21 chip transputer array is capable of 25 Mflops, a vital feature 

in any adaptive optics system, and increasing this requires only the integration of 

more chips into the array. The transputer architecture is described in greater detail 

by Lloyd-Hart (1992) 

While the particular system shown in figure 3.2 was current in May 1992, there 

have been, and will continue to be, many different perturbations on this standard 

system. 

3.2.1 The Ebert adaptive relay 

The adaptive relay itself is based on the Ebert relay design often used in 

spectrographs (Schroeder 1987). With the Ebert spectrograph the entrance slit, the 

grating and the exit slit are all located in the focal plane of a spherical mirror. The 

grating is on the optical axis of the sphere while the slits are located symmetrically 

off the optical axis. A star is imaged onto the entrance slit of the system and an off 

axis reflection from a spherical mirror collimates the light emanating from the 



50 

entrance slit. The collimated light is incident on a reflection grating tilte.d to reflect 

the desired wavelength as though from a plane mirror. Then a symmetric half, 

including another off axis reflection from the opposite side of the sphere, re-focuses 

the light onto the exit slit. 

The Ebert adaptive relay shown in the top of figure 3.2 is the same optical 

system except the spherical mirror is replaced with a parabola, the grating is replaced 

with the adaptive element, and no slits are used. This relay system offers two 

desirable features. First of all, the symmetry of the system provides perfect 1: 1 on 

axis imaging while imaging the telescope pupil very nearly at the adaptive element. 

The second important feature is the preservation of the Cassegrain focus. Not only 

is the adaptively corrected focus in line with the original focus, but the pupil size and 

location with respect to the corrected image plane is also preserved. This is crucial 

to the detector systems that will use the adaptive relay since they often use cold pupil 

stops to baffle stray radiation especially in the IR. If the relay did not preserve the 

original pupil, these cold stops could not be used effectively. 

As mentioned, the adaptive element is located in the focal plane of the 

parabola but since the telescope pupil image is a finite distance (8.5 m) from the 

combined focus, the parabola images the pupil - 1 cm beyond the adaptive element. 

Again considering the low order correction made by the adaptive element, this has 

a negligible effect on the system performance. 

On axis this system gives perfect 1: 1 imaging, but due to the Petzval curvature 

of the parabola, the image plane is actually tilted with respect to the optical axis. 
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This tilt becomes significant for fields of view larger than ± 30 arcsec. 

The off axis reflection from the parabola introduces aberrations into the 

stellar wavefront. Of these, the most dominant are a comatic aberration which is 

constant over the field. The low order pupil plane adaptive correction however is 

not significantly affected by these errors and to third order these aberrations are 

exactly canceled by the second, symmetric reflection off the parabola. Appendix Al 

describes the actual optical layout of the relay as well as the reimaging science 

camera relay, while appendix A2 details the alignment procedure for the entire 

system. 

The adaptive element, figure 3.3a, was donated by Thermoelectron 

Technology Corporation now ThermoTrex. It consists of seven, 1 in diameter 

mirrors, six in a hexagonal array at 26.9 mm radius and one centrally located. Figure 

3.3b shows adaptive element dimensions as well as the dashed outline of the MMT 

pupil as imaged onto the TIC mirror. Each mirror is mounted on an actuator 

consisting three PZT elements arranged circularly at 1200 intervals. The PZT 

elements are driven by 18 high-voltage op amps (± 200 V) which are in tum driven 

by DAC outputs from the controlling PC. This provides 10 p.m of stroke in three 

degrees of freedom for each mirror. The seventh central element is not driven and 

is used only for system alignment. 



FIgUre 3.3a TIC adaptive mirror. Center 
segment is inactive. 

3.2.2 The science channel 
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I Pupil IMage on Adaptive Mirror I 

Figure 3.3b Schematic of MMT pupil 
images on adaptive mirror. 

The ACME instrument has continuously evolved since its inception. Figure 

3.2 shows a recent incarnation of the adaptive instrument where the 45 0 folding flat 

for the science channel had a 1 mm hole through its center. In a previous system, 

this mirror had no central hole but was simply not silvered over the equivalent 

central portion. This allowed a 4% reflection of the guide star to reach the science 

camera which proved very useful for astrometry, however the aberrations of a tilted 

plane parallel plate in the transmitted guide star beam were too high and the mirror 

was replaced. 

The only science camera used to date is the NICMOS2 128x128 HgCdTe array 

with pixel scales of 0.06,0.11 and 0.22 arcsec allowing 9, 18 and 36 arcsec fields of 
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view respectively. The camera is designed with plate scales twice as large as these 

so a 1:2 relay system was needed to reimage the corrected focus to the focal plane 

of the science camera with the proper magnification. Appendix A also details the 

design of this relay system. One important feature of this relay design is that an 

intermediate pupil is located on a controllable folding flat. This allows the centering 

on the array of any point in the field without affecting the pupil location at the cold 

stop in the camera dewar. This automated "wozzle mirror" greatly facilitates 

obtaining sky background frames needed when integrating on faint objects in the 

near IR. 

3.2.3The wavefront sensor channel 

While the ACME system uses a number of different wavefront sensing 

schemes, the 58x62 InSb array IR detector has preformed the majority of the 

wavefront sensing. Used exclusively at one time, it has been used for fast tip/tilt 

correction (Wizinowich et. al. 1992), neural net wavefront sensing (Lloyd-Hart et al. 

1992) and most recently for Fourier transform piston sensing (Lloyd-Hart et al 1992). 

In the system shown in figure 3.2, a visible 24x48 CCD array used in 

combination with a standard Shack-Hartmann lenslet array gives tip/tilt 

measurements on each individual mirror (Wittman 1992). Working in the visible 

with this low noise, fast CCD allows slope correction without using m photons thus 

pushing the piston sensing at the InSb array toward even fainter stars. Since 
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December 1992, the lenslet array has been replaced by the reflective Shack-

Hartmann sensor discussed in chapter 5. Using quad cell techniques, this wavefront 

sensor has used guide stars fainter than 14th magnitude. 

3.3 Perfonnance and limitations 

The limits on the performance of an adaptive optics system are the accuracy 

of the wavefront detection, the accuracy of the wavefront correction and the signal 

to noise ratio at the wavefront sensing and science channels. Wavefront sensing is 

treated in great detail in the next three chapters and so it is omitted here. Instead 

the overall performance of the ACME system is discussed including throughput and 

correction accuracy. 

3.3.1 Throughput and background 

One of the most significant factors in any adaptive optics system is throughput. 

Throughput defines the guide star magnitude limit as well as the amount of science 

that can be accomplished under adaptive correction. An ideal telescope system 

would have adaptive compensation without any added elements. This has spurred 

much work in the area of tip/tilt secondary mirrors and fully adaptive secondary 

mirrors. 

The ACME prototype adaptive relay is not ideal when considering throughput. 
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The relay itself has five reflections, four of which are off protected silver (R = 98 % 

at 'A = 2.2 J.'m) and one off aluminum (R = 95%) leading to a total relay 

transmission of 85 %. This when coupled with other losses in the system including 

the four telescope reflections off aluminum surfaces and the science channel 

reimaging optics (two more silver reflections and three lenses with Tavg = 95 %), the 

total transmission to the science camera is = 60%. While this is not ideal, the Ebert 

adaptive relay compares quite favorably against other previously mentioned prototype 

systems. 

An even more significant concern related to throughput is thermal background 

noise. Working in the near IR, the energy radiated from each warm element in the 

system can significantly increase the noise in detection. The contribution to the 

background from the sky radiation at 'A = 2.2 J.'m is negligible compared with the 

thermal radiation and will be ignored. Assuming each mirror is at 290 K, the energy 

radiates as a blackbody with an emissivity, e = 1 - R. The equation for blackbody 

radiance, L (ph cm-2 str-I S-I) is, 

€ L:::-M 
1t A (3.2) 

where M" is the spectral radiant exitance and c1 = 1.885xlO23 ph cm-2 J.'m3 S-I and ~ 

= 14388 J.'m K. For the K spectral band ('A = 2.2 ± .24 J.'m) the radiance is 8.0xHf 

from each silvered mirror (e = 0.02) and 2.1xlO10 for each aluminum mirror and 

optic (e = 0.05). The total radiance is then 2. 16xlO11 ph cm-2 J.'m3 S-I. Assuming an 
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FlU greater than =:: 2 anywhere in the system, the radiation (ph cm-2 S-I) due to 

each warm optical element (Dereniak 1984) is given by, 

L fll =--
bkg 8F/#'-

(3.3) 

where QE is the detector quantum efficiency. Because different plate scales are used 

with this system, a more useful flux measure is in ph S-I arcsec-2
• The conversion 

factor is C = (FIU)2D212062652 where D is the telescope diameter. Combining 

equations 3.2 and 3.3, the expected thermal background flux per square arcsec in the 

detector plane is 3.0x109ph S-I arcsec-2 when imaging with a single MMT mirror. For 

comparison, at the Cassegrain focus the background from the four telescope 

reflections would be 1. 7x 109 ph S-I arcsec-2 • 

The problem of thermal radiation is partially alleviated by using a narrow K 

band filter that blocks much the infrared end of the K spectral band. Thermal 

radiation of a 290 K blackbody peaks at A = 1O.3/-tm. Because the radiation falls 

off as one moves toward the visible, blocking the infrared end of the K band 

decreases the relative amount of thermal background. 

3.3.2Correction accuracy and resolution 

The ACME system is designed for low order adaptive correction namely tip, 

tilt and piston of each individual primary mirror as mapped onto the adaptive 

element. This means that correction can only be done for 17 degrees of freedom ( 
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2*6 tip/tilt and 5 pistons about the mean). Wavefront phase errors due to 

turbulence have high frequency components which will not be corrected by the 

system. Lloyd-Hart (dissertation 1991) has done an extensive numerical analysis of 

the amount of residual phase errors expected after adaptive correction. 

For a single aperture, Noll shows that the residual mean square phase error 

after tip, tilt and piston are removed from the wavefront is, a r
tih = .134(O/ro)513 rad2 

(equation 2.3). Using this relationship, it can be shown that if D/ro ~ 3 the 

corrected wavefront will have mean square phase errors less than 1 rad2 thus defining 

a balance between complexity of correction and image improvement. With a K band 

ro of 1.0 m, tip, tilt and piston correction of each 1.83 m primary, D/ro = 2, yields a 

residual mean square phase error of 0.37 rad2
• 

The Strehl ratio, defined as the ratio of the peak image intensity to the 

diffraction limited peak, is a standard measure of image qUality. When the mean 

square errors are less than 2.3 rad2
, the Strehl ratio can be approximated by S ::::; e°t.. 

For tip, tilt and piston correction of a single MMT mirror under the conditions given 

above, the best expected Strehl ratio is then S = 0.69. Numerical calculations show 

that the expected Strehl ratio of an uncorrected single mirror image is S = 0.25. 

The best achievable resolution using single mirror and tilt only multi-mirror 

correction is a FWHM of AID, which for the MMT at A = 2.2 J,Lm is 0.247 arcsec. 

Tilt only correction with all six of the MMT mirrors provides no added resolution 

over single mirror correction but simply increases total flux. The real gain in 

resolution comes when all six mirrors are corrected for relative piston as well as tilt. 
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The six MMT mirrors then effectively function as a single mirror providing the 

diffraction limited resolution of a 6.87 m aperture instead of the single 1.83 m 

aperture resolution. The K band FWHM of a diffraction limited image from a 6.87 

m aperture is 0.066arcsec. This brings out the important consideration that in order 

to achieve high Strehl ratios along with high resolution, the tilt correction of each 

single mirror should be on the order of the FWHM of the diffraction limited image. 

To date, there has been no simultaneous slope and piston correction at the MMT. 

3.4 Specific systems and results 

The first major accomplishment with the ACME system was simple tip/tilt 

correction using one or two of the MMT mirrors done in May 1991. The system 

used the InSb array to track image centroids either by brightest pixel centering or by 

the standard weighted sum algorithm. The science camera folding flat was not 

mirrored over the central 10 arcsec to allow the guide star to pass through. The rest 

of the field was folded to the NICMOS2 1282 camera for long exposure imaging. 

While fast steering is not actually considered adaptive optics by some since tilt alone 

does not affect the instantaneous image quality, it does provide partial correction 

over a larger field of view than complete single conjugate pupil plane correction. 

Centroiding the guide star image from a single MMT mirror at 75 Hz, we imaged a 

30x30 arcsec field centered on the object BN (Becklin-Neugebauer) in the Orion 

nebula (Figure 3.4a). At a pixel limited 0.5 arcsec FWHM, this is currently the 
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highest resolution K band image of BN. Figure 3.4b is an image obtained over the 

same field with the Steward Observatory 2.3 m telescope at 1.5 arcsec FWHM shown 

for comparison. Notice in figure 3.4a the dark central hole in the folding flat with 

BN reflecting from the center at about 4 %. This provided a useful way of measuring 

stellar positions with respect to the BN object. Comparing the FWHM of stars near 

BN with those of stars at the edge of the field one finds the isoplanatic patch 

extending across the entire field of view. 

<---- -30" > 
Figure 3.4a Object BN with single 
mirror tilt correction at the MMT. 
FWHM = 0.5 arcsec at ~ = 2.2 JLm. 

< 30" --------> 
FIgure 3.4b Object BN as imaged by 
Steward Observatory 2.3 m at A = 2.2 
JLm. 

Another accomplishment made with the ACME instrument during this same 

telescope run was global tilt correction using two mirrors simultaneously, a method 

called adaptive phasing (Wizinowich et al. 1992). Two MMT mirrors with a baseline 

separation of 2.52 m were initially brought into phase by the active (not real-time) 

phase control system which allows manual adjustment of the MMT beam combiner. 
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Then, the two mirrors are tilt corrected as one to move the brightest pixel of each 

image frame back to the center of the frame. The two beam interference pattern 

was stabilized in the integrated image. Using the triple system Gamma Andromedae, 

we guided on 'Y 1, a 5.1 K band magnitude star while integrating on the binary pair 

"/located 11 arcsec from the 'YI guide star. Figure 3.5 (Lloyd-Hart et a11992) shows 

the corrected (left) and uncorrected (right) integrated images of this 0.56 arcsec 

separated binary. Both images are from 5 s integrations. Notice the interference 

fringes in the 'Y2 binary. This suggests that the isoplanatic patch with this kind of 

phase tracking is at least ± 22 arcsec in good agreement with the BN image. 

<---1.0"----> 

Figure 3.5 K band images of the binary 'Y2 with (left) and without (right) adaptive 
phasing. The binary separation is 0.56 arcsec. 

In September 1991, the ACME instrument was used for the first adaptive 

correction of a segmented telescope using neural net wavefront sensor. Two adjacent 

MMT mirrors were corrected for tip, tilt and relative piston using a pair of in and 

out of focus images as input to a neural net. The two images were simultaneously 

imaged onto the 58x62 IR detector using polarizing beam splitters to increase the 
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optical path of one polarization relative to the other. The amount of defocus for this 

experiment was - 1 wave pv. The network is trained in the lab to recognize 

aberrated wavefronts from such in and out of focus image pairs. Figure 3.6 shows 

a typical result using the star '" Peg with 11 s integrations. The image with neural 

net correction (left) preserves the two beam fringe pattern missing from the 

uncorrected image. The fringe spacing is 0.2 arcsec with 0.08 arcsec FWHM 

resolution across the fringes. The uncorrected image (right) shows a seeing disk 

FWHM of 0.68 arcsec. 

< -------1.0" ----> 
Figure 3.6 Two mirror K band images of 'I' Peg with (left) and without (right) neural 
network wavefront correction. Both are 11 s integrations. 

A more recent telescope run with the ACME instrument in May 1992 

continued efforts at tip/tilt correction as well as for the first time ever achieving the 

diffraction limited resolution of the MMT using a Fourier transform phasing 

technique for five of the six mirrors. Figure 3.2 is in fact a schematic of this recent 

configuration of the ACME instrument. A dichroic beam splitter sends the IR to the 

58x62 InSb array while passing the visible down to the slope sensor. The wavefront 

slopes were measured in the visible by imaging each MMT mirror onto a single 
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lenslet of a Shack-Hartmann array. The six individual stellar images formed by the 

lenslets were then imaged onto a low noise fast read out CCD. The motion of these 

images between exposures is a measure of the overall wavefront slope over each of 

the MMT primaries. The idea of slope sensing in the visible for correction in the 

infrared, first proposed by Woolf (1982), allows more IR photons for phase sensing. 

This in tum leads to a fainter guide star limit and more sky coverage. Wittman (et 

al. 1992) shows that the tilt correlation between the visible and IR is better than 

0.018 arcsec rms. With correction on five of the six mirrors, the FWHM was 

improved from 0.52 arcsec to 0.32 arcsec and the peak intensity was doubled. 

A promising phase sensing algorithm developed by Lloyd-Hart (1992) uses 

short exposure images recorded with the InSb array. The Fourier transform of the 

images exhibit soft peaks at locations corresponding to the fringe spacing of the two 

beam 

interference between the various pairs of mirrors of the MMT. The relative phase 

at these locations is a measure of the piston error between the mirrors in each pair. 

The phase is then reconstructed by pistoning each mirror relative to the mean value. 

Due to the symmetry of the MMT pupil, only five of the six mirrors could provide 

unambiguous phase information. Piston correction at 43 Hz using this algorithm 

achieved for the first time ever an integrated image with diffraction limited 
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resolution on the five MMT mirrors. Because no slope correction was implemented 

during these integrations, the diffraction limited point spread function (PSF) appears 

as a 5% addition to the seeing limited image halo. Figure 3.7 shows images with 

(bottom) and without (top) phasing and figure 3,8 shows the diffraction limited 

pattern with the seeing halo subtracted in post-processing. The uncorrected image 

is a 20 s integration and shows a 0.78 arcsec FWHM. The corrected image is a 50 

s integration and shows a central spike of 75 milliarcsec FWHM, making this the 

highest resolution long exposure image ever obtained in the K band. The obvious 
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next step is to combine the Fourier phasing with the slope correction to improve the 

image to truly diffraction limited performance. 

3.5 Future implementations 

The next telescope run with the ACME instrument will combine the Fourier 

phasing technique just described with a new reflective Shack-Hartmann slope sensor. 

The new slope sensor is the subject of chapter 5 and will only be briefly explained 

here. The telescope pupil is imaged onto a segmented mirror with steering control 

for each individual segment. The images formed by each segment can be directed 

onto the center of a quad cell slope sensor allowing very light efficient visible slope 

measurements. This system combined with the Fourier phasing should be capable of 

diffraction limited imaging with five of the six MMT mirrors. Numerical simulations 

indicate that the combined correction should bring Strehl ratios of 0.43. 

The camera systems are also currently being upgraded. The visible CCD 

detector will be upgraded providing read out noise of 6 e- and 50 kHz pixel read 

rates. Another modification will be to replace the 58x62 JnSb array with a 

NICMOS3 HgCdTe array which is capable of less than 30 e- readout noise, a factor 

of ten improvement over the current detector. 

With the MMT scheduled to be upgraded to a single 6.5 m mirror in 1995, the 

ACME instrument must also change. The obvious first change will be to modify the 

adaptive mirror to accommodate a filled aperture telescope. This is most easily 
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accomplished by replacing the 1" circular mirrors of the adaptive element with 

keystone mirrors that will fill the entire pupil plane. The reflective slope sensor is 

already designed for a filled aperture and should continue to work with the upgraded 

telescope. The instrument when modified for filled apertures will then be available 

for use on other telescopes such as the Steward Observatory 2.3 m on Kitt Peak. 

As adaptive secondary mirror systems become reality, the ACME instrument 

will again need modification for use in multi-conjugate adaptive systems where the 

secondary would correct lower atmospheric turbulence and the ACME instrument 

would correct the upper layer turbulence. Modifications to the instrument, however, 

may be too large to justify and the ACME instrument would then be relegated to a 

test instrument or dedicated to a telescope without an adaptive secondary. 
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The performance of an adaptive optics system is ultimately limited by the 

accuracy of the wavefront sensor. Efficiency considerations in both speed and 

accuracy will favor certain wavefront sensing methods over others. This chapter 

serves as an introduction to the last two chapters which describe two new methods 

of sensing atmospherically distorted wavefronts. It places special emphasis on those 

wavefront sensors suitable for adaptive optics. 

There are two major categories of wavefront sensing, indirect and direct phase 

error measurement. Indirect wavefront sensors measure some parameter related to 

the wavefront, often the first or second derivative, and then integrate to reconstruct 

the wavefront phase errors. These indirect wavefront sensors most often use 

geometrical measurements of the wavefront which contain no inherent phase 

information. Because of this, they can operate using an extended source or object. 

Indirect sensing is the more traditional method of measuring large wavefronts due 

mainly to the fact that it can use a diffuse source. Direct measurement, as the name 

implies, measures the phase differences between two wavefronts directly. It relies 

on the interference of coherent light to recover the desired phase information. 
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Direct phase measurement, developed long before lasers and used to test relatively 

small optical surfaces, has come into prominence with the advancement of lasers as 

a tool for measuring surface profiles of all sizes. Phase shifting interferometry is 

often incorporated into direct wavefront sensors for increased accuracy and precision. 

Direct methods are generally more accurate and repeatable but they do not work on 

diffuse sources. Malacara (1992) gives a more detailed look at each of these 

wavefront sensors and as well as many others. 

4.2 Indirect wavefront sensors 

The most basic of all indirect wavefront sensors is the star test. The test is 

just a visual through-focus inspection of the image of a point source. The images in 

the presence of wavefront aberrations will deviate from the perfect images formed 

by the aberration free system. This provides a qUalitative measure of the wavefront 

with respect to a perfect spherical wavefront. While technically an indirect wavefront 

sensing method, the passive star test requires only the manual defocusing of the 

image, relying mostly on the expertise of the observer to determine the aberrations 

present. 

The indirect wavefront sensors described here require some sort of active 

wavefront manipulation. With the exception of the shearing interferometer, indirect 

wavefront sensors are generally geometrical in nature although physical treatments 

have brought about some significant advancements. There are many similarities in 
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the theory behind each of the different methods. For example, most indirect 

wavefront sensors such as the knife-edge test, the wire test, Ronchi ruling and the 

shearing interferometer all measure the first derivative, or the slope, of the 

wavefront. Another common theme is the through focus measurement of the 

wavefront. Mentioned in the star test, it is also used in the Hartmann screen test 

and curvature sensing. 

Because of their relevance to adaptive optics, only the shearing interferometer 

and the Hartmann based slope sensors will be discussed. 

4.2.1 Shearing interferometer 

Under coherent illumination, when the image of a pupiJ is slightly displaced 

with respect to itself, an interference pattern is produced that provides a measure of 

the slope of the wavefront. This is the basis for one of the only indirect wavefront 

sensors that relies on interference, the shearing interferometer. Aside from 

applications to optical shop testing, shearing interferometers have been used in 

turbulence and flow measurements and have also been applied to sub-aperture slope 

sensing for adaptive optics systems (Hardy 1975). 

The shearing interferometer has literally dozens of variations. The shear itself 

can be a lateral displacement, a rotational displacement, a radial contraction or a 

wavefront reversal. While methods of implementing these wavefront shears can be 

as simple as a tilted plane parallel plate, alternative methods employ various prisms 



69 

setups, use gratings similar to the Ronchi ruling, or use more traditional Michelson 

or Mach-Zehnder interferometers. The interpretation of the fringe patterns differs 

with each type of shear, however, the basic theory remains the same throughout. In 

this review only the lateral shearing interferometer will be considered. 

The fringes resulting from the interference between identical wavefronts 

superimposed on each other with a small lateral shear, S, in the x direction obey the 

following relationship, 

( () ~~'Y»)s = rnA (4.1) 

where m is the fringe number and A is the wavelength. This equation becomes exact 

in the limit that S - O. There is, however, a trade off in that the sensitivity increases 

with S (ie. more fringes per given ox) and some compromise must be reached. With 

the shearing interferometer, once again the fringe pattern is a measure of the 

wavefront slope yielding fringes with similar patterns to those from the knife-edge 

and Ronchi ruling tests. It should be noted that rotationally symmetric aberrations 

can be detected with a single shearing interferogram but non-rotationally symmetric 

aberrations require at least two different, normally orthogonal, shears. The 

equivalent is true for the Foucault, wire and Ronchi tests. 

4.2.2 The Shack-Hartmann wavefront sensor 

Screen tests have become a widely used method for geometrically measuring 
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entire wavefronts to very high accuracies. Screen tests have the advantage over 

knife-edge and wire tests of gre.atly increased sensitivity to small local wavefront 

errors. They also have the advantage over direct wavefront sensing techniques in 

that they can be made insensitive to turbulence and vibration. For these reasons, 

they have come into prominence in testing large telescope mirrors. More recently, 

interferometric techniques have been employed to allow the Hartmann test to 

directly measure the wavefront phase step between sub-aperture locations (Korhonen 

et al. 1991). 

The classic Hartmann test places a screen of radially symmetric holes the front 

of the concave mirror under test. A point source of light is placed slightly inside the 

radius of curvature of the test surface. The point source is then reimaged by the test 

surface just beyond its original location allowing access to either side of the focal 

plane. A single detector or photographic plate placed between the focal plane and 

the test optic will record an array of spots corresponding to the spots on the 

Hartmann screen. In the presence of aberrations, the spot locations will deviate from 

the ideal locations predicted by ray tracing. If the spot locations at the test optic and 

the distance from the optic to the detector are known, the expression relating the 

wavefront slope to the spot deviation is as follows, 

oW(x,y) = Ax (4.2) 
ox L 

where L is the detector distance from the pupil and .!lx is the deviation of the spot 

location from the ideal spot location. 
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There are many modifications to the basic Hartmann screen test, most of 

them concerning the distribution pattern of the sub-apertures, however, one of the 

most significant modifications is the Shack-Hartmann slope sensor (Shack and Platt 

1971). By reimaging the pupil onto an array of small 1enslets, one is able to derive 

the same information as the screen test but in a much more compact and practical 

system. This system is very light efficient, a desirable feature for an adaptive optics 

wavefront sensor. Chapter 5 develops a reflective variation of the traditional lenslet 

array based Shack-Hartmann slope sensor designed for adaptive optics wavefront 

sensing. Fugate (et al. 1992) also uses a Shack-Hartmann sensor for wavefront 

sensing in an adaptive optics system currently achieving the highest degree of 

wavefront correction in the world. 

Figure 4.1 is a schematic of a Shack-Hartmann slope sensor. The lenslets are 

easily, and very accurately, fabricated out of plastic and most often arranged in a 

rectangular array. By collimating the light incident on the array, each lenslet will 

form an image located at the center of its local optical axis, given a perfect incident 

wavefront. Wavefront errors cause these spot locations to deviate from center. The 

position of these spots is related to the slope of the wavefront across each lenslet by 

equation 4.2. Often a spot pattern using a known wavefront is taken as a reference 

rather than relying on accurate registration between the detector and the lenslet 

array. Wavefront slope errors are then measured against this reference. 
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Shack-Hartlllann Slope Sensor 

Detector array l 

Perfect Wavefront Aberrated Wavefront 

Figure 4.1 Schematic of a Shack-Hartmann wavefront sensor with a perfect and an 
aberrated wavefront. 

4.3 Direct wavefront sensors 

Direct interferometric wavefront sensors require the division of an initial 

wavefront into two wavefronts. With some alteration of one of the wavefronts 

relative to the other, they are then recombined to produce interference. There are 

two basic ways of dividing the wavefront, either by amplitude or wavefront splitting. 

Amplitude splitting divides the original wavefront into two separate wavefronts, each 

retaining the original wavefront characteristics. Once divided, one of the wavefronts 

is altered and then the two wavefronts are recombined. Amplitude splitting 

interferometers are predominantly used in laboratory environments where it is easy 

and desirable to control the wavefronts. A Michelson interferometer is an example 

of an amplitude splitting interferometer. A wavefront splitting interferometer 
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physically separates the original wavefront into two dissimilar components. The 

alteration between the two components occurs at the wavefront splitting itself. These 

types of wavefront sensors are most often found in field environments where little 

wavefront control is available. 

Because direct wavefront sensing requires measurement of the phase of the 

wavefront, all sensors of this type must use the interference of coherent light in some 

manner. It is therefore necessary to discuss the topic of coherence before describing 

direct wavefront sensors. 

4.3.1 Coherence 

The degree of interference is directly affected by the spatial and temporal 

coherence of the light source. Assuming diffraction limited imaging and no other 

losses in the system, the fringe visibility, V, is a measure of the coherence and is 

defined as, 

(4.3) 

where Iwu and IOlin are the maximum and minimum intensity values of an 

interferogram. The complex degree of coherence, 'Ydr), includes both spatial and 

temporal effects and r is a difference in time. This difference, when multiplied by 

the speed of light, c, is converted to a measure of the OPD. 
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It is often convenient to split the complex degree of coherence into a spatial 

and temporal component, udO) and ul1(r) respectively. The spatial, or mutual, 

coherence function can be calculated using the Van-Cittert Zernike theorem (Born 

and Wolf 1980). Referring to figure 4.2, the correlation between intensity 

measurements at points PI and P2 is given by, 

(4.4) 

where the V mi are the intensity disturbances at point i from source area Urn and m ¢ 

n in the second summation. Assuming quasi-monochromatic light and statistical 

independence the right hand summation is identically zero. And using the small 

angle approximation, the rest of the equation can be converted to an integral. When 

normalized, the integral becomes the mutual coherence function, 

ei't faf 1(~,T)e -ik(p~ + qll)d~ dT) 

faf 1(~,T)d~ dT) 
(4.5) 

This has the familiar form of a normalized Fourier transform, leading to the 

important rule that when in the small angle regime, the mutual coherence junction, U/2, 

is equal to the Fourier transform of the source function. There are two important 

limits to this relationship, a point source and zero OPD. In the case of a point 

source, the Fourier transform is a constant. This means that a point source has 

infinite spatial coherence. In the case of zero OPD, the spatial coherence is unity 

no matter what the original source function. This is proven by the central ordinate 
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theorem where, given a normalized source function, the value of the Fourier 

transform (its spatial coherence) at its center is always unity. 

y 

-p X 
1 

o· 

Figure 4.2 Illustration for the Van-Cittert Zemike theorem. 

A simple method for calculating the spatial coherence more directly applied 

to interferometers is to determine the difference in OPD experienced by light 

emitted from two points separated by half the total extent of the source. Malacara 

points out that to meet the Rayleigh criteria, the difference in OPD should be ~ 

'A/4. This would cause the superposition of two identical fringe patterns with a 900 

phase shift between them. A 1800 phase shift would superimpose the maxima of one 

pattern on the minima of the other, completely washing out the interference fringes. 

When the source is a point source, the coherence is defined by the temporal, 

or self coherence, ul1(r). The temporal coherence is also explained either rigorously 

as the Fourier transform of the spectral density, or again by the superposition of 

fringes slightly out of relative phase. Given a spectral density, G(v), it can be shown 

that the self coherence is simply the normalized Fourier transform or, 

When using the latter approach of phase shift effects, it is the frequency 



fo'" G(v)e -i2nvT dv 

fo"G(v)dv 
(4.6) 
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bandwidth that causes the phase shift. Interferometers themselves (Wizinowich 1990) 

may be based on the fact that a phase shift in the interference pattern occurs when 

slightly different frequencies of light are used in an unequal path interferometer. 

The bandwidth of the light source used in an interferometer, therefore, dictates the 

allowable OPD. Again using the Rayleigh criteria, the largest allowable OPD for 

two frequencies separated by Av is given by, 

C A2 
OPD ~ -- =-- (4.7) 

4Av 4t::.A 

If the spectral distribution is flat, the maximum bandwidth that satisfies the above 

relationship is 2Av. For a Gaussian distribution of frequencies the above expression 

becomes, 

(4.8) 

where Av is the bandwidth standard deviation. It can be shown that this last 

expression is a direct result of the Heisenberg uncertainty principle, AEAt :s; n. 

4.3.2 Michelson interferometer 

The Michelson interferometer and the Twyman-Green interferometer are 
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essentially identical in form differing only in that the Twyman-Green is generally 

associated with the use of a quasi-monochromatic point source imaged at infinity, 

where as the Michelson uses a wide band, uncollimated, extended source. The 

Twyman-Green is probably the most used laboratory wavefront sensor of all. It is 

used to test mirrors, lenses, microscope objectives, glass plates, prisms, and turbulent 

flow and more. 

The basic configuration consists of a beam splitter plate which reflects half of 

the incident light into one arm of the interferometer while passing the rest into the 

other arm. Mirrors in either arm reflect the light directly back toward the beam 

splitter that then recombines the two beams. Constructive interference occurs 

whenever the OPD between the two arms is an integer number of wavelengths. 

Because the incident light that is reflected from the beam splitter first only 

passes through the glass of the beam splitter once, a glass compensator is often used 

to ensure equal optical path lengths in each of the two arms. Equal optical paths are 

required when using extended, broadband or white light sources with very small 

coherence lengths. Laser point sources have very large coherence lengths and 

therefore allow vastly unequal path lengths between the test and reference arms. In 

fact, laser sources are used in testing large telescope primary mirrors where path 

differences can exceed 30 m. 
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4.3.3 Mach-Zehnder interferometer 

Unlike the Michelson interferometer, the Mach-Zehnder interferometer is a 

single pass system. The light in each arm passes through only once. When 

aberrations are introduced within one arm of the interferometer, a Mach-Zehnder 

interferometer yields fringes corresponding to path length changes of one wave 

instead of changes of one half wave as does the Michelson. This is advantageous 

when testing optics with large wavefront aberrations as well as density variations in 

compressible gas flows. The Mach-Zehnder also allows differential splitting of the 

wavefront amplitude using two beam splitters instead of the same one twice. It is 

this advantage that brought the SPSI phase n design to the Mach-Zehnder 

configuration. The disadvantage of the Mach-Zehnder configuration is that 

alignment is tedious especially when zero OPD is desired. 

4.3.4 Common path interferometers 

One of the problems in using either the Twyman-Green or Mach-Zehnder 

style interferometer is that the light in the test arm travels a different path than that 

in the reference arm. When more turbulence (vibration, air flow etc ... )is present in 

one arm than the other, the interference pattern will show not only the desired OPD 

but also the effect of the differential turbulence. When testing large optics with large 

path differences, this becomes the limiting factor in the test accuracy. To eliminate 
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this problem, common path interferometers were developed, where the test and 

reference beams traverse identical paths. There are several different types of 

common path interferometer. The scatter plate interferometer (Burch 1962) and the 

previously described shearing interferometer are both examples of common path 

interferometers. 

The common path interferometer most pertinent to this work is the point 

diffraction interferometer (PDI). Brought to prominence by Smartt (1975), it uses 

a small hole the size of the FWHM of a diffraction limited image within an 

attenuating plate located in the image plane to produce a spherical reference 

wavefront. The interference occurs between this spherical wavefront and the 

aberrated wavefront passed by the attenuating plate. Because the point diffraction 

interferometer is the basis for the SPSI and the theoretical development of the PDI 

is important to the understanding of how the SPSI works, it will be discussed in full 

detail as the introduction to chapter 6. 

4.4 Phase shifting interferometry 

With a static interferometric wavefront sensor, the average phase difference 

between the test and reference beams is fixed. The desired wavefront phase data is 

obtained only at the centers of each fringe in the interferogram. This means that a 

complete map of the wavefront requires interpolation between the data points. If 

however, the relative phase difference between the test and reference beams can be 
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changed, it is possible to get a direct phase measurement at each detector pixel. This 

technique, called phase shifting interferometry was first proposed by Carre (1966) 

and is used mainly for the testing of optical surfaces under laboratory conditions. 

Phase shifting has several advantages over fixed phase interferometry. Fixed 

phase interferometry is limited by the accuracy to which the fringe centers are 

located. This is best accomplished using imaging cameras but is still limited to about 

1/10 of the fringe spacing, due in part to intensity variations within the interferogram 

such as fixed pattern noise. Phase shifting interferometry not only estimates the 

phase at each detector pixel it is also insensitive to intensity variations since one 

takes the difference between given interferograms. Another advantage over fixed 

phase interferometry is that phase shifting algorithms work equally well on any given 

fringe pattern. The accuracy of fixed interferometry, on the other hand, is affected 

by the fringe pattern. Wide fringe spacing, for example, offers the highest resolution 

interferogram but the fewest number of data points. This increases the degree of 

interpolation and degrades estimation accuracy. The repeatability of phase shifting 

interferometry is also much better than that of standard interferometry. Lastly, a 

fixed phase map is ambiguous as to whether contours are bumps or holes. Controlled 

phase shifts provide the added information needed for unambiguous phase contours. 

In general, one needs at least three interferograms, known as "buckets," with 

known phase shifts between them in order to obtain a complete phase map. For 

example, given three interferograms with '/1./4 shifts between them, the wavefront is 

derived by the following trigonometric relationship, 



if, 

then, 

IA (X,y) = 10 [1 + y Cos(c!> +..!:)] = 10 [1 + y sin(4))] 
2 

IB(x,y) = 10 [1 + y cos(4))] 

le(x,y) = 10 [1 + y cos(4) -..!:)] = 10 [1- Y sin(4))] 
2 

OPD(x,y) = l:...4> = ~arctllJ IA -Ie 1 
21t 21t l21B - (lA + Ie) 
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(4.9) 

where the Ij(x,y) are the intensity profiles of each interferogram and 'Y is the fringe 

visibility. This is but one of the many algorithms used in phase shifting 

interferometry. Others include 4 and 5 bucket techniques, the 2 + 1 algorithm, the 

Carre algorithm and the least squares algorithm. The precision of these methods 

vary, but under good conditions they produce wavefront maps to better than A1200 

rms. 

Many of the standard interferometers are readily adapted to phase shifting. 

The Twyman-Green, Mach-Zehnder and Fizeau interferometers all have phase 

shifting counterparts. In fact, SPSI (chapter 6) is a hybrid between a point diffraction 

interferometer and a Mach-Zehnder interferometer designed to incorporate phase 

shifting as well. Common path interferometers such as the scatter plate are more 

difficult to adapt and are therefore rarely used in phase shifting interferometry. 

4.5 Wavefront sensing for adaptive optics 

Despite the wide variety of wavefront sensors, only a few are suitable for 
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adaptive optics (AO) systems. To date, the Shack-Hartmann lenslet array is the most 

successful and widely used, followed closely by the shearing interferometer. These 

are both used in large array, higher order corrective systems. Curvature sensors and 

neural networks are two new methods showing promising results in lower order 

correction. What all of these wavefront sensors have in common is efficiency. 

Because of the tough performance demands, efficient wavefront sensors need to 

match the level of correction of the adaptive optics system, providing all of the 

necessary information and nothing more. 

4.5.1 Performance demands 

The performance demands for wavefront sensing in AO systems are much 

more severe than those encountered in most laboratory or optical shop environments. 

These wavefront sensors must perform quickly, be light efficient and, of course, 

provide very accurate phase error estimates. All of the increased demands stem from 

the single requirement that the wavefront must be accurately estimated within the 

temporal coherence of the turbulence. As mentioned earlier, wavefront sensing must 

be accomplished in the order of a few tens of milliseconds for IR systems. These 

short integrations compromise signal-to-noise ratios. Compounding the low SNR 

problem is that very faint guide stars are needed to provide adequate sky coverage. 

How faint must the guide stars be to provide adequate sky coverage? 

Although laser guide stars can be placed anywhere in the sky, they provide no global 
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tilt information. This means that natural guide stars will always be needed in 

astronomical AO systems. A measure of natural guide star availability, MIOO(h is 

defined as the magnitude threshold allowing 1000 guide stars per square degree of 

sky. At a galactic latitude of - 35 degrees and in the K wavelength band (A = 2.2 

JLm) one needs to look as faint as MIOOO = 14.5 and in the V band (A = 0.55 JLm) as 

faint as MlOoo = 17.3 to reach the 1000 guide star threshold (McCarthy and Angel 

1991). A 14.5 magnitude star in the K band yields -15,850photons/m2/s which, 

assuming 75% throughput and a 10 ms exposure, means only 120 photons at the 

detector per square meter of aperture. 

Furthermore, with the new 8 m class telescopes currently under development, 

D/ro values will be higher than ever before, again increasing the performance 

demands of an AO system. Accurate wavefront sensing is especially critical to AO 

systems used on these new large telescopes since errors compounding over the entire 

aperture will quickly degrade the image quality. The larger apertures are also 

capable of higher resolution demanding even more accurate sub-aperture correction. 

Wavefront sensing accuracy thus defines the upper limit of performance of these AO 

systems. 

4.5.2 Optimizing photon efficiency 

The high photon efficiency of an adaptive optics system is vital to its utility. 

As shown above, at 2.2 JLm the probability of a guide star lying within the isoplanatic 



84 

angle of the object of interest does not become favorable until guide stars of 

magnitude 14.5 can be used in wavefront sensing. In order to achieve high photon 

efficiency , the goal of any wavefront sensor is to provide the most information about 

the wavefront using the smallest number of detector pixels. 

There is a great deal of effort currently aimed at solutions to this efficient 

wavefront detection problem. The curvature sensor developed by Roddier corrects 

for the first nine Zemike wavefront aberration polynomials using only 26 (2x13) 

pixels. Another method developed by Sandler and Angel (1990) uses a trained 

neural network to recognize the lower order aberrations from a pair of in and out 

of focus images. Again using few pixels (2x25), the lower order aberrations can be 

corrected. 

Although the adaptive optics knowledge developed by the military over the 

past 20 years is now declassified, much of this work due to its complexity is not 

directly applicable to the needs of the astronomical community. One important 

development however is the use of a quad cell (four adjacent detector pixels) for sub

aperture Shack-Hartmann slope detection. Given a square array detector geometry, 

quad cell detection is the most photon efficient method of determining sub-aperture 

image motion. The use of a quad cell for Shack-Hartmann slope detection is the 

basis of the new, photon efficient reflective wavefront sensor developed in the 

following chapter. 
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Chapter 5 

The Reflective Shack-Hartmann Wavefront Sensor 

5. I Introduction 

As discussed in chapter 4, the Shack-Hartmann wavefront sensor is one of the 

most successful wavefront sensors in adaptive optics. When combined with quad cell 

detection it provides a very high information/pixel ratio. This chapter describes a 

new wavefront sensor based on the efficient Shack-Hartmann quad cell system. The 

key improvement to existing designs is an alternative to the lenslet array. The 

traditional refractive lenslet array is replaced with a segmented reflective system that 

allows individual control of each subaperture. With its origins in the Schwarz schild 

two mirror relay, the reflective array provides larger detection bandwidths and faster 

final focal ratios than possible with standard refractive arrays. But, the real 

advantage of the reflective array is the ability to tune the wavefront sensor for 

maximum performance using standard CCD detectors. 

Most quad cell Shack-Hartmann slope sensors rely on a dead reckoned 

alignment between the lenslet array and the detector elements. Because detectors 

are predominantly square arrays, so then are lenslet arrays. A problem arises in 

attempting to match a square array and a circular telescope aperture. The reflective 

Shack-Hartmann wavefront sensor solves this problem by using individually 
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controllable sub apertures to steer the subaperture images to any desired location. 

These subapertures can then be any shape and in any pattern and still allow the use 

of traditional square arrays for quad cell slope detection. Another problem with 

dead reckoning the lenslet array and the quad cell detector is that it is never quite 

perfect. This leads to errors in the zero point definition of the centroid. In other 

words, given a plane wavefront, the image produced by a particular lenslet may not 

fall exactly in the center of the quad cell. To correct for this, either a reference set 

of image locations from a known wavefront must be subtracted from each 

measurement or the zero point must be defined in software. The result of either of 

these is a loss of dynamic range and sensitivity in the slope detection as well as a 

systematic slope detection error dependent upon the instantaneous image size. The 

reflective array again solves the problem because of the controllable subapertures. 

The image formed by each subaperture can be accurately centered on the quad cell 

such that only one detection is needed for each slope estimate. This is described in 

more detail in a later section. 

Presented here are the design, expected performance and preliminary results 

of the reflective Shack-Hartmann wavefront sensor. It is shown that limiting guide 

star magnitudes of V IlllIIl = 15 can be achieved with this system, limited to a large 

extent by the sensitivity and noise of the detector itself. 
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5.2 The Schwarzschild two mirror system 

The relay used in the Shack-Hartmann wavefront sensor is a refractive hybrid 

of the classic Schwarzschild two-mirror design. The classical Schwarzschild system 

(Smith 1990), figure 5.1, consists of a convex primary mirror and a larger concave 

secondary. Both spherical surfaces have a common center of curvature. With the 

stop at the second surface and when used at infinite conjugates, there is complete 

correction of third order spherical (SA3), coma (CM3) and astigmatism (AS3) if the 

system obeys the following relationships, 

Distance between mirrors 
Convex radius 

Concave radius 

s = 2/ 
Rl = (f5 -1)/ (5.1) 

~ = (f5 +1)/ 

where f is the focal length of the system. When these conditions are met, the third 

order aberrations produced at the first surface are exactly canceled by those from the 

second. The residual Petzval curvature is such that the aberration free focal surface 

is itself a sphere centered on the same center of curvature as the two mirrors. Fifth 

order aberrations, while relatively small, remain uncorrected. The relay in figure 5.1 

is normalized to unit focal length and final focal ratio. 

As the segmented lenslet array in a quad cell slope sensor, the Schwarzschild 

design has several advantages. The system has excellent on axis imaging properties 

at focal ratios as fast or faster than FIt. As explained later, the desired focal ratio 

of the system is F12 to achieve a final plate scale of 0.4 arcseclpixel. Another 
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Figure 5.1 The normalized Schwarzschild two mirror telescope with a linear 
obscuration ratio of 1:2.2. 

desirable feature of this design is absence of refractive elements. The performance 

is then equal for all wavelengths. The last and probably most important benefit of 

this two mirror design as a Shack-Hartmann array is the fact that only spherical 

elements are used. Spherical mirrors are easily manufactured and relatively 

inexpensive. They also are very forgiving when considering aberrations introduced 

by the tilts needed to steer the subaperture image onto the desired quad cell. 

The Schwarzschild system does however have limitations. One of the greatest 

is that the diameter obscuration ratio is 1 :2.2, severely limiting its application as a 

two mirror telescope. Also, as a general rule, the size of the secondary is dependent 

on the stop location. A trade off then occurs between good off axis performance and 

a reasonable secondary size. Despite these limitations, this two mirror system is 



89 

often used as a microscope objective for use in the ultra-violet wavelength region. 

5.2.1 The reflective Shack-Hartmann relay 

With all of its advantages, the classic Schwarz schild system is useless for the 

desired slope sensor due to its very high obscuration ratio. It is shown here how a 

modification to the design produces a slope sensor with a low obscuration while 

Reflective Shack-Hartmann Relay I 

Individually controlled 
spherical segments 

note: Only 2 of 6 MMT beams shown 

Low obscurralion: 
diameter ratio 1:5 

Figure 5.2 Reflective Shack-Hartmann relay with a steerable segmented secondary 
and a linear obscuration ratio of 1:5. 

maintaining many of the advantages of the original system. The new system, figure 

5.2,places an achromatic lens in the beam to produce an intermediate image in front 

of the convex primary. This dramatically reduces the size of the primary. The 
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divergent light incident on the primary is reflected with an even greater divergence 

toward the large concave secondary which then rei mages the light. The relay images 

at F12 to achieve the desired plate scale as defined by the detector pixel size. 

Figure 5.3 A disassembled view of the reflective Shack-Hartmann relay. 

For the reflective Shack-Hartmann system the large concave secondary mirror 

is sawed into seven individually controlled elements of roughly equal area. The 

telescope pupil is imaged onto this segmented mirror to control its size and allow 

field independent image steering. Figure 5.3 is a disassembled view of the actual 

relay. The segmented controllable secondary is normally mounted on the far surface 

with the segments facing forward. 

Abel (1980) points out that imaging the pupil at the radii of curvature of the 

concentric mirror pair eliminates CM3 and AS3 thus improving the off-axis 
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performance. However, the system is used mostly on axis, with the possible 

exception of isoplanatism studies. These field dependent aberrations are only a 

secondary concern and are sacrificed in favor of controlling the secondary size. 

5.2.2Controlling aberrations in the optical design 

The reflective Shack-Hartmann system is significantly different than the 

Schwarzschild relay. The symmetries which provided the aberration balancing are 

now lost. A new balancing is required to obtain good image quality, and there is no 

longer complete correction. As with the original Schwarzschild relay, the spherical 

aberration introduced by the convex mirror is compensated for by that produced by 

the concave mirror although it is no longer exact. The balance of spherical 

aberration is now between the primary, the secondary, the focusing lens and the 

achromatic lens used to collimate the light from the telescope focus. The two 

refractive elements are designed for good imaging over a broad spectral bandwidth 

but chromatic and residual spherical aberration are the limiting aberrations in the 

system. 

Two modified Schwarzschild systems are reviewed here: one using all stock 

elements (the actual system) and the other using custom elements to find the peak 

performance of such a system. The system requirements for both designs are as 

follows, 



Final focal ratio 
Geometrical spot size 
Wavelength range 
Obscurration ratio 

F/2 (0.4 arcsec/30 J.1m pixel) 
s: 30 J.1m diam. 
O.S -1.0 J.1m 
s: 1:5 
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(5.2) 

These specifications are not difficult to achieve (the image quality achieved is twice 

the diffraction limit) even when using stock elements. The trade off in designing the 

system is between good image quality and a low obscuration ratio. The actual design 

specifications for both systems are given in Appendix A3. 

The stock system has a relatively high, 1:5, obscuration ratio. A larger 

obscuration brings the design closer to the original Schwarzschild condition and 

relaxes the imaging demands on the refractive elements. This reduces the amount 

of residual CM3 leaving SA3 the dominant monochromatic aberration. The design 

scheme using stock elements is to keep SA3 to a minimum throughout the system. 

The collimating doublet is designed for infinite conjugates and produces negligible 

SA3. All that remains then is to balance the positive SA3 produced by the focusing 

lens and the secondary with the negative SA3 produced by the primary. The 

monochromatic performance is dominated by slightly more than 0.5 waves of residual 

negative SA3. Since the wavelength band used is larger than that used in the stock 

lens designs, chromatic aberration defines the ultimate limit in the image qUality. 

The rms wavefront error for the stock system used monochromatically is only 0.25 

waves. Used over the entire wavelength region however the rms error is 0.75 waves 

and the peak error due to chromatic aberration is nearly 2 waves. 

The custom design is easily corrected for color by simply using achromatic 
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doublets effective over the desired wavelength range. The design scheme is then to 

produce good imagery with as Iowa central obscuration as possible. The obscuration 

ratio is 1:8 for the custom system. As one pushes toward a lower obscuration, higher 

order spherical aberration (SA5 and SA 7) begins to dominate the imagery. 

The destruction of the Schwarzschild condition means that both the primary 

and secondary mirrors produce large, non-compensating amounts of SA3, -4.1 and 

10.5 waves respectively. The two lenses must then generate compensating SA3. It 

is this compensating SA3 in the lens pairs that gives rise to the higher order spherical 

aberration. Hoffman (1993) notes that higher order spherical error is induced mainly 

from an already spherically aberrated (SA3) wavefront incident on a surface with a 

significant amount of intrinsic eM3 (sometimes called pupil distortion). With the 

stop located at the secondary mirror, both spherical surfaces have large amounts of 

intrinsic eM3. The overall system then must balance the higher order spherical with 

residual SA3. In fact, there are nearly 2 waves of residual SA3 in the custom design 

yet the polychromatic rms wavefront error is better than 0.25 waves with a peak error 

of less than 0.5 waves. 

The off axis performance of the custom design as might be expected is 

dominated by eM3. The field of view is limited to + 60 JLm in the image plane 

which corresponds to a 2 arcsec full field of view on the telescope. Because the 

slope sensor uses only an on axis guide star the field performance is not critical. 

However as mentioned previously a stop shift may be used to improve the off axis 

imaging. 
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Figure 5.4 Ray fan plots of the stock (top) and custom (bottom) relay systems. The 
central obscuration ratios are 1:5 and 1: 8 respectively. 

Figure 5.4 shows the ray intercept plots of both systems on axis and at the full 

field. Vignetting is included to show the relative obscuration ratios. The top two 

plots are from the stock system while the bottom two are from the custom design. 

Note the very different aberration characteristics as a lower central obscuration 

brings out the importance of the higher order spherical aberration. 
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5.2.3 Active segmented mirror control 

In order to make full use of the quad cell sensor, each of the seven segments 

of the large secondary mirror is kinematically mounted with micrometer screws for 

tip, tilt and piston control. Figure 5.5 shows the kinematic mounting plate with two 

mounted mirror segments. This design not only allows for individual focusing of each 

element but also provides a method for fine tuning the zero point to the exact center 

of each quad cell. Manual control of the 80-pitch adjustment screws provides 

adjustments at the sub-micron level which translates to 0.1 arcsec adjustment 

resolution. The next generation of the reflective subaperture array will combine the 

micrometer screws with piezoelectric actuators for tilt adjustments of better than 

0.025 arcsec. Because the diffraction limited FWHM of the six mirror MMT is 0.075 

arcsec, it is important to be able to stack the individual mirrors to this accuracy. 

Without accurate stacking, a phased image will still produce diffraction limited 

resolution but will suffer considerable degradation in Strehl ratio. 

5.3 Ouad cell detection and the CCD camera 

The CCD detector used for the first tests of this wavefront sensor was a 

prototype chip designed by John Geary of SAO in 1990. Several of the 24 x 48 chips 

were piggybacked onto a CCD wafer run at Lora! for Photometrics Corporation. 

Although the chip design is versatile enough to accommodate many readout formats, 
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FIgUre 5.5 The segmented secondary mounting plate. 

for this experiment the chip was used in a frame transfer mode. In this mode, a 

single channel controller shifts the charge from the active 24 x 24 portion of the chip 

to the storage portion where the pixel values are readout into a transputer array 

where control signals for the adaptive element are generated. The CCD dewar and 

controlling electronics were loaned to us by Photometrics Corp. as part of their 

continued cooperation with Steward Observatory. 

With only a single channel detector and no thinning for backside illumination, 

the performance of this detector is good but by no means state of the art. The 

quantum efficiency of the front side illuminated chip averages 45% from 0.5 to 1.0 

I'm peaking at 60% at 0.7 I'm. The chip is read out at a 200 khz pixel clocking rate. 

The full 24 x 24 array is then read out in 2.9 ms. The read out noise was a dismal 
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80 e- which alone accounts for a more than 2 stellar magnitude decrease in the 

limiting guide star brightness when compared with a 10 e- read noise camera. 

5.3.1 Plate scale and image size 

Plate scale is very important to the optimum performance of a quad cell slope 

sensor. If the plate scale is too large, the entire image may fall within a single pixel 

causing a position uncertainty of ± 0.25 pixels. If it is too small, some of the energy 

falls outside of the quad cell and the slope error is under-estimated. 

The immediate response to the plate scale problem is to image at a focal ratio 

such that the image size is equal to that of one pixel. When centered in the quad 

cell this allows image motions of about one half pixel between successive slope 

corrections and provides enough intensity in each pixel to accurately measure image 

position. The question remains however, what is the image size? The FWHM of a 

long integrated image with no correction is approximately A/ro. However, when slope 

correction is applied or when looking at a short exposure image, the FWHM 

decreases. During closed loop operation the instantaneous image size shQuld be used 

to define the proper quad cell detector plate scale. As mentioned earlier at 2.2 Jtm 

where D/ro ~ 3, the instantaneous image is often diffraction limited. The wavefront 

sensor, however, works in the visible where D/ro for a 1.83 m aperture ranges from 

6 to 14 from 0.8 Jtm to 0.5 Jtm respectively. The instantaneous images then consist 

of several diffraction limited sized speckles spread out over a broader area. This 
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residual seeing broadening limits the decrease in the image FWHM on the quad cell 

detector during closed loop operation. 

Fried (l965b) states that the minimum slope corrected image size occurs at 

D/ro = 3.8. At smaller D/ro, the image size is increased by aperture diffraction 

broadening and at higher D/ro, the image size is increased by residual seeing 

broadening. Woolf (1982) derives a formula relating D/ro to the instantaneous half 

power image size which confirms Fried's results. By considering diffraction, 

instantaneous wavefront errors and wavefront slope errors) this formula predicts the 

image size for the subaperture slope sensor (average D/ro :::::: 7.5 at A = 0.7 J.'m) to 

be 0.37 arcsec. The actual plate scale is 0.38 arcseclpixel. 

5.3.2Quad cell centroiding errors 

While quad cell slope detection provides excellent photon efficiency there are 

many system parameters which can adversely affect the measurement accuracy. The 

slope sensing accuracy is dependent upon the imaging plate scale and aberrations, 

the ratio of signal to noise (SNR) and the time of integration. The effect of a finite 

delay between slope detection and correction, although important to the performance 

of an AO system, is not considered here because it is common to all systems 

regardless of the specific wavefront sensor used. 

Only odd image aberrations in the wavefront sensor such as coma, which 

affect the image centroid, will cause slope measurement errors. As shown in figure 
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5.4, the dominant on axis aberrations of the reflective design are spherical and 

therefore do not change the image centroid. The effect of fixed aberrations on slope 

measurements for this system can therefore be ignored. 

Image size and SNR are much more important sources of error. Tyler and 

Fried (1982) calculated the theoretical limits of quad cell detection in terms of the 

SNR and the optical transfer function. This calculation assumes no gap between the 

detector elements and no image irradiance falling outside of the quad cell. These 

assumptions are reasonable for closed loop operation of the optimized quad cell 

slope sensor. The derived expression for the rms centroid error in radians is, 

A 
D 

4SNR fol HexD,O)dx 

(5.3) 

where H is the optical transfer function. Sandler et. al. (1993) expanded on this 

calculation by evaluating the optical transfer function of Kolmogorov turbulence. 

The subsequent expression for the rms centroid error is then, 

(5.4) 

where FWHM is the image full width at half maximum, n is the detector noise and 

N is the detected signal. The parameter O! depends on D/ro, ranging from 1.1 at D/ro 

= 1 to O.6at D/ro = 8. This expression provides an upper limit on the slope sensing 

accuracy using a quad cell detector. Using a value for ex of 0.65, a FWHM of 0.37 
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arcsec, a detector noise of 80 eO and a signal of 500 eO, the expected rms centroid 

error is 0.078 arcsec. 

The above expression estimates the centroiding error of an instantaneous 

measurement but there must be a finite integration time for detection. During this 

integration, the wavefront is evolving. This leads to a second type of centroiding 

error do to the time delay. Sandler derives an expression for the rms centroid error 

due to a finite integration time, 

( )

1/6 

o~me = 0.177 at TO ~ 
to D D 

(5.5) 

where at is the integration time. In estimating the coherence parameters to and fo, 

it is important to remember that although the wavefront is sensed in the visible, 

correction is done fOf IR imaging. This means that both to and ro should be 

evaluated in the IR. Assuming ro = I m and to = 30 ms, the expected rms slope 

error across a single 1.83 m mirror integrated for 10 ms at A = 2.2 /lm is 0.013 

arcsec. 

The total expected centroiding error is found by adding the major two error 

components in quadrature, 

( total)2 _ (nolst)2 (t/mt)2 
00 - 0 0 + 00 (5.6) 

Using the typical values for the noise and integration errors, the total expected rms 

centroiding error is 0.079 arcsec. Using a camera with only 10 eO read noise and 

keeping all other parameters the same, the rms centroiding error decreases to 0.019 
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arcsec. This a more realistic figure for the expected errors of the quad cell system. 

5.4 System performance 

The MMT is a hexagonal array of six 1.83 m telescopes brought to a single 

combined focus (figure 3.1). When used at the MMT only the six outer segments of 

the segmented secondary mirror are needed, one for each 1.83 m primary. Using a 

quad cell detector to sense the motions of the individual images from each of the six 

mirrors, the overall wavefront can be corrected for 12 degrees of freedom using only 

24 detector pixels. The five other degrees of freedom (relative piston values) are not 

accurately determined by a matrix reconstructor due to the discontinuous aperture 

of the MMT. A filled aperture telescope, however, would also allow piston 

estimation yielding 17 corrected degrees of freedom from only 24 pixel 

measurements. With a loss of only 3 % of the overall area, the reflective Shack

Hartmann system is immediately applicable to filled aperture designs such as the new 

6.5 m single mirror MMT upgrade expected to come on line in 1995. 

In mid-December 1992 the ACME instrument using the reflective Shack

Hartmann slope sensor was successful in stacking the images of all six MMT mirrors 

to near the single mirror diffraction limit. Figure 5.6 shows the configuration of the 

ACME AO instrument with the reflective Shack-Hartmann slope sensor. This 

adaptive control was used to image the 0.7 arcsec binary T Tauri with rapid guiding 

of a single mirror as well as with co-stacking of all six. Other performance tests 
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Figure 5.6 Schematic of the ACME adaptive optics system as used at the MMT 
in December 1992. 

included guide star magnitude limits and long exposure imaging of a galactic pair 

while guiding on a star 23 arcsec away. 

T Tauri is the flagship of a class of young star systems currently under study 

to help explain stellar and solar system evolution. At a V magnitude of 9.9, it is well 

suited to performance tests of an adaptive optics system. With its relatively large 

separation, the binary is just separable without correction but becomes two distinct 

stars once correction is applied. Another interesting feature of T Tauri is the recent 
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flaring in the red companion. The data collected in December covers the J, H, and 

K wavelength bands (1.25, 1.65 and 2.2 I'm) and is currently being analyzed (Ghez) 

in conjunction with other studies at different wavelengths. 

T TfmI 

SINGLE HI~ 

1".0 

ImE1.EI{;TIl = 2.2 HIOlIJlS 

HITEGRATIttl TIlE = 2 HItuTES 

SIX HIRROR 

Figure 5.7 Integrated images of T Tauri and SAO 93918 corrected at 79 Hz. The 
FWHM are 0.31 arcsec for the single mirror images and 0.33arcsec for the six mirror 
images. 

Figure 5.7 shows single and six mirror integrated images of T Tauri in the K 

wavelength band. Also shown in figure 5.7 are images of the star SAO 93918 used 

as the point reference in post-processing. Correction was done at 79 Hz with 12.5 

ms integrations on the guide star. The images are each sky subtracted averages of 

12, 2 min integrations detected by the 58x62 InSb array. The FWHM of the single 



104 

mirror images is 0.31 arcsec and that of the six mirror images is 0.33 arcsec 

representing a better than 2 fold improvement over the uncorrected image. For a 

single 1.83 m MMT mirror the diffraction limited FWHM is 0.25 arcsec. 

UNCORRECTED: 

FWHM = 0.65 ARCSEC 

CORRECTED: 

FWHH = 0.43 ARCSEC 

ROSS 614 
NAGNITUDE = 11.3 (V) 

I 1.0
11 

I 

WAVELENGTH = 2.2 MICRONS 

INTEGRATION TlHE = 2 HINUTES 

FigureS.8 Single mirror K band images of Ross 614 with (bottom) and without (top) 
correction at 40 Hz. The wavefront sensing was at a V UlI& of 11.3 while the imaging 
was at a Kma.: of 5.5. 

A very important test of this new slope sensing system is finding the limiting 

guide star magnitude for adaptive correction. The binary star Ross 614 provides a 

good limiting magnitude test in that its magnitude in the visible (V band) is 11.3 but 

in the IR (K band) it is 5.5, bright enough for detection on the 58x62 InSb array. 

Figure 5.8 shows the results of single mirror tilt correction on this very faint object. 
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Correction was at 40 Hz with 25 ms integrations on the guide star. The upper image 

is Ross 614 without correction and the bottom image is with correction. Contour 

maps are included to provide a more quantitative comparison. The closed loop tilt 

correction increased the relative Strehl ratio by 2.2 and decreased the FWHM from 

0.65 to 0.43 arcsec. While this gain is not as great as that achieved on the brighter 

stars T Tauri and SAO 93918, it is still a considerable improvement in image qUality. 

The correction error is attributed largely to the decreased SNR (~ 112) and to a 

lesser extent to the longer guide star integration time. 

5.5 Future directions 

One of the next projects with the ACME instrument in conjunction with the 

CHAOS group at the University of Chicago will be to close the adaptive loop on a 

laser beacon. By exciting the sodium layer in the upper atmosphere with a laser 

beam, one can effectively place a guide star anywhere in the sky. Laser beacons are 

also an essential component of wide field, multi-conjugate adaptive correction. The 

costs of high power laser systems, however, are currently too large for most 

astronomical institutions. With the sensitivity of the Schwarzschild wavefront sensor, 

laser power as low as 1 W should provide enough light for adaptive correction. This 

will be an exploratory project to determine the feasibility of integrating laser guide 

stars into current astronomical adaptive optics systems. 

Improvements in the system are designed to increase the accuracy of 
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correction and the overall sensitivity. They include PZT driven actuators for 

automated control of the mirror segments to better than 0.025 arcsec. This will be 

necessary when phasing is combined with tilt correction of the six MMT mirrors. At 

this level the zero point stack of the six mirrors must be as good as the diffraction 

limited FWHM of the ideal system in order to achieve both high Strehl ratios and 

high resolution. When extended to the large primaries of the next generation of 

telescopes (8-10 m), this accurate stacking of each segment will play an even more 

important role since the size of the diffraction limited spot decreases while the 

number of correction elements increases. 

The greatest single improvement in the reflective Shack-Hartmann wavefront 

sensor lies with a more sensitive detector. We are currently coordinating the use of 

a new CCD with 80% QE and only 6 eO read out noise. This alone will increase our 

magnitude limit to fainter than VUllIg = 15, opening the door to real scientific 

observations including the study of galactic nuclei to further develop theories 

concerning the presence of black holes. 

The steerable Shack-Hartmann array is a significant step in providing both 

sensitive and accurate wavefront detection. The data obtained of T Tauri is already 

providing useful information in an ongoing study of this young star system. 

Furthermore, using quad cell slope sensors, we have shown adaptive correction using 

guide stars fainter than 11 th magnitude. This begins to extend the benefits of 

adaptive optics beyond mere academic displays to objects of real scientific interest. 

The real explosion in adaptive optics will occur when the limiting magnitude reaches 
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14 and beyond and improvements in the present system are expected to achieve this 

level of performance within the year. 
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Chapter 6 

Stellar Phase Shifting Interfel'ometel' 

6.1 Introduction 

In chapter 4, phase shifting interferometry was noted for its increased accuracy 

and repeatability in measuring wavefront aberrations. Applying phase shifting 

interferometry to stellar wavefronts had never been realized in the past due to 

inadequate technology. However, with advancements of low noise, fast read out 

CCD detectors, phase shifting interferometry using starlight is now achievable 

opening up new avenues for more accurate wavefront sensing. 

A new instrument, the stellar phase shifting interferometer (SPSI), for the first 

time, uses phase shifting interferometry on a bright star to directly map the wavefront 

phase errors in the pupil plane. The SPSI was developed for use at the Steward 

Observatory 2.3 m telescope at Kitt Peak, AZ. This instrument is intended not as 

an AO system component but as a calibration tool for the more efficient wavefront 

sensors actually used in AO systems. The SPSI was developed to measure the 

accuracy of various Shack-Hartmann reconstruction algorithms as well as to train 

neural network wavefront sensors on real atmospheric wavefront data. Further 

development of the concept does, however, point to its use as the natural guide star 

wavefront sensor in an AO system. 
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As mentioned in chapter 4, the SPSI is based on the point diffraction 

interferometer (PDI). The theory behind a point diffraction interferometer is 

developed in the introduction as well as its hybridization to incorporate phase 

shifting. Because the SPSI relies on the presence of a bright speckle, speckle 

formation is discussed in detail as part of the theoretical development of the SPSI. 

The interferometer has gone through three major phases, each significantly improving 

the performance. The different configurations are compared with an emphasis on 

the phase III instrument which produced the most important data. 

6.1.1 Previous work 

The first point diffraction interferometer was developed by Zemike (1934) 

who used the term "phase-contrast" to describe the phenomena. Zemike extended 

the wave theory treatment of the knife-edge test to the limiting case of a point 

aperture. He noted that if the central core of an image is altered with respect to the 

rest of the image, intensity fluctuations proportional to the phase differences in the 

two wavefronts will occur in the subsequent diverging light. The light emerging from 

the central core is essentially a reference wavefront which then interferes with the 

original wavefront yielding the observed intensity fluctuations. An interferometer 

that uses the wavefront under test to produce its own reference wavefront is known 

as self-referencing. This is shown graphically in figure 6.1. Attenuation is used to 

make the amplitudes of the two wavefronts equal for maximum contrast. When, 
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however, the aberrations in the initial image are small, the intensity fluctuations will 

also be small. Zemike noted that by adding a phase delay of 90° to the wavefront 

passed by the central core, the contrast could then be increased dramatically for 

small phase differences ( ;:5; 1 rad) in the interfering wavefronts. His theoretical 

development only concerns this small aberration limit. 

POINT DIFFRACTION INTERFEROMETER SCHEMATIC 
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Figure 6.1 The point diffraction interferometer. The central hole filters out a 
diffraction limited reference beam from the incoming wave front. Differential 
attenuation between the two wavefronts yields good fringe contrast. 

Noting that the Zernike treatment was a specific case of a more general 

phenomena, Golden (1974) developed a complete description of the intensity 

distribution in the divergent wavefront. This allowed optimization of parameters 

such as central hole size, relative attenuation and relative phase delay for the amount 
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of aberration present in the initial wavefront. Golden gives extensive treatment to 

the effects of aberrations on the reference wavefront. An important conclusion from 

this work is that an interferometer optimized for testing small aberrations will not 

be suitable for measuring large aberrations. TIle theoretical development of the 

reference wavefront produced by the SPSI later in this chapter closely follows the 

work done by Golden. 

Smartt (1975) also extended the work of Zernike into a simple and practical 

instrument for measuring larger wavefront aberrations. The Smartt point diffraction 

interferometer simply consists of an attenuating plate with a small hole through it. 

Because no calculated phase delay is introduced, this configuration is not as well 

suited to the measurement of small aberrations as those of Zemike or Golden. Its 

simplicity, however, has made it a popular configuration for general applications. 

The PDI has proven a useful tool in telescope figure sensing (Smartt 1988). 

When placed at the focus of a telescope, the PDI uses a diffraction limited portion 

of a stellar or, more often, an artificial point source image as a reference to be 

interfered with the entire wavefront. Without phase shifting, this technique only 

provides information at the fringe centers. Also because of atmospheric turbulence, 

the fringe pattern is in constant motion. The interference pattern would therefore 

wash out in a long exposure image. In order to estimate the telescope figure error, 

the reconstructed phase maps from many short exposure interferograms must be 

averaged. Because of these limitations the most successful implementation of this 

method used an artificial point source located near the telescope site. With this 
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implementation, the point source can be made sufficiently bright and turbulence is 

less of a factor. 

In the form of a Zernike phase contrast interferometer, the PDI has also been 

proposed for use as a wavefront sensor for a multi-conjugate AO system (Dicke 

1975). This approach assumes both a nearly frozen wavefront during the integrations 

of two sequential interferograms as well as two dominant layers of turbulence with 

significantly different wind speeds. As discussed previously, these are often legitimate 

assumptions. The idea is to difference two time separated interferograms to measure 

either the high or low atmospheric contribution to the wavefront distortion. With the 

detector pixel rows oriented parallel to the upper atmospheric wind direction, the 

integration time is adjusted to allow a single pixel shift of the high wind speed 

turbulence component of the wavefront and only a negligible shift in the low wind 

speed component. The difference between the two interferograms is then a measure 

of the high speed turbulence slope. If one interferogram is shifted by a single pixel 

(opposite to the wind direction) with respect to the other, the difference becomes a 

measure of the low speed turbulence slope. This method, while elegant and simple, 

lacks the low light level capabilities and the dynamic range needed for a practical 

multi-conjugate system. 

Another proposed AO system based on the PDI is an all optical system using 

a read/write hologram for both sensing and correcting the wavefront (Kramer 1992). 

The interference pattern produced by a PDI is amplified and recorded onto a 

reflection hologram. The rest of the incoming beam is reflected off the hologram, 
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removing the atmospheric turbulence from the wavefront in the first diffracted order. 

A laser guide star is proposed as the light source but light level calculations 

developed later in this chapter suggest that the laser beacon would have to be 

magnitude 0 or brighter to obtain appreciable signal. Saturation effects have thus 

far limited laser beacons to magnitude 5 or fainter. 

6.1.2 Phase shifting PDI hybrids and the SPSI 

The standard PDI provides an interferogram with a fixed phase relation 

between the test and reference beams. In order to measure phase directly at each 

pixel on the detector, at least three interferograms are needed with known phase 

relation shifts between them. Hybrids between the PDI and standard two-beam 

interferometers allow phase shifting between the test and reference beams. One such 

instrument is a two beam Mach-Zehnder hybrid (figure 6.2) designed for laboratory 

testing of optical surfaces as well as aberrated wavefronts. In this design, the 

incident wavefront is divided into the two arms of the Mach-Zehnder interferometer 

where identical lens pairs in each arm focus and then recollimate the wavefront. In 

the reference arm a Airy disk sized aperture placed in the image plane spatially 

filters the light producing a spherical reference wavefront. The rest of the wavefront 

is blocked out of the system. The first lens in the test arm is then the source of 

wavefront error to be tested. This system requires relatively small wavefront errors 

to ensure adequate signal. 
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Figure 6.2 Schematic of a Mach-Zehnder hybrid of a PDI used in phase shifting 
interferometric tests of lenses. 

The SPSI design uses reflection from a diffraction limited, mirrored spot 

instead of using the traditional transmissive configuration. The main advantage of 

this implementation is that the majority of the wavefront incident on the mirrored 

spot is transmitted for use by the alternate wavefront sensors being calibrated by the 

instrument. The phase I SPSI is based on a Michelson interferometer while the 

phase II and phase III SPSI are based on the Mach-Zehnder design. In phase I, 

completed in July 1992, the Michelson hybrid showed proof of concept. Phase II, 
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implemented in November 1992, uses a modified Mach-Zehnder design to maximize 

photon efficiency. Both of the first two systems used the TI CCD camera at the 

Steward Observatory 2.3 m telescope. The phase III system is a more mechanically 

stable version of the phase II design coupled with a faster CCD (Beletic, GA Tech) 

capable of continuous read out. The new instrument, implemented in June 1993, is 

designed to produce phase maps using phase shifting interferometry while allowing 

simultaneous Shack-Hartmann slope measurement. This then allows future direct 

comparisons of reconstruction algorithms to true phase data. 

After a theoretical development including throughput calculations, the phase 

I and phase II instruments are described and results of the telescope data are 

compared with predicted performance. The phase III instrument is then described 

along with its performance including the first ever pixel-for-pixel phase maps of 

atmospheric turbulence. 

6.2 Theoretical development 

Unlike most applications of the PDI, which work with only modest wavefront 

aberrations, the SPSI works in the large aberration ( - lA rms) regime. As 

mentioned, these images are characterized by several bright speckles spread out over 

a Alro patch. Significant flux in the reference beam, therefore, can only occur when 

a bright speckle is incident on the reflective spot. The character of speckle images 

is then very important to the performance of the SPSI. The following chapter 
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describes speckle images and their effect on the reference wavefront along with other 

parameters that affect the system performance. 

6.2.1 Speckle images 

Short exposure stellar images consist of bright speckles which are the result 

of constructive interference from each point in the pupil. Because of the coherent 

addition, the size of a speckle is determined by the diffraction limit of the telescope. 

A way to describe speckle uses phasors, vectors which represent both amplitude and 

phase. In this case, it is convenient to model the wavefront as follows, 

w = A e lklll(x,y) (6.1) 

where cI>(x,y) is the wavefront phase function. This model, with a constant amplitude 

across the aperture, ignores scintillation effects. This is a valid assumption in the 

near IR spectral region. Assuming this model of the wavefront, the individual 

phasors at each point in the pupil plane will all have the same amplitudes but their 

orientations will change according to cI>(x,y). As a light ray from any point travels to 

the image plane, its phasor orientation rotates about the origin, cycling back to the 

original orientation after every wavelength of distance travelled. The final amplitude 

vector at any point in the image plane is the result of vector addition of all the 

individual ray phasors. If the phasors are oriented such that the vector addition sums 

to zero amplitude, that point in the image plane will be dark. If the vectors are all 
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oriented in the same direction the final vector will have a large amplitude and that 

point in the image plane will be bright (a bright speckle). For all the phasors to be 

oriented in the same direction, the OPD from each point in the pupil to the speckle 

location in the image plane would have to be equal modulo 271". 

The number of speckles in an image is related to the turbulence strength, ro, 

as well as the pupil diameter, D. The ratio D/ro is then a figure of merit for the 

number of speckles. The integrated image size is proportional to (ror2 due to image 

spread by the turbulent atmosphere while the diffraction limited image size is 

proportional to n-2. The ratio of image areas indicates that there are (D/rO)2 

speckles possible within the ro sized image. This however assumes that the speckles 

are all stacked at the Rayleigh criteria where the distance between speckles is equal 

to their FWHM. 

The density of speckles is not nearly this high. In fact measurements on real 

and simulated data indicate a separation of about 2'A/D between speckles. Because 

the first dark ring of an Airy pattern is located 1.22'A/D from the center, it seems 

intuitively correct that the speckle separation should be 2,44'A/D. This can be 

explained using the phasor analysis. When moving 1.22'A/D from the center of a 

speckle, the phasors go from summing to a large amplitude to summing to zero. It 

is impossible for another bright speckle to form at this distance since the phasors will 

always sum close to zero. Using this speckle density, the number of speckles in a 

short exposure image should be on the order of . 17(D/ro)2. 

The above estimation assumes a uniform intensity distribution in the image 
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plane. Because the distribution of energy in the image is not unifonn, the number 

of significantly bright speckles in an image is often less than the above estimate. 

Also, each individual realization of a speckle image varies as the character of the 

turbulence fluctuates. Figure 6.3 shows two real speckle images of Zeta Aquarius 

obtained with the Steward 2.3 m telescope at A = 0.75 #-tm. Notice how the two 

images taken only a few seconds apart show a remarkable difference in image 

quality. The left image with about nine bright speckles shows a D/ro of about 7.3 

while the right image is single speckle dominated indicating a D/ro of < 3. The 

average value of D/ro for all the images was 7. 

Figure 6.3 Two 15 ms exposure speckle images of Zeta Aqr (A) at A = 0.75 #-tID on 
the Steward 2.3 m telescope (Hege). 

6.2.2 The reference wavefront 

As explained, a bright speckle is the same size as the diffraction limited image 

of the telescope and, to first order, can be considered as such. The SPSI reflects one 

of these bright speckles from a small mirrored spot in the telescope image plane to 
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produce the reference beam in the interferometer. By interfering the perfect 

wavefront generated from a single speckle with the unaltered incident wavefront, one 

obtains an interferogram measuring the phase errors of the aberrated wavefront. 

Because the SPSI is a passive instrument, no tracking of the bright speckles, the 

coincidence of a bright speckle on the mirrored spot is a random phenomena. 

The amount of light contained in a single bright speckle is crucial to the 

operation of the SPSI because it defines the amount of light available for 

interference. Using the speclde density derived above and assuming all of the energy 

is divided equally among the speckles, one finds that each speckle contains 5.9(D/ro)"2 

of the total energy. For a D/ro of 8, each speckle is estimated to have 0.09 of the 

total energy. Measurements from simulated images show single speckle energies 

between 0.03 and 0.06 of the total energy suggesting that this estimation is slightly 

optimistic. As D/ro increases ,the amount of light contained in a bright speckle 

decreases and eventually (D/ro ~ 15) limits the performance of the SPSI. Seeing 

conditions at the Steward 2.3 m telescope dictate that in order to keep D/ro ~ 8, 

one needs to work near the I wavelength band (A = 0.9 ± .12 j.tm). 

As important as the intensity of the reference beam is, it is the flatness of the 

wavefront or nearness to a perfect sphere that determines the accuracy of the SPSI 

wavefront measurement. The phase errors in the wavefront produced by reflection 

off the mirrored spot are determined by the size of the spot as compared to the size 

of a bright speckle. Its location with respect to the image centroid introduces a tilt 

term into the reference wavefront. Figure 6.4 shows a typical aberrated wavefront 
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Figure 6.4 Simulated pupil plane phase error and image, D/ro = 8. Markings indicate 
location of mirrored spots. 

(D/ro = 8) and its respective image. The data is simulated for a 2.3 m, F/9 

telescope modeled with Kolmogorov turbulence at A = 0.9 p.m. The image pixel 

scale is 2.28 p.m (.022 arcsec) per pixel. The labels I and 2 mark the speckle 

locations used to obtain the reference wavefront estimates shown in figure 6.5. 

Figure 6.5 shows the effects of spot size and location on the reflected 

(reference) and transmitted wavefronts. The left column is the wavefront transmitted 

after the mirrored spot marked 1 in figure 6.4. It is the wavefront that the alternate 

wavefront sensor being calibrated by the SPSI will use to estimate the original 

aberrated wavefront. The next column to the right is the wavefront reflected off the 

mirrored spot. It is the reference wavefront of the SPSI. The next two columns are 

similar except they refer to the mirrored spot marked by a 2 in figure 6.4. Spot 1 is 

located nearly on the optical axis of the system and therefore produces a reference 

wavefront with very little tilt across the aperture. Spot 2 is located 29.6 p.m (0.30 

arcsec) off axis. This corresponds to - 3.6waves of tilt across the aperture which is 

clearly seen in the three tilt lines of each reference beam in column 4. The top row 
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uses a 2.28 JLm (0.30 AF/#) square mirrored spot, the middle rowan 11.4 JLm (1.49 

AF/#) square spot size and the bottom row a 20.5 JLm (2.68 AF/#) square spot size. 

'Spot 1 Spot 2 
Figure 6.5 Transmitted and reflected wavefront phase errors (modulo 2?1") for 2.3, 
11.4 and 20.5 JLm sized mirrored spots (top to bottom) as located in figure 6.4. 

The largest mirrored spot clearly shows structure in both reference wavefronts. 

From Zemike polynomial fits to the reference beams in these simulations, the largest 

spot size that could produce a reference wavefront flat to better than >J8 p-v was 10 

JLm (1.31 AF/#) in diameter. Notice that the transmitted wavefront shows little 

change for the different configurations. This is because the mirrored spots reflect 

only a small plane wave portion of the original wavefront. The remaining wavefront 
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is transmitted carrying nearly all the original wavefront information. The wavefront 

measured by the SPSI and that measured by a wavefront sensor located after the 

reflective spot will differ by a tilt component caused by the spot location which must 

be factored into comparisons between the two. 

Fourier analysis provides a more rigorous treatment of the effects of a finite 

spot size. Let U(x,y) be the complex wavefront function in the pupil plane. It is the 

product of a wavefront function, W(x,y), and a the pupil amplitude function, Per) or, 

U(x,y) = W(x,y)P(r) 

where, 

(6.2) 

and, 
W(x,y) = ei~(x.)I) 

where D is the pupil diameter and rp is the wavefront phase function. Note that 

radial coordinates are used for circularly symmetric functions. Here, the pupil 

function is a simple cylinder function but a central obscuration or other variations 

may also be included. Ignoring constants, the image amplitude function, u(fx,fy), is 

simply the complex Fourier transform of U(x,y), 

uClx.!y) = :T {W(x,y)P(r)} 

= w(fx,fy) * h(f,) 
= w(fx,fy) "* somb(DI,J 

(6.3) 

The wavefront phase function cp(x,y) can be modeled as a summation of sine 
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waves of various amplitudes. The Fourier transform of the wavefront function, 

w(fx,fy), is therefore a series of delta functions of varying amplitudes. The image is 

then a convolution of these weighted delta functions with the diffraction limited 

image, h(fr) known as the point spread function. For the case of a circular pupil, 

h(fr) is the familiar Airy pattern sometimes referred to as the sombrero function, 

somb(fr) (Gaskill 1978). 

Reflecting off a circular mirrored spot is equivalent to multiplying u(fx,fy) by 

a spot function s(fr). The resulting complex amplitude function is 

where, (6.4) 

s(f,) = cy{1) 
and fs is the spot radius. This analysis assumes that the spot is located on the optical 

axis. 

Reimaging the pupil plane on the detector is equivalent to another Fourier 

transform. This is the equivalent form of the reference wavefront derived by Golden. 

The resultant wavefront, U'(x' ,y'), is given as, 

U'(x',y') = or {u'<fx,!,)} 

= [S(r') * W(x',y')P(r')] (6.5) 

= [somb(f.r') * W(x',y')cyl( ~) 1 

where S(r'), the Fourier transform of s(fr)' is another sombrero function. It acts as 
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a smoothing function, or low frequency pass filter, on the original wavefront. By 

expanding equation 6.5, the resulting reference wavefront can be expressed in terms 

of a new amplitude function, A(x' ,y'), and a new phase function 'lr(x' ,y') where, 

and, 

",(x' ,y') = arctan 

r' somb(f/,'> * cyl(-)sin(w) 
D 

r' 
somb(f /' '> * cyl( - ) cos ( w) 

D 

(6.6) 

Notice that the phase errors in the original wavefront directly affect both the 

phase and amplitude of the reference wavefront. Even in the absence of aberrations, 

the amplitude of the reference wavefront will no longer be constant across the 

reimaged pupil. This has the effect of changing the fringe visibility within an 

interferogram. Figure 6.6 shows the intensity profiles, A2
, calculated from equation 

6.6. The reference wavefronts are produced by spot diameters of the FWHM, the 

first dark ring, the third dark ring, the fifth dark ring of the diffraction limited image 

of the Steward 2.3 m at A = 0.85 jlm. The intensity pattern reflected from an 

essentially infinite mirror is also included. While the intensity profile of the 

reference wavefront created with the FWHM spot varies by a factor of 2 from the 

center to the edge, that created with the mirrored spot the size of first dark ring 
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FIgUre 6.6 Reference beam intensity profiles for varying spot sizes. The peak 
intensity changes for the 18.7and 10 I'm spots are 5.3 and 2.6respectively. 

varies by a factor of 15. 

For the SPSI, the initial aberrations of importance are those that make the 

reflected bright speckle depart from the true telescope point spread function. 

Golden points out that for a spot diameter of 0.42 AFIU and initial image 

aberrations of ± Al7, the reference wavefront will be accurate to All00. On 

average, the aberrations of bright speckle images are likely greater than ± Al7. An 

even more important problem is the location of the bright speckle on the mirrored 

spot. If the registration is such that the center of the spot is 1.22 AFIU from the 
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center of the speckle, there is effectively a 7r phase slope across a 'AF/# sized spot. 

This has the direct effect of shifting the peak of the reference wavefront intensity 

distribution by D12. This effect was clearly evident in the data collected with the 

SPSI. Phase variations across a speckle may also play a significant role in the 

character of the reference wavefront. These need to be studied in greater detail. 

6.2.3 Coherence considerations 

With the SPSI, a tradeoff exists between using a large spectral bandwidth to 

maximize the photon flux and keeping the bandwidth narrow enough to ensure good 

fringe contrast. The coherence length is the largest allowable OPD between two 

interfering beams that maintains good fringe contrast. As discussed in chapter 4, the 

coherence length due to a finite spectral bandwidth is given by Lcoh = (>,Y12tl'A 

where 'Ac is the central wavelength and tlA. is the full width of the spectral band under 

consideration. For the full I spectral band, Lcoh = 1.688 JLm. This corresponds to a 

maximum detected phase difference of 1.875 waves between the reference beam and 

the aberrated test beam. Using equation 2.3 and assuming a D/ro = 8, the rms 

phase error expected across the pupil is Ar
litt = 0.98 waves. The peak to valley error 

is generally three to four times larger than this, or Apv = 3.4 waves. 

This would seem to indicate that the I spectral band might be too wide for the 

expected phase errors, however this is not true. The coherence length was defined 

using the Raleigh criteria. Complete loss of contrast does not occur until the fringes 
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are 1800 out of phase. This means that there is at least some coherence out to 

nearly 3.75 waves of OPD in the above scenario. A more important factor in the 

fringe visibility is that the quantum efficiency of standard silicon CCD detectors falls 

markedly beyond 0.9 jtm. When using a long pass IR filter (ie. IR-85) the detector 

QE narrows the effective bandwidth (A = 0.93 ± .075 jtm) increasing the Rayleigh 

coherence length to 3.1 waves OPD. In practice, a narrow band filter (A = 0.85 ± 

.005 jtm) is also used to ensure good contrast out to ~ 40 waves OPD. This filter 

produced the majority of the valuable data. 

6.2.40ptimum pupil sampling 

The size of the pupil image on the detector is also very important to the 

performance of the SPSI and a trade once again exists. This time the trade off is 

between using many pixels across the diameter for good wavefront sampling and 

using as few pixels as possible to increase the amount of signal per pixel. A problem 

in detection arises when the phase difference between two pixels is greater than Al2. 

In this case, the direction of the phase shift is ambiguous, where a phase shift of 0.6 

waves is equally as likely as one of -0.4 waves. In order to prevent this ambiguity, 

the minimum pupil sampling criteria is to sample at 4.3 pixels per roo Using the 

relationship developed in chapter 2, the rms phase difference between two points 

separated by rol4.3 is, 
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~~ = 2.62(:')~ (6.7) 

= O.78rads = O.12waves 

Calculations from simulated wavefront data show the peak-to-valley error is about 

four times larger, or 0.48 waves, than the rms error at this separation. This sampling 

is then sufficient to prevent any ambiguity. 

All versions of the SPSI were used with - 20 pixel s across the pupil diameter. 

This provides optimum sampling at D/ro "'" 5 for both the Mach-Zehnder and 

Michelson versions of the SPSI. Other factors explained in the next section limit the 

phase I Michelson hybrid to D/ro ~ 4, making it strictly a proof of concept 

instrument. The wavefronts experienced by the SPSI at the Steward 2.3 m in the I 

band are more likely to yield D/ro values of 7 to 8. When the wavefront is slightly 

undersampled, it is still possible to obtain good wavefront measurements but the 

likelihood of an ambiguous jump between pixels increases. 

6.2.5 Expected signal to noise ratio 

The amount of light reflected from a bright speckle defines the intensity of the 

reference beam in the SPSI. Because good fringe contrast requires equal intensities 

between the test and reference beams of the interferometer, the amount of light 

reflected from a speckle coupled with other system parameters defines the expected 

signal to noise ratio, SNR, of the interference pattern measured by the detector. The 



129 

other system parameters affecting the SNR are the total amount of flux from the star 

across the wavelength band, 4?; the quantum efficiency of the detector across the 

wavelength band, QE; the total transmission of the system, Ttotal ; the area to which 

each pixel maps in the pupil plane, Apixel; the fraction of the total energy contained 

in a single speckle, L; the integration time for each interferogram, 7; and the read 

out noise of the detector, N. The detected photon flux at each pixel and the 

subsequent SNR are given as follows, 

(6.8) 

Values for each of the fixed parameters are discussed to develop an estimate of the 

SNR for any specific realization of the SPSI. 

The SPSI is a light starved system and demands the highest available flux for 

good SNR. The total flux, 4? in photons!m2/s, is determined by the relative 

magnitude of the star at the chosen spectral band. A zeroth magnitude star in the 

I wavelength band (A = 0.9 ± 0.12 ",m) is expected to have a total flux of 4? = 

9.0x109 photons/m2/s (McCarthy and Angel 1992). Vega, with an I magnitude of 

0.04, should then have a flux of 8.9x109 ph/m2/s. An empirically derived 

(McCaughrean 1988) black-body formula fit to real data from Vega gives an extra-

atmospheric flux of 9 .lx109 ph/m2/s, corroborating the McCarthy estimate. The 

formula developed, 
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(6.9) 

conveniently accommodates flux calculations for regions outside the standard spectral 

bandwidths. For this reason, the empirical flux formula will be used in deriving SNR 

estimates. 

Most star catalogs give stellar magnitudes in the V band (A = 0.5 ± .15 JLm). 

The difference in magnitude between the I band and the V band varies with the 

spectral class of the star. For example, there is no magnitude difference between the 

I and V bands for an AO class star while for an MO class star, the I band is 2.2 

magnitudes brighter. Table 6.1 charts several bright star candidates for the SPSI 

showing their V magnitude, I magnitude and expected flux in the I band. 

Table 6.1 Magnitudes and I band fluxes of candidate stars for the SPSI. Data 
compiled from the Bright Star Catalog. 

STAR 
Ol Boo (Arcturus) 
Ol Ori (Betelgeuse) 
Ol CMa (Sirius) 
Ol Aur (Capella) 
Ol CMi (procyon) 
Ol Lyr (Vega) 

Mv 
-0.60 
0.80 

-1.45 
0.08 
0.35 
0.04 

MI 
-1.70 
-1.60 
-1.45 
-1.10 
-0.32 
0.04 

Ifll (1010 pb/m2/s) 
4.55 
4.15 
3.61 
2.62 
1.28 
0.92 

The transmission of the system can be divided into several individual 

components. The telescope transmission, Ttel! for the Steward Observatory 2.3 m at 

Kitt Peak with two reflections off of aluminized mirrors is expected to be about 0.75. 

The optical filter used to define the wavelength region has a finite transmission, T filter' 
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Typical values for I band transmission are 0.7 and O.S using standard Hoya IR-S5 and 

IR-S3 fIlters respectively. The remaining transmission factors are those of the optics, 

Topt and of the interferometer itself, Tint. 

The detector is a crucial component of the SPSI. The phase I and IT systems 

use an "in house" detector built with a Loral 800 x 800 CCD array (now upgraded to 

an SOO x 1200 array). Because low noise read outs with this detector require several 

seconds, the algorithm used relies on a shuttered pixel shifting routine to record a 

few tens of interferograms on a single frame before being read out. This is explained 

in detail in section 6.3.1. The read out noise of the TI CCD is between 6 and S eO. 

The pupil is only 20 pixels in diameter on the detector. This corresponds to an 

effective pixel area of ~ixcI = (.12 m)2. Lastly, the QE of the detector is shown in 

figure 6.7. Beyond 0.7 I'm, the QE falls off exponentially averaging a value of 0.20 

across the I band. 

The integration time for each TI 800 x 800 with UV flood 

shifts between them can be obtained 

'''I ~l~H@-" "'>t~ ~. 
0.00 

0.4 0.5 0.6 0.7 O.B 0.9 

interferogram must be short enough 

that three interferograms with phase 

Wavelength (urn) 
within the coherence time of the 

turbulence. Assuming 
Figure 6.7 QE curve for the CCD detector 

the frozen used in phase I. QE ,. 20% at 0.9 I'm. 

wavefront model, the interferograms 

must be acquired before the wind can move the turbulence by a small fraction of ro, 

nominally rol2. Assuming ro = .25 m and a wind speed of 20 mls (upper 
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atmosphere) this allows only 6.2 msec to acquire all three interferograms or T ~ 1.3 

ms per single interferogram while allowing 1.2 ms between integrations for pixel 

shifting. In this light starved system integration times need to be closer to 2.5 ms per 

interferogram. The effect of this is to lose information on turbulence traveling faster 

than 10 m/s. 

Taking thc:;e various parameters into account one can estimate the 

performance of an SPSI system on a zeroth magnitude star. Typical values of the 

various parameters are listed in table 6.2 along with the expected number of detected 

photo-electrons per pixel and an estimate of the SNR. Wizinowich (1990) shows that 

the peak to valley error in estimating the phase using the phase shifting algorithm 

described in equation 4.9 for a SNR of 10 is 0.28 rad. 

Table 6.2 Typical SPSI System Parameters in SNR Estimation. 

~ = 9.1x109 ph/m2/s Tiel = .75 Topt = .80 
L = .02 Tlllr = .70 Tint = 3.0 msec 
QE = .20 Tint = .25 ~ix. = (.12 m)2 

Spixel = 165 e- SNR = 11 

6.3 Phase I: the Michelson SPSI 

The first realization of the SPSI was a Michelson/PDI hybrid designed as an 

inexpensive proof of concept. Figure 6.8 shows a schematic of the system. Using a 
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single beam splitter to both divide and recombine the two interfering beams makes 

the system very simple. The telescope is focused on both the PZT mounted mirror 

and the mirrored spot. The mirrored spot was evaporated onto an AR coated 

window which then allows light from the rest of the image to pass through to be used 

for system alignment and seeing estimates. After recombination, relay optics image 

the pupil onto the CCD array at a magnification of 114000. There is an 

intermediate focus in the pupil relay to allow for a 2 mm aperture UniBlitz shutter. 

The small aperture was necessitated by the need for shutter rates up to 500 Hz. The 

entire interferometer, less the relay optics, is mounted on a 6" x 10" optical 

breadboard. 
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While the Michelson design is simple, it is also extremely photon inefficient. 

Even with perfect 50/50 beam splitting, the maximum throughput of the reference 

wavefront from the interferometer would be only 25 %. The actual ratio is closer to 

40/40 due to absorption, leading to a reference throughput of 16%. This design has 

another important drawback in that the test beam must be attenuated by the speckle 

to image energy ratio, L, to obtain equal test and reference beam intensities and 

hence good fringe contrast. This is accomplished by placing an appropriate" neutral 

density ND filter in the test arm of the interferometer. This is a waste of potentially 

useful light. 

The expected SNR of 8.2for the phase I SPSI is rather low especially with the 

rather poor quality mirrored spot, and good results can only be expected under 

excellent seeing conditions, D/ro ::::; 4. 

6.3.1 Mode of operation 

The Steward CCD camera is a large format, slow read out system designed 

for low read noise and long integrations. In order to obtain many interferograms in 

the time frames mentioned above, the CCD was used in a different mode of 

operation. By using the fast pixel shifting capabilities of the CCD (50 p.s/row), many 

individual interferograms were recorded on a single frame before read out. Because 

each interferogram is - 20 pixels diameter, a 25 row shift is used to move the 

interferogram from the optical path. The shutter is closed during this pixel shifting 
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to prevent blurring and the phase shift is actuated while the shutter is closed. This 

process continues until the CCD frame is filled. The entire frame, consisting of a 

string of interferograms, is then read out at the slow read rate needed for low noise. 

SPSI Control Schematic 

and 

Timing Diagram 

,3 ma.ei 11.2 m.ee 
open I U U 

Shutter pulse close---.l 

open 
Shutler Slole 

close U U 

1.2 lIUIec r mechanical delay 

u 
U Intellratlns 

hl!tl 
CCO Control 

pixel B ng 

pOSition shUt n n n 
Idle __ ---' '-__ --' L-_--' 

PZT Control 

Figure 6.9 The control loop for the phase I SPSI. 

Figure 6.9 shows a timing diagram for this mode of operation. At 50 p.s/row, 

a 25 pixel shift takes 1.25 ms. Using an integration time of 3.0 ms, the three 

interferograms necessary to reconstruct a phase map are attained in 11.5 ms. One 

feature of figure 6.9 is that the close shutter pulse is sent during integration and the 

open pulse is sent at the beginning of the row shifting process. This delay is 

necessary to accommodate the mechanical lag between the shutter operating pulse 

and the actual operation. For the UniBlitz 2 mm aperture shutter, the delay was 
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measured to be 1.2 ms conveniently close to the required row shifting time of 1.25 

ms. The driving pulse for the pzt driven mirror is triggered by the close shutter pulse 

and is delayed to occur when the shutter actually closes. This allows time for 

vibrations in the mirror to settle before integration takes place. 

6.3.2 Phase I results 

Despite the inefficiencies in the interferometer and mirror support problems 

with the telescope, the phase I system showed proof of concept at a two night run on 

July 15 & 16, 1992 at the Steward Observatory 90" (2.3 m) telescope atop Kitt Peale 

The three stars used during the run were Arcturus, Vega and Deneb although Vega 

provided the majority of the useful data! staying reasonably near zenith for much of 

the night. The advantage of near zenith observation is that the light travels through 

less atmosphere which generally means better seeing conditions. Although no phase 

map measurements were actually obtained, throughput and phase shifting speed 

measurements encouraged the development of the phase II instrument. 

The telescope primary is supported by three 3" hard contact points. Three air

bags provide support to the mirror elsewhere. When functioning properly, the weight 

is distributed between the hard points (5%) and the air-bags (95%). At the time of 

the phase I telescope run, two of the three air-bags leaked enough that the mirror 

had to be supported on the three hard points alone. This caused large amounts of 

hard point "print through" or deformations in the mirror. The image quality was very 
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poor with unresolved stars appearing as triangular blobs. In fact, using the FWHM 

of integrated images to estimate the seeing, never once during the run did D/ro fall 

below 10. From the previous section, this was more than a factor of two worse than 

acceptable for phase map measurement with the Michelson SPSI. 

Because phase shifting interferometry was futile, measuring the effect of the 

mirrored spot became the first objective. Using Vega at near zenith (air mass = 

1.04), the system ran with light from the pzt mounted mirror blocked out of the 

system. This allowed direct measurements of the amount of light reflected from a 

bright speckle hitting the mirrored spot. Figure 6.10 shows a single CCD frame with 

12 separate 7 ms integrations with 1.2 ms between each for pixel shifting. Notice the 

pupil images (22 pixels in diameter) changing in intensity as a bright speckle moves 

on and off the mirrored spot. The data in figure 6.10 was convolved with a 0.5 pixel 

Gaussian to help highlight the effect of the speckle hitting the mirrored spot. The 

SNR of this data is a miserable 1.4 but this is however only one arm of the 

interferometer. Assuming an equal amount of light from the other arm yields a 

mighty SNR of 3.3. Part of the reason for the poor signal is that the pupil image is 

slightly larger than expected leading to an area per pixel, ~ix = (0.10 m)2. Using the 

actual observing parameters in the SNR analysis of the previous chapter one would 

expect a SNR for a single arm of the interferometer of about 4.3, three times higher 

than measured. This discrepancy may be partially accounted for by the quality of the 

mirrored spot as described previously. The structure on the surface of the spot could 

cause scattering and significant loss of signal. What really is important about this 
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data is that a bright speckle often remained atop the mirrored spot for as long as 30 

ms demonstrating that the 10 ms phase map cycle time should be fast enough to 

capture a frozen wavefront. 

. '-
.t"~ # • 

~'.' ,.. ,!,' • .... .. ~ 

Figure 6.10 Effect of 
a bright speckle 
hitting the mirrored 
spot. 

FJigure 6.11 Three sequential (left to right) 
phase shifted triplets with 3 ms 
integrations and 1.2 ms delays between 
interferograms using the phase I SPSI. 

Another test of the speed required for phase shifting was obtained by 

replacing the mirrored spot with a full mirror and interfering the two identical 

wavefronts with each other. With a small amount of tilt between the two beams, this 

setup .is equivalent to a lateral shearing interferometer. The system was otherwise 

exactly as designed as the pzt mounted mirror was stepped in A/4 intervals between 

integrations. Figure 6.11 shows nine interferograms taken sequentially on a single 

CCD frame. This time they are grouped in threes to show constant phase along each 

row for three sequential phase map measurements. Each interferogram is integrated 
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for 3 ms with 1.2 ms between them for pixel/pzt shifting. Notice the motion of one 

dominant fringe as the pzt mirror is shifted. This indicates approximately one wave 

of tilt between the two interfering beams. Again the important aspect of these 

interferograms is that the wavefront is nearly constant from one triplet to the next 

indicating that 10 ms is fast enough to perform the three-bucket wavefront 

measurements. 

6.4 Phase II: the Mach-Zehnder SPSI 

The second version of the SPSI is based on a Mach-Zehnder interferometer 

which, due to its single pass design, allows the test and reference beam intensities to 

be nearly equal without losing any photons. This alone gains a factor of four in 

available light and brings the SPSI into the realm of a practical and usable 

instrument. Figure 6.12 is a schematic of the p..ew system. The flat mirror design is 

replaced by 0.5" prisms and cubes. The test arm uses total internal reflection to 

reflect the aberrated wavefront while the reference arm uses mirrored spots buried 

within a solid cube to minimize unwanted reflections. 

Figure 6.12 also shows a Shack-Hartmann (SH) slope sensor to be used 

simultaneously with the phase shifting interferometer. The wavefront the SH 

receives is the original wavefront less the small tilted plane wave component 

reflected by the mirrored spot. This system is designed but was not used during the 

phase IT or III runs where proof of the SPSI concept took precedence. A beam 
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Figure 6.12 The phase II Mach-Zehnder SPSI design is 4x more light efficient than 
the phase I Michelson design. 

splitter is used to image the mirrored spot on a standard video CCD. This allows 

one to focus the starlight directly onto the mirrored spot before and during 

operation. It is conceivable that tracking the brightest speckle from the CCD image 

would increase the productivity of the SPSI and similar systems exist (Giglio et al. 

1988). These systems are mostly concerned with tracking single speckle dominated 

images. With the amount of turbulence expected when in operation, D/ro = 8, the 

multiple speckle pattern evolves as it moves making tracking on a single speckle 

impractical. 
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6.4.1 Improvements and expected SNR 

The photon efficiency of the design comes from the unequal beam splitting 

at the first and last cubes. The first beam splitter cube passes 85 % of the light into 

the reference path toward the mirrored spot. The spot reflects about 3 % of this light 

(see section 6.2.2) and the second cube again passes 85 % yielding 2.2 % total 

reference beam throughput. The test arm receives 15% and is recombined again at 

15% yielding 2.3% total test beam throughput. Thus the two beams have equal 

intensities without the use of the ND attenuator in the Michelson design. This 

provides a four fold improvement in the useful signal. 

Aside from the gain in throughput, the phase II instrument has several more 

improvements over phase I. The phase II SPSI benefits from the use of a new TI 

CCD (800x1200) detector with much improved response in the I band. The QE of 

this chip averages - 45 % over the I band. This is an improvement of more than a 

factor of two over the previous detector. 

The mirrored spots in the phase II design are also vastly improved. Using 

masked photo-resist techniques, a series of elliptical spots with diameters ranging 

from 5-25 Jtm was laid on the hypotenuse face of a right angle prism. In reality, the 

smallest spot of good quality was 15 Jtm in diameter. The 12 Jtm spot was acceptable 

despite a rather rough surface and the two smaller spots were unacceptable. The 

prism was then cemented to the face of a second identical prism with index matching 

cement. This formed a cube with the mirrored spots essentially floating in the 
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center. The starlight is then focused onto the buried spots for reflection and because 

of the index matching cement, only light incident on the mirrored spots is reflected. 

One important consideration is that the F/# of the converging beam increases within 

the cube of index n, such that F/#cube = nF/#rJr. This means that the speckle 

diameters also increase proportional to n. The optimum spot diameter for a nominal 

F/9 beam at 0.9 J.(m then increases from 8 to 12 J.(m. While this feature is optimum 

for reflection off the mirrored spots, using cubes instead of flat mirrors introduces 

wavefront errors discussed in the next section. 

The factor of eight (2(QE)*4(BS) =8) improvement in the reference wavefront 

throughput makes the phase II SPSI a vastly superior system to the prototype 

instrument. Using the formulas 6.2.1 and 6.2.2 with the phase II parameters, the 

expected signal per pixel for a 3.0 ms exposure is 990 e- yielding a SNR of 30.3. The 

minimum operating condition (SNR = 10) for the phase II instrument then becomes 

D/ro ~ 13.8. 

6.4.2Disadvantages of the phase II design 

There are two major disadvantages to the phase II design, the wavefront 

aberrations caused by the use of prisms and cubes and the difficulty in aligning a 

Mach-Zehnder interferometer to zero OPD. Actually, both problems are related to 

the use of the prisms and cubes. A convergent wavefront passing through a plane 

parallel plate (glass cube) is aberrated. The three dominant aberrations are 
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spherical, comatic and astigmatic and they obey the following relations, 

Spherical: 
-T (n2-1) 

W. =-
040 F/#4 128n3 

Comatic: 

Wl3l 
-Tii (n2-1) . <I> (6.10) --- sm 
F/#3 16n3 

Astigmatic: 
-TiP (n

2
-1) sin2<1> W. =--

222 F/#2 8n3 

where T is the glass thickness, n = 1.5 is the index of refraction of the glass and ii 

is the angle of the chief rayon the prism face. 

It is important to remember that the interferometer measures the difference 

between the two wavefronts. If both wavefronts undergo the same amount of 

aberration, the interference pattern would have no record of the actual amount of 

aberration in the interferometer, ignoring the effect on fringe visibility. Because the 

reference wavefront effectively originates at the mirrored spot, it passes through half 

the amount of glass as the test wavefront. The aberration difference between the 

two beams is then the amount of aberration caused by traveling through 0.75" of 

glass. Spherical aberration is independent of prism orientation and will be present 

no matter how well the system is aligned. However, at F/9 and A = 0.9 J.tm, the 

amount of SA3 introduced in 0.75"is only 0.01 waves. Coma and astigmatism both 

depend on the chief ray angle of incidence and define how well the system must be 

aligned. Using the same parameters as above and limiting the amount of aberration 

to ~ 0.05 waves, it is possible to find the maximum allowable alignment error. For 



144 

astigmatism, the alignment error can be up to 3. r and for coma the error can be 

up to 4.25°. 

While these alignment criteria do not appear stringent, errors compound in 

the system and they are coupled with the alignment of the Mach-Zehnder itself. 

Three of the four critical surfaces in the phase II instrument are cemented prism 

pairs. The alignment error in the cementing was estimated better than 0.5 degrees 

for each pair. The greater source of alignment error is in the positioning of the pzt 

mounted prism for zero OPD as well as good pupil/image registration. A change in 

angle also causes a change in OPD which can be then compensated by a translation 

of the prism. Alignment is an iterative process of tilting prism faces to remove 

aberrations and then translating to preserve zero OPD finally ended by the "good 

enough" criteria. The best laboratory estimate of the aberrations in the well aligned 

is better than 0.1 waves error limited the source wavefront itself. 

6.4.3 Phase II results 

It was cloudy in Tucson Arizona on January 13, 1993. 

6.5 Phase III: the improved Mach-Zehnder system 

During the interim between observing runs, the phase II SPSI was modified 

to further improve performance. In the interferometer itself, the phase III SPSI 
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differs only slightly from the phase II system however, by replacing the Steward CCD 

camera with the Beletic CCD (Georgia Tech) the capabilities of the system improved 

dramatically. The hardware improvements include a much more stable mount for 

the pzt mounted prism (loaned by the Starfrre Optical Range at Kirtland AFB). It 

is capable of continuous phase shifting without drifting from the zero OPD position. 

This continuous capability is crucial to the phase ill system because the Beletic CCD 

is also capable of continuous operation. Continuous operation not only opens new 

areas of temporal data collection but also greatly increases the probability of actually 

recording data when a bright speckle is incident, on the mirrored spot. Figure 6.13 

shows the phase ill interferometer with the mirrored spot cube at the lower left and 

the pzt mounted prism supported by the three axis stage assembly at the upper right. 

Figure 6.13 The phase ill SPSI. The cube containing the mirrored spots is at the 
lower left and the PZT mounted prism is at the upper right. 
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6.5.1 The new CCD camera 

Dr. James Beletic of the Georgia Tech Research Institute graciously loaned 

not only his high speed CCD camera system but also his time to insure the success 

of the phase III SPSr. This camera system, using an MIT Lincoln Labs CCD chip, 

is indicative of the great strides in state-of-the-art camera electronics being made 

today which offer very fast, low noise read outs with improved QE over systems built 

only a few years earlier. 

The 420x420 silicon array in the Beletic camera is passivated, AR coated and 

back illuminated giving it an average QE of 50% over the I band. Because the QE 

rises dramatically as one moves toward the visible (QE ~ 90% @ A = 0.55 /Lm), 

operating the SPSI with the narrow band IR filter (A = .85 ± .005/Lm) actually 

provides about half the measured flux as with the IR-85 long wave pass filter. The 

advantage of course is a much longer coherence length. 

More important than the slightly improved QE, the Beletic camera is capable 

of running continuously at a 1 MHz pixel read out rate and only 7 e- read out noise. 

The direct result of this fast framing rate is that the shutter of the phase I and II 

instruments can be eliminated. This is very fortunate because even a 2 mm aperture 

shutter will bum out when run continuously at > 500 Hz. 
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6.5.2The new mode of operation 

The two previous systems relied on fast pixel shifting within a single frame to 

collect several tens of interferograms before a slow frame read out was required. 

This limited the data collection to only a few hundredths of a second at a time. As 

mentioned, the phase III SPSI can run continuously. This changes the entire scheme 

of data collection. 

The collection scheme is to move the integrated image out of the active area 

and into the shielded frame buffer of the CCD very quickly. As the next integration 

takes place, the previous frame is read out of the buffer onto disk. This process can 

then go on indefinitely. At a pixel shifting rate of 1 MHz, a 30 row frame can be 

moved into the frame buffer in 30 Jl.s assuming that the pupil is imaged onto the 

CCD just below the shielded buffer. Compared with a 3.0 ms integration time, the 

blurring due to a shutterless shift is only 1 %. The actual system, however, was not 

this efficient. It required 280 Jl.s per frame shift due to a lack of foresight by the 

optical designer who centered the pupil image on the 420x420 pixel array. This made 

the image blurring a 10% effect. Although still reasonable, it does degrade the SNR 

of the system. 

Figure 6.14 shows the timing diagram for the phase III system. The image is 

integrated for the desired time and then shifted into the frame buffer. A pulse 

simultaneously drives the pzt actuator to the next phase position. Because the pzt 

mounted prism needs to settle after being moved, a delay of 400 Jl.s occurs before the 
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Figure 6.14 The new simplified timing pattern for the phase III SPSI. 
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next command. After the delay, a second frame is shifted into the buffer which 

contains the light integrated during the first frame shift and delay. After this second 

frame shift, the process is repeated by integrating the next frame. The measured 

time between integrations is 982IJ.s and integration times varied between 2.2 and 3.2 

ms. At this speed, the three interferograms are acquired in 9.6 and 12.6 ms 

respectively. The longer integration time may be used to increase the signal if seeing 

conditions are slow, but generally the faster scheme is be used to better freeze the 

turbulence. 

6.5.3 Single beam characterization 

The first data acquired with the phase III instrument was separate pupil plane 
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intensities from the test and reference arms of the interferometer. It provides a 

measure of the reflected beam profiles, the relative intensities and the frequency of 

a bright speckle incident on the mirrored spot. Figure 6.15 plots the mean image 

intensities verses time of the reference arm, with both the 12 and 15 Jlm spots, and 

of the test arm. This data was taken with the narrow band fllter and with a 2.2 ms 

integration time. The peak spot reflected intensities above the background (125 

photo-electrons) are 15 and 75 for the 12 and 15 Jlm spots respectively. The average 

intensity of the beam passing through the test arm of the interferometer is 212. The 

intensity ratios of the reference beams to the test arm beam are 1/14 and 112.8, 

where the ideal would be 11 1. This indicates that the reflection ratios of the beam 

splitter cubes may not be ideal, with too much light being sent through the test arm. 

Actual measurements of the beam splitter cubes indicate 81 % and 18% for 

transmittance and reflectance which corroborates the observed data. From this data 

the highest expected fringe contrast is 0.26 and 0.67 for the 12 and 15 Jlm spots 

respectively. While the difference in area between the two spot sizes is only a factor 

of 1.5, the peak reflected intensities differ by a factor of 5. This indicates poor 

reflectivity from the 12 Jlm spot and explains the poor performance when actually 

phase shifting. 

Figure 6.16shows typical pupil plane images from the data used in figure 6.15. 

The images were normalized to their peak intensities which explains the increased 

noise in the reference arm images. Notice that there is structure in the 15 Jlm image. 

The central hole of the primary, clearly evident in the test arm image, is non-existent 
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Figure 6.15 Temporal measures of the mean pupil plane intensities from the 12 I'm 
spot reference (top), the 15 I'm spot reference (middle) and from the test arm 
(bottom). 

in the 12 I'm spot image but there seems to be some record of it in the 15 I'm image. 

There is also a large intensity variation across the 15 I'm reference beam. This is 

attributed to the fmite extent of the spot. The 15 I'm spot (10 I'm in air space) is 

1.307 AF/U. From the analysis in section 6.2.2,it is expected to exhibit an intensity 

variation of approximately 10: 1 when the bright speckle is perfectly centered on the 

mirrored spot. The 15 I'm reference beam is also very susceptible the intensity 

variations caused by speckle misregistration. This is clearly evident in the data with 

sufficiently uniform pupil intensity occurring in less than 1 % of the 15 I'm 
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Figure 6.16 Typical single arm images of the test wavefront (left), the 15 /Lm spot 
reference wavefront (middle) and the 12 /Lin spot reference wavefront (right). 

interferograms. 

6.6 The first true phase maps of atmospheric turbulence 

With so much data recorded by the phase m system (~ 4 Gbytes), success 

was inevitable. The interference data collected spanned a wide range of variables 

including different combinations of the following; integration times of2.2and 3.2ms; 

phase shifting on and off; the star imaged onto the 12 #Lm spot, the 15 /Lm spot and 

between spots; and filtering with the Hoya IR-85 and the Oriel O.85/Lm narrow band 

filters. Presented here are the highlights (-11100,000 of the data set) of the data 

collected including interferograms produced both from the 12 /Lm and the 15 /Lm 

reference beams, time evolving phase maps of atmospheric turbulence and structure 

function measurements. Omitted completely is the data collected with the IR-85 

filter which has poorer fringe contrast. Also omitted is the data collected with a 3.2 



152 

ms integration time because wavefront evolution is evident within the three 

interferograms required to reconstruct the OPD. 

6.6.1 The raw interferograms 

As shown in figure 6.15, the 12 JLm spot has low reflectivity. Despite this, 

there is evidence of phase shifting. In fact, the fringe contrast within the individual 

12 JLm interferograms averages 0.18 and can peak as high as 0.30. Figure 6.17 is a 

graph showing the best fringe contrast of the 12 JLm (dashed) interferograms using 

the narrow band filter and 2.2 ms integration. It is a plot of pixel intensities from 

a single row within an interferogram. With an average signal of about 825 counts the 

noise in each 12 JLm i nterferog ram, N = (825 + 49)"112, is 30 counts. The signal, 

1I2(IlllAX - ImiJ, is about 175 counts. This yields a SNR of 5.8. This is not sufficient 

to reconstruct accurate pixel-for-pixel phase maps but is still significant. With pre

processing of the data, wavefront phase information can be extracted as described in 

the next section. 

The performance of the 15 JLm reference is much better. The solid curve in 

figure 6.17 is the pixel intensity from a single row of a 15 JLm interferogram. Because 

the row analyzed was closer to the center of the pupil, the 15 JLm curve extends 

nearly to the full pupil diameter of 22 pixels. The fringe contrast within these 

interferograms averages 0.40 and peaks as high as 0.52. This is slightly lower than 

the peak predicted from the temporal reflectance data but is subject to the individual 
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Figure 6.17 Plots of the fringe contrast for the 12 I'm (dashed) and 15 I'm (solid) 
interferograrns. 

characteristics of the bright speckle being reflected. Estimated in the same manner 

as above, the SNR for the 15 I'm interferograrns is about 18.3. This is high enough 

that accurate pupil plane phase maps may be reconstructed from the raw data 

without any pre-processing. Figure 6.18 is a comparison of the raw interferograrns 

produced by referencing with the 12 I'm (top) and 15 I'm spots. The last column 

shows the average of the ± 90° shifted interferograrns. 

6.6.2Reconstructing the phase maps 

In chapter 4, the method of reconstructing the phase from three 

interferograrns with 90° shifts between is explained. That algorithm is used here with 

some slight modifications to improve the performance. One important improvement 
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Figure 6.18 Three sequential raw interferograms and the null intensity pattern 
produced with the 12 JLm (top) and the 15 JLm spots. 

to the algorithm is to normalize the three interferograms to the same average 

intensity. In theory all three should be the same, but in reality the bright speckle 

shifts its registration on the mirrored spot thus affecting the reference beam intensity 

during acquisition. Normalizing the three interferograms compensates the intensity 

induced phase error but can introduce error itself if the intensity proflles vary 

between the three interferograms. However, because the wavefront is effectively 

frozen during acquisition, the intensity proflle is also frozen. This allows 

normalization to be used in reconstruction. 

A second method of pre-processing the interferograms is to convolve the data 
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with a narrow Gaussian function. The two main consequences of this smoothing are 

to reduce noise effects and to decrease the spatial resolution of the subsequent phase 

maps. Because the 12 p.m data shows poor SNR, the phase maps reconstructed using 

raw data are too noisy to provide useful information. Gaussian smoothing is used 

to extract low order wavefront phase errors. Convolving a 0.75 pixel width Gaussian 

function with a single pixel rectangle function creates a function 1.75 pixels wide. 

This means the smallest resolvable spatial features grow from 2 pixels (0.23 m) to 

3.25 pixels (0.374 m) wide. The gain in phase map clarity from Gaussian smoothing 

far outweighs this loss in spatial resolution. 

Figure 6.19Comparison of the three phase reconstruction techniques using raw (top), 
normalized (middle) and normalized/smoothed (bottom) data. 

Figure 6.19 is a compilation showing three sequential, phase shifted, mean 

subtracted, 12 I'm interferograms and the associated phase map for the three 
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different reconstruction algorithms. The left column is the -900 phase step, the 

second column is the 00 step, the next is the 900 step and the rightmost column is 

the reconstructed OPD. All the images are normalized to unit peak intensity for 

display. The top row uses just the raw data. With a SNR of 5.8, the individual 

interferograms are noisy and uneven. In the second row, the interferograms are 

normalized to the same total energy. The general effect of normalizing on the OPD 

map is to reduce the large phase jumps between single pixels without any loss in 

resolution. The bottom row uses both normalization and Gaussian smoothing before 

calculating the OPD. The smoothing makes a much clearer OPD with much smaller 

between pixel phase changes. However, the loss in resolution is quite noticeable 

especially in the lower right quadrant where the fringes of the previous two 

algorithms are completely washed out. Analyzing the 12 Jtm data re-enforces the 

idea data manipulation cannot compensate for poor data. 

While the 12 Jtm data is encouraging, it is the 15 Jtm data that actually 

provides proof that phase shifting interferometry using starlight is a viable form of 

atmospheric wavefront sensing. Not only are the phase maps clearly reconstructed 

without pre-processing, but they also provide information on the time evolution of 

the turbulence as well as structure function data for estimating the instantaneous 

D/ro. Figure 6.20 is a series of four sequential phase reconstruction cycles spanning 

a total of 38.4 ms. The interferograms go from -900 (bottom row) to +900 with the 

OPD maps in the topmost row. Using 2.2 ms integrations with the narrow band 

filter, only the raw data is used with no pre-processing. Clearly evident in each of 
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OPD 

Figure 6.20 Four sequential phase acquisition cycles using the 15 I'm reference with 
no pre-processing. The time between columns is 9.6 ms. 

the reconstructed phase maps is a bump located at 6:30 on a clock face. In pupil 

coordinates, this bump is at a radius of 0.75 m. The location is consistent with that 

of one of the hard point mirror supports (r = 0.71 m) of the primary indicating that 

the airbags, which carry most of the weight of the primary, may have been slightly 

under inflated. The bump is not as prominent, however, as the phase maps would 

seem to indicate. The 2?r ambiguity in the phase maps accentuates the bump, which 

is less than one wave high, because it is in a region of the next higher order. 

Because the interferograms continuously cycle from -900 to 900
, it is possible 

to interweave the various cycles to produce phase map estimates for each individual 

interferogram. Using the data of figure 6.20, a series can be made of 12 phase 
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Figure 6.21 Time interwoven phase map estimates. Rows are separated by 3.2 ms 
and columns by 9.6 ms. Phase maps within a given row are statistically independent. 

estimates separated temporally by 3.2 ms. This is shown in figure 6.21 where time 

increases in 3.2 ms steps moving vertically and in 9.6 ms steps moving horizontally. 

This means that the phase maps in any given row are statistically independent while 

the phase maps of any column all share at least one common interferogram. As one 

would expect, the phase maps are all very similar. A highly evolving wavefront would 

move the bright speckle off the mirrored spot necessarily preventing measurement 

of the evolution. 

6.6.3 Error sources in phase estimation 

There are many sources of error in the phase estimations of the SPSI. They 

include phase errors in the reference wavefront, phase shift miscalibration, hysteresis 
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in the PZT, poor SNR, intensity variations between interferograms, detector non-

linearities and quantization errors. The performance of the Beletic detector is such 

that the last two error sources may be ignored. The phase reconstruction algorithm 

used with the SPSI is highly susceptible to detector non-linearities (Creath 1988), 

however, the detector linearity is such that this error is ::::; A/1oo p-v. Because the 

detector gain can be adjusted to use the full 14 bit resolution range, image 

quantization error is also negligible. 

Aside from the phase errors in the reference wavefront, the other sources of 

error can be measured to some reasonable accuracy. The phase shift calibration 

error causes a fixed pattern resonance in the phase estimations. It is estimated at 

0.5 % by the error in measuring the displacement of the PZT verses applied voltage. 

The hysteresis is estimated at 3 % over the entire 3 p.m range of PZT motion which 

corresponds to 0.43 % error across the actual range of motion. The SNR levels for 

the 12 and 15 Itm spot interferograms were 5.8 and 18.3 respectively. Lastly, the 

intensity variations of sequential interferograms which were found to be less than 5 % 

were normalized to better than 2 % and ignored. 

Because there is no analytical expression that can adequately estimate the 

expected phase estimation error due the rest of the sources mentioned above, the 

entire system with errors is simulated in a computer program. Repeated trials of the 

phase estimation provides an expected mean square phase error that can be summed 

with the expected mean square error in the reference wavefront to give an estimate 

of the total mean square error in the system. Using the parameters above, the 
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system induced mean square reconstructed phase error was 0.005 rad2 for the 15 f'm 

interferograms. This adds with the estimated mean square reference wavefront error 

ofO.068rad2 to yield an estimate of the total reconstructed phase error ofO.073rad2
• 

The rms wavefront error is then 0.04 f'm with an approximate p-v error of 0.11 f'm. 

6.6.4Removing phase ambiguity for analysis 

All of the phase maps presented thus far have been modulo 211", meaning no 

distinction between a phase difference of cp, and that of cp + n211" (the order n = ± 

1, ± 2 ... ). Removing the ambiguity is vital to complete wavefront analysis. An 

unambiguous phase map provides a true representation of the actual wavefront phase 

errors and allows further analysis techniques such as wavefront averaging and 

structure function tests. In complicated wavefronts, removing the ambiguity can be 

extremely difficult. There are many schemes for accomplishing the task (Hoffman 

et al. 1986) but, for this analysis, the ambiguity is removed by manually assigning an 

order to each pixel in the phase map. Figure 6.22 shows the result of removing the 

211" ambiguity on one of the reconstructed phase maps (the lower left map in figure 

6.20). Although the phase maps are of good quality, there are still regions of 

uncertainty especially in assigning order. These show up as unexpected jumps in the 

unambiguous phase map reconstruction. Many iterations are used to smooth out 

these aphysical jumps, however some always remain. 

One interesting use of this OPD information is to take its Fourier transform 
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Figure 6.22 A single phase map after removal of the 27 a.-nbiguities. 

thus finding the image it would produce. Figure 6.23 compares the image produced 

by the wavefront of figure 6.22 (left) with the diffraction limited image (right). The 

relative Strehl ratio of the images is 0.16. This corresponds to a mean square phase 

error in the wavefront of 1. 83 rad2
• Direct measurement of the mean square phase 

error of the wavefront (tilt removed) shows it to be 2.12 rad2• 

The dominant feature in each unambiguous phase map is the = 3 waves of 

global tilt. In order to analyze the data more completely, this tilt is removed from 

each of the phase maps. Figure 6.24 is the average of 8 independent, tilt removed 

phase maps obtained over a 0.25 s time interval. Averaging eliminates wavefront 

errors due to high speed turbulence allowing recognition of the fixed telescope 

aberrations. Because of the relatively short time interval, however, slow local seeing 

effects are likely still be present in the averaged wavefront. The contours each 

represent 0.25 I'm changes in OPD. The mean square error of this wavefront is 1.64 

rad2• This averaged phase map shows a 0.75 I'm bump near the hard point location, 
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Figure 6.23 The image produced by the wavefront of Figure 6.22 Oeft) as compared 
with the diffraction limited image (right). The relative Strehl ratio is 0.16. The 
intensities are square rooted to emphasize detail. 

as mentioned earlier. There are also two broader zones Oeft and right) where the 

wavefront falls less sharply. These may be zonal errors in the primary figure itself 

or again due to improper airbag support. While these wavefront artifacts may be 

fixed to the telescope, it is hard to make sweeping conclusions about the telescope 

wavefront from such a small sample of data. Other data from this same set seems 

to also show evidence of a bump near the hard point but it remains inconclusive. 

Because the other wavefront data offered incomplete wavefront coverage, it could 

not be used in the average. 

Figure 6.25 shows the spatial structure function analysis of the averaged, tilt 

removed wavefront. Once again the structure function is the mean square phase 

difference of two points in the wavefront plotted against their separation. The 

abscissa reflects the remapping of the image into real pupil coordinates. Plotted 
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Figure 6.24 The average of eight, slope removed phase maps. Contours represent 
0.25 p.m changes in OPD with the solid lines positive. 

along with the wavefront data are two lines corresponding to true Kolmogorov 

turbulence at ro values of 0.35 and 0.65 m. The average ro of the data, calculated at 

a separation of .25 m, is 0.55 m. This corresponds to D/ro = 4.3 and a mean square 

wavefront phase error of 1.45 rad2
• It should be that this error from an average of 

eight wavefronts is less than the instantaneous wavefront error calculated from figure 

6.23. A purely Kolmogorov spectrum shows a slope of 5/3 on a log-log plot. The 

data shows an average slope of 0.90. The wavefront data differs from theory for two 

reaSOns. Firstly, because the global tilt has been removed from the wavefront, the 
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Figure 6.25 The structure function of the averaged, tilt removed wavefront. 
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plotted data falls off at the lower spatial frequencies. Secondly, the higher spatial 

frequencies likely begin to show the effects of telescope figure error which will add 

to the mean square phase error as well' as effect from the aphysical phase jumps 

created by reconstruction errors. 

6.7 Future directions 

The SPSI has proven that real time phase shifting interferometry using 

starlight is a viable form of wavefront sensing. The question remains, is it useful? 

Improvements in the existing instrument will likely raise the success rate and 
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accuracy of the reconstructed phase maps. This will increase its utility as a 

calibration instrument for indirect wavefront sensors. Even with an improved success 

rate, the instrument is not likely to be used to train neural networks needing tens of 

thousands of training images. The real benefit of the SPSI is that it paves the way 

for using phase shifting interferometry in an actual AO system. 

A method proposed by Angel would use a variable spot size to bootstrap the 

SPSI wavefront sensor toward a steady state of operation where the adaptively 

corrected image is nearly diffraction limited. The method relies on adjusting the size 

of the spot, likely used in transmission, such that as the AO system improves the 

image quality, the same amount of light is always used as the reference. Beginning 

with a spot half the size of the seeing disk, the measured wavefront would only 

contain information on the very smallest spatial scales. As these errors are removed 

from the wavefront, the image size will decrease and therefore so will the reference 

spot. A liquid crystal aperture may be used as the adaptive spot. As this process 

continues, the SPSI will measure wavefront errors on ever increasing spatial scales 

until the system reaches steady state of correcting small deviations from the 

diffraction limited image. The real advantage of this bootstrapping method is that, 

because it always uses the same high percentage of the starlight for interference, this 

direct wavefront sensor is as light efficient as any indirect method of wavefront 

sensing. Other work in the field will include further development of the ideas 

presented in section 6.2.2 on the effects of diffractive spot size and of phase 

variations across image speckles. 
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The progress in wavefront sensing for adaptive optics has directly paralleled 

the technological progress made in the various component fields. Computing power, 

for example, has become fast an inexpensive. This permits the phase reconstruction 

algorithms used adaptive optics to produce real-time phase estimates despite the 

computational loads involved. Detector progress is another example. The 

development of fast read out detectors with low read noise and high QE has not only 

pushed traditional wavefront sensors toward fainter guide stars but it is also directly 

responsible for the success of the SPSI. As the technology improves, new and 

innovative wavefront sensing techniques will emerge extending the limits of adaptive 

optics systems. This in tum will provide unprecedented sensitivity and resolution to 

ground based telescope observations. 

The reflective Shack-Hartmann wavefront sensor coupled with an improved 

detector has already provided improved results over those presented in chapter 5. 

With a limiting guide star magnitude of 14.8, this system provides the ability to 

obtain new and truly useful astronomical measurements. Its simple design is versatile 

and applicable to many different systems limited mainly by the perrormance of the 

detector. In fact, it is currently being used to measure wavefront tilt differences 

between natural and sodium beacon laser guide stars by imaging both guide star 
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images simultaneously through the relay onto a large format detector. 

The stellar phase shifting interferometer is, however, a truly ground breaking 

wavefront sensor. The first ever direct phase maps of atmospherically distorted 

wavefronts lead the way toward even more sophisticated direct phase measuring 

sensors. As mentioned, a boot-strapping method of gradually decreasing the spot size 

in the reference arm as the wavefront correction loop is slowly closed promises to 

provide a very light efficient and accurate wavefront sensor. This wavefront sensor 

once again is directly dependent on technological progress. Some method for 

controlling the size of the reference spot must be devised that is not only variable but 

able to work at the small scales of the diffraction limited telescope image. Aside 

from technological development, there will be more theoretical work concerning the 

effects of a finite spot size as the SPSI develops into a working wavefront sensor for 

future adaptive optics systems. 



168 

Appendix Al 

Optical design of the ACME adaptive instrument 

The following is a summary of the design of the ACME adaptive instrument. 

It is divided into two sections, the adaptive relay and then the science camera relay. 

A 1.1 The adaptive relay 

The Ebert style relay reimages the Cassegrain focal plane of the MMT to a 

tilted, but diffraction limited image plane. This tilted image plane is caused by the 

Petval curvature of the parabola. Because the portion of the parabolic focal plane 

actually used is severely (5.30) off axis yet relatively small, the best focal surface 

approximates a tilted plane. The graphical analysis only considers the tilted image 

plane since significant image degradation occurs for an uncompensated focal plane 

of only ± 7 arcsec. 

File Name 
Lens Title 
Number of surfaces 
Effective Focal Length 
System Aperture Type 
Image Space FlU 
Working FlU 
Object Space N.A. 
Entrance Pupil Diameter 
Entrance Pupil Position 

: ACME.ZMX 
: ACME INSTRUMENT 
: 18 
: -0.005479274 
: Entrance Pupil Diameter 
: 5.413233e-006 
: 8.404644 
: 0.05948962 
: 1012.2 
: 0 



Exit Pupil Diameter 
Exit Pupil Position 
Total Track 
Paraxial Magnification 
Paraxial Image Height 
Primary Wavelength 
Stop Surface 
Units 

: 0.0009622288 
: -0.008212962 
: 8534.8 
: -1.040776 
: 10.48984 
: 2.200 microns 
: 1 
: Millimeters 

Field angles are scaled such that 0.07 deg = 35 arc sec on MMT pupil 

Field number 1 
Field number 2 
Field number 3 
Field number 4 
Field number 5 

Wavelength Number 1 

: 0.00,0.07 deg weight: 1.000 
: 0.00, -0.07 deg weight: 1.000 
: 0.00,0.00 deg weight: 1.000 
: 0.07,0.00 deg weight: 1.000 
: -0.07,0.00 deg weight: 1.000 

: 2.200 microns 1.000 weight 

SURFACE DATA SUMMARY: 

Surf Type Radius Thickness Glass Diameter 
obj standard infinity -8492.3 20.15774 
sto pupil infinity 8492.3 1012.2 

2 casso focus infinity 0.0 20.15774 
3 standard infinity 22.5 20.15774 
4 coordbrk -------- 0.0 0.0 
5 standard infinity 0.0 mirror 34.47069 
6 coordbrk -------- -589.6 0.0 
7 coordbrk -------- 0.0 0.0 
8 parabola 1219.2 609.6 mirror 203.2 
9 adapt mir infinity -609.6 mirror 74.94 

10 parabola 1219.2 0.0 mirror 203.29 
11 coordbrk -------- 589.6 0.0 
12 coordbrk -------- 0.0 0.0 
13 standard infinity 0.0 mirror 33.98 
14 coordbrk -------- -22.5 0.0 
15 standard infinity 0.0 2e-006 
16 standard infinity -0.25 2e-006 
17 coordbrk -------- 0.0 0.0 

ima standard infinity 0.0 20.50 

Conic 
0 
0 
0 
0 
--------
0 
--------
--------
-1 
0 
-1 
--------
--------
0 
--------
0 
0 
--------
0 
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SURFACE DATA DETAIL: 

Surface 4 : COORDBRK 
Tilt about x 45 

Surface 6 : COORDBRK 
Tilt about x : 45 

Surface 7 : COORDBRK 
Decenter y 56.1617 

Surface 11 : COORDBRK. 
Decenter y 56.1617 

Surface 12 : COORDBRK 
Tilt about x : 45 

Surface 14 : COORDBRK 
Tilt about x : 45 

Surface 17 : COORDBRK 
Tilt about x : -lOA 

A1.2 The IR science relay 

The science camera relay reimages the adaptively corrected field at a 2x 

magnification to the front focal plane of the NICMOS 2 128x128 HgCdTe array. It 

uses BAF2 and LiF glass doublets to achieve color correction over various 

wavelength bands in the 1 - 3 JLm range but especially optimized for the K band. 

One important feature is the "wozzle" mirror located at a system stop. This allows 

pointing across the full arcminute field while maintaining the stop registration within 

the NICMOS camera. 
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Figure A1.1Performance of the ACME adaptive relay is diffraction limited over the -
10.4 0 tilted image plane. 



GENERAL LENS DATA: 

File Name 
Lens Title 
Number of surfaces 
Effective Focal Length 
System Aperture Type 
Image Space FlU 
Working FlU 
Object Space N.A. 
Entrance Pupil Diameter 
Entrance Pupil Position 
Exit Pupil Diameter 
Exit Pupil Position 
Total Track 
Paraxial Magnification 
Paraxial Image Height 
Primary Wavelength 
Stop Surface 
Units 

Field number 1 
Field number 2 
Field number 3 

: J_CAMN2 
: RIEKE NARROW FIELD 

32 
-123.0722 

: Entrance Pupil Diameter 
0.1201549 
33.18472 

0.06019915 
1024.28 

o 
14.79152 
491.5199 

8906.8 
4.038215 
5.04777 

2.200 microns 
1 

: Millimeters 

: 0.00,0.00 deg weight: 1.000 
: 0.00, -0.00 deg weight: 1.000 
: 0.00, -0.01 deg weight: 1.000 

Fields are scaled such that 0.01 deg = 4.5 arcsec 

MULTI-CONFIGURATION DATA: 

Configuration 
Wavelength 1 
Wavelength 2 
Wavelength 3 
Thickness 12 

Configuration 
Wavelength 1 
Wavelength 2 
Wavelength 3 
Thickness 12 

1: 

2: 

1.96 
2.2 
2.44 
0.0 

1.47 
: 1.65 
: 1.86 
: -0.7079499 

Configuration 3: 
Wavelength 1 : 1.06 
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Wavelength 2 : 1.25 
Wavelength 3 : 1.42 
Thickness 12 : -1.961505 

INDEX OF REFRACTION DATA: 

Glass 1.960000 2.200000 2.440000 

BAF2 1.46555118 1.46481975 1.46403342 
LIF 1.37783939 1.37552966 1.37299948 
FSI02 1.43860547 1.43476462 1.43048555 
ZNSE 2.44726603 2.44476179 2.44281241 

Glass 1.400000 1.650000 1.900000 

BAF2 1.46717363 1.46644316 1.46572711 
LIF 1.38253113 1.38053421 1.37838468 
FSI02 1.44598747 1.44294581 1.43949887 
ZNSE 2.45902461 2.45209762 2.44802163 

Glass 1.060000 1.250000 1.420000 

BAF2 1.46845365 1.46766501 1.46711253 
LIP 1.38523228 1.38369925 1.38237490 
FSI02 1.44973285 1.44766252 1.44575702 
ZNSE 2.48014258 2.46607836 2.45829321 

SURFACE DATA SUMMARY: 

Surf Type Radius Thickness Glass Diameter Conic 
obj standard infinity -8492 0 0 
sto standard infinity 8492 1024.276 0 

2 adapt focus infinity 130 2.5 0 
3 standard -258.75 5 Baf2 30 0 
4 standard -58.532 4 Lif 30 0 
5 standard -101.35 0 30 0 
6 standard infinity 177.04 19.07634 0 
7 standard in fin it 2.8 Baf2 38.1 0 
8 standard -224.79 95.96 38.1 0 
9 coordbrk -------- 0.0 0 --------

10 stop infinity 0.0 mirror 40.02253 0 
11 coordbrk -------- -25 0 --------
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12 standard infinity 0.0 2e-006 0 
13 standard -248.29 4.0 Baf2 40 0 
14 standard 368.289 -3.0 Lif 40 0 
15 standard infinity -518.784 40 0 
16 standard infinity 0 2e-006 0 
17 standard infinity 0.93 5.602055 0 
18 2x Image infinity -33.46 5.541643 0 
19 nicmos infinity -7.39 Fsio2 50.8 0 
20 standard 65.707 -38.936 50.8 0 
21 standard -179.07 -2.9972 Znse 38.1 0 
22 standard infinity -56.4134 8.43078 0 
23 standard infinity -13.19491 38.1 0 
24 standard infinity 13.19491 4.489391 0 
25 standard infinity -19.7336 5.217047 0 
26 standard infinity -12.16 4.997746 0 
27 standard infinity -2.301 Znse 28.58 0 
28 standard 281.491 -107.275 28.58 0 
29 standard -281.491 -2.301 Znse 28.58 0 
30 standard infinity -107.79 28.58 0 
31 standard infinity 0 10.09863 0 

ima standard infinity 0 10.09863 0 
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Figure AI.2 The 2x relay from the adaptive focus to the NIeMOS camera focal 
plane. 
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Figure A1.3 Ray fans of the narrow field (± 4 arcsee) performance 
of the 2x relay and NIeMOS camera for the K, H and J wavelength bands. 



APPENDIX 2 

ACME System Alignment 
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Alignment of the ACME relay, while conceptually simple, can be quite time 

consuming without a solid understanding of the effect of each component. This 

section will summarize an alignment procedure and describe the effect of adjusting 

each component. 

As with any optical system the first step is to defi'le an optical axis. For the 

ACME system, the axis is defined by two guide star focii. The first point is the 

image of the guide star from the telescope itself. When in the laboratory a 

microscope objective/pinhole instrument is mounted in the system at this same 

location and illuminated by a laser or white light to produce an artificial star. The 

second defining point of the optical axis is the image of the guide star on the 

wavefront sensor. For this discussion the sensor will be the 58x62 JnSb array but the 

procedure holds for any detector. 

The alignment procedure is as follows: 

1. The adaptive relay is designed to be in line with the telescope axis. The 

first step is then to define the optical axis with the two 45° folding flats moved out 

of the way. A laser located on the spacer between the ACME instrument and the 
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telescope top box sends a beam through a 1 mm pinhole located at the nominal 

telescope focus. The beam passes straight down passed the relay without reflection 

and toward the IR detector. The laser is tipped in combination with the folding 

mirror located above the pinhole to align the beam with the mechanical axis as well 

as to center it on the IR detector. A folding flat (or dichroic) near the entrance 

window of the IR detector directs the light to the detector providing two more 

degrees of freedom. If the axis is well defined the familiar Airy pattern will be 

present on the IR camera window. 

2. The two folding flats in the relay are then moved into the beam to direct 

the light to and from the parabola where it behaves like the chief ray of the system. 

The top flat is positioned so that the beam hits it 0.79" below the pinhole. It is 

tipped and tilted to steer the beam parallel toward the parabola at the proper height 

so that upon reflection from the parabola, the beam hits the adaptive mirror in the 

center of the center element. The adaptive mirror is tipped so that the beam, after 

the second reflection off the parabola, hits the second folding flat symmmetrically 

conjugate to the first flat. 

The second folding flat along with the adaptive mirror is then moved and 

tipped to once again define the optical axis that preserves a clean Airy pattern on the 

detector window. A five to one relay lens which provides the proper plate scale at 

the IR detector is inserted after the second folding flat at this point. Once again the 

laser spot is centered on the detector window. Other optical arms like the Rieke 2:1 
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relay and the Schwarzschild relay are also aligned at this point. Although proper 

pupil locations can not be determined until the spatial filter is used. 

This procedure assumes that the parabola is closely perpendicular to the 

telescope axis. This can, and should be checked occasionally by rigorously checking 

that the beam reflected from the first fold is truely perpendicular to the telescope 

axis and parallel to both surfaces of the ACME box. 

3. Once the axis is defined, the 1 mm pinhole is replaced with 25 JLm pinhole 

spatial filter setup. This sends a clean, diverging beam through the system with the 

pinhole acting like an artificial star. The laser is then replaced by a white light 

source which provides the IR radiation seen by the detector. When the detector is 

turned on, the images are rarely located within the desired 2.5 arcsec box on the 

detector and the pupil often is slightly vignetted by the cold stop. The wide field 

usually is sufficient to locate all the images which can then be checked for vignetting. 

Corrections should be made following the cardinal rules of adjustment. 

4. There are two cardinal rules for adjusting image and pupil locations; 

A. Adjust the image location with the adaptive mirror. The small adjustments 

produce negligible image degradation and since it is in a pupil plane, adjustments 

affect only the image location. 

B. Adjust the pupil location with the second folding flat and the IR camera 
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flat. Both of these mirrors are near an image plane thus they move the pupil with 

only small perturbations on the image location. It is very important to have 

independent adjustments of the image and pupil. At the telescope, the first folding 

flat is used to center the real image of the pupil on the adaptive element. This can 

be done by eye on a bright star. 

Aligning the parabola 

A geometric alignment procedure provides a satisfactory method for insuring 

that the axis of the parabola is truely perpendicular to the telescope axis. The 

physical layout of the adaptive relay dictates that the on axis ray should intersect the 

first folding flat 6.97" from the bottom surface of the box and 6.0" from either side 

surface. This ray should travel parallel to the box surfaces intersecting the parabola 

at the same offsets. 

Using the 1 mm laser beam, a standard ruled square can be used to insure 

that the alignment beam is reflected from the folding flat at the proper height and 

angle by checking the beam's location at two points separated the optical axis by a 

distance dz. 

If the parabola is perfectly aligned the laser beam will then intersect the 

adaptive element exactly at the center of the center element. An error is introduced 

in this procedure due to an error in the parallelism of the folded optical axis. This 

error manifests itself as a displacement, fe, from perfect centration at the adaptive 
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element of the alignment beam. The dispacement is given by, €c = 2Fp€m/AZ where 

F p is the focal length of the parabola, and 10m is the measurement error in locating the 

folded optical axis. Assuming Az = 250 mm and that the spot location can be 

measured to ex = 0.5 mm, if the beam hits the center element within a 2.4 mm radius 

the parabola is assumed to be aligned. If not, the parabola should be adjusted to 

bring the spot to the center of the adaptive element. 

While this method is limited by the physical centration of the adaptive 

element and the measurement error in defining the folded optical axis, once the 

system is within error, alignment can continue as always. "The astronomers will 

never know the difference." (Dick Young 1989) 



Appendix A3 

Reflective Shack-Hartmann Designs 

A3.1 Stock design 

GENERAL LENS DATA: 

File Name 
Lens Title 
Number of surfaces 
Effective Focal Length 
System Aperture Type 
Image Space FlU 
Working FlU 
Object Space N.A. 
Entrance Pupil Diameter 
Entrance Pupil Position 
Exit Pupil Diameter 
Exit Pupil Position 
Total Track 
Paraxial Magnification 
Paraxial Image Height 
Primary Wavelength 
Stop Surface 
Units 

Field number 1 
Field number 2 

Wavelength Number 1 
Wavelength Number 2 
Wavelength Number 3 

:SCH2 
: LOW OBSC. SCHWARZ. RELAY (STOCK) 

20 
-3481.987 

: Entrance Pupil Diameter 
3.440155 
1.899857 

0.05948937 
1012.16 

o 
147.0358 

-277.5022 
9391.105 

0.2249754 
0.05558505 

0.800 microns 
1 

: Millimeters 

: 0.00,0.00 deg weight: 1.000 
: 0.00,0.00 deg weight: 0.500 

0.550 microns 
0.800 microns 
1.000 microns 

0.400 weight 
0.550 weight 
0.400 weight 

SURFACE DATA SUMMARY: 

Surf Type 
obj standard 
sto standard 

2 standard 
3 standard 

Radius 
infinity 
infinity 
infinity 
79.62 

Thickness 
-8492 
8492 
118.691 
3.5 

Glass 

ssk4 

Diameter 
0.4941433 
1012.16 
0.4941433 
24 
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4 standard -54.38 2 
5 standard -360.75 0 
6 standard infinity 549.545 
7 standard infinity 0 
8 standard 117.31 9 
9 standard -48.3 3.6 

10 standard 48.3 9 
11 standard -117.31 0 
12 standard infinity 159.57 
13 standard 19.01 -233.941 
14 coordbrk -------- 0 
15 standard 258.61 0 
16 coordbrk -------- 233.941 
17 standard infinity 0.2 
18 standard infinity 44 
19 standard infinity 0 

ima standard infinity 0 

SURFACE DATA DETAIL: 

Surface STO 
Aperture 
Minimum Radius 
Maximum Radius 
y- Decenter 

Surface 13 
Aperture 
Minimum Radius 
Maximum Radius 

Surface 15 
Aperture 
Minimum Radius 
Maximum Radius 

Surface 18 
Aperture 
Minimum Radius 
Maximum Radius 

: STANDARD 
: Circular Aperture 

o 
134.807 
371.273 

: STANDARD 
: Circular Aperture 

o 
2.52 

: STANDARD 
: Circular Aperture 

8 
le+Ol0 

: STANDARD 
: Circular Obscuration 

o 
2.52 

INDEX OF REFRACTION DATA: 

sf8 

basf2 
sf3 
basf2 

mirror 

mirror 

Glass 
SSK4 

0.550000 
1.62004062 

0.8QCKX)O I.QQCKX)O 
1.60959846 1.60560764 

24 
24 
14.73131 
16.03815 
20 
20 
20 
20 
15.22546 
4.80859 
o 
146.2862 
o 
2e-005 
24.14104 
0.1224275 
0.1224275 
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SF8 
BASF2 
SF3 

1.69360734 
1.66839033 
1.74554672 

A3.2 Custom design 

GENERAL LENS DATA: 

File Name 
Lens Title 
Number of surfaces 
Effective Focal Length 
System Aperture Type 
Image Space FlU 
Working FlU 
Object Space N.A. 
Entrance Pupil Diameter 
Entrance Pupil Position 
Exit Pupil Diameter 
Exit Pupil Position 
Total Track 
Paraxial Magnification 
Paraxial Image Height 
Primary Wavelength 
Stop Surface 
Units 

Field number 1 
Field number 2 

Wavelength Number 1 
Wavelength Number 2 
Wavelength Number 3 

1.67410893 1.66757771 
1.65186680 1.64620730 
1. 72259736 1. 71508948 

:SCH3 
: LOW OBSC. SCHWARZ. RELAY (CUSTOM) 

20 
-771.0582 

; Entrance Pupil Diameter 
0.7617948 
1.822107 

0.05948937 
1012.16 

o 
65.34912 

-122.4814 
9369.511 

0.2234604 
0.03311981 

0.800 microns 
1 

: Millimeters 

: 0.00 deg weight: 1.000 
: 0.00 deg weight: 1.000 

0.550 microns 
0.800 microns 
1.000 microns 

0.400 weight 
0.550 weight 
0.400 weight 

SURFACE DATA SUMMARY: 

Surf Type 
obj standard 
Sto standard 

2 standard 

Radius 
infinity 
infinity 
infinity 

Thickness 
-8492 
8492 
118 

Glass Diameter 
0.2964267 
1012.16 
0.2964267 
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3 standard -321.2198 3 fk51 
4 standard -16.72373 2.5 lak8 
5 standard -31.62019 129.3423 
6 standard infinity -129.3423 
7 standard infinity 535 
8 standard infinity -75 
9 standard infinity 75 

10 standard -326.1652 5 fk51 
11 standard -19.79167 3 tak8 
12 standard -33.21395 0 
13 standard infinity 145.8107 
14 standard 15.52915 -190 mirror 
15 standard 221.8974 190 mirror 
16 standard infinity 0.2 
17 standard infinity 65 
18 standard infinity 0 
19 standard infinity 0 

ima standard infinity 0 

SURFACE DATA DETAIL: 

Surface 14 : STANDARD 
Aperture : Circular Aperture 
Minimum Radius 0 
Maximum Radius 2.3 

Surface 15 : STANDARD 
Aperture : Circular Aperture 
Minimum Radius 10 
Maximum Radius le+OIO 

Surface 17 : STANDARD 
Aperture : Circular Obscuration 
Minimum Radius 0 
Maximum Radius 2.3 

INDEX OF REFRACTION DATA: 

Glass 
FK51 
LAK8 

0.550000 
1.48779297 
1.71583107 

0.800000 1.000000 
1.48232620 1.48014621 
1. 70333220 1. 69832851 
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18 
18 
18 
15.59641 
15.15413 
18.48694 
17.93299 
22 
22 
22 
18.93327 
4.476171 
140.6537 
2e-005 
37.46264 
0.07547895 0 
0.07547895 0 
0.07547895 0 
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