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ABSTRACT

This dissertation explores the consequences of atmospheric dynamics for observations
of substellar mass objects (SMOs). Discussed first is the growth of cloud particles of
various compositions in brown dwarfs of different surface gravities and effective temperatures. The structure of these objects is calculated with a one-dimensional radiative
transfer model. To determine particle sizes, the timescales for microphysical growth processes, including nucleation, coagulation, and coalescence, are compared to the timescale
for gravitational sedimentation. The model also allows for sustained uplifting of condensable vapor in convective regions. The results show that particle sizes vary greatly
over the range of objects studied. In most cases, clouds on brown dwarfs do not dominate the opacity. Rather, they smooth the emergent spectrum and partially redistribute
the radiative energy. The focus then shifts to extrasolar giant planets (EGPs). Results
are presented from a three-dimensional model of atmospheric dynamics on the transiting Jupiter-like planet HD 209458b. As a close-in orbiter (known as a “roaster”), HD
209458b is super-heated on its dayside. Due to tidal locking of the interior, the dayside
hemisphere faces the star in perpetuity, which leads to very different dynamics than is
seen on Jupiter. The flow is characterized by an eastward supersonic jet (u ∼ 4 km s−1 )
extending from the equator to the mid-latitudes. Temperature contrasts are ∼ 500 K at the
photosphere. At 220 mbar, winds blow the hottest regions downstream from the substellar
point by ∼ 60◦ , with direct implications for the infrared light curve. These simulations
are extended to the study of carbon chemistry in HD 209458b’s atmosphere by coupling
the CO/CH4 reaction kinetics to the dynamics. Disequilibrium results from slow reaction
rates at low temperatures and pressures. Effective vertical quenching near the ∼ 3 bar
level leads to uniformly high concentrations of CO at the photosphere, even in cool regions where CH4 is strongly favored thermodynamically. Observations are underway to
detect these signatures of meteorology on HD 209458b and similar planets.
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CHAPTER 1
Substellar Mass Objects: Their Discovery and Characterization

My dissertation discusses the atmospheres of substellar mass objects (SMOs), which include brown dwarfs and giant gas planets. I would like to preface this opening chapter
by directing the reader’s attention to the introductory sections of Chapters 2–4 (and references therein), which contain extensive background material on each sub-topic of SMO
atmosphere modeling. These discussions will not be repeated here. I attempt in this
chapter, rather, to place my research in the context of the study of SMOs as a whole.
In SMO atmosphere studies, there is considerable feedback between observers and
modelers. Observers use telescopes with elaborate instrumentation to measure radiation
from isolated brown dwarfs (“field dwarfs”) or stars harboring planets. In parallel, models
are constructed to describe and explain the observations and relate them to astrophysical
processes. But models play a crucial role as well in guiding observations, alerting observers of effects to look for in planning observations. Many observing strategies are
inspired by predictions of the latest models. I have benefited from the synergy between
these two aspects of SMO studies by collaborating on several projects involved with or
related to observing SMOs, though the thrust of my research is theoretical.
1.1

Introduction to the Study of Substellar Mass Objects

As a research field, the study of SMOs was only five years old when I entered graduate
school. The existence of extrasolar planets and brown dwarfs had been hypothesized in
the 1960s or earlier, and numerous unsuccessful attempts had been made to detect them.1
Then, in 1995, two major breakthroughs were announced on the same day: the discovery
of Gl 229b, which was the first incontrovertible example of a brown dwarf (Oppenheimer
1A

thorough recounting of the history of early extrasolar planet searches can be found at http://

www.public.asu.edu/∼sciref/exoplnt.htm
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et al., 1995), and the discovery of 51 Peg b, the first known extrasolar giant planet (EGP)
(Mayor and Queloz, 1995).
Almost overnight, the achievements of Oppenheimer et al. (1995) and Mayor and
Queloz (1995) galvanized the astrophysics and planetary science communities to try to
understand the nature and origin of SMOs. Over the past decade, major avenues of research have been directed to answering several key questions: What are the various environments in which SMOs form? What is their relationship to stars and star formation?
What is their internal structure, and how do they evolve in time? What is the nature of
their atmospheres? And what is the abundance and distribution of SMOs in the universe?
Loosely defined, SMOs are gaseous objects with insufficient mass to become mainsequence stars. They are “substellar” in the sense that, unlike stars, SMOs do not attain
core temperatures high enough to maintain hydrostatic equilibrium by fusion of hydrogen
into helium. The terrestrial planets, though certainly “substellar” as well, are normally
classified separately. Hence, Uranus and Neptune occupy the low-mass end of SMOs.
Brown dwarfs near the hydrogen-burning limit (i.e., “failed stars”) define the high-mass
end. The SMO classification is useful because similar physics describes the structures of
both brown dwarfs and giant planets (Burrows et al., 2001).
Because stable hydrogen burning is never achieved, the evolutions of brown dwarfs
and giant planets are characterized by slow gravitational contraction. The gravitational
potential energy lost during contraction is converted into thermal energy, which is radiated
away into space. But contraction in SMOs does not continue indefinitely. Electron degeneracy pressure eventually sets in to halt further gravitational collapse (Guillot, 2005).
At this stage, SMOs cool slowly until they become completely dark.
Since 1995, there has been continued debate within the astrophysics community about
the precise difference between giant gas planets and brown dwarfs. Clearly, the two
have much in common. These objects all have gaseous envelopes largely composed of
hydrogen and helium, with trace quantities of the heavier elements (∼ 2% by mass in
Jupiter). High opacities ensure their interiors are largely convective. Also, the spectrum
of Gl 229b—like that of Jupiter—shows strong deviations from blackbody fluxes resulting
from absorption by molecules in its atmosphere, which is relatively cool (Teff ∼ 950 K).

12
Does a meaningful distinction exist between the terms “brown dwarf” and “giant planet?”
It has long been contended that giant planets should be distinguished from brown
dwarfs based on their respective formation environments. In this view, SMOs that formed
in circumstellar disks (that now orbit stars) should be termed “planets,” whereas the designation “brown dwarf” should be reserved for field objects that evolved in isolation. This
definition makes no distinction with respect to mass, so Jupiter would be called a “brown
dwarf” if it did not orbit a main-sequence star.
The opposing camp contends that the distinction between giant planets and brown
dwarfs should be based on mass. A natural demarcation presents itself at the onset of
deuterium burning, which we call the deuterium-burning minimum mass (DBMM). Deu>
terium burning occurs in objects with M ∼
13 MJ (where MJ is the mass of Jupiter). Deuterium burning occurs only in the early evolutionary stages of SMOs above the DBMM.

Most of the energy radiated by these objects comes from gravitational contraction and
thermal cooling.
We have adopted the second definition throughout this work; i.e., we consider brown
dwarfs to be SMOs that fill the mass “gap” between giant planets and low-mass stars. This
choice has been made largely out of convenience rather than principle: it is my personal
view that the definition based on formation environment holds equal merit. That being
said, the calculations described in Chapter 2 pertain to field dwarfs (i.e., isolated objects,
not stellar companions) above the DBMM, so these SMOs would be considered brown
dwarfs according to both definitions.
Having defined a brown dwarf as occupying the mass range between about 13–78 MJ
(the exact range depends on metallicity), the problem of distinguishing between different
field objects immediately arises. In terms of spectral features, the transition from highmass brown dwarf to low-mass star is fairly continuous. Likewise, young planets in the
early stages of gravitational contraction may outshine old brown dwarfs. What tests can
we apply to distinguish planets, brown dwarfs, and low-mass stars?
The confirmation of Gl 229b’s status as a brown dwarf comes from the detection
of methane (CH4 ) in its spectrum (Oppenheimer et al., 1995). Because CH4 thermally
dissociates into CO at temperatures above 1100 K, as discussed in Section 4.2 of this
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dissertation, the presence of methane demonstrates convincingly that Gl 229b is cooler
than any known star.
The “lithium test” has also been successful at identifying brown dwarfs (Basri, 2000).
The lithium test is based on the fact that objects more massive than about 60 MJ burn
lithium in their cores during the early stages of their evolutions. Since these objects are
fully convective at young ages, their entire reservoirs of primordial lithium are burned
over about ten million years. For this reason, lithium is depleted—though still present
in low abundance—at the photosphere of the Sun (Ahrens et al., 1992; Chen and Zhao,
<
2006). In low-mass stars (M ∼
0.3 × M , where M is the mass of the Sun) older
than 100 Ma, lithium is not observed at all. As the onset of lithium burning is below the
<
hydrogen-burning minimum mass (HBMM), a cool object (Teff ∼
2000 K) containing
lithium in its spectrum is most likely substellar. The exception to this test is that very

young stars do show lithium in their spectra, as they have not yet had a chance to burn it
off.
On the opposite end of the spectrum of SMOs, how can we distinguish brown dwarfs
from planets? In many cases, the effective temperature is a giveaway, since objects much
>
above Teff ∼
1000 K must be brown dwarfs (unless they orbit close-in to a main-sequence

star). For objects near the DBMM, an unambiguous classification based on observable
parameters may not always be possible.
Are all extrasolar planets SMOs? Of the ∼ 150 extrasolar planets currently known to
orbit main-sequence stars, radii have been measured only for the nine transiting planets.
These planets periodically pass in front of their host stars, causing a ∼ 1% dip in the
star’s photometric brightness as seen from Earth (see, e.g. Charbonneau et al., 2000).
All nine of the known transiting planets are gas giants (and fit into the SMO category).
The other radial velocity planets are also expected to be gas giants based on their masses
(M > 10 × M⊕ , where M⊕ is the mass of the Earth). But the existence of terrestrial
planets in this mass range cannot be definitively ruled out. We are reminded of this point
by the recent discovery of the transiting planet HD 149026b, which has a dense core
composed of elements heavier than hydrogen and helium (Sato et al., 2005).
Through surveys such as 2MASS (and spectroscopic follow-up), astronomers have
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begun to fill in the spectral types between the lowest mass stars and Jupiter: the M, L,
and T dwarfs (Kirkpatrick, 2005; Cushing et al., 2005). We also have estimates for the
population of SMOs in the Galaxy. The number of brown dwarfs is now thought to
be comparable to the number of stars (Reid, 1999; Burgasser, 2004; Allen et al., 2005).
More distant brown dwarfs have also been found by the MACHO (“massive compact halo
object”) collaboration, which has successfully detected hundreds of SMOs in the Galactic
halo as microlensing events (Rahvar, 2005). Many questions remain unanswered about
the formation and evolution of these objects. We have undertaken to address here key
issues pertaining to SMO atmospheres, questions that arise within the larger context of
this emerging field.
1.2

Characterization of the Atmospheres of SMOs

By the time I entered the study of SMOs in 2000, the field had exploded. Over 50 EGPs
had been discovered by radial velocity surveys, and over 150 brown dwarfs had been
found in the field and in clusters. To date, hundreds of brown dwarfs have been discovered
using 2MASS and other surveys (see, e.g., Schwartz and Becklin, 2005; Skrutskie et al.,
2006). In parallel, planet-finders have discovered 180 planets outside the solar system.
Of these, 170 have been detected by radial velocity, 3 by microlensing, 3 by imaging; 4
are pulsar planets.2 Nine EGPs are now known to transit their host stars, yielding fairly
precise values for their masses and radii. For a recent review of the major advances in
planet detection since the discovery of 51 Peg b, see Mayor et al. (2005).
This dissertation addresses specific topics about the atmospheres of SMOs. Atmospheric studies are of particular importance in SMO research because the outer layers
of the atmosphere are directly observable. Atmospheric processes—such as scattering,
absorption, chemistry, clouds, and dynamics—ultimately determine the flux of outgoing
radiation in different wavebands. For some objects, the outgoing radiation is measurable,
though extrasolar planets are dim relative to their host stars, making observations of direct
2 For

up-to-date information about the latest developments in planet-finding see “The Extrasolar Plan-

ets Encyclopaedia” and associated references: http://vo.obspm.fr/exoplanetes/encyclo/
encycl.html
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light from EGPs quite challenging. That being said, IR emission from EGPs has recently
been detected with the Spitzer Space Telescope (Charbonneau et al., 2005; Deming et al.,
2005b).
As was realized well before 1995, the physics and chemistry describing SMO atmospheres is considerably more complex than stellar atmospheres. The problem is in principle well-posed. Given an SMO with a specified composition (e.g., solar abundances3 ),
mass, and proximity to a star, the goal is to model the emergent spectrum. Our intuition
tells us that a unique solution—the one found by nature—does exist. Models have been
successful in describing the structure and evolutions of stars, for which data are abundant. We are immediately led to apply the same principles to quantify SMOs. But we
encounter difficulties that simply do not arise in the field of stellar atmospheres resulting
from the formation of molecules in their cool upper layers. Molecules complicate matters
in several ways.
First, it has proved much more difficult to develop correct quantum mechanical models
of absorption and emission of radiation by molecules than for atoms. Atmosphere models
have to rely on incomplete line lists for molecular opacities, which often do not span the
full range of pressures and temperatures relevant for spectral line formation. Theoretical approaches have been tried with some success (e.g., Partridge and Schwenke, 1997;
Schwenke and Partridge, 2001), but the paucity of data on many species, notably CH4 , is
a remaining concern (Burrows et al., 2001). Second, many molecular species condense
in SMO atmospheres, forming clouds, which alter the radiation budget in complicated
ways. We discuss the role of clouds in spectral line formation in brown dwarfs in Chapter
2. Third, although chemical equilibrium models describe the abundances of many species
in SMOs, disequilibrium processes, which are much more difficult to quantify, dominate
the abundances in some cases. We elaborate on this point in Chapter 4.
The most challenging problem enumerated above is cloud formation (which does not
occur in stars) because clouds alter the global radiation balance of SMO (and planetary)
atmospheres. The word “global” is key here: it is in general not possible to estimate the
3 Later in this section, I briefly discuss the continued debate within the astrophysics and planetary science

communites on the precise values of the solar abundances
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local effects of clouds on the radiative balance without knowledge of the overall meteorology. This causes feedbacks in the atmosphere model itself. Condensation is a strongly
temperature-dependent process, which can be solved using Gibbs free energy minimization (see Burrows and Sharp, 1999). But clouds are typically effective at scattering light
(though they can be absorptive at some wavelengths, depending on particle size, shape,
and composition). This causes cooling or heating in different parts of the atmosphere,
which sets up a feedback between the microphysics of particle growth and radiation. Furthermore, clouds both depend on and perturb SMO meteorologies, which remain poorly
known (this subject is the primary concern of Chapter 3).
A similar global feedback applies to disequilibrium chemistry, the topic of Chapter
4. The abundance of chemical species in disequilibrium depends on the unknown meteorologies of SMOs. But if important species are not in equilibrium at the photosphere, the
radiation balance will be strongly affected, which feeds back into the dynamics modeling
problem itself.
Though the components of SMO atmosphere models are clear, and individually solvable in most cases, their interaction is not straightforward. Each chapter of this dissertation covers a different aspect of SMO atmosphere modeling. The topics are disparate
but all point to the same general conclusion, which is repeated several times throughout
this dissertation: coupled three-dimensional dynamics and radiation models are the future
for progress in understanding SMO atmospheres. Such “general circulation models” can
properly resolve the feedbacks and yield a fully self-consistent solution for an SMO atmosphere. Development of a GCM for SMOs will be a major challenge, both to construct
and to calculate. We nevertheless expect to see greater efforts in this direction over the
next ten years, along with improvements in our ability to specify the inputs (metallicity,
Gibbs free energies, opacities, etc.), which will continually improve with advances on the
observational front.
An issue arises throughout this work about the precise values of the cosmic elemental
abundances. For the calculations presented herein, we use the older geochemically based
solar abundances of Anders and Grevesse (1989) and Lodders and Fegley (1998). We
note, however, that these have undergone revisions over the past seven years, some of
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which are still under discussion within the scientific community (Grevesse and Sauval,
1998; Mahaffy et al., 2000; Allende Prieto et al., 2001, 2002; Lodders, 2003; Asplund
et al., 2006). The CNO abundances, along with the abundances of the noble gases, have
been revised down from the abundances of Anders and Grevesse (1989), and the C/O
ratio is now thought to be exactly 0.5—we use the value C/O = 0.57 from Lodders and
Fegley (1998) in Chapter 4. These updates will slightly modify the results presented here,
as discussed in more detail in Chapter 4. But given that all the input assumptions are
uncertain at the 25% level, the overall conclusions of this dissertation are unaffected by
the precise abundances used—at least at the level of accuracy (∼ 25%) of the cosmic
distribution presently under discussion.
The rest of this document is laid out as follows. In Chapter 2, we calculate condensation of clouds in brown dwarf atmospheres with a view to estimating typical particle
sizes; we use a one-dimensional microphysics approach. In Chapter 3, we present results
from a three-dimensional model of the atmospheric dynamics of the transiting extrasolar
planet, HD 209458b. We extend these three-dimensional calculations to address the role
of disequilibrium processes for CO/CH4 in Chapter 4. Chapter 5 summarizes the findings
of this dissertation and discusses future work in the field SMO atmosphere modeling. We
note that much of the content of Chapters 2 and 3 has been published elsewhere.4 The
material in Chapter 4 has been submitted for publication in the Astrophysical Journal and
is currently in peer review, but it is available as a preprint (Cooper and Showman, 2006).

4 The material of Chapter 2 first appeared in the Astrophysical Journal as Cooper et al. (2003).

Chapter 3

comes from an Astrophysical Journal Letter, which was published in August, 2005 as Cooper and Showman
(2005).
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CHAPTER 2
Modeling the Formation of Clouds in Brown Dwarf Atmospheres

2.1

Introduction to Cloud Models

Substellar mass objects (SMOs) are fundamentally more complex than Sun-like stars because of the formation of molecules in their cool outer layers. These molecular species
cause the spectra to deviate strongly from blackbody values in a multitude of spectral
bands (Leggett et al., 1999; Kirkpatrick et al., 1999; Burrows et al., 1997, and references
therein). Because of the complex chemistry occurring in their atmospheres, therefore, a
comprehensive theory of SMOs requires detailed knowledge of the opacities of all the
abundant molecular species. Obtaining complete opacity data has been a major challenge
for the field of SMO spectral synthesis (Burrows et al., 2001).
The chemistry of brown dwarf and giant planet atmospheres is further complicated
by the condensation of gaseous molecules into liquid or solid cloud particles, a process
which occurs naturally at low temperatures. Because clouds significantly affect spectral
features, a satisfactory theory for the structure of substellar atmospheres must address
cloud particle formation and subsequent growth. Detailed knowledge of the distribution
of particle sizes near the photosphere is a basic requirement for properly modeling the
optical effects of clouds (Lunine et al., 1989; Ackerman and Marley, 2001).
Clouds influence brown dwarf and giant planet spectra in several important ways.
First, cloud formation can deplete the atmosphere of refractory elements that become
sequestered in condensed form and then rain out from the upper atmosphere. This effect
is hypothesized to be important for the interpretation of the L to T dwarf spectral transition
(Burrows and Sharp, 1999; Burrows et al., 2001). Second, clouds near the photosphere
will have the general effect of smoothing out prominent spectral features (Jones and Tsuji,
1997). Third, the optical albedo of irradiated objects will be increased substantially by
the presence of clouds (Sudarsky et al., 2000). Fourth, the presence of an optically thick
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cloud layer causes a back-warming effect that results in heating of the atmosphere.
Clouds may be manifest in brown dwarf spectra in a more subtle way. Bailer-Jones
and Mundt (2001) reported photometric I-band variability of up to 7% in L dwarf spectra.
The effect is a possible signature of variations due to the patchiness of clouds. Unfortunately, cloud patchiness in SMOs is not well understood because even though much is
known about the dynamic meteorology of the Earth, these gaseous bodies are dynamically very different. For example, general circulation models of the Earth, although they
are of great utility for studying Mars, completely fail to reproduce the observed dynamics
in Jupiter’s atmosphere. A detailed, three–dimensional cloud model paralleling the state
of the art in Earth climate models would require detailed meteorological measurements
for proper parameter calibration that are simply not available for any other planet.
The present cloud model at its core employs the basic microphysical timescale arguments of Rossow (1978) to determine the most probable particle size in a cloud at each
vertical pressure level. The model is one–dimensional only. We make no attempt to treat
the intricacies of cloud patchiness or the effects of winds and horizontal advection. The
present cloud model is not intended to calculate the detailed meteorology of planetary
atmospheres but to offer a simple prescription for estimating the opacity of clouds in
SMO atmospheres. A detailed but computationally cumbersome SMO climate model,
if it could be developed, would be difficult to incorporate into spectral synthesis models. The philosophy behind a simple, one–dimensional approach to cloud modeling is to
develop a prescription based on well–established physical principles that can be used to
guide and inform spectral synthesis calculations. The present model aims to characterize
SMO cloud particle sizes and densities in a global and time averaged sense. We therefore
assume the particle number density of the cloud to be uniform across the spherical surface
of an object at a given pressure and temperature, and that there has been sufficient time in
these systems to establish chemical equilibrium throughout the atmosphere.
Our timescale arguments compute an average effectiveness for each of the various
competing physical processes. Therefore, the output particle sizes clearly depend directly
on our assumptions of the values of the four unknown parameters in the microphysical
timescales (see Section 2.2.3). The calculation represents a first–order estimate of SMO
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cloud particle sizes, and we therefore present our results for SMO particle sizes with
the realization that the procedure employed could potentially overestimate or underestimate the true particle sizes by some unknown factor, which we expect will be of order
unity. Nevertheless, since we have been consistent in the assumed values of the unknown
physical parameters throughout the calculation, we expect that the errors in the computed
particle sizes will be uniform among the SMOs studied. We are therefore confident, despite the inaccuracies of the approach, that the sizes computed are correct to within an
order of magnitude and that the trends we demonstrate, in which typical cloud particle
sizes vary systematically with brown dwarf effective temperature and gravity, do represent physically meaningful results.
In this paper, we reiterate the general conclusion arrived at in Lunine et al. (1989) and
Ackerman and Marley (2001): it is not satisfactory when modeling brown dwarf spectra
to assume a priori a single particle size distribution because the sizes of cloud particles
vary strongly with effective temperature, surface gravity, and height in the atmosphere.
We extend the previous efforts to incorporate clouds into spectral models by calculating
particle sizes based on a one-dimensional model of cloud particle growth for several abundant species over a range of realistic atmospheric conditions. We compute particle radii
spanning a broad range from about 5 µm to over 300 µm. Therefore, in the context of
this discussion, we hereafter refer to particles less than 10 µm in radius as small; we refer
to particles in the range from 10 − 100 µm in radius as medium-sized; and we consider
large particles to be those having radii greater than 100 µm.
In Section 2.2, we present an improved model of cloud formation and droplet growth
to determine the composition, abundance, and distribution of cloud particles in brown
dwarf atmospheres. In Section 2.3, we obtain modal cloud particle sizes for several representative cloud–forming species of high abundance for atmospheric models spanning
a broad range of effective temperatures and surface gravities. In Section 2.4, we compare our particle sizes with those of two other recent papers that have also addressed
clouds (Ackerman and Marley, 2001; Helling et al., 2001). In Section 2.5, we apply our
cloud model to brown dwarf spectra by computing the opacity of clouds resulting from
the wavelength–dependent effects of Mie scattering and absorption of radiation. We also
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demonstrate the importance of clouds as an opacity source by comparing the spectrum of
a cloudy brown dwarf atmosphere with that of a cloud–free atmosphere.
2.2

The Cloud Model

2.2.1 Condensation Level
The present cloud model follows much of the formalism of Lewis (1969), Rossow (1978),
Stevenson and Lunine (1988), and Lunine et al. (1989). To aid the reader, we list in Table
2.1 all the symbols used in our cloud model as described in this section of the text.
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Table 2.1.
Symbol

Cloud Model Variables and Parameters
Description

gsurf , Teff

SMO surface gravity and effective temperature.

Pcond , Psat

Partial pressure saturation vapor pressure.

Smax , S

Assumed maximum supersaturation and the saturation ratio.

τcond , τnuc

Timescales for heterogeneous and homogeneous nucleation.

τcoal , τcoag

Timescales for coalescence and coagulation.

τfall , τconv

Timescales for gravitational fallout and convective upwelling.

τrad

Timescale for particles to cool by radiation.

T, P, ρ, η

Temperature, pressure, mass density, and dynamic viscosity.

R, kb , NA

Univ. Gas Constant, Boltzmann’s Constant, Avogadro’s Number.

µ, µp

Mean molecular weights of the atmosphere and condensate.

Kn, Re

Knudsen and Reynolds numbers.

λ, csound

Mean free path of atmospheric gas particles and sound speed.

v

Relative velocity between particle and fluid in Re expression.

vfall (r), g

Terminal velocity of particles in local acceleration of gravity.

vconv

Upward velocity of convecting gas parcels.

H

Atmospheric scale height; i.e., pressure e-folding distance.

surf , L

Surface tension and the latent heat of vaporization.

rc , Z

Critical radius of particles and Zeldovich factor.

N

Number density of cloud particles.

coal , coag

Coalescence and coagulation efficiencies.

qc

Moles of condensate per mole of atmosphere.

qv

Moles of condensable vapor per mole of atmosphere.
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Table 2.1 (cont’d)

Symbol

Description

qt

Total moles of condensable material per mole of atmosphere.

qbelow

Mole fraction of condensable vapor below the cloud base.

Pc,1

Condensation curves as shown in Figure 2.1.

n(r), r0

Particle size distribution about modal particle size, r0 .

As in Lewis (1969), we compare the partial pressure of a given condensable species
to its saturation vapor pressure. Only at levels where the partial pressure exceeds the
saturation vapor pressure can condensation begin. However, the required level of supersaturation for efficient condensation depends on the physics of the nucleation process
itself. We discuss the two relevant nucleation processes—homogeneous and heterogeneous nucleation—in more detail in Section 2.2.2. In a clean atmosphere, in which the
availability of condensation nuclei is low (the case of homogeneous nucleation), condensation will not begin until the vapor becomes highly supersaturated. Thus, the partial
pressure will greatly exceed—often by a factor of two or more—the saturation vapor pressure (Rogers and Yau, 1989). This situation is hypothesized to occur in methane clouds
in Titan’s atmosphere (Samuelson et al., 1997; Moses et al., 1991; Tokano et al., 2001).
The condensation level appears where
Pcond > Psat (1 + Smax ).

(2.1)

In Equation 2.1, Pcond is the partial pressure of the condensing vapor, and Psat is its saturation vapor pressure. The Smax parameter is the assumed maximum supersaturation. For
example, if Smax = 0.01, then the partial pressure of the condensing vapor must be 1%
larger than the saturation vapor pressure before condensation can begin. To aid future
discussions, we also define the saturation ratio as S = Pcond /Psat .
In addition to the original Lewis (1969) cloud model, we also treat the case of het-
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erogeneous (or chemical) condensation, in which chemical constituents different in composition from the cloud react chemically to produce the condensate. For example, we
allow Mg, Si, and O to produce forsterite, Mg2 SiO4 . In such cases of heterogeneous
condensation, the concept of a saturation vapor pressure is replaced by the heterogeneous
condensation pressure. We apply the chemical equilibrium model of Burrows and Sharp
(1999) to a solar–composition gas (Anders and Grevesse, 1989) to determine which chemical species are thermodynamically favored. The calculation determines the equilibrium
compositions by minimizing the Gibbs free energy of the system.
The maximum supersaturation, Smax in Equation 2.1, appears in the calculation as an
essentially free parameter, though we have some guidance as to its likely value from measurements of the supersaturation of water clouds on Earth. We assume in these calculations that the abundance of condensation nuclei is sufficient for heterogeneous nucleation
to begin at only 1% maximum supersaturation, though we will explore the effect of this
parameter on the computed particle sizes subsequently (see Section 2.3.4). We have not
attempted herein to calculate the precise composition or abundance of these condensation
nuclei. But even for iron, which is the most refractory of the homogeneously condensing
species, we argue based on chemical equilibrium considerations that there exist abundant
refractory condensates that can potentially serve as nucleation sites for heterogeneous nucleation, including corundum (Al2 O3 ), hibonite (CaAl12 O19 ), the calcium titanates (e.g.,
CaTiO3 and Ca4 Ti3 O10 ), grossite (CaAl4 O7 ) and other calcium-aluminum oxides, and
spinel (MgAl2 O4 ).
As in Rossow (1978), we ignore variations in Smax within the cloud. Although in reality the supersaturation should decrease with altitude, we ignore this effect in the present
calculations. Furthermore, it is possible to have a small amount of condensate present
between S = 1 and S = 1 + Smax , even though condensate cannot possibly form there
(since the initial condensation of vapor into embryonic particles in general requires at
least a modest level of supersaturation). However, particles can settle into the region between S = 1 and S = 1 + Smax once they have formed and yet still be thermodynamically
stable. Since it depends on a balance between the processes of gravitational settling and
convective upwelling, the amount of cloud material present in the barely supersaturated
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region is difficult to calculate with certainty. The clouds we treat in this article have a
very low Smax , and therefore the errors introduced by neglecting these effects are small.
In a cloud having very few condensation nuclei, which as we have stated would require a
large Smax , considerations such as the variation of the supersaturation with altitude and the
exact location of the cloud base become more crucial for accurate cloud modeling. The
present cloud model is not configured to account for these effects realistically, though they
are relatively unimportant for the low supersaturations generally assumed throughout this
paper.
Figure 2.1 shows the condensation curve for two condensates, forsterite (Mg2 SiO4 )
and gehlenite (Ca2 Al2 SiO7 ), as well as the “effective condensation curve” of iron derived from the iron saturation vapor pressure curve, and several model brown dwarf atmospheres. As the caption to Figure 2.1 explains, the curve labeled “Fe” is not the true
saturation vapor pressure curve of iron. It is an “effective condensation curve” derived by
taking the saturation vapor pressure of iron and dividing by the number mixing ratio of
iron vapor just below the cloud base (parameter qbelow of Table 2.2), which is the maximum allowed number mixing ratio of gaseous iron in a solar composition mixture when
hydrogen is all in molecular form (H2 ). We discuss this further in Section 2.2.3.
The intersection points between the four long–dashed curves of brown dwarf
temperature–pressure profiles and the condensation curves of forsterite and gehlenite represent levels in the atmosphere at which the relevant species may appear via one or more
chemical reactions.
The more familiar case of homogeneous condensation, or direct condensation from a
vapor of the same composition, does occur for water and iron. Thus, for the condensation
of iron and water, we follow Lewis (1969) and employ the well–known saturation vapor
pressure relations of iron and water (Barshay and Lewis, 1976; Lunine et al., 1989). In
Figure 2.1, the iron curve is thus shown as a thick, short–dashed line as a reminder that
the iron cloud condenses directly from iron vapor. As we discuss in more detail in Section
2.5.3, in which we explore the coupling between clouds and the radiative transfer problem,
the atmospheres used in this stage are computed on the basis of an independent, dust–free
stellar atmosphere code.
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Figure 2.1 Illustrates the locations of the cloud bases for four different atmospheric
models (long–dashed curves) and three different chemical species (solid and short–dash
curves). The atmospheric models are at two different surface gravities and two different
effective temperatures. The short–dashed curve defines the atmospheric pressures and
temperatures for which the vapor pressure of iron equals its saturation vapor pressure.
This curve is obtained using the iron saturation vapor pressure expression in Barshay and
Lewis (1976). The saturation vapor pressure curve has been adjusted using the iron vapor mixing ratio (by number) below the cloud (parameter qbelow in Table 2.2). The two
solid lines are the curves which illustrate when condensation of forsterite (Mg2 SiO4 ) and
gehlenite (Ca2 Al2 SiO7 ) become thermodynamically favored. Thus, they represent the
pressure dependent condensation temperatures of those species under the assumption that
chemical equilibrium holds. The intersection of a given atmospheric model and the two
condensation curves represents the pressures and temperatures at the bases of the chemically condensing clouds in our cloud model. However, for iron, the cloud base will be at
lower temperature and pressure than the intersection point if the iron vapor is significantly
supersaturated (see Equation 2.1).
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2.2.2 Microphysical Timescales
Although the chemistry applying to brown dwarf atmospheres is radically different from
Earth’s atmospheric chemistry, we nevertheless treat the various competing effects in the
cloud formation process as microphysical timescales (Rossow, 1978). In our model, five
microphysical processes compete with gravitational fallout to increase the modal particle
size: 1) convective uplifting of condensable vapor, 2) heterogeneous nucleation, 3) homogeneous nucleation, 4) coagulation, and 5) coalescence. Each process is characterized by
a single-valued timescale which expresses its relative importance.
The expressions for four of the microphysical timescales are computed in Rossow
(1978): τcond (heterogeneous condensation), τcoal (coalescence), τcoag (coagulation), and
τfall (gravitational fallout). These expressions depend on the values of both the Knudsen
and Reynolds numbers, which characterize how particles of different sizes interact physically with the surrounding fluid and with each other. It is therefore necessary to calculate
these values during the particle growth phase of the calculation (see Section 2.2.3).
We also require an equation of state relating the gas density to its temperature and
pressure. In this model, we employ the ideal gas equation of state to relate the gas mass
density ρ to the atmospheric temperature and pressure (T, P): ρ = µP/RT, where R is
the universal gas constant, 8.314 × 107 ergs mol−1 K−1 . The equation of state depends on
the mean molecular weight of the atmospheric gas mixture. For these atmospheres, we
use µ = 2.36 g mol−1 , the mean molecular weight of a solar composition gas in which
hydrogen is present in the molecular state, H2 . We have used the chemical equilibrium
model of Burrows and Sharp (1999) to verify that—as for Jupiter—molecular hydrogen is
the dominant phase of hydrogen in the upper atmospheres of SMOs. The ideal gas equation of state reproduces to within 1% the value of ρ obtained using the more sophisticated
thermodynamic equation of state described in Burrows et al. (1989).
The dimensionless Knudsen number differentiates between the two regimes—
classical and gas kinetic—of physical interaction between cloud particles and the surrounding medium:
Kn = λ/r,

(2.2)
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where r is the cloud particle’s radius and λ is the mean free path of atmospheric gas
particles. The transition between the two regimes occurs where the Knudsen number is
near unity (i.e., where λ ∼ r). The high Knudsen number regime, in which the mean
free path of gas molecules is much larger than the size of a typical cloud particle, will
normally not occur in SMO clouds. However, there are two situations in which large
Knudsen numbers could arise: 1) when particles are smaller than ∼1 µm in radius, and
2) high up in the atmosphere of a planet or brown dwarf at pressures much less a bar. We
include the Knudsen number in the cloud model to account for these possibilities.
The dimensionless Reynolds number characterizes the behavior of a spherical particle
moving through a fluid. The equation for the Reynolds number is
Re =

2ρvr
,
η

(2.3)

where ρ is the mass density of gas in the atmosphere, r is the radius of the particle, v is the
velocity of the particle relative to the fluid, and η is the dynamic viscosity of the fluid. The
flow will be turbulent for Re  10 but laminar for low Reynolds numbers (Landau and
Lifshitz, 1959). For the purposes of these calculations, we assume laminar flow unless
Re > 70 (see Section 2.2.3). This choice for the laminar to turbulent cutoff is convenient
because above Re = 70, the drag coefficient describing the variation in terminal velocity
of a falling particle becomes roughly a constant at CD ≈ 0.2 (Rossow, 1978).
To calculate the Reynold’s number and the timescale for gravitational fallout, we introduce an approximate value for η, the dynamic viscosity. The viscosity of a hydrogen
and helium gas mixture at low densities is roughly constant over a broad range of temperatures. Because the viscosity increases with the square root of temperature at low
pressures, it varies by less than a factor of two over the full range of SMO effective
temperatures discussed herein (see Section 2.2.3). For simplicity, our model therefore assumes a constant value for the dynamic viscosity of η = 2·10−4 poise, which is consistent
with the measured values of η for hydrogen and helium at low densities and T ∼ 1000 K
(Lide, 1991, CRC Handbook).
The τfall timescale represents gravitational fallout of particles, which is the fundamental process limiting particle growth. As the particles become large, they fall out. We take
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the gravitational fallout timescale to be the time required for particles to fall through a
pressure scale height of the atmosphere at terminal velocity.
The terminal velocity of falling particles depends on their size, shape, density, rigidity,
and the nature of the fluid flow around them (e.g., Stokes flow, free molecular flow, or
turbulent flow). We assume rigid spherical particles throughout this paper. While it is
true that liquid particles of a given size will fall more slowly through the atmosphere than
solid particles because of the disruption of their shape, the effect will not significantly
alter the fall speeds for particles smaller than about a millimeter (Rogers and Yau, 1989).
The particles we obtain using this model—see Section 2.3—never grow large enough for
the difference in terminal velocity between solid and liquid particles to be noticeable.
Thus, taking the particles to be rigid spheres is in this case a reasonable simplification.
For the common case of low Knudsen and low Reynolds number flow, the terminal
velocity will be given by the Stokes solution for a falling rigid sphere (Rogers and Yau,
1989). The Cunningham factor, 1 + 43 Kn, accounts for the variation in the terminal velocity with Knudsen number. There is also a variation in terminal velocity with Reynold’s
number. These combined effects yield three different forms for the terminal velocity
vfall as a function of the radius r of the particle:


2ρcond g
2
Re < 70, Kn < 1,
vfall (r) = r ·
9η
s
40ρcond g
vfall (r) = r1/2 ·
Re > 70, Kn < 1, and
3ρ


r
8ρcond g
πµ
vfall (r) = r ·
Kn > 1.
2NA kb T
27ρ

(2.4)

(2.5)
(2.6)

In Equations 2.4, 2.5, and 2.6, NA is Avogadro’s number (6.022 × 1023 mol−1 ), kb is
Boltzmann’s constant (1.38×10−16 erg K−1 ), and g is the local gravitational acceleration.
The quantity ρcond represents the mass density of the particle itself, for which we use the
bulk density of a solid or liquid phase having the composition of the condensate. The
parameters used for each condensate we have treated—iron, forsterite, gehlenite, and
water—are listed in Table 2.2. The mass density of the gas ρ depends on temperature
and pressure through the equation of state. The terminal velocity of particles depends
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also on the local acceleration of gravity, g, which varies considerably among the SMO
population (see Section 2.3). In the Stokes solution, Equation 2.4, the terminal velocity
is proportional to the square of the radius of the falling sphere. In the turbulent regime,
Equation 2.5, it is proportional to the square root of the radius. In the gas kinetic (or
large Knudsen number) regime, Equation 2.6, the terminal velocity increases linearly
with particle radius. The gravitational fallout timescale is inversely proportional to the
terminal velocity: τfall = H/vfall , where H =

RT
µg

is the atmospheric scale height. We

describe in Section 2.2.3 our procedure for differentiating between the Reynolds number
regimes, which is necessary to calculate τfall and the other microphysical timescales.
The τconv timescale represents the convective upwelling of particles. Although convective upwelling is not itself a particle growth process, convective updrafts hold small
cloud particles aloft in the atmosphere so that they accumulate more material via coagulation, coalescence, etc. We define the timescale characterizing convective updrafts as
τconv = H/vconv .

(2.7)

The convective timescale is thus the time required for gas parcels to rise through a pressure
scale height. The upward convective velocity, vconv , is estimated via a mixing length
prescription in the atmosphere code.
The nucleation timescale, τnuc , characterizes particle growth via homogeneous nucleation, in which highly supersaturated vapor condenses spontaneously due to rapid collisions between the vapor molecules. For the nucleation timescale, we employ the classical
homogeneous nucleation theory, in which droplets form in free space as a result of chance
collisions between the molecules of the supersaturated vapor. This process is rarely observed to occur in nature because its timescale will be longer in almost all cases than
τcond , which characterizes the condensation growth of a population of particles via heterogeneous nucleation. Condensation growth means the conversion of vapor to particles,
whether they be in the liquid or solid phase. For example, the phase diagram of iron indicates that iron will condense into liquid particles above 1800 K. However, we ignore the
distinction between liquid and solid particles because the particles are small enough that
the flattening effect during free–fall is negligible. In heterogeneous nucleation, particles
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nucleate onto seed particles, called condensation nuclei, which are presumed to populate
the region of condensation. As discussed, when heterogeneous nucleation is efficient,
condensation may begin even when the level of supersaturation is quite low (< 1%). Neither nucleation process represented by τnuc and τcond apply to the species that appear due
to chemical reactions (e.g., forsterite and gehlenite) rather than from a supersaturated vapor. The nucleation timescale expressions apply only to the species (e.g., iron and water)
for which the condensate forms directly from a vapor of the same composition.
For the condensation timescale, τcond , we consider nucleation onto seed aerosols,
also known as condensation nuclei. The assumption of a low maximum supersaturation
of the condensable vapor—Smax = 1% throughout (see Section 2.2.1)—is equivalent to
the assumption that condensation nuclei are abundant in the upper atmosphere; i.e., these
are “dirty” atmospheres. We have not attempted in the present model to calculate the
compositions or exact abundances of these condensation nuclei. Our assumed value for
Smax is based rather on the recognition that the complex chemistry occurring in SMO
atmospheres will likely generate a plethora of molecules suitable as seeds for the onset of
heterogeneous nucleation. The expressions for the condensation timescale, which depend
on the Knudsen number regime, are adapted from Rossow (1978):


ρcond RT
2
,
Kn < 1,
τcond = ρr
4ηµPsat Smax


τcond

ρcond RT
=r
3Psat Smax



π
2µNA kb T

(2.8)

1/2
,

Kn > 1.

(2.9)

In Equations 2.8 and 2.9, Psat is the saturation vapor pressure defined in Equation 2.1,
and ρcond is the mass density of the condensate. The other variables are the same as in
Equations 2.4, 2.5, and 2.6. The mass densities of the four condensates treated in this
paper are given in Table 1.
The condensation timescale given in Equations 2.8 and 2.9 assumes that heterogeneous nucleation dominates over homogeneous nucleation; i.e. Smax  1. We relax this
assumption by incorporating the process of homogeneous nucleation explicitly (τnuc ). It
should be noted, however, that the inclusion of τnuc will only be important if the maximum
supersaturation parameter is assumed to be large (Smax  1). We present homogeneous
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nucleation as a feature of the cloud model so that particle growth can be treated in the
extreme case of very high supersaturations. As we have indicated, however, this situation
is not likely in brown dwarf atmospheres. In most cases, homogeneous nucleation will be
orders of magnitude slower than condensation growth by heterogeneous nucleation (i.e.,
−1  τ −1 ).
τnuc
cond

For the timescale of homogeneous nucleation, we have adapted expressions from
Stevenson and Lunine (1988) for large Knudsen numbers:
τnuc =

ρcond rL2 µ
 (Kn > 1).
csound RTP exp (2surf µ/RTρcond r) − 1


(2.10)

Here, r is the particle radius, L is the latent heat of vaporization, surf is the surface tension
√
of the condensed liquid molecules, csound = RT/µ is the sound speed in the atmosphere,
and P and T are the ambient temperature and pressure. We list the values of these parameters for iron and water in Table 2.2. This expression is derived from Equations 3-5 of
 −1
Stevenson and Lunine (1988) by taking τnuc = r dr
and then substituting in from the
dt
ideal gas equation of state and the Clausius-Clapeyron equation to eliminate the particle
number density, saturation vapor pressure, and the vapor pressure temperature gradient.
We take the efficiency of heat exchange in Equation 3 of Stevenson and Lunine (1988)
to be 100% and the average relative velocity of cloud particles colliding with the local
hydrogen to be csound .
The τnuc expression for large Knudsen numbers represents the timescale for the growth
of an embryonic cloud particle that must release the latent heat of condensation through
collisions with the surrounding hydrogen (Stevenson and Lunine, 1988). It is possible,
however, for particles in high-temperature environments to grow by releasing the latent
heat of condensation simply through radiatively cooling. We therefore include in the
model an estimate of the radiative cooling timescale, which is compared with Equation
−1
−1 , and the mean free path of particles is greater than
2.10 in the calculation. If τrad
> τnuc

the particle size, we use τrad in place of τnuc . The equation we use to approximate τrad is
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adapted from Woitke (1999):
τrad



  ρ
cond
−2
≈ 2 × 10 sec ·
×
1 g cm−3

−4
−1 
µp
T
.
1000 K
1 g mol−1

(2.11)

In Equation 2.11, µp is the molecular weight of the condensate (as distinct from µ ≈
2.36 g mol−1 , the mean molecular weight of the atmospheric gas mixture). The values of
µp for the four condensates treated herein are given in Table 2.2.
It should be noted that in a very high temperature, low density environment, in which
the release of latent heat is extremely fast, the limiting timescale for homogeneous nucleation will be neither τnuc nor τrad but the timescale for the diffusion of vapor molecules
to the surface of the grain. We do not calculate this timescale in the present model. For
the purposes of SMO atmospheres, however, this regime will never be realized in practice
because the condensation temperatures of even the most refractory compounds rarely exceed 2000 K. Therefore, although the limit of τrad → 0 in this formulation appears to be
potentially problematic, the temperature constraints ensure that τrad cannot be arbitrarily
small. Hence, for use in the calculation of SMO clouds, it is reasonable to assume that
the shorter of the two timescales, τnuc and τrad , determines the particle’s homogeneous
nucleation rate.
The constant preceding Equation 2.11 is strictly correct only for highly opaque species
having high extinction efficiencies. This is appropriate for the condensates we focus on
here, although the timescale for radiative cooling will be longer by a factor of ten or a
hundred than the timescale shown in Equation 2.11 if the particles are mostly transparent. In cases in which the τrad timescale dominates the particle sizes, a more accurate
approximation than we have made in Equation 2.11 should be calculated by integrating
the extinction efficiency over wavelength; e.g., see Equation 17 of Woitke (1999).
The more common case of small Knudsen numbers, which corresponds to high atmospheric gas density, is a commonly used meteorological expression; see Rogers and Yau
(1989). The low Knudsen number expression for τnuc is written in terms of the critical
radius at which the equilibrium vapor pressure over the surface of a particle equals the
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ambient vapor pressure. The equilibrium vapor pressure over the surface of a liquid particle, because of its finite curvature, is in general higher than the equilibrium vapor pressure
over a flat surface of the liquid, which is the saturation vapor pressure normally measured
in the laboratory. Therefore, the critical radius of the liquid particle will only be attained
when the saturation ratio exceeds unity; i.e., when the actual ambient pressure exceeds
the saturation vapor pressure. The critical radius therefore depends on the supersaturation
Smax (Rogers and Yau, 1989):
rc =

2µp surf
.
ρcond RT ln(1 + Smax )

(2.12)

Unlike the gas kinetic regime, in which the removal of latent heat limits the rate at
which particles can grow by nucleation, in the classical gas regime, the nucleation rate of
particles is determined by the rate at which supercritical droplets are formed; i.e., droplets
larger than the critical radius above which particles grow spontaneously. The expression
for τnuc in terms of the critical droplet radius rc , adapted from Rogers and Yau (1989),
reads

s
τnuc

1
=
P



µp kb T −1
4π r2c surf
Z exp
(Kn < 1).
3kb T
8πNA r4c

(2.13)

In Equation 2.13, Z is the dimensionless Zeldovich or non–equilibrium factor, which
depends on temperature and the physical properties of the condensate. The equation for
Z, given by Jacobson (1999), is
µp
Z=
2
2π rc ρcond NA

r

surf
.
kb T

(2.14)

The Zeldovich factor accounts for the differences between equilibrium and non–
equilibrium cluster concentrations in the classical homogeneous nucleation theory used
to derive Equations 2.12 and 2.13.
Coagulation and coalescence represent particle growth due to collisions. The coagulation timescale, τcoag , refers to the formation of larger particles by the collision of
smaller particles. It therefore depends primarily on the thermal temperature, viscosity,
and the number density of cloud particles. The coalescence timescale, τcoal , characterizes
the growth of particles by coalescence, in which large particles having high downward
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velocities in the fluid overtake and merge with small, slowly falling particles. Thus, coalescence refers to the collisional process caused by the different fall speeds of different
sized particles, whereas coagulation is collisional growth resulting from Brownian motion. Both processes proceed at a rate proportional to the particle number density, N,
since the total amount of material available for condensation is conserved. The number
density of cloud particles is given in terms of the gas density as

 
3µp
ρ
.
N = qc
µ
4πρcond r3

(2.15)

In Equation 2.15, r is the cloud particle radius, ρ is the mass density of the surrounding gas
(as given by the equation of state), ρcond is the mass density of the condensate, and qc is
the condensate mixing ratio by number, which depends on the specific rainout prescription
applied. The rainout scheme we employ to compute the variation of qc with height above
the cloud base is explained in Section 2.2.3.
Given the particle number density, N, the timescale for coagulation in terms of the
radius of the condensed particle, r, is given by
τcoag ≡
τcoag

N
3η
1
=
,
Kn < 1
dN/dt
4kb Tcoag N
r
1
ρcond 1
=
,
Kn > 1.
4coag 3rkb T N

(2.16)

(2.17)

Here, coag is the coagulation efficiency, which is a free parameter of the model. We
discuss this further in Section 2.2.4.
Our final microphysical timescale, τcoal , characterizes the process of coalescence,
in which larger particles overtake and coalesce with smaller particles.

For coales-

cence, the Reynolds number again plays an important role because—unlike coagulation—
coalescence pertains specifically to the merging of particles of greatly different radii
whose interaction depends on the nature of the surrounding flow fields. The coalescence
expressions are adapted from Rossow (1978), although we have introduced an extra free
parameter into the equations, the efficiency for coalescence, coal :


9η
1
1
τcoal = 4
,
Re < 70, Kn < 1
r coal πρcond g N

(2.18)
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τcoal =
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(2.19)

(2.20)

As we discuss in Section 2.2.4, coalescence is important only for liquid particles. This
is the only case in our model in which the distinction between liquid and solid particle
formation is important. Thus, for iron cloud formation above 1800 K, coalescence will
potentially be important, and it can be important for water clouds, but we ignore it for the
silicate clouds.
2.2.3 Our Cloud Code
The code proceeds in two stages: (1) determination of the cloud base globally in the atmosphere, and then (2) particle growth at each atmospheric temperature–pressure level. The
algorithm is run for each of the atmospheric temperature–pressure profiles, which differ
in effective temperature and gravity, and for each condensable species separately. In our
model, we ignore core–mantle grains composed of molecules of two or more of the major
species. These types of condensates could potentially be important in regions in which
several major constituents in the equilibrium vapor mixture form at similar temperatures
and pressures. In the present cloud model, we do not treat the growth of grains composed
of multiple chemical phases.
We list in Table 2.2 the input parameters for the four condensable species treated
herein.
In stage (1), two cases must be treated separately, as explained above. In the case of
homogeneous condensation, we calculate the intersection between the partial pressure of
the condensable vapor and its saturation vapor pressure curve and identify the condensation level using Equation 2.1. In the case of heterogeneous condensation, in which the
condensing chemical is not present in vapor form below the cloud base, we determine the
cloud base by using the chemical equilibrium model of Burrows and Sharp (1999) (see
Figure 2.1).
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Table 2.2.

Condensate Physical Properties

Model Parameter

Iron

Forsterite

Gehlenite

Water

µp [g mol−1 ]

55.8

140.7

274.2

18.0

ρcond [g cm−3 ]

7.9a

3.2

3.0

1.0a

5.4 × 10−5

3.2 × 10−5

1.8 × 10−6

1.4 × 10−3

200

···

···

75

6.34 × 1010

···

···

2.5 × 1010

qbelow
sur f [ergs cm−2 ]
L [ergs g−1 ]
a For

symbol definitions, refer to Table 2.1. We are ignoring here the mi-

nor differences between the densities of the liquid and solid phases of iron
and water (Lide, 1991, CRC Handbook). The qbelow parameter is the mole
fraction of condensable vapor just below the cloud base; the calculation of
qbelow assumes a solar abundance distribution of the elements (Anders and
Grevesse, 1989). Values for the surface tension and latent heat of vaporization are taken from Lide (1991, CRC Handbook). They are used to derive
τnuc using the classical homogeneous nucleation theory and are therefore not
applicable to the heterogeneously condensing species (see Section 2.2.2).
Note also that the mole fractions listed apply only to the cloud base (i.e.,
the condensation level, as shown in Figure 2.1). Above the cloud base, the
mole fraction of total condensable material in the cloud drops off much more
steeply than the gas pressure (as prescribed in Equations 2.22 and 2.23).
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In stage (2), we calculate the modal size of particles, which are assumed to be spherical, at each atmospheric temperature–pressure level. The model outputs the modal
particle radius. This radius is determined by growing embryonic particles of radius
∼10 Å slowly until the various competing particle growth timescales are balanced by the
timescale of gravitational fallout. For the most probable particle radius, the sedimentation
timescale equals the shortest of the growth timescales:
τfall = Min {τnuc , τcond , τcoag , τcoal , τconv }.

(2.21)

Note that for homogeneously condensing species in the gas kinetic regime (Kn > 1), it
may be that radiative cooling, rather than the release of latent heat by collisions with atmospheric hydrogen, is the dominant process limiting the rate of particle growth. Therefore,
−1
−1 , we replace τ
if the Knudsen number is greater than one and τrad
> τnuc
nuc in Equation

2.21 with the timescale for particles to release the latent heat of condensation by radiation, τrad . Additionally, as we have stated in Section 2.2.2, nucleation does not apply to
the case of chemical clouds (Rossow, 1978), and coalescence is inefficient between solid
particles. The condensed particles can only accumulate more material by coagulating
under the influence of convective updrafts. Hence, for forsterite and gehlenite, the fall
timescale must balance the minimum of the two timescales relevant for heterogeneously
condensing clouds: τcoag and τconv .
The timescales in Equation 2.21 depend on the Knudsen and Reynolds numbers (see
Section 2.2.2). We therefore need a prescription to determine which physical regime applies as the particles are grown. Because the Reynolds number depends on velocity, and
the velocity depends on the Reynolds number, calculating the two quantities independently for a given particle size and atmospheric parameters is a coupled problem. There
are no difficulties if the Knudsen number is larger than one, since the gas kinetic terminal
velocity in that case does not depend on the Reynolds number; the velocity to use in this
case is given by Equation 2.6. To differentiate between Reynolds number regimes in the
small Knudsen number case (i.e., Equations 2.4 and 2.5), we use the following procedure
based on the fact that each of the two expressions for vfall can be calculated independently
of the Reynolds number.
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At each point in the particle growth phase, we use both Equations 2.4 and 2.5, along
with the known atmospheric parameters and the current particle size. In solving for the
terminal velocity, we substitute the SMO surface gravity, gsurf , in for g, the local gravitation acceleration. We then calculate two temporary values for the Reynolds numbers,
one for each of the velocities calculated. If these two independently computed Reynolds
numbers are both smaller than our Reynolds number cutoff point of 70 between laminar
and turbulent flow (Rossow, 1978), we take the flow around the particles to be laminar
and adopt the Stokes terminal velocity, Equation 2.4, as the actual terminal velocity. Likewise, if they are both larger than the cutoff, we take the flow around the particles to be
turbulent and adopt the turbulent terminal velocity, Equation 2.5, as the actual terminal
velocity.
The intermediate case, in which one temporary Reynolds number is larger than the
cutoff but the other is smaller than the cutoff, is more difficult to resolve. We settled on
the choice of using the lesser of the two terminal velocities as the actual terminal velocity.
Although this could have been handled in a variety of ways, the inherent ambiguities could
not have been eliminated without detailed knowledge of the drag coefficient, which unfortunately depends in general on the Reynolds number. Ours was the most conservative
choice for a first–order estimate of the terminal velocity. With this procedure in place to
calculate the terminal velocity of particles, the effective Reynolds number—which is used
to calculate all the other timescales—is computed directly from its definition in Equation
2.3, with vfall substituted in for the relative velocity, v.
Equation 2.21 shows the role of convection in this model. Convection directly opposes
gravitational sedimentation. In the presence of sufficiently vigorous convection, therefore,
the particles may continue to accumulate material until their terminal velocities become
equal to the convective updraft velocity.
The simple cloud model delineated above is a first–order estimate of SMO particle
sizes. The true particle sizes could very well deviate from the values computed by a factor
of order unity, though we believe that this factor will be the same for all objects studied
because the systematic errors depend on our assumptions of the unknown parameters of
the model, assumptions which we have applied consistently throughout the computations.
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Our treatment of rainout, in which condensates settle gravitationally and thus become depleted from the upper atmosphere, differs between homogeneously and heterogeneously condensing species. Depletion of the condensate with height must differ between
these two different types of clouds because homogeneous condensation involves a pressure equilibrium between the vapor and the condensed phase (See Section 2.2.2), whereas
heterogeneous condensation produces the condensate directly through exothermic chemical reactions.
For the purposes of this discussion, we adopt the notation of Ackerman and Marley
(2001) for the relevant mixing ratios: qv = moles of vapor per mole of atmosphere, qc =
moles of condensate per mole of atmosphere. The total mixing ratio is qt = qv + qc . We
also define qbelow as the mixing ratio by number (or mole fraction) of condensable vapor
just below the cloud base, which equals qt at that level, since qc = 0 by definition below
the cloud base (i.e., at levels in the atmosphere where Equation 2.1 is not satisfied). The
values of qbelow for each condensable treated herein are given in Table 2.2.
For both homogeneously and heterogeneously condensing species, we assume aggressive rainout such that the total material available to condense into particles drops off with
pressure much more steeply than the gas pressure. That is, at the condensation level, the
mixing ratio by number (or equivalently, the mole fraction) of the condensing species is
taken to be equal to the maximum partial pressure attained by that species in a gas of
solar composition (i.e., parameter qbelow in Table 2.2). For heterogeneously condensing
species, qbelow is constrained by the maximum partial pressure of the least abundant of
the constituent molecules combining to form the condensate. For example, in the case of
forsterite, the magnesium abundance in the gas controls the value of qbelow . We have assumed a solar abundance of magnesium in the atmosphere below the forsterite condensation level. High above the condensation level, however, the mixing ratio of cloud–forming
material is significantly reduced from the equilibrium ratio, and the cloud becomes more
and more tenuous with decreasing pressure.
For homogeneously condensing species, our rainout prescription is based on the assumption that all of the supersaturated vapor above the base of the cloud will condense.
As we have discussed in Section 2.2.1, the onset of particle formation requires a supersat-
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urated environment, which thus elevates the cloud base above the level where precise saturation of condensable vapor is attained. Once present, however, particles remain thermodynamically stable unless the saturation ratio drops to below one, which will not happen
without a temperature inversion in the atmosphere’s thermal profile. For already existent
particles or cloud particle embryos, the vapor in equilibrium with the particles remains
exactly at saturation. All excess material goes into the condensate. Hence, throughout
the cloud, we take qv = Psat /P, where Psat is the saturation vapor pressure and P is the
gas pressure. Notice that this ratio decreases with altitude because Psat decreases with
pressure much more steeply than the gas pressure, P. It therefore follows that the partial
pressure of the condensable vapor required to maintain a saturated environment will be
extremely small high above the condensation level. Though the mole fraction of condensing vapor, qv , is constrained by the requirement that the condensed phase remain
thermodynamically stable during particle growth, we still need the total number mixing
ratio (i.e., mole fraction) of condensable material, qt , in order to determine qc , the condensate number mixing ratio.
The character of the rainout itself derives from the assumption that the total material
available for condensation above the cloud base follows the saturation vapor pressure and
not the gas pressure. We use qt = (1 + Smax ) Psat /P, which implies that the total condensable material is constrained to drop off with altitude proportionally to the saturation
vapor pressure. This is an assumption of the cloud model. It is not based on a rigorous
derivation of the total mixing ratio with altitude. The justification for the rainout scheme
is that once condensation begins in the atmosphere, with subsequent growth and gravitational settling of particles, the condensable material can no longer remain well–mixed in
the atmosphere, as we assume it had been below the cloud base. Therefore, the total number of moles of condensable material per mole of gas will decrease rapidly from its initial
value with increasing height above the condensation level. By contrast with our rainout
scheme, a no–rainout model would be one in which the fraction of condensed material
follows the gas pressure; i.e, qt equals a constant throughout the cloud. In this case, the
ratio of condensate to condensable vapor, qc /qv , will increase with height above the base
of the cloud.
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With the above considerations, it is straightforward to calculate qc as simply the difference between the total number mixing ratio of condensable material and the number
mixing ratio of condensable vapor: qc = qt − Psat /P. We therefore obtain the following
equation for qc :
qc = Smax ·

Psat
Pc, 1
= Smax · qbelow ·
.
P
P

(2.22)

In Equation 2.22, Pc, 1 denotes the saturation vapor pressure curve—given by Psat , as in
Equation 2.1—adjusted to resemble a condensation curve by applying the mixing ratio in
a solar composition gas; i.e., Psat = qbelow · Pc, 1 . For example, the dotted curve labeled
“Fe” in Figure 2.1 shows the Pc, 1 for iron, not the iron saturation vapor pressure curve.
The subscript notation for Pc, 1 simply refers to the “effective” iron condensation curve
as derived from the saturation vapor pressure curve. The rainout is expressed in terms
of Pc, 1 for comparison with the analogous prescription for rainout in a heterogeneous
cloud (Equation 2.23). The quantity P in Equation 2.22 is the total gas pressure in the
atmosphere. As is clear from comparing the thick dotted Fe line in Figure 2.1 with one of
the gas pressure profiles, P decreases with height above the cloud base much less steeply
than Pc, 1 . The assumption of a constant supersaturation throughout the cloud, which we
have made in fixing the value of Smax , leads to a cloud with a very low ratio of condensed
material to total condensable material unless Smax  0.01.
For heterogeneously condensing clouds, we refer to the condensation curves (denoted
Pc, 1 in Equations 2.22 and 2.23) of forsterite and gehlenite as shown in Figure 2.1. We
make the assumption for a heterogeneously condensing cloud that the total mixing ratio,
qt , follows the condensation curve above the cloud base. This assumption is analogous to
the assumption used to derive Equation 2.22 for homogeneously condensing clouds that
the total mixing ratio follows the saturation vapor pressure curve. However, in a heterogeneous (or chemical) cloud, once the condensate appears in chemical equilibrium, we
argue that the solid phase will then be strongly favored, and hence the product chemical will be fully condensed. Thus, for heterogeneous condensates, qv = 0 and qc = qt .
The rainout formula for heterogeneous species is therefore quite similar to Equation 2.22,
without the reduction of qc relative to qt by the supersaturation factor, which is not rele-
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vant for chemical clouds:
qc = qbelow ·

Pc, 1
.
P

(2.23)

In Equation 2.23, the quantity Pc, 1 represents the chemical equilibrium condensation
curve of the condensing species, as shown for forsterite and gehlenite in Figure 2.1. It
is apparent from Figure 2.1 that this rainout prescription sequesters most of the condensate within a scale height of the cloud base, since the condensation pressure drops off so
steeply relative to the gas pressure. For example, consider the forsterite cloud shown in
Figure 2.1 for the brown dwarf model at Teff = 900 K and gsurf = 3 × 105 cm s−2 . At
the forsterite cloud base, which is at about T ≈ 2000 K and P ≈ 125 bars, the mixing
ratio of forsterite is just determined by the abundance of magnesium in the mixture, or
qc = qbelow = 3.2 × 10−5 . Higher up in the atmosphere (in altitude), at T ≈ 1700 K
and P ≈ 70 bars, Equation 2.23 shows that qc , which follows the condensation curve, is
reduced by a factor ∼100 from its value at the cloud base. However, the gas pressure is
down by only about 55%, or ∼ 12 a scale height.
Equations 2.22 and 2.23 show that, in the present model, virtually all of the atoms in
the solar–composition gas that are initially available for condensation become sequestered
in the condensate within a scale height of the atmosphere. For example, because the limiting atomic species for the formation of forsterite is magnesium, and forsterite is favored
chemically below about 2000 K, magnesium will have rained out near the forsterite cloud
level, and no magnesium will be available for further condensation into other chemicals
high above the forsterite cloud level. Rainout thus depletes the atmosphere of the most
refractory elements at progressively lower temperatures and pressures.
Each timescale characterizes the average (or characteristic) effectiveness of each of
the competing microphysical processes in the system. Our computed particle sizes thus
represent the most probable particle size in the distribution of particle sizes appearing
at each pressure level. To the order of the accuracy of the particle sizes themselves,
therefore, the resulting particle sizes in each pressure level will equal the mode of the
particle size distribution.
We make no attempt in the present model to calculate the particle size distribution for
each cloud layer. Rather, for the purposes of calculating the opacity of clouds and using
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these opacities in SMO spectral models, we assume a functional form for the particle size
distribution that is consistent with measurements of particle size distributions attained in
Earth’s water clouds (Deirmendjian, 1964). We use the form of the Deirmendjian (1964)
exponentially decaying power law employed by Sudarsky et al. (2000):
 6
  
r
r
,
n(r) ∝
exp −6
r0
r0

(2.24)

where n(r)dr is the number of particles per cubic centimeter having radii r → r + dr. We
employ the cloud model described above to determine the mode of the distribution, r0 .
2.2.4 Free Parameters
In addition to Smax , the assumed maximum supersaturation, the free parameters of the
cloud model include the elemental abundances and the sticking coefficients for coagulation and coalescence. The vapor mixing ratios have been calculated assuming solar
(Anders and Grevesse, 1989) abundances of the elements in the atmosphere.
Coagulation and coalescence are not expected to be 100% efficient in all cases because
some molecules stick together when they collide more easily than others. Therefore, we
have divided the timescales for coagulation and coalescence, given in Rossow (1978) as
τcoag and τcoal , by efficiency parameters coag and coal .
Coalescence between solid particles is extremely inefficient (Rossow, 1978). Coalescence will therefore not be important for forsterite and gehlenite because the solid phase
is strongly favored once the temperature decreases sufficiently for the chemical to appear
(see Figure 2.1). Therefore, for the heterogeneously condensing materials, we have ignored coalescence (coal = 0). For the species condensing into liquid particles (iron and
water), we have taken coag = 10−1 and coal = 10−3 (Lunine et al., 1989). We have also
used coag = 10−1 for the coagulation efficiency of heterogeneously condensing species.
Subsequently, we will argue that this choice is relatively unimportant because coagulation
and coalescence generally operate more slowly, for the atmospheres we are considering
here, than heterogeneous nucleation and convection. We discuss in Section 2.3.4 how
varying these parameters affects the general features of the cloud.

45
2.3

Model Results

2.3.1 Modal Particle Sizes
We compute particle sizes for each of four species on a set of atmospheric models spanning the ranges Teff = 600 – 1600 K and gsurf = 1.78 × 103 – 3 × 105 cm s−2 . We chose
the most abundant condensable species in the solar–composition mixture: iron, forsterite,
and water. Iron and forsterite are the most abundant high–temperature condensates (Lunine et al., 1989). Although we have included one of the calcium–aluminum silicates,
gehlenite, and these refractory species do condense into clouds, their abundance in a
solar–composition gas is lower than that of iron or forsterite by a factor of about ten (Lunine et al., 1989). Thus, the contribution of the calcium and aluminum silicates to the
total opacity is expected to be relatively minor. Nevertheless, the condensation of the
calcium and aluminum silicates is important for sequestering calcium and aluminum at
depth beneath the photospheres of cooler SMOs. Moreover, the most refractory calcium
and aluminum silicates can potentially serve as nucleation sites for the condensation of
iron vapor via heterogeneous nucleation at low supersaturations.
2.3.2 Trends With Brown Dwarf Gravity and Effective Temperature
Figures 2.2, 2.3, and 2.4 show the particle sizes computed by our model for a range of
brown dwarf atmospheric profiles. Each circled point represents, for the atmospheric profile to which it applies, the grain size computed by our model at the initial cloud level
(i.e., the cloud base). As we discuss further in Section 2.3.3, these are in general the
largest modal particle sizes for the cloud, since particle sizes decrease with height above
the cloud base. The model atmosphere corresponding to each circled point is indicated
by its position on the diagram: gravity increases from left to right, whereas effective temperature increases from bottom to top in the field. These graphs say nothing about the
distribution of material above the cloud base. They apply only to the initial condensation
level where the mass density of material is greatest. Figure 2.2 shows the results for iron
grains, which condense directly from iron vapor. Figure 2.3 shows the analogous results
for forsterite grains, which appear as a result of chemistry (i.e., heterogeneous condensa-
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Figure 2.2 The grain sizes of iron (Fe) at the cloud base for a range of brown dwarf
atmospheric temperature–pressure profiles. The figure displays the modal particle sizes
obtained by applying the model described in Section 2.2 to each model brown dwarf
atmosphere. The profiles span a range of effective temperatures and surface gravities
from Teff = 600 − 1600 K and gsurf = 1.78 × 103 − 3 × 105 cm s−2 . Each circled point
corresponds to a different brown dwarf model atmosphere whose effective temperature
and gravity depend on the point’s location in the field. The figure shows that high–gravity
brown dwarfs will have characteristically smaller particle sizes than low–gravity brown
dwarfs for a given effective temperature. Similarly, hotter brown dwarfs will exhibit larger
particle sizes, for a given surface gravity, than cooler brown dwarfs.
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Figure 2.3 Companion to Figure 2.2: shows similar trends for forsterite (Mg2 SiO4 ) particle radii. The forsterite particles become extremely large (∼350 µm) in very low gravity
objects. Because forsterite forms in abundance in the atmosphere, the optical effects of
forsterite clouds are potentially very important, depending on the particle sizes.
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Figure 2.4 The particle size trends for the calcium–aluminum silicate gehlenite
(Ca2 Al2 SiO7 ). This species is less abundant than forsterite by about a factor of ten,
but it has the important effect of sequestering Ca and Al in condensed form below the
photosphere of the cooler objects.
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tion). Figure 2.4 shows the same for gehlenite, which also condenses heterogeneously.
Figures 2.2, 2.3, and 2.4 show that cloud grains in hot brown dwarfs, for a fixed surface
gravity, are systematically larger than in cold brown dwarfs. Similarly, cloud particles in
objects with high surface gravities, for a fixed effective temperature (e.g., older brown
dwarfs), are systematically smaller than in objects having low surface gravities.
The trend with surface gravity is simple to explain: particles settle more quickly in
high–gravity environments. This appears to be the overriding effect governing particle
size. Although both the atmospheric pressure and temperature at the cloud base are higher
in high–gravity objects, and the convection therefore more rapid, gravity dominates and
the resulting particles are smaller. For the lowest gravity objects, the forsterite particles
grow quite large. They therefore contribute only negligibly to the total optical depth
(Sudarsky et al., 2000).
The trend with effective temperature results from the difference in convective updraft
velocity between colder and hotter objects. Objects with higher effective temperatures
must transport a higher flux of thermal energy to the surface via interior turbulent convection. Therefore, the updrafts holding cloud particles aloft will be more rapid in the higher
Teff objects, resulting in larger particle sizes.
2.3.3 Cloud Decks in Convective vs. Radiative Regions
Brown dwarfs are almost fully convective, with only a thin radiative atmosphere (Basri,
2000; Burrows et al., 2001). Convective uplifting sustains the particles against gravitational fallout. The effectiveness of this process depends on the velocity scale of the
convection. Hence, the gradient in the convective velocity plays a role in determining
particle size. Deep in the atmosphere, the brown dwarf is fully convective, with a relatively high updraft velocity (approaching 5 × 103 cm/s). At higher altitudes, the updraft
speed is small, but not zero. Therefore, clouds at depth are convective; clouds at altitude
are quiescent. By quiescent, we mean clouds formed in convectively stable layers where
the true lapse rate is shallower than the adiabatic lapse rate.
The updraft speeds observed in stably stratified layers in Earth’s atmosphere typically
range from 1 − 10 cm/s. Clouds analogous to Earth’s stratus clouds are possible in
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quiescent layers of planetary atmospheres, even though the updraft speeds are smaller by
a factor of a hundred or more than the typical speeds of convective updrafts (Rogers and
Yau, 1989). In the case of these stratiform clouds, small particle sizes (generally less than
10 µm) lead to relatively slow sedimentation rates. Large–scale uplifting of a stable layer
can thus replenish the cloud material lost by evaporating particles on a timescale of hours
or days, which is rapid enough to sustain the cloud. Slow, large–scale updrafts, which we
assume are occurring in these atmospheres, are too slow to affect the particles directly.
Therefore, we do not include them as a growth process in the cloud model, as we have
done for convective updrafts, but their existence is an important feature of the formation
of quiescent clouds by maintaining the supersaturated environment necessary for particle
growth.
Particles in quiescent clouds are generally smaller than particles in convective clouds.
Figure 2.5 compares the particle sizes of condensed iron for a brown dwarf model having Teff = 1500 K and gsurf = 5.62 × 104 cm s−2 . The modal particle sizes in the cloud
are shown for iron under two contrasting assumptions: (1) the cloud is convective (i.e.,
τconv = H/vconv ), and (2) the cloud is radiative (i.e., τconv = ∞). Our calculations suggest that for this atmosphere, a convective iron cloud is more realistic. We thus predict
the solid curve for the actual particle size distribution in the cloud deck. Figure 2.5 compares the particle sizes obtained by activating and deactivating the convective uplifting
mechanism.
Figure 2.5 shows, for this particular brown dwarf atmosphere, that cloud particles
growing in a region of strong convective upwelling are largest near the cloud base but
then diminish rapidly with height. This decrease in size is due to the proximity of the
iron cloud base, for this particular model, to the radiative–convective boundary of the
atmosphere, where the gradient in the upwelling velocity is steep. For convective clouds
deep within the convective zone, where the upwelling velocity is nearly constant, the
particle sizes will be more constant throughout the cloud deck. However, deep clouds
will not strongly influence the object’s emergent spectrum.
If the cloud is radiative, the particles will not grow as large as they would under the
influence of convection. Furthermore, their sizes will not decrease by more than a factor
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Figure 2.5 The structure of an iron cloud deck for a particular brown dwarf at Teff = 1500
K and gsurf = 5.62 × 104 cm s−2 , assuming a constant 1% maximum supersaturation
during the entire particle growth phase. The dashed curve assumes that convection is not
effective at sustaining particle growth. Therefore, the particles do not grow as large. For
this radiative (or quiescent) cloud, the particle sizes vary by about a factor of two within
an atmospheric scale height. On the other hand, for the convective cloud, in which we
allow updrafts to sustain particle growth against gravitational sedimentation, the particles
grow relatively large. Because the cloud base is slightly above the radiative–convective
boundary of the profile, the updraft velocity decreases rapidly with height. Thus, for
clouds forming near unity optical depth, we expect variable particle sizes from the cloud
base to the cloud top. The cloud particle sizes for the convective cloud merges with the
sizes obtained for the quiescent cloud once the updraft velocity becomes negligible. The
exact cutoff for the cloud is somewhat arbitrary; we present a full scale height of both
cloud decks. As we explain in our discussion of rainout in Section 2.2.3, the cloud is
extremely thin this high above the cloud base, and the mole fraction of total condensing
material, given by qt , is depleted from its value at the cloud base, where qt = qbelow , by
many orders of magnitude (see Equation 2.22).
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of two from base to cloud top. This result appears quite general for the radiative clouds
we have investigated.
The structure of the cloud decks (e.g., as shown in Figure 2.5) of brown dwarfs is
crucial for computing the optical depth of the cloud. For clouds in which the overall
particle sizes decrease significantly with altitude above the cloud base, it may be that the
bulk of the optical depth in the near–infrared will be contributed not by the lowest cloud
layers but by intermediate layers having significant abundances of smaller particles.
2.3.4 Varying the Free Parameters
Among the model free parameters discussed above, the level of maximum supersaturation
is the most problematic. The value of Smax is particularly difficult to calculate independently, and because the condensation timescale depends on it, Smax has a significant effect
on the resulting particle size. This effect will be manifest in quiescent clouds but will be
less important in convective clouds. This is because in rapidly convecting regions, convective upwelling can directly sustain particle growth.
Figure 2.6 shows, for one brown dwarf model, the effect of varying Smax on the modal
particle size of a water cloud. For low levels of supersaturation, the particles grow to a
radius of ∼50 µm. In this case, abundant condensation nuclei raise the rate of heterogeneous nucleation high above the rate of homogeneous nucleation, and condensation
can begin as soon as the atmosphere becomes slightly supersaturated. For high levels of
supersaturation (>10%), they grow much larger, to ∼150 µm. In this clean atmosphere
case, heterogeneous nucleation does not occur, and the partial pressure of water in the
atmosphere must greatly exceed the saturation vapor pressure in order for condensation
to begin. We have assumed an intermediate value of Smax = 10−2 for iron. This value is
our best estimate for the Smax of vaporous iron based on a knowledge of the maximum
supersaturations attained in terrestrial water clouds (Rossow, 1978).
The other free parameters of the cloud model are less difficult. The mixing ratios depend on the metallicity, which we have taken to be solar. The chemical equilibrium code
requires the metallicity to be specified. Once the assumption of elemental composition
is made, however, we can calculate the partial pressures of all the gases in the mixture.
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Figure 2.6 The modal particle sizes, as a function of Smax , for a water cloud in the upper
atmosphere of a cool brown dwarf: Teff = 350 K and gsurf = 104 cm s−2 . Convection
is not occurring in these outer layers. The figure demonstrates the difficulty in estimating
particle sizes for radiative (i.e., quiescent) clouds because of the strong dependence of
particle size on the assumed maximum supersaturation. Water cloud particles will grow
extremely large in a clean atmosphere; i.e., one in which the paucity of condensation
nuclei requires high levels of supersaturation of the vapor in order for nucleation to begin.
In this case, nucleation proceeds rapidly and the particles grow very large. For convective
clouds, on the other hand, the value assumed for the maximum supersaturation is not
so important, as the cloud particles will grow to nearly the same size for any value of
Smax < 100%.

54
We defer a discussion of the effect of brown dwarf metallicity on cloud structure to future
work.
The efficiency parameters for coagulation and coalescence, coag and coal , are potentially important. However, our model results show that the timescales for these processes,
whatever their efficiency, are consistently longer than the timescale of growth by heterogeneous nucleation at 1% supersaturation. The model suggests that coalescence is much
faster than coagulation for the two species—iron and water—in which coalescence operates efficiently. The coalescence timescale, for the largest particles we have grown (∼500
µm), can approach the timescale of heterogeneous nucleation. However, for the clouds
in most of the atmospheres we have treated, coalescence is still slower than heterogeneous nucleation by a factor of ten or more. Indeed, unless the efficiency of coalescence
is greater than one, requiring charged aerosols (Rossow, 1978), coalescence will never
dominate particle growth.
2.4

Comparison With Other Cloud Models

2.4.1 Ackerman & Marley (2001)
Ackerman and Marley (2001) also employ a one–dimensional cloud model in which cloud
layers are treated as horizontally uniform; i.e., in a globally averaged sense. The Ackerman and Marley (2001) cloud model arrives at particle sizes by balancing the upward
transport of condensable material due to convective updrafts with the downward sedimentation of condensate. In the case in which the convective timescale, τconv , dominates over
the other growth timescales in the present cloud model, which will occur in vigorously
convecting regions of the atmosphere, the results of the present cloud model are expected
to produce very similar results to the Ackerman and Marley (2001) treatment. This is
because our formulation then reduces to a similar comparison between the characteristic
velocities of turbulent convective updrafts and the terminal velocity of particles.
In their treatment of rainout, Ackerman and Marley (2001) introduce an additional
parameter, f rain , which characterizes the vertical distribution of condensate in the cloud.
The f rain parameter, as Ackerman and Marley (2001) state, is difficult to calculate from
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basic principles. They leave it as an adjustable parameter in their model. It depends on the
mass–weighted sedimentation velocity of the cloud droplets and the convective velocity
scale. The difficulty in calculating f rain lies in the complexity of modeling fully the nature
of the convection within the cloud. This problem has yet to be successfully attacked for
brown dwarf atmospheres.
If it can be computed for these convective clouds, however, knowledge of f rain can
potentially provide a more realistic measure of the height and distribution of material
in the cloud. For quiescent clouds, f rain does not play a role. Ackerman and Marley
(2001) have assumed f rain = 2–3 in their calculations. The cloud decks they derive are
somewhat more compact than those produced in the present cloud model, although both
prescriptions lead to rapid depletion of cloud material within a fraction of an atmospheric
scale height above the condensation level.
The particle sizes we obtain compare favorably with the sizes predicted by the Ackerman and Marley (2001) model. They predict modal particle radii in the intermediate size
range of 40-80 µm for both iron and silicate grains, in good agreement with the particle
size ranges shown in Figures 2.2, 2.3, and 2.4.
2.4.2 Helling et al. (2001)
Helling et al. (2001) study the onset of cloud particle growth via acoustic waves. They
show that small (1−10 µm in radius) sized particles can nucleate rapidly, normally within
a few seconds. These values are consistent with our particle sizes in radiative regions
under the assumption of very low supersaturations (Smax  10−2 ). Our larger particles
form from sustained particle growth by convective uplifting. The grains generated in
(Helling et al., 2001) are not grown to the maximum size allowed gravitationally, which
we assume can occur.
The predictions of the two models in terms of particle radii will be in qualitative
agreement in the absence of the τconv timescale employed in our model. Nevertheless,
we emphasize caution in comparing directly the results of these two models. They employ vastly different physical approaches and are therefore not expected to agree in many
cases, even qualitatively. The model of Helling et al. (2001) attempts a detailed simu-
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lation of particle growth in brown dwarf atmospheres, including the complicated effects
of hydrodynamics. The goal of the present cloud model, rather, is not to directly simulate the dynamics of particle growth but to develop a computationally economical cloud
model that can be incorporated easily into spectral synthesis models.
2.5

Discussion

2.5.1 Cloud Opacity
The effects of clouds on the emergent spectra of substellar objects depend strongly on
grain sizes. We derive the wavelength–dependent absorption and scattering opacities of
grains with a full Mie theory approach, utilizing the formalism of van de Hulst (1957) and
Deirmendjian (1969).
Figure 2.7 shows the results of such a calculation for forsterite grains in a brown
dwarf atmosphere (Teff = 1500 K, gsurf = 105 cm s−2 ) based on our cloud model results
and optical constants from Scott and Duley (1996). Also shown are the results for a
larger grain size distribution peaked at 50 µm, as well as for a size distribution peaked
at 0.1 µm, which is representative of an interstellar particle size (Mathis et al., 1977)
often assumed to be appropriate for substellar objects (Allard et al., 2001; Barman et al.,
2001). For comparison, we have plotted the atomic and molecular gaseous opacities
(Burrows et al., 2001, and references therein) within the cloud region. The substantial
absorption and scattering differences between the size distributions, and relative to the
gaseous absorption, convey the importance of proper cloud modeling.
2.5.2 Effect on Spectra
Figure 2.8 depicts the effects of our modeled forsterite cloud on the emergent spectrum of
a brown dwarf (Teff = 1500 K, gsurf = 105 cm s−2 ). This model atmosphere was obtained
using the self–consistent stellar atmosphere code, TLUSTY (Hubeny, I., 1988; Hubeny
and Lanz, 1995). The base of the forsterite cloud resides at approximately 4 bars and
1800 K, which is the highest temperature in this atmosphere at which forsterite grains can
form.
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Figure 2.7 Scattering and absorption opacities of forsterite are compared with gaseous
atomic and molecular absorption at (1600 K, 2.5 bar). Our modeled modal particle size,
11 µm, in a brown dwarf (Teff = 1500 K, gsurf = 105 cm s−2 ) is contrasted with both a
larger size distribution peaked at 50 µm and a smaller size distribution peaked at 0.1 µm
(representative of an interstellar grain size assumed by some researchers). In all cases, a
functional form of the distribution about the modal size is used (Deirmendjian, 1964).
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Figure 2.8 The emergent spectrum of a cloudy brown dwarf (Teff = 1500 K, gsurf = 105 cm
s−2 ) is compared with a cloud–free model of the same effective temperature and surface
gravity. In the cloudy model, the base of the forsterite cloud resides at approximately 4
bars (1800 K). For the synthetic cloudy spectrum shown, we took the cloud deck to be a
scale height thick. This choice will not affect the shape of the model spectrum, however,
so long as the cloud deck is more than about a third of a scale height thick, since the
cloud is very tenuous and thus optically thin high above the cloud base. The particle size
distribution was chosen to be the same throughout the cloud deck for simplicity. We used
a Deirmendjian (1964) distribution centered around 11 µm, which was the typical particle
size in the forsterite cloud deck as computed by the cloud model. Within the cloud region,
the full solar abundance of magnesium has been condensed into forsterite grains.
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We made two simplifying approximations in producing the cloudy model spectrum
shown in Figure 2.8. First, a cutoff for the cloud deck was desirable to facilitate the
calculation of optical depth. We chose this cutoff to be one scale height above the cloud
base, which is the atmospheric pressure e-folding distance. Since the remaining cloud–
forming material is highly depleted of condensate a scale height above the condensation
level (see Section 2.2.3, Equation 2.23), the cloud in this region is optically thin. This
simplification is therefore not a concern, and the spectral model shown in Figure 2.8
incorporates the full opacity of the cloud.
Second, owing to difficulties in computing the Mie theory scattering and absorption
opacities iteratively, we chose to simplify the radiative transfer problem by using a uniform modal particle radius of 11 µm throughout the cloudy region. That is, at every
atmospheric pressure level for which we computed the opacity of particles, we employed
the Deirmendjian (1964) particle size distribution, given by Equation 2.24, with value of
r0 equal to 11 µm. The scattering and absorption opacities of a cloud of 11 µm forsterite
particles are shown in Figure 2.7. This value represents the typical particle size in the
cloud deck, accounting for the decrease in density of cloud material with height above the
cloud base (i.e., a number density weighted average of the particle sizes predicted by the
cloud model).
A cloud–free model of the same effective temperature and gravity is plotted for comparison. Within the B (∼ 0.45 µm) and Z (∼ 1 µm) bands, the emergent flux is lowered
by as much as a factor of 100. However, the strong absorption by the wings of the sodium
and potassium resonance lines is mitigated somewhat due to the clouds. Also of interest
are the differences in the J (∼ 1.25 µm), H (∼ 1.6 µm), and K (∼ 2.2 µm) infrared
bands. The presence of clouds reduces the emergent flux in the otherwise relatively clear
J and H bands, allowing more flux to escape between these bands and at longer wavelengths. In fact, the J − K colors differ by over 1.5 magnitudes between the cloudy and
cloud–free models.
The cloudy spectrum presented in Figure 2.8 is intended to demonstrate the potential
importance of clouds as an opacity source in SMO atmospheres. We defer to future
work the problem of more realistically incorporating the opacity of clouds into spectral
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synthesis models.
2.5.3 Coupling Clouds With SMO Atmosphere Models
Developing fully self–consistent atmosphere models with clouds is potentially problematic because clouds perturb the radiative balance of the upper atmosphere. Scattering and
absorption of radiation by the cloud causes the temperature–pressure structure of a cloudy
atmosphere to deviate from the structure of a cloud–free atmosphere having the same effective temperature and surface gravity. The extent of the effect is strongly dependent on
the location of the cloud in the atmosphere and the vertical variation of cloud particle sizes
and number densities. Calculating an atmospheric profile that is in radiative equilibrium
including both the gaseous opacity and the opacity of the cloud is straightforward. The
potential inconsistency arises from the fact that the nature of the cloud itself, including
the cloud base location and the particle sizes, depends in general on the temperature–
pressure profile of the atmosphere, as we show in Section 2.2. This is a problem faced by
all research groups attempting to include clouds completely self–consistently into SMO
spectral synthesis models.
We explored this problem quantitatively by comparing the temperature–pressure profile of two atmosphere models, a “cloudy” model atmosphere and a “cloud–free” model
atmosphere, at the same effective temperature and surface gravity. The cloud–free model
used for this test was obtained using TLUSTY, our self–consistent model atmosphere
code (Hubeny, I., 1988; Hubeny and Lanz, 1995), by including only the opacity from
gaseous atomic and molecular absorption. We then applied the cloud model described in
Section 2.2 to this cloud–free atmosphere to obtain the distribution of particle sizes and
densities of the forsterite cloud predicted to form near the object’s visible surface. For
simplicity, we took a sensible average of the particle sizes output by the cloud model and
calculated, for a cloud of uniform modal particle size, the absorption and scattering of radiation by the particles using the Mie theory approach outlined in Section 2.5.1. We then
incorporated this opacity back into the atmosphere code to recompute the temperature–
pressure structure, thus obtaining the cloudy model atmosphere. We found the cloudy
atmosphere to be hotter by several hundred degrees than the cloud–free atmosphere at the
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same pressure, a significant change. This is the back-warming effect of the cloud alluded
to previously.
We then applied the cloud model to the new cloudy atmosphere to see whether the
forsterite grain sizes varied significantly as a result of the change in the temperature–
pressure profile. We found that the particles did change in size: their radius increased by
about a factor of three. That is, the forsterite cloud looks quite different for the perturbed
atmosphere model than it does for the original cloud–free model. This change is a result
of the fact that the forsterite cloud straddles the convective–radiative boundary of the
atmosphere. Thus, in the original model, the forsterite cloud appears in a convectively
stable region of the brown dwarf, but in the perturbed model, the forsterite cloud forms
in the convective zone of the atmosphere. Thus, the particles in the perturbed model
came out larger than the particles in the original model (Figure 2.5 shows how particles in
radiative regions are systematically smaller than particles forming in convective regions).
We performed a similar test for iron clouds. Unlike for the forsterite cloud, we
found only a small change in the particle sizes—a decrease of about 15% in radius—
resulting from the perturbation in the atmospheric temperature–pressure structure. The
iron cloud forms deeply enough in the convective region of the brown dwarf studied to
not be strongly affected by the heating due to the cloud. The degree of inconsistency between cloud–free and cloudy profiles therefore depends on the details of the calculation
itself. In many cases, the discrepancies will not be a major concern, but they can be particularly large if the condensation curve happens to intersect the atmospheric profile near
the convective–radiative boundary.
We emphasize that both the “cloud–free” and “cloudy” model atmospheres described
above satisfy the radiative equilibrium boundary condition, and in that sense, the profiles
are self–consistent. The remaining inconsistency arises from not accounting properly for
possible adjustments to the opacity of the cloud when the particle sizes change after the
profile is perturbed. A future challenge will be developing the machinery to generate
model atmospheres that incorporate clouds fully self–consistently.
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2.6

Chapter Conclusions

We have addressed the condensation and subsequent growth of cloud particles in the
atmospheres of brown dwarfs. We present optimal particle sizes for three abundant
species—iron, forsterite, and gehlenite—for a broad range of brown dwarf effective temperatures and surface gravities.
High-gravity brown dwarfs exhibit clouds with typical particle sizes in the 5 − 20 µm
range. The particles grow much larger, however, in low-gravity objects, often greater
than 100 µm in radius. We discovered a similar trend with effective temperature: hot
brown dwarfs have characteristically larger particle sizes than cool brown dwarfs because
of the increased energy flux that must be transported by convection. The distribution of
cloud particle sizes depends strongly on the atmospheric parameters, and it is therefore
unrealistic in spectral models to assume a single particle size distribution for the entire
class of SMOs.
We demonstrate that particle size crucially affects the optical depth of the cloud. Unlike clouds having a particle size distribution centered at 0.1 µm, these cloud decks do
not dominate the opacity. Rather, they smooth the emergent spectrum and partially redistribute the radiative energy (see Figure 2.8). The results of the current work will be useful
in developing more elaborate spectral models of brown dwarf atmospheres.
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CHAPTER 3
Dynamic Meteorology at the Photosphere of HD 209458b

3.1

Introduction to HD 209458b Dynamics

The transiting planet HD 209458b orbits very closely (0.046 AU) to its parent star with
a period of 3.5257 days (Charbonneau et al., 2000; Henry et al., 2000). From transit
depth measurements, the mass and radius of HD 209458b are known fairly accurately:
0.69 ± 0.05 MJupiter and 1.32 ± 0.05 RJupiter (Laughlin et al., 2005b). The age of the
system is estimated to be 5.2 Gyr, with uncertainties of ∼ 10%. Furthermore, owing
to careful measurements of the stellar spectrum during the planet’s transit, much is now
known about HD 209458b’s atmospheric properties (Brown et al., 2001; Charbonneau
et al., 2002; Vidal-Madjar et al., 2003, 2004).
Considerable work has been done to model the spectra, physical structure, and time
evolution of extrasolar giant planets (EGPs) (Burrows et al., 2004; Chabrier et al., 2004;
Iro et al., 2005). Relatively less effort, however, has been spent on EGP meteorologies; i.e., global temperature and pressure fluctuations, wind velocities, and cloud properties. Preliminary simulations of the circulation by Showman and Guillot (2002) and
the shallow-water calculations of Cho et al. (2003) suggest that close-in systems like HD
209458b—with strong day-night heating contrasts and modest rotation rates—occupy a
dynamically interesting regime.
In this article, we report on the results from a multi-layer global atmospheric dynamics model of HD 209458b. Our results—the existence of a fast superrotating equatorial
jet at the photosphere that blows the hottest regions downwind—qualitatively agree with
previous three-dimensional numerical simulations by Showman and Guillot (2002). The
simulation presented here, however, adopts more realistic radiative-equilibrium temperature profiles and timescales, superior resolution, and a domain that extends deeper into
the interior. In particular, the simulations of Showman and Guillot (2002) could not ac-
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curately predict the day-night temperature difference at the photosphere. We here predict
this temperature difference to be ∼ 500 K, in agreement with order of magnitude estimates
by Showman and Guillot (2002).
Our calculations have implications for the planet’s infrared (IR) light curve. With the
first infrared detections of the transiting EGPs TrES-1 and HD 209458b (Charbonneau
et al., 2005; Deming et al., 2005a), observational constraints on the meteorologies of
close-in giant planets will likely be possible over the next two years.
3.2

Model

Our model of the general circulation of HD 209458b integrates the primitive equations
of dynamical meteorology using Version 2 of the ARIES/GEOS Dynamical Core (Suarez
and Takacs, 1995), which we hereafter abbreviate as AGDC2. The primitive equations filter vertically propagating sound waves but retain horizontally propagating external sound
waves (called Lamb waves) (Kalnay, 2003).
The grid spacing is 5◦ × 4◦ in longitude and latitude, respectively (∼ 7000 km near
the equator). We use 40 vertical levels spaced evenly in log-pressure between 1 mbar and
3 kbar. This spacing implies that we resolve each pressure scale height with ∼ 2 model
layers. The scale height ranges from 500–1500 km over the domain of integration.
Following Guillot et al. (1996) and Showman and Guillot (2002), we assume synchronous rotation. The acceleration of gravity, which does not vary significantly over
the pressure range considered, is set to g = 9.42 m s−2 . We take the mean molecular weight and heat capacity to be constant: c p = 1.43 × 104 J kg−1 K−1 and
µ = 1.81 × 10−3 kg mol−1 , which neglects the ∼ 30% variations in these parameters
caused by dissociation of molecular hydrogen at the deepest pressures in the model.
The intense stellar irradiation extends the radiative zone of HD 209458b all the way
down to ∼ 1 kbar pressure, with a depth ∼ 5–10% of the planetary radius (Burrows et al.,
2003; Chabrier et al., 2004). Our integrations do not solve the equation of radiative transfer directly. Rather, we treat the effects of the strong stellar insolation using a Newtonian
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radiative scheme in which the thermodynamic heating rate q [W kg−1 ] is given by
T (λ, φ, p, t) − Teq (λ, φ, p)
q
=−
,
cp
τrad ( p)

(3.1)

which relaxes the model temperature T toward a prescribed radiative-equilibrium temperature Teq . In Equation 3.1, λ, φ, p, and t are longitude, latitude, pressure, and time.
The radiative-equilibrium temperature Teq and the timescale for relaxation to radiative
equilibrium τrad are inputs of the AGDC2.
We rely on the radiative-equilibrium calculations of Iro et al. (2005) to specify
Teq (λ, φ, p) and τrad ( p). Iro et al. (2005) use the multi-wavelength atmosphere code
of Goukenleuque et al. (2000) to calculate the radiative-equilibrium temperature structure of HD 209458b for a single vertical column, hereafter denoted as TIro ( p). Iro et al.
(2005) assume globally averaged insolation conditions (i.e., they redistribute the incident
solar flux over the entire globe). Their calculation includes the opacities appropriate for
a solar-abundance distribution of gas (Anders and Grevesse, 1989), including the neutral
alkali metals Na and K.
Iro et al. (2005) do not consider condensation or the scattering and absorption of
radiation by silicate clouds, which can conceivably form near the photosphere (see e.g.,
Fortney et al., 2003). Condensates can potentially have a significant effect on the planet’s
radiation balance, depending on the depth at which they form, the particle sizes, and the
vertical extent of cloud layers (Cooper et al., 2003). The net direction of this effect (i.e.,
to warm the atmosphere or to cool it) is as yet unclear and remains a subject for future
work.
Iro et al. (2005) compute radiative-relaxation timescales as a function of p from 0.01
mbar down to 10 bar by applying a Gaussian perturbation to the radiative-equilibrium
temperature profile at each vertical level. We use their radiative-relaxation timescales for
τrad ( p) in Equation 3.1. At pressures exceeding 10 bars, radiative relaxation is negligible
compared to the dynamical timescales considered here. We simply assume q = 0 on all
layers from 10 bar to 3 kbar.
To account for the longitude-latitude dependence of Teq in Equation 3.1, we use a
simple prescription. We choose the substellar point to be at (λ, φ) = (0, 0). On the
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dayside, we set
4
4
4
4
Teq
(λ, φ, p) = Tnight,eq
( p) + [Tss,eq
( p) − Tnight,eq
( p)] · cos(λ) cos(φ),

(3.2)

where Tss,eq ( p) and Tnight,eq ( p) are the radiative-equilibrium temperature profiles of the
substellar point and night side (assumed to be uniform over the dark hemisphere), respectively. Equation 3.2 implies that the hottest Teq profile is at the substellar point. On the
nightside, we set Teq (λ, φ, p) equal to Tnight,eq ( p).
We treat the radiative-equilibrium temperature difference between the substellar point
and the nightside, 1Teq ( p) = Tss,eq ( p)−Tnight,eq ( p), as a free parameter that is a specified
function of pressure. To determine Tss,eq ( p) and Tnight,eq ( p) from Iro et al. (2005)’s profile
4 on the top layer of our model over
and our specified 1Teq , we horizontally average Teq
4 at that pressure. Based on the ∼ 1000 K day-night
the sphere and set it equal to TIro

temperature differences from Iro et al. (2005), we use 1Teq = 1000 K for pressures less
than 100 mb and decrease it logarithmically with pressure down to 530 K at the base of the
heated region (10 bar). Newtonian cooling is a crude approximation to the true radiative
transfer, but the scheme is computationally fast—hence allowing extensive explorations
of parameter space—and gives us direct control over the model’s diabatic heating.
The model’s initial temperature was set to Tnight,eq ( p) everywhere over the globe;
there were no initial winds. We set the time step equal to 50 s, which is much smaller
than the time step required for numerical stability according to the Courant-FriedrichsLewy (CFL) criterion (Kalnay, 2003).
3.3

Results & Discussion

By 5000 days of simulation time, the simulation has reached a statistical steady-state, at
least down to the 3 bar level, which is the level above which 99% of the stellar photons are
absorbed (Iro et al., 2005). Deeper than 3 bars, the kinetic energy continues to increase
with time as these layers respond to the intense irradiation on relatively long timescales
τrad ∼ 1 yr.
At pressures less than 10 bars, the model rapidly develops strong winds and temperature variability in response to the imposed day-night heating contrast. The upper
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Figure 3.1 Snapshot at 5000 Earth days of simulated temperature (grayscale) and winds
(arrows) on three isobars: 2.5 mbar, 220 mbar, and 19.6 bars in (a), (b), and (c), respectively. The substellar point is at (0, 0) in longitude and latitude. Peak winds are
9.2, 4.1, and 2.8 km sec−1 in (a), (b), and (c). The simulated temperature difference
of ∼ 500 K at 220 mbar is less than the assumed temperature difference of 920 K in
radiative-equilibrium due to advection of hot material from the dayside to the nightside
by eastward winds of ∼ 4 km s−1 on this layer.
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atmosphere is nearly in radiative equilibrium (Figure 3.1a), with temperature contrasts of
∼ 1000 K. This results from the fact that the radiative-equilibrium time constant τrad at 2
mbar is only ∼ 1 hour, which is much shorter than the timescale for winds to advect heat
across a hemisphere.
At 2 mbar pressures, supersonic winds exceeding 9 km s−1 appear at high latitudes,
with strong north-south as well as east-west flow. Supersonic winds are plausible in the
dynamical regime of HD 209458b due to the immense radiative forcing from the parent
star. For comparison, the planet Neptune has high-velocity zonal jets with wind speeds
approaching the local speed of sound (Limaye and Sromovsky, 1991), but the radiative
forcing is a million times weaker than it is for HD 209458b.
In contrast, the flow near the photosphere near 220 mbar is dominated by an eastward
jet extending from the equator to mid-latitudes (Figure 3.1b). The temperature contrasts
reach ∼ 500 K at this level, with the hottest part of the atmosphere advected ∼ 60◦ downstream from the substellar point by the 4 km s−1 eastward jet. Here, the time constant for
relaxation to the radiative equilibrium τrad is several Earth days. The downstream advection of the hottest regions results from the fact that the radiative and advection timescales
are comparable at this level. The small-scale bar-like features visible in the middle frame
of Figure 3.1 propagate nearly horizontally westward relative to the flow at ∼ 3 km s−1 ,
which is close to the speed of sound. These features are most consistent with Lamb waves
(Kalnay, 2003, p. 42).
At 19.6 bar, the equatorial winds remain extremely fast—2.8 km s−1 —but the temperature structure exhibits little longitudinal variability (Figure 3.1c). Our model’s circulation results entirely from radiative heating occurring at pressures less than 10 bars. Therefore, any winds or temperature variability that develops at pressures exceeding 10 bars
results solely from downward transport of energy from the overlying heated layers by
vertical advection or wave transport. The layers between 3–30 bars contain ∼ 70% of the
atmosphere’s kinetic energy. Lower pressures have fast winds but little mass, while the
winds drop rapidly to zero at pressures exceeding ∼ 30 bars.
The essential assumption of the primitive equations is hydrostatic balance (Holton,
1992; Kalnay, 2003), an approximation generally valid for shallow flow. This applies to
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the case of HD 209458b’s radiative zone, which has a horizontal to vertical aspect ratio
of ∼ 100. Analysis of the terms in the full Navier-Stokes vertical momentum equation
reveals that, even in the supersonic flow regime obtained here, the vertical acceleration
and curvature terms would have magnitudes only ∼ 1% and ∼ 10% that of the hydrostatic
terms at the photosphere and top of the model, respectively. The caveat to this result is
that vertical accelerations can still be important for sub-grid scale structures. These simulations also do not include the possible effects of vertically propagating shocks, which
can conceivably dissipate atmospheric kinetic energy.
To confirm the effects shown in Figure 3.1, we have run additional simulations using
1D radiative-equilibrium temperature profiles from Burrows et al. (2003) and Chabrier
et al. (2004), which are significantly hotter than that of Iro et al. (2005) due to differing
assumptions about the heat redistribution. We have also experimented with changing the
value of the free parameter 1Teq , which controls the strength of the radiative forcing in
our Newtonian cooling scheme (Equation 3.1). We have run simulations at 1Teq of 100
K, 250 K, 500 K, 750 K, and 1000 K. The essential features of the simulation presented
here are representative of the results of the other simulations performed: they all develop
a stable superrotating jet at the equator extending to the mid-latitudes and a hot region of
atmosphere downwind of the substellar point. But for a given 1Teq , the simulated temperature differences are not affected by which group’s radiative-equilibrium temperature
profile is used. For values of 1Teq between 500–1000 K, the simulations all produce
temperature contrasts at the photosphere ranging from 300–600 K, with peak equatorial
winds speeds in the range 2–5 km s−1 . The simulations employing the atmospheric profiles of Burrows et al. (2003) and Chabrier et al. (2004) do, however, produce hotter (by
∼ 500 K) mean photospheric temperatures than our nominal case.
We have also run the model with a different initial condition. We started this alternate
simulation with identical input parameters to the simulation shown in Figure 3.1 but with
a retrograde zonal wind profile: u = −3 km s−1 cos4 (φ) tan−1 (2 bar/ p). We set the
meridional wind v to zero and set the pressures to be in gradient-wind balance with the
initial winds (Holton, 1992). After 5000 days of integration time, a strong superrotating
jet at the equator at 220 mbar develops in the simulation, with maximum wind speeds of
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3.4 km s−1 and temperature contrasts of ∼ 430 K. The similarity with the simulation
presented in Figure 3.1 shows that the overall flow geometry is not strongly sensitive to
the initial conditions.
Our results differ from the one-layer shallow-water simulations of Cho et al. (2003),
who find that the mean-equatorial flow for HD 209458b is westward. Shallow-water turbulence simulations consistently produce westward equatorial flow, even for planets such
as Jupiter and Saturn whose equatorial jets are eastward (Cho and Polvani, 1996; Iacono
et al., 1999a,b; Peltier and Stuhne, 2002; Showman, 2004). This effect may result from
the exclusion of three-dimensional momentum-transport processes in one-layer models.
For example, three-dimensional effects are important in allowing equatorial superrotation
in numerical models of Venus, Earth, and Jupiter (Del Genio and Zhou, 1996; Saravanan,
1993; Williams, 2003). Nevertheless, the shallow-water turbulence models successfully
capture essential aspects of mid-latitude jets for giant planets in our solar system (Cho
and Polvani, 1996).
3.4

Orbital Phases and Predicted Lightcurve

To illustrate the observable effects of the circulation, Figure 3.2 shows orthographic projections (Snyder, 1987) of the blackbody flux of HD 209458b on the 220-mbar level. The
key feature is the hot region downstream from the substellar point, which faces Earth
after the transit and before the secondary eclipse. This pattern differs drastically from
that expected in the absence of winds, in which case the hottest regions would be at the
substellar point.
We show the infrared light curve of the planet as predicted by our simulations in
Figure 3.3. The circles represent the total flux received at Earth from the planet every
10◦ in its orbit. The points are derived by integration of the radiation intensity emitted
into a solid angle projected in the direction toward Earth. We assume in this calculation
that each column of the atmosphere at the photosphere emits radiation with the intensity
of a blackbody, σ T 4 /π, with temperatures varying as shown in Figure 3.1(b). We use
223 mbar for the photospheric pressure, which is the layer closest to where the effective
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temperature in Iro et al. (2005)’s model equals their computed actual temperature.
The model predicts a phase lead of 60◦ —or 14 hours—between peak radiation from
the planet and the secondary eclipse, when the illuminated hemisphere faces Earth. Based
on the ∼ 500 K temperature contrasts shown in Figure 3.3, we derive a ratio of 2.2
between the maximum and minimum flux. To confirm the validity of this prediction, we
performed analogous light curve calculations assuming the IR flux is emitted from a single
pressure level ranging from 150–450 mbar, where the photosphere conceivably could be.
The magnitude of the flux ratio ranges from 3.2 to 1.4 over this range of pressures. Our
predicted phase lead of 60◦ shifts by ±20◦ over this range of pressures. These effects are
inversely correlated: if the photosphere pressure is less than 220 mbar, then the flux ratio
increases but the phase shift decreases and vice-versa.
Nevertheless, the possible formation of clouds high in the atmosphere of HD 209458b
( p < 200 mbar)—which we have not treated here—may significantly alter the radiation
budget. Additionally, uncertainties in the input parameters and the Newtonian cooling
approximation limit the precision with which we can predict the magnitude of the effects described above. A major future advance in the characterization of close-in EGP
atmospheres will come from coupling dynamics and radiative transfer directly. We note,
however, that the inputs to such a model are likely to be somewhat hypothetical as well,
given the limited constraints available from observations.
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Figure 3.2 Views of the predicted flux emitted from HD 209458b as it would appear
from Earth at four orbital phases: (a) in transit, (b) one-quarter after the transit, (c) in
secondary eclipse, and (d) one-quarter before the next transit. The planetary rotation axes
are vertical, with the superrotating jet seen in Figure 3.1 going from left to right in each
panel. The temperature on this layer ranges from 1011 K (dark) to 1526 K (bright). In
radiative equilibrium, panel (a) would be darkest and (c) would be brightest. The globes
show that a difference in observed flux from the planet between the leading and trailing
phases of its orbit—panels (b) and (d)—is a signature of winds.

Figure 3.3 Synthetic lightcurve of the 220 mbar layer of our model atmosphere for HD
209458b. This simulation predicts peak emission from the planet 14 hours before the time
of the secondary eclipse.
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CHAPTER 4
Dynamics and Disequilibrium Carbon Chemistry in HD 209458b’s Atmosphere

4.1

Introduction to CO Chemistry on HD 209458b

Charbonneau et al. (2000) and Henry et al. (2000) discovered the first known transiting
extrasolar giant planet (EGP), HD 209458b. Transits are possible if the orbital plane
of the planet is tilted along our direct line of sight. The detection of HD 209458b in
transit has been a watershed in the study of planets around other stars because physical
properties of the planet can be inferred directly from the transit data. The planet’s orbit
is nearly circular, with a period of 3.5257 days (Laughlin et al., 2005a). Furthermore,
Laughlin et al. (2005b) have combined transit data with high-resolution spectra of the star
to infer accurate values for the planet’s mass and radius: Mp = (0.69 ± 0.05) MJupiter and
Rp = (1.32 ± 0.05) RJupiter .
Photons from HD209458b and the transiting planet TrES-1 have recently been detected (Deming et al., 2005b; Charbonneau et al., 2005). In addition, transmission spectroscopy measurements, in which observers track changes in the star’s spectral features
while the planet is in transit, have unveiled key features of the composition of HD
209458b’s atmosphere (Brown et al., 2001; Brown, 2001; Charbonneau et al., 2002;
Vidal-Madjar et al., 2003, 2004). The more recent detections of transiting planets OGLETR-56b (Konacki et al., 2003), OGLE-TR-113b and 132b (Bouchy et al., 2004), TrES-1
(Alonso et al., 2004), OGLE-TR-111b (Pont et al., 2004), OGLE TR-10b (Bouchy et al.,
2005a; Konacki et al., 2005), HD 149026b (Sato et al., 2005), and HD 189733b (Bouchy
et al., 2005b) reinforce the importance of the transit method for the characterization of
close-in EGP atmospheres.
HD 209458b resides in close proximity (0.046 AU) to a Sun-like star in the constellation Pegasus. The G0V primary irradiates the planet up to an extremely high effective
temperature (Teff ∼ 1340 K; see Iro et al., 2005) compared to the planets of our Solar
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System. This leads to very different chemistry than we are familiar with in planetary
atmospheres.
In HD 209458b’s primarily hydrogen and helium atmosphere, carbon, nitrogen, and
oxygen are all minor constituents. Despite their low abundances, these elements are
important for determining the spectral characteristics of the planet because they form
molecules having strong spectral signatures (Seager and Sasselov, 1998). Radiativeequilibrium calculations by Iro et al. (2005) show that in the 1 mbar to 10 bar pressure
regime, which is the region of primary interest for observations, the temperature lies in the
1000–2000 K range. At these temperatures and pressures, chemical equilibrium considerations suggest that carbon on HD 209458b is sequestered primarily in carbon monoxide
(CO) and methane (CH4 ) (Burrows and Sharp, 1999; Lodders and Fegley, 2002). These
models show that CO(g) is the most stable carbon-bearing species at high temperatures
and low pressures. At low temperatures and high pressures, CH4 (g) is more stable thermodynamically. The oxygen not bound up in rock is present as either CO(g) or water
vapor, H2 O(g).
In planetary atmospheres, however, chemical equilibrium may not hold. There are
several reasons for this. First, photochemical dissociation can elevate the concentrations
of photochemical products above equilibrium levels (Moses et al., 2000). Prinn and Barshay (1977) note that photochemical oxidation of CH4 is a well-known source of CO in
the Earth’s atmosphere. Second, impacts by meteorites, comets, etc., deposit metals and
other compounds into the atmospheres of giant planets (see, e.g., Prather et al., 1978;
Moses, 1992). Third, chemical reactions may not always occur quickly enough relative
to dynamical mixing for chemical equilibrium to be attained (Prinn and Barshay, 1977;
Smith, 1998).
Liang et al. (2004) show that the first effect—photochemical production—is unlikely
to significantly alter the concentration of CO in HD 209458b’s stratosphere ( p < 1 mbar).
It is unknown how much impactors have modified the composition of HD 209458b’s
atmosphere during its evolution. We note, however, that calculations by Bézard et al.
(2002) show that CO deposition by impactors cannot explain the observed abundance of
CO (∼ 1 ppb, as opposed to essentially zero in equilibrium) in Jupiter’s lower troposphere.
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On Jupiter, rather, disequilibrium results from convective upwelling from deep regions
( p ∼ 300 bar), where the equilibrium abundance of CO is higher. As the reaction rates
plummet with decreasing temperature and pressure in ascending fluid parcels, the CO
concentration quenches to its observed value.
Photospheric pressures lie in the 10–500 mbar range for all IR wavelengths (Fortney
et al., 2005; Burrows et al., 2005; Barman et al., 2005; Seager et al., 2005). If large temperature variations of 500–1000 K in this region are a reality on HD 209458b (Showman
and Guillot, 2002; Cho et al., 2003; Burkert et al., 2005; Cooper and Showman, 2005),
it is conceivable that chemical quenching occurs in the horizontal rather than the vertical
direction. In this hypothetical scenario, fluid parcels attain chemical equilibrium on the
planet’s dayside, where the temperature is high and the reaction kinetics are fast. Vigorous dynamical motions then carry these equilibrated parcels to the nightside, where they
rapidly cool to temperatures where the reactions are too slow to equilibrate the system.
Depending on the meteorology and variations of the chemical rates with temperature and
pressure, complex lateral CO distributions could potentially result. For example, it would
then be possible for CO to be abundant at the evening limb but depleted at the morning
limb.
To test the hypothesis that disequilibrium processes modify the abundances of CO
and CH4 in the observable atmosphere of HD209458b, we couple the reaction kinetics
to a three-dimensional nonlinear model of the atmospheric dynamics. We show that at
the temperatures and pressures relevant for observations of HD 209458b’s atmosphere,
the timescale for CO/CH4 interconversion is everywhere long: τchem  105 s. Disequilibrium results in regions where the timescale for advection of CO by dynamics, τdyn , is
shorter than τchem . Due to uniformly large values of τchem for p < 1 bar, the simulations
definitively show that quenching occurs in the vertical, not the horizontal. As on Jupiter,
we find that the concentration of CO for p < 1 bar depends on its value deeper in the
atmosphere. Vertical quenching and efficient horizontal mixing lead to a high-abundance,
homogeneous distribution of CO at the photosphere. As a result, in cool regions (e.g., the
nightside), the CO concentration exceeds equilibrium values by many orders of magnitude.
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Curiously, CO was not detected on HD 209458b in a recent ground-based search using transmission spectroscopy at 2 µm (Deming et al., 2005a). Several possible reasons
for the CO null detection have been noted by the authors and others. First, CO may not be
abundant in this planet’s atmosphere, though this is only possible if the planet is significantly cooler (by ∼ 500 K) than predicted by current radiative-equilibrium models (Burrows et al., 2004; Chabrier et al., 2004; Iro et al., 2005). Second, CO may present in the
visible atmosphere in some regions but depleted at the limb (Iro et al., 2005). Third, the
spectral signature of CO at the planet’s limb may be obscured either due to photochemical haze or a high-altitude silicate cloud (Fortney et al., 2003; Burrows et al., 2004). This
explanation is favored by Deming et al. (2005a). It should be noted, however, that the CO
null detection reported by Deming et al. (2005a) relies on the radiative-equilibrium calculations of Sudarsky et al. (2003). If unexpected opacity sources (though not necessarily
clouds) play a strong role in the formation of spectral lines near 2 µm, an upper limit to
the CO abundance cannot be made with high confidence based on these observations.
We review in Section 4.2 the theoretical reasons to expect CO in high abundance
in HD 209458b’s atmosphere based on chemical equilibrium arguments. We discuss in
Section 4.3 the main chemical processes involved and derive the timescale for CO/CH4
interconversion. In Section 4.4, we describe our coupling of chemistry to the atmospheric
dynamics model of Cooper and Showman (2005). We present the results of these simulations in Section 4.5. We explain and interpret these results in Section 4.6, comparing our
simulations to a simpler view of quenching presented by Smith (1998). We enumerate
the major uncertainties in these calculations in Section 4.7. In Section 4.8, we discuss
implications of this work for near-future observations of HD 209458b and other close-in
EGPs.
4.2

Chemical Equilibrium Considerations

Prior discussions of chemistry on EGPs are based on chemical equilibrium models (Burrows and Sharp, 1999; Lodders and Fegley, 2002). Solar abundances of the elements
(Anders and Grevesse, 1989; Lodders and Fegley, 1998) are generally assumed in these
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schemes, which perform global minimization of the Gibbs free energy of the system, often
including thermochemical data for hundreds of compounds. This minimization algorithm
allows the concentrations of all chemicals to be solved for simultaneously. In such thermochemical calculations, once the elemental abundances in the atmosphere have been
specified, the abundances of all chemical species in the system depend solely on the local
temperature and pressure (allowing for simple ideas like rainout).
Simulations by Cooper and Showman (2005) suggest that the temperature at the photosphere of HD 209458b varies across the globe from ∼ 1000–1500 K. Chemical equilibrium models show that at these temperatures, the atmosphere of this planet should
contain appreciable quantities of CO and CH4 . Lodders and Fegley (2002) show that HD
209458b’s atmosphere straddles the line of equal CO/CH4 abundance, in the absence of
disequilibrium effects. The relative concentrations of CO and CH4 are strong functions of
<
local temperature and pressure. At 1 bar, where T ∼
1150 K, CH4 is the dominant carbon-

bearing species (in chemical equilibrium), while CO is more abundant at this pressure for
higher temperatures (T > 1150 K).
In the temperature and pressure ranges of interest for this investigation, calculation
of the equilibrium abundances of CO and CH4 is straightforward and reduces to several
simple algebraic expressions. These expressions are used in our disequilibrium model,
in which the mole fraction of CO is relaxed to its value in chemical equilibrium (see
Section 4.4.2). The expressions, as we will show, include the metallicity dependence
directly. This allows us to explore the sensitivity of our disequilibrium calculations to the
metallicity of HD 209458b’s atmosphere, which is conceivably enhanced from that of the
host star. Such enhancement is seen on Jupiter, where C, N, and probably O are several
times more abundant relative to hydrogen than at the photosphere of the Sun (Atreya et al.,
1999).
We define X i to be the mole fraction of the i-th species in the system; e.g., X H2 is the
mole fraction of molecular hydrogen. It is given by the ratio of the partial pressure of the
i-th species to the total atmospheric pressure (i.e., X i = pi / p). At the temperatures and
pressures in this region of HD 209458b’s atmosphere, hydrogen is primarily molecular
H2 [J. Fortney, private communication]. We take X H2 = 0.83 for the H2 mole fraction
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throughout this paper (i.e., we assume that H2 dissociation is everywhere negligible).
Although oxygen is mostly in CO and H2 O, some oxygen is also sequestered in rock,
most of which forms deeper than 1 bar (Lodders and Fegley, 2002; Fortney et al., 2005).
We assume 16% of the atmospheric oxygen (the maximum possible in a solar abundance
mixture) is in silicates. Depending on where in the atmosphere MgSiO3 condenses, this
may underestimate (by ∼ 5%) the oxygen available to affect CO/CH4 chemistry in the
region of interest.
Defining c1 and c2 as the mixing ratios of gaseous carbon and oxygen in the atmosphere, the mole fractions X CO , X CH4 , and X H2 O are related through mass balance:
X CH4 + X CO = c1 = 5.91 × 10−4

(4.1)

X CO + X H2 O = c2 = 1.04 × 10−3

(4.2)

for solar metallicity1 . We see from equations (4.1) and (4.2) that water vapor will always
be present in the system, even if 100% of the carbon is in CO, since oxygen is more
abundant than carbon.
The third expression relating the quantities X CO , X CH4 , and X H2 O derives from the
equilibrium expression of the net thermochemical reaction
CO + 3H2 ↔ CH4 + H2 O.

(R1)

R1 , is
The equilibrium expression for reaction R1, which we denote as K eq
3
X CO X H
p2
2

X CH4 X H2 O



1f G CO − 1f G CH4 − 1f G H2 O
R1
= K eq
.
= exp −
RT

(4.3)

In equation (4.3), p is atmospheric pressure [bar], T is the temperature [K], and
R = 8.314 J mol−1 K−1 is the universal gas constant. The symbols 1f G CO , 1f G CH4 ,
and 1f G H2 O represent the Gibbs free energies of formation of CO, CH4 , and H2 O, respectively. The Gibbs free energies of formation depend on temperature sensitively but
1 We

discuss in Chapter 1 that these values have been revised downward slightly by more recent geo-

chemical measurements and measurements of CNO at the photosphere of the Sun. As discussed more in
Section ??, these results have only a minor effect on the conclusions of this study.
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only weakly on pressure. We simply use the values at standard pressure (1 bar), which
are tabulated in the NIST-JANAF Thermochemical Tables (Chase, 1998).
With the three equations (4.1), (4.2), and (4.3), we can solve for the three equilibrium
mole fractions X CO , X H2 O , and X CH4 as a function of atmospheric pressure ( p) and temR1 /( p 2 X 3 ), we solve for X
perature (T ). Defining f = K eq
CO . We take the negative root
H2

of the quadratic equation, which represents the physical solution:
√
−b − b2 − 4ac
X CO =
,
2a

(4.4)

with a = f , b = − f (c1 + c2 ) − 1, and c = f c1 c2 . The other concentrations are then
easily solved for using the mass balance expressions (equations 4.1 and 4.2): X CH4 =
c1 − X CO and X H2 O = c2 − X CO . The solution is valid for temperatures between 500–
2500 K over a broad range of pressures in the atmosphere. It is also valid for atmospheres
with enhanced or depleted C and O abundances by simply tuning c1 and c2 (so long as c1
and c2 are kept small: c1 , c2  0.1).
We show in Table 4.1 the ratio of CO to total carbon in the atmosphere (X CO / c1 ),
assuming chemical equilibrium, for a variety of temperatures and pressures. The table
shows that the CO abundance—assuming equilibrium conditions—is a strong function
of pressure and especially temperature. If large temperature variations in the atmosphere
are indeed a reality on HD 209458b, as predicted both in radiative-equilibrium models
(e.g., Iro et al., 2005) and simulations of the atmospheric dynamics (Cooper and Showman, 2005), large gradients in the equilibrium concentrations of CO and CH4 result. We
now consider disequilibrium effects, which lead to vastly different conclusions about the
relative concentrations of CO and CH4 in the upper layers of this planet’s atmosphere.
4.3

Chemical Pathways for CO Reduction

CO concentrations above equilibrium values have been discovered both on Jupiter (Beer,
1975; Larson et al., 1978) and on the brown dwarf Gl 229B (Noll et al., 1997; Oppenheimer et al., 1998; Saumon et al., 2000). Fegley and Lodders (1996) and Griffith and
Yelle (1999) show that CO disequilibrium in Gl 229B results from the inefficiency of
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Our treatment follows Lodders and Fegley (2002). Data for the standard Gibbs free energies of formation for CO, CH4 , and H2 O are

4.4). We obtain these values by solving equation (4.4), which calculates the chemical equilibrium of CO in a gas of solar composition.

Note. — Fraction of carbon in the atmosphere present as CO (i.e., the ratio X CO / c1 ), assuming chemical equilibrium (see eq. 4.1 –
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chemical reduction of CO in regions of low temperature and pressure relative to the rate
of vertical mixing. The CO seen in the spectrum of Gl 229B originates from deeper in the
atmosphere, where CO is abundant in chemical equilibrium.
Similarly, Prinn and Barshay (1977) suggest that the CO detected in the troposphere of
Jupiter was transported up by convection from deeper, hotter layers of the planet. Bézard
et al. (2002) explore several explanations for the unexpected 1 ppb CO concentration
observed on this planet. They conclude that convective mixing from deeper layers remains
the most likely source of Jupiter’s tropospheric CO, although the reactions suggested by
Prinn and Barshay (1977) are now thought to be too slow to explain the observed CO
abundance.
We hypothesize that dynamics may drive the abundance of CO on HD 209458b away
from chemical equilibrium values. Theory predicts that HD 209458b is tidally locked to
its host star and therefore receives stellar radiation on one hemisphere only (Guillot et al.,
1996; Showman and Guillot, 2002). This uneven heating drives vigorous, global-scale
atmospheric dynamics. As shown by Showman and Guillot (2002), Cho et al. (2003),
Burkert et al. (2005), and Cooper and Showman (2005), winds of ∼ 3000 m s−1 carry
material across a hemisphere in only τdyn, h ∼ 105 sec. Vertical transport is rapid as well,
with typical wind speeds w ∼ 20 m s−1 at p = 1 bar (see Section 4.6).
To ascertain the extent to which dynamics perturbs chemical equilibrium in this atmosphere, we first calculate the timescale for the processes converting CO to CH4 and back.
This depends on the chemical reactions involved. Two independent reaction pathways for
the chemical reduction of CO have been considered in the literature.
The following reaction was suggested by Prinn and Barshay (1977):
H2 + H2 CO → OH + CH3

(R2)

This reaction is the rate-limiting step in a three-part sequence resulting in the chemical
reduction of CO to CH4 . These authors calculate a rate constant for reaction R2 of


36, 200 K
−10
cm3 s−1 .
(4.5)
kR2 = 2.3 × 10
exp −
T
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Prinn and Barshay (1977) note that the other steps leading to the reduction of CO to
CH4 are fast relative to reaction R2. They use equation (4.5) to estimate the chemical
lifetime of CO in disequilibrium as a function of temperature and pressure.
Based on more recent measurements, however, Griffith and Yelle (1999) discuss that
the reaction rate for reaction R2 is significantly slower than the rate assumed by Prinn and
Barshay (1977):
−8

kR2, correct = 3.4 × 10



 −1.12
43, 192 K
T
exp −
cm3 s−1 .
K
T

(4.6)

Furthermore, as shown by Smith (1998), the convective timescale used by Prinn and
Barshay (1977) to derive the quench level is incorrect because it does not account for
the gradient in both the lifetime and equilibrium abundance of CO over an atmospheric
scale height. Using the updated reaction rate, equation (4.6), and the correct timescale for
convective mixing, Bézard et al. (2002) find that the reaction sequence for CO destruction
suggested by Prinn and Barshay (1977) cannot explain the disequilibrium abundance of
CO in Jupiter’s troposphere. A faster reaction pathway for the reduction of CO to CH4
must be sought.
Yung et al. (1988) investigate an alternative three-step process involving the methoxy
radical CH3 O. They argue this pathway is more kinetically favorable because the strong
carbonyl (C = O) bond in H2 CO is broken in a separate reaction step from the formation
of the four C–H bonds in methane. Yung et al. (1988) propose the following three-stage
reaction set:
H + H2 CO + M → CH3 O + M

(Y1)

CH3 O + H2 → CH3 OH + H

(Y2)

CH3 OH + H → CH3 + H2 O

(Y3)

In this sequence, the first reaction, in which the C = O bond is broken, is the ratelimiting step. The net reaction resulting from summing reactions Y1, Y2, and Y3 is
H2 CO + H2 + H → CH3 + H2 O.

(YT )
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We derive the number density of H2 CO by assuming equilibrium with H2 and CO: H2 +
CO ↔ H2 CO, which is fast compared to reaction Y1. We note also that the production
of methane (CH4 ) from CH3 occurs with nearly 100% efficiency (Yung et al., 1988).
The rate of reaction Y1 has never been measured in the laboratory, but the rate of the
reverse reaction is known (Page et al., 1989):
 −1.2


T
7, 800 K
0
−6
kY1, R = 1.4 × 10
exp −
cm3 s−1 .
K
T

(4.7)

Equation (4.7) represents the low-pressure limit of the rate of the reverse of reaction Y1
in the temperature range relevant for this planet. For the high-pressure limit, we adopt
equation (11) from Bézard et al. (2002):
 


T
12, 880 K
11
∞
· exp −
s−1 .
kY1, R = 1.5 × 10
K
T

(4.8)

The net rate constant for the reverse reaction Y1,R can be expressed as
kY1, R =

0
∞
kY1,
R kY1, R
0
∞
kY1,
R n + kY1, R

,

(4.9)

where n [cm3 s−1 ] here is the number density of molecules in the atmosphere (Bézard
et al., 2002). It is related to pressure through the ideal gas equation of state.
Using the proper eddy mixing timescale for chemical quenching derived by Smith
(1998), Griffith and Yelle (1999) and Bézard et al. (2002) demonstrate that the kinetic
rates derived from the Yung et al. (1988) reactions fit observations of CO in disequilibrium
on the brown dwarf Gl 229b and on Jupiter. As noted above, the reaction proposed by
Prinn and Barshay (1977) is too slow to account for the observed concentrations of CO in
these objects. We therefore follow Griffith and Yelle (1999) and Bézard et al. (2002) in
this treatment and assume that the catalyzed Yung et al. (1988) reactions Y1–Y3 are the
most efficient mechanism for the conversion of CO to CH4 .
For the purpose of determining the CO quench level on HD 209458b, we use the measured reaction rates (eq. 4.7 - 4.9) along with thermochemical data to determine τchem .
This quantity, which is a strong function of both pressure and temperature, represents the
timescale over which CO can remain in disequilibrium (Prinn and Barshay, 1977). Conservation of mass (eq. 4.1) dictates that the rate of CO destruction must equal the rate
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of CH4 production. So, τchem also represents the timescale for conversion of CH4 back
to CO. This would not be so if other molecules competed effectively for the available
carbon atoms. At these pressures and temperatures, though, CO and CH4 are the predominant carbon-bearing species (see Section 4.2). Hereafter, we simply refer to τchem as the
CO/CH4 interconversion timescale.
The CO/CH4 interconversion timescale is given by Bézard et al. (2002):
τchem =

X CO
X CO
= 2
,
−dX CO /dt
n kY1 · X H X H2 CO

(4.10)

where kY1 is the reaction rate of Y1. An extra factor of n arises in the denominator
from writing the expression in terms of CO, H, and H2 CO mole fractions rather than
concentrations.
As has been noted, however, only the rate of the reverse of reaction Y1 has been
measured. We therefore use the equilibrium constant of the chemical reaction
CH3 O ↔ CO + 3/2 H2

(R3)

to express τchem in terms of equation (4.9). The equilibrium constant of reaction R3 is


1f G(CO) − 1f G(CH3 O)
R3
K eq = exp −
.
(4.11)
RT
The Gibbs free energy of formation of CH3 O cannot be found in the JANAF tables. We
use values for 1f G(CH3 O) from Tsang and Hampson (1986).
Using these thermochemical data along with equation (4.9), we can express τchem in a
form that can be evaluated numerically:
R3 · k T
K eq
X CO
b
τchem ( p, T) =
=
,
3/2
n kY1, R · X CH3 O
kY1, R X H2 p 5/2

(4.12)

where kb is Boltzmann’s constant. The first equality in equation (4.12) is analogous to
equation (4.10) but for reaction Y1 in the reverse direction. All intermediate reactions in
the system are assumed to be in equilibrium. The second equality results from substituting
equation (4.11) in for the ratio X CO / X CH3 O .
We show values for τchem in Table 4.2 at the same pressures and temperatures chosen
in Table 4.1. Table 4.2 demonstrates that for p < 1 bar, τchem  105 s for all T ≤ 2000 K,
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which is an upper limit to the temperature at HD 209458b’s photosphere. This result
immediately rules out horizontal quenching as an important disequilibrium process at the
photosphere. The timescale for horizontal mixing τdyn, h ∼ 105 s, so that τchem  τdyn, h
on both the day and night sides of the planet.
Deeper down ( p > 10 bar), CO/CH4 interconversion is fast (τchem  105 s). At this
pressure, the chemical interconversion timescale is less than both the horizontal and vertical mixing times. We would therefore expect chemical equilibrium of CO/CH4 to hold
>
in the atmosphere at p ∼
10 bar. The top of this region ( p ∼ 10 bar) is the approximate
“quench level.” Note that the precise altitude of quenching also depends on atmospheric

temperature and wind speeds, which are themselves highly variable (Cooper and Showman, 2005). As a consequence, the quench level is not an exact isobar. Referencing Table
4.1, we see that abundant CO at the photosphere of this planet is likely because vertical
transport processes are probably efficient (Showman and Guillot, 2002), and the chemical
equilibrium CO concentration at the quench level is likely to be quite high.
We now discuss a coupled atmospheric dynamics and disequilibrium CO/CH4 chemistry model to predict CO concentrations for a variety of atmospheric conditions. Our
simulation results (see Section 4.5) verify the general validity of these considerations.
4.4

Coupled Chemistry/Dynamics Model

4.4.1 The Atmospheric Dynamics Model
We adapt the model of Cooper and Showman (2005) to include simple carbon chemistry based on the discussions in Section 4.2 and Section 4.3. Our model employs the
ARIES/GEOS Dynamical Core, version 2 (AGDC2; Suarez and Takacs, 1995). The
AGDC2 solves the primitive equations of dynamical meteorology, which are the foundation of numerous climate and numerical weather prediction models (Holton, 1992;
Kalnay, 2003).
The primitive equations are a simplification of the full Navier-Stokes equations of
fluid mechanics. The primitive equations assume hydrostatic balance of each vertical
column of atmosphere. This is equivalent to assuming that the vertical acceleration is
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reaction Y1, which has been measured in the laboratory (Page et al., 1989).

equations (7) and (8) of Bézard et al. (2002). The expression for τchem derives from consideration of the rate of the reverse of

temperatures and pressures used in Table 4.1. These values have been computed using equations (4.12) and (4.11), following

Note. — Timescale in seconds for CO/CH4 interconversion in the Yung et al. (1988) catalyzed reaction sequence at the same

100 mbar

10 mbar

T [K]

Table 4.2.
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negligible compared to the buoyancy. The approximation holds in stably stratified regions
for “shallow” flow, in which the vertical depth is much smaller than the horizontal extent
(Kalnay, 2003, Ch. 2). Heavy irradiation from the star extends the radiative zone of this
planet down to p ∼ 1 kbar. This is ∼ 1/10 of the radius (Burrows et al., 2003; Chabrier
et al., 2004; Iro et al., 2005), leading to a horizontal to vertical aspect ratio of about 10:1.
The AGDC2 is a finite-difference model, which discretizes the dynamical variables
onto a staggered latitude-longitude C-grid (Arakawa and Lamb, 1977). The AGDC2
consists of a set of subroutines that compute the time tendencies of the prognostic variables, including the zonal and meridional winds, potential temperature (Holton, 1992, p.
52), surface pressure, and an arbitrary number of passive tracers. At each time step, the
AGDC2 simply updates the time tendencies to include the effects of the dynamics. All
physical tendencies (e.g., chemistry, radiation, etc.), as well as temporal and spatial filtering needed to control computational instabilities, are performed outside of the AGDC2.
For all simulations, we take the ”top” layer of the model to be at 1 mbar. Although for
some applications, this could be set to lower pressure, we generally ignore the upper atmosphere in this work. Modeling the high atmosphere would require a proper treatment of
stratospheric photochemistry and the possible effects of non-local thermodynamic equilibrium in the radiation field at sub-millibar pressures (Liang et al., 2004; Barman et al.,
2002). The atmosphere spans ∼ 15 pressure scale heights between our input top pressure
(1 mb) and the planet’s radiative-convective boundary (1 kbar). By comparison, the pressure in the Earth’s atmosphere spans only 2–3 pressure scale heights from the surface to
the tropopause. We use 40 layers evenly spaced in log pressure.
We follow Cooper and Showman (2005) for the scalar input parameters, ignoring small variations in the gravitational acceleration, heat capacity, and mean molecular weight in the atmosphere. We set these values to constants: g = 9.42 m s−2 ,
µ = 1.81 × 10−3 kg mol−1 , and cp = 1.43 × 104 J kg−1 K−1 . The values of these
constants have been chosen to be intermediate between the values they would have at 1
mbar and 3 kbar because H2 dissociation is expected to occur in the deepest layers of the
model. For the chemistry, we assume hydrogen is molecular everywhere, which holds in
the upper layers of interest here (see Section 4.3).
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4.4.2 Coupling CO/CH4 Chemistry
The AGDC2 includes horizontal advection for an arbitrary number of passive tracers. We
denote these as qk , with k = 1, 2, ..., km. As few as possible is desirable, as the tracer
equations add appreciably to the total computations required per time step.
Tracers are passive in the sense that they are advected by the flow but do not themselves influence the dynamics. Unless interdependencies are added, the tracer solutions
in the AGDC2 do not affect the other prognostic variables (or each other). The equations
operating on each qk are of the same form as those used for potential temperature advection (Suarez and Takacs, 1995). The advection scheme is fourth-order in this version of
the dynamical core.
We add CO as a passive tracer to the AGDC2. The other carbon and oxygen bearing
species, including CH4 , H2 O, CH3 O, HCO, etc., are either very short-lived or indirectly
obtainable through mass balance (eq. 4.1 and 4.2). To confirm this, we calculated lifetimes for the intermediate species in the Yung et al. (1988) sequence. These were all much
shorter than our τchem , which describes the timescale for interconversion of CO and CH4 .
For the purposes of this investigation, it is sufficient therefore to consider just a single
tracer.
We follow equation (2) of Smith (1998) to express the effect of the dynamics on
CO/CH4 chemistry in terms of the quantities we know, X CO, eq and τchem . The idea is to
relax X CO to its value in chemical equilibrium, X CO, eq :
X CO − X CO, eq
D X CO
=−
.
Dt
τchem

(4.13)

We write D/Dt (not d/dt or ∂/∂t) to emphasize we mean the total (or material) derivative, not the local derivative. As usual, the advection terms must be included when the
equations are written in the Eulerian frame (Holton, 1992, p. 28–31).
In equation (4.13), we see that if τchem is short relative to dynamical timescales, chemical equilibrium of CO will be attained in the atmosphere. In regions where τchem is
longer than τdyn , CO will not be in equilibrium. In the former case, the CO abundance
will depend solely on the local temperature and pressure (which themselves vary greatly
throughout the region of integration). In the latter situation, whether the actual value of
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X CO is greater than or less than the equilibrium value depends on global atmospheric
conditions.
In the troposphere of Jupiter, for example, X CO is extremely high relative to X CO, eq
because convection mixes CO upwards from the quench level (at several hundred bars),
where the equilibrium abundance of CO is appreciable (Bézard et al., 2002). The situation
of HD 209458b is different; the atmosphere in the 10 mbar to 10 bar region is stable to
turbulent convection due to the huge flux of stellar radiation from above (Guillot et al.,
1996). As discussed by Showman and Guillot (2002), however, vertical velocities of
∼ 20 m s−1 are plausible on this planet, implying vigorous vertical transport. The CO
concentration for p < 10 bar depends critically on the vertical flow, which we will discuss
in Section 4.6.
4.4.3 Newtonian Heating Scheme
We defer to future work the ambitious task of coupling atmospheric dynamics to a true radiative transfer code. Rather, we approximate the effects of radiation using a simple Newtonian heating prescription. In this scheme, the thermodynamic heating rate at each grid
point is proportional to the difference between the prescribed 3D radiative-equilibrium
temperature and the true local temperature.
As in Cooper and Showman (2005), we start with the 1D radiative-equilibrium T ( p)
profile of Iro et al. (2005). Their radiative-equilibrium profile, which we call TIro ( p),
assumes heat redistribution over the entire globe. The calculation includes the major
sources of gaseous opacity: Rayleigh scattering, collision induced absorption, bound-free
and free-free absorption, molecular rovibrational bands from H2 O, CO, CH4 , and TiO,
and resonance lines from the alkali metals. Iro et al. (2005) calculated a line-by-line
solution to the monochromatic radiative transfer equation using the Goukenleuque et al.
(2000) model. This code makes the two-stream approximation (see e.g., Chamberlain
and Hunten, 1987), and the atmosphere is taken to be plane-parallel. We also use values
published by Iro et al. (2005) for τrad ( p), which is the radiative relaxation time constant.
This is an increasing function of pressure. The value of τrad is ∼ 3 hours at 1 mbar (which
is the topmost layer of our model) and increases to ∼ 1 year near 10 bar.
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We use the algorithm described in Cooper and Showman (2005) to calculate Tnight ( p)
and Tss ( p) from TIro ( p). These are the radiative-equilibrium profiles on the nightside,
which receives no direct heating, and at the substellar point, where the star is directly
overhead. We assume in these calculations that nightside radiative-equilibrium temperatures depend only on pressure, not longitude and latitude. In this procedure, we prescribe
a temperature difference in radiative equilibrium between the substellar point and the
nightside, 1Teq ( p) = Tss ( p) − Tnight ( p). This is an adjustable parameter, which governs
the strength of the radiative forcing. Its has been chosen to be logarithmic in pressure, so
the profiles converge deep in the atmosphere.
The substellar and nightside radiative-equilibrium profiles are then computed by balancing the total flux radiating to space at the top of the atmosphere. The nightside
and integrated dayside contributions must sum to the known globally averaged value,
4 :
4π Rp2 σ TIro
4
4π Rp2 σ TIro

ZZ
=

4
2π Rp2 σ Tnight

+

Rp2

day

4
σ Tday
(λ, φ) cos φ dφ dλ.

(4.14)

The coordinates (λ, φ) are longitude and latitude, respectively.
The flux balance in equation (4.14) yields a transcendental equation for Tnight at the
top of the atmosphere in terms of the free parameter, 1Teq :
4
4
4Tiro
= 3Tnight
+ (Tnight + 1Teq )4 .

(4.15)

4
In equation (4.15), 2 factors of Tnight
come from the nightside; the integral over the
4 , as well as the term involving 1T . Equadayside contributes 1 more factor of Tnight
eq

tion (4.15) can be solved numerically; we use Newton-Raphson (see Press et al., 1992).
Tnight = 500 K is the solution for 1Teq = 1000 K and TIro = 1000 K.
The above radiation balance is only computed once—at the top model layer—to ensure the outgoing fluxes are self-consistent. We emphasize this is not a rigorous treatment
of radiation. The goal is simply to use Iro et al. (2005)’s radiative-equilibrium profile,
which is one-dimensional, to prescribe the Newtonian heating rate over the model grid in
a way that does not significantly alter the radiation budget of the atmosphere.
We show in Figure 4.1 the radiative-equilibrium profiles generated by this method
from pressures of 1 mbar to 10 bars. We plot TIro ( p) as well for comparison. The profiles
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plotted are for our nominal HD 209458b model, in which we have set 1Teq = Tss −
Tnight = 1000 K at the top of the atmosphere (see Section 4.5 for a more complete
description). We only show the profiles down to the 10 bar level because the radiative
time constants deeper than that are very long (τrad  107 s; see Iro et al. (2005)). As in
Cooper and Showman (2005), we have simply turned off heating for all pressures greater
than 10 bar.
4.4.4 Limb Effects
Two limb effects may be important at low pressures. We have not attempted here to model
them in detail. But to account for them, we use a modified form of Cooper and Showman
(2005), equation(2).
First, near the limb, the angle of incidence of the impinging radiation is large. The
optical path length is longer in the slant geometry than at normal incidence. Hence, the
stellar radiation will not penetrate as deeply near the limb but will be absorbed higher up
in the atmosphere. This causes additional heating at pressures significantly less than 1
bar. Second, the star is not a point source; it has finite angular size in the planet’s sky.
This creates a small region of continuous heating past the day-night terminator, which we
define here as 90◦ from the substellar point. Here, the disk of the star is partly visible.
These considerations are potentially significant for tracking the CO distribution near
the photosphere because the limb is the region directly probed by transmission spectroscopy. We attempt to account for this by modifying Cooper and Showman (2005)’s
equation (2). The new profile is identical to that of Cooper and Showman (2005) over
most of the day and night sides, but it has a smoother variation of temperature across the
terminator.
Firstly, we define α to be the angle between the local normal vector at a particular
longitude and latitude (λ, φ) and a ray from the planet’s center passing through the sub0 (α, p) and
stellar point (λ = 0◦ , φ = 0◦ ). Two quantities are used in our prescription: Teq
1 (α, p). The first one, T 0 (α, p), is identical to Cooper and Showman (2005), equaTeq
eq
1 (α, p), describes a linear fit between the dayside and
tion (2). The second quantity, Teq

nightside radiative-equilibrium profiles, which extends slightly past the day-night termi-
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Figure 4.1 Radiative-equilibrium T ( p) profiles used in the Newtonian heating scheme
described in Section 4.4.3. The profiles shown are the nightside radiative-equilibrium
profile (long-dashed line), Iro et al. (2005)’s globally averaged radiative-equilibrium profile (solid line), and the radiative-equilibrium profile at the substellar point (short-dashed
line). At the topmost layer of the model atmosphere (1 mbar), we have set the temperature difference between the substellar point and the nightside to 1000 K. The nightside
and substellar profiles are balanced so the integrated outgoing flux at the top of the atmo4 . The profiles converge logarithmically with increasing pressure
sphere equals 4π Rp2 σ TIro
(depth).
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nator. In prescribing the radiative-equilibrium temperature over the model grid, we use
0 (α, p) over most of the globe but substitute in T 1 (α, p) near the day-night terminator.
Teq
eq
0 (α, p) and T 1 (α, p) profiles depend on the radiative-equilibrium profiles on
The Teq
eq

the nightside and at the substellar point (see Section 4.4.3):
r
h
0
Teq
(α, p) =

1
Teq
(α,

4

i
4 ( p) + T 4 ( p) − T 4 ( p) cos α ,
Tnight
ss
night

h
p) = Tnight ( p) −

0
Teq
(α1 ,

(4.16)

i

p) (α − α2 )γ −1 + Tnight ( p) .

(4.17)

0 (α, p) is defined for α = [0, α ), and T 1 (α, p) is defined for α =
On the day side, Teq
1
eq

[α1 , α2 ]; the nightside profile (past α2 ) is isothermal and equal to Tnight . The angle α is
related to the coordinates (λ, φ) by cos α = cos λ cos φ. We take α1 = 90◦ − γ /2 and
α2 = 90◦ + γ /2, where γ ≈ 13◦ ; γ is the approximate angular size of the G0V primary
in the planet’s dayside sky.
The fit in equation 4.17 extends 6.5◦ from the day-night terminator (α1 on the dayside)
1 (α, p) smears out the terminator,
to 6.5◦ past it (α2 on the nightside). The function Teq

resulting in a function whose profile remains fairly hot 90◦ away from the substellar point,
where half the stellar disk is still visible. It also increases the total radiative energy in the
radiative-equilibrium system, which is realistic owing to the effects described above. In
0 (α) and T 1 (α) at p = 1 mbar.
Figure 4.2, we show plots of Teq
eq

4.5

Simulation Results

For this study, we have performed a suite of simulations with different input parameters, which all support the general conclusions of this work (Section 4.8). For most of
this discussion, we focus on the results of two simulations in particular. We call them
the “nominal” and “cold” models, respectively. Other simulations are alluded to in this
section and in Section 4.6.
The nominal model contains input parameters identical to those used by Cooper and
Showman (2005), which are tuned for HD 209458b specifically (although the radiativeequilibrium profile has been slightly adjusted to account for limb effects; see Section
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Figure 4.2 The functions T0eq (α) and T1eq (α), defined by equations (4.16) and (4.17), describe the angular dependence of the 3D radiative-equilibrium profile. The T1eq (α) term
has a shallower slope near the day-night terminator and extends to 96.5◦ . The inclusion
of this term generates a slightly warmer profile near the limb than that used by (Cooper
and Showman, 2005).
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4.4.4). For the nominal model, we have used 1000 K for the radiative-equilibrium temperature difference between the substellar point and the nightside (at the top of the atmosphere, as described in Section 4.4.3). The cold model is a parameter variation on the
nominal model. It is representative of an imaginary EGP that is cooler than HD 209458b.
The radiative-equilibrium temperatures for the cold model are similar to those expected
for the transiting planet TrES-1, which orbits a K-type star (Fortney et al., 2005; Barman
et al., 2005).
We use for the cold model a new radiative-equilibrium profile, TCold ( p). This profile is 300 K cooler at every pressure level than the profile used for the nominal model:
TCold ( p) = TIro ( p) − 300 K . For the cold case, we have also decreased the assumed
radiative-equilibrium temperature difference between the substellar point and the nightside; for this model, we use 1Teq = 700 K. This is because we would expect cooler
planets to have lower radiative forcing in general. With these adjustments, the procedure
described in Section 4.4.4 was rerun on the cold profile to determine the 3D radiativeequilibrium profile for the cold case. At the topmost layer (1 mbar), the substellar and
nightside profiles are Tss = 1085 K and Tnight = 385 K, respectively.
We use the same values for the radiative relaxation time constant, τrad ( p), as for the
nominal case. For a much cooler planet than HD 209458b, τrad ( p) would have to be reevaluated, since radiative processes are temperature dependent. But this “cold” model is
not enough colder than the nominal case for the radiative heating rates to differ by more
than a factor of ∼ 2. All other input parameters (acceleration of gravity, heat capacity,
mean molecular weight, and radius) have been kept the same as in the nominal model.
It should be emphasized, therefore, that the cold model is not a model of TrES-1 or any
other known EGP in particular. It is simply a parameter variation on the nominal model,
which is intended to elucidate the role of atmospheric temperature in determining the
CO/CH4 chemistry.
For all simulation runs presented here, the horizontal grids contain 72 points in longitude and 45 points in latitude. We have run the models for tsim = 1000 Earth days. This
<
is long enough for the atmosphere model to equilibrate on layers having p ∼
3 bar, since
the radiative time constants are fairly short—less than a month—in this region. We have
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verified that the kinetic energy in these low-pressure layers does not increase with time
after 500–1000 days. We use a fairly small time step for all simulations: 1t = 50 s. The
small time step helps to control grid-scale instabilities. We discuss these issues further in
Section 4.7.
We assume zero initial zonal and meridional winds: (u, v) = (0, 0). We also start the
simulations with the temperature on every layer isothermal and equal to TIro . We have
verified that our solutions for the flow geometry—in the layers of interest here—hold
even in the case of an initially strong retrograde wind (Cooper and Showman, 2005). For
the initial tracer concentration, we assume chemical equilibrium of CO at tsim = 0. We
will discuss the effects of the initial tracer distribution in Section 4.7.2.
4.5.1 Temperature and Winds
We focus here on results from the nominal and cold models in the 10–1000 mbar range.
These are the “visible layers” of EGP atmospheres; i.e., the layers that directly contribute
to the outgoing radiation from the planet to space. The results of our integrations for the
nominal and cold models can be seen in Figures 4.3 and 4.4. The figures span about 5
scale heights in pressure, encompassing the region crucial for observations of close-in
EGPs. Despite adjustments to the cooling scheme (see Section 4.4.4), the temperatures,
wind speeds, and flow geometry of the nominal model are broadly consistent with simulations published by Cooper and Showman (2005).
The nominal and cold simulations show very similar features. Strong temperature
contrasts on isobars are evident for all three layers shown. As seen in panel (a) of Figure
4.3, the atmosphere is nearly in radiative equilibrium at low pressures, where the radiative
time constants are less than a day. At higher pressures, panels (b) and (c), the radiative
heating is weaker and large departures from radiative equilibrium can be seen. A strong
superrotating jet extending from the equator to the mid-latitudes develops in the flow. In
the middle panel, (b), the hottest regions of the atmosphere are blown downstream from
the substellar point (λ = 0◦ , φ = 0◦ ) by about 45◦ . This layer at 106 mbar is near
the planet’s photosphere. Longitudinal temperature contrasts are apparent near 1 bar, as
shown in panel (c), where the hot region of the atmosphere is shifted downwind from the
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Figure 4.3 Temperature (grayscale) and winds (arrows) for our “nominal” model. This is
a snapshot of the simulation at tsim = 1000 days. Maximum wind speeds in each frame are
(a) 6600 m s−1 , (b) 4300 m s−1 , and (c) 3500 m s−1 . This is the HD 209458b nominal
model, which uses parameters appropriate for the atmosphere of that planet.
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Figure 4.4 Same as Figure 4.3 but for the “cold model.” Maximum wind speeds in each
frame are (a) 5900 m s−1 , (b) 4000 m s−1 , and (c) 3300 m s−1 . This model is representative of an atmosphere ∼ 300 K cooler than the nominal case. Lower temperatures result
from relaxing the atmosphere to a radiative-equilibrium temperature profile that is 300 K
cooler than the Iro et al. (2005) T( p) profile, which was used for the nominal simulation.
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substellar point by a full 90◦ .
Many features of the flow in the cold model (Figure 4.4) are quite similar to the nominal model, though the temperatures in this atmosphere are notably cooler in all frames (by
∼ 300 K). From a dynamics standpoint, the models are basically the same, with similar
flow patterns and wind velocities developing in each case. The temperature differences
between the nominal and cold models are important for determining the carbon chemistry,
however, since the reaction kinetics depend sensitively on temperature (see Section 4.3).
4.5.2 CO Distribution
Our result for the distribution of gaseous carbon in HD 209458b’s atmosphere is shown in
Figure 4.6. Contrast this with Figure 4.5, which shows how carbon would be distributed
under (fictitious) chemical equilibrium conditions. Grayscale in these figures represents
the percentage of total atmospheric carbon present as CO.
As shown in panels (a) and (b) of Figure 4.5, the assumption of chemical equilibrium
implies that vast regions of HD 209458b’s atmosphere are devoid of CO. In these cool
regions, CH4 is strongly favored thermodynamically. Steep gradients in the concentration of CO are possible wherever the temperature varies rapidly about the line of equal
CO/CH4 abundance (refer to Figure 2 of Lodders and Fegley (2002)). By contrast, panel
(c) shows that near the 1 bar level in the atmosphere, CO is the more thermodynamically
stable compound. This is because near 1 bar, as shown in Figure 4.3, the temperature is
everywhere higher than 1200 K, which is where the equilibrium abundances of CO and
CH4 are equal (at this pressure).
Our model’s result, which considers the extremely slow rate of CO/CH4 interconversion in this region of the planet’s atmosphere, shows a completely different view of
the carbon chemistry. The simulation predicts a nearly homogeneous distribution of CO
in all three layers shown. CO permeates the atmosphere in this region, being by far the
dominant carbon-bearing species (at the 98-99% level).
We show corresponding pictures for the cold model, which has significantly lower
temperatures on all three layers (compare Figures 4.3 and 4.4). Panels (a) and (b) of
Figure 4.7 show that in radiative equilibrium, CO would be a minor species throughout the
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Figure 4.5 Nominal simulation, with inputs appropriate for HD 209458b. Shows the fraction of gaseous carbon present as CO in the (incorrect) equilibrium picture of carbon
chemistry. The other important carbon-bearing species is CH4 . Together, CO and CH4
comprise the total carbon budget of the atmosphere (Lodders and Fegley, 2002). The top
and middle panes show large gradients in the equilibrium concentration of CO, which correspond to steep horizontal temperature gradients (see Figure 4.3). At 990 mbar, however,
temperatures are everywhere higher than 1200 K. On most of this layer (bottom pane),
CO is therefore thermodynamically favored over CH4 .
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Figure 4.6 The fraction of carbon as CO in the nominal model, in which we have coupled
the chemical kinetics to the dynamics. The simulation results emphasize that chemical
equilibrium does not hold in this region of the atmosphere. The simulation predicts a
homogeneous distribution of CO, with CO concentrations in local cool regions exceeding
chemical equilibrium values by many orders of magnitude.
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Figure 4.7 Same as Figure 4.5 but for the cold model, which is representative of a hypothetical EGP cooler than HD 209458b by ∼ 300 K. This figure assumes chemical
equilibrium conditions, which can never actually be attained in the region of atmosphere
shown. As shown for the nominal model in Figure 4.5, chemical equilibrium predicts vast
regions of CO depletion in the upper atmosphere (upper and middle panes). By contrast,
the 990 mbar layer has sufficiently high temperatures for CO to again be the predominant
form of gaseous carbon on this layer (lower panel).
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Figure 4.8 The percentage of gaseous carbon present as CO in the cold model, allowing
for disequilibrium. Here, as in Figure 4.6, the concentration of CO is homogenized over
this entire region of the atmosphere (10–1000 mbar). We discuss in Section 4.6 that this
is caused by quenching of CO to its chemical equilibrium value deeper in the atmosphere.
Large departures are apparent from the view of CO chemistry shown in Figure 4.7, which
incorrectly assumes reactions are fast enough for chemical equilibrium to be attained.
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coldest regions of the atmosphere. Panel (c) shows that even in the cold model, however,
temperatures are sufficiently high near 1 bar for CO to again be the dominant carbonbearing species.
Our result for the cold model is similar to the nominal case. As shown in Figure 4.8,
the cold atmosphere simulation also predicts that carbon is homogenized in the upper
atmosphere. As in the nominal case, carbon is the major carbon-bearing gas in the 10–
1000 mbar range. Here, though, 20% of the carbon is CH4 (as opposed to 1–2% in the
nominal simulation). The figure reveals that CO is likely to be highly abundant near the
photospheres of EGPs—both on the dayside and nightside—even on planets like TrES-1
that are significantly cooler than HD 209458b.
We have also run a “hot model,” in which 300 K was added to the radiativeequilibrium profile of the nominal model: THot = TIro + 300 K. The circulation pattern
seen for the nominal and cold models (Figures 4.3 and 4.4) develops for the hot model as
well, though the temperatures on each corresponding layer are higher by ∼ 200–300 K.
The temperature is high enough in the hot model for CO to be present in high abundance
everywhere in both the equilibrium and disequilibrium pictures. Therefore, planets significantly warmer than HD 209458b should contain no CH4 at all near their photospheres.
To facilitate the discussion that follows, we also show temperatures and winds for
the nominal model from p = 1–10 bar in Figure 4.9. Steady-state has been reached for
p < 3 bar only (top two panels). The kinetic energy of the deeper layers in the model
still increases with time after 1000 days. Large equator-to-pole temperature variations are
seen in the bottom three panels (spanning the 3–10 bar range). Wind speeds remain high
at these pressures. Although heating has been turned off for pressures exceeding 10 bar,
the atmosphere is not motionless even at 30 bar. We attribute this to vertical transport
processes that transfer kinetic energy and angular momentum to the p > 10 bar region
(Cooper and Showman, 2005).
The vertical wind in the model is quite strong (ω = 0.05–0.1 mb s−1 at 3 bar). The
vertical wind shows evidence of both small-scale (∼ 10◦ ) and large-scale (∼ 45◦ ) structure, with alternating regions of upwelling and downwelling. The small-scale features are
likely the result of atmospheric waves. The large-scale structures correspond to overturn-
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Figure 4.9 Temperature (grayscale) and winds (arrows) on four layers. Maximum velocities on these layers are (a) 3500 m s−1 , (b) 3100 m s−1 , (c) 2300 m s−1 , and (d)
1900 m s−1 .
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ing circulations superimposed on the fast superrotation, although we emphasize the region
is not convective (vertical motion on this planet is physically much more similar to stratospheric overturning in the Earth’s atmosphere). Upwelling occurs primarily within 20◦ of
the equator, whereas prominent downwelling occurs in the mid-latitudes. In the 1–1000
mbar region, there is also a longitudinal dependence of the vertical wind. In these upper
layers of the model, strong upwelling occurs in hot regions (which is downstream of the
substellar point at 1 bar), whereas downwelling occurs in cool regions. This longitudinal
structure is present but much weaker in the 1–10 bar region.
4.6

Analysis / Interpretation

Ultimately, the high CO concentrations we see in these simulations are the result of chemical quenching. In general, the distribution of carbon-bearing species will depend on (1)
where in the atmosphere quenching occurs (the “quench level”), and (2) the chemical
equilibrium abundances of CO and CH4 at the quench level. The strong vertical wind is
capable of transporting parcels through a pressure scale height (∼ 500 km) in ∼ 105 s,
which is comparable to the timescale for horizontal advection of parcels across a hemisphere. This supports the notion that quenching occurs primarily in the vertical, not the
horizontal, due to uniformly long chemical timescales in the region of disequilibrium (see
Section 4.3).
To illustrate how quenching occurs, we compare in Figures 4.10 and 4.11 the chemical
equilibrium model to our result for X CO (expressed as a % of the total carbon budget)
in the 1–10 bar region. In each panel (from top to bottom) the atmosphere becomes
progressively closer to chemical equilibrium with increasing depth. By p = 10 bar,
the equilibrium and disequilibrium models give almost the same answer. Even at p =
6.4 bar, CO is very nearly in chemical equilibrium, whereas departures from chemical
equilibrium are evident in the top two panels. This places the quench level in the p =
3–5 bar range. This is of course not exact because quenching depends on temperature,
and considerable equator-to-pole temperature variations exist in the model (Figure 4.9).
For example, comparison of the bottom panels of Figures 4.5 and 4.6 reveals that at the
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Figure 4.10 Nominal model: chemical equilibrium view of CO/CH4 chemistry near the
quench level. Like Figure 4.5, shows the percentage of total carbon present as CO. All
carbon not in CO is present as CH4 . Panels (a) through (c) bracket the quench level.
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Figure 4.11 Calculated values of CO (as a percentage of total carbon) in the nominal
model. The chemistry is still discernibly not in equilibrium at 1.4 bar (compare with top
panel of Figure 4.10). But deeper than this layer, as shown in panels (c) 6.4 bar and (d)
9.3 bar, the CO concentration is very nearly equilibrated.
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equator, quenching likely occurs closer to p = 2 bar. But at higher latitudes, where the
temperature is lower on these layers, the quench level is deeper ( p = 6 bar).
The cause of such high CO abundances from 10–100 mbar becomes clear. The value
of X CO in equilibrium is quite high in the region of quenching. It is in fact generally
higher near 3 bar than it is in deeper layers (not shown). This is due to the thermodynamic
stability of CH4 at high pressures, as shown in Table 4.1. The results clearly indicate,
though, that the quench level (not deeper layers) determines the photospheric value. This
is due to vertical transport. The strongest vertical wind is near the equator, where the
temperature is also the highest (on a given vertical layer). It is for this reason that the
disequilibrium values of CO in the 1–1000 mbar region are so uniformly high: vertical
mixing is maximum at the equator at the quench level, where temperature and pressure
conditions strongly favor the formation of CO.
We now investigate a simpler view of quenching, which yields very similar results to
the numerical simulations.
4.6.1 Eddy Diffusion
The simplest model of disequilibrium chemistry defines the quench level to be where
the timescale for reactions equals the timescale for dynamical advection in the system:
i.e., quenching occurs at τchem = τdyn . The latter quantity, τdyn , represents the timescale
for dynamical motions to advect material across regions of atmosphere differing appreciably in temperature and pressure. Depending on local gradients in temperature, these
timescales can be either large or small.
These considerations led Smith (1998) to revise the eddy diffusion model of quenching originally proposed by Prinn and Barshay (1977). In Smith (1998)’s model, the dynamical timescale is determined by eddy diffusion:
τdyn =

L
,
w

(4.18)

where L is a length scale and w is the vertical velocity near the quench level.
Previous researchers estimated the quench level on Jupiter assuming L = H , where
H is the pressure scale height of the atmosphere. Smith (1998) demonstrates that the
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assumption of L = H is incorrect for most planetary atmospheres. However, the eddy
diffusion calculation is approximately correct if L is replaced with an effective length
scale L eff , “which depends on the e-folding length scales of τchem and τdyn and the pressure dependence of the equilibrium value of the chemical abundance.” He goes on to
develop a recipe for determining L eff .
We apply the Smith (1998) recipe, which offers excellent insight into the chemistry
governing our simulations, to the nominal atmosphere model. We also assume for the
moment that quenching occurs in the vertical direction, not horizontally. The crucial
quantity needed to estimate eddy diffusion is the vertical velocity (in height coordinates).
Given ω = Dp/Dt, the vertical velocity in height coordinates is approximately given by
w = ω/(−ρg),

(4.19)

where ρ is the density and g is the acceleration of gravity. It should be noted that this
is not exact but is an excellent approximation for shallow atmospheres (Holton, 1992, p.
77–80).
To estimate quenching, it is essential to determine the appropriate length scale L eff
to use in computing τdyn , the timescale for eddy diffusion. Following the Smith (1998)
recipe, L eff ≈ 0.5 H in the first region, and L eff ≈ 0.3 H second region. These are
closer to H than are appropriate for Jupiter because the equilibrium abundance of CO is
uniformly high at the equator for p > 200 mbar. This correction nonetheless causes a
significant shift in the pressure at which quenching occurs in each case.
We show the quench levels (using τdyn = L eff /w, not H/w) for both profiles in the
top panel of Figure 4.12. The quench level near (λ = 120◦ , φ = 0◦ ) is about 3.0 bars;
near (λ = −60◦ , φ = 0◦ ), it is at 2.5 bar. The middle and bottom panels of Figure
4.12 show the vertical velocities and temperatures in these two regions. Here, we have
averaged columns of w over a 45◦ angular radius on the sphere, which removes smallscale variations but preserves the large-scale structure of the vertical wind. For p < 1
bar, downwelling occurs in the first region, whereas the second region, which is centered
on the opposite hemisphere, has upwelling.
The Smith (1998) quenching model also predicts a homogeneous distribution of CO
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Figure 4.12 Demonstrates quenching according to the eddy diffusion model of Smith
(1998) in the nominal simulation for two vertical columns of atmosphere. The top panel
shows τchem and τdyn on two vertical columns: (1) (λ = 120◦ , φ = 0◦ ) (solid lines) and
(2) (λ = −60◦ , φ = 0◦ ) (dashed lines). The quench level for the first column is where
the thick and thin solid lines cross. Likewise, the quench level at (λ = −60◦ , φ = 0◦ )
is where the thick and thin dashed lines cross. The middle and bottom panes show the
temperatures and vertical velocities used to calculate τdyn in each region.
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above the quench level, with the value determined by the equilibrium CO abundance at
the quench level. Since this is high in both cases, the eddy diffusion model also predicts
very little CH4 at the photosphere of HD 209458b. To emphasize the agreement between
the Smith (1998) view of quenching and the actual abundance of CO in our simulations,
we compare the equilibrium view to the CO abundance predicted in our simulation in
Figure 4.13. This has been done on four columns of atmosphere to show the variation
in quenching in different atmospheric regions. The Smith (1998) quench level in each
pane is indicated by a thin dotted line, which agrees well with the convergence of the
equilibrium vs. disequilibrium profiles (thick dashed and solid lines, respectively).
We conclude this discussion by reiterating why horizontal quenching near the daynight terminator is not of great importance in the simulation. Using reasoning analogous
to our discussion above, the horizontal mixing timescale should be τdyn, h = L h /u, where
u is the supersonic zonal wind and L h is a length scale appropriate for horizontal quenching. Lacking better information, L h = 2π Rp (just the circumference of the planet). Note
that the true value of the horizontal mixing time may be smaller than 2π Rp /u in regions
where parcels travel through large temperature gradients. But given the extremely fast
wind speeds (u ∼ 3000 m s−1 ) predicted in the upper layers, τdyn, h can never be larger
than this value. Assuming for the moment that this is correct, we obtain τdyn, h ∼ 2×105 s.
But Figure 4.12 clearly shows that τchem  105 s for p < 3 bar, where vertical quenching is achieved. Hence, the quench level in the vertical has already been reached at levels
where τchem < τdyn, h .
4.7

Model Uncertainties

It is not possible in general to find numerically stable solutions to the primitive equations
without viscosity (Dowling et al., 1998). The standard approach, which we adopt here, is
to add diffusive terms to the momentum, energy conservation, and tracers equations. We
have experimented with the diffusion parameters, espousing the philosophy of Polvani
et al. (2004) to use as weak hyperdiffusion as possible consistent with numerically stable solutions. For the simulations discussed here, we use 4th -order hyperdiffusion, with

113

(a) (0.0, 0.0)

(b) (180.0, 0.0)
10 -2

Pressure [bar]

Pressure [bar]

10 -2
10 -1
10 0
10 1
10 2
50

60

10 1

70

80

90

50

100

60

70

80

90

% Carbon as CO

% Carbon as CO

(c) (0.0, -90.0)

(d) (45.0, -45.0)

100

10 -2

Pressure [bar]

Pressure [bar]

10 0

10 2

10 -2
10 -1
10 0
10 1
10 2
50

10 -1

10 -1
10 0
10 1
10 2

60

70

80

90

% Carbon as CO

100

50

60

70

80

90

100

% Carbon as CO

Figure 4.13 Comparison of actual (solid line) and equilibrium (dashed line) CO abundance in the nominal simulation. Plotted is the % of carbon as CO—as opposed to CH4 .
Titles above the panels give the longitude and latitude for each column. The horizontal
dotted lines show the quench level for each column as predicted with the Smith (1998)
recipe.
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coefficients set to damp grid-scale instabilities over a timescale of ∼ 30 minutes.
4.7.1 Treatment of Radiation
Newtonian heating ignores potentially subtle feedbacks in the radiation physics. It has
been used successfully, however, to model essential features of Earth’s general circulation (Holton, 1992, p. 409–411). We note that the approximation is likely to be less
valid deep in the atmosphere of EGPs than it is for Earth. This is due to long radiative
time constants and huge departures from radiative equilibrium. Hence, the use of Newtonian heating is probably the major source of error in our atmosphere model. We use
it here partly because the approximation is reasonably valid for p < 2 bar, where τrad
is less than several days. The scheme is also relatively easy to implement and performs
well computationally, which is very desirable, as the AGDC2 itself demands considerable
computational resources. We are able, therefore, to test the sensitivity of the results to a
broad set of input parameters.
We note also that the abundances of H2 O, CO, and CH4 —used by Iro et al. (2005)
to derive the contributions of these molecules to the total opacity—are calculated based
on chemical equilibrium models. We demonstrate here, however, that chemical equilibrium does not hold for p  10 bars. This internal inconsistency is inherent in our use
of Newtonian cooling and is unfortunately unavoidable. Radiative-equilibrium models of
HD 209458b’s atmosphere to date have all assumed chemical equilibrium. Even in the
future, this coupling between dynamics and radiation will be difficult to disentangle because, as has been previously discussed, disequilibrium abundances depend on the overall
meteorology.
Iro et al. (2005) also do not consider clouds. Where present, high silicate clouds could
dominate the opacity and greatly perturb the atmospheric profile. Cloud deck optical
thickness in general varies with wavelength, depending on the vertical extent of the cloud
and the condensate particle sizes (Ackerman and Marley, 2001; Cooper et al., 2003). It is
unclear what properties a silicate cloud high in the atmosphere would have. This is a complicated subject involving intricate feedbacks between radiation, cloud microphysics, and
dynamics. We neglect the possibly crucial effects of clouds here. Including condensation
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processes will be a major future advance in the field of EGP atmosphere modeling.
4.7.2 Initial Conditions
Given the large τchem values at low pressures, it is reasonable to wonder whether our solutions for the CO distribution depend on the initial conditions. For the simulations shown,
we have assumed that CO is initially in chemical equilibrium everywhere (equation 4.4).
As discussed in Cooper and Showman (2005), temperatures and winds are not strongly
sensitive to the initial conditions. The primary concern here is whether vertical transport
can mix CO upward rapidly enough to bring the CO mole fraction at the photosphere up
to its value at the quench level.
Clearly, chemical processes occurring on timescales longer than ∼ 1 year cannot have
run to completion by 1000 days of integration time. But we can argue on simple grounds
that 1000 days is still long enough to determine X CO , even where τchem  1 year. Assuming the vertical wind at 1 bar is ∼ 10 m s−1 , as shown by the model, and the vertical
depth from the photosphere (100 mbar) to the quench level (3 bar) is ∼ 2% of the planetary radius (several scale heights), we would expect upward mixing to occur on timescales
of ∼ 1 week. Thus, after ∼ 1000 days of integration time, the CO concentration should
approach the value at the quench level.
We have run two additional simulations with different initial conditions. The first
simulation assumes no initial CO in the atmosphere; i.e., 100% of the carbon is CH4 . The
second simulation assumes no initial CH4 ; i.e., 100% of the carbon is CO. Both use the
input parameters of the nominal model in all other respects. Therefore, temperatures and
winds are the same as in the nominal case. After even several hundred days of simulation
time, the solutions for CO in these two cases are virtually indistinguishable from the
nominal simulation (see Figure 4.6). These tests demonstrate that memory of the initial
condition for X CO has been erased by tsim = 1000 days.
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4.7.3 Metallicity and C/O
From stellar spectroscopy, the endowment of heavy elements in the star HD 209458 is
well-known to be about solar: [Fe/H] = 0.014 ± 0.03 (Fischer and Valenti, 2005). That
says nothing about the metallicity of the planet orbiting it, which has not yet been measured. Jupiter and Saturn boast pronounced enrichments in heavy elements relative to the
Sun, suggesting EGPs may also be metal-rich compared to their host stars. Our nominal simulation assumes solar abundances. We consider here the effects of increasing the
relative proportions of carbon and oxygen in HD 209458b’s atmosphere.
Suppose the constants c1 and c2 in equations (4.1) and (4.2) are both increased by a
factor of 10. This is a much greater metal abundance than is seen on Jupiter, which has enrichment of carbon and nitrogen by a factor of ∼ 3 relative to the Sun (from Galileo probe
measurements; the probe was not successful in measuring the abundance of oxygen—
see Wong et al., 2004). As carbon and oxygen in this case are still minor constituents,
this change will not appreciably affect the mean molecular weight or heat capacity of the
atmosphere. According to our chemical equilibrium solution, equation (4.4), increased
[Fe/H] favors the formation of CO. That is, for a given temperature and pressure, the ratio X CO / X CH4 is higher for [Fe/H] = +1.0 than it is at [Fe/H] = 0.0, in agreement with
Lodders and Fegley (2002). This implies that, relative to the solar metallicity case, the
quench level should have a greater abundance of CO in the [Fe/H] = +1.0 atmosphere by
more than a factor of 10. Hence, we would also expect the photosphere to show highly
abundant CO.
We have run a high-metallicity simulation, in which we set [Fe/H] = 1.0 in the atmosphere. The other parameters of this model are identical to the nominal simulation, so the
dynamics are the same. We indeed see in this simulation that 100% of the carbon atoms
are in CO, with no CH4 at all (as opposed to 1–2% CH4 predicted in the nominal case).
We stress that the above discussion assumes atmospheric temperatures do not change
drastically as a result of increasing the metallicity. This assumption may not be correct for
all EGPs. We note, however, that Fortney et al. (2005) consider metallicity adjustments
to their radiative-equilibrium models of HD 209458b and TrES-1. They find that the
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effective temperature of TrES-1 increases by only ∼ 14 K for a metallicity of 5× solar.
The direction of the effect—warming, not cooling—also favors the appearance of CO.
Similarly, increasing the C/O ratio in the atmosphere will not inhibit CO’s formation at
>
the temperature of HD 209458b’s atmosphere.2 In the Sun, C/O ≈ 0.5. If C/O ∼
1, CO

can potentially take up 100% of the available oxygen, in which case H2 O will be depleted.
Atmospheres showing the spectral signatures of CO without prominent H2 O features very
likely have a high C/O ratio relative to solar. The effects of super-solar abundances and
enhanced C/O are discussed in more detail elsewhere (Fortney et al., 2005; Seager et al.,
2005).
4.8

Conclusions / Implications

We have run 3D numerical simulations of HD 2094548b’s atmosphere to explore the
chemistry of carbon. We advect CO through the atmosphere as a passive tracer, relaxing
its concentration toward the local chemical equilibrium value. The relaxation timescale
depends on the reaction pathways that convert CO to CH4 . We follow recent previous
work on disequilibrium carbon chemistry (Griffith and Yelle, 1999; Bézard et al., 2002)
and assume that the Yung et al. (1988) sequence is the most efficient mechanism for the
chemical reduction of CO.
We calculate the relative abundances of CO, CH4 , and H2 O, which are the main
species of carbon and oxygen in the atmosphere. Our nominal simulation models HD
209458b specifically. For comparison, we have also run simulations of “cold” and “hot”
atmospheres. The cold simulation is representative of a planet that is ∼ 300 K cooler than
HD 209458b; the hot simulation models a planet ∼ 300 K warmer.
The atmospheric dynamics by 1000 Earth days of simulation time has reached the
steady state described in Cooper and Showman (2005). Eastward winds in the nominal
model reach ∼ 4000 m s−1 at the photosphere, with corresponding temperature contrasts of ∼ 500 K. Atmospheric dynamics partially redistribute the thermal energy to
2 More

recent studies of the cosmic distribution indicates C/O for solar metallicity is in fact slightly

lower than the value of C/O = 0.57 we have used here. This issue, with associated references, is discussed
briefly at the end of Chapter 1.
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the planet’s nightside, but longitudinal contrasts in temperature are apparent down to ∼ 2
bars.
Chemical equilibrium has been the basis of all prior discussions about CO and CH4 on
HD 209458b. We show here, though, that the equilibrium picture of CO/CH4 chemistry
is a vast misconception. In regions where chemical equilibrium does not hold, the true
CO abundance depends not only on local quantities but also on the overall meteorology.
We show that the timescale for CO/CH4 interconversion depends sensitively on both
temperature and pressure (Table 4.2). At low temperatures and pressures, reactions are
slow; at high temperatures and pressures, reactions are fast. As a result of long reaction
times, CO is not expected to be in chemical equilibrium in the 1–1000 mbar region (the
“visible” layers). Chemical equilibrium in the model atmosphere is attained deeper in
>
the atmosphere ( p ∼
5 bars), where the interconversion timescale is short relative to
dynamical mixing times.

The atmosphere is well-mixed by vertical motions, which leads to vertical (as opposed
to horizontal) quenching. Vertical quenching results in photospheric CO concentrations
exceeding chemical equilibrium values by many orders of magnitude. The simulations
show that CO, CH4 , and H2 O will be homogeneously distributed throughout the photo<
sphere of HD 209458b and similar planets. At p ∼
2 bars, almost all of the carbon is
in the form of CO, even in cold regions such as the nightside. Consequently, we expect

water vapor to be less plentiful than previously thought. These conclusions are consistent
with the simpler view of quenching presented by Smith (1998).
The metallicity of HD 209458b is not known. Our nominal simulation assumes solar
abundances. We have also run a variation on the nominal model that assumes ten times
enhancement of the heavy elements: [Fe/H] = +1.0. Disequilibrium effects operate similarly in this model, and the ratio of CO to total carbon in the atmosphere remains close
to 100%. Indeed, higher metallicity favors the formation of CO over CH4 . Hence, if
close-in EGPs have characteristically super-solar abundances, CO could be prominent at
the photospheres of planets even cooler than Teff = 1000 K.
Likewise, increasing the C/O ratio would not significantly inhibit CO’s formation at
depth (and subsequent transport up to the photosphere). If C/O exceeds the solar value of
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0.5 in the Sun, CO on HD 209458b should be highly abundant. The tell-tale sign of this
scenario at HD 209458b’s effective temperature is H2 O depletion.
Our results have several interesting consequences for near-future observations of
close-in EGPs, although a thorough analysis of close-in EGP spectra is beyond the scope
of this work. We conclude simply with a brief description of the implications of these
findings.
The hot model shows that planets significantly warmer than HD 209458b should have
no CH4 in their photospheres, unless C/O > 1. But in planets significantly cooler than
HD 209458b, disequilibrium effects should raise the concentration of CO to detectable
levels. The specific value of X CO cannot be predicted with definite precision based on
these simulations; there are too many uncertainties in the model’s inputs. However, examination of the values of τchem (Table 4.2) suggests that 1–10 bar may be the approximate
quench level for all close-in EGPs within 750 K of HD 209458b’s effective temperature (Teff ∼ 1350 K for this planet). The relative concentrations of CO and CH4 at the
photosphere are therefore diagnostic of local conditions in the 1–10 bar region of the
atmosphere, which is deeper than observations can directly probe.
Measurements of carbon-bearing species can thus serve as a useful calibration tool of
radiation and dynamics models of these planets. It should be noted that metallicity also
plays a role in determining the abundance of CO at the quench level. This may be a difficult effect to deconvolve from temperature and pressure, unless absolute concentrations
can be measured. For near-future explorations, what is crucial here is that planets with
little or no CH4 must be very much warmer than TrES-1 or else cooler, but very metal-rich
(as high metallicity favors the formation of CO over CH4 ).
It is known that HD 209458b does contain carbon and oxygen (Vidal-Madjar et al.,
2004). As Deming et al. (2005a) discuss, the null detection of CO using NIRSPEC on
Keck II cannot be easily attributed to CO depletion in HD 209458b’s atmosphere. This
lends credence to the hypothesis of a high cloud or haze obscuring the spectral features
of CO near 2 µm. As discussed by Fortney (2005), however, the slant geometry implies
that even a layer of modest optical thickness could hide the signature of CO. It may be
possible to distinguish between these and other scenarios.
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Our results suggest that TrES-1, which orbits a K-type star, should also show strong
CO absorption features in its spectrum. A high silicate condensation cloud obscuring the
photosphere is not expected on TrES-1 due to lower temperatures overall. The condensation of silicates should occur at much greater depth in TrES-1’s atmosphere. It would
be very illuminating to perform a transmission spectroscopy search for CO on TrES-1.
Discovery of CO on TrES-1 would make a strong case for high silicate clouds in the
atmosphere of HD 209458b. If CO is also not detectable on TrES-1 by transmission spectroscopy, on the other hand, the hypothesis of stratospheric haze (that hides CO on both
planets) becomes more appealing.
The ubiquitousness of CO throughout the photospheres of close-in EGPs should also
have profound implications for the spectra of these objects. Our results for the cold model
suggest that CO may even be abundant on cooler EGPs than TrES-1. If so, CO’s spectral
signature should be detectable. The absorption features of H2 O may also be less pronounced, especially on hot planets, in which over half of the available oxygen atoms are
bound up in CO.
It is noteworthy also that these simulations predict a homogeneous distribution of CO,
CH4 , and H2 O in HD 209458b’s atmosphere, although the temperature is almost certainly
not isothermal at the photosphere. Cooper and Showman (2005) show that temperature
variations over the photosphere can lead to brightness variations in the planet with orbital phase. It must be emphasized that the synthetic light curve of Cooper and Showman
(2005) pertained to the bolometric luminosity of the planet (i.e., the emission integrated
over all wavelengths); nothing is directly implied about the planet’s brightness at a particular wavelength. Wavelength-dependent light curves will require generating synthetic
spectra using a radiative transfer model, a task we leave for future work. But we hope
this discussion will inspire near-future searches for CO and CH4 on these planets, some
of which should be possible even with ground-based telescopes.
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CHAPTER 5
Conclusions and Future Work

The discovery of hundreds of SMOs during the past decade has opened up an entirely new
subfield of research requiring participation of both astronomers and planetary scientists,
as researchers attempt to relate what we have just begun to learn about these objects to the
formation of our own solar system. In addition to EGPs, we have begun to detect protoplanetary disks around newly forming star systems (e.g., Stauffer et al., 2005). We are
just beginning to learn about the properties of these disks and their implications for planet
formation. Planet formation theories now have the formidable challenge of explaining
not only the structure of our own solar system, but systems with very different properties,
such as close-in EGPs, planets with highly eccentric orbits, etc. (Boss, 2006).
The study of SMOs also has consequences for the young field astrobiology, which is
an interdisciplinary effort to understand the development and evolution of life in the universe. It touches on more philosophical issues as well, such as why we (humans) are here
on this planet, and where we are going in the future (Des Marais et al., 2003). Life as we
know it requires liquid water to flourish, which does not exist on the gas giants discussed
in this dissertation. But the very existence of EGPs removes all doubt that other stars
in the Galaxy harbor planets. In fact, detections of EGPs have now yielded convincing
statistics demonstrating that planet formation is not even that uncommon (Marcy et al.,
2005). Although Earth-size planets orbiting other stars have not yet been discovered, the
next decade promises exciting advances in this area (Seager, 2003).
5.1

Dissertation Findings

The main goal of these projects has been to further characterize the atmospheres of brown
dwarfs and extrasolar giant planets (EGPs), collectively known as substellar mass objects
(SMOs). These calculations elucidate the properties of SMOs in terms of quantifiable
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astrophysical processes. The second (but equally important) goal of these models is to
help guide the next generation of observing programs by highlighting key effects to look
for in observing SMOs.
In this work, we have addressed several topics of importance in the theory of SMO
atmospheres. We first discuss in Chapter 2 the formation of clouds on brown dwarfs.
Clouds are already known to play a significant role in the L/T spectral type transition
(Burrows et al., 2001). Our approach allows simple characterization of condensation
processes for use with radiative transfer models. We have explored in Chapter 3 the
heat transfer problem on the EGP roaster HD 209458b. Our model of the atmospheric
dynamics on this planet improves on previous efforts by including a more realistic model
of the day-night heating and treatment of the problem in three dimensions using the welltested ARIES/GEOS dynamical core. We have extended this primitive equation model
in Chapter 4 to explore the effects of atmospheric dynamics on carbon chemistry in the
atmosphere. Several interesting conclusions follow from these studies, which will help
guide near-future observations.
Our models of clouds on brown dwarfs (Chapter 4) elucidate the importance of gravity and effective temperature in determining the particle sizes of clouds on these objects.
The composition and size distribution of cloud particles depends on effective temperature (which describes the heat flux), metallicity, and surface gravity. We show that the
dependence on surface gravity, which governs particle sedimentation rates, is particularly
strong. These calculations emphasize that realistic models of brown dwarf atmospheres
must include condensation processes self-consistently with the radiative transfer. The
development of brown dwarf structure and evolution models remains a major area of theoretical exploration.
In Chapter 3, we discuss how dynamics on HD 209458b differs greatly from our
experience with planets in the solar system. Rather than latitudinal banding, as on Jupiter,
we predict the flow on HD 209458b to consist of a single broad jet centered at the equator
and extending to the mid-latitudes, which is supersonic at high altitudes due to the intense
stellar irradiation. We derive temperature differences of ∼ 500 K at the photosphere,
with wind speeds up to 4 km s−1 . Winds blow the hottest regions of the atmosphere
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downstream from the substellar point. The magnitude of this effect varies from 20–60◦ ,
depending on the exact photospheric pressure. We therefore predict a phase shift (or time
difference) in the infrared light curve between the time of strongest heating and the time
of maximum infrared flux. We encourage observers to measure the infrared light curve of
HD 209458b, which is a strong indicator of heat transfer processes.
In Chapter 4, we expand our simulations of HD 209458b’s meteorology by coupling
the CO/CH4 reaction kinetics to the dynamics. We find that the timescale for CO/CH4
interconversion at the photosphere exceeds dynamical mixing times in the 1–1000 mbar
region. Therefore, CO(g), CH4 (g), and H2 O(g) are not in equilibrium in the observable
layers of the atmosphere. We find the vertical quench level to be near ∼ 3 bar, which leads
to a highly abundant, homogeneous CO distribution at the photosphere. Our calculations
suggest that nearly the entire budget of carbon at the photosphere is in CO, as opposed
to CH4 , which in cold regions is depleted relative to chemical equilibrium values by
many orders of magnitude. Depending on the metallicity and the C/O ratio on this planet,
which may deviate significantly from solar, our results show that this planet may also have
significantly less water vapor than previously thought. Under all plausible conditions,
our results confirm that CO should be highly abundant at the photosphere of this object.
This result strengthens the hypothesis that a high silicate cloud hides the CO signature
at 2.3µm, as recent efforts by Deming et al. (2005a) to detect CO in HD 209458b’s
atmosphere were not successful. To clarify these issues, we suggest further searches for
CO (and CH4 ) on HD 209458b and similar objects.
5.2

Future Work in Characterizing SMO Atmospheres

Improvements in our understanding of SMOs will require continued theoretical and observational efforts. These approaches are not as disparate as it might at first appear. The
primary goal of modeling is to explain observations. But models also help to guide observing strategies, which typically require strong theoretical underpinnings. We highlight
here the major near-future avenues for advancement in this field in both arenas.
Our approach in dealing with clouds in Chapter 2 uses microphysical timescale ar-
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guments in which the competing growth and destruction processes are balanced. The
advantage of the one-dimensional approach taken in Chapter 2 is that the cloud model
itself provides guidance on particle sizes for radiative transfer calculations without being
prohibitively complex. However, the model as described has several conceptual problems. For example, a level of supersaturation is assumed without specifying where the
condensable vapor originated. A more direct approach may be feasible: instead, balance
the upward flux of condensable vapor against the downward flux of material in falling
particles. Such a model would not be significantly more complex than the scheme we
have described. The results would provide first-order estimates only to use with radiativeequilibrium models.
The exact conditions at a given position in the atmosphere of a SMO depend on many
factors: composition, structure, radiation, chemistry, photochemistry, condensation, and
dynamics. A physically consistent model that includes all of these effects does not yet
exist. Coupled radiative-equilibrium and dynamics models, which will be the next major
step in the characterization of close-in EGP atmospheres, will be required to capture the
complex interactions between radiation and dynamics (Seager et al., 2005).
Such “general circulation models” (GCMs) are an ideal framework for the study of
cloud formation because microphysical processes can be coupled directly to the dynamics. These models have the potential to address cloud morphology and patchiness. For
example, on Jupiter, clouds appear in banded structures that vary latitudinally, while Neptune and Uranus show less latitudinal banding in their visible cloud patterns. The structure
and patchiness of clouds on brown dwarfs is not known, though the putative variability reported by Bailer-Jones and Mundt (2001) suggests that cloud patches are not necessarily
static.
Nevertheless, GCMs have many input parameters, some of which will require further
observations to constrain. Data from the extensive global network of weather stations has
played a major role in the development of GCMs for Earth’s atmosphere (Kalnay, 2003).
Such information is not yet available for planets outside of our own solar system. For
example, EGP metallicities have not yet been measured. The distribution of elements
is a crucial input for improved modeling efforts; and although solar abundances may be
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correct to within a factor of ∼ 3, we would eventually like to do better.
The Spitzer Space Telescope Infrared Array Camera (IRAC), with four band passes
from 3–30 µm, is well-suited for measuring the light curves of hot Jupiters. Such observations will provide stronger constraints on the processes governing heat transfer, as
discussed in Chapter 3. Even if radiative equilibrium conditions prevail, the lightcurve
is expected to show significant variations over a full orbital phase, simply as a result of
uneven heating.
Now that a handful of such objects are known to exist, valuable comparisons between
these objects can be made via transmission spectroscopy. For example, it will be interesting to search for Na—whose abundance on HD 209458b was found to be lower than
expected from atmosphere models (Fortney et al., 2003)—in planets such as HD 189733.
These types of observations will help discern whether HD 209458b, which is already
known to have a larger radius than the other transiting planets, is an anomalous case.
Another interesting application of Spitzer is to redo the search for CO in HD
209458b’s atmosphere, which was done by Deming et al. (2005a) from the ground. They
searched in the 2.3 µm spectral window, but CO spectral features are actually most prominent in the fundamental at 4.5 µm. As a spectral window exists here as well, it may
alternatively be possible to perform a search for the CO fundamental from the ground.
Searches for CO on several planets other than HD 209458b will provide valuable confirmation of the Deming et al. (2005a) null detection and may also elucidate whether HD
209458b is a special case.
We note that methane (CH4 ) also was not found in this planet’s atmosphere (Richardson et al., 2003). A search for methane in hot Jupiters would also be an interesting
exploration, depending on the object’s effective temperature. From Chapter 4, we emphasize there are strong theoretical reasons to expect little or no methane in objects with
Teff > 1200 K. But for “roasters” at further distance or orbiting cooler stars, for which
Teff < 1000 K, methane should be detectable (though disequilibrium effects may still
elevate the proportion of carbon in CO).
Spitzer also has the potential to vastly extend our knowledge of brown dwarf spectra
in the infrared. Depending on particle size, shape, and abundance, clouds may create
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detectable spectral features. For example, our assumption that particles are spherical in
Chapter 2, for which the opacities are computed using Mie scattering theory (with optical
constants), may not be correct for all silicate clouds. If crystals form instead, the resulting
opacities will be non-gray (they are to a large extent Gray with spherical particles). These
can absorb at specific wavelengths, which can conceivably be detected in IR spectra of
brown dwarfs.
The Kepler Mission (Basri et al., 2005), to be launched by NASA within the next
5 years, will allow continuous photometric monitoring of 100,000 nearby stars to detect
transits. Infrared light curves can be obtained from these objects by follow-up with ground
or space-based platforms. Furthermore, Kepler itself will allow improved measurements
of EGP radii, as well as better statistics on the distribution of these objects in the Galaxy.
Simultaneously, improvements in light-gathering power, adaptive optics, and CCD
technology will allow more ambitious ground-based observing programs. Detections of
new brown dwarfs of various masses and luminosities are frequently reported, but our
understanding of many processes remains sparse. Newer techniques, such as differential
imaging, hold great promise for further characterization of SMOs. Also, constraining the
optical albedo of close-in EGPs should be possible from the ground, though the signal-tonoise ratio required is higher than has yet been achieved. Such observations will provide
better constraints on the unknown meteorologies of these objects.
My general feeling from working in this field for the past five years is that substantial
progress in understanding SMOs will be made in this field during the next decade. But
many aspects of the physics of SMOs will remain a mystery. In particular, the exact role
of clouds will be especially challenging to quantify. Also, broadband spectra of EGPs,
which are very faint compared to their host stars, may yet be decades away.
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