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ABSTRACT 

Detection of earth-size exoplanets using the astrometric signal of the host star 

requires sub-microarcsecond measurement precision. One major challenge in achieving 

this precision using a medium-size (<2-m) space telescope is the calibration of dynamic 

distortions. A diffractive pupil can be used to generate polychromatic diffraction spikes 

in the focal plane, which encode the distortions in the optical system and may be used to 

calibrate astrometric measurements. The first half of this dissertation discusses the design 

and construction of a laboratory to test this concept. The main components of the system 

are a high stability star simulator, a diffraction limited off-axis optical system, and the 

data reduction algorithms to obtain the distortion map calibration. Currently, the 

laboratory is operational and first tests of distortion measurements have been done 

validating this concept to improve the astrometric accuracy of a telescope.  

The second part of this dissertation describes the use of the multi-laser guide star 

(LGS) system available at the 6.5m MMT telescope to characterize GLAO performance 

and advance Laser Tomography Adaptive Optics (LTAO) technology. The system uses 

five range-gated and dynamically refocused Rayleigh laser beacons to sense the 

atmospheric wavefront aberration. Corrections are then applied to the wavefront using the 

336-actuator adaptive secondary mirror of the telescope. So far, the system has 

demonstrated successful control of ground-layer aberration over a field of view (FoV) 

substantially wider than is delivered by conventional adaptive optics, yielding reduction 

in the width of the on-axis point-spread function from 1.07" to <0.2" in H band. 
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Both techniques can be combined to improve the astrometric accuracy of ground based 

telescopes, especially when using Multi-Conjugated Adaptive Optics (MCAO), where 

this technique can be used to calibrate the distortions induced by multiple Deformable 

Mirrors (DM), which is the main limitation to use this kind of AO system for high 

precision astrometric measurements. 
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CHAPTER 1. EXOPLANET DETECTION TECHNIQUES AND THE DIFFRACTIVE 

PUPIL CONCEPT 

1.1. Introduction 

Philosophers and scientists have discussed the possibility of life beyond the earth 

for many years. However, it was not until 1988, when the first exoplanet was detected, 

that the possibility of other habitable planets around the universe became real (Holtz, 

1994). The second exoplanet was discovered in 1992, and, since then, the detection of 

exoplanets has become a major research subject in astronomy, especially in the last ten 

years thanks to more advanced and sensitive instrumentation that has been made 

operational for ground and space telescopes. Currently, technologies are being actively 

developed to allow detection and characterization of earth-like planets with the longer-

term goal of assessing the habitability and finding life outside the solar system.  

Exoplanet characterization will inevitably rely on high quality spectroscopy, 

which fundamentally requires direct imaging in order to separate a planet's light from 

bright starlight. Direct imaging and spectroscopy can provide information on the 

atmosphere composition and dynamics, such as weather, as well as planet rotation period 

and an estimate of its diameter. Mass determination is also critical, as it defines a planet's 

ability to retain an atmosphere, its surface gravity, and the planet internal composition, 

allowing the identification of categories such as water-world, rocky, Neptune-like or 

mostly gaseous.   

More recently, the direct detection of planetary systems, such as Beta Pictoris and 

HR8799, and the (indirect) detection of a large number of new exoplanet candidates by 
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the Kepler mission have motivated not only scientists but also the general public to 

wonder about other habitable worlds and now consider them as a real possibility. 

Technology plays an essential role in increasing the discovery envelope of this 

demanding field of astronomy. Figure 1–1 shows the distance to the host star or planetary 

system (left) and the mass of the planet (right) versus the year of discovery. Since 1994, 

the distance of the furthest planetary system has increased systematically every year and 

the mass size of discovered planets has also been systematically decreasing overtime as 

well and recently has been approaching the mass of an earth-like planet. Additionally, 

during this period new state of the art ground and space instrumentation devoted to 

exoplanet detection, such as HARPS and the Kepler mission, has come online allowing 

these trends. The discovery envelope is also limited at smaller distances because the 

number of candidates is small and at masses larger than 15 Jupiter masses the objects are 

technically not defined as planets. In the following section, I describe the main exoplanet 

detection techniques. 

 
Figure 1–1. Distance to the planetary system (left) and planet mass (right) versus 

year of discovery.  
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1.2. Exoplanet Detection Techniques Overview 

Detection of exoplanets is a field that requires the ability to measure different 

observational variables with extreme precision. Direct detection pushes the optical 

instrumentation and telescopes to handle contrast ratios in the order of 1010 at angular 

distances that are a small fraction of an arcsecond, preventing greater development of this 

field so far. However, indirect detection techniques have been delivering a large number 

of newly discovered planets. 

Five main exoplanet detection techniques exist, considering direct and indirect 

observing approaches. A summary of them is presented below: 

1) Radial Velocity (RV). Any system with a star and orbiting planet has a center 

of mass for the system around both bodies, creating an orbit for the star as well. When 

this orbit is projected along the line of sight of the observer, a radial motion component 

of the star is obtained and can be measured through the Doppler shift of the light coming 

from the star. This technique was utilized to make the first exoplanet discoveries and has 

been the workhorse for this field for several years accounting for more than 250 

detections. However, this technique has several limitations to characterize the systems, 

especially the ability to resolve the sin i system inclination ambiguity and insensitivity to 

face-on systems. 

2) Astrometry. This technique is based in the star orbit measurement principle 

used by RV. It is a branch of astronomy devoted to accurately measuring the distance of 

objects in the sky to allow the detection of exoplanets by measuring the position 

modulation of the central star due to the gravitational influence of the planet. Thus all the 
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parameters of the orbit can be determined. This dissertation work is concerned with 

astrometry in particular and I will discuss this technique in detail in the next section. In 

the next chapter, I also discuss the advantages and technological limitations that have 

prevented more discoveries using this technique. 

3) Exoplanet Transits and Occultations. If the planetary system is oriented in 

such way that it is possible to observe it nearly edge-on, then it is possible to observe the 

transits and occultations of the planets around the star. The evolution of the observed 

light curve during those periods allows the determination of the relative dimensions of 

the planet and its host star, as well as the orientation of the planet’s orbit. Despite the fact 

that this technique can detect less that 1% of the total exoplanetary systems, it has proven 

very successful. Using this technique the Kepler mission, as of December 2011, detected 

1,235 planetary candidates (Borucki et al., 2011b). At the time of writing this dissertation 

the number of candidates has increased to 2,321, including super-earths, such as Kepler-

22b, found in the habitable zone (Borucki et al., 2011a).  

4) Microlensing. This effect occurs when a foreground star crosses the line of 

sight between the observer and another background star, creating a gravitational lens that 

magnifies the background star and splits the image in two. If the foreground star has a 

planet it will also act as a lens further perturbing the magnified image of the background 

star for a short period of time. 

5) Direct Imaging. Traditional detection techniques such as RV and transits have 

allowed us to detect exoplanets with a wide range of distances and sizes from the parent 

star. However, detection and characterization of planets that may resemble earth and can 
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host life will require spectroscopy to determine their atmospheric composition, and 

spectroscopy requires direct imaging (at least for non-transiting or small planets) (Levine 

et al., 2009). High-precision astrometry is also necessary to determine the mass and orbit 

of the planet much more precisely than direct imaging can by itself. Direct imaging 

requires large contrast ratios of 1010 with respect to the host star, and very small angular 

separation on the order of 100 miliarcseconds and smaller, a challenging requirement that 

necessitates a very aggressive coronagraph. 

Researchers have proposed a large number of coronagraph variations to achieve 

high-contrast imaging; however, only a few are able to maximize contrast at 2 λ/D. In 

particular, the Phase-Induced Amplitude Apodization Coronograph (PIAA) (Guyon, 2003) 

offers very high contrast using lossless apodization achieved by highly aspheric optics. 

Given the importance of direct imaging for determination of exoplanet habitability and 

the aggressive performance of PIAA (Belikov et al., 2010), it has been proposed for 

several space missions such as PECO (Guyon et al., 2010b) and EXCEDE (Greene & 

Schneider, 2007), and in general scales to many different telescope sizes. Furthermore, 

direct imaging has been demonstrated with an extreme AO system on the Subaru 

telescope (Guyon et al., 2010a). Figure 1–2 shows a conceptual drawing of how a set of 

PIAA mirrors can relocate rays to minimize the diffractive effects, basically eliminating 

the diffraction rings from the Point Spread Function (PSF) of the optical system caused 

by stop and maximizing the throughput and contrast ratio of the imaging system. 
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Figure 1–2. PIAA Concept on top. On the bottom images a set of PIAA mirror that 

belong to NASA ACE are shown. 
 

Despite the potential of direct imaging in spectroscopic characterization, the 

precise mass and orbit properties of the planet enabled by high precision astrometry are 

necessary to properly evaluate the habitability of a planet (Shao, Catanzarite, & Pan, 

2010). High precision astrometry is one of the most promising techniques to determine 

the mass and orbit of exoplanets because it solves the inclination ambiguity present in 

planets detected with the RV method, it is more sensitive to outer planets where the 

habitable zone is expected than RV, and it is about 10-times less sensitive to the effects 

of sun spots than RV approaches (Seager, 2010). Star spots and stellar variability in 

general set the ultimate limit for indirect planet detection. 
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When astrometric measurements of a star are obtained, differences in field 

distortion of the imaging system between different epochs set the largest term of the 

astrometry error budget. To solve this problem, a diffractive distortion mapping system 

has been proposed (Guyon et al., 2012), which allows calibrating field distortions using 

diffractive spikes. A laboratory to demonstrate this novel technique has been developed 

at The University of Arizona (Bendek, Ammons, Shankar, & Guyon, 2011).  

The combination of direct imaging and high precision astrometry is essential to 

completely characterize earth-like planets and determine if they are located in the 

habitable-zone. It is therefore essential to advance both techniques. Furthermore, this 

dissertation work demonstrates that both measurements can be performed in a single 

mission using a monolithic mirror telescope in space, instead of two separate missions as 

was originally thought necessary.  

1.3. Principles of Astrometric Planet Detection 

Astrometry is a discipline devoted to precisely measuring the position and motion 

of stars and other bodies in the sky. It has several applications in engineering and 

astronomy, ranging from navigation and precise satellite pointing to star clusters 

membership determination, dark matter distribution studies, and exoplanet detection, 

among several others.  

As discussed above, exoplanets can be indirectly detected by observing the orbit 

of the host star around the system’s common center of mass. Astrometry and RV 

techniques are based on this effect to detect exoplanets; however, since the RV approach 

measures the Doppler shift of the light coming from the star, only the radial component 



 30 
 

of the star orbit can be observed. In contrast, astrometry directly measures the position of 

the star allowing, a complete description of its orbit, from which the mass and orbit of the 

planet can be obtained. 

A practical example that illustrates the evolution of the solar system barycenter 

since 1945 is shown in Figure 1–3. Note that the change of the position of the barycenter 

of the solar system has oscillated almost twice the diameter of the sun. If we consider a 

system that only has one planet like Jupiter in terms of mass and distance to a star like 

our sun, the displacement of system center of mass would create an oscillation of the star 

of 0.54 times its diameter.  

 
Figure 1–3. The black line shows the trajectory of the solar system barycenter since 

1945. 
 

The motion of the host star can be observed as angular change in position on the 

sky of the host star centroid. This angular measurement is called the angular astrometric 

signal !. For a planetary system located at a distance d from the earth with a planet with 

Image by Carl Smith 
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mass mp describing a circular orbit of radius r around a host star with mass ms, the 

analytic expression of the astrometric signal can be derived from geometry and Kepler’s 

laws as: 

! = !!

!!

!
!
     (1.1) 

This equation also can be expressed as a function of the period P of the planet, so 

the orbit radius r, which is not needed to obtain the orbital parameters of the system.  

! = !
!!!

!
! !!

!!
!
!

!
! !

!
     (1.2) 

The angular astrometric signal is a function of the observation distance. For a 

system with a Jupiter-like exoplanet and a host star similar to the Sun at 10 Parsec (PC), 

an astrometric signal of 496µas is induced, which is an extremely small angle. For the 

case of observing an earth-like exoplanet, the motion of the host star would be only 

3.23x10-4 Sun diameters, which is equivalent to only 449Km. This motion observed from 

10 Parsec is equivalent to an astrometric signal of only 0.3µas. To give a sense of scale, 

the astrometric signal as a function of distance is computed for an earth-like exoplanet, a 

planet 3 times the mass of the earth, and a Jupiter and Saturn-like planet orbiting a star 

similar to sun. I present the result in Figure 1–4. Also, I show the detection limits for 

PRIMA, which is a high precision dual channel interferometer at the VLTI, the GAIA 

high-precision astrometry space mission, and the Space Interferometry Mission (SIM) lite 

detection limit for an SNR of 5 with 100 visits (Traub et al., 2009) for reference. 
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Figure 1–4. Log-Log plot of astrometric signal versus distance for a 1 solar mass 

system.  
 

Astrometric planet detection has several scientific advantages over other 

exoplanet detection techniques, making this technique particularly interesting. The main 

advantages are the following. 

1) Unambiguous mass determination of planets. Astrometry allows obtaining the 

mass of the planet without the system inclination ambiguity, usually referred as sin i 

factor, because both coordinates of the orbit can be measured in contrast with the RV 

technique that only can observe the radial component. 

2) Planet search around stars of any spectral type and rotation velocity. RV 

technique precision is affected by the spectral type changes and rotation speed of the star. 

Astrometric measurements are not affected by these variables, enabling the study of a 

large number of long-period planets around nearby stars. 
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3) Study of systems with planet mass decreasing from the inside out. Since the 

resulting orbit of a star hosting one or more planets is around the common center of mass 

of the system, the astrometric signal increases linearly with the semi-major axis a of the 

planet’s orbit. In contrast, the RV technique has an opposite detection bias given by 1/ !. 

As a result, systems with decreasing masses as a increases are easier to detect using 

astrometry. If the masses increase with a, the RV technique is more sensitive (Butler, 

1999).  

4) Resolve coplanarity ambiguity in multiple systems. Astrometry allows 

determining if a system is coplanar, and, therefore, allows a full characterization of a 

planet’s orbits. 

5) Search for earth-like exoplanets in the solar neighborhood. Planets with a 

mass similar to the earth can be detected with sub-microarcsecond astrometric precision 

measurements.  

Despite the fact that astrometry, among all the exoplanet detection techniques, 

offers the best capabilities to determine orbits and masses of exoplanet systems, the 

technology has to enable microarcsecond precision in order to use the potential of this 

technique.  

1.4. High Precision Astrometry for Exoplanet Detection Projects 

Detection of earth-like planets using the astrometric signal of a host star caused 

by the orbiting planets requires sub-µas accuracy, which is possible in the photon-noise 

limit (Guyon et al., 2012). However, there are other terms in the error budget that are 

dominant and prevent this astrometric accuracy either from space or from the ground. In 
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particular, the dynamic distortions of the optical system cause non-systematic changes 

across the FoV that limit the astrometry measurements to 100µas (Cameron, Britton, & 

Kulkarni, 2009). PRIMA, using the VLTI plan to achieve accuracy levels of 10µas when 

the internal metrology is completed (Launhardt et al., 2008), and the Keck telescope 

currently have demonstrated levels of 100µas for crowded fields using NIRC2 and 

adaptive optics. Future instrumentation at the ELTs, such as MICADO (Trippe et al., 

2010), plans to achieve up to 40µas. On the other hand, space telescopes, like the Hubble 

Space Telescope (HST), are able to deliver 1000µas, and the space mission GAIA will be 

in the range of 20 to 30µas at 15 magnitude stars.  

 
Figure 1–5. Coordinate reference system for aberration wavefront expansion. 

 
In general, projects involving astrometric measurements using direct imaging of 

the field and not interferometry are limited by the non-systematic dynamic distortion 

terms on the error budget (Trippe et al., 2010). Distortion is the only aberration that does 
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not degrade the image quality of the system; it just changes the magnification as a 

function of the field.  

A wavefront expansion can be use to represent aberrations using the coordinate 

system shown in Figure 1.5. In this system, there is a field coordinate H at the object 

plane and there are !! and !! to represent a location on the pupil plane, which can also be 

expressed as radial component !! = !! + !! and an Azimuthal angle !. Using this 

coordinate system, a wavefront can be described using the following expression: 

!!!" = !!!!!"#!!.      (1.3) 

 First order distortion can be described as ! =   !!""!!!"#$%. Positive distortion 

is known as Barrel distortion and negative is called Pincushion. Those distortions are 

quadratic as a function of field H. Figure 1–6 shows a simulation of how these two 

distortions would affect a field with straight vertical and horizontal lines. 

 
Figure 1–6. Simulation of Barrel (left) and Pincushion (right) distortion. 

 
Higher order distortion can have changes in magnification as a function of the 

field and pupil angle. These are caused by any mirror of the optical system that is not 

located in a pupil plane and suffers a change of its surface shape. If the mirror is not 

located on a pupil plane, the beam footprint does not overlap completely for each object 
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of the FoV, and therefore any bended surface will create a high order distortion and 

astrometric error as well. This effect is shown in Figure 1–7. In this case the secondary 

mirror of the system is bended on the edge, thus it creates a change in the relative 

position of the stars.  

 
Figure 1–7. Schematic showing how any deformation on a mirror that is not located 

on the image plane will create distortion.  
  

This kind of effect has been identified as an important contributor to the 

astrometry error budget, even for space system like the Fine Guidance Sensor (FGS) of 

the HST. Studies show that after correcting systematic errors, the astrometric precision of 

the HST using the FGS is limited to 2mas per single observation and 1mas precision for 

40 observations over 387 days (Benedict et al., 1994). The error budget shows that there 

are long-term contributors, such as the plate scale changes that are caused by desorption 

of the graphite-epoxy metering truss (Benedict et al., 1992). This shows that even on 



 37 
 

space based optical systems, the effect of non-systematic dynamic distortions limits the 

astrometric accuracy to about 1mas, which is about three orders of magnitude higher than 

the precision needed to detect earth-like exoplanets. 

1.5. The Diffractive Pupil Concept 

To achieve the sub-µas accuracy, a high precision astrometry concept using a 

diffractive pupil to map dynamic distortion has been proposed (Guyon et al., 2012). In 

this concept, a periodic array of small dots is imprinted in the primary mirror, which is 

also the pupil, of the telescope. These dots will create diffraction and generate a new 

array of dot with inverse spatial frequency as predicted by Fraunhofer far field 

relationship, as indicated below:  

.   (1.4) 

However, when the system is illuminated by polychromatic light, such as a real 

star, each spot on the image plane gets replicated for each wavelength at a different radial 

distance through the 1/! dependence of the transform variables ! and !. As a result, 

diffraction spikes are created on the image plane. The electric field at the pupil !!! can be 

modeled as a plane wave incident on a circular aperture of radius a, and the dots 

correspond to a small circular obstruction of radius c convolved with an array of delta 

functions with spacing b. For the purpose of this discussion, the hexagonal dot array is 

treated as a comb function since the hexagonal configuration is just a linear combination 

of many 1D comb arrays. So the pupil electric field is represented by: 
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Then, if we apply the Fraunhofer far field relationship, we obtain: 

!! !! = − !"!"!!

!!!
!"# ! !!!

!

!!!
!!!! !!
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!
∗ !"#! !!
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.    (1.6) 

Using the convolution theorem we obtain 
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Finally, the electric field at the image plane, 

!! !! = − !"!"!!
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and the irradiance in the image plane is 

!! !! = !
!!!

!
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.    (1.10) 

The spikes are the result of the convolution of the comb in Fourier space and the image 

plane PSF of the pupil given by the !!!"#$ !!"!
!!!

, where a is the radius of the primary 

mirror. Finally, the term !!!!"#$ !!"!
!!!

 modulates the intensity of the spikes according 

to the dot radius c. As a result, the spikes location and its periodicity is defined by the 

geometry and spacing of the dots on the pupil. The stability of the spikes depends on the 

mechanical stability of the dots on the pupil and the concept relies on this fact; therefore, 

it is critical to generate the dots directly on the mirror coating.  
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Figure 1–8. Images of the spikes on the image plane under polychromatic light 

illumination. 
 
Its width is defined by the telescope pupil size: the larger the telescope pupil, the sharper 

or narrower the spikes. Its envelope radii are defined by the size of the dots: the smaller 

the dot the larger the intensity envelope. Figure 1–8 shows an image of the real spikes on 

the image plane, and it also shows a schematic drawing of how the different variables on 

the pupil affect their shape. 

a	  
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Figure 1–9. Astrometric measurement calibration concept using a diffractive pupil. 

 
The spikes are used to map the dynamic distortions of the optical system and 

therefore mitigate this term from the astrometric error budget. The astrometric signal of 

the central star is now measured by comparing the position of the diffraction spikes to the 

background stars instead of directly to the host star PSF. In Figure 1–9, the astrometric 

measurement concept using a background star field and the diffraction spikes are shown. 

An ideal imaging system is shown in the top row, and the distance of each star is 

measured to the closest spike. A real system with distortions is shown in the lower row. 

In this case, distortions affect the spikes as well allowing the removal of this error by 

measuring the distance from the background star to the closest spike and not to a pixel. 

The top row shows how the astrometric signal of the host star will move the spikes with 

respect to the background star field. In the presence of dynamic distortions between 
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measurements, as shown in the second row of Figure 1–9, the pixel location of a star is 

biased by the distortions; however, if the distance is measured to the spike, this effect is 

calibrated.  

 
Figure 1–10. PECO Mission concept using a coronograph for direct imaging and a 

diffractive pupil to achieve high precision astrometry in a single mission. 
 

By applying this concept to calibrate dynamic distortions using a diffractive pupil 

and telescope roll to remove detector effects on a 1.4m telescope with a FoV of 0.3 deg2, 

it is possible to achieve 0.2µas astrometric accuracy.  Since the astrometric signal of the 

host star is measured with respect to the spikes and not to the star PSF, this technique is 

compatible with a direct imaging mission. All the light rays forming an image outside the 

Inner Working Angle (IWA) where the planet is expected can be sent to a wide field 

imaging camera or astrometric arm, as shown in Figure 1–10. The rays close to center 

field are sent to the coronagraph, thereby enabling both detection techniques at the same 

time in a single mission. This concept works for a wide range of mission sizes, but the 

ultimate accuracy strongly depends on the aperture size and on the FoV of the telescope. 
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CHAPTER 2. DESIGN OF A HIGH PRECISION ASTROMETRY LABORATORY 

2.1. Introduction and Laboratory Design Drivers and Limitations 

This chapter presents the design and construction of a high-precision astrometry 

laboratory. The design of the laboratory and the optical mechanical design, alignment, 

and operation are all original research for this dissertation. The main goal of this 

laboratory is to demonstrate the ability of the diffractive pupil to calibrate field 

distortions, hence improving the astrometric accuracy of the telescope where the pupil is 

installed. The laboratory design incorporates most of the requirements or features that an 

exoplanet detection space mission would feature, such as telescope roll and fully 

reflective optics.  

Another goal of this laboratory is to prove that the diffractive pupil enables high 

precision astrometry of a bright star, even if the star is not visible or saturated, allowing 

the telescope to perform astrometry with a wide field camera and direct imaging 

simultaneously by sending the light in the IWA region to a coronagraph. This is possible 

only using the diffractive spikes, which contain all the astrometric information of the host 

star. 

This work also aims to demonstrate the manufacturability of the diffractive 

mirrors and detect if there is any light contamination of the IWA region that would be 

used for direct imaging by light diffracted at the pupil. This kind of effect can be caused 

by low frequency changes in the dots’ locations due to manufacturability issues. In 

summary, the goals of this laboratory is to accomplish the following: 
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1) Validate high diffractive pupil concept to calibrate distortions. This is to 

verify the main principles of the technique by measuring in the lab the motion of the 

spikes to calibrate deformations in the system. Astrometric measurements were 

performed on the star field following correction of the optical distortions. 

2) Assess the manufacturability of dotted mirrors. This includes manufacturing 

and measuring the quality of dotted mirrors by analysis of the diffraction pattern in the 

focal plane to quantify the impact of manufacturing error on coronagraphic observations 

and astrometric measurement. 

3) Test and develop data acquisition schemes and data analysis algorithms. This 

includes the algorithms to reduce the spike data to obtain the distortion maps and PSF 

centroiding in the presence of the spikes, telescope roll averaging, and calibration of 

distortions using the motion of the diffraction spikes.  

The main components of the laboratory are a star simulator, the imaging system 

or telescope, and the data reduction algorithm. Figure 2–1 shows a conceptual drawing of 

the system. The star simulator is a challenging component of the laboratory that emulates 

the imaging conditions in space, where plane wavefronts coming from the different stars 

in the field are imaged. The star simulator has to create a very stable set of sources, which 

correspond to background stars, and a central much brighter host star that also generates 

an astrometric signal to simulate the presence of an exoplanet. An illumination system 

has been designed to provide a polychromatic flat wavefront incident to a flat substrate, 

which is coated on the opposite side with a pattern of small pinholes to create the star 

sources. Behind the central pinhole there is a small lens that serves two purposes: to 
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concentrate light into that pinhole in order to make the central star brighter and to allow 

the generation of an astrometric signal when the flat wavefront has an angle of incidence. 

The details of this system will be discussed in the following sections. 

 
Figure 2–1. Conceptual drawing of the astrometry laboratory.  

 
This astrometric measurement scheme can be used by itself or in combination 

with any internal coronagraph. While a preliminary error budget suggests that 0.2µas 

single measurement accuracy is possible with a 1.4m telescope imaging a 0.25 square 

degree field of view at the galactic pole, the actual precision will ultimately be driven by 

wavefront and detector stability over long periods of time and based on controlling and 

calibrating a slew of instrumental errors. The main goal for the testbed is to understand 

these effects, quantify requirements, and develop a performance-error budget through 

modeling and analysis. 

The laboratory demonstration is used to test data analysis algorithms and validate 

the error budget. As part of this lab effort, a small-scale 1” mirror was manufactured with 
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dots by lithography and tested in our laboratory demonstration. Below, the scaling from 

the laboratory demonstration to an on-sky space telescope is explored.    

2.1.1. Accuracy Goal 

In a photon-limited regime, the precision of the astrometric measurement is 

proportional to the width of the diffraction-limit of the telescope. For a scaled-down 

testbed intending to approximate the performance of a space telescope, assuming that the 

wavelengths used are comparable, the ultimate testbed precision is simply the ratio of the 

primary mirror diameters multiplied by the required single-axis single-epoch precision of 

the space-based mission. If a 0.2µas performance that can be achieved on a 1.4m space 

telescope like PECO (Guyon et al., 2010b) is compared with a 16mm diameter testbed 

primary mirror, a measurement precision of (1,400mm/16mm) 0.2µas ~18µas is the 

ultimate astrometric accuracy that can be achieved using state of the art centroiding 

techniques and telescope roll to average pixel errors and have perfect pupil illumination 

uniformity. At this stage these techniques have not been implemented in the laboratory; 

therefore we expect significantly larger astrometric errors in this laboratory. 

Since both the testbed and the space-based concept are Nyquist sampled, these 

precisions both correspond to roughly 1x10-6 of a pixel. At this level, we expect the 

various sources of detector noise to be similar for the testbed and the space-based 

mission. With appropriate temperature control, the experimental conditions in the two 

designs will be comparable. In this way, the testbed experiments will inform the design of 

a future space-based mission. 
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2.2. The Optical System 

I designed the optical system in consultation with the Principal Investigator, Dr. 

Olivier Guyon, to prove the diffractive pupil concept to calibrate the dynamic distortions 

of a telescope and improve the ultimate astrometric accuracy that can be achieved with 

the system. This concept has been proposed for space-based exoplanet detection mission 

as described previously. Therefore, the laboratory top-level requirements consider 

qualitatively the space mission requirements even though it was not directly aiming to 

match them.  

Considering the goals of this laboratory, a set of top-level requirements was 

established, including the following: First, the primary mirror needed to have a uniform 

grid of holes on the coating to create a diffractive pupil. These holes generate diffraction 

that is imaged as spikes in the focal plane under polychromatic illumination. Second, the 

aperture stop of the telescope needed to be located at the primary mirror. Third, only 

reflective optical elements could be used to avoid spectrum changes on the spikes and 

lateral color aberration that would bias the position of the background stars caused by 

transmissive optical elements. Finally, the optical system needed to be able to produce 

diffraction-limited images for a field of 0.5deg2 using an off-axis optical configuration to 

avoid diffraction from the central obscuration and the secondary holder spider. Despite 

the fact that the requirement to simulate the telescope roll was needed to reduce detector 

effects such as noise and responsivity, it did not affect the real telescope optics but 

imposed a challenging requirement for the design of the optical system in the laboratory. 
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This optical system serves as an imaging system of a star simulator, to be 

described in the next section, on which the astrometry measurements take place. The 

outcome of the design of the optical system defines an optical and mechanical interface 

for the star simulator system. 

2.2.1. Optical Design Top-Level Requirements 

In this section the requirements of the optical system are specified. These include the 

following:  

1) Wavefront error. The sharpness of the spikes is critical to maintain the 

accuracy of the distortion calibration approach. This requires an optical system that can 

deliver diffraction limited (< λ/4) performance for the unvignetted full FoV and for all the 

operational wavelengths. 

2) System resolution. The system resolution is given by the optical system PSF, 

which has to be large enough to achieve a lossless Nyquist sampling criteria at the CCD. 

This requirement constrains the size of the PSF because the CCD pixel size is fixed. The 

camera is an Apogee ALTA U16000, which has a pixel size of 7.4µm. Therefore, the PSF 

should be larger than 2 pixels or 14.8µm. However, an upper limit of 6px or 59.2µm was 

set to minimize the readout noise. 

3) Wavelength range. Initially the wavelength range was defined based on the 

spectrum of the light source and the sensitivity of the CCD camera. The light source 

needed to provide a blackbody spectrum as similar as possible to the M-type stars, which 

are the most common of the main sequence. Given this constraint, the system should 

cover a wide visible spectrum from 350 to 900nm.  
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4) Pupil illumination uniformity. This concept is based on having a pupil 

uniformly illuminated by all the objects to be considered in the astrometric measurement, 

including the star that generates the spikes. If this is not the case, there will be areas of 

the pupil that will bend the star rays but may not be sampled by the diffractive spikes. 

This effect can be explained considering Figure 1–6. If the pupil is illuminated only in the 

central region by the star that creates the spikes but the field angle stars illuminate the full 

pupil, then a bend on the edge of the pupil is not sampled causing an error in the 

calibration. In the case of a real telescope this is guaranteed; however, it is not in the 

laboratory since the source is located at a finite distance from the star simulator. For the 

purpose of this experiment, a pupil illumination uniformity requirement of 90% was 

defined for all the wavelengths. This value was set because it corresponds to maximum 

uniformity that can be achieved within the size of the optical bench available. 

5) Field of View (FoV).  To achieve high precision astrometry, background stars 

are used as a reference; however, these stars have their proper motion as well, therefore a 

larger FoV allows having more background stars to mitigate this error, which decreases 

as 1/ !. The same effect occurs at the same rate with the centroiding error. These two 

effects strongly suggest designing wider field telescopes. However, on traditional optical 

systems the larger the FoV distortions became larger and more difficult to stabilize 

reducing the astrometric accuracy. Therefore, the best astrometric measurements are 

currently obtained in small crowded fields using such as the galactic center.  

The strength of the diffractive pupil concept is that it allows calibrating the 

distortions of wide fields, hence increasing the number of stars for any field and in 
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particular for less crowded fields such as the galactic pole. Therefore, for this laboratory 

the FoV requirement is rather large to prove this concept and match the PECO study, 

which considers a 0.25 square degree field. Since the imaging system field is square, a 

requirement of a minimum of 0.5˚ unvignetted, diffraction limited FoV is set. 

6) Fully reflective optics. The background stars used as a reference to obtain the 

astrometric signal have different spectral types, and, therefore, any transmissive optics 

induce position errors due to lateral chromatic aberrations. This can be calibrated having 

an exact knowledge of the spectral type of each star; however, this calibration is not 

always possible and thus adds more complexity to the data reduction process. In addition, 

longitudinal chromatic aberrations affect the sharpness of the diffraction spikes, allowing 

only one wavelength in focus at time. To prevent these problems the design needs to be 

fully reflective. 

8) Telescope roll simulation. Detector imperfections, including changes in pixels 

position and spectral sensitivity and overall quantum efficiency, can have a large impact 

on the astrometric accuracy. An alternative to deal with this problem is to position the 

reference star on the same pixels for every measurement; however, this is impossible 

given the proper motions of the stars. A solution to this is to average down detector 

defects by slowly rolling the telescope during the observation. The result will be that the 

background stars will describe arcs around the center of rotation and therefore their radial 

position is averaged over many pixels. The spikes are generated on the pupil and 

therefore they remain unaffected. Figure 2–2 shows a schematic of the diffractive spikes 

and the background stars’ trajectories and the telescope rolls. As a result, pixel errors and 
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responses average down, as do micro distortions. After analyzing the impact of this 

requirement on the optical system and on the star simulator, we decided that it is more 

convenient to rotate the star simulator than rotate the optical system; hence, this 

requirement was set for the star simulator. 

 
Figure 2–2. Schematic representing the telescope roll and trajectory of the 

background stars. 
 

9) Off-axis design. An off-axis design eliminates the diffraction effects of the 

central obscuration and the spiders that reduce the sharpness of the spikes, degrading the 

distortion calibration performance. 

Additionally, there are two pieces of hardware that are already available and 

cannot be modified, which are the CCD camera, that was already described, and a couple 

of off-the-shelf Edmund Optics 8” diameter f/5 parabolic mirrors. These were set as fixed 

parameters for the design of the optical system. Also, since the parabolas were the same, 
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the magnification of the system was constrained to 1 to 1 if collimated space was 

maintained between the parabolas. Lastly, the diffractive pupil needed to be flat and 

could not be larger than 25.4mm due to lithography manufacturability issues. Table 2–1 

summarizes the top-level requirements of the imaging system. 

Table 2–1. Imaging system top-level requirements.  
 

Astrometry Test Bed Optical System Top-Level Requirements 
 

Requirement Value Comments 

Wavefront error (RMS) > λ/4 (Diff. limited) At λ=550nm 

Operational wavelength 350 to 900 nm  

Resolution > Nyquist 6 x 7.4µm > PSF> 2 x 7.4µm   

Optics type Reflective only  

Pupil type Dotted diffractive Hexagonal 5x50µm pattern 

Pupil illumination uniformity >90% From 350 to 900nm 

Unvignetted FOV >0.5º Using 8” Parabolic mirrors 

No central obscuration Off-axis design Avoid secondary diffraction 

 
I derived the operational and the opto-mechanical interface requirements from the 

top-level requirements. The most important ones were the pupil size and the distance 

from the source to the pupil. Both variables were coupled and affected the resolution of 

the system and the illumination uniformity of the pupil, which are top-level requirements. 

To solve this problem we started looking at the resolution of the system given by the 

Rayleigh criterion for circular pupil, 
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! = 1.22!"/!!",      (2.1) 

where f is the back focal distance of the system and DXP is the exit pupil diameter. This 

equation is valid when the pupil is in collimated space. In this case, the light source 

generated a diverging light beam and provided that the system had a 1 to 1 magnification 

with no power on the pupil surface. The exit pupil size could be estimated as projected 

entrance pupil size at the first parabola, 

!!" = !!"
!

!!!!
,      (2.2) 

where DXP exit pupil and ds-p is the distance from the source to the pupil. The parabolas 

are f/5 with an 8” diameter or 203mm diameter. The focal length should be f =1015mm. 

At this point, the sizes of the entrance and exit pupils are unknown as well as the distance 

from the source to the pupil. However, the pupil should be uniformly illuminated to a 

level of 90% for every wavelength to minimize astrometry errors due to pupil 

illumination. The star simulator uses pinholes to simulate the background stars and their 

size is set to 5µm due to manufacturability constraints. The pupil size and the distance to 

the source are the variables that still have to be defined to achieve a pupil illumination 

uniformity of 90% for the specified wavelength range. 

A diffraction simulation was done in Matlab using the diffraction equation 2.1, 

where Ph is the pinhole radius and zo is the distance to the pupil and !! is the location 

across the pupil, in order to find the minimum distance from the source to a pupil of 

16mm for the requested illumination requirement: 

!! !! = !
!!!

!
!!!!!"#$

!!!!!
!!!

!

   (2.3) 
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Applying this expression for 5µm pinholes and a wavelength of 350nm, 500nm, 

and 900nm, we obtain a 90% pupil illumination uniformity over 16mm diameter if the 

source is located at zo = 550mm distance from the source. The result is shown in Figure 

2–3. It is clear how shorter wavelengths produce a narrower diffraction angle, limiting 

the pupil size to an 8mm radius to achieve 90% illumination uniformity at 350nm when 

the source is located at 550mm from the pupil. Longer wavelengths have a large 

diffraction angle and therefore provide a more uniform illumination of the system. 

 
Figure 2–3. Normalized illumination distribution for three different wavelengths.  

 
To increase the illumination uniformity, it would be necessary to increase the 

distance and reduce the pupil size; however, that would affect other requirements of 

system such as the resolution and other opto-mechanical constraints of the system. To 

understand the trade-offs between pupil size and distance to the source, another Matlab 

simulation was performed, proving the pupil illumination uniformity as a function on the 
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former variables. The result, shown in Figure 2–4, is a surface shown on the left and the 

plot on the right, which shows contour lines along this surface and represents solutions of 

constant pupil illumination for different pupil sizes and distances values. Despite the fact 

that the surface is non-linear, the contour lines are, and therefore we selected an 

illumination uniformity level and performed a trade-off study. 

 
Figure 2–4. Normalized pupil illumination versus pupil size and distance. 

 
Figure 2–4 considers a wavelength of 500nm. From Figure 2–3, it can be seen that 

it corresponds to a 95% uniformity illumination using a 8mm radius pupil. If we use a 

linear approximation from the contour plots of Figure 2–4 we find the following 

expression 

!! = 0.0145!! .      (2.4) 

Using expression 2.4 we can find a relationship between pupil size and distance to the 

source for a constant pupil illumination that satisfies the resolution requirement. Using a 

16mm pupil, the distance Zo is set to 551mm. If we use those values, we obtain a 
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resolution of 23.1µm or a PSF of 46.2µm in diameter, which complies with the resolution 

top-level requirement. Having the distance Zo for the image plane size, we found that for 

the minimum FoV requirement of 0.5º the image plane has 4.8x4.8mm size. This clearly 

fits on the camera CCD, which has 4872 x 3248 pixels proving an imaging area of 36 x 

24mm, allowing more than enough space to image the source with 1 to 1 magnification. 

This is desirable since a larger FoV is beneficial if possible. 

The last opto-mechanical interface requirement is the height of the optical axis. In 

this case, the height is defined by the height of the vertex of the parabolas once installed 

on their mounts, which corresponds to 158.75mm. 

 After the opto-mechanical interface requirements were obtained the operational 

requirements were derived. The first one was the operational wavelength of the system. 

Given the need for a polychromatic, blackbody source in order to generate the spikes, we 

selected an Ocean Optics HL-2000-FHSA-LL tungsten halogen light source. The lamp 

has stability over time of 0.5% and is designed to provide fiber output. It also has an 

electronic shutter using an RS-232 interface. This lamp is optimized for the VIS-NIR 

wavelength covering a wavelength range of 360 to 2,000nm that monotonically increases 

the spectral power from 300nm to 950 nm and has a color temperature of 2,800K 

according to the manufacturer. The Wien displacement law for blackbodies predicts a 

peak wavelength at 1030nm for that temperature, but there are some instrumental effects 

that create absorption, moving the maximum to 9100µW/cm2/nm at a wavelength of 

950nm.  

  



 56 
 

Table 2–2. Spectral types and temperatures of stars of the main sequence. 
 
Class Surface Temp. [K] Color Mass !⨀ Luminosity !⨀ Fraction of stars 

O >33,000 Blue >16 30,000 ~0.00003% 

B 10,000 – 33,000 Blue 2.1-16 25-30000 0.13% 

A 7,500-10,000 White 1.4-2.1 5-25 0.6% 

F 6,000-7,500 Yellow 1.04-1.4 1.5-5 3% 

G 5,200-6,000 Yellowish 0.8-1.04 0.6-1.5 7.6% 

K 3,700-5,200 Orange 0.45-0.8 0.08-0.6 12.1% 

M <3,700 Red < 0.45 < 0.08 76.45% 

 
The spectral distribution of the source is important because it defines the intensity 

modulation of the spikes as a function of wavelength. From the experiment point of view, 

it defines the spectral type of star that is being simulated. Blackbody spectrums with a 

peak temperature lower than 3,700K correspond to M class stars, as shown in Table 2–2, 

therefore the light source simulates these stars, which makes sense because they are the 

most common ones in the main sequence accounting for more than 76% of the total 

number, and also because they have smaller contrast ratio with the planet in IR bands for 

direct detection purposes. 

On the other hand, the camera has its operational range from 360 to 1,000nm with 

quantum efficiency of 39% at 400nm. Figure 2–5 shows the light source power spectrum 

output together with the camera quantum efficiency. The observed light modulation of 

the spikes on the images corresponds to the combined Quantum Efficiency of the camera 
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multiplied with the spectral power of the source. The resulting response is shown as a 

segmented black line in Figure 2–5. The optical design operational wavelength 

requirement is defined based on the resulting response, which in this case we defined to 

be significant from 350-950nm. 

 
Figure 2–5. Spectral power of the light source, camera QE, and system response 

shown as a black dashed line. 
 

The next operational requirement is the temperature. The set point was defined 

after taking the average temperature of the laboratory. We monitored the temperature and 

we found oscillations of +/-1 ºC around and an average of 22ºC. To maximize the 

stability of the thermal control system, the operational temperature was set to 22 +/- 0.05 

ºC to achieve the stability requirements on the light source and star field. The survival 

temperature was set at 5 times the maximum peak to valley oscillation observed reaching 

a range of 15 - 30ºC. 
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Finally, the opto-mechanical interface requirements were defined. In this case, the 

interfaces were given by the pupil location, which was set to 550mm from the light 

source, the pupil diameter of 16mm, and the height of the optical axis, which was set to 

158.75mm in order to match the height of the parabola vertex. Using the distance from 

the star simulator to the pupil and its diameter, the input f/# of the system could be 

determined. Table 2–3 contains information about the operational requirements and 

limitations and the opto-mechanical interfaces of the optical system. 

Table 2–3. Operational and interface requirements of the imaging system. 
 
Requirement Value Comments 

Operational requirements 

Wavelength 350 – 900nm Matching CCD response 

Operational temperature 22 +/- 0.05ºC With active control 

Survival Temperature 15 - 30ºC Laboratory temperature 

Maximum size 5’x10’ Should fit on the bench 

Opto-mechanical Interface requirements 

Pupil location 550mm from source  

Pupil diameter 16mm diameter  

Height of the optical axis 158.75mm w/r to the optical bench. 

 
2.2.2. Optical System Design 

The top-level requirements force the selection of an off-axis design. After doing 

some research in the literature (Smith, 2000) and discussing with several professors in the 
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College of Optical Sciences at the U of A, I decided that the strategy to maximize the 

performance of the system was to use the two parabolas facing each other but having 

them in collimated space in the middle. 

The main concept of an off-axis design is to consider an on-axis parabolic 

telescope that can produce perfect images for small FoV and select only a fraction of the 

aperture of the parabola while keeping the same angle on the mechanics and optics. The 

result is a focal plane on the original optical and mechanical axis of the parabola; 

however, the incoming light is not vignetted because it only comes on one of the axes. 

 
Figure 2–6. On axis and off-axis mirror comparison. 

 
This concept is illustrated in Figure 2–6. On the top, a parabolic mirror is 

illuminated with a collimated beam. The result is a perfect image on-axis. The off-axis 

concept is illustrated on the lower image, where the optical axis is kept. However, part of 

the aperture is blocked or a section of the mirror is removed, and the result is to create a 

perfect image outside of the incoming collimated beam, hence preventing the central 
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obscuration. For an off-axis system it is necessary to keep the chief ray perpendicular to 

the mirror surface. The rest of the mirror can be removed to minimize weight, size, and 

cost; however, sometimes it is better to keep the whole mirror to facilitate mounting and 

alignment and especially to avoid clocking problem. This problem occurs when the 

circular section of the off-axis parabola is rotated over its own mechanical axis, which is 

not collinear with the optical axis anymore, hence changing the prescription of the 

system. 

Off-axis parabolas are specified by manufactures according to their diameter, off-

axis angle, Y-offset, or aperture offset, and effective focal length. Figure 2–7 shows an 

Edmunds optics table with off-axis parabola specifications and images.  

 
Figure 2–7. Commercial specifications for off-axis parabolas. 

  
I designed the optical system of the laboratory to image a source located 550mm 

away from the first optical surface, which was a flat folding mirror and the pupil and stop 

of the system. This mirror simulates the primary mirror of the telescope and features the 

dot pattern that generates the diffraction spikes. The mirror sends the light to the first off-

axis parabola, which is located at a distance from the source that matches the focal length 
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of the parabola to collimate the light of the source after reflection. This matching helps to 

adjust the distance of the second off-axis parabola, minimizing the impact on the 

wavefront error. The second off-axis parabola sends a converging beam to the camera 

using a folding flat mirror to optimize the space on the breadboard and maximize FoV. 

The design was implemented in ZEMAX, and the modeling strategy was to divide 

the system in two arms, including the source arm and the camera arm. The source arm 

included the source, the diffractive pupil, and the first parabola, which delivers a beam in 

collimated space because the total distance from the source to the parabola is set equal to 

its focal length. The camera arm starts from collimated space and goes to a second 

parabola, a folding mirror, and the camera. The concept behind this strategy is that these 

arms should be very similar and one can be folded to generate the other one; however, 

there are practical considerations that make this more difficult but still give a close 

starting point for the optimization process. 

To keep costs low, we used the full off-the-shelf parabolas available since they 

were much cheaper than an off-axis section and provided two important advantages. One 

advantage was the possibility of trying different designs by having the freedom of 

selecting a different diameter and Y-offset with the same optics. The second was to avoid 

clocking errors when the parabola was mounted. The drawback was the need of folding 

mirrors to bend the light before reaching the unused side of the parabola.  
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Figure 2–8. Initial optical layout.  

 
The optical design first considered the camera arm, which started with a 

collimated beam incident in an off-axis parabola section of the 8” diameter f/5 parabola. 

Due to cost reasons, the full parabolas were used instead of buying off-axis ones. After 

the reflection on the parabola, a folding mirror was used to allow space enough for the 

other arm, and the light was sent to the camera. Using this basic layout, a figure of merit 

considering the RMS spot size and unvignetted FoV the system was defined as well as 

the off-axis parabola variables. The Y-offset, and the distance to the camera, were set as 

optimization variables constrained to the physical values of the optics. The off-axis angle 

was computed with a solver to enforce the chief ray to be perpendicular to the mirror 

surface. With this setup, the ZEMAX optimization tool was used to obtain the best 

performance of the camera arm. Table 2–4 presents the optimized values for the system. 
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Table 2–4. Camera arm off-axis parameters. 

 
After the camera arm design was optimized, it was copied and folded to create the 

source arm. However, this arm had the extra complexity of inserting the diffractive pupil 

in the optical path and defined the angle and position to maximize the performance, but 

having a pre-optimized off-axis parameters allowed constraining those variables to 

release the diffractive pupil, size position, and angle in order to find a global minimum 

for the figure of merit. In addition, RAID and REAY operators were added to the merit 

function to force the system to maintain collimated space between the parabolas and to 

maintain the position of the chief ray on the parabolas. The resulting system was able to 

generate diffraction-limited performance for a pupil size of 14mm and unvignetted FoV 

of 0.33º, which did not comply with the minimum FoV requirements. The layout of this 

arm is shown in Figure 2–7, where the main vignetting points are the diffractive pupil and 

the folding mirror that are mounted at about 45º toward the beam. This position exposed 

the corner of the mirror substrate and the mount into the light path when the FoV or the 

pupil size was enlarged to match the top-level requirements.  

In order to comply with the top-level requirements, it was necessary to change the 

optical layout in such a way to reduce the vignetting caused by the pupil and the folding 

mirror. The solution implemented was to offset the optical axis of the parabolas in such a 

way that the folding mirrors were oriented away from the beam, exposing the coated 

 Y-offset  Off-axis angle Distance to camera 

Range 0 – 80mm 0º - 4.5º ~ 1016mm 

Optimized value 80mm 4.5º 1004.14mm 
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corner. This strategy allowed increasing the FoV and pupil size without sacrificing 

performance in terms of wavefront error. The layout presented in Figure 2–9 clearly 

shows how the new position of the mirrors prevented vignetting caused by the mirror 

substrate.  

 
Figure 2–9. Final optical layout using f/5 parabolas. 

 
The optical prescription for this optical system is shown in Figure 2–9. In the 

columns corresponding to Decenter Y and Tilt about X in Figure 2–10, solvers have been 

applied to create the off-axis optical configuration. Additionally, the optimization 

variables can be identified with a “V” letter on their right. These include distance 

between the OAPs, diffractive pupil angle, and focus or distance to the images plane. The 

other values were previously optimized; otherwise it would be impossible to find a global 

maximum with too many free variables. 
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Figure 2–10. Prescription of the final optical system. 

 
2.2.3. Optical Design Model Performance 

The optical design was highly achromatic since only reflective surfaces were 

used, and it delivered a diffraction limited, unvignetted FoV of 0.7º for operational 

wavelength range of 350 – 900nm. An Optical Path Difference (OPD) or wavefront error 

analysis was performed to assess the image quality over the unvignetted FoV. The 

wavefront error was evaluated for center field and on both sides of the FoV. It is 

interesting to note that the wavefront error was not the same on both sides of the field, as 

shown in Figure 2–11, i.e. the OPD at (0.7º, 0.0º) was less than 0.01λ; however, at the 

other side of the field (0.0º,-0.7º), the wavefront error was almost 0.1λ, which still was 

much better than the specification but was ten times worse than the other side. The origin 

of this asymmetry is the fact that one off-axis parabola had a slightly different chief ray 

angle of incidence, as shown in Figure 2–10, allowing increasing the FoV and pupil size 

to match or surpass the specifications, introducing some wavefront error that was small 

enough to still be below the limit.  
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Figure 2–11. OPD of the optical system for different FoV and wavelengths. 
 

The wavefront error in terms of Seidel aberrations is presented in Table 2–5, and 

it is a linear combination of astigmatism, which is expected in any system using a 

parabolic mirror with a large FoV, distortion, and field curvature. The other error terms 

are zero for practical purposes. 

Table 2–5. Seidel wavefront error coefficients of the optical system for λd = 588nm. 

W040 
(Spherical) 

W131 
(coma) 

W222 
(Astigmatism) 

W220           
(Field curvature) 

W311             
(Distortion) 

0.000 0.0002 0.0152 -0.0128 -0.0147 

Wavefront error RMS (worst case) Wavefront error PV (worst case) 

0.0375 λ = 22nm 0.1815 λ = 106.7nm 
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Figure 2–12. Spot diagram of the optical system for different fields. 

 
The RMS wavefront error is 0.0375λ and the Peak to Valley value is 0.1815λ for 

the worst case, which is at the edge of the field. Such small wavefront error delivers 

diffraction-limited performance for the whole FoV, as shown in the spot diagram of 

Table 2–12, where geometrical distribution of the spots is well inside the diffraction limit 

of the optical system.   

The design of the imaging system according to ZEMAX achieved or surpassed 

the top-level requirements. A comparison between the specification and the design value 

is shown in Table 2–6.  
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Table 2–6. Optical system top-level requirements verification. 
 

Astrometry test bed optical system top-level requirements 
 

Requirement Value Achieved value on the design 

Wavefront error (RMS) > λ/4 (Diff. limited) > λ/25 for the whole field 

Operational wavelength 350 to 900 nm 350 to 900 nm 

Resolution > Nyquist PSF radius = 23µm (3.1px)  

Optics type Reflective only Yes 

Pupil type Dotted diffractive Hexagonal 5x50µm pattern 

Pupil illumination uniformity >90% >90% for full field, all λ 

Unvignetted FOV  >0.5º 1.4º (13.2mm in the object plane) 

No central obscuration Off-axis design Yes 

 
2.3.  Dotted Pupil Mask Design and Fabrication 

As previously described, a small folding mirror acts as pupil and stop for the 

system in the astrometry test bed and is imprinted with the dots on its coating. The design 

of the dot pattern in the pupil plane defines the geometry of the diffraction spikes in the 

image plane, and since they are in conjugated planes, their electric field is related by 

equation 1.9 and the irradiance on the image by equation 1.10. In both cases, a Fourier 

Transform gives the relationship between the pupil and the image plane, and therefore an 

inverse Fourier Transform of the desired diffractive pattern on the image plane.  
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2.3.1. Diffractive Pupil Requirements 

From the nature of the Fourier Transform, it is inferred that the radius of the 

spikes’ envelope is inversely proportional to the dot size and the number of spikes is set 

by the periodicity of the spike pattern. Considering these two parameters and the 

wavelength range of the source, the appropriate dot array and size can be selected to 

cover the FoV of the system with diffraction spikes and with an adequate number that 

provides a good distortion sampling. The necessary spikes have a radial shape since they 

are created by the change in wavelength. 

Each feature of the diffractive pupil has a counterpart on the image plane. The top 

row of Table 2–13 shows how the electric field at the pupil is described mathematically 

for a simplified two-dimensional case. The pupil shape and size defines, as expected, the 

PSF shape and size as well. The spacing of the deltas that define the position of the dots 

defines the spacing or azimuthal frequency of the spikes in the image plane. Finally, the 

dot size defines the width of a large intensity modulation. Therefore, if uniformly 

illuminated spikes are required, smaller spots are needed although their overall brightness 

will decrease. If the spot size is large enough to have brighter spikes, the intensity 

modulation could be noticeable and the spikes will have reduced SNR towards the edge 

of the field and the distortion calibration will be less precise towards the edge. 
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Figure 2–13. Graphical description of the diffractive pupil features counterparts in 
the pupil and image plane.  

 
A real realization of these effects is shown in Figure 2–14, where a mirror, shown 

on the left, with a square grid of 10µm holes was placed on the pupil plane and then 

illuminated with different lasers. The picture in the middle of Table 2–14 shows the 

image created when the system was illuminated with a green 532nm laser, and the image 

on the right used a 632nm red laser. As predicted by theory, the square grid is replicated 

with inverse spatial frequency; however, the over scale is controlled by 1/λ factor inside 

of the argument of the function, creating a larger scale of all the features for longer 

wavelengths. The images created with the laser also show the intensity modulation of the 

spikes caused by the spot size. Also, the elliptical envelope intensity modulation of the 

spikes caused by the elliptical dot shape is noteworthy. This was due to manufacturing 

problems of this mirror prototype.    
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Figure 2–14. Diffraction pattern created by mirror that has a square grid of dots 
illuminated with a green and red laser. 

 
Given the circular shape of the spots, they created an intensity modulation that 

followed a sombrero function squared with a width inversely proportional to the spot 

size. On the other hand, the spacing defined the angular frequency of the spikes and the 

geometry of the pattern was replicated with inverse spatial frequency. Table 2–13 

illustrates the relations between the dot pattern and counter part of the image plane 

spikes.  

For this laboratory, a hexagonal pattern was selected because it provided a better 

symmetry for the radial stretching caused by the wavelength. Also an azimuthal sampling 

of 16 spikes provided enough resolution to calibrate most distortion effects; however, this 

can be adjusted to each particular system if the distortion power spectrum is known.  
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Figure 2–15. Relationship between the dot pattern and the spike geometry. 

 
Considering the optical system used at the laboratory, a hexagonal dot pattern was 

selected with a pitch of 50µm and 5µm dots. This geometry ensured proper illumination 

over a circular FoV of 0.5º degrees. The holes represented 2.4% of the total area of the 

mirror. This caused a light loss of 4.8% on the system, since 2.4% is lost due to dots in 

the mirror and an equivalent amount is lost due to diffraction.  

2.3.2. Diffractive Pupil Manufacturing 

The requirements for the diffractive pupil were defined with the following 

parameters: 50µm pitch hexagonal pattern with a 5µm diameter dot. Since the goal of the 

this laboratory was not only to assess the ability of the diffractive pupil to calibrate 

distortions but also to identify trade-offs and characterize them, a set of different 

diffractive pupils with different parameters was manufactured in order to be able to 

explore different configurations. The complete list is shown in Table 2–7. The mirrors 
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were manufactured using lithography on 1” diameter fused silica window substrates. The 

windows were 6mm thick and they had a wavefront error of λ/10. 

Table 2–7. List of diffractive pupils sent for manufacturing. 
 

Geometry Pinhole size [µm] Pitch [µm] 

Hexagonal 5 25 

Hexagonal 5 50 

Hexagonal 5 100 

Hexagonal 10 50 

Hexagonal 10 100 

Hexagonal 10 200 

Hexagonal 20 100 

Hexagonal 20 200 

Hexagonal 20 400 

 
Professor Tom Milster fabricated a mask master set at the Colorado 

Nanofabrication Lab (CNL) using a chrome-on-glass composition that was exposed with 

a direct laser-writing tool. A thin layer of resist was coated on the chrome and the laser 

exposed the pattern of holes in the positive resist, which was washed away in the 

developing solution. The substrate was then placed in an etch solution; therefore, where 

the resist was washed away, the chrome was etched. The result after this process was a 

pattern of etched holes in an otherwise solid chrome film. The master pattern was then 

used in a modified mask aligner, where the master mask was brought in contact with a 
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resist-coated aluminum mirror. The pattern was transferred onto the mirror’s resist by 

exposing the combination with a UV lamp. Then, the developing and etching process was 

repeated to obtain holes in the aluminum mirror surface. The first pupil mask was 

manufactured using this process and still it is being used on the experiment. The mask 

and a microscope image of the pattern are shown in Figure 2–16. 

 
Figure 2–16. On the left, the pupil mirror is shown mounted on the right a 

microscope image of the surface is shown. 
  

A microscope surface map of the pupil mirror was taken using a VECCO 

microscope, and it is shown in Figure 2–17. In this image, it is possible to verify that the 

dots are 5µm in diameter and the hexagons are 50µm wide each. The coating is aluminum 

with a thickness of approximately 120nm.  
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Figure 2–17. Microscope surface map of the diffractive pupil mask. 

 
Despite the fact that this process worked very well for the 1” flat substrates, it 

cannot be implemented on a curved aspheric mirror since the master will not make proper 

contact with the mirror resist. To overcome this problem, the research group of professor 

Milster at the College of Optical Sciences at the UA is working on the development of 

two techniques that can be used together to imprint the pattern of dots in a curved 

aspheric mirror. First, a small master mask can be manufactured using the UA Maskless 

Lithography Tool (MLT), which is a scanning laser system that can project a BMP gray 

scale pattern on a master mask photoresist. The master can then be obtained by etching, 

as described before. Then, the full aspheric mirror dot pattern can be fabricated using the 

g-line tool, which is a step-and-repeat instrument where a g-line source (436nm) 

illuminates a chrome-on-glass mask that contains features 5x larger than the desired 

pattern. The mask is imaged through the 5x projection camera lens onto a substrate 

coated with resist. Processing for the exposed patterns follows similarly to the previously 
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mentioned steps. Figure 2–18 shows a g-line stitching sample and the concept to stitch 

the pattern on a curved mirror. 

 
Figure 2–18. G-line stitching sample and concept for curved mirrors. 

 
The g-line tool is designed to write on a flat substrate over an area of about 1 in2. 

However, the sag of the 1.4m diameter primary mirror over a distance of 12.5mm is in 

the order of a micron or less, which is well within the focus range of the g-line tool. If 

compensation needs to be made, the MLT’s flexibility can accommodate any necessary 

position-dependent changes on the master mask. The g-line tool can be made relatively 

compact compared to the MLT. The precision of this technique will be limited by the 

precision of the stages that translate the g-line tool; however, commercial units achieve 

under 1µm precision. The characterization of the impact of stitching errors in the 

diffraction spikes will be assessed. Finally, it is important to mention that directly 

scanning with MLT over the curved primary mirror is a significant engineering task, but 

not a scientific task. In other words, the technology is available. However, the additions 

of a focus sensor and an accurate stage positioning are critical elements of the 

engineering. 
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2.4. Opto-Mechanical Modeling 

The final location of the optics provided by ZEMAX is referenced to the vertex of 

each optical surface, and, therefore, it is very difficult to use this information to properly 

position the real optics on the bench.  

To facilitate this process, the imaging system was modeled in Solid Works. The 

optics were exported as IGES files and imported to Solid Works format. Then, every 

optical mount, the breadboard, the camera and its mount were modeled in Solid Works. 

The camera mount was designed and built to match the optical axis height of the system 

and also to allow in plane motions for detector translation and focus. Additionally, the 

mount allowed rotating the camera with the axis located on the detector, in this way it 

allowed rotation to calibrate tilt without introducing any defocus. The Solid Works model 

is shown in Figure 2–19. This model allowed finding precise coordinates of the mounts 

with respect to breadboard and in this way enabled reaching a quick positioning of the 

optics within 1mm accuracy. From this position, it was possible to obtain images on the 

camera and continue with fine alignment of the system. 
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Figure 2–19. Optical assembly Solid Works model. 

 
2.4.1. Mounting and Alignment 

The fine alignment strategy was based on the double symmetric arm configuration 

of the optical system that allowed dividing the system in two separated by a plane located 

in common collimated space. In this way, it was possible to align each side of the 

imaging system independently and reduce the complexity of the alignment because the 

number of degrees of freedom was reduced by half. For that purpose a flat window was 

mounted in collimated space between the two OAPs, as shown in Figure 2–9. For this 

purpose, a Point Source Microscope (PSM) was used (Parks & Kuhn, 2005). The PSM is 

an alignment device that can propagate an expanding laser source but at the same time 

can image its return. In this way, a laser point source can be created at the center of the 

star field, and then it can be imaged back by the PSM using the reflected light on the 

window. Once the reflected PSF was within the FOV of the PSM, the OAP1 was aligned 

to achieve a centered diffraction limited image of the reflected point source. This 
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procedure ensured collimation after OAP1 and also allowed fine-tuning the tip, tilt, and 

translation for the diffractive pupil and the OAP1. The beam size and location on the 

window was recorded.  

 
Figure 2–20. Setup using the PSM to align the optical system. 

 
Afterwards, the same procedure was repeated from the CCD camera side, 

installing the PSM at the location of the center of the chip and matching the position of 

the beam footprint on the window. This ensured a proper interface of the two systems and 

completed the system alignment to achieve diffraction-limited performance. The position 

of the PSM on the source and camera side was recorded using stages with micrometers 

2.5. Star Field Simulator and Astrometric Signal 

The goal of the star field simulator was to provide a light source that would 

emulate the detection of an exoplanet by astrometry. This source simulated a star field 

containing a brighter central star and it was designed and built to simulate the operational 
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conditions of the real mission. This brighter star was the candidate to host an exoplanet; 

hence, the star simulator should be able to generate the respective astrometric signal on 

this source. The design of the star field simulator was driven by a set of top-level and 

operational and interface requirements. 

2.5.1. Star Simulator Requirements 

The following requirements were attended to:  

1) Number of background stars. As was explained before, in the FoV 

requirements the number of background stars plays a fundamental role to increase the 

precision of the astrometric measurement. The astrometric error due to centroiding of the 

background stars decreases as 1/ ! where n is the number of stars in the FoV. Also, 

background stars may have proper motions creating an astrometric error that also 

averaged down as 1/ !. 

This laboratory aimed to emulate as much as possible the conditions of an 

exoplanet detection mission, such as PECO. For a 1.4m telescope with a FoV 0.25 degree 

squared, observing at the galactic pole is possible on average to use 100 stars in the 

background for the astrometric measurement. This number will change as a function of 

integration time but serves as a reasonable middle point to define the number of stars 

required on the star simulator. A minimum requirement of 100 stars within the 

unvignetted, diffraction-limited FoV is required for the star simulator. 

2) Star simulator stability. For both, on-sky and testbed applications, the  

astrometric stability of the reference grid of stars is of the utmost importance. For the 

testbed, the instrumental jitter is determined by the reference star motion at the µas 
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(nanometer) level. There are systematic changes in the star position that can be caused by 

the thermal expansion of the substrate; however, these effects can be precisely calculated 

and calibrated. Motions may also be introduced when the temperature changes through 

small-scale variations in the Coefficient of Thermal Expansion (CTE) in the star field 

substrate. Small-scale CTE variations will introduce uncorrelated errors that average 

down with the number of stars. CTE variation over larger scales will cause astrometric 

motion that is correlated from star to star and will not necessarily average down.  For a 

Zerodur substrate, larger scale CTE variation will be near zero, and any residual will 

produce correlated astrometric patterns that are easily removable (e.g., overall expansion 

and contraction of the substrate). A study of the stability of the stars has been done 

considering two kinds of substrates, Fused Silica which has a CTE of 0.55x10-6 and 

Zerodur with a CTE of 0.02x10-6. A summary of the resulting values is shown in Table 

2–8. 

Table 2–8. Comparison of reference star stability for Fused Silica and Zerodur 
substrates. 

Substrate CTE ∆!  [°!] Expansion [m] Expansion [px] Expansion [µas] 

Fused Silica 0.55x10-6 0.1 3.3x10-10 4.46x10-5 124 

Zerodur 0.02x10-6 0.1 1.2x10-11 1.62x10-6 4.5 

 
For the final configuration of the testbed, Zerodur will be used as the star field 

substrate. Also, the temperature in the enclosure will be controlled within 100 mK. For a 

mean CTE of 2e-8 for Zerodur and temperature stability of 100 mK, the overall RMS 

expansion will be ~ 12pm at the edge of the field, corresponding to an amplitude of 
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approximately 4.5µas or 1.6x10-6 pixels, which satisfies the desired precision of 18µas 

that will be derived later. The residual following subtraction of overall expansion or 

contraction will be much less than 1µas. Unfortunately, the contribution due to small 

scale CTE variation in Zerodur is not well constrained at this time, but since it averages 

down with the number of stars, there is reason to believe it will be less than the amplitude 

of the overall expansion and contraction.  

3) Central star brightness. Considering that the brightness ratio of the spikes 

versus the central star is in the order of 10-8, the central star must be 104 brighter than the 

field stars to be able generate spikes with a SNR of 2 without saturating the background 

field stars, which occurs at 6.5x104 counts.  

4) Central star positioning range. It is necessary to have a range to adjust the 

position of the central star in order to create an astrometric signal and also for alignment 

purposes. From the optical design that will presented later, a range of +/- 11µm was 

derived.  

5) Astrometric signal stability. The position of the central star should be stable in 

order to induce a known astrometric signal. The stability envelope of the astrometric 

signal is given by the stability of the PSF generated by the concentrator lens; however, 

the diffraction effects in the pinhole of the central star will mitigate errors. The near-field 

propagation in the pinhole is very difficult to simulate, and, therefore, it will measured 

empirically. The minimum stability requirement is 1µm, which is equivalent to 280mas 

or 0.13px. The ideal is 100nm, which is equivalent to 28mas or 0.013px. Despite the fact 

that these values are orders of magnitude higher than an earth-like exoplanet astrometric 
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signal, the values defined will allow demonstrating the concept within a reasonable 

engineering challenge. 

6) Pupil brightness uniformity. This requirement was already discussed in the 

imaging requirements. This requirement is shared with the imaging system because it is 

part of the interface. The pupil must be uniformly illuminated by all the sources in the 

star simulator located 550mm away from a 16mm pupil. A uniformity requirement of 

90% was defined for all wavelengths. 

7) Telescope roll simulation. This requirement was discussed in the optical 

design section, and, after analyzing the impact of this requirement on the optical system 

and on the star simulator, it was decided that it is more convenient to rotate the star 

simulator than rotate the optical system. In order to meet the goal, the source and the 

illumination system is mounted on a tube that can rotate over 360˚ to simulate telescope 

roll. 
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Table 2–9. Star simulator top-level requirements. 
 
Requirement  Value Comments 

Number of background stars >100  

Star field simulation stability [RMS] 120µas  

Star field simulation stability stage 2 5µas After subtracting systematics 

Central v/s field stars brightness ratio >104 For SNR~2 on the spikes 

Central star positioning range + /- 11µm  After thermal stabilization 

Astrometric signal stability  280mas (10-1 px)  

Astrometric signal stability, stage 2 28mas (10-2 px) After thermal stabilization 

Telescope roll simulation 360 degrees  

Pupil illumination uniformity 90% For 350 - 900nm 

 
2.5.2. Star Simulator Design 

The design and fabrication of the star simulator was broken down in two stages to 

optimize the design using the lesson learned from the initial design. The star simulator 

top-level requirements for both stages are summarized in Table 2–9. The opto-

mechanical interface and the operational requirements are the same than ones specified in 

Table 2–6 for the imaging system. 

The concept to create the star field is to illuminate the backside of a fused silica 

flat window with collimated white light. The front side is coated with chrome where an 

array of 17 by 17 holes 5µm in diameter are imprinted by lithography. On the back of the 

substrate there is a small concentrator lens that is precisely glued to focus the light on the 
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central pinhole, or star, enhancing its brightness by a factor 1.5x104 without affecting the 

diffraction angle that illuminates the pupil and allowing a high stability at the same time. 

A conceptual drawing of the star simulator system is shown in Figure 2–21. 

 
Figure 2–21. Conceptual drawing of the star simulator system 

 
The collimated beam that illuminates the star field mask is obtained by connecting 

a light source to a SMA 400µm fiber fed in one end of a 500mm tube. The fiber has a 

numerical aperture of 0.22. To match this beam divergence, a 75mm focal length 

achromatic doublet could be used; however, at the focal distance the beam footprint is 

much larger than 1”, causing a large impact on the system throughput. A solution for this 

problem was to use two achromatic doublets, where the second of them can slide to 

adjust collimation. Also this concept allowed the creation of an astrometric signal by 

translating the fiber source on a plane perpendicular to the optical axis on the back of the 

tube. When the fiber became off-axis with respect to the achromatic doublets, a slight tilt 

was introduced on the wavefront causing a motion of the central star PSF after going 

through the concentrator lens. The main design trade-offs of this concept are the 

following:  
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1) Fiber throughput versus fiber core images size. The concept shown in Figure 

2–21 will re-image the core of the fiber on the host-star pinhole. Therefore, the fiber 

should have a small core to create a smaller image, but a smaller core has smaller 

throughput. The system design should provide the largest demagnification possible in 

order to allow most of the fiber light to go through the central star pinhole. 

2) System magnification, stability and motion range. The stability of the system 

greatly depends on the demagnification the system. For a larger demagnification, the 

system instabilities are reduced accordingly. But the PSF motion range becomes smaller 

as well.  

To optimize the design, a 30mm focal length achromatic doublet is installed very 

close to the fiber in order to reduce the numerical aperture of the fiber. Then, a second 

200mm focal length achromatic doublet completes the collimation of the light. The 

collimation can be adjusted by allowing this achromatic doublet to move along the 

optical axis. 

Several off-the-shelf concentrator lenses were analyzed to find one that would 

have a back focal distance close to the reduced thickness of the substrate. Finally, after 

trying many configurations and considering the respective tradeoffs, the model NT65-288 

from Edmund optics was selected. It has a 2.5mm diameter, made of SF9, and a BFD of 

4.57mm, which is equivalent to 6.67mm matching close enough the Fused Silica 

substrate thickness of 6.35mm. Then, the system was glued using Norland 61 UV curing 

glue. A complete analysis of the concentration ratios and performance is shown in the 

next section. The goal of the concentrator lens is to reach concentrations ratios of at least 
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1000:1. The star field mask is mounted using the HPT1 XY translational stage that allows 

aligning the central star with mechanical axis of rotation of the bearing.  

 
Figure 2–22. ZEMAX prescription of the star simulator. 

 
A ZEMAX model of this system was built in order to measure the concentration 

ratio, measure PSF shift, and size and perform an opto-mechanical sensibility analysis. 

The optical prescription of the star simulator is shown in Figure 2–22, where the two 1” 

Thorlabs achromatic doublets, of 30mm and 200mm, are modeled with a variable 

distance between them in order to find the smallest PSF. Coordinate breaks were placed 

between elements to simulate a fiber shift and also to do a sensibility analysis of motions 

of each component. Also, the small 2.5mm diameter spherical meniscus concentrator lens 

is shown in the prescription. 

The optical layout of this model is shown in Figure 2–23. The system was 

designed with magnification of 0.02, reducing the motion of the central star PSF by a 

factor of 50 with respect to the fiber translation, increasing the accuracy and stability of 

the simulated star host star by the same factor. The ZEMAX drawing on the top of Figure 

2–23 shows the general layout of the system with the fiber fed on the left, the two 
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doublets, and the substrate with the concentrator lens. The image on lower left shows 

how the astrometric signal is generated by moving the fiber position 1mm. The PSF is 

translated by 21µm. The image on the lower right shows the centered position of the 

system.  

 
Figure 2–23. ZEMAX Model of the light source and astrometric signal generation. 

 
Finally, the fiber is connected to an SMA adapter threaded in a Thorlabs HPT-1 

XY translation stage, which is attached to the main rotation tube. This stage allows XY 

translation of the fiber within range of +/- 1mm using a micro threaded alignment screws 

with 250µm pitch per turn. It is reasonable to assume that hand adjustments of 10˚ on the 

alignment screws can be easily done, resulting in fiber translation resolution of 6.9µm, 

which finally translates in 139nm resolution on the PSF position and a full range of 

motion of +/-21µm at the star simulator mask. The goal of having a large range of 

motion, which is 4-times lager than the pinhole size, is to provide range to compensate 

for misalignment of the concentrator lens. Figure 2–24 shows a picture the Thorlabs 

achromatic doublet used AC254 and the HPT-1 translation stage.     
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The illumination system and the star field mask are required to rotate to simulate 

the telescope roll used to average out pixel errors. As a result, the optical system was 

designed to be mounted inside a tube, which is driven by a rotation stage. A high 

precision Thorlabs NR360S rotational stage was selected for this purpose and a complete 

flexure analysis and error budget was performed.  

 
Figure 2–24. Thorlabs achromatic doublet and fiber translation stage. 

 
2.5.3. Light Concentration and Sphero-Chromatism 

The brightness enhancement of the central star has a second power dependence on 

the concentrator lens spot radius. This dependence is given by the squared ratio of the 

lens radius and its spot size, as shown in equation 2.5. This equation defines a surface 

intensity. Therefore, it does not depend on having the complete spot injected through the 

pinhole, but it does represent the surface brightness of the pinhole. 
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  The concentration factor is mainly limited by sphero-chromatism caused by the 

concentrating 2.5mm diameter lens, which is neither achromatic nor aspheric. The result 

is the presence of longitudinal chromatic aberration and spherical aberration. Spherical 

aberration prevents a uniform distribution of the rays enlarging the spot size for each 

wavelength. On the other hand, the chromatic aberration induces a focus shift for each 

wavelength, creating a large wavelength dependent intensity transmission as a function of 

defocus. The through focus diagram shown in Figure 2–25 shows the sphero-chromatic 

effect for F, c, and D wavelengths at different focus positions.  

 
Figure 2–25. Sphero-chromatism effect of the concentrator lens as a function of 

defocus. 
 

The spherical aberration effect has been modeled in expression 2.6 using the 

expression RMS spot size as a function of defocus and spherical aberration. 

 (2.6) 

Combining this spot size radius with the longitudinal chromatic aberration term, it is 

possible to obtain the defocus position for each wavelength that will maximize its 

transmission through the central star pinhole. This process was repeated for 486nm, 
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587nm, and 653nm to find an optimal polychromatic defocus point that maximized the 

brightness ratio of the central star. The expected polychromatic concentration factor is 

15800:1 with a spot size of 11.4µm. Figure 2–26 shows the spot size on the left and 

concentration factor on the right as function of defocus and wavelength. The black line 

represents the polychromatic values. The main impact of the sphero-chromaticity will be 

an additional modulation of the spikes brightness due the wavelength-dependent effect 

that the concentrator lens produces; however, the expected concentration ratio is much 

larger than the requirement, allowing a concentration ratio larger than 1000 for the 

operational wavelength range. 

 
Figure 2–26. Spot size on the left and concentration ratio on the right as a function 

of focus and for F, c, and D wavelengths. 
 
2.5.4. Mechanical Design 

A preliminary sensibility analysis in ZEMAX showed that the stability of the PSF 

is very sensitive to translation and tilts of the optical components. Therefore, the 

mechanical design was conceived to maximize the rigidity of the system and to allow 

!
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flexible connections to remove or mitigate over-constrained links. The system is mounted 

on a 2” OD, ¼” wall thickness aluminum tube, as shown in Figure 2–27. The tube is 

supported using a rotational stage and a free rolling bearing to minimize gravity bending 

of the tube. However, this configuration is hyperstatic, hence any bearing run out will 

result in bending of the tube that will cause a tilt in the optics and PSF shift.  

 
Figure 2–27. Cut and 3D model of the star simulator system. 
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A flexure was designed to connect the tube with the rotational stage absorbing, 

not only the misalignment or run out of the bearings, but also any mounting misalignment 

or machining errors that were expected to be larger than the bearing run out, which was 

maximum +/-3.5µm for the ABEC 5 bearing selected. However, machining and mounting 

errors were in the order of 100µm. The goal of the flexure was to provide a complaint 

connection in an otherwise very stiff system, reducing the misalignment induced forces 

and therefore minimizing the bending of the tube. 

 
Figure 2–28. FEA analysis of the optical tube flexure. The FEA mesh, constraints 

and forces are shown on the left. Amplified deformation is shown on the right. 
 

The flexure was designed to provide a high stiffness in translations within the XY 

plane, allowing a precise and stable location of the optical axis (Z), but being fairly 

compliant for rotations about X or Y-axis. In this model the XY plane is perpendicular to 

the optical axis, which is collinear with the Z-axis. To achieve this mechanical behavior 

the flexure has a ring that is attached to the rotational stage. From this ring 4 arms extend 
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radially connecting at the maximum radius with another set of arms coming from a ring 

that will be connected to the tube that we would like to hold. The long thin arms, allow 

the flexure to be compliant in rotations with respect to the X and Y-axis, but at the same 

time create a high stiffness for translations within XY plane (Radial X-Y). The flexure 

was designed in SolidWorks and Finite Element Analysis (FEA) was performed to 

determine the compliance of the flexure, which allows finding the bending of the tube for 

a given bearing run out and mounting misalignment. Figure 2–28 shows the FEA mesh, 

the model constraints, and forces applied on the left image. On the right, the resulting 

deformation amplified 5000 times is shown when a force pair of 1N is applied at the 

connection with the tube. The analysis was performed for rotation and translation for X, 

Y, and Z-axes, completing the compliance characterization of the flexure for the 6 DoF. 

The results are presented in Table 2–10. Note that due to symmetry there are two DoFs 

that are equivalent. 

Table 2–10. Flexure compliance for the 6 DoF. 

  Rotational X-Y Axial Z Rotational Z Radial X-Y 

Compliance 

[deg/Nm] or [mm/N] 
0.04474 0.07860 0.00229 0.00021 

 
The resulting stiffness shows that the flexure is 3052 times more compliant than 

the tube itself therefore reducing by three orders of magnitude the flexure of the tube 

induced by misalignment of the optical axis and differential bearing run out.  
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2.6. Design Analysis and Error Budget 

2.6.1. Optical Sensibility Analysis 

An optical sensibility analysis was carried out to validate if the top-level 

requirements were satisfied with the design presented in the previous section. The goal of 

this analysis is to find how a certain figure of merit is affected by controlled changes over 

the different variables of the system, which is equivalent to the derivative of the figure of 

merit with respect to the variable being analyzed. Once these sensibilities are known, it is 

possible to create an error budget for the figure of merit provided known uncertainties in 

the model variables. 

The optical sensibility of the system is obtained applying a small perturbation to 

each variable of the system and measuring the resulting change. Following this 

procedure, it is possible to obtain a vector of sensibilities for the system variables. To 

compute the error budget, the sensibilities are multiplied with the real perturbations of the 

system and summed as Root Sum Square (RSS).  

In this case, the figures of merit are the position of the central star PSF, which is 

needed to compute the stability of the central star during operation of the system, and the 

Back Focal Distance (BFD) of the concentrator lens, which is necessary to compute the 

central star concentration factor.  

The variables include geometrical considerations such as the position and tilts of 

the optical components, but they also consider uncertainty in the refraction index or other 

characteristics of the off-the-shelf components. To compute the optical sensibilities, a 

ZEMAX model of the system was created inserting coordinate breaks for each optical 
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surface. Then, small perturbations were applied to each variable of interest and the 

resulting shift on the central PSF was recorded. A summary of the sensibilities computed 

is shown in Table 2-11, where two columns are presented. These columns are the BFD 

distance change of the concentrator lens as a function of change of the distances of the 

lenses and unitary changes in their focal lengths and the PSF position change sensibility 

as a function of translations and rotations of the optical components and the source. In 

some cases, the table units are in units of mm/mm, showing that it is a unitary sensibility. 

The sensibilities described here were used to obtain tolerances of focus and PSF position 

as a function of system perturbations. The analysis is done for the position of lens 2, 

which is the focus compensator, where the RMS spot size is minimized. 
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Table 2–11. Optical sensibilities of the star simulator. 
 
Optical sensibilities (@l2=326.04mm) Focal length change PSF position XY 

!(lens1)/  !(focus) [mm/mm] 0.002621 NA 

!(lens2)/  !(focus)[mm/mm] -0.000744 NA 

Focal length uncertainty lens1 [mm/mm] 0.0004 NA 

Focal length uncertainty lens2 [mm/mm] 0.0022 NA 

Source axis tilt [mm/deg] NA 0.07 

Source axis translation (XY) [mm/mm] NA 0.021 

Lens 1 axis tilt [mm/deg] NA -0.13 

Lens 1 axis translation (XY) [mm/mm] NA 0.18 

Lens 2 axis tilt [mm/deg] NA -0.0027 

Lens 2 axis translation (XY) [mm/mm] NA 0.06 

 
Note that the change of the collimation lens reduced significantly the sensitivity of the 

system. For example, the source axis translation has a ratio of roughly 48:1 instead 5:1 of 

the original design. Also angular sensitivities were reduced by a factor of 10. 

2.6.2. Controlled Motion of the PSF 

The sensitivity analysis shows that there is a ratio of 48:1 between the motion of 

the fiber and the PSF location. For a +/- 1mm range on the stage, a +/-0.021mm or 21µm 

of translation on the PSF is obtained. This gives an ample margin to accommodate an 

even smaller sensibility in case the collimator lens is moved forward. The PSF motion 

resolution can be computed assuming hand adjustments of 10˚ on the HPT-1 stage 
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screws, which results in a fiber translation of 6.9µm. This motion causes a 139nm motion 

resolution on the PSF position and a full range of motion of +/-21µm at the star simulator 

mask. 

2.6.3. Intensity Ratio of the Central Star 

The spot radius will be a function of the focus at the surface of the mask, where 

the pinhole is located and the control of sphero-chromaticity. The focus of the lens is 

affected by the uncertainty on the different components of the system. The first variable 

is the substrate thickness, which, according to the manufacturer, is +/-1mil or 25.4µm. A 

change in the thickness will modify the relative position of the concentrator lens with 

respect to the coating where the pinholes are located. Second, the concentrator lens back 

focal distance has an uncertainty of +/-1%. Then, there are two more variables: the 

position of the achromatic doublets and their focal length uncertainty. A summary of 

these variables and their uncertainties is shown in Table 2-12. The first column shows the 

actual value of the variable, the second column shows the tolerance calculated or 

provided by the manufacturer, and the third column presents the defocus effect of these 

variables. The system defocus tolerance is obtained as the RSS of the defocus 

contribution of each of the variables previously mentioned. 
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Table 2–12. Central star concentration versus defocus tolerance. 
 

Defocus uncertainty 

Value 

[mm] 

Tolerance 

[mm] 

Defocus 

Tolerance [mm] 

Substrate thickness (+/-1 mil) 6.350 0.025 0.02500 

Concentrator BFD (+/-1%) 4.570 0.0457 0.06665 

Distance lens 1 (Fiber positioning 1mm) 13 1 0.00262 

Distance lens 2 (Delta 1 C) 326 0.0075 -0.00001 

Focal length uncertainty lens1 (+/-1%) 30 0.3 0.00012 

Focal length uncertainty lens2 (+/-1%) 200 2 0.00440 

RSS defocus uncertainty     0.07124 

Total defocus range (lens 2 @(150-330))     0.12000 

 
The resultant system focus uncertainty is 71µm; however, the system has a focus 

adjustment of 120µm by sliding the lens 2 from 150 to 330mm from lens 1. This shows 

that the focus uncertainty can be accommodated by the system adjustment in order to 

achieve an optimal RMS spot focus location. Therefore, I assume that the optimal RMS 

spot size can be achieved. 

The spherical aberration and defocus term was obtained from ZEMAX for a given 

location and for each wavelength. From this point, the focus compensation was modeled 

to find the spot sizes as a function of focus shift and wavelength. The result is shown in 

Figure 2–26. The model allowed finding the correct focus shift to obtain the smaller spot 

size for each wavelength. The resulting values are summarized in Table 2–13. 
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Table 2–13. Concentration factors per wavelength and RMS. 
 
Wavelength λc=0.653nm λd=0.587nm λf=0.486nm RMS 

Defocus [λ] -10.7 -31.5 -76.1 -33.4 

Spot radius [um] 9.44 7.83 7.1 11.39 

Concentration factor 17500:1 25440:1 30970:1 15862:1 

 
The conclusion of this analysis is that a concentration factor of 15440:1 is 

possible to achieve with the current design. It is important to note that the pinhole will act 

as a spectral filter for a given focus position because the throughput will vary as a 

function of the wavelength, causing an additional modulation on the brightness of the 

spikes. 

2.6.4. PSF Stability Over 360 Degrees Rotation 

The star simulator will rotate to simulate telescope roll. This feature is needed to 

average down detector pixel errors, increasing the precision of the astrometric 

measurement. The implementation of this feature in the laboratory requires mounting the 

star simulator on a rotating tube; however, by doing so, many positioning variables of the 

system optics will change during rotation, thus modifying the PSF position. The 

following variables have been identified and taken into account for the PSF stability error 

budget. 

1) Tube bending. The tube holding the optics is supported by two high precision 

bearings, creating a hyperstatic mechanical link. A total of 110µm axial misalignment 
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was allocated in the error budget considering worst-case relative bearing run out and 

mechanical mounting errors. 

 
Figure 2–29. Optical tube flexure with and without the flexure. 

 
The axial mismatch term is considered as an angular bending of the tube of 1.2x10-5 

degrees. The flexure previously described was designed to absorb this axial 

misalignment with minimum force, reducing the deformation of the optical tube by 

more than four orders of magnitude, as is shown in Figure 2–29. In fact, the 

sensibility of this term is small and has a negligible contribution to the PSF error 

budget of only 8.42x10-10 m. 
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Figure 2–30. Fiber holder FEA analysis for 0.3 N-m moment loads on the left and 1 

N self-weight on the right. 
 

2) Fiber tip-tilt. The second element considered is the fiber holder plate bending 

under moment loads caused by the fiber weight and wrapping while the tube is rotating. 

A conservative toque value of 0.3N-m has been considered to perform the FEA 

simulation shown in Figure 2–30. This term is the second largest term of the error budget 

and it is in the same order of magnitude than the largest contributor. However, a custom 

made stiffer holder can be easily designed to strongly mitigate this term. 

3) Fiber translation. The system has been designed to shift the PSF when the 

fiber is translated; therefore, any uncertainty in the fiber position will propagate into the 

PSF position uncertainty. There are two terms related to fiber translation uncertainty. The 

first is the differential thermal expansion of the HPT-1 stage. For a 0.1˚C temperature 

change, the differential expansion caused by different materials’ CTEs in the micrometer 

results in a fiber motion of 1.75x10-8 m. The second term is the deformation of the fiber 

holder plate under self-weight. A FEA simulation of this load case is shown on the right 

image of Figure 2–30.  



 103 
 

4) Lens 1 and 2 tilt and translation. Lens 1 of the first achromatic doublet is 

mounted directly to the HPT-1 stage back side high-precision thread. Since the thread and 

the achromatic doublet are symmetric in geometry and construction, it is assumed that 

this lens does not suffer from any tilt or translation. Also the sensibility is very small, 

therefore any error in this assumption will not impact significantly the error budget. On 

the other hand, lens 2 is mounted inside the sliding tube, which has a tolerance of 5µm to 

allow a smooth slide inside the tube. This tolerance creates a tip-tilt and translation 

uncertainty, which propagates to the PSF error budget given the high sensibility of this 

term.  

An error budget of the PSF stability over 360˚ is summarized in Table 2–14. The 

terms previously described are added using the Root Sum Square (RSS), resulting in PSF 

stability of 351nm or 130mas in the image plane. The top-level minimum requirement for 

this variable was 280mas or 10-1px on the detector, which is equivalent to 740nm and is 

more than two times larger than the stability achieved.  
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Table 2–14. PSF Stability error budget for 360˚ rotation. 

Variable Perturbation Sensibility PSF error [m] 

Source axis tilt [m/deg] 

Tube bending due to bearing run out (deg) 1.20x10-05 7x105 8.42x10-10 

Fiber holder bending fiber moment 

(0.3Nm) 0.00262 7x105 1.83x10-07 

Source axis translation (XY) 

HPT1 Stage differential expansion (0.1˚C) 1.75x10-08 0.021 0 

Fiber displacement due to self weight (1N) 1.59x10-09 0.021 3.34x10-11 

Lens 1 and 2 tilts and translations 

Lens 1 axis tilt [m/deg] 0 -1.3x104 0 

Lens 1 axis translation [m/deg] 0 0.18 0 

Lens 2 axis tilt [m/deg] (tilt 5µm) 0.00188 -2.7x106 -5.08x10-09 

Lens 2 axis translation [m/deg] (shift 

5µm) 0.005 6x105 3.00x10-07 

RSS     3.51E-07 

   

 The PSF stability error budget shows two variables that are two to three orders of 

magnitude larger that the rest. Their effect dominates the resulting RSS. The first one is 

the fiber tilt produced by the bending of the fiber holder plate. This term contributes 

187nm to the error budget; however, by designing a custom made thicker plate, this term 

can be easily reduced. Since the plate stiffness is a cubic function of the thickness, a large 
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improvement can be achieved without significantly modifying the design. The second 

term is the XY plane translation of Lens 2. This term error arises as a result of the 

tolerance necessary to slide the focusing tube that holds Lens 2 inside the optics tube. 

Again, mounting the lens on a high precision stage can easily reduce this term. This 

analysis suggests that, if necessary, the stability of the PSF can be improved by two 

orders of magnitude by implementing minor design changes on the star simulator.  

2.7.  Imaging System and Star Simulator Performance 

The system components were procured and several parts were manufactured from 

the drawings generated in Solid Works that were then sent to the shop. The laboratory 

was assembled and aligned according to the procedures described before on a vibration 

isolated optical bench. This section reports on the performance of the imaging system and 

the star simulator. An image of the laboratory is shown in Figure 2–31. The star simulator 

is mounted and aligned to match the optical interface of the imaging system. A support 

has been designed to reach the height of the optical axis and then shims were used to 

match exactly the height of the optical axis defined by the imaging system and its first 

element, the diffractive pupil. Also, the figures shows the off-axis parabolas mounted in 

their kinematic support to provide tip-tilt alignment. Note that these are full parabolas, 

but only a section of them are used to achieve an off-axis design, minimizing cost and 

avoiding the clocking problem. The camera is shown on the left and can be adjusted in 

translation, focus, and rotation using a stage with micrometers to ensure repeatability in 

the positioning. The focus is not very sensitive provided the large f/# of the system. Just 
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in front of the camera it is possible to mount a stage to slide a piece of glass used to 

induce artificial distortions between measurements.  

 
Figure 2–31. High precision astrometry laboratory. 

 
The real system has been tested to validate that the top-level requirements are met. 

First we verified the image quality and FoV. The magnification is 1 to 1 and the plate 

scale is preserved at 7.4µm/px, which is equivalent to 2.775arcsec/px. The system 

delivers diffraction limited, unvignetted FFoV of 1.4˚, as shown in Figure 2–32. The 

yellow-dashed line shows the unvignetted FFoV. Within this region, the PSF has a Full 

Width Half Maximum (FWHM) of about 3px as predicted on the design. Beyond this 

region, the PSF elongation became significant due to the large off-axis angle of the 

incoming light. Vignetting is not evident from the image; however, the ZEMAX model 
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predicts this problem for a FFoV larger than 1.4˚ in the collimated space between the 

parabolas. From the image point of view it will manifest as proportional reduction in flux 

for the vignetted object, but from the diffractive distortion calibration point of view, 

vignetting will cause errors because some areas will not be sampled.   

 
Figure 2–32. Image of the diffraction spikes and the star simulator. 

 
The spikes have a maximum brightness of approximately 10,000 counts and the 

background stars are in the order of 12,000 counts for a 360 second exposure time. To 

make the brightness of the spikes and stars similar, it was necessary to add a Neutral 

Density Filter (NDF) with Optical Density (OD) of 2 before the star field. This was 

necessary because, due to alignment problems, while gluing the concentrator to the 

substrate the achieved brightness enhancement factor on the central star was only 410 
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times. Using the neutral density of OD=2, it was possible to increase the ratio between 

the spikes and the starts to 4.1x104. A second design using an achromatic concentrator 

lens glued on top of a tungsten disk with 5µm pinholes increased the concentration factor 

dramatically. Also, this new design eliminated high background shown on a previous 

design that was caused by transparency of the mask coating. 

There are 289 visible stars in the array of 17x17 pinholes. However, only 108 of 

these are visible within the diffraction limited, unvignetted FoV. This value satisfies the 

requirement of more than 100 stars in the star simulator. Table 2–15 presents the star 

simulator and imaging system performance summary. 

A 2.5mm round aluminum occulter was designed, manufactured, and installed on 

the surface of the external side of the camera window. Despite the fact that this surface is 

not located exactly at the focal plane, the beam is slow enough to block the whole central 

star footprint. The occulter minimizes light contamination caused by reflections of the 

central star between the pixel surface and the internal side of the window. Also, it 

prevents diffraction effects caused by the intense irradiance of the central star falling on 

the square grid defined by the pixel edges. The occulter can be clearly seen in the central 

area of Figure 2–32.  
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Table 2–15. Optical system performance summary. 
 

Requirement Value Achieved value 

Wavefront error (RMS) < λ/4 (Diff. limited) < λ/25 for the whole field 

Unvignetted FOV  >0.5º 1.4º (13.2mm in the object plane) 

Plate scale 7.4µm/px 7.4µm/px (2.775 arcsec/px) 

Resolution > Nyquist PSF radius = 23µm (3.1px)  

Operational wavelength 350 to 900 nm 350 to 900 nm 

Pupil illumination >90% >90% for full field, all λ 

Concentration ratio > 104 410 (first design) 

Stars within FoV >100 108 

Spikes brightness (360s exp.) Not specified ~10000 ADU 

Stars brightness (360s exp.) Not specified ~12000 ADU 
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CHAPTER 3. DATA PROCESSING ALGORITHMS FOR ASTROMETRIC 

CALIBRATION 

The data reduction algorithm to obtain distortion calibration information from the 

images that contain the diffraction spikes is also novel work developed for this 

dissertation. I created in Matlab a pipeline that is able to get images from two different 

epochs and obtain the distortion map to calibrate the differential distortions without 

significant manual intervention. I wrote several algorithms to perform image preparation, 

distortion computation, and interpolation for this purpose. This chapter first discusses the 

conceptual approach used then presents the data reduction algorithm using a step-by-step 

real data example.  

3.1. The Concept  

As was discussed in Chapter 1, the use of astrometry to detect an exoplanet based 

on its gravitational effect requires an extremely precise distance measurement from the 

candidate central host star to a set of background stars. Those measurements are directly 

affected by distortion, since it modifies the plate scale as a function of the field angle. 

Distortions in optical systems arise from deformation of optical surfaces or at the detector. 

Dynamic distortions in particular are difficult to calibrate given their dependence on 

many variables. Over a FoV in the order of tenths of a degree, the astrometric error 

caused by the distortions is larger than the astrometric signal that an earth-like exoplanet 

would create. Hence, it is necessary to calibrate non-systematic distortion terms in order 

to enable this kind of science using astrometric measurements. 
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Spikes are created by the diffraction effect of the host star wavefront incident on 

the diffractive pupil, which is the first optical surface of the telescope. The spikes are 

imaged on the image plane, mapping errors created by all the optical surfaces in the 

system. Hence, distortions induce the same error to the spikes and to the background stars’ 

image positions. Since the host star creates the spikes, they move together, thus allowing 

the measurement of the astrometric signal directly on the spikes. As a result, the correct, 

undistorted measurement can be obtained by referencing each background star to the 

closest spike instead of to a reference pixel. This concept allows astrometric 

measurements, removing dynamic optical system errors and enabling astrometry as an 

earth-like exoplanet science tool. 

 

Figure 3–1. Astrometric measurement calibration for exaggerated field distortions. 
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The candidate host star astrometric signal can be obtained by measuring the 

position change with respect to the background stars between two measurements or 

epochs. Figure 3–1 is a sample image from the laboratory, showing an overlap of the 

background star positions obtained during two simulated different measurements, where 

an astrometric signal of 160” was applied and represented by the yellow arrow displayed 

next to some stars. A simulated barrel distortion was applied next to the upper left corner 

of the image, and pincushion was applied next to the bottom right. As can be seen in the 

image, without using the diffraction spikes the astrometric measurement is the sum of the 

real astrometric signal plus instrumental distortion, which results in wrong measurements 

shown as green and red astrometric vectors.  

In Figure 3–1, the effect of the distortions on the spikes is also evident and 

consistent with the position change of the stars. Then, the real astrometric signal can be 

measured from the background stars to the spikes. Due to implementation reasons, it is 

easier to build a distortion map and apply that correction to the measured position on the 

detector than measure directly the distance from each spike to each star. 

3.1.1. Radial and Azimuthal Distortion Calibration Using the Spikes 

The spikes provide accurate measurement of distortions only in an azimuthal or 

angular direction, which is perpendicular to them. The spikes have a radial symmetry, 

and, therefore, radial distortions cause stretching or shortening of the spikes that is very 

difficult to measure given the continuous blackbody spectrum nature of the source. Since 

the spikes are spectral stretches of the host-star light, radial distortion measurements are 

only possible if strongly defined and permanent spectral lines are visible. Figure 3–2 
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shows the profile of spikes generated by the polychromatic light source that emulates a 

blackbody at 2700˚K. Microarcsecond radial distortions manifest as a stretch of this 

profile by less than a 10-5px, which is undetectable for the SNR of the spikes. However, 

an estimation of the radial distortion can be obtained and its precision has a strong 

dependence on the spectral features of the source. 

 
Figure 3–2. Radial profile of a real spike. 

 
A complete astrometric measurement in 2 dimensions can be computed using 

individual azimuthal astrometric measurements, each one in a direction perpendicular to 

each spike. These measurements can be combined and projected in XY coordinates to 

obtain a final single astrometric vector. Despite the fact that this technique is insensitive 

to radial distortions, the astrometric accuracy is not affected because a regularly spaced 

azimuthal collection of distortion vectors is created. These measurements can be 

projected into a single astrometry correction vector. Note that during this process the stars’ 
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proper motions and the centroiding error is averaged down as the number of stars 

considered increases, after the secular motion is removed. 

3.2. The Data Reduction Algorithm 

The desired outcome of this technique is a precise two-dimensional differential 

astrometric measurement of a target using two data sets. By repeating this process and 

adding subsequent measurements together, the orbit of the host star and the orbital data 

and mass of the exoplanets can be determined. The frequency of the measurements 

determines the resolution of the orbit obtained and therefore has to be defined by the 

expected orbit time of the exoplanet candidate. On the other hand, the length of each 

observation affects the precision of the measurement by increasing the SNR. However, it 

will limit the number of targets that the telescope can observe.  

3.2.1. Image Preparation 

Once the telescope is pointed and stabilized on one of the host star candidates, a 

data set is taken. At this point telescope roll can be used to average down detector errors 

using the pixels covered by each star trajectory while the telescope rotates. Another 

benefit of rolling the telescope is that it will average high spatial frequency distortion 

terms that cannot be sampled by the spikes. However, for the purpose of this discussion 

the basic algorithm without telescope roll is described. For each epoch or measurement of 

a given target, a set of images is taken in order to reduce the noise. The raw images are 

downloaded and preprocessed, removing hot pixels and cosmic rays that can cause errors 

in the distortion calculation. Then, the images taken are stacked to create the resulting 

images at two different epochs I1 and I2. The procedures and algorithms presented in this 
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section are all programed in Matlab, allowing a quick and reproducible way to reduce the 

raw data to obtain a distortion calibration map. 

3.2.2. Removing Cosmic Rays and Hot Pixels 

There are two kinds of pixel artifacts on the detector that cause abrupt changes in 

the pixel intensity, and they are not due to real light. These are hot pixels and cosmic rays. 

Hot pixels normally have a high-count reading even when they are not excited by light. 

Some hot pixels have a constant value, in which case they can be removed using a dark 

frame. However, some of them have a weak light response; therefore, they cannot be 

subtracted just using a dark frame. Cosmic rays are energetic charged subatomic particles 

originating in outer space; when one of these particles impacts a pixel, it generates a large 

number of counts, normally saturating the pixel. 

 
Figure 3–3. Hot pixels and cosmic rays removal example 

 
Since both sources of noise affect only one isolated pixel, they are much smaller 

than the diffraction limited PSF and therefore can be statistically identified, removed, and 

replaced by the neighbors’ pixel average. The implemented filter measures the standard 

deviation of each pixel within a filter box, and if the computed value for the box is larger 
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than a threshold, the pixel is recognized as a hot pixel and replaced. The box size is 5x5 

pixels, which is smaller than the PSF size, and the threshold is set to be higher than the 

standard deviation of a sharp PSF centered in the middle of the box. An example of this 

process is shown in Figure 3–3 where several hot pixels or cosmic rays are removed 

using the algorithm described. 

3.2.3. Image Centering 

Due to alignment and mounting reasons, the image is not centered on the CCD. 

However, the distortion algorithm uses the angular derivative, which requires having the 

center of the spikes coincident with the origin of the coordinates and the frame center. 

The origin of the coordinates was set at the middle of a 2500 x 2500 pixel frame, having 

the origin (0,0) in the middle of a pixel and not in the corner. After defining the center, it 

is necessary to find the position of the central star and shift the image, having it 

coincident with the origin.  

This task is not trivial because the central star has a large saturated area making it 

impossible to apply any traditional centroiding algorithm. Since the crossing of the spikes 

accurately reflects the position of the central star, an algorithm was developed to find its 

position. For this purpose an image stripe of 10 pixels wide, as shown on Figure 3–4, is 

sampled from the upper part of the image and then is averaged to obtain a single row 

vector. Similarly, a single row vector is obtained for the lower part of the image. Then, 

the cross-correlation of the two vectors is computed. The cross-correlation has several 

peaks increasing in intensity, but the center of the spikes is located where the highest 

peak is located because most spikes are overlapping. 
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Figure 3–4. Cross correlation centering algorithm 

 
After the position of the peak is identified, the correlation lag is obtained and the 

image shift is calculated. This algorithm delivers sub-pixel accuracy and its precision is 

mostly limited by the PSF aberrations near the edges of the image. The same procedure is 

repeated in the horizontal axis as well, and once both shifts are known the image is 

centered using a frequency-domain shifting algorithm. This routine is based on the 

translation property of the Fourier Transform, where a function !(!,!) can be translated 

by (!! ,!!) by multiplying it by a complex exponential !!!!"(!!,!!)(!,!), where !  !"#  ! 

are coordinates in the frequency domain. This process can induce some numerical round-

off error in the shifted image, but it has been measured to be in the order of 10-9 ADU. 

This test was performed subtracting an image shifted by an integer number of pixels 

using this frequency-domain algorithm and compared with an image shifted by the same 
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amount using a simple shift register operation, which keeps the exact same number on 

each pixel. 

3.2.4. Removing Central Star Saturation 

The center of the image is completely saturated due to the extreme brightness of 

the central star that is approximately 108 times brighter than the spikes. As a result, there 

are several effects that contaminate the central disk of the image caused by diffraction on 

the pixels edge grid and reflections between the pixels’ surfaces and the window surface. 

The algorithm can interpret this light contamination as a distortion signal. To prevent this 

problem, a region of 320px in diameter is replaced by the average background value of 

the image. Later during the project, an occulter was designed and installed to prevent 

saturation and other sources of light contamination in the image, which increased the 

spikes’ contrast and significantly improved their SNR. 

3.2.5.  Stars and Spikes Masking and Image Separation 

The images acquired by the camera simulate the real mission scenario in which 

the star field and the spikes are imaged simultaneously on the same frame as shown in 

Figure 2–32. However, the distortion calibration map must be constructed based only on 

the spikes’ signals, otherwise the distortion result would be affected by the proper motion 

and astrometric signal contribution of the background stars. An algorithm was developed 

to identify and separate the stars in the field from the spikes and to generate two masks, 

allowing the creation of two images, one with only spikes and a second one with only 

stars. 
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The first step is to use a star detector routine developed by Wilburn (2005) that is 

able to find the local maximum within a defined filter box region that is set as twice the 

size of the PSF. When the filter is applied pixel by pixel over the image, it returns the 

local maximums that correspond to the stars. When a candidate star is selected, a Region 

of Interest (ROI) is selected around the star and a false candidate detection validation is 

executed. This algorithm normalizes the candidate star and generates a simulated PSF 

with the same FWHM of the candidate. Then, the real and simulated PSFs are subtracted 

and the residual is summed over the ROI. If the residual is larger than a threshold, the 

candidate is discarded.  

This algorithm has proven to be very effective, especially to discard spike 

sections as false candidates. If the candidate is validated as a real star, a new routine is 

executed to find the exact centroid of the star using a standard center of gravity algorithm. 

The final outcomes of this algorithm are two vectors with X and Y coordinates of the 

centroid of each star detected on the image. Then, the pipeline allows the user to do a 

manual selection or rejection of stars in case a real star is not included or a false 

candidate is selected. Once the list of stars is finalized, a binary mask is created and 

applied to the image to remove the stars and a negative mask is applied to remove the 

spikes. Alternatively, the mask can be applied to the SNR2 matrix; this has the advantage 

of solving the problem of abrupt signal changes created on the edges of the stars removed 

by the mask. The edges can create false distortion signals and wrongly bias the distortion 

map. Figure 3–5 shows the original image on the upper left and the mask on the upper 

right. On the lower row, the resulting image star is shown on the lower left and the spikes 
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image is shown on the lower right. This algorithm has proven to be effective to separate 

the stars and the spikes. However, in the future I plan to implement a median filter 

algorithm using three different images, where spike location is translated for each one. 

 
Figure 3–5. Original image, the mask, and the individual star and spike images. 

 
3.3. Distortion Map Algorithm 

The distortion calculation algorithm receives as input images from the 

observations at two different epochs, or visits to the target, and it outputs the differential 
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distortion. Several images are taken per epoch to minimize noise by averaging them out. 

They are also pre-processed according to the procedure described on the previous section. 

All the mathematical operations used in this algorithm are computed for each pixel of the 

image. Therefore, only meaningful results will be obtained for pixels that have a 

significant SNR ratio, normally 10 or more. This SNR level is achieved only along the 

spikes or the stars where there is a valid signal level. The rest of the image only has 

background and photon noise. 

3.3.1. How to Interpret the Distortion Data 

 Before describing the algorithm, it is important to remind the reader that the 

distortion to be computed is angular in a polar coordinates system, and each pixel 

contains a different distortion value. The value of a given pixel represents the magnitude 

of the angular distortion in px units along a unitary vector perpendicular to the radial 

vector that extends from the origin to the pixel where the measurement is being 

considered. As a result, the distortion measured is always angular or azimuthal and its 

direction is a function of the measured pixel. 

This can be exemplified by considering a uniform shift in the complete frame 

between two epochs. Since the angular coordinate system starts on the right side of the 

origin and increases in a counter clockwise direction, horizontal shift to the right will 

result in the following effects in the distortion calculations. The upper part of the image 

scale will be compressed with respect to the origin because the features will be closer 

between the epochs. The lower part of the image will be expanded and features will be 

displacing away. Finally, along the horizontal axis that crosses the origin no distortion is 
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measured because it is projected along the radial vector and no angular component 

remains.  

 
Figure 3–6. Simulated angular distortion maps and spikes for 0.5px horizontal and 

vertical shifts 
 
 Figure 3–6 shows a simulated angular distortion after applying a 0.5px translation 

to a copy of the first epoch and assigning it as the second one. A horizontal shift is 

applied on the left side and vertical translation on the right side. The color scale shows 

that on different sides of the origin the distortion sign changes despite the fact that 
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translations are uniform over the whole image. This is caused by the nature of the polar 

coordinates, where a positive angular vector direction changes on opposites sides of the 

origin. Figure 3–7 shows the angular distortion vector sampled at different locations of 

the field, which correspond to the position of the background stars. The angular distortion 

arrows help to understand the meaning of the colors in the distortion plot. 

 
Figure 3–7. Angular distortion vector sampled at the location of a grid of field stars. 
 
 The lower row shows a simulation of how the same distortion map will be 

sampled by the spikes. As will be described later, the algorithm can retrieve valid angular 

distortion information only along the spikes, and, therefore, the rest of the image only has 

noise. An interpolation process will be necessary to recover the distortion map that was 

the starting point of this simulation.  

3.3.2. Step by Step Distortion Algorithm Description 

Step 1) Reference and difference images computation. The resulting images per 

epoch are called I1 and I2. A flow diagram showing the main steps of the algorithm is 

shown in Figure 3–8. The first step, indicated with a red number 1, is the computation of 
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a reference image Iref obtained as the sum of I1 and I2. A differential image Idiff is 

computed as the subtraction of them. To illustrate each step of the algorithm, a 360-

second exposure of the star simulator was taken and preprocessed as described in the 

previous section. This image was named as I1. Applying a 0.5px right shift to the original 

image I1 created the second epoch image I2. This known shift between the images allows 

the characterization of the algorithm with a known result. Provided that the algorithm 

discretization for the derivatives is based on 1px, it will not behave well for distortions of 

this order, so the measurement amplitude limit was set at 0.5Px. However, the 

performance of the algorithm versus distortion amplitude still has to be characterized. 

Figure 3–9 shows on the left frame a sample of the reference image Iref and on the right 

frame a sample of the image difference Idiff.  
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Figure 3–8. First stage of the distortion computation algorithm. 

 
On the difference image, the 0.5px right shift that creates the double spikes and stars is 

clearly visible. Blue represents negative values and red positive ones. Note that as the 

spikes get more horizontal, the effective shift seen, or color contrast, reduces as well 

because it corresponds to the projection over the vertical axis, making the shifts along the 

spikes not detectable. This effect is visible on the lower left spike. 
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Figure 3–9. Reference image on the left and image or epoch difference on the right. 

 
Step 2 and 3) Angular derivative computation. The next step in the data 

reduction process is to calculate the angular derivative of the difference image Idiff. The 

square geometry of the CCD forces me to compute first the Cartesian unitary derivatives. 

They are computed as taking Idiff and subtracting it by a 1 pixel shifted version of itself, 

first in X and afterwards in Y, resulting in two derivative frames in Cartesian coordinates. 

This is step 2 in the flow diagram shown in Figure 3–8. Then, the Cartesian derivative 

terms are used to compute the angular derivative as given by the expression 3.1 and 

represented as step 3 in Figure 3–8. 

!!!"#
!"

− ! !!!"#
!"

+ ! !!!"#
!"

    (3.1) 

  Note that x and y on this expression represents the projection of a unitary angular 

vector over the X and Y-axes and they are computed as, 

! = cos tan!! !
!
  ,                      ! = sin tan!! !

!
,                            (3.2) 
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where X and Y represent matrices with the X and Y coordinates of every pixel of the 

image. These matrices are obtained using the meshgrid Matlab function that allows me to 

automatically replicate the desired axis for the complete matrix.  

 
Figure 3–10. Samples of the angular derivative and the angular distortion matrices. 
 

A sample of the angular derivative matrix is shown in the left frame of Figure 3–

10. Here it can be clearly seen how the alignment of the positive and negative side of the 

stars rotate around the axis of the frame and remain perpendicular to each spike. The 

same happens with the spikes. The angular derivative can be understood as subtracting 

the reference image and dividing it by a unitary, angularly shifted copy of itself. As a 

result, all the features are replicated with opposite sign and with a small angular offset. 

Variations in intensity are due to fluctuations in intensity in the reference image, and they 

normalize the angular distortion computation when the reference image is divided by the 

angular derivative as explained in the next step. 
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 Step 4) Angular distortion computation. Once the angular derivative is 

computed, the angular distortion is computed by performing a pixel-to-pixel division of 

the difference image with the angular derivative, as given by expression 3.3: 

!!"#$ =
!!"##
!!!"#
!"

                     (3.3) 

  The resulting angular derivative matrix contains angular distortion values for 

every pixel; however, the measurements are valid only where the SNR ratio is significant, 

normally larger than 10. A sample of the angular distortion matrix is shown on the right 

frame of Figure 3–10. Here the noise background, with a standard deviation of 0.75 

ADU, dominates the signal on the spikes that has a value close to -0.5 (blue), as expected. 

The raw distortion map of the full resolution image is shown in Figure 3–11, where the 

spikes can be distinguished from the background noise, showing a gradient from positive 

on top to negative values on the bottom. 

  The values represented in the matrix are in pixel units of distortion on the image 

plane for the position of the respective pixel and are scaled to the camera pixel size, 

which in this case is 7.4µm. Note that the value is angular, and, therefore, a positive value 

represents an expansion of the focal plane at that pixel location and a negative value 

represents a compression. The angular distortions can be projected in a Cartesian grid if 

necessary to apply the corrections to an image; however; first it is necessary to interpolate 

the results between spikes. This process will be described in the next section.  
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Figure 3–11. Raw distortion map for 0.5Px horizontal shift. 

 
  Step 5) SNR matrix computation. Before performing the interpolation of the 

spike signals, it is necessary to reduce or mask the noise in the areas where there is no 

significant SNR. The distortions to be measured are in the range of 10-2 to 10-5px, and the 

standard deviation of a typical angular distortion frame is 0.75px, which is several orders 

of magnitude higher than the signal. This is even the case for this example where the 

algorithm is tested with the maximum signal to be measured of 0.5px. Still the 

background noise is dominant as it can be easily seen in Figure 3–11, where the raw 

distortion resulting frame is displayed. Despite the fact that the data is present in this 

frame, the background noise makes the analysis very difficult. To solve this problem, a 

distortion Signal to Noise Ratio (SNR) ratio matrix for every pixel on the image is 

computed. This is step 5 in the flow diagram of Figure 3–8. The signal is the value of the 
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angular derivative and the noise is computed as the root sum square of the readout noise 

plus the photon noise, 

!"#$% = 2! !"#$   ! +
! !!"#

!

!

,                                        (3.4) 

where !(!"#$) is the standard deviation of a dark frame and g is the camera gain. Then, 

the SNR is obtained as, 

!"# =
!!!"#
!!

!"#$%
  (3.5) 

To perform noise-cancelling operations, the square of the SNR matrix is used because it 

is always positive and therefore does not modify the data. At this point, the mask shown 

in Figure 3–5 is used to separate the stars and the spikes by applying it to the SNR2 

matrix, which allows me to easily separate the distortion measurements without causing 

sharp edges. This occurs when the mask is applied directly to the images and the 

background noise cannot be matched perfectly with the mask. These edges create a false 

signal that strongly biases the distortion measurements.    
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Figure 3–12. SNR and masked SNR2 matrices. 

 
  Figure 3–12 shows on the left the SNR matrix, which has double positive and 

negative features caused by the image subtraction. Note that stars and spikes are still 

present and the algorithm can use both, but it is necessary to separate them since they 

account for different effects. In contrast, the SNR2 is always positive as shown in the 

image on the right side of the figure. Note that the SNR2 has also been already masked, 

using the mask shown in Figure 3–5 to remove the stars, allowing me to compute the 

distortion calculation only considering the spikes. When stars and spikes overlap, the 

mask may remove a small section of the spike, as shown in the lower spike of the SNR2 

picture of Figure 3–12. This does not have any important effect on the distortion 

calculation since the result will just be interpolated as the spaces between spikes.  

  Step 6) Noise filtering and interpolation. There are several approaches to use the 

SNR2 to remove the noise and obtain the interpolated signal. The first simplest option is 

just to convert the SNR2 matrix in a binary mask by applying threshold criteria to convert 

the matrix in zeros or ones. That matrix can be multiplied with the angular distortion 
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matrix to remove the noise. Figure 3–13 shows an example of the binary SNR2 being 

applied to the raw distortion data shown on the left.  

 
  Figure 3–13. Binary mask applied to distortion map image. 
 
 The result shown on the right describes a horizontal shift of 0.5px. After the noise 

is removed from the image, there are several possible interpolation techniques that can be 

used. For the purpose of this discussion, the initial approach using a convolution with a 

Gaussian kernel will be described. 

 In this approach, all the pixels of the distortion matrix are considered; however, 

by applying the SNR2 matrix to the angular distortion matrix the values along the spikes 

are amplified and the background ones are strongly minimized, 

!!"#$_!"# = !!"#$!"#!              (3.6) 

After the SNR2 angular distortion or !!"#$_!"# matrix is obtained, it is recommended to 

bin the data to make the interpolation process less computationally intensive. At this 

point the SNR2 and the !!"#$_!"# are binned by a factor of ten to obtain the SNR2
bin and 
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!!"#$_!"#_!"# matrices of 250x250. These matrices can be interpolated by performing the 

convolution with an interpolation function g, 

!!"#$_!!"_!"#_!"#$%& = !!"#$_!"#_!"# ∗ !,   (3.7) 

where g	  is a normalized Gaussian kernel defined as, 

! = !"!
!!!!!

!!! ,         (3.8) 

where A=1 to have a normalized value and ! defines the FWHM of the Gaussian kernel. 

Controlling ! or the FWHM of the Gaussian kernel will define how aggressive the 

interpolation is and therefore sets the maximum spatial frequency contained in the 

distortion map. This is set as a parameter in the algorithm that can be adjusted to match 

the highest spatial frequency distortion expected in the system. Finally to recover the real 

values of the angular distortion it is necessary to divide the !!"#$_!"#_!"# by the 

SNR2
bin_interp matrix, 

!!"#$_!"#$ =
!"# !!"#$!"#! ∗!
!"#(!"#!)∗!

.                          (3.8) 

A flow diagram of the interpolation process is shown in Figure 3–14. Note that the 

images displayed correspond to the 0.5px right shift test performed. The 55px FWHM 

Gaussian kernel is shown to scale. The result is !!"#$_!"#$, which is a binned distortion 

map with valid values for every pixel in the field. 
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Figure 3–14. Interpolation algorithm using a Gaussian kernel. 

  
  Here, the original design of the diffractive pupil and the correct selection of the 

kernel size plays a fundamental role since its periodicity and geometry defines the 

angular separation of the spikes determining the interpolation process. Since dynamic 

distortions are caused by local flexures of the optical surfaces in the system only 

relatively low spatial frequency distortion changes are expected and therefore the 

frequency of the spikes has to be chosen to properly sample the distortion changes.  

3.4. Algorithm Validation  

  The algorithm described in the previous section was validated using real data. The 

test consisted in copying the first epoch real image and shifting it by 0.5px to the right. In 

this way, the real distortion to be measured is known and the algorithm can be evaluated. 

The reference for this test is the simulation of 0.5px shift previously performed and 
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shown in the upper left corner of Figure 3–6. This test allowed me to verify the algorithm 

using real data but with known results.  

  Figure 3–15 shows the results of this test, which can apply to any feature with 

appropriate SNR in the image. In this case, the algorithm was applied to the spikes and 

the stars independently, and, since there is no real astrometric signal just an image 

displacement that is common to both features, the result of the algorithm should be the 

same for the stars and the spikes. The first row shows the distortion data before 

interpolation using the data from the spikes on the left and the stars on the right. The next 

row shows the interpolated distortion map using a Gaussian kernel convolution. Just by 

inspection, it is possible to assess the morphological similitude between the interpolated 

distortion maps and with the simulation presented in Figure 3–6. Also the peak to valley 

amplitude matches the expected result of +/-0.5px distortion within an error envelope 

smaller than 5%. Finally, in the last row lower left figure the residual error between the 

distortion according to the spikes and stars is shown. The RMS error is 3.94%, which 

represents a good agreement between the data obtained using the spikes and the stars. 
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Figure 3–15. Algorithm validation using a 0.5px shift and comparing with the 

simulation. 
 

 The residuals of the spikes’ distortion interpolation and the distortion simulation 

have been computed resulting in an RMS value of 4.4% dominated by a localized error in 

the center of the image. This difference is mostly due to the data present at the center of 
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the image that has been artificially masked. In the real image, the center does not have 

any information due to the saturation of the central star. 
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CHAPTER 4. RESULTS AND ANALYSIS 

In the previous chapters, the main components of the laboratory were described, 

including the stars simulator, the imaging system, and data reduction algorithm. The data 

algorithms were conceived to provide an automatic pipeline to calibrate the astrometric 

measurements during two different epochs. In this chapter, I discuss the results of several 

astrometric measurements I performed and calibrated using different techniques, allowing 

the comparison of the capabilities of traditional astrometric techniques and the diffractive 

pupil distortion calibration approach developed for this dissertation.   

For the purpose of assessing the performance of the different astrometric 

techniques, the centroiding of the stars was done using a simple center of gravity 

algorithm, which for diffraction limited bright stars, as the ones created by the stars 

simulator, provides precise centroiding results. More refined techniques using 

deconvolution or matched filters exist, but they are not the focus of this dissertation so 

they will not be considered. 

4.1. Algorithm Optimization and Environmental Variables 

To obtain the best performance of this algorithm, especially designed to reduce 

the diffraction spike data and calibrate the distortions, I had to explore several variables 

that affect the performance of the calibration and often suggest trade-offs in different 

aspects of the system performance.   

4.1.1. Performance Characterization Versus Convolution Kernel Size 

To obtain a continuous distortion map, the spikes are interpolated by convolving 

them with a Gaussian kernel. The size of the convolution kernel defines a tradeoff 



 139 
 

between surface smoothness and resolution of high spatial frequency distortion features. 

The larger the kernel, the smoother the distortion map. However, high spatial frequency 

distortions are averaged losing this information. On the other hand, if the kernel is too 

small it is not able to interpolate smoothly the data between two spikes and artificial 

drops in the interpolated values will be induced between spikes. In order to find the 

optimal size of the convolution kernel, an analysis that compares the RMS error of the 

distortion fitting using the stars and the spikes was done.  

 
Figure 4–1. Distortion error residual RMS versus kernel size. 

 
For this analysis, a real image was taken and then shifted by 0.5px, creating the 

second epoch image. The distortion interpolation was performed for different kernel sizes. 

A plot of kernel size versus RMS error was created, and it is shown in Figure 4–1. The 

minimum RMS error was found at 65px for binned distortion images of 250x250px 

images. Since the stars have a much higher spatial frequency sampling than the spikes, a 

higher RMS for smaller kernels means that the convolution kernel is causing artificial 
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drops between the spikes. In contrast, when the kernel is too big, the error increases more 

slowly but a minimum can still be identified.  

4.1.2. Temperature Effects at the Laboratory 

The laboratory does not have an enclosure yet, thus the optical bench is affected 

by the temperature oscillations of the room. A data logger has been installed to precisely 

monitor the temperature in the room. Three thermocouples were installed on different 

locations of the bench. Figure 4–2 shows the temperature evolution of the surface of the 

optical table over a time span of 33 hrs. During this period the temperature oscillated 

almost 1˚C in less than 3 hours on four occasions. Longer measurements have identified 

temperature oscillations of up to 2˚C. 

 
Figure 4–2. Laboratory temperature evolution. 

 
The light source is mounted on an aluminum structure, setting the optical axis at 

158mm above the bench. The Coefficient of Thermal Expansion of Aluminum is 23.6 

ppm, resulting in a vertical shift of the source mask of 3.7µm per degree ˚C; however, the 

imaging system has a magnification of -1, causing a negative shift of the source image of 
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3.7µm. On the other hand, the camera is also mounted on an aluminum structure that sets 

the middle of the CCD at 158mm. Therefore, the chip will have a vertical shift of 3.7µm 

per degree ˚C. Since the image and the camera move in opposite directions, the image 

motion observed is 7.4µm or 1px per degree ˚C. 

 
Figure 4–3. Star centroid position evolution over a night. 

 
The temperature effect was measured over 10 hours, taking 60 exposures of 10 

minutes each and then computing the average centroids of the stars. The result is shown 

in Figure 4–3, where the Y position shifts by 2.3px that corresponds to a temperature 

change of 2.3˚C in three hours (20 images). In this case, the temperature jump was larger 

than normal due to additional heat produced by me while setting up the laboratory. 

Otherwise, the behavior and timescale of the temperature oscillation is within the 

expected range. 

Note that the thermal expansion has a large effect on the Y-axis, as expected; 

however, there is a smaller effect on the X-axis. The source of this cross talk is related to 

the fact that only a lateral section of the complete parabola is used to emulate an off-axis 
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parabola, causing a mismatch between the mechanical and optical axis. As a result, 

thermal changes in the parabola cause a displacement and tilt of the off-axis section of 

the parabola that result in an X-axis image motion.  

4.2. Astrometric Measurements Results 

In this section, the astrometric signal of the star simulator is measured using 

different techniques. Since the best stability can be achieved without doing any changes 

in the optical system, no astrometric signal will be induced. However, instrumental 

environmental effects, such as temperature changes, cause an astrometric signal that 

should be calibrated. The closer the astrometric measurement is to zero, the better the 

applied calibration technique is.  

For the following measurements, the same set of two 360-second exposures were 

taken with a delay of 12 minutes before starting the second exposure. The readout noise 

of the images is in the order of 37 ADU. The average peak value of the background stars 

is about 17,000ADU, with a FWHM of 3.5px. The surface brightness of the spikes is in 

the order of 8,000 to 10,000 ADU for the brighter ones. 

4.2.1. Distortion Measurement Using Stars and Spikes 

The data reduction algorithm can be applied to spikes and stars or any other 

feature with a high SNR in the image to obtain a distortion measurement for those 

features. The temperature effect previously mentioned provides an excellent way to 

validate that the distortion measured using the spikes is the same as when stars are used 

to compute that distortion. The resulting distortion map is shown in Figure 4–4. 
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Figure 4–4. Distortion measured with stars and spikes. 

 
The plot on the left shows the distortion according to the spikes and the plot on the right 

shows the distortion map according to the stars. The morphology of the distortion map is 

very similar in both cases and the residual RMS error between the distortion map surfaces 

is only 5.18%. This error is most likely caused by fitting errors caused by the different 

sampling of the two distortion maps before interpolation.  

4.2.2. PSF Centroiding Accuracy Considerations 

Determining the centroid of a PSF has been subject of extensive research and 

more precise but complex techniques are constantly developed. The workhorse technique 

in this field is the Center of Gravity (CoG) algorithm, which simply averages the 

positions of the PSF pixels weighted by their intensity, 
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!!"# =
!!

!!! !!,!
!!,!!

!!!
      (4.1) 

The precision of this method is limited by the SNR of the pixels where the PSF is imaged 

and also by aberrations of the PSF that bias the CoG algorithm. A wide range of 

techniques exist to improve the performance of this algorithm, such as PSF fitting, 

deconvolution, and matched filters. However, for the scope of this dissertation the basic 

CoG algorithm will be used for the measurements. The centroiding error of this technique 

has been previously discussed in the literature (Rousset, 1999), taking into account 

photon and readout noised which are summed in quadrature to obtain the total noise 

uncertainty !!, 

!! = !!,!"!! + !!,!"!! ,     (4.2) 

where, !!,!"!!  is the photon noise variance and !!,!"!  is the RON variance and, 

!!,!"! = !!!!!!

!"!!!
!                (4.3) 

and, 

!!,!"!! = !!!

!!"!!!!
! ,              (4.4) 

where, !!!!  is the average numbers of photons per spot per frame, or Region of Interest 

(ROI), !!! is the gaussian RON noise variance, !!! is the total # of pixels used in the 

calculation, and !! is the FWHM of the stars in pixels.  
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Figure 4–5. Typical star PSF region of interest (ROI) and profile. 

  
 A typical high-SNR star is shown in Figure 4–5. The frame on the left shows the 

ROI where the star is located. The maximum SNR is about 80 for the brighter pixels and 

the FWHM of the PSF is 3.7px as shown in the right frame. The centroiding error due to 

photon and read out noise for this case was computed resulting in !! = 0.033!" for this 

sample star and summarized in Table 4–1. 

Table 4–1. Typical high SNR centroid estimation parameters. 

!! [px] !!,!"!!  !!,!"!  !!!!  !!! !!! !! 

0.033 8.45x10-4 2.45x10-4 102112 36.52 121 3.7 

 
 Despite the fact that the computed theoretical precision of the CoG is fairly high, 

it assumes a perfect, symmetric PSF. However, several stars in the edge of the field are 

outside the diffraction limited area and they reduce the precision of the centroiding 

significantly. In addition, some of the stars are very close to the diffraction spikes or 

areas where scattered light exists, biasing the centroid location. As a result, the standard 
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deviation of the centroids of the 207 selected background stars is !!= 0.0196px and !! = 

0.036px. 

4.3. Astrometry Measurement Using Centroiding 

The goal of this project is to calibrate dynamic distortions and instabilities of the 

optical system in order to enable high precision astrometric measurements for a combined 

direct imaging and astrometry mission. In such a case, the light of the host central star has 

been sent to the coronograph and the only reference to perform the astrometric 

measurement is a pixel or location of the detector. The spacecraft is subject to pointing 

errors and distortion effects that cannot be separated from the astrometric signal and 

proper motions of the stars. 

In this experiment no astrometric signal is induced; therefore, a perfect 

measurement should show no astrometric signal after measuring the two epochs. 

However, the image is being constantly distorted due to environmental changes, 

especially temperature, as was previously described. To prove the value of this technique 

we compare two spikes for calibration. 

4.3.1. Centroid Calibration with Respect to the Detector  

In this case, the light of the central star was blocked by the coronograph. Only the 

array of background stars can be seen and the detector coordinates are used as a reference 

for the astrometric measurement. The data for this experiment is shown in Figure 4–7. 

There are 255 stars that are visible in the FoV. Saturated and noisy stars are removed 

from the list, reducing the total number of stars Ns=207. Then, the centroid for each star 

P1x(i) and P1y(i) is calculated using the Center of Gravity algorithm along the X axis and 
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Y axis for the first epoch. The same procedure is repeated for the second epoch or image 

to obtain P2x(i) and P2y(i). Then, the astrometric signal Ax and Ay is computed as the 

average difference of the two epochs stars coordinates, 

 

!! =
(!!

!!! !!!(!)!!!!(!))
!!"#$

                !"#                !! =
(!!

!!! !!!(!)!!!!(!))
!!"#$

  (4.5) 
  

This approach was applied to two 360-seconds exposures with a twelve-minute 

delay between them. Sub-pixel drifts on the image are expected due to thermal 

oscillations at the laboratory.  

The results show an astrometric signal of Ax = 0.0357px and Ay =-0.4753px, 

which has a modulus of the astrometry error vector of 0.4767px. Most of this error is 

attributable to thermal shifts because the error vector is mostly aligned along the Y-axis 

where there is a sensibility of 1Px/˚C. Later in this chapter, the high order distortion 

terms are discussed; they are in the order of 0.02px. The magnitude of the error 

corresponds to thermal oscillations of slightly less than 0.5˚C. This is normal after 

entering the lab to prepare the setup to take the images. A small cross talk with the X-axis 

is observed and expected because the off-axis parabolas are mounted as complete 

parabolas and therefore the off-axis sections suffer an asymmetric shift under temperature 

changes. Figure 4–6 shows a schematic that explain the origin of the X and Y-axis image 

drifts caused by thermal changes. 
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Figure 4–6. Schematic of the X and Y-axis thermal image drifts. 

 
  Since there is no real astrometric signal, the signal measured is only due to 

measurement errors, and it represents how accurate the astrometry signal can be 

measured using this technique. 

4.3.2. Centroid Calibration Using a Simulated Host Star  

In this case, we will assume that the central host star is not blocked. For this 

purpose another star was selected close to the center field (star 88) as shown in Figure 4–

7, which can simulate the role of the central star to calibrate the pointing and low order 

effects on the image plane. 
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Figure 4–7. Star field without spikes. 

 
This is a bright, but not a saturated star, and its centroid was computed and subtracted to 

the average value of the rest of the stars. If there is an astrometric signal generated at the 

central stars, there will be a differential measurement between the host star and the 

background average. Then, the astrometric signal in this case is computed as, 

 

!! =
(!!

!!! !!!(!)− !!!(!))
!!"#$

− !!! ℎ!"# − !!! ℎ!"#                 !"#     

            !! =
(!!

!!! !!!(!)!!!!(!))
!!"#$

− !!! ℎ!"# − !!! ℎ!"#             (4.6) 
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 Using the correction of the host star, the new astrometry measurement reports Ax 

= 0.0269px and Ay = 0.0104px, which is equivalent to a modulus of the astrometry error 

vector of 0.0288px. The astrometric error vector using the host star is only a 6% of the 

initial case without the host star. This represents a significant improvement of this 

technique. 

 The fundamental limit of this calibration approach is constrained by the centroid 

noise and the field dynamic distortions. If the host-star used for this differential 

calibration is brighter, the RON and Photon noises will be reduced, improving the 

precision of this technique. However, the field dynamic distortions still will set a lower 

limit for this calibration. 

To separate and quantify the contributions of the centroiding error and the 

dynamic distortions, the RMS distance error between the selected host star and the 

background ones versus the distance between them. This calculation is repeated for every 

star in the field assuming that it is the host star for that measurement. This comparison is 

shown for the data used in this experiment in Figure 4–8, where the distance between the 

host star and each background star is shown in the X-axis. The distance error in pixels is 

represented in the Y-axis. To create this plot, a given star of the field is assigned as a host 

or reference, and then the distance between them is measured and compared with a 

known or theoretical distance between them. This is repeated for all the stars in the field 

and then the procedure is repeated considering a new reference star until all the stars have 

been measured. Then, the samples are sorted as a function of distance and plotted. 
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Figure 4–8. RMS distance error versus distance between stars. 

  
The floor of this plot defines the contribution of the centroiding error, which in 

this case corresponds to an RMS value of 0.0127px. However, as the distance from the 

host star increases, the distance error keeps growing to a maximum of 0.02px. The 

difference between these two numbers, which is equal to 0.0083px, is the lower limit of 

the precision that could be achieved for an infinitely bright reference star. This term is 

caused by dynamic distortions since it increases with the distance and cannot be reduced 

using a brighter star. 

4.3.3. Astrometry Measurement Using the Distortion Mapping 

To evaluate the performance of the diffractive pupil and to calibrate distortions 

and other pointing effects, the astrometric signal is measured again as the average 
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centroid difference of the background stars. Then, the distortion map astrometric 

correction is computed and the resultant astrometric correction is applied to the result. 

To compute the astrometric correction to be applied to the image based on the 

distortion map, a couple of artificial distortion modes were generated for half pixel 

translations of the image in the X-axis and Y-axis, called !! and !!. Then, the measured 

distortion map was decomposed in a linear combination, with coefficients !! and !! of 

the unitary distortion basis, 

!!"#$%&"' = !!!!+!!!!.    (4.6) 

Since the basis is not orthogonal, an iterative solver, which uses the dot product of 

the basis with the distortion map, was implemented where the estimated values of the 

coefficients !!  !"#  !! are summed over all the iterations to find the estimated coefficient 

values, 

!! ! = !(!)∙!!
!(!)∙!! !,                (4.7) 

where 

! ! = ! ! − 1 − ! ! − 1          (4.8) 

and, 

! ! − 1 = !!!!+!!!! .          (4.9) 

This algorithm converges to an optimal result in less than five iterations; hence it 

does not have any important computational impact. The basis maps, the measured 

distortion map and the fitted distortion map are shown in Figure 4–9. The basis 

coefficients are !! = 0.0708 and !! = 0.9753, which translates into the following 



 153 
 

astrometric corrections: Acx = 0.0354px and Acy = -0.4877px, for the 0.5px and -0.5px 

basis. Then, the corrected astrometric signal can be computed as, 

 

!! =
(!!

!!! !!!(!)!!!!(!))
!!"#$

− !"!    ,     !! =
(!!

!!! !!!(!)!!!!(!))
!!"#$

− !"!   (4.10) 

 

 
Figure 4–9. Distortion astrometric correction fitting on X and Y shifts basis. 

 
If the diffractive distortion correction is applied, the astrometry measurement 

reports Ax = -0.00032px and Ay = -0.0123px, which is equivalent to a modulus of the 

astrometry error vector of 0.0123px. This astrometric error vector calibrated with the 
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diffractive distortion map is only 2.58% of the astrometric error measured with the initial 

case without the host star calibration, which represents a 42% of the astrometric error 

measured using a reference star in the field. 

This result shows that astrometric precision can be improved by a factor of more 

than two using this technique with respect to a traditional centroiding method using host 

star centroid calibration. Additionally, an important advantage of this technique is the 

capability of achieving this performance without the need of a host star, enabling the 

coronographic/direct imaging mode at the same time. A summary of the results for each 

of the three techniques previously described is presented in Table 4-2. 

Table 4–2. Comparison of the astrometric measurements using different methods. 

 Background 
stars average 

[px] 

Correction [px] Residual 
astrometric 
signal [px] 

Residual 
vector 
[px] 

Percentage 
of original 

error 
Technique !!! !!! Acx Acx Ax Ax !  % 

CCD 0.0357 -0.4753 NA NA 0.0340 -0.4604 0.4617 100.0% 

Host-star 0.0357 -0.4753 0.0089 -0.4858 0.0269 0.0104 0.0288 6.04% 

Diffractive 

pupil 
0.0357 -0.4753 0.0354 -0.4877 0.00034 -0.0123 0.0123 2.6% 

 
If an aperture scaling criteria were applied to simulate a 1.4m telescope, the 

residual astrometric error would be 389microarcseconds. This error is 22 times larger 

than the scaled theoretical performance of this technique of 18microarcseconds; however, 

the conditions of this test are not optimal, as in the simulation, for the following aspects: 

The centroiding precision can be improved. For this experiment the read out and photon 
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noise defines the uncertainty of the each background stars to 0.033px. Since this error 

scales down as the square root of the number of samples, the ultimate limit for the 

residual astrometry uncertainty using 207 background stars for a perfect system without 

distortion is 0.0023px. This value represents 18% of the current astrometric error of 

0.0123px obtained with the two mode fitting distortion calibration approach. The 

distortion calibration can be improved by sampling the distortion value at the location of 

each star. Currently, the distortion calibration basis considers high order distortion terms; 

however, it assumes a uniform distribution of the stars, which is not the case because 

several stars has been removed because they are affected by a hot pixel, cosmic ray, or 

are touching a spike, biasing the result of the astrometric calibration. Also the distortion 

calibration is slightly biased by a non-uniform illumination of the pupil. 

On the other hand, the centroiding uncertainty can be improved by having a lower 

read out noise and applying PSF fitting and matched filters techniques. Also, telescope 

roll has not been used to mitigate the pixel errors. 

Even without any improvement, an astrometric accuracy of 389microarcseconds 

on a 1.4m telescope is exceptional and valuable for science. The next step in the data 

reduction algorithm is to measure the distortion only in locations where there are stars 

and correct only their astrometry. This is a natural step to increase the precision of the 

technique but the concept has been validated regardless if this improvement is 

implemented or not. 
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Figure 4–10. Tip-tilt removed residual distortion map. 

 
The method presented discusses two modes that can take into account all the 

distortions if a uniform grid of stars is considered. The residual error after subtracting the 

distortion modes previously mentioned from the original distortion map is shown in 

Figure 4–10. The values in this map are in a range of +/-0.015px; however, the edges 

show slightly large values, which are probably due to fitting artifacts.  This residual 

distortion is localized to some areas of the frame. For example, the upper left shows an 

expansion on the plate scale as well as the lower right, but the upper right shows some 

contraction.  

The presence of residual effects can also be seen in Figure 4–8, where the 

distance error increases as the distance between the stars increases. This is evidence that 

higher order distortions in the field of view exist since the brightness and FWHM of the 

stars is similar, and, therefore, the accuracy of the centroiding algorithm should not be 

affected by the location of the stars. 
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Figure 4–11. Star pair angular distance error RMS between two epochs.  

To clearly identify the effect of the diffractive pupil calibration, the angular 

distance, considering the origin in the center field, was computed for all the star pairs in 

the image taken in the first epoch and then compared with a measurement taken on the 

second image. Since there is no real change between the two images or epochs, the 

difference in the measured distance in epoch 1 and epoch 2 for each pair of stars is due to 

distortions and centroiding error. The RMS distance error is plotted as a function of 

distance for all the star pairs on the images in Figure 4-11. The blue line represents the 

distance error without distortion calibration. The error increases rapidly as a function of 

distance due to field distortions. The distance is shown in pixels but a larger distance is 
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equivalent to a larger field angle since the origin is in the center of the image and the 

larger distance means star pairs that are further away in the field of view. On the other 

hand, the blue line represents the RMS distance error after applying the distortion 

correction to each star in the second epoch. As a result, the star pair RMS error is reduced 

to one fifth of the original value at the edge of the field, ending in approximately 0.12px 

for a star pair, which is about twice the theoretical limit dictated by RON and photon 

noise of 0.046px for a star pair. Still, this value is not a realistic limit because it does not 

consider detector defects and pixel-to-pixel response that will increase this limit. It is 

interesting to note that the calibrated distance curve shown in red has a bump located on 

1000px, which corresponds to star pairs in a ring close to the center field. The bump is 

caused by a fixed size interpolation kernel, which it too large for areas close to the center 

field where the spikes are close to each other, and, therefore, the interpolation is too 

aggressive. This error goes down as the distance increases because the interpolation 

kernel has a better fit to the spikes’ distance. A solution to this problem is to use an 

adaptive size kernel as a function of field angle, but has not been implemented yet. Given 

that 154 stars are being used, the residual centroiding error after the calibration should be 

in the order of 0.01px (0.12px/√154) for the overall astrometric correction, which is 

consistent with the astrometric error obtained of 0.0123px and presented previously.    

4.4. Compatibility of a Diffractive Pupil and Coronographic Imaging 

4.4.1. Introduction 

In previous chapters, I discussed the potential of the diffractive pupil to enable 

high-precision astrometry and showed its importance to perform exoplanet mass and orbit 
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determination to solve the inclination ambiguity present in planets detected using the 

radial velocity (RV) method. However, the ability of direct imaging to not only detect 

exoplanets but also to provide spectroscopic information of the exoplanet candidate 

offers a unique complement to high-precision astrometric measurements. Therefore, the 

combination of both techniques is essential to assess the habitability of planets in the 

habitable-zone, as it provides estimates of the planet mass, orbit, effective temperature, 

and atmosphere/surface composition. However, both technologies are not mature enough 

for a space mission, hence it is essential to advance both techniques and demonstrate that 

both measurements can be performed in a single mission using a monolithic mirror 

telescope in space, instead of two separate missions as was originally thought necessary. 

This combination would dramatically reduce the cost and schedule required to obtain 

both measurements and would reliably assess the habitability of exoplanets. 

This chapter focuses on measuring the effect of the diffractive pupil over the 

coronagraphic Field of View (FoV). The main goal is to demonstrate that the diffractive 

spikes behave as predicted by the models and do not introduce any contamination of the 

Inner Working Angle (IWA) that could diminish the coronagraphic capability of a 

combined mission. This chapter is taken from a paper I submitted to the Publications of 

the Astronomical Society of the Pacific. 

4.4.2. Experiment Goal and Setup  

The goal of this experiment is to demonstrate that the Diffractive Pupil (DP) 

concept is compatible with high contrast imaging techniques in the same telescope. This 

requires the diffractive orders on the image plane to be located outside the FoV of the 
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coronagraph, which by design should be attainable. However, manufacturing problems, 

such us low frequency variations in the spacing of the diffractive pupil dots, could 

generate unexpected diffraction orders inside the FoV. 

For this experiment, I used the high contrast test bed at NASA Ames (Belikov et 

al., 2010). This test bed, shown in Figure 4–12, was designed to work down to 10-9 

contrast levels using a PIAA coronagraph, a Deformable Mirror (DM) to correct the 

wavefront, and a Focal Plane Occulter to mask the source. The bench was in air and 

thermally stabilized to +/- 0.002 K. The system demonstrated contrast levels of 2x10-8 

raw contrast in an annular region that spanned from 2.0 to 3.4 λ/D.  

The diffractive pupil needed to be installed in or close to a pupil plane. Given the 

optical layout of the bench, the only available pupil plane was downstream from the 

PIAA coronagraph where the DM was located. The DM was removed and a translation 

stage was installed. The DM is shown in the top left of Figure 4–12 and the translation 

stage with the diffractive pupil and the flat mirror is shown on the top right. On the stage, 

a flat mirror, with surface quality of λ/10 at 633nm, and the diffractive pupil dotted 

mirror were installed and aligned. To select the diffractive pupil or the flat mirror, the 

stage was translated.  
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Figure 4–12. NASA Ames high contrast imaging test bed, its DM and diffractive 

pupil stage. 
 

After the pupil, a focal plane occulter was installed to block the source, avoiding 

saturation and bleeding of the camera. The optical layout is shown in Figure 4–13. The 

arrows indicate the location of the diffractive mirror or dotted mirror and the flat mirror, 

both mounted on a translation stage used to switch between them. 
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Figure 4–13. Optical layout of the high contras imaging test bed at NASA Ames with 

the dotted and flat mirror installed. 
 
4.4.3. Experimental Procedure and Data Reduction  

Due to the finite dynamic range of the camera, it was impossible to capture the 

full contrast level on a single exposure. Therefore, a set of images with different laser 

power settings was taken in order to calibrate the dynamic range of the images as the 

laser intensity increased. During the experiment, sets of images were first taken using the 

flat mirror and then using the diffractive dotted mirror. The resulting images were 

subtracted to detect any light contamination created by the diffractive mirror. 

To maximize the contrast obtained by subtracting the flat and the diffractive 

mirror images, it was necessary to optimize two aspects of the image. The first was to 

equalize the intensity of the images for the same laser power, which is different due to 

higher reflectivity of the flat mirror as well as natural laser power variations. The image 

intensity created using the diffractive dotted mirror was about 20% less than the flat 

mirror image. To compensate for this effect, a scaling factor that maximizes the contrast 

in the region of interest was computed and applied to the image.  
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Figure 4–14. Contrast optimization using the different reflectivity and subpixel 

image registration. 
 

The second aspect is the image registration. The images needed to be displaced, in 

the order of 1 to 2 pixels, to overcome the relative alignment errors of the diffractive and 

flat mirror. The images were co-aligned using a contrast maximization merit function. 

After the correct shifts were calculated, the images were shifted to achieve optimal 

registration. 

Figure 4–14 shows the average contrast obtained within a region of interest that 

spans from 2.1λ/D to 15λ/D versus the scaling factor value. An optimal contrast of 

9.8x10-7 is obtained when an image intensity factor of 0.78 is applied to the flat mirror 

image. After this correction was applied, the sub-pixel shifting was computed reaching an 

optimal contrast of 8.1x10-7. The resulting image is shown in Figure 4–15. 

4.4.4. Results and Discussion 

For this measurement, 1s exposure images were taken with a laser current setting 

of 35mA. In this configuration the equivalent peak intensity of the central star behind the 
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occulter was 1.44x109 counts. Three images using the flat mirror and the diffractive pupil 

were taken and averaged to reduce the noise. The resulting images were optimized and 

subtracted according to the procedure previously described. The resulting image is shown 

in Figure 4–15. The central source was blocked by the occulter, which spanned from 0 to 

2.1λ/D. Beyond this radius the image has ring-like features. The geometry of these rings 

is extremely sensitive to alignment of the system and therefore can change between 

exposures. As a result, the subtraction of the images does not cancel the rings completely. 

The diffraction orders are imaged as a grid of spots with inverse spatial frequency of the 

pupil grid as expected. They can be seen at approximately 40λ/D from the source. No 

spikes are created due to the narrow band illumination of the laser source. 

 
Figure 4–15. Subtraction of diffractive and flat mirror images. 
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The resulting image after optimization has an average contrast of 8.1x10-7 and 

there are no visible features created by the diffractive pupil at this level. Furthermore, I 

observe that coherent amplification enhances the intensity of the rings in some places. 

This kind of amplification is caused by the cross term created when the image intensity of 

the superposition of the electric field of different sources is computed as the square of the 

sum of their respective fields. In this case, the main sources are the diffraction rings 

created by the occulter and residual wavefront error generated upstream in the optical 

train especially by the PIAA mirrors wavefront error as explained below. 

The high contrast imaging test bed at NASA AMES uses two PIAA aspheric off-

axis mirrors, which are not perfect and generate wavefront errors that cause speckles in 

different areas of the image. When the test bed is in normal operation, a deformable 

mirror is located where the diffractive pupil was installed. The DM performs active 

wavefront control to remove this error. Figure 4–16 shows a map of this error induced by 

the PIAA mirrors. 
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Figure 4–16. Simulation of the focal plane wavefront errors created by the PIAA.  

 
To demonstrate that the diffraction rings’ brightness enhancement is not caused 

by the diffractive mirror, I compared the features and contrast level obtained when the 

diffractive and flat mirror images were subtracted, shown in the left column of Figure 4–

17, and the subtraction of two subsequent images taken using the flat mirror without 

modifying any variables on the bench, which is shown in the column on the right. Note 

that in the former case the dynamic range was adjusted to one order of magnitude tighter, 

to +/- 8x10-7 for the image and to +/-3x10-7 for the plots showing the cuts.  

From this experiment we can conclude the following: First, the diffraction rings 

cannot be completely subtracted because their shape changes from exposure to exposure 

even if the same flat mirror is used and the bench is neither opened nor modified, as is 

shown in the second column of Figure 4–17. Second, the rings’ intensity enhancement is 

probably caused by coherent amplification of the PIAA mirrors wavefront errors and not 



 167 
 

the diffractive mirror. By adjusting the dynamic range of the images and cuts of both 

columns in Figure 4–17, I show that the morphology of the features in the subtracted 

image is very similar when the diffractive mirror is used (left) and when it is not (right). 

This fact strongly suggests that the diffractive mirror is not causing the features observed. 

 
Figure 4–17. Comparison of subtracted image morphology using diffractive and flat 

mirror images and subsequent flat mirror images. 
 

Despite the coherent amplification of the diffraction rings limiting our ability to 

find contamination caused by the diffractive pupil, I still can distinguish different contrast 

envelopes. By inspecting several cuts on the image, it is apparent that there is no 

contamination caused by the diffractive pupil up to a contrast envelope of 2x10-7 over a 

region outside 16λ/D. Inside the region of 5 to 16λ/D, I define a contrast envelope of 

2x10-6 without noticeable diffractive contamination. 
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I conclude that there is no diffractive contamination down to a contrast level of 

2x10-7 over the region outside 16λ/D. If the morphology of the features are excluded 

from the contrast envelope, this result can be extended inside the region spanning from 5 

to 16λ/D. Inside the region spanning from 12 to 16λ/D, the detection limit contrast is 

constrained to 2x10-6 ring patterns, which are probably created by the occulter. Also, I 

note that between 8 and 12λ/D, the contrast envelope gets tighter down to a contrast level 

of 5x10-7, and finally increases to 2x10-6 inside the region of 5 to 8λ/D. Table 4–3 

summarizes this information. 

The region spanning from 2 and 5λ/D is dominated by ringing features. As their 

intensity is maximum close to the occulter, a small misregistration of the images or shape 

change creates large contrast artifacts on the subtracted image. I ran the image 

registration optimization routine again setting the region of interest from 2 to 5λ/D. After 

performing this optimization, I found no diffractive contamination up to a contrast 

envelope of 5x10-6 within this region. Moreover, I consider it highly unlikely that 

diffractive features can appear in the region spanning from 2 to 5λ/D if no features have 

been detected at larger angles because it would require a single and very low spatial 

frequency component on the array of dots imprinted on the diffractive mirror. 
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Figure 4–18. Radial pixel absolute value average contrast. 

 
I also computed the radial absolute value average contrast by integrating rings 

around the central star, thus taking all pixels into account in the calculation. The result is 

shown as the black line in the Figure 4–18. The blue dots represent the absolute contrast 

value of each pixel before averaging them. By using this criterion as a reference to assess 

the diffractive contamination detection limit, I identified the following regions: First, 

beyond 18λ/D the contrast envelope is 2x10-7, then it slowly grows to a maximum of 

1x10-6 at 14.5λ/D, then it goes down to a minimum of 6.5x10-7 between 10 and 12λ/D, 

and finally it constantly increases to reach a maximum of 7x10-6 at 3λ/D. These values 

are consistent with the results determined by inspection along image cuts.  

Despite this, the radial average is a useful criterion to validate the diffraction 

contamination detection limit, and it will easily average out any diffraction contamination. 

Therefore, the results are still based on image inspection and single cuts.  
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Table 4–3. Contrast envelope versus angular separation for two different criteria. 
 
Detection limit 

criteria 

Angular separation 

2 - 5λ/D 5 - 8λ/D 8 - 12λ/D 12 - 16λ/D > 16λ/D 

Contrast 

envelope cut 
5.0x10-6 2.0x10-6 5.0x10-7 2.0x10-6 2.0x10-7 

Contrast 

average 
4.5x10-6 1.7x10-6 7.0x10-7 0.8x10-6 2.8x10-7 

 
A summary of the contrast regions and their contrast limits to detect diffractive 

contamination is presented in Table 4–3. The limiting factors are ring-like features 

probably caused by coherent amplification of the different wavefront error sources of the 

optics. Within this limit, we did not find evidence of diffractive contamination with 

morphological features that can be generated by a hexagonal dot pattern imprinted on the 

mirror. This argument suggests that there is no contamination of the IWA to deeper 

contrast levels; however, this cannot be demonstrated until we can enable the wavefront 

control to suppress the ringing effect. The researchers and I plan to repeat the experiment 

when this configuration becomes available. 

On the other hand, if diffractive contamination of the IWA is detected at deeper 

contrast levels, this can be improved by the wavefront control of the AMES high contrast 

test bed. Considering a conservative scenario, I found no diffractive contamination up to 

a contrast level of 2x10-6. According to the wavefront control capabilities reported in 

previous publications (Belikov et al., 2010), if contamination is present the system should 

be able to remove diffractive effects up to a level of 1x10-7, allowing direct imaging at 
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one or two orders of magnitude deeper in contrast than the values currently demonstrated 

in Table 4–3, these values are still not at the contrast level required to detect exo-earths.  

In conclusion, the research demonstrated that direct imaging is compatible with a 

diffractive pupil up to a contrast level of 2x10-6. Beyond this contrast level, there is no 

evidence of incompatibility although no demonstration has been done. In case of 

detecting some contamination in future experiments, the wavefront control system could 

allow cleaning that diffraction up to a contrast level of 1x10-7.  

 
 
 
 
 
 
  



 172 
 

CHAPTER 5. CONCLUSION AND FUTURE WORK TOWARDS AN 

ASTROMETRIC AND CORONAGRAPHIC EXOPLANET DETECTION MISSION 

5.1. Conclusions 

The importance of high precision astrometry for exoplanet detection and 

characterization has become more evident as instrumentation and telescope technology 

improves the accuracy of this technique to a level where giant planets can be detected. 

Currently, technical limitations prevent this technique from being productive 

scientifically. However, it is expected that the technique will yield a significant scientific 

outcome as soon as Jupiter-like and earth-like exoplanets can be detected with this 

technique. 

In current systems, the astrometric accuracy is limited by non-systematic dynamic 

distortions in the optical system. They cannot be calibrated with traditional optics and, 

therefore, are the main constraints to enable the use of astrometry for earth-like exoplanet 

detection and characterization. This problem has been identified in state of the art ground 

and space based telescopes, such as Keck, the VLT, and the HST. Also the distortions are 

a design concern and have been identified as a limitation for high precision astrometry for 

future Extremely Large Telescopes such as the E-ELT, GMT, and TMT. 

The concept of using a diffractive pupil to calibrate dynamic distortions proposed 

by Guyon et al. (2012) offers an effective and robust solution to overcome this limitation 

and enable sub-microarcsecond precision astrometry from space. As has been described 

in this work, this concept relies on imaging diffractive spikes created at the pupil plane to 

detect distortions or detector motion. By applying this concept to calibrate dynamic 
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distortions using a diffractive pupil and telescope roll to remove detector effects on a 

1.4m telescope with a FoV of 0.3 deg2, it is possible to achieve 0.2µas astrometric 

accuracy. 

In this dissertation work, I developed a laboratory to perform a proof of the 

concept of the diffractive pupil approach to calibrate dynamic distortions, including the 

design, manufacturing, assembly, and alignment of a star simulator and an optical system. 

Also, I developed and tested the algorithm to compute the distortion map from the spike 

images and obtain the astrometric correction.  

The imaging system is a pure reflective off-axis design, with diffraction-limited 

performance over a FoV of 1.4˚. The pupil of the system is a 25mm flat mirror coated 

with a 160nm aluminum layer imprinted with a hexagonal array of dots of 5µm diameter 

that generate the diffraction spikes on the image plane. 

The star simulator has a field with stars that are used as background references to 

measure the astrometric signal of a much brighter central star that simulates the exoplanet 

host candidate and, at the same time, generate the diffraction spikes in the image plane. 

As a result, the spike movements are the same amount as the host star, allowing the 

measurement of the astrometric signal without directly observing the central host star. 

This work shows that using a diffractive pupil to calibrate dynamic distortions 

improves the astrometric accuracy. The resulting astrometric accuracy outperforms 

traditional methods with a residual astrometric error of 0.012px, which is only 2.6% of 

the astrometric error using the detector as reference and 42% of the astrometric error if a 

calibration host star is used. For this experiment the COG centroiding algorithm was used 
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given the availability of bright, diffraction-limited stars, allowing a good performance of 

this centroiding approach. 

Also this work proves in the laboratory that there is no contamination of the IWA 

or any other area of the image beyond the predicted spike locations. This statement could 

be confirmed to a contrast level of 5.0x10-6 for the region between 2 - 5λ/D. For regions 

outside this circle, the contrast improves gradually to finally reach a floor of 2.0x10-7 for 

a region outside 16λ/D. 

In summary, the conclusions of research conducted to demonstrate high-precision 

astrometric measurements using a diffractive pupil to calibrate dynamic distortion are the 

following: 

1) Distortion calibration using a diffractive pupil has been proven in the lab. 

Also the ability to perform high precision astrometric measurements was demonstrated, 

proving that it outperforms traditional astrometry techniques. It is important to mention 

that this technique is not able to detect radial modes unless strong spectral features exist; 

however, this does not limit the capability of this technique because radial modes do not 

bias the astrometric measurements. 

2) Manufacturability of small-scale diffractive mirrors has been demonstrated. 

To build the laboratory and generate the diffraction spikes, several dotted mirrors were 

successfully manufactured by lithography. 

3) Precise astrometric measurement without having the host star in the FoV has 

been demonstrated. The distortion calibration and astrometric signal algorithm uses only 
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the information provided by the spikes and therefore the light of the central star is not 

needed and can be used for direct-imaging purposes.  

4) No contamination of the IWA has been demonstrated. It was shown that real 

diffractive pupils are precise and regular and avoid diffractive contamination of the IWA 

of the image due to low spatial frequency modulation of spot spacing in the pupil.  

5) Simultaneous high-contrast imaging and astrometry is compatible. The 

laboratory demonstration of the previous two points (3 and 4) shows that a combined 

astrometric and direct-imaging exoplanet detection mission is possible. 

5.2. Future Work 

Based on these conclusions, advancing the technology for combined direct 

imaging and astrometric exoplanet detection has tremendous scientific value because it 

could enable a flagship mission to detect and characterize earth-like exoplanets. In 

particular, the suggested future work is to integrate and test the high precision diffractive 

astrometry technique with a high contrast imaging coronagraph, such as a PIAA, and to 

enhance the dynamic aspects, such as wavefront control and active vibration suppression, 

to improve the performance of the PIAA needed for a combined mission and for the 

Exoplanetary Circumstellar Environments and Disk Explorer (EXCEDE) (Greene & 

Schneider, 2007) mission that also uses a PIAA coronagraph. The proposed work will 

demonstrate and/or enhance each technique, assess the performance of such a mission, 

validate the error budgets, increase the TRL of both technologies, and demonstrate their 

compatibility.  

 



 176 
 

5.2.1. Project Overview and Methodology 

Since the astrometric signal of the host star is measured with respect to the spikes 

and not to the star PSF, this technique is compatible with a direct imaging mission. The 

IWA where the planet is expected can be sent to the coronagraph and the rest of the field 

(wide field) is sent to an astrometric arm, as shown in Figure 5–1, thereby enabling both 

detection techniques at the same time in a single mission. This concept works for a wide 

range of mission sizes, but the ultimate accuracy strongly depends on the aperture size 

and on the FoV of the telescope. 

The high contrast-imaging laboratory at NASA Ames is especially suitable for 

this project because it has a PIAA, providing state-of-the-art performance, and is flexible 

and reconfigurable enough to accommodate the integration of additional subsystems such 

as the astrometry subsystem. The plan for the integration of both systems will focus on 

minimizing the impact on the PIAA operation. A possible layout of the integrated system 

is shown in Figure 5–2. 

 
Figure 5–1. PECO Mission concept using a PIAA coronagraph and a diffractive 

pupil. 
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5.2.2. Design and Integration of the Astrometry Arm with the PIAA 

There are four main elements to be designed or upgraded for the integration of the 

astrometry subsystem with the PIAA: 

1) The light source and star simulator. The light source is a system that creates a 

simulated star field with a central bright star that generates diffraction spikes and is 

subject to astrometric measurements. The light source will comply with the PIAA and 

astrometry subsystem opto-mechanical interface requirements. 

2) Diffractive pupil. A dotted mirror will be inserted in a pupil plane. It has to be 

the first optical element of the system to map the distortions downstream. The dot pattern 

and size has to be designed properly to avoid IWA contamination on the PIAA, while still 

generating spikes over the extended FoV. 

3) Field of view splitter. After the diffractive pupil, it will be necessary to add an 

optical element at an intermediate focal plane that will send the IWA FoV to the PIAA 

and allow the rest of the light to continue to the Wide Field Imaging Arm (WFIA).  

4) Wide Field Imaging Arm. A diffraction limited wide field imaging system will 

be designed and built to perform the astrometric measurements. 
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Figure 5–2. Possible optical layout to integrate the Ames PIAA with the astrometry 

testbed. 
 
5.2.3. Astrometric Data Reduction. 

Another fundamental and new aspect of this project is the continuation and 

upgrade of the data processing algorithms to create the distortion maps. Since distortion 

information is only available in the radial dimension (along the diffraction spikes), their 

density or spatial frequency has to be selected to sample properly the spatial frequency of 

the optics distortions and the data reduction has to be optimized accordingly. I have 

implemented the data reduction at the U of A test bed already, and I will continue this 

work by implementing noise suppression, fitting, and interpolation.    

5.2.4. Characterization of Combined Laboratory Performance 

Once the astrometry arm is completed and functional, the performance of the PIAA 

has to be verified to remain unaffected. Then, the functionality and stability of the 

astrometry arm can be assessed. 
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5.2.5. Second Phase: Astrometric Signal and Stabilization 

Once the basic functionality of the astrometric arm has been demonstrated, a 

second phase of the experiment will commence. The main goal is to add a precise 

astrometric signal on the host star and review the measurement error budget using a 

realistic signal. The proposed concept works with a multimode fiber that illuminates a set 

of two achromatic doublets to deliver a collimated beam to the star field simulator. The 

second doublet can be displaced along the tube to provide focusing capabilities. The light 

illuminates a flat window with the desired star field pattern coated on the opposite surface. 

A concentrator lens is glued in front of the central star to make it brighter while keeping 

the same illumination uniformity over the pupil as the background stars. The design 

concentration factor is in the order of 1.5x104, resulting in visible diffraction spikes. To 

generate an astrometric signal, the PSF of the host star can be displaced by tilting the 

incoming wavefront. The optical leverage of the design allows generating very small 

controlled motions of the PSF. In this particular design the motion of the fiber is scaled 

down 50 times at the central star focus. 

This concept will also allow simulating telescope roll by mounting this optical 

setup on a tube as it is at the U of A test bed. According to our calculations the test bed 

will need to be thermally controlled within 0.1K in order to achieve the desired stability 

of the star field and central host star (well within the performance at the NASA Ames test 

bed).  
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5.2.6. Work PIAA and its Wavefront Control Aspects 

To enable exoplanet direct imaging capability of the combined mission, a contrast 

level of 1010 at a small fraction of an arcsecond is necessary; this is achievable only if the 

wavefront delivered to the PIAA is stable and controlled. Therefore, when the astrometric 

subsystem is integrated, I will work on the deformable mirror to compensate the 

wavefront changes induced by the light source, and in the Low Order Wavefront Sensor 

(LOWFS) to actively control the vibrations that the field of View Splitter mirror might 

create. Additionally, I will analyze how the astrometric signal can be used as an input for 

the NASA Ames wavefront control system and for the LOWFS. 

5.2.7. Planning 

During the first year, I plan to focus on the design and integration of the high 

precision astrometry test bed with the PIAA test bed as described in section 3.1, creating 

a synergy between the two technologies. At the same time, I will focus on the 

development and implementation of novel data reduction algorithms previously described.  

After completing these two tasks, the characterization phase will begin.  

The second year will be mostly focused on stabilizing the experiment, optimizing 

the performance, and creating an astrometric signal. I also plan to continue the 

involvement in dynamic wavefront control for the PIAA and its application in EXCEDE. 

If the funding is continued in the third year, I will continue to focus on improving 

the performance of the combined demonstration, establish the error budget and move the 

experiment to higher TRL levels. Finally, I will investigate requirements specifications 
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for a real large dotted telescope mirror and advance the technology on it 

manufacturability.  

5.2.8. Risk Assessment 

This project will integrate two different instruments in a single operational system 

and involves several risks that have been classified in the risk matrix shown in Figure 5–3. 

I will only discuss the risks that have a high probability and severity, including the 

following:  

1) IWA Contamination. According to the simulations and theory, the diffraction 

of the spikes should send light into the IWA of the coronagraph, but in reality low spatial 

frequencies in the dot pattern can cause problems. Testing of the diffractive pupil 

performed at the AMES test bed in November of 2011 helped to mitigate this risk. 

2) Light Source Opto-Mechanical Incompatibility with the PIAA. Both 

experiments have defined opto-mechanical interfaces that must be compatible. The optics 

design of the astrometry imaging arm should accommodate to the PIAA arm f/#, 

wavefront RMS, and optics height. Designing and procuring new optics for the 

astrometry arm can mitigate this risk.  
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Figure 5–3. Risk assessment matrix of a combined PIAA and astrometry laboratory. 
 
5.2.9. Expected Results and Their Significance 

The proposed work has the following expected results: 
 

1) Integrate the high precision diffractive astrometry subsystem with the PIAA 

at the NASA Ames test bed. By moving the astrometry laboratory to NASA Ames ACE 

testbed it will be possible to integrate both technologies in a single lab and have a testbed 

to perform and end-to-end demonstration of a combined flagship mission. 

2) Demonstrate in the laboratory that both techniques are compatible and 

increase the system the TRL. This will enable an exoplanet flagship mission to perform 

the task that was originally thought to require two separate missions (high precision 

astrometry and direct imaging), resulting in substantial gains in science per dollar spent. 

3) Development and laboratory validation of data reduction algorithm(s) to 

calibrate astrometric distortions with the diffractive pupil concept. The goal of this 

activity is to validate performance that is traceable to sub-microarcsecond astrometric 

precision on a medium-sized (~2-m diameter) space telescope. This level of precision is 

required for detection and mass measurement of earth-like planets. 
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4) Explore the benefits of using the astrometric signal for high contrast 

imaging. For example, this includes using the wide field images to accurately measure 

spacecraft pointing and measuring telescope beam walk within telescope optics. 
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PART 2: MCAO LASER ADAPTIVE OPTICS 
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CHAPTER 6. INTRODUCTION AND THEORETICAL BACKGROUND 

6.1. Introduction 

This second part of the dissertation gives an overview of several multi-laser 

adaptive optics techniques and presents the developments carried out and the results 

achieved using these techniques at the Multiple Mirror Telescope (MMT) in Southern 

Arizona. The development of the MMT multi-laser adaptive optics system is the result of 

five PhD dissertations from the College of Optical Sciences and several master’s theses. 

As part of my dissertation work, I developed several aspects of the system in the 

hardware and software areas, as well as many algorithms that will be detailed later during 

this chapter. Also, I served as system engineer of the multi-laser system and wavefront-

sensor top box, taking care of the maintenance of the hardware and performing 

significant hardware upgrades to optimize the performance of the system. Among the 

main upgrades were the conversion of the Small Computer System Interface (SCSI) to 

fiber link for the Laser Guide Star (LGS) camera and the relocation and re-cabling of the 

system electronics. I also served as the Laser Safety officer of the system, taking care of 

coordination with the U.S. Space Command and the Federal Aviation Administration to 

perform high-power outdoor laser operations. 

The following chapters consist of conference proceedings papers integrated with 

new original material. They also assume that the reader is familiar with traditional 

adaptive optics (AO) concepts.  

As new generations of larger ground based telescopes are deployed, the design of 

AO systems capable of taking advantage of their potential resolution becomes more 
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challenging. Currently, 8-10m class telescopes are equipped with AO systems, and most 

of these facilities have LGS systems to increase sky-coverage. However, the value of a 

single LGS in larger telescopes is fundamentally limited by the focal anisoplantism error, 

which is caused by the finite height of the beacon. This error increases with telescope 

aperture size at the 5/6 power. 

The Multi Conjugate Adaptive Optics (MCAO) approach, first proposed by 

Beckers (1988), promises to realize the potential of current 8-10m class telescopes and 

also to serve as an AO technology demonstrator for the future Extremely Large 

Telescopes (ELTs). Several variations of MCAO have been developed. Among these, 

Ground Layer Adaptive Optics (GLAO) use an estimate of the aberrations close to the 

telescope aperture (at the ground layer), which are common to all guide stars, to provide 

partial image correction over a wide field of view. GLAO was first suggested by Angel 

and Lloyd-Hart (2000) and Rigaut (2002). A second variation is Tomography AO, which 

does a tridimensional reconstruction of the turbulence allowing improved correction for 

any given target within the Field of View (FoV). 

The remarkable results achieved between these two variations so far have 

emphasized the potential of the MCAO technique. However, the limited sky coverage 

with natural guide stars (NGS) has motivated several projects (Baranec et al., 2006; Hart 

et al., 2009; Ströbele  et al., 2006) to extend MCAO and its variations using a Multiple 

Laser Guide Star (MLGS) system. 

The Center for Astronomical Adaptive Optics (CAAO) at the University of 

Arizona is implementing in particular two approaches using the MMT five Rayleigh LGS 
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system: GLAO and Laser Tomography AO (LTAO). Both techniques are used at the 

6.5m MMT telescope at Mt. Hopkins in Arizona. In the following chapters, I present an 

overview of the system and the model used to derive the modal reconstructors 

analytically in GLAO and LTAO scenarios. These are of critical importance for systems 

that lack an intermediate focal plane in front of the DM, as in the cases of the MMT and 

other Ritchey-Chrétien telescopes with secondary DMs. Following an analytical model 

description of the MLGS concept and its derivations, I present a summary of the results 

obtained on the sky so far operating in GLAO mode. I also address the current approach 

to implement LTAO by means of least squares fitting and the off-line results obtained. I 

give preliminary plans to build and update LTAO reconstructors in closed loop; however, 

I leave aside a detailed study of this topic. Finally, in the last chapter a review of several 

improvements of the system and new techniques are discussed, such as the new hexapod 

mount and commissioning of the Arizona Infrared Imager and Echelle Spectrograph 

(ARIES) (McCarthy et al., 1998) with the MLGS system at the MMT, advancements in 

pupil misregistration on the laser wavefront sensor, and turbulence profiling using a laser 

version of SLODAR (Wilson, 2002). 

6.2. Analytic Multi-Laser Guide Star Modal Reconstruction Approach 

At the MMT, an analytic model of the system developed by Milton (2009) is used 

to compute modal reconstruction matrices and described in this section. This approach is 

used because of the absence of an intermediate focal plane, which could be used to 

introduce a calibration point source and obtain the influence functions on the DM. 

Traditional Ritchey-Chrétien telescopes equipped with an AO module as part of the 
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instrument have a focal station where a calibration source can be placed before the DM, 

which is located inside the instrument as well. If a calibration source is available, the 

influence function that relates a perturbation on the DM with the WFS measurements is 

obtained by poking individual actuators on the DM by a known amount and recording the 

signal on the WFS. If this procedure is repeated for each actuator, an influence matrix can 

be obtained. More time efficient techniques to perform this calibration exist, such as the 

Hadamard matrix (Kasper et al., 2004) patterns that allow reducing the number of 

iterations to obtain the full calibration of the system. 

Other newer telescopes such as the Large Binocular Telescope (LBT) that have 

been designed considering a deformable secondary mirror opted for a Gregorian optical 

design in which there is an intermediate focal plane between the primary and secondary 

mirrors that can be used to insert a calibration source. In the case of the MMT and the 

VLT that have been designed as Ritchey-Chrétien telescopes and are being retrofitted 

with deformable secondary mirrors an intermediate focal plane is not available. A 

comparison of both optical designs is shown in Figure 6–1. This figure shows the 

intermediate focal plane that the Gregorian design offers and where a calibration source 

can be inserted. 
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Figure 6–1. Comparison of Ritchey-Chrétien and Gregorian telescope optical 

designs. 
 

In the absence of an intermediate focal plane, the influence functions that relate a 

perturbation on the DM with the WFS signals must be computed using an analytic model 

of the whole system. A wavefront reconstructor for the system, which computes the 

corrections to be applied on the DM based on the WFS measurements, can be computed 

by taking the inverse of the rectangular system influence function with Singular Value 

Decomposition (SVD). The processes to generate the GLAO and LTAO synthetic 

influence functions and reconstructors are explained in the following sections. 
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Influence functions and reconstructors are based on Disk Harmonic (DH) basis set 

since they have two advantages over the Zernike Polynomials (Milton & Lloyd-Hart, 

2005). First, the Zernikes have steep slopes at the edge of the unit circle for high spatial 

frequency terms, which are difficult to apply to the deformable mirror. Second, high 

spatial frequency Zernikes have numerical implementation problems since the evaluation 

of radial polynomials involves subtracting large nearly equal coefficient values. Still, tip 

and tilt modes must be Zernike because it is the best representation of TT star 

information. Their projection over all higher order DH terms is subtracted to prevent 

double counting. 

The atmosphere is modeled tomographically as several layers of localized 

turbulence. This creates telescope “metapupils” which are the intersection of the 

telescope FOV cone with the different turbulent layers. Here, we use the concept of 

“Virtual Deformable Mirrors” (Milton, 2009), which are optically conjugated to the 

locations of the strongest turbulence layers. The mirror influence matrix !!,! for a DM 

conjugated at height ℎ!" and a beacon b is the coordinate transformation between the 

beacon cone intersection within the DM metapupil, or beacon footprint, as shown in 

Figure 6–2.  
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Figure 6–2. Schematic of a tomographic model with one layer and one laser beacon. 

 
Each beacon footprint captures a section of the metapupil but is stretched to the 

full pupil of the respective beacon WFS. This concept is shown in Figure 6–3, where the 

full metapupil shown on the left is sampled by a beacon footprint and expanded to the 

complete pupil on the WFS, as shown on the right image. Normally, an appropriate 

sampling requires overlap between the beacon footprints. 

 
Figure 6–3. Example of a metapupil wavefront and a beacon footprint sample. 
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Then, the tomographic influence matrix !!",!"# is the combination of all mirror 

influence matrices into a single block matrix that relates changes on a given DM to their 

effect seen on each beacon WFS. For five beacons and n DMs, the matrix has the 

following form: 

!!",!"# =
!!"!,!! ⋯ !!"  !,!!

⋮ ⋱ ⋮
!!"!,!! ⋯ !!"  !,!!

.     (6.1) 

The tomographic reconstruction matrix !!"#,!"is the inverse of the influence function 

!!",!"#computed using SVD. The MMT GLAO implementation is a particular case of 

this model obtained when only one DM is conjugated near the ground layer. 

The DM phase commands are generated by multiplying the modal tomographic 

reconstruction matrix !!"#,!" with modal WFS phase measurements; however, direct 

mapping from WFS slopes to actuator commands requires additional matrices. The first 

one is !!"#, which maps slopes measured by all beacons and tip-tilt star into modal 

amplitude coefficients: 

!!"# =
!!" 0
0 !!""

,     (6.2) 

where !!" is a diagonal matrix containing the different beacon slope to mode 

reconstructor matrices !!"#, with i ranging from 1 to 5 in the case of the MMT where 5 

beacons are being used:  

!!" =
!!"! ⋯ 0
⋮ ⋱ ⋮
0 ⋯ !!"!

.     (6.3) 
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Since the tip tilt of the beacons is not used for the reconstruction process, a tip-tilt filter 

matrix !!! is applied to !!", which removes the projection of Zernike tip-tilt in all 44 DH 

modes. Then, !!"#becomes 

!!" = !!!!!"!! .     (6.4) 

The WFS influence matrix !!" is constructed by sampling each disk harmonic mode 

within the area defined by each subaperture, obtaining the X and Y-axis slopes of a best-

fit plane for each one. Each column of the WFS influence matrix contains all subaperture 

slope pairs for the corresponding disk harmonic mode. The last element of the diagonal 

of the !!"# matrix is the tip-tilt WFS reconstructor matrix !!"", which is a scaled identity 

matrix that directly converts tip-tilt slopes to the two first order Zernike tip-tilt modes.  

The second matrix !!"# or DM influence matrix maps reconstructed modes to 

DM actuator displacement. This matrix converts the results from modal space to zonal 

space where the actuators are located. An image of the Adaptive Secondary Mirror 

(Brusa-Zappellini et al., 1998) of the MMT telescope and its actuator map is shown in 

Figure 6–4.  



 194 
 

 
Figure 6–4. The MMT Adaptive Secondary Mirror and its actuator map. 

 
Also, scale factors are applied to account for the individual responses due to the 

difference in the sensitivities of the capacitive sensors of the DM actuators. Finally, the 

reconstruction matrix used on sky is obtained as  

!!"#,!"# = !!"#!!"#,!"!!"#.    (6.5) 

This matrix will map directly WFS slope measurements !!"# to DM actuator commands. 

!!"# = !!"#,!"#  !!"#,     (6.6) 

where, !!"# is a command vector containing the incremental change in position of the 

DM actuators for each iteration of the loop and !!"# is a vector containing the slopes 

from each beacon obtained from the laser wavefront sensor.  

6.3. GLAO Reconstruction 

In the GLAO case, the correction is obtained by taking the average of the 

wavefront measurement of individual beacons, adding constructively the correlated low 

altitude component of the atmospheric turbulence, and diminishing the uncorrelated, high 

altitude component of the turbulence. As a result, the ground layer turbulence is 
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corrected, thus allowing a moderate gain over a large FoV. Provided that the goal of 

GLAO is to deliver a seeing improved image over a wide FoV, attempts to use higher 

altitude information is not as relevant in GLAO mode as suggested by Tokovinin (2008) 

because only the ground layer will be corrected. Andersen et al. (2006) also did a study of 

the GLAO performance for wide field. 

The size of the FOV where an effective correction is applied is basically 

determined by the diameter of the beacon asterism, which in the case of the MMT is 2 arc 

minutes. However, simulations show that GLAO could effectively improve the 

atmospheric seeing for fields up to 10 arcmin. 

To use the MLGS star reconstruction in a GLAO mode for single DM, the WFS 

measurements from all the beacons are pre-averaged. Thus a pre-averaged beacon 

reconstruction matrix !!" is also needed to convert the reduced set of slopes to modes: 

!!"#,!"#$ =
!!" 0
0 !!""

,     (6.7) 

where !!" is equal to !!" but averaged. Note that in this case, the tomographic 

reconstruction matrix !!"#,!" has only one conjugated DM, and the commands for the 

DM are obtained as: 

!!"# = !!"#!!"#,!"!!"#,!"#$!!"#     (6.8) 

6.4. Least Squares LTAO Approach 

Laser tomography adaptive optics is another variant of the MLGS reconstruction 

process. Instead of applying the correction to several DMs conjugated to each turbulence 

layer, the correction is integrated on the line of sight of the target and applied to only one 
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DM. Also, in this case the complete reconstructor matrix !!"# is used to process the 

complete wavefront sensor vector. No information is averaged, as in the GLAO mode. In 

LTAO, beacons and tip-tilt WFS slope measurements are used to estimate the wavefront 

phase error within the metapupil at each of these layers.  

To obtain the tomographic reconstructor without a priori information of the !!! 

profile we use a least square fitting approach (Angel & Lloyd-Hart, 2000; Baranec et al, 

2006), where the wavefront sensor information from a natural probe star, at center field, 

is sampled at high speed. The same process is carried out in parallel for all the beacons 

and the tip-tilt sensor, all running at the same speed for at least 120 seconds to remove 

any short term correlations on the layers. 

The tomographic reconstruction allows us to establish a linear relation between 

the wavefront measured from the probe star and the laser beacons, since each beacon is 

sampling only a fraction of the metapupil, 

!!"# = !!!"#,                  (6.9) 

where !!"# and !!"#are matrices containing concatenated vectors of DH coefficients 

corresponding to the measured wavefront from the probe star !!"# and from the laser 

beacons !!"#. At the MMT, 44 modes are being used for this case and 48,000 frames are 

grabbed during 120 seconds at 400Hz. This yields matrices of 44 rows by 48,000 

columns. The goal is to find the tomographic matrix that minimizes the difference 

between the measured coefficients of the probe star wavefront contained on !!"# and 

their estimates from the beacons. Then, T is derived from SVD inversion as follows: 
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! = !!"#!!"#!!                (6.10) 

During a run in May 2010, I was able to take several LTAO open loop data sets 

that allowed the optimization of the routines needed to obtain least squares 

reconstructors. This tomographic matrix is the starting point for the algorithm presented 

in the next section. 

6.5. Analytic LTAO Approach 

An LTAO reconstructor can also be obtained analytically (Milton, 2009) from the 

tomographic reconstructor matrix !!"#,!"#$% that is the SVD inverse of the total layer 

influence matrix !!"#$%,!"#.  This is a block matrix composed of the modal influence 

functions for each beacon at each atmospheric layer: 

!!"#$%,!"# =
!!"#$%  !,!! ⋯ !!"#$%  !,!!

⋮ ⋱ ⋮
!!"#$%  !,!! ⋯ !!"#$%  !,!!

.   (6.11) 

The tomographic reconstruction obtained is sampled only along the line of sight to the 

desired target with the target influence matrix !!"#$%,!"#$!". This matrix also integrates 

the commands of each virtual DM into one set of modes to command the real single DM:  

!!"#$%,!"#$%! = !!"#$%!,!"#$%!⋯   !!"#$%  !,!"#$%! .   (6.12) 

The LTAO reconstructor is created from the product of the following matrices 

!!"#,!"#$ = !!"#!!"#$%,!"#$%!!!"#,!"#$%!!,    (6.13) 

where !!"# is the DH to DM actuator mapping matrix and the !! maps the slopes 

delivered by the wavefront sensor to DH modes. Finally, the commands for the DM 

without modal filtering are:  
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!!"# = !!"#,!"#$  !!"#         (6.14) 

and !!"# is the vector of the wavefront sensor measurements from each beacon and tip 

tilt with a total of 602 slopes for the case of the MMT. 

6.6. MMT Multi Laser Adaptive Optics System Overview 

  A Multi-laser system has been installed at the MMT Observatory located at Mt 

Hopkins, AZ. The MMT is a 6.5m telescope that has three exchangeable secondary 

mirrors, resulting in f/5, f/9, and f/15 configurations. These three provide different FoV to 

the instrumentation attached. There is one focal station in the Cassegrain focus of the 

telescope.  

 
Figure 6–5. The MMT telescope projecting the laser. 

 
  The telescope is equipped with an Adaptive Secondary Deformable (ASM) mirror 

(Brusa-Zappellini et al., 1998), which delivers an f/15 to the instruments. The ASM is 

made of a 640mm diameter, aspheric thin ZERODUR shell that has 336 permanent 

magnets attached on its back surface. Behind the shell there is a reference body where the 
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voice coils and inductive sensors are mounted. A flow of current generate a magnetic 

field that keeps the deformable mirror floating very close to the actuators without 

touching them.  

  The current of individual actuators can be adjusted in order to push or pull an 

actuator to locally deform the shell and apply a Zonal wavefront correction. The shell and 

the reference body together with the control electronics are mounted together and 

attached to the telescope using a hexapod that accurately controls the position of the 

ASM and offload excessive tip-and tilt. 

 
Figure 6–6. The ASM and the hexapod while being removed from the secondary 

hub. 
 
  The MMT MLGS AO system utilizes five artificial guide stars, created via 

Rayleigh scattering in the atmosphere. The guide stars are created combining two 5.2 

kHz pulsed diode lasers to obtain a 25W beam at 532 nm using a polarizer beam splitter. 

Then the beam is divided into five beams with a pentagon geometry using a computer 

generated hologram that can rotate to compensate for the field rotation induced by the 

telescope tracking. Finally, the beams are propagated from behind the secondary mirror 
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of the telescope using the laser beam projection optics (Stalcup, 2006). Figure 6–7 shows 

the beam projector optics on the left. The beam projector is located behind the ASM and 

the image on the right shows the five beacons generated by the computer generated 

hologram constellation, which is inscribed on 2’ circle on the sky. The dimmer spots 

present around the main diffraction orders are secondary diffraction orders created by the 

discretization of the computer-generated hologram. 

 
Figure 6–7. The beam projection optics on the left and the laser constellation on the 

right. 
 
  A fast, beam steering mirror (FSM) serves as actuator to reduce the laser jitter 

controlled by a loop at 1 kHz. This loop is fed by the measurement of the center of 

gravity of the laser Shack-Hartman spots on the Laser Guide Star Wavefront Sensor. 

Additionally, the control loop corrects for hub vibrations using accelerometers installed at 

the secondary mirror hub (Stalcup & Powell, 2008). The control loop reads the signal and 

adds it to the LGS centroid information and sends a feed forward signal to the FSM in 

order to minimize the beam jittering on the sky. 
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  When the laser system is used, a wavefront sensor instrument is mounted at the 

Cassegrain focus station. This instrument, called “LGS Top Box,” measures the 

wavefront using the laser beacons and the tip-tilt using a Natural Guide Star, and it also 

serves as a mechanical interface with the scientific instrument. 

 

Figure 6–8. The LGS Top Box and ARIES mounted on the Cassegrain focus. 
 
  The Rayleigh scattering return signal from the laser beacons is captured by the 

LGS Wavefront Sensor Camera (WFS) (Lloyd-Hart et al., 2005). In order to generate a 

spot and not a line in the LGS WFS, it is necessary to range gate or limit the length of the 

laser pulse that is imaged so the seeing limited image of the spot is still round. The 

maximum range that a laser beacon can be integrated and still have a round image, or 

Depth of Field (DoF), is given by the average altitude of the beacon h, the telescope 

aperture size D, and the seeing conditions s as, 
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!"# = !!!!
!

      (6.15) 

  For the MMT with an aperture of 6.5m, a seeing of 0.7” and a beacon height of 

23km the DoF is 0.55km. A schematic of this situation is shown in Figure 6–9. However, 

at this altitude the return is very low and not enough to achieve a reasonable SNR for the 

LGS centroiding. To solve this problem, most systems using Rayleigh beacons use a 

lower altitude of their beacons, approximately 10km. However, this prevents useful Laser 

Tomography research because the upper layers of the atmosphere are not sampled. The 

solution implemented at the MMT is to install dynamically refocused optics (Georges, 

2003) and an electronically shuttered CCD to be able to integrate the photon return over 

the range 20–29 km.  

  Before reaching the science camera, the IR and visible light are separated by an 

IR dichroic. The laser light is sent to a mechanical resonator, shown in Figure 6–9 that 

vibrates at 5.2kHz synchronized with the laser pulses emitted. At the end of the resonator 

there is an f/0.7 mirror that adjusts the focus of the system to keep the laser pulse in focus 

as it propagates through the atmosphere. The amplitude of the resonator movement is 

105µm, which translates into a 9km defocus range on the sky allowing integrating from 

20 to 29km with a center of gravity of the photon return of 23km. The measured return is 

about 121,000 Ph/m2/J. An electronically shuttered CCD defines the integration lower 

and upper limits. 
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Figure 6–9. Range gating schematic on the left and mechanical resonator on the 

right. 
 
  The same resonator mirror refocuses the light from the five beacons. Then, 

downstream from the resonator and located on a pupil plane, a prism array with 60 

elements in hexapolar configuration divides each beam’s pupil in 60 subapertures that are 

then imaged on the LGS WFS 128x128px CCD at 400 Hz. Since the CCD is not large 

enough to image the 2’ FoV necessary to image the five beacons on the same chip, a 

periscope system was used to bring together the images of the beacons, removing the 

empty space in the middle of the field. Figure 6–10 shows examples of the LGS WFS 

with the dynamic refocusing OFF on the left and ON in the middle frames. The effect is 

dramatic in terms of morphology and brightness of the spots. 
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Figure 6–10. From left to right, the LGS WFS with dynamic refocusing OFF, with 

dynamic refocusing ON, and the NGS WFS. 
 
  Tip-Tilt (TT) information is acquired from a Natural Guide Star (NGS) using an 

electron multiplying L3 CCD operating at the same frequency as the LGS WFS camera; 

however, this camera can be slowed down for fainter targets. Independent measurement 

of the wavefront can be obtained using a NGS WFS, shown on the right image of Figure 

6–10, which is comprised of a traditional 12×12 Shack-Hartmann and an 80×80 pixel 

CCD camera. When the camera is operated at low frequency, static aberration 

information of the system can be obtained; however, it can also by synchronized with 

LGS WFS and TT camera to acquire simultaneous high-speed data, which has been used 

to build tomographic reconstructor matrices. 

  The wavefront measured with the laser beacons is obtained by finding the 

centroid of the spots produced by each sub aperture over a box of 4x4 pixels. A user 

interface allows the boxes to be properly centered on the spots and centroid reference 

positions to be defined. As a result, 300 slope pairs are obtained from the five laser 

beacons plus tip-tilt information provided by the tip-tilt star. Then, the slopes and the 

correction commands to drive the Adaptive Deformable Mirror is performed by a PC 
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based real-time reconstructor computer (Vaitheeswaran, Hinz, Brusa, Miller, & Stalcup, 

2008), which also maps WFS slopes to DM actuator commands using a reconstructor 

matrix that will be defined in the next section. When the static aberrations are detected, 

new LGS offsets are computed to remove the static terms and the offset applied to the 

real time computer in order to obtain new updated vectors for the mirror correction. 

Figure 6–11 shows a schematic drawing of the LGS system showing the main subsystems 

mentioned before and the data exchange between them. 

 
Figure 6–11. Schematic of the LGS system. 
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6.6.1. The Control Loop 

  The command vector obtained either by GLAO or LTAO is scaled with a user 

gain input. This value is tuned according to the system and atmosphere conditions to 

prevent breaking the loop due to excessive currents on the DM. This vector is denoted as 

!!"#∗!  or scaled commands. Since the number of controlled modes is only 44, which is 

smaller than the degrees of freedom provided by the 336 actuators on the MMT DM, it is 

necessary to apply a modal filter !!" to the scaled commands in order to prevent build 

up of uncontrolled modes on the system and obtain the delta commands !!, which are the 

commands applied to the DM.  

 
Figure 6–12. Control loop of the LGS system. 
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CHAPTER 7. GLAO AND LTAO RESULTS 

7.1. GLAO Results 

  The LGS system operated in GLAO mode has delivered excellent results since 

2009. Then, in 2010 the system went through several engineering upgrades carried out by 

the MMT crew and me, such as relocation and re-organization of the electronics, 

improvements to the cooling system, and replacement of a SCSI communication cable for 

fiber links for the cameras. Then, the system was re-commissioned and brought back 

online. In this section, we summarize the results obtained with the system in GLAO mode 

(Baranec et al., 2007). These results have been already published in Nature (Hart et al., 

2010) and several conference proceedings. 

  In 2009 the performance of the system was first characterized using the globular 

cluster M3 with the science camera PISCES (McCarthy, Ge, Hinz, Finn, & de Jong, 

2010), which is an imager in J, H and K bands using a 1K x 1K Hawaii array with 110” 

FoV and a plate scale of 0.107”/px. Images were acquired in J, H, and K bands with 60 

co-add of 1 second each. For each filter, two data sets are taken, first without AO 

correction, reporting a natural seeing of 0.7” measured in K band, and immediately after 

with the GLAO correction running at 400Hz. Comparison between both images shows 

that the Point Spread Function (PSF) Full Width Half Maximum (FWHM) was reduced 

from 0.7” to 0.3” uniformly over the FOV with a standard deviation of only 0.009”. The 

peak intensity also increased by an average factor of 3.4. A comparison of the core of M3 

with and without correction is shown in Figure 7–1. The frame is located at the center of 

the field and covers only 27” of the total 110” FOV observed by PISCES. 



 208 
 

  The performance at the edge of the 110” field was equivalent in FWHM and the 

morphology to the results obtained near the center of the field, demonstrating uniform 

correction over the full field, which is one of the main advantages of the GLAO approach 

for several scientific goals, especially for astrometric measurements.  

 
Figure 7–1. Image of the core of M3 with natural seeing of 0.7" on the left and 

GLAO on the right. 
 
The open cluster M34 was also imaged both at the seeing limit and with GLAO 

correction. The configuration used to image M3 was repeated for M34 and data sets were 

taken in J, H and K bands as well. The natural seeing obtained from the uncorrected 

images is 0.61” in K band. The GLAO corrected image shows a reduction in the PSF 

FWHM to 0.29” in J and H bands and to 0.22” for K. Again, the correction is uniform 

over the field with a standard deviation of 0.015”. Figure 7–2 shows a plot comparing the 

FWHM of stars in the cluster in K band as a function of the field angle. The fact that no 

decaying trend in the correction as a function of the field angle is observed, together with 

a small standard deviation of the closed loop PSF, suggests that the correction extends 
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significantly beyond the limit of the FOV of the camera. Also, the peak intensity 

increased by a factor 3.0, 3.6 and 5.5 for J, H and K bands respectively. 

 
Figure 7–2. GLAO performance as a function of field angle on M34. 

 
  The MLGS system at the MMT telescope has had several recent engineering 

improvements led by me to improve the reliability and performance of the system, 

including relocation and re-routing of all the computers, electronics, and cables that 

control the system to a different room in the telescope building; improvements to the 

NGS WFS camera preamplifier; new fiber links for the NGS camera; and changes to 

optimize the operation of the control software. The system was re-commissioned during 

engineering nights in April and May 2011. 

  Results obtained during a run on Mary 13, 2011 demonstrate that the system is 

working well and delivering performance that it is better than in any previous run, 

showing that the engineering upgrades did actually improve the results obtained using the 
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GLAO approach. For this run, I prepared, maintained, and operated the hardware. I also 

prepared different GLAO reconstructors to operate the system.  

  On previous runs, the system was only used with PISCES, but for the first time 

this instrument was configured with a plate scale of 0.0245” per pixel, offering better 

than Nyquist sampling of the PSF. The resulting FOV of the instrument in this 

configuration is 25.1”. Sets of 50 images of one-second exposure, each using an H band 

filter, were taken in closed loop and then co-added; immediately afterward, another set 

was taken in open loop. The target was the star TYC3171-151-1 that had a V magnitude 

of 10.49 and 9.20 in H band.  

 
Figure 7–3. GLAO closed loop image showing 0.2” images on top and natural seeing 

of 1.07¨ on the lower image, both taken in H band. 
  
This star was also used to close the tip-tilt loop, with the flux shared with the NGS WFS 

to allow continuous static aberration correction of the system (For faint tip-tilt guide stars 
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the static aberrations are measured once during the acquisition process, after which the 

beam splitter is removed, directing all the star flux to the tip-tilt camera). The data were 

taken with the loop running at 400 Hz.     

  To close the loop in GLAO mode, the telescope is pointed to the target, 

collimation and focus of the telescope is adjusted in the science camera, and the center of 

rotation is determined. Afterwards, the lasers and tip-tilt star, which in this case was the 

same target mentioned above, are acquired on the LGS WFS and NGS TT camera 

respectively. Then, the loop is closed and the gain of the control loop is increased to an 

optimal level. Increasing the gain in steps has proven to be useful for the stability of the 

system, allowing time for the control loop to offload big tip-tilt offsets to the ASM 

hexapod that occur when the loop is closed. After the loop is closed and stable, the NGS 

WFS is used to measure static aberrations of the system caused by flexures and 

temperature changes. The procedure is to average the wavefront measurements for 30 

seconds to measure atmospheric effects and then apply these offsets to the ASM 

actuators. Depending on the magnitude of the static aberrations, this process requires 

several iterations to converge safely to a point where the system can deliver optimal 

performance.  

  A comparison of the open loop image and the closed loop counterpart is shown in 

Figure 7–3. The seeing conditions were 1.07” in H band based on measurements of the 

target’s FWHM in several open loop data sets, including the one shown on the lower 

image in Figure 7–3. The upper image shows the same field in closed loop. The PSF 

FWHM of the target is reduced to 0.196”, or by a factor of 5.45, with respect to the 
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natural seeing FWHM and a peak intensity enhancement factor of 7.1. Note that the star 

on the edge of field has a FWHM of 0.195”, showing that the correction is uniform over 

the FOV when GLAO mode is used. Figure 7–4 shows the PSF Analysis of the star 

TYC3171-151-1. On the left, a comparison of the open and closed loop PSFs is shown. 

The peak intensity enhancement factor is 7.1 and the FWHM is reduced by a factor of 

5.45. A comparison of the open versus closed loop PSF of the target shows that the PSF 

is well behaved and close to a Lorentzian shape. The plot on the right shows the encircled 

energy change when the loop is closed. Nearly identical performance is observed for the 

rest of the objects in the FOV with average FWHM of 0.192”.  

 
Figure 7–4. PSF analysis of the central star showing a peak intensity factor of 7.1 

times. On the right the encircled energy is shown. 
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  The PSF morphology is homogeneous for all the objects and the standard 

deviation of the FWHM is only 0.005”, demonstrating the capabilities of GLAO to 

produce homogeneous performance over the FOV. A slight elongation in all the stellar 

PSFs attributable to residual astigmatism and defocus indicates that overall performance 

is still limited by non-common path aberration rather than uncorrected seeing. 

  Table 7–1 lists the closed loop image widths for the stars in Figure 7–3. The 

substantial improvement in peak intensity and PSF width, and the uniformity of the 

improvement over the field suggest that the ground layer accounted for much of the total 

aberration at the time of these observations, although no proven Cn
2 profiling tool was 

available to confirm this hypothesis. 

  Despite the fact that the FOV radius of this result is limited to 13.9”, there is no 

indication that the performance is degrading at the edge of the sampled FOV. Table 7–1 

lists the closed loop performance for each star in the FoV versus its distance to the edge 

of the field. Moreover, results published by Hart et al. (2010) demonstrated that the 

system delivers uniform correction over 2’, suggesting as well that the area corrected in 

GLAO mode extends even further. 
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Table 7–1. GLAO Performance for the target TYC3171-151-1. 
 

GLAO Closed loop performance in H band, for a natural seeing 1.07” (H band) 

Object Distance Closed loop FWHM  

Star 1 13.89” 0.195” 

Star 2 3.48” 0.192” 

Star 3 2.12” 0.184” 

Star 4 2.00” 0.192” 

Star 5 (Tip-tilt) 0.00” 0.196” 

Average performance over the FOV in H band 

Closed loop FWHM FWHM reduction FWHM std. dev. Peak intensity 

0.192” 0.005” 5.5 7.1 

 
 Figure 7–5 shows the dramatic reduction of the PSF FWHM in comparison 

with the natural seeing of the objects in the image as a function of the field angle. The 

object at the edge of the field has almost the same FWHM as the field average and it 

is within the ! of 0.005” observed across the field. 
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Figure 7–5. GLAO performance as function of field angle. 

 

7.1.1. Results Summary of GLAO 

The MLGS system at the MMT has demonstrated the potential of GLAO to boost 

the performance of current and future telescopes, enhancing the peak intensity of the 

targets and reducing the FWHM uniformly over the FoV. A summary of the main results 

obtained so far is presented in Table 7–2. These values are similar to or better than 

expected performance for future GLAO systems being designed or constructed around 

the world. The significance of these results is to validate this technique as a tool to 

improve the seeing for wide fields and also proves the simulations that predict its 

performance.  
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Table 7–2 Summary of GLAO results. 
 

Object Band Seeing FWHM Ratio FoV 

M3 K 0.7” 0.3” 2.3 110’’ 

M34 K 0.61” 0.22” 2.8 110’’ 

TCY3171 H 1.07” 0.19” 5.5 13.9” 

 
7.2. Least-Squares LTAO  

The MMT MLGS adaptive optics system was designed to implement GLAO and 

LTAO approaches using the same instrument and the ASM of the telescope. In the case 

of GLAO, the wavefront information obtained from the laser beacons is averaged to 

reduce the effect of high altitude atmospheric contribution. As a result, the correction can 

be applied on a single DM conjugated to the ground layer, providing a uniform wide field 

correction with moderate performance since the upper layer turbulence is not being 

corrected.  

In contrast to GLAO, laser tomography aims to use the information provided by 

each laser beacon to obtain a three-dimensional description of the turbulence above the 

telescope. This is the same principle of wavefront sensing used by MCAO, but laser 

tomography relies on using only one DM instead of several conjugated to each turbulence 

layer. Laser tomography AO can therefore achieve diffraction-limited performance but 

for only one line of sight within the FOV of the instrument. Since this approach is linear, 
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it has the advantage that the corrected object can be selected arbitrarily within the FOV 

just by modifying the reconstruction matrix. 

For the LTAO effort, I prepared the hardware and created the algorithms to reduce 

the data and build the LS-LTAO reconstructor. This process required several sub-routines 

to process the data coming from the LGS and NGS WFSs, to synchronize it, and to 

sample this information appropriately. I also developed those algorithms.  

7.3. Least-Squares LTAO Background 

A tomographic reconstructor matrix T provides a linear relationship between the 

wavefront at each layer height across the telescope metapupil and the wavefronts sampled 

by each laser beacon footprint on the metapupil. Figure 7–6 shows two laser beacons of 

finite height sampling n turbulence layers at different given heights. In the top view of 

Figure 7–6, the telescope metapupil is shown together with the beacon footprint at the 

given height where each turbulence layer is located. If enough beacons are added to 

sample the complete metapupil for that height, then the tomographic reconstructor T will 

generate the complete layer information from the individual laser beacon sampling.  

This problem can be generalized for n beacons and m turbulence layers and still 

be able to generate an analytic tomographic reconstructor Ta if a priori information of the 

!!! profile is available to construct the correct model of the system and the atmosphere. 

The real implementation of an analytic reconstructor is not only difficult because the !!! 

profile information is needed along the line of sight to the target, but also because the 

telescope and the wavefront sensor must be accurately modeled. This model must include 

dynamic effects such as flexures and temperature changes that can modify the optical 
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system and cause pupil misregistration. This effect occurs when the pupil does not match 

the WFS pupil entrance anymore due to flexure or thermal effects, causing a modal cross 

talk and inducing errors in the WFS operation leading to detection of modal components 

that are not present in the real wavefront. The details of this problem are discussed in a 

different section.  

 
Figure 7–6. Tomographic model with n turbulence layers and 2 beacons. 

 

A simpler approach to obtain a tomographic reconstructor and avoid the complexity of 

the analytic reconstructor can be implemented if a ground truth NGS star is used to find a 

linear relation between the metapupil and the partial samples of it obtained by each laser 

beacon footprint. 
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The wavefront of the ground truth star is sampled and converted in a modal 

decomposition matrix, !!"#. Additionally, the wavefront information of the laser 

beacons can be represented by another matrix !!"#  containing a modal decomposition of 

the wavefront measured by the LGS. Then, !!"# and !!"#  can be related by the 

tomographic reconstructor T as follows, 

!!"# = !!!"#.                   (7.1) 

If the NGS and LGS wavefront information is known, then it is possible to obtain a 

matrix T that minimizes the squared norm of the difference of the wavefront modal 

coefficient measured from the NGS ground truth star !!"#  and the estimates !!"# 

obtained from the !!"#  information. In this case the tomographic matrix is expressed as,  

 !!" = !!"#!!"#
!!                               (7.2) 

!!"#
!!  is obtained by inversion of !!"# using singular value decomposition (SVD) 

because the matrices are not square and the problem is overconstrained. Since Tls is 

obtained using least-squares minimization, this tomography matrix is called a least 

squares (LS) tomographic reconstructor, and it contains information about the 

atmosphere, the telescope, and the wavefront sensor. Hence, no a priori !!! information is 

necessary and no model of the optical system is needed, reducing the complexity and the 

amount of input variables required. 

7.3.1. Least-Squares LTAO Implementation 

I implemented the procedure to obtain a least-squares tomographic reconstructor 

at the MMT using the LGS WFS to sample the wavefront of each laser beacon at 400 Hz 

in open loop. Simultaneously, and in synchrony, data were recorded from the NGS WFS. 
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The length of the data sets need to be sufficient to fully sample the statistics of the 

temporal variations of the atmosphere. A matrix !!"#  is built up from slope vectors that 

are the output of the real time slope computer, which processes the Shack-Hartman 

images. Each vector has 602 elements, 60 (x,y) pairs from each of the five beacons, 

supplemented by two NGS tip-tilt global slopes. 

Each matrix stacks slope vectors from 8000 frames or 20 seconds of data when 

the camera is operated at 400 Hz. Several slope matrices can be concatenated to obtain a 

longer data set that average out short-term temporal variations of the atmosphere but 

conserve the large-scale spatial turbulence distribution. Normally, six data sets are 

concatenated to create the matrix !!"#, which therefore has 48,000 frames and 

encompasses 120 seconds. Similarly, the NGS WFS samples the ground truth star at 400 

Hz, generating the second data matrix !!"#  that contains 288 x-y slope pairs as rows and 

48,000 frames from the same 120 seconds. These two matrices complete the data sets 

needed to start the computation of the tomographic reconstructor. 
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Figure 7–7. Cross correlation of the NGS and LGS defocus term. The position of the 

peak shows the delay between the starting points of the data sets. 
 

Since least-squares tomography relies on a linear relationship between the 

wavefront measured by the LGS WFS and by the NGS WFS, the correct synchronization 

of data sets is essential to obtain the tomographic matrix. Ideally, each frame should be 

acquired at the same time and properly indexed to determine a common starting frame in 

both data sets. To address this challenge, both cameras are triggered at the same time by a 

TTL signal and a frame number counter is recorded as a pixel value in the corner of the 

frame; however, different computers save the data, hence the frame numbers do not have 

the same starting point for each camera. 

To extract synchronized data, the cross correlation of the NGS and LGS focus 

term is computed, as shown in Figure 7–7. First, the matrices !!"# and !!"# are 

reconstructed to obtain their respective modal decomposition !!"# and !!"# using a disk 

harmonic22 (DH) basis set truncated at order 8, generating 44 modes without piston. 



 222 
 

Then, the defocus term of each laser beacon is averaged to obtain the mean LGS defocus 

term.  

The importance of averaging the defocus terms of all five beacons is due to delay 

in the turbulence to reach each beacon footprint at different altitudes and for different 

wind speeds. Figure 7–8 shows a 2.3 second sample of 602 slopes obtained from the LGS 

WFS, where each beacon is identified by a green number starting with beacon 1 in the 

lower row. The corresponding beacon is identified in the WFS image on the left.  The 

presence of a strong defocus term building over the different beacons footprints can be 

identified by inspection in the image as horizontal variable width stripes indicated by the 

beacon number. This defocus feature shows a clear delay between beacons appearing 

almost simultaneously on beacons 1 and 5, then 2 and 4, and finally beacon 3 over a span 

of 0.35 seconds. If we assume that defocus term is carried by a frozen flow and there is 

no cross talk between the defocus terms, which implies that the beacon footprints are not 

overlapping, it would be possible to conclude that this can be caused by 18.1m/s second 

wind at 10,900 meters altitude.  
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Figure 7–8. Turbulence delay for different beacons. 

 
Despite the accuracy of these assumptions, the important conclusion of this image is to 

demonstrate the need to average the defocus term of all the beacons to obtain an accurate 

defocus term. 

The NGS defocus term is directly extracted from !!"# and then the cross-

correlation of the two vectors is computed. When the two vectors are synchronized, a 

sharp peak appears caused by the matching defocus features. The position of the peak 

represents the lag between the NGS and LGS data sequence, which can be applied to the 

data set allowing the synchronization of its starting point. 

This procedure is efficient and robust, but requires reliable telemetry. For 

example, dropped frames rapidly distort the cross correlation peak as shown in Figure 7–

7, where 75 contiguous frames were lost from the LGS WFS causing a double peak. In 

contrast, if the frames are lost in a scattered manner, the cross correlation peak will 

diminish. To overcome this problem, I implemented an algorithm to identify dropped 
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frames in both data sets using the difference in their frame number. Then, the missing 

frames were also removed from the other data set in order to keep each frame concurrent 

in both wavefront sensors. 

Given the critical importance of the data synchronization, and since the defocus 

term is not always strong enough to obtain a good correlation, I implemented a second 

approach to synchronize the data. In this case, flashing LEDs were installed on the edge 

of the FoV of the NGS and LGS camera. At the beginning of a LTAO data set, the 

flashers are activated by the control computer simultaneously creating a train of light 

pulses. The LEDs have a fast response and can be cycled faster than a frame time of 

2.5ms. When the LEDs are ON, the average illumination of the frames increases 

significantly and the average intensity of them can be computed resulting in the plot 

shown in Figure 7–9, where the red line represents the NGS frame average intensity and 

the green line shows the LGS intensity. 

After the intensities are computed, the algorithm finds the first flank from right to 

left in both data sets and shifts the set that has the later flank backwards in order to 

synchronize the data sets. The data shown in Figure 7–9 has already been synchronized 

and now the red and green pulses match perfectly. This technique is very robust and 

precise, achieving a synchronization accuracy of +/- 1frame; however, it corrupts the 

slope data when the flashers are on, forcing to discard those frames for the rest of the 

least-squares algorithm. 
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Figure 7–9. Average LGS and NGS frame intensity when the flashers are used. The 

effect of the LEDs flashing creates three pulses at the beginning of the sequence. 
 

After the data is synchronized, it is necessary to remove missing frames in both 

data sets to maintain the synchronization during the complete data set. Note that missing 

frames cause an accumulative effect that propagates to the end of data set. 

Removing frames from the data set will not necessarily affect the performance of 

the reconstructor if there are enough samples to overcome the noise of individual 

measurements and each sample is concurrent. Since the inversion using SVD of an !!"# 

matrix of 48,000 rows and 602 columns would not be possible in a reasonable time scale 

at the telescope, a sub-sampling approach is taken to reduce the data sets to 16,000 

frames spanning the same 120 seconds of data. These sampled data sets are then used in 

equation 6.9 to obtain the least-squares tomographic matrix Tls that will receive modes as 

input and will generate modes as output. A summary of the procedure to obtain a least 

squares reconstructor is shown in Figure 7–10.  
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Figure 7–10. Least-squares LTAO reconstructor procedure. 

 
To be able to use a tomographic reconstructor on the MMT MLGS system, input 

from the laser beacon slopes must be received from the real time computer and converted 

to output commands for the DM actuators. Since the tomographic reconstructor is linear, 

it is possible to include a reconstructor to convert slopes to modes and the ASM influence 

function to remap the modal decomposition to zonal actuator commands. Then, the 

tomographic reconstructor used to convert slopes to actuator commands is obtained as 

follows, 

!!"!!"#$ = !!"#!!"!!",    (7.3) 

where the !!"!!"#$ is the end-to-end tomographic reconstructor, !!"# is the influence 

function of the ASM that maps the modal decomposition to actuator commands, and !!" 

is the reconstructor that converts slopes to modes. 
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7.3.2. Least-Squares LTAO Results 

Using telemetry obtained during May 2011, a tomographic reconstructor was 

computed based on 12,000 frames. To validate the accuracy of the synchronization 

determined by defocus cross-correlation, synchronized flashing LEDs were installed in 

front of the NGS and LGS WFS. The LEDs were pulsed simultaneously at a frequency of 

1Hz with a low duty cycle causing an abrupt change in the overall illumination, but not 

the saturation, of the frame while the flasher was in operation during the first 10 seconds 

of the data set. The affected frames were discarded before computing the tomographic 

matrix. 

  In the post processing code, the overall flux of every frame was calculated, 

generating a vector that had a clear train of rectangular pulses. The edge of each pulse did 

not span more than two frames. Again, the cross-correlation of the flux of both wavefront 

sensors was computed and the synchronization point was easily found. This method 

proved to be very valuable when dropped frames existed in the data set, since in such 

cases the defocus cross-correlation peak becomes ambiguous.   

  A combination of the two methods, flux intensity and defocus cross-correlation, 

was used with the real data to address the synchronization problem. Initially, the starting 

point was found using the intensity information because it was unambiguous but did not 

provide any information about dropped frames in the rest of the data set. In contrast, 

using the defocus information the integrity of the complete data set was verified. 

  With the NGS and LGS data sets synchronized, and after the dropped frames were 

filtered, the tomographic matrix Tls was obtained. This reconstructor was tested 
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comparing the estimated wavefront obtained from the LGS WFS with that measured by 

the NGS WFS. Figure 7–11 compares the time evolution of two modes, astigmatism, and 

defocus. The blue thick line represents the estimated amplitude of the wavefront, and the 

red thin line represents the measured value. The measured amplitude of each term is well 

described by the estimated value obtained using tomography. The modal amplitude RMS 

was reduced to 49% of the measured value for 45-degree astigmatism and to 46% for 

defocus. 

 
Figure 7–11. Comparison of estimated (Blue) and measured (Red) time series of 45-

degree astigmatism and defocus. 
 
  The RMS wavefront for modes 2-8 was reduced from uncorrected value of 402nm 

to LTAO residuals of 31nm. It is expected to improve this value by increasing the 

number of samples taken into account for the SVD and also by implementing better 

filtering techniques to find and remove dropped frames. 
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Figure 7–12. Comparison of uncorrected and LTAO RMS wavefront error for 

orders 2-8. 
 
  Two main factors have been identified to improve the performance of the LS-

LTAO reconstructor. The first one is to reduce the number of dropped frames since 

some of them cannot be identified, causing a synchronization error between the data 

sets. This problem becomes worse for longer data sets because the error is 

accumulative and diminishes reconstructor improvements achieved by increasing the 

length of the data set. The second factor is the noise on the NGS WFS because it 

biases the centroiding results, generating wrong slope measurements. In this particular 

case, the SNR is low due to the high frame rate of 400Hz that increases the read out 

noise and dims the signal of the star. Additionally, a pick-up noise that creates 

diagonal lines creates a strong effect on the centroiding result when a noise line enters 

a subaperture. A frequency domain filter has been created to remove this noise, but 
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still the data is not ideal, and, therefore, engineering upgrades to minimize the noise 

are the most desirable solutions. 

  Despite practical implementation problems, the algorithm has been tested 

using real data and several LS-LTAO reconstructors have been created and tested 

closing the loop off-line using saved data. The results clearly show that the algorithm 

works; however, there are several practical and problems that must be improved to 

increase the performance of the reconstructor. 
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CHAPTER 8. OTHER IMPROVEMENTS TO THE LGS SYSTEM AND 

CONCLUSIONS 

8.1. Pupil Misregistration Correction 

Despite the fact that an LS-LTAO reconstructor contains all the system 

information, it is perishable and requires acquisition time. As a result, the ideal is to have 

the capability to generate an analytical tomographic reconstructor. Such a reconstructor 

requires a model of the telescope and of the atmosphere, including height and intensity of 

turbulence layers, but it also requires finding the misregistration between the conjugated 

pupils of the Laser WFS and the DM actuators. If the pupil does not properly overlap the 

LGS WFS camera pupil, then wrong modes will be computed and applied to the DM as 

shown in Figure 8–1, where the LGS pupil (gray shadow) is shifted to the left of the 

LGSWFS pupil. As a result, the subapertures on the right side will get less flux and will 

be dimmer on the image plane, as shown in the middle. Finally, secondary modes will be 

artificially generated causing an error on the DM.  

 
Figure 8–1. Pupil misregistration effect on the LGS WFS pupil, spots image and on 

the DM. 
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An example of this problem is the case when pure defocus exists on the wavefront. 

If that pupil suffers some misregistration, the reconstructed wavefront from the slopes 

will show a linear combination of defocus and tilt. Figure 8–2shows a schematic where a 

wavefront containing pure defocus is measured by pupil shifted by xo, and as a result one 

side of the defocused wavefront is not sampled, resulting in an inexistent or false tilt 

being measured and represented with the dashed red line in the Figure 8–2. 

Figure 8–2. Pupil misregistration and modal cross talk. 

This cross talk can be detected by measuring the tip-tilt cross talk when the 

defocus term changes. For this analysis a defocus term in a Zernike polynomial basis has 

been used 

!! = 2! − 1 = −1+ 2!! + 2!!.    (8.1) 

If we consider only a misregistration in the X-axis of xo, we obtain, 

!!! = 2! − 1 = −1+ 2 ! − !! ! + 2!!.              (8.2) 

If the defocus changes by a factor a in the shifted pupil case and expression 8.2 is 

expanded as a function of Zernike terms, we obtain, 

!!!! = 2!!!!! − 4!!!!!!!      (8.3) 
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Finally, if the original defocus is subtracted, then the pupil shift can be expressed as, 

 !! =
!!!

!!!!!!
 .     (8.4) 

The approach being considered to solve this problem is based on measuring the 

cross talk between modes that should be zero unless a pupil misregistration is present. 

This effect is perhaps most easily seen in the case of defocus, where a shift of the pupil 

introduces also a tilt into the WFS signal. In general, the Zernike modes are not 

statistically independent under Kolmogorov turbulence; however, some of them are. In 

particular, the tip and tilt modes are independent of defocus (Roggemann & Welsh, 

1996), enabling the use of this technique with a Zernike basis if the correct modes are 

selected. However, future development using DH, which are statistically independent, 

will be carried out. 

A test has been done to evaluate the approach doing a telescope focus offset in 

open loop. Two 40-second time series of vectors with 600 slopes from all the beacons 

were recorded before and after applying a 50µm focus shift to the secondary mirror. The 

reconstructor matrices were modified to keep individual tip-tilt information from each 

beacon. The expression 8.4, relating a focus change to the respective induced tip and tilt, 

was applied to obtain the pupil shift in the X and Y-axis for all five beacons. Then, the 

pupil misregistration was obtained by replacing the average of focus, tip and tilt modal 

terms before and after the focus shift. The results are shown in Figure 8–3 where a 

comparison of a WFS image and the measured misregistration is presented. The worst 

case is beacon 4, which has a misregistration of almost 40% of a subaperture in the X and 

Y-axis or 4.8% of the pupil diameter. This is a large pupil misregistration that would lead 
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to serious problems for an analytical LTAO reconstructor; however, GLAO mode is less 

susceptible to errors from differential beacon-to-beacon pupil misregistrations because 

the slopes are averaged. 

 
Figure 8–3. Pupil misregistration results based on Zernike modal cross talk. 

 
The results shown in Figure 8–3 are consistent with the LGS WFS spot intensity 

modulation and central obscuration illumination. If the pupil is shifted as represented in 

Figure 8–1, the flux on vignetted sub apertures will decrease and the central obscuration 

will become illuminated. This effect is observed on the image of the LGS WFS spots, 

where the central obscuration becomes brighter than in all other beacons. This 

observation can be used as a qualitative validation; however, it is difficult to use this 

information to compute an exact pupil misregistration.  

On the other hand, in theory the intensity modulation of the edge sub apertures 

can provide a better quantitative value of the pupil misregistration. However the presence 

the vignetting of the beams by other optical elements in the optical train can affect this 
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measurement. For completeness a plot with the light curves of the outer ring of each 

beacon is shown in Figure 8–4, where the light curves for the outer spot rings of the five 

LGS WGS beacons is shown. The result is partially consistent with the modal cross talk 

approach; however, there are mismatches in some beacons caused by vignetting at the 

periscope inside the LGS WFS instrument.  

 
Figure 8–4. Light curves for outer ring of the LGS WFS for the five beacons. The 

blue line represents a 3x3px box average and red is 4x4. 
 

If the misregistration is known and relatively small, an appropriately shifted 

reconstructor can be built in order to compensate this effect without modifying the optics. 

This capability is extremely powerful since it would enable an analytic tomographic 

reconstructor that can adapt to misregistrations caused by flexures and temperature drifts 

without implementing any control system in the optics that would be very complex and 

expensive. 
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8.2. Laser SLODAR at the MMT  

After the pupil misregistration problem is solved and in order to have the 

necessary information to build an analytical tomographic reconstructor, the next 

challenge is turbulence intensity distribution of the atmosphere versus altitude. This plot 

is commonly denoted as Cn2 profile. This plot can be discretized, identifying the 

strongest turbulence locations as separate layers. If the plot is normalized, then each layer 

has a fractional intensity of the total turbulence. 

To obtain a fractional intensity of the ground layer at the site, I have adopted the 

SLODAR approach  proposed by Wilson (2002) and then later applied to multiple guide 

stars (Wang, Schöck, & Chanan, 2008). The implementation of the SLODAR approach 

for the MMT Multi-Laser Guide Star system required taking into account the cone effect 

of the laser guide stars and also remapping the hexapolar geometry of the Shack 

Hartmann wavefront sensor into square geometry. This work was done in collaboration 

with a team at Pontificia Universidad Católica de Chile and at Gemini Observatory 

(Cortés, Neichel, Rigaut, Guzman, & Guesalaga, 2011). New results from this team will 

be distributed with the SPIE Astronomical Telescopes and Instrumentation conference 

proceedings of 2012. 

The procedure requires averaging a slope data set of at least 60 seconds to remove 

short term perturbations in the atmosphere. Then, a model of the atmosphere is created 

selecting the desired discretization, or number of layers. Also a Kolmogorov phase screen 

is created for each layer, allowing for computing the analytical slope covariances matrix 

for each layer, assuming an equal fractional intensity of the turbulence for each layer. In 
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this case, 60 subapertures exist, followed by120 xy slope pairs. The covariance matrices 

are 120x120. The covariance matrices for different altitudes are concatenated in single 

matrix covariance matrix !!.  

After the analytic slope covariances are computed, the real slope covariances are 

computed for the measured slope data. Before taking the slope covariances, the slope 

means are subtracted in order to remove cross talk or static aberrations. As a result, a new 

set of covariances matrices is obtained from the real data. This set is shown on top of 

Figure 8–5. Here, there are ten 120x120 covariances matrices, and horizontal gray lines 

are orignated as replacement for noisy subapertures where the centroiding is not accurate. 

Again, the set of covariance matrices for different altitudes is assembled in a larger 

measured covariance matrix !!. The relationship betwen these two matrices is a vector t 

containing the tubulence fractional intensity of each layer, 

!! = !!!.             (8.5) 

Finally, an SVD matrix inversion is perfomed to find the operand that minimizes 

the quadratic difference between both for an optimal t vector, 

! = !!!!!!.     (8.6) 

The vector t represents the fractional strength of the tubulence layers. The middle 

image in Figure 8–5 shows the fitted analytic slope covariances, and the image on the 

bottom shows the error between the measured and the fitted values. This technique is 

sensitive to noisy subapertures and a planned improvement is to divide the covariances 

by the SNR ratio in order to weight their contribution according to their signal. 
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Figure 8–5. Image of the slopes measured covariances on top, the adjusted ones in 

the middle and the residual error on the bottom. 
  

This technique has been tested using telemetry data obtained on May 13, 2011. 

Three data sets of 8,000 frames and 600 xy slope pairs were concatenated to obtain a 

continuous data set of 1 minute and 24,000 frames. Another data set was acquired an 

hour later the same night. The intensity of the turbulence has been estimated using this 

technique from the ground up to 6,500m above the telescope, which means 9,100m above 

sea level. The result is shown in Figure 8–6, where 10 layers have been identified with 

variable separation between them ranging from 500m to 1km. The first sample shown on 
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the left represents a strong ground layer with a second maximum at the highest layer 

located at 9,100m. This distribution is reasonable and corresponds to the presence of the 

ground layer and the jet stream about 10km above sea level. Small negative values are 

observed at 4000 and 5000 meters. Those values are due to noisy data that creates small 

errors in the SVD process.  

 
Figure 8–6. Fractional Cn2 distribution for two different samples obtained the same 

night. 
 
The plot on the right corresponds to the results of the second data set taken an hour later, 

where the contribution of the ground layer is weaker and higher altitude layers are 

stronger. 

 Despite the fact that it was not possible to validate these results with a regular 

SLODAR, the results are reasonable and according to the normal behavior of the 

atmosphere. During the next run of the laser system, more data will be collected 

simultaneously with a MASS-DIMM and LuSci, the lunar scintillometer developed by 

Rajagopal, Tokovinin, Bustos, & Sebag (2008). 
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8.3. Mounting and Operating ARIES with LGS 

In order to provide the LGS system with high efficiency multi-object 

spectroscopy in the near infra-red when used in GLAO mode, The Arizona Infrared 

Imager and Echelle Spectrograph (ARIES) (McCarthy et al., 1998) was mated with the 

LGS WFS instrument, or Top Box. The instrument can be configured to offer a plate 

scale of 0.019 arcsec/px, allowing super-Nyquist sampling to characterize diffraction 

limited performance in K band when the LTAO mode is commissioned.  

In the case of ARIES the science dichroic, which is also the entrance window of 

the cryostat, splits the visible and IR light, feeding the science camera with the IR light 

and the LGS Instrument with the visible light. Therefore, adjusting the dichroic position 

requires moving or rotating the complete instrument. However, the motion of the 

instrument will affect the pupil matching of the telescope with the instrument. 

In order to match the optical and mechanical interfaces of the telescope, MMT 

engineers and I designed a hexapod mount to mate ARIES and the LGS Instrument. The 

design required adjustment in all six degrees of freedom. Several designs were 

investigated and reviewed by the LGS and ARIES development teams before selecting 

six-strut linkages. The goal was to design a system of adjustable-length, rigid linkages 

with a large range of motion. 

A simplified structural and modal finite element analysis model of the ARIES and 

the LGS WFS instruments was used to guide the orientation of the strut attachments, 

minimizing gravity deflections and maximizing the resonant frequencies to ensure 

rotational and translational rigidity. The maximum gravity deflections in any direction are 
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constrained to less than 100 microns and the lowest resonant frequency to greater than 

30Hz. An image of the model is shown in Figure 8–7. This figure displays the 

displacement simulation of the instrument. 

 
Figure 8–7. Hexapod and ARIES FEA model. 

 
The struts were designed using a mix of commercial hardware and fabricated 

parts. Rough alignment and initial installation used a sliding collet style Trantorque 

bushing. This allows adjustments up to +/- 50mm. Medium alignment is achieved by 

using the right and left hand threads of the rod end attachments as a turnbuckle with 

3.2mm adjustment per revolution. For the final adjustment, a differential screw was 

provided with 0.95mm adjustment per revolution. A technical drawing showing the main 

components of the strut is shown in Figure 8–8.  
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Figure 8–8. Adjustable hexapod strut designed to define the position of ARIES with 

three different accuracies. 
 

The 3D model of the hexapod and the instrument allowed obtaining easily a 

translation matrix that relates motions in any of the six degrees of freedom referenced to 

the center of the instrument dichroic with the necessary turns in the hexapod struts. This 

tool has been very useful to mount ARIES and adjust its position to match the optical 

interface with the LGS instrument and the telescope. An example of the matrix and the 

orientation of the axis are shown in Figure 8–9. 

 
Figure 8–9. Translation matrix to relate motions in all degrees of freedom with 

struts in units of nuts turns. 
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The instrument has been mounted and aligned in order to match the telescope pupil and 

the LGS instrument optical path. The strut positions were fixed in such a way that the 

positions are reproducible every time ARIES is mounted. A small adjustment on the 

ARIES dichroic bellow was necessary in order to maintain a good alignment of the pupil 

and the laser system. The adjustment was 5/8 of a turn on the south screw; this change 

has to be reversed every time ARIES is used with the NGS AO system. Figure 8–10 

shows a picture of the system at the telescope. 

 
Figure 8–10. ARIES attached to the LGS Instrument using the hexapod. 

 
8.4. Conclusions and Future Work 

The MLGS system at the MMT has proven its capability to significantly increase 

the image quality in GLAO mode, reducing the stellar FWHM to approximately one third 

over a field of 2’. Also my work to improve this facility after a large engineering 

intervention and detailed review of the reconstruction algorithms has made it possible to 

achieve a reduction of the stellar FWHM to one fifth over 20” in H band, which 
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constitutes a record for this AO mode. This result confirms the importance of the ground 

layer turbulence as predicted by several simulation studies and the large benefit that can 

be obtained by using the GLAO approach in current and future telescopes. This work also 

positions the MMT telescope, currently the only one operational and capable performing 

multi-laser GLAO, as a unique facility to perform this kind of research. 

The scientific outcomes of GLAO image enhancement are multiple and applicable 

to many research fields in astronomy. Higher peak intensity value allows improving the 

detectability limit of the telescope, which can be used for several purposes such as 

extending star evolution charts in clusters and improving contrast in diffuse targets. 

 On the other hand, by increasing the peak intensity and reducing the FWHM, the 

sources enable a much higher throughput through narrower slits, enabling a higher SNR 

for spectroscopy in shorter exposure times. This is particularly important in the IR 

portion of the spectrum because it improves the detectability limit of a given telescope 

aperture and reduces exposure times for the same SNR levels. 

Uniform correction of wide fields increases image SNR and improves the PSF 

shape, reducing the centroiding error and enabling higher precision astrometry for 

applications such as cluster membership and giant exoplanet detection. In GLAO, only 

one DM conjugated to the pupil, or close to it, is used; therefore, distortions induced by 

the AO system are small.  

The results obtained and the wide range of science cases that can benefit from a 

GLAO system emphasize the importance of this technique for current facilities and for 

future ELTs and suggests that it will become the workhorse AO tool in most large 
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telescopes in the near future. In fact several 8-10 meter class telescopes are being 

retrofitted with GLAO modes, such as ARGOS (Hart, Rabien, Esposito, & Busoni, 2009) 

at the LBT and GRAAL (Arsenault et al.,  2006) for the VLT and a new system for 

Gemini North is being considered. 

On the other hand, my research toward building analytic LTAO reconstructors is 

ongoing, and encouraging off-line results have been achieved. However, the creation of a 

least-square tomographic reconstructor that can be used on-sky to close the loop in 

LTAO mode is not completely mature yet. It requires a fast and robust procedure to 

manipulate, synchronize, and filter the data. The reconstructor will be valid only for the 

conditions when the data was acquired; therefore, any change in telescope optics due to 

flexure, temperature, or the distribution of the atmospheric layers will diminish the 

performance of the reconstructor. The goal is to minimize the acquisition and processing 

time to less than 15 minutes, requiring a fully automated procedure to transfer and 

manipulate the NGS and LGS WFS data. Work is now needed to generate these 

tomographic reconstructors through a robust procedure that minimizes human 

intervention. 

In addition to optimizing the least-squares algorithm, engineering time is needed 

to maintain the hardware of the MLGS, such as minimizing the readout noise of both the 

WFS cameras, upgrading and optimizing the real time computer resources to eliminate 

the dropped frames from the telemetry, and facilitating the preparation of the data sets to 

run the least-squares tomographic matrix algorithm. This will reduce the processing time 
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to obtain a tomographic reconstructor. Speed is essential so that the statistics of the 

atmospheric conditions do not change before a new reconstructor becomes available. 

In order to sample the expected diffraction-limited performance of a tomographic 

reconstructor and to provide spectroscopy capability in LTAO mode, a mount for the 

instrument ARIES has been built. The addition of ARIES will add two capabilities: 

multi-object spectroscopy at GLAO spatial resolution and improved sampling for the 

LTAO mode. The mount was tested on the sky in July 2011 and January 2012, and more 

engineering time is scheduled this year to characterize it and the MLGS operation with 

ARIES. 

8.5. The Diffractive Pupil and Multi-Conjugate Adaptive Optics 

The Multi-Conjugate Adaptive Optics systems is the most complex and capable 

implementation of this concept that in principle allows the achievement of diffraction 

limited correction for a wide field, which is the ultimate goal of adaptive optics. So far 

two systems in the world have demonstrated the feasibility of this technique. The first 

one was the Multi-Conjugate Adaptive Optics Demonstrator, MAD (Bono et al., 2009; 

Campbell et al., 2008; Marchetti et al., 2007) which has two DMs conjugated at the 

ground and 8.5km; however, it can only use NGSs with mv < 14, reducing significantly 

the number of targets accessible for the instrument. The system closed the loop in 2007, 

when it was commissioned as a visitor instrument at the VLT. The system delivered the 

expected performance, validating the simulations and the value of this technique. 

Recently, GeMS (d’Orgeville et al., 2008; Neichel & Rigaut, 2012) at Gemini 

South has closed the MCAO loop using five laser guide stars and three DMs conjugated 
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at zero, 4.5, and 9km, demonstrating the potential of this technique for almost any target 

in the sky. The results obtained by Gemini South emphasize the importance of MCAO 

and demonstrate its feasibility using Laser Guide Stars. 

Despite the tremendous potential opened by this technique, the fact that the DMs 

not conjugated to the pupil will induce field distortions when corrections are applied 

poses a severe limitation for many wide field applications of this technique, such as high 

precision astrometry from the ground. First tests performed with these systems are facing 

the challenge of calibrating such distortions using traditional lookup tables given their 

complexity and non-systematic effects. 

This problem offers a unique opportunity to use the distortion calibration 

capabilities offered by the diffractive pupil presented in the first part of this dissertation 

to solve the distortion limitation of the ultimate Adaptive Optics tool. There are several 

ways to implement this approach in a ground telescope, which present different trade-offs 

of complexity versus performance: 

1) Only DM distortion calibration. The simplest implementation of this technique 

is to install a diffractive pupil on an intermediate pupil plane after the telescope and 

before the first DM. This pupil could be illuminated with starlight or with a laser using a 

dichroic. The advantage of using a laser is the creation of monochromatic diffraction 

spots that can be imaged and calibrated using an independent visible camera. This 

implementation is relatively simple and does not require modifying the telescope. The 

disadvantage is limited precision, since only the distortion induced by the DMs will be 
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calibrated. However, other distortions caused by the telescope optical surfaces will not be 

measured. 

2) DM diffractive distortion calibration. The second alterative is to imprint a 

diffractive pupil on the DM conjugated to the telescope pupil. This is equivalent to the 

first option in terms of performance, however it can be implemented in any MCAO 

instrument without modifying the optical layout provided that the diffractive pupil can be 

imprinted on the DM. 

3) Complete telescope and MCAO distortion calibration. This is the most 

complex and expensive implementation of this technique but offers the best results 

because any distortions can be measured and calibrated. In this case it is necessary to 

imprint the primary mirror of the telescope with the diffractive pupil, which is 

challenging and expensive but not impossible. 

 The results obtained in the first part of this dissertation can be used to show the 

potential of this technique for collaborate in the future with groups working with full 

MCAO systems to implement a test setup with a diffractive pupil. Successful 

demonstration of the potential to mitigate the distortion caused by DMs in a MCAO 

system will enable high precision astrometry, thus opening another approach for 

exoplanet detection and characterization form the ground.  
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