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ABSTRACT

A sodium laser guide star (LGS) adaptive optics (AO) system developed at
Steward Observatory is to be used at the 6.5m MMT. Annual measurements at
Kitt Peak show that the mean mesospheric sodium column density varies from
~2x10%°m~2 (summer) to ~5x10%m~2 (winter). The sodium column density
also varies by a factor of two during a one hour period. The first simultaneous
measurements of sodium LGS brightness, sodium column density and laser power
were obtained. The absolute sodium return for a continuous wave circularly
polarized beam is 1.2(£0.3)x10® photons s"!m~2?W~! for the sodium column

density of 3.7x10%m 2.

Theoretical studies demonstrate that the 6.5m MMT LGS AO can provide
Strehl ratios better than 0.15 and about 50% flux concentration within 0.2"
aperture for 1-5.5um under median seeing. This correction will be available for the
full sky. Better Strehl and higher flux concentration can be achieved with natural

guide stars. but limited sky coverage. The AO corrected field-of-view is about 60".

The Arizona IR Imager and Echelle Spectrograph (ARIES) was designed to
match the 6.5m MMT AQO. Detection limits of more than 2 magnitude fainter can
be reached with the AO over without the AO. A pre-ARIES wide field near-IR
camera was designed, built and tested. The camera provides 1” images in the
near-IR over an 8.5x8.5arcmin? field. The 10-o detection limit with one minute

exposures is 17.9 mag. in the K band.

A prototype very high resolution cross-dispersed optical echelle spectrograph
was designed and built to match the Starfire Optical Range 1.5m AO images.

Interstellar KI 7698A absorption lines have been detected in the spectra of aCyg
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and (Per. The spectral resolution is 250,000. About 300A wavelengths were

covered in a single exposure. Total detection efficiency of 1% has been achieved.

For the first time, a near single-mode fiber with 10um core size was applied
to transmit the Mt. Wilson 100inch AO corrected beams to a spectrograph. The
coupling efficiency of the fiber reached up to 70%. Spectra of aOri were recorded.
The spectral resolution is 200,000. The total wavelength coverage is about 650A

per exposure.



CHAPTER 1

INTRODUCTION

1.1. Seeing Limited Astronomical Observations

1.1.1. Seeing-Limited Imaging

”

“Twinkle, twinkle little star ...... ”. On a clear night, watching the dark sky
carefully. we can see the “little” stars twinkle. If an image of a star through a
telescope with a diameter of 20 e¢m or larger is recorded by a camera at visible
wavelengths. a blurring in the measured image will be revealed. Even if the
telescope is completely free of aberrations, the stellar image. called the point spread
function (PSF) in astronomy, over an exposure time on the order of several seconds
will be much broader than the PSF determined by the diffraction properties of the
telescope, which is the real performance limit of telescopes. This image blurring,
called atmospheric “seeing” in astronomy, is caused by atmospheric turbulence,

which imposes a fundamental limit on the angular resolution of ground-based

astronomical telescopes.

Atmospheric turbulence affects astronomical imaging through distorting the
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planar wavefront from a star or other objects at infinity because the atmosphere
does not have a uniform index of refraction. The variation of the refractive index
in the atmosphere is caused by thermal inhomogeneities on large scales. The
atmosphere contains many small randomly distributed regions of nearly uniform
index of refraction, referred to as turbulence eddies. The temperature difference
among turbulence eddies leads to the variation of refractive index. Therefore, rays
of light from distant astronomical objects are bent or refracted from their original
path by the randomly distributed turbulence eddies and their wavefront phases
get advanced or retarded, which results in random aberrations in astronomical
imaging svstems. The random aberrations also evolve rapidly with time. The
blurring effects by these random aberrations in imaging svstems destrov much of

the information about the fine details of the object of interest.

The resulting consequence of atmospheric turbulence is that resolution of
ground-based astronomical telescopes is generally limited by atmospheric seeing
instead of any residual aberrations associated with the telescope optics. The
angular resolution imposed by atmospheric turbulence depends on the location of
the telescope. At good seeing sites. typical image resolution is around 0.5 - 1.0

arcsec in the visible wavelengths, independent of telescope aperture size.

On the other hand, the fundamental performance limit of a telescope is
determined by the diffraction limit, A/ D, which directly depends on the telescope
aperture size D. The larger the telescope is, the smaller the diffraction-limited
image size. For example, an 8 m telescope can potentially achieve a diffraction-
limited resolution of 0.013 arcsec in the visible band, which is almost two orders of
magnitude smaller than the seeing-limited resolution. This potential diffraction-

limited resolution is also a factor of 3 times better than that provided by the 2.4
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telescopes to overcome the atmospheric turbulence effects on astronomical imaging

systems. to achieve their full performance limits.

1.1.2. Seeing-Limited Spectroscopy

Spectroscopy is directly related to imaging. It provides the dispersed light from the
image by dispersing elements in astronomical instruments. Most of astronomical
spectroscopy is conducted with slit spectrographs. The main concern with slit
spectrographs under seeing conditions is slit loss. The spectrograph resolution for
a given dispersing element such as a grating is proportional to collimator beam size
and the reciprocals of telescope aperture size and seeing image size. Spectrograph
systems are typically designed to match entrance slit size to seeing image size in
order to maintain high throughput. Therefore, the spectrograph size increases as
the telescope aperture gets larger to maintain the same spectral resolution. Once
the telescope aperture size reaches 10 m, high resolution spectrographs become
very gigantic instruments and the costs to make them are very high (e.g. Vogt et

al. 1994).

Seeing-imited spectroscopy roughly falls into three spectral resolution regions:
low resolution, medium resolution and high resolution with the exceptional case of
ultra-high resolution. The spectral resolution is defined as R = A/A\. where A is

the observational wavelength, A\ is the resolution element.

Low resolution spectroscopy means spectral resolution R ~ 1,000, which
allows measurements of redshifts, two-dimensional spectroscopic classification of
stars, and identifications of different objects from sky surveys. Spectrographs with
a low resolution mode are the common ones used at most astronomical telescopes.

Some of them also have the capability for multi-object spectroscopy to increase the
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observation efficiency.

Spectral resolution for medium resolution spectroscopy is R ~ 10.000
which allows study of quasar absorption lines to understand galaxy formation and
evolution, determination of the abundance of individual relatively common elements
in stars in the Milky Way and nearby galaxies to understand nucleosynthesis
processes and stellar evolution within different types of stars. Only about a dozen

telescopes in the world have such resolution spectrographs.

High resolution spectroscopy with R ~ 50,000 is essential for accurate
abundance determinations of rare elements in cool stars with crowded spectra and
also heavy elements associated with quasar absorption line systems. The most
reliable abundance indicators are always the weak lines, and high resolution is
necessary to isolate these from line blends. It also permits detailed measurement of
line profiles for stellar winds and disks and signatures of convention, and recognition
of the enormously complex velocity structure present in both interstellar and
intergalactic absorption lines, as well as searches for companions including planets
around stars. The spectral resolution of R ~ 50,000 is about the limit for
seeing-limited spectroscopy with regular techniques (Suntzeff 1995). However.
there are still a lot of astronomical studies which require ultra-high resolution

spectroscopy.

Ultra-high resolution spectroscopy with R ~ 500,000 allows the measurement
of stellar and interstellar isotopic ratios and abundances of atoms and molecules,
Doppler mapping of stellar disks, the tracing of stellar line profiles to look for slow
rotation, weak magnetic field effects, and other contributors to line broadening,
including micro- and macro-turbulence and unexpected pressure effects. In order

to obtain ultra-high resolution under seeing conditions, additional devices such as
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image slicers, double pass optics etc have been applied and resulted in much less
efficiency than regular spectrographs and also very small wavelength coverage (e.g.
Diego et al. 1995; Lambert et al. 1990). Therefore, previous ultra-high resolution
spectroscopy is only focused on small wavelength regions of very bright objects.
Although the role played by previous ultra-high resolution spectroscopy is limited
in astronomical studies, it has shown very promising future in this direction. For
example, recent observations of the bright star 3 Pictoris from the Anglo-Australia
telescope (AAT) Ultra-High Resolution Facility (UHRF) offer the first ever possible
detection of cometesimals spiraling into the central object (Crawford et al. 1994).
These observations would provide keys to understanding the chemistry of the solar
nebulae, as well as characteristics of the cometary bodies populating debris disks,

both key insights into the early evolution of solar systems.

The strong demands of ultra-high resolution spectroscopy in astronomical
studies have pushed the spectrograph design to or even beyond the limit traditional
techniques can handle for seeing-limited conditions. On the other hand. the
potential applications of diffraction limited images to astronomical spectroscopy
can solve all the technical problems faced by the seeing-limited spectroscopy. Since
the diffraction limited image size is only D/rq ~ 20 times smaller than the seeing
image size for a 4 m telescope, spectral resolution can be improved by a factor
of about 20 once diffraction limited images are used for spectroscopy. On the
other hand, if the same resolution is maintained, then the collimator beam size
of a diffraction-limited spectrograph is ~ 20 times smaller than a seeing-limited
spectrograph. The whole spectrograph size for a diffraction limited spectrograph

will therefore be substantially reduced.

Figure 1.2 shows the quasar spectra obtained by the Multiple Mirror Telescope
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spectral resolution for the seeing spectroscopy is R = 4,000 (Ge & Bechtold
1997). The diffraction-limited image core size for each 1.8 m mirror of the MMT
is A/D = 0.063 arcsec in the visible wavelengths or 16 times smaller than the
seeing image. Therefore, the corresponding spectral resolution in the diffraction
limit is R = 60,000. The significant difference can be seen between the two
spectra. The spectrograph with much higher diffraction-limited spectral resolution
resolves the absorption line profiles while the seeing-limited spectrograph cannot.
High resolution spectroscopy is crucial for measuring the populations among
different rotational levels in the ground electronic state of H,. Key physical and
chemical parameters such as kinetic temperature, particle number density, UV
background radiation field strength, molecular formation efficiency, etc. in the
cold interstellar medium of galaxies in the early universe can be derived from the
accurate measurements of these different populations. A lot of detail information
can be found in the author’s recent papers (Ge, Bechtold & Black 1997, Ge &
Bechtold 1997, Ge, Bechtold, Walker & Black 1997; Ge & Bechtold, 1998; Ge,
Bechtold, & Kulkarni 1998).

In the diffraction-limited conditions, telescope image size decreases as telescope
aperture size increases. the spectral resolution of a spectrograph is independent
of the telescope aperture size. Much higher resolution can be achieved with a
spectrograph with a normal collimator beam size. Throughput of the spectrograph
systems can be improved. Most of bright sky background can be avoided in the
IR wavelengths, objects with fainter magnitudes can be observed. Therefore,
techniques to improve image quality and restore diffraction-limited images are
also highly demanded in astronomical spectroscopy, especially achieving higher

resolution.



1.1.3. Other Seeing-Limited Observations

Not only does atmospheric seeing limit astronomical imaging and spectroscopy,
but also it provides a fundamental limitation on the ground-based interferometry
in astronomy. Since interferometry is the art of measuring the relative coherence
between beams viewing from different apertures, atmospheric turbulence limits the
coherent aperture size to the atmospheric turbulence coherence length ry, which
is about 1 m in the K band, and only about 20 c¢m in the visible wavelengths at
good seeing sites. Atmospheric turbulence also limits the characteristic time for
interferometry to the coherent time of the atmospheric turbulence. Therefore. only

bright sources can be used for interferometry in the seeing-limited case.

Atmospheric seeing has also significantly limited the application of
coronagraphy in astronomical observations. Seeing-limited images always jitter
around on the image plane, hence the size and location of the occulting mask, used
to block most of the light from the central bright point source, has to vary with
time in order to match different instantaneous images, which makes this technique
almost useless in the seeing-limited case. Therefore, in order to allow this technique
to efficiently explore the immediate surroundings of bright objects, new techniques
have to be developed to improve the angular resolution and reduce scattering light
from the central object. Coronagraphy will be the most powerful tool for searching
for faint companions such as planets, brown dwarfs, stellar disks around bright

stars, quasar host galaxies and gravitational lensed objects,
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1.2. Adaptive Optics

1.2.1. Adaptive Optics Overview

Past and present astronomical observations are bothered by atmospheric seeing.
Techniques for reducing atmospheric turbulence effects on image quality are
strongly required. Several ways are used in the astronomical field to improve the
image quality from telescopes. The first is to look through as little turbulence as
vou can; this is done by placing telescopes on the top of high mountains. However,
there are still some high altitude turbulence left to distort the wavefront. The
improvement of the image quality obtained by placing telescopes at ever-increasing
altitudes is still very limited unless a telescope is located beyond the atmosphere

such as the Hubble Space Telescope, which is very expensive.

The other way to overcome the effects of turbulence is to record astronomical
images in very short exposure times so that the atmospheric turbulence is
effectively frozen. Many speckled images frames obtained from short exposures are
shift-and-added by post-processing techniques to restore diffraction limited images.
This technique is known as speckle imaging technique, which was mainly applied
to astronomical observations in 1970’s-80’s (e.g. Labeyrie 1970; Knox & Thompson
1974; Bates 1976; Beckers 1982; Christou et al. 1986). The main limitation to this
technique is that only bright point sources can be observed, which eliminates many

interesting objects because they are too faint.

The most promising way to improve image quality is to correct for the
wavefront distortions introduced by the atmosphere in real time through the
techniques called adaptive optics (AQ). Figure 1.3 shows a schematic diagram

of a generic adaptive optics system. Wavefront sensors (a tilt sensor and a high
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order wavefront sensor) measure the shape of wavefront from the scientific targets
and supply signals to deformable mirror and tip-tilt mirror to partially correct
the wavefront distortion in real time. Image quality is improved by reducing the
aberrations caused by the atmospheric turbulence, resulting in a narrower PSF and

thus improved angular resolution and flux concentration.
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Figure 1.3 Schematic drawing of a generic adaptive optics system. The fast tip-tilt
mirror corrects for overall tilt across the telescope aperture. The deformable mirror
corrects high order wavefront errors. The beam splitter is usually used to send one
band of light to the wavefront sensor for sensing wavefront errors and to send other
bands to a science camera for scientific observations.
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The basic idea of adaptive optics for compensating atmospheric wavefront
distortion was proposed in 1950’s (Babcock 1953). Not much work was done in the
astronomical community until the mid-1970’s when Buffington and his collaborators
(Buffington et al 1977a, b) and Hardy (Hardy 1978, 1980, 1987; Hardy et al 1977)
made initial adaptive optics systems. The initial testing results are encouraging,
however, the systems are very complicated, very expensive and only applicable to

bright stars, which discouraged most astronomers (Beckers, 1993).

In parallel but independently, the U.S. Department of Defense (DoD) has
sponsored research in adaptive optics technology development over the past 20
vears. The DoD programs have aimed at realizing the potential of adaptive
optics for several important defense missions. The DoD research programs have
demonstrated the feasibility and potential rewards of adaptive optics, reaching the
performance limits of the relatively small telescopes available. A key innovation to
the DoD programs is the development of the bright artificial guide stars created
with searchlight-like laser beams for sensing atmospheric blurring. Part of the
research results from the DoD programs has been declassified (Fugate et al. 1991;
Primmerman et al. 1991), which greatly benefits astronomical field for developing
adaptive optics technology in the applications of astronomical observations. During
the same period, the revolution in computing power, and the development of fast,

efficient detectors has made real-time correction with adaptive systems practical.

In most of the adaptive optics systems built to date some light from the
natural point source itself is used to provide signals to the wavefront sensor (WFS).
Finite signal availability to the wavefront sensor is a fundamental limitation to
their performance. In practice, WFS subapertures are small, typically on the order

of ~ 20 cm across to match typical atmospheric turbulence coherence length in
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the visible, and the signal integration times quite short, on the order of a few
milliseconds to be shorter than typical atmospheric turbulence coherence time
scales. As a result, there is a limit to how faint an object that can be used for

measuring wavefront errors.

Another major limitation in the performance of adaptive optics systems
is an effect called anisoplanatism. Anisoplanatism refers to the degradation of
wavefront correction caused by using a reference source for wavefront compensation
that is some angular distance away from the scientific object. This separation
causes the optical paths from the reference and the scientific object to traverse
different regions of the atmosphere, resulting in different wavefront shapes for
each wavefront. As the separation between the reference and the object increases,
the correlation between the two wavefronts decreases. This decreased correlation
results in a degradation of the ability of the adaptive optics system to correct
the object wavefront. Another type of anisoplanatism, which is usually called
focus anisoplanatism. must also be considered when a laser-generated artificial
star is used for wavefront compensation. The altitude of the artificial star is
finite. Only the wavefront errors within the laser light cone can be sensed by the
wavefront sensor. The optical path difference between the artificial star and the
scientific object leads to the uncorrected wavefront errors, which cause the focus

anisoplanatism.

1.2.2. Present Status of Adaptive Optics Systems

During the last decade, adaptive optics in astronomy has gone through an extensive
phase of development. The first phase of the adaptive optics development. which
mainly focused on natural guide star adaptive optics systems, is now nearly

complete. The techniques for natural guide star adaptive optics systems are quite
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mature. Routine observations with natural guide star AO correction are being
conducted at about a dozen of 2-4 m telescopes around the world. (Shelton et al.
1997: Roddier et al. 1996; Rigaut et al. 1998; Stecklum et al. 1995, etc.). Most
of the natural guide star systems can only correct low order wavefront errors and
provide good image quality in the IR wavelengths. So far only three natural guide
systems, the Starfire Optical range 3.5 m and 1.5 m telescopes and Mt. Wilson 100
inch telescope, are able to provide high order wavefront error correction, which lead
to near diffraction limited images in the optical wavelengths. The performance and
limitations from these AO systems have been measured and are consistent with the

theoretical model predictions.

Most of present natural guide star systems are using Shack-Hartmann
wavefront sensors for wavefront sensing. While a few systems are using curvature
sensors instead. The appealing characteristic of this latter technique is the
possibility of applying a correction without the intermediate step of wavefront

reconstruction.

At least three present adaptive optics systems using natural guide stars are
routinely available to astronomical user community for scientific observations.
They are Mt. Wilson 100 inch AO system, ADONIS at the ESO 3.6 m and PUEO
at the CFHT. About 25% observation time on the ESO 3.6 m and CFHT were
committed to AO observations, which indicate a strong user interest in the scientific
studies with adaptive optics. More than 40 scientific papers on results from AO
observations have been published in major scientific journals and the published

paper number increased largely in 1997 (Ridgway 1998, and references therein).

Present natural guide star adaptive optics systems at 2-4 m telescopes

requires guide stars brighter than about the 16th magnitude for wavefront error
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measurements. so the resulting sky coverage is only a few percent (Roddier et al.
1995; Léna 1996: Brandl et al. 1996). Therefore, laser-generated artificial guide

stars must be developed to provide reference sources to cover the rest of the sky.

1.3. Laser Guide Star

1.3.1. Rayleigh and Sodium Laser Guide Star Adaptive Optics Systems

The use of lasers to generate artificial stars was proposed in the 1980s (Happer &
MacDonald. 1983; Foy & Labeyrie 1985). There are two types of laser beacons
which are used for the laser guide star technique: Rayleigh beacons and sodium

laser beacon.

Rayleigh beacons are formed by Rayleigh scattering of a bright laser beam at
altitudes of 10-20 kilometers. Fugate et al. (1991) has used the Starfire Optical
Range (SOR) 1.5 m telescope and Rayleigh laser guide stars with a closed-loop
AQO systemn to recover images near the diffraction limit. In spite of its success.
most of astronomical adaptive optics groups in the world have abandoned Rayleigh
beacons as laser guide stars because of its relatively large uncorrected error due
to unmeasured turbulence wavefront (cone effect, or focus anisoplanatism) in the
corrected images and also its sophisticated systems. Most astronomical AO groups

are mainly focused on developing sodium laser beacons.

Sodium beacons are generated by focusing a sodium laser beam tuned to the
sodium D, line at 589 nm on the mesospheric sodium laser at about 90 kilometers
altitude. Figure 1.4 shows the general drawing of this idea. The transmitted laser
beams at the mesospheric sodium layer excite a relatively small region. Part of

the backscattered resonant fluorescence from the excited sodium atoms is collected






1.3.2. Present Status of Laser Guide Star Systems

A few groups in the world have attempted to implement sodium laser guide
technique in their AO systems in the 1990s. (Kibblewhite et al. 1992; Avicola et
al. 1994; Olivier et al. 1995; 1997; Jacobsen et al. 1993; Max et al. 1994; Jelonek
et al. 1994; Ge et al. 1997, 1998; Hippler et al. 1998). They are the Center for
Astronomical Adaptive Optics (CAAQO), Steward Observatory, the University of
Arizona; Lawrence Livermore National Lab (LLNL); Starfire Optical Range (SOR);
Chicago Adaptive Optics System (ChAOS) and Adaptive Optics with Laser for
Astronomy (ALFA). Sodium laser experiments have been conducted by each of
these groups. Table 1.1 shows the main measurements from these groups. So far
only three groups have reported image improvements using a sodium laser guide

star system.

Table 1.1 Sodium laser guide star measurements from five groups in the world.

Group CAAO LLNL SOR ChAOS ALFA
Laser type Ar pump. Nd:YAG Nd:YAG Ar pump. Ar pump.
dye pump. dyve sum-freq. dve dye
Pulse format cw pulse pulse cw Cw
Duty cycle 100% 0.11% 0.2% 100% 100%
Bandwidth 1 MHz 3 GHz 3.5 GHz 1 MHz 1 MHz
Spot size 0.8" 1.8" 4" 1.6" 3"
Power (W) 3 15 9 1 3.75
Return(ZA%2ns) (.04 0.025 0.03 0.02 0.04
References 1.2.3 4,5,6 7 8.9 10

References: 1. Jacobsen et al. 1994; 2. Roberts et al. 1997; 3. Ge et al. 1998; 4.

Olivier et al. 1995; 5. Friedman et al. 1995; Olivier et al. 1997; 7. Jelonek et al.

1994; 8. Kibblewhite et al. 1992; 9. Kibblewhite et al. 1994; 10. Quirrenbach et
al. 1997

CAAOQ is developing a sodium laser guide star AO system for the new MMT
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6.5 m telescope. Since 1992, initial sodium laser experiments have been carried

out at the old MMT 4.5 m to test the laser and laser beam projector system and
demonstrate the feasibility of laser guide star AO systems and to gain experience.
The laser is a continuous-wave (cw) dve laser (standing wave and ring) which was
designed and built at CAAO (Martinez 1998). The dye laser produced up to 4 W
of power in a single longitudinal mode at the sodium D, frequency (Roberts et al.
1997). So far we have obtained the most return per Watt (tied with ALFA) and
smallest sodium spot size. Further, in the Fall 1996, our group successfully closed
the laser guide star adaptive optics tip-tilt system loop at the old MMT 4.5 m

resulting in the first reported improvements in image quality. The FWHNM of the

image decreases from 0.7” to 0.5” in the K band (Lloyd-Hart et al. 1997).

In early 1997, the Livermore (LLNL) laser guide star group also successfully
closed their high order laser AO loop and made significant image corrections at
the Lick 3 m Shane telescope (Olivier et al. 1997). The AO system produced a
factor of 3 increase in peak intensity and a factor of 3 decrease in FWHM of a
stellar image in the K band, compared to the seeing-limited uncorrected image.
The Strehl ratio with the laser guide star correction was 65% of that with natural
guide star correction. The recent closed loop experiments with sodium laser guide
stars at Max-Plank-Institut fir Astronomie have also demonstrated a factor of
2-3 image improvements in both the Strehl ratio and FWHM in the K band
(Hippler et al. 1998). These experiments demonstrate the feasibility of the sodium
laser guide star technique in adaptive optics applications. However, in order to
build a user-friendly sodium laser guide star system, many problems have to be
resolved. For example, the continuously varying height of the sodium layer makes
the design of the wavefront sensing part complicated, i.e. the wavefront sensor has

to be adjusted to maintain conjugate to the sodium layer during the wavefront
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sensing and correcting. Further, the elongated and changing beacon image on the
wavefront sensor due to the finite and varving thickness of the sodium layer results

in difficulties in accurate measurements of wavefront error.

1.3.3. Adaptive Optics Implementation at the Old MMT

An adaptive optics system with a laser guide star, which is called FACTTRAC II
system, has been developed for the MMT 4.5 m. This prototype system was built
in 1995 for testing a number of components and concepts for the MMT 6.5 m laser
guide star adaptive optics system. It was designed to mount at the Cassegrain
focus of the MMT. This instrument corrects twelve parameters of the wavefront,
namely tip and tilt over each of the telescope’s six primary mirrors. The image
motion, global tilt, over the six mirrors, which cannot be sensed by the laser guide
star, is sensed by a faint natural guide star. The combined six images are used
for global tilt measurements. Hence, a natural guide star with about 2 magnitude
fainter than that for only natural guide star AO can be used, which results in much

larger sky coverage with laser guide star over that with only natural guide star.

Figure 1.5 shows a schematic drawing of FASTTRAC II. After reflection from
the telescope primary and secondary mirrors, the light is folded by six tertiary flats
toward the center of the telescope, where an adaptive beam-combiner is mounted.
The beam-combiner consists of 6 fast steerable mirrors for tip and tilt wavefront
compensation. The reflected beams from the beam combiner form a combined
focal plane, where the six fields are made coincident. Wavelengths longer than 1.1
pm are transmitted by a dichroic near the focal plane, which forms the entrance
window of the scientific camera containing 256256 NICMOS array. Camera optics
reimage the f/8.4 incoming beam and forms images on the detector. The plate

scale is 0.09 arcsec/pixel, giving a field of view of about 23 arcsec.
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Figure 1.5 Schematic view of the FASTTRAC II AO system for the old MMT 4.5
m. Infrared light after correction by the adaptive beam combiner transmits into
the scientific camera, while visible light is reflected upward to the wavefront sensing
channel. Laser light is reflected to the wavefront sensor, while light from a field

star is sent to the global tilt sensor for measuring overall tilt among the six mirrors
(Lloyd-Hart et al. 1997).

Visible light reflected off the dichroic beamsplitter passes through a relay lens
assembly to an articulated mirror which can reflect any portion of a 4 arcmin field
to the Shack-Hartman wavefront sensor. The location of the mirror is conjugated
to the telescope pupil. Hence, the pupil reimaged onto the lenslet array in the
wavefront sensor remains well aligned. A removable flat mirror can intercept the
beam to the wavefront sensor to send the light down into a wide-field guide star
acquisition camera. A lens is located before the wavefront sensor to place the
entrance pupil at infinity, hence the image of the pupil is still on the lenslet array

when the wavefront sensor translates continuously to maintain the sodium beacon
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images always conjugated to the varying sodium layer.

When the adaptive optics system is operated with a laser guide star, the
dielectric notch reflector centered at 589 nm is replaced with an articulated pupil
mirror so that the sodium laser light is reflected into the wavefront sensor while
light from all other visible wavelengths is transmitted to a second articulated
mirror. This mirror directs light from a chosen field star into the global tilt sensor
at a combined focus. The overall tilt error from the 6 mirrors together is sensed by
a quad cell made of a fast-scanned CCD array and added to the signals from the
wavefront sensor in the wavefront sensor computer which applies correction to each

of the beam combiner tip/tilt mirrors.

1.4. Adaptive Optics Near Diffraction-Limited

Astronomical Observations

1.4.1. AO Imaging

A closer look at adaptive optics science indicates that natural guide star AO
systems open new subfields in astronomical observations mainly in star-related
studies such as young stars and their neighbors, solar system objects. binary stars,
star clusters and compact nebulae (see Ridgway 1998 for a review about present
AO scientific results). Very limited efforts have been given to the most exciting
field in astronomy: extragalactic astronomy and cosmology. The main reason is
that adaptive optics observations require bright point sources within an arcmin
field for wavefront correction. While most of the sky where extragalactic faint
objects are is not covered with bright point sources. Therefore, it is not possible to

pursue extensive extragalactic studies using natural guide star AO systems except
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in limited cases.

1.4.2. AO Spectroscopy

Present AO observations are mainly focused on astronomical imaging. Not much
effort has been made to apply AO corrected images to astronomical spectroscopy.
The main reason is that most AO systems are low order systems. They can provide
diffraction-limited image core, but the ability for flux concentration within small

aperture is still limited.

In seeing- or diffraction-limited imaging, the FWHM of the image is always
associated with the half encircled energy radius. However, in adaptive optics
corrected imaging, the two parameters are decoupled from each other. With
low order wavefront error correction in IR imaging with adaptive optics. the AO
corrected image consists of a diffraction-limited core and a seeing-like uncorrected
halo. The half encircled energy radius could be much larger than the FWHM of
the AO sharpened image. Therefore, AO performance must be carefully studied
before designing a spectrograph system so that the full advantage of AO sharpened

images can be taken for AO spectroscopy.

1.5. Dissertation Overview

This dissertation will provide new results from applications of AO corrected
images to astronomical spectroscopy, AO spectroscopy, which is a completely new
subfield in AO astronomy. This dissertation will also introduce new results from
sodium laser guide star testing at the MMT 4.5 m, new results from the study of
properties of the mesospheric sodium layer, and a thorough analysis of the imaging

performances of both sodium laser guide star and natural guide star AO systems at
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the 6.5 m MMT. plus new results from the designs of the Arizona Infrared Imager
and Echelle Spectrograph (ARIES) and a pre-ARIES near-IR wide field camera

and its performance at the Steward 90 inch telescope.

The purpose of a Ph.D dissertation is to provide a description of the
independent original research work by the Ph.D candidate. There is no exception
for this dissertation work as well. However, It would have been impossible to
accomplish the original research work described in this dissertation without great
help from a large number of people. Especially. many projects in this dissertation
were conducted through team work. I am very grateful in particular to my advisor.
Roger Angel, who help me through almost every project. [ am also very grateful to
Jake Jacobsen, Tom Roberts, Pat McGuire, Ty Martinez and Brian McLeod who
are on my team finishing the sodium laser guide star simultaneous measurements;
to Bill Livingston who helped collect part of the McMath solar sodium data; to
Jake .Jacobsen. Nick Woolf, Robert Fugate. Mike Lloyd-Hart, Peter Gray on the
team conducting the SOR 1.5 AO spectroscopy experiments; to Chris Shelton.
Matt Rademacher who on my team conducting the AO fiber-fed spectroscopy at
the Mt. Wilson 100 inch telescope; to Don McCarthy, Jim Burge, Roland Sarlot on
the team designing the ARIES; to George Rieke, Chad Engelbracht, Marcia Rieke
who collected the near-IR spectra of the sky background. I am also very grateful
to Dave Sandler, Steve Stahl who provided the ThermoTrex Cooperation TRIADS
computer simulation program which I used in the study of the imaging performance
of the 6.5 m MMT laser guide star AO system. In order to give better descripticns
of several large projects, I have also included work carried out by members of the
CAAQO which I did not provide the major driving force. I have tried throughout
the text to mention names of those other than myself who have been responsible

for specific pieces of work. [ am very grateful in particular to Jake Jacobsen who
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finished the preliminary optical design of the Ultra-high resolution spectrograph
for the SOR experiments: to Jake Jacobsen, Pat McGuire and Tom Roberts who
conducted the sodium spot measurements; to Jim Burge, Roland Sarlot who
designed the camera optics and Offner optics for ARIES; to Don McCarthy, Rose
Finn and Joannah Hinz who tested the wide field camera at the Steward 90 inch

telescope.

Part of the research results on annual mesospheric sodium variation
measurements at Kitt Peak. simultaneous sodium laser guide star return and
sodium layer column density measurements and sodium instantaneous spot size
measurements have been presented in ESO workshop on Laser Technology and
Laser Guide Star for Adaptive Optics and SPIE conference on Adaptive Optics
System Technologies and published in the corresponding proceedings (Ge et
al. 1997b; Ge et al. 1998). Complete results from these observations will be
published in refereed journals. The preliminary results from the study of the
imaging performance of the MMT 6.5 m laser guide star and natural guide star AO
systems and the Mt. Wilson 100 inch telescope natural guide star AO system were
published in SPIE conference proceedings on Adaptive Optics and Applications (Ge
et al. 1997a). The results from the thorough study are planned to be published in
a refereed journal. Part of the ultra-high resolution AO spectroscopy results from
the SOR 1.5 m telescope have been presented at SPIE conference 2534 on Adaptive
Optics Systems and Applications and ESO workshop on Adaptive Optics (Woolf
et al. 1995a, 1995b), and published in the Bulletin of the American Astronomical
Society Meeting at Madison and the Technical Digest Series, Vol 13, of the Optical
Society of America conference on Adaptive Optics (Ge et al. 1996a, 1996b).
The complete analysis results based on the SOR experiments are planned to be

published in the AplJ. Part of the fiber-fed AO spectroscopy results from the Mt.
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Wilson 100 inch telescope has been published in the SPIE proceedings on Optical
Astronomical Instrumentation (Ge, Angel, & Shelton 1998). The complete analysis
results are pianned to be published in the AplJ, letter. The design of ARIES has
been presented at Workshop on Instrumentation for the MMT and Magellan 6.5
m telescope and published in SPIE proceedings (Ge et al. 1997a; McCarthy et al.
1998). The results on the near-IR background and the design and performance of
the pre-ARIES wide field camera are planned to be published in PASP.

In Chapter 2, I will introduce our recent sodium laser guide testing results,
especially the simultaneous measurements of sodium laser guide star brightness
and sodium layer abundance and also the sodium spot size measurements which
are crucial for the design of sodium laser guide star. [ will also discuss mesospheric
sodium layer properties, as well as sodium physics which sodium laser guide star
techniques are based on. The results of annual mesospheric sodium variation

measurements at Tucson are also presented in this chapter.

Chapter 3 covers the detailed studies of AO performance of especially the
MMT 6.5 m laser guide star AO system and Mt. Wilson 100 inch natural guide
star AO system. [ will compare the results from theoretical studies to real time
measurements at the Mt. Wilson 100 inch. Predictions of high order laser guide
star AO at generic 4 m and 8 m telescopes are also presented. A brief introduction

on atmospheric turbulence theory is also included.

Chapter 4 introduces the design of a prototype ultra-high resolution
spectrograph matched with adaptive optics sharpened images. Initial test and
scientific results of the spectrograph system at the Starfire Optical Range 1.5 m

telescope with natural guide star have also been included in this chapter.

Chapter 5 describes how near single mode fibers were matched to AO corrected



46

images for fiber-fed AO spectroscopy. Initial testing results at the Mt. Wilson 100
inch with a prototype near single mode fiber-fed high resolution spectrograph are
presented. I will also introduce the design of a novel cross-dispersed optical echelle

spectrograph with spectral resolution R = 200,000.

Chapter 6 introduces the design of Arizona IR Imager and Echelle Spectrograph
(ARIES) which will take advantage of laser guide star AO corrected images at the
MMT 6.5 m telescope. The design of a pre-ARIES wide field near-IR camera and
its performance at the Steward 90 inch telescope are also included in this chapter.
[ discuss how the camera can be matched to the MMT 6.5 m to take advantage of
good seeing images even before the first light of the MMT 6.5 m laser guide star

AO.



CHAPTER 2

SoDIiuM LASER GUIDE STAR

ADAPTIVE OPTICS

2.1. Introduction

In order to solve the very restrictive sky coverage with natural guide star AO for
astronomical observations. laser-generated artificial guide stars or “beacons™ are
required for sensing the wavefront errors caused by atmospheric turbulence (e.g.
Sandler et al. 1994). The most promising artificial laser guide star is created by

sodium laser beams at the mesospheric sodium layer.

The drawback for the sodium laser guide star technique is the power
requirement. The total sodium column density in the mesospheric sodium layer,
about 4 x 10° cm™2, is quite low. In order to produce a guide star bright enough
for accurate wavefront error measurements, a quite expensive custom-made laser
is required to provide enough sodium laser power. However, there is as vet no

consensus on the optimum laser and power. The choice depends not only on the
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laser power. but also on the inherently different pulse formats and frequency purity
of different laser types. Theoretical calculations predict differences in return for
the same power and column density of up to a factor 5 according to pulse format
(Milonni & Telle. 1997, private communication), but these have vet to be confirmed
experimentally. Thus, experiments that measure column density and details of
the excitation and scattering properties of sodium atoms in the sodium layer are
very important to refine the design parameters of the laser and to assess the power

requirement.

Simultaneous local observations of the sodium column density and the laser
return are necessary to obtain the fundamental relationship between the magnitude
of the laser guide star and sodium abundance. Previous studies have shown that
the column density of the sodium layer varies with time. including long term
seasonal variations and short term variations (e.g. Papen 1996: Ge et al. 1997),
and also varies with latitude (Hunten 1967; Magie et al. 1978; Papen et al. 1996;
Ge et al. 1997). A simultaneous measurement of column density and guide star
brightness has not been done before. This together with the measurements of
sodium laver abundance variation (Ge et al. 1997) will provide a reference for the
design of the sodium laser for the MMT 6.5 m AO system as well as other sodium

AO systems in the world.

In order to obtain the strongest signal from a sodium laser guide star for
wavefront sensing and correcting, the images at a Shack-Hartmann wavefront
sensor should be as sharp as possible. A doubling of the image size would require
a quadrupling of laser power to obtain the same signal/noise ratio (e.g. Sandler
et al. 1994). The instantaneous spot size on the sodium layer is directly related

to the sodium laser beam waist size for a diffraction-limited beam. Increasing
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the beam projector exit pupil diameter and the waist size results in smaller spot
size. However, with a turbulent atmosphere, there is a limit to the effectiveness
of this approach. Increasing the projected beam width beyond about 2 ry does
not lead to a decrease in the instantaneous spot size, but rather to more speckles.
The optimal sodium laser beam waist varies with the instantaneous atmospheric
conditions. Therefore, a series of experiments needs to be conducted to find out
the relationship between the optimal sodium beam waist and spot size and how

tight a spot the laser beam projector generates on the sky.

In this chapter, I will first introduce general background about sodium
excitation in the sodium layer and sodium layer properties including annual
measurements of mesospheric sodium column density at Tucson, then I will discuss
details about the simultaneous sodium laser return and mesospheric sodium
abundance measurements, and also instantaneous sodium beam waist width and
spot size measurements we did at the MMT with the sodium cw ring dve laser.
Part of the results from this chapter have been published in recent conference

proceedings (Ge et al. 1997b and 1998).

2.2. Sodium Laser Physics

2.2.1. Sodium Atom

Atomic sodium has a total of 11 electrons with a single valence electron outside
closed shells. The complete term symbol of the ground state is 1s?2s?2p®3s %S,
and of the first excited state, 1s?2s?2p®3p ?P, ;. The interaction of the magnetic
moment of the electron with the magnetic field associated with the orbital motion
of the electron leads to the energy level splitting within the first excited state, 32P%,

32P% . The two states are separated in energy by about 520 GHz. The transitions
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between the upper state SQP% and the ground state 3s 2Sé cause the sodium D,
emission or absorption at 0.5890 um, while the transitions between the lower state
32P;_’ and the ground state causes the sodium D, emission or absorption at 0.5896

pm.

The total electron angular momentum of the ground state and first excited
state are .J = 1/2 and J = 1/2,3/2, respectively. Naturally occurring sodium
is composed of virtually 100% one isotope, which has a nuclear-spin-angular-
momentum quantum number / = 3/2. The interaction of an electron with the
nuclear magnetic moment leads to the hyperfine structures associated with the
ground and excited states of the sodium atom. Different hyperfine structure has
a slightly different energy level. The total angular momentum quantum number

including nuclear spin can be described as
F=IT+J (2.1)

The resulting total angular momentum quantum numbers are F = 1.2 for the
sodium ground state, F' = 1,2 for the 32P% excited state and F' = 0.1, 2,3 for the
32P 3 excited state. Figure 2.1 shows the diagram of the sodium energy levels for
the ground and first excited states. The energy difference between the hyperfine
state F' = 2 and F' =1 in the ground state is 1.772 GHz (Arimondo et al. 1977).
The energy separation for the hyperfine splitting in the .J = 1/2 state of the first
excited state is 188.6 MHz (Arimondo et al. 1977), while the energy separations of
the J = 3/2 state are 15.8, 34.5 and 59.0 MHz for the four hyperfine states with

F =0.1,2, 3, respectively (Arimondo et al. 1977).
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Figure 2.1 Schematic diagram of the sodium ground and first excited state energy
levels. The transitions between the states of 32P3 and 3s 281 lead to the sodium
D, emission or absorption at 0.5890 um, while the transitions between the states of
32P% and 3s S% causes the sodium D, emission or absorption at 0.5896 nm.

Table 2.1 gives offsets for the D, hyperfine structure transitions from the
centroid wavelength 5889.9512 A (or 50,898.97 GHz) and also the relative line

strength of these transitions (Morton 1991).

The sodium D, transitions are chosen for the generation of sodium artificial
stars because they have a factor of two greater total line strength than the D,
transitions. Furthermore, the D, transitions have much better optical-pumping

characteristics, which results in more efficient excitation of the sodium atoms in
the mesospheric sodium layer.
The radiative lifetime 7, due to spontaneous emission of an electron in either

of the first excited states is 16.4 nsec. This finite lifetime leads to a homogeneously

broadened profile with the natural linewidth Av, of about 10 MHz. This line



Table 2.1 Offsets for the D, hyperfine transitions and relative line strength

Name No. 32S;, *P;» Linestrength Frequency (MHz) Wavelength (A)

Doy 1 F=1 F=2 3 + 1091.1 —0.0012633
2 1 3 + 1056.6 —0.0012234
3 0 2 + 1040.8 —0.0012051
Do, i F=2 F=3 14 — 621.6 + 0.0007197
3 2 5 — 680.5 + 0.0007879
6 1 1 - 715.0 + 0.0008279

profile is also referred to as a Lorentzian line profile. The cross-section caused by
the natural broadening is given by (Black & van Dishoeck 1992)

me?

oL(v) = foL(v — v), (2.2)

meC

where o, (v — 1p) is the Lorentzian line-shape function, described by

ap/m
o} - = — 2.3
v =) = T (2.3)
in terms of the damping width
1 1
=—) Au= . 2.4
oL 47 ; ! 4T, (2:4)

where 4, is the spontaneous transition probability for a downward transition

u— .

The kinetic temperature in the sodium layer varies with season and latitude

on the Earth. The average temperature is about 210 K (Gardner et al. 1986).



The range of velocities of the sodium atoms characterized by this temperature

corresponds to a Doppler broadening of the sodium absorption profile with about
1.07 GHz full width at half maximum (Avp). The Doppler broadened absorption
profile is called inhomogeneously broadened because sodium atoms with different
velocity have different center absorption frequencies. The cross section caused by

the Doppler broadening is given by (Black & van Dishoeck 1992)

)
me -
op(v) = ~fop(v — vo), (2.5)
where
2k
ap = 2( To In2)Y? = Avp/2 (2.6)
C A’"’[Na

is the half-width at half-maximum of the line broadening function ¢(v — vg). f is
the line strength. The line broadening function for a Maxwellian distribution of

temperature Tp is a Gaussian

op(v —vg) =
-

Figure 2.2 shows the homogeneously (naturally) and inhomogeneously
(Doppler) broadened sodium D, absorption cross-section versus relative frequency.
Three different temperature broadened profiles are shown. The peak cross-section
associated with the D, ground level F = 2 state is 5/3 times that with the F =1
state. The peak cross-section value under Doppler broadening depends on kinetic

temperature of sodium atoms in the mesospheric sodium layer.

At altitudes between 85 and 95 km, the atmospheric gas number density
varies from 1.7x10%° to 2.9%x10'° molecules m~3. Therefore the mean collision time
between the sodium atoms and atmospheric gas molecules varies from 27 to 155
psec (Jeys 1991). Collisional rates at the sodium layer are too slow to affect the D,

absorption or emission directly. However, the collisions cause the frequency shifts of






2.2.2. Optical Pumping
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Figure 2.3 Twenty-four magnetic substates of the hyperfine levels of the sodium D,
line and optical transitions. The transitions on the left side is for a linearly polarized
laser beam and the one on the right side is for a left-circularly polarized laser beam.

Optical pumping plays a significant role in efficiently exciting the sodium atoms
with a single longitudinal mode cw laser. Figure 2.3 shows the sodium optical
transitions for a linearly polarized laser beam and left-circularly polarized laser
beam with the electric field along the quantization z axis. For the excitation

by the linearly polarized laser beam at the peak hyperfine structure frequency
(F = 2 for the ground state), the excited atoms can decay back to either the

F =1 and F = 2 ground state. The atoms which end up in the F' = 1 ground
state are no longer available for further excitation. Therefore, the total number of
sodium atoms available for the excitation becomes less and less after a few cycles
of excitation. and the sodium layer eventually become transparent to the linearly

polarized sodium laser light. However, for the excitation by the circularly polarized
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light. all sodium atoms will eventually lock to the FF = 2. my = 2 ground state and
F = 3. my = 3 excited state after several cycles of excitation of the sodium atoms
for the left-circularly polarized laser beam. The similar result will be achieved by
a right-circularly polarized laser excitation. This time sodium atoms are locked to
the F' = 2. my = —2 ground state and F' = 3, my = —3 excited state. The resulting
excitation by circularly polarized laser beams is much more efficient than that by
linearly polarized laser beams. This effect is referred to as optical pumping. This
optical pumping can be degraded by a magnetic field which is perpendicular to the

propagation and by collisions of sodium atoms with atmospheric gas molecules.

2.2.3. Saturation

Radiative saturation of the sodium atoms in the mesospheric sodium laver will
limit the maximum sodium laser power allowed to form the sodium beacon. Once
the intensity of sodium-resonance radiation reaches the saturation, the resonance
fluorescence will not increase, instead, stimulated emission will dominate the

deexcitation of sodium atoms.

Under continuous excitation, the fraction f of sodium atoms in the excited

state at any time can be described as (Svelto 1989)

1
f= jpral (2.8)

where I, and I are the saturation and incident intensities, respectively. I; is defined
as

hv

== (2.9)

S

where 7 is the natural lifetime of the transition, and o is the absorption cross-
section. At the saturation intensity, 1/4th of the on-resonance atoms stay in the

excited state, thus reducing the relative absorption by a factor of 2.
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For the sodium excitation by a laser with single frequency tuned to the peak
of the D, hyperfine structure, only a single group of sodium atoms will be excited.
The peak cross section for the single-velocity group is

2
e~

On & fAV, 1.0 x 1072 em™2. (2.10)
MeC
where
Ay, = ~ 10 MH:. (2.11)
27Ty
Therefore, the saturation intensity is
I, = 10.3 mW/cm?®. (2.12)

For a sodium spot size of 1” at 90 km altitude, the physical spot area is about 1500

cm?, hence the total saturation flux is about 15 W.

2.2.4. Sodium cw Ring Dye Laser

Dye lasers are the only commercially available lasers which can generate a laser
beam at sodium wavelengths. This laser has unique properties that include high
power and tunability which gives the user access to essentially any wavelength in
the visible and near-IR (Hollberg 1990). Ion laser pumped c¢w dye lasers enable
complete coverage from 365 to 1000 nm. The output power of typical cw dve lasers

is between 0.1 to 1 Watt.

Single-mode cw dye lasers can provide very high spectral resolution. For
instance, a standard single-mode dye laser with linewidth of & 1 MHz operating
with rhodamine 6G dye, which has tuning range of = 100,000 GHz, is capable of

resolving = 10® spectral resolution elements across its tuning curve.

Two popular cw dye laser systems are widely used, one is the three-mirror

standing wave dye laser, the other is four-mirror unidirectional ring dye laser. We
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have used both dye laser svstems for laser guide star experiments at the MMT for

the past five years.

The pump laser in our sodium cw dye laser system is a 30 W argon ion laser.
Rhodamine 6G dye in a solution of 3/4 ammonyx and 1/4 ethylene glycol was
used as the gain medium. Cyclooctatetraene (COT) was typically added in the
dve to quench the dye triplet state absorption which results in 50% increase in the
output sodium laser power (Roberts et al. 1997). The original Z-cavity standing
wave laser system was capable of generating 4 W of tuned power at the sodium D,
resonance. However, this standing wave laser design leads to spatial hole burning
in the gain volume and causes the laser to emit in multiple longitudinal modes.
During the operation at the MMT, the laser tended to operate in separated modes
wider than the Doppler-broadened D5 line, which leads to less effective excitation

of mesospheric sodium atoms.

A four-mirror ring dye laser system was designed and used instead of the
standing wave laser. This laser has no spatial hole burning problem. Therefore, it
can maintain high-power single-mode oscillation. Figure 2.4 shows the schematic
layout of the ring laser. The mirror angles and astigmatic compensator were chosen
to eliminate the system astigmatism, and the distances were chosen to reproduce
the initial Gaussian beam width. Further, the dyve jet and astigmatic compensator
were placed at Brewster’s angle to minimize reflection losses of the p-polarized

cavity beam.

Tuning of the ring laser to the sodium D, line is generally performed with
the tuning elements. Three birefringent filters oriented at Brewster’s angle narrow
the laser spectral band to about 3-10 GHz. Then, uncoated fused silica etalons of

thickness 2 mm and 5 mm are applied to select a single longitudinal laser mode.



This laser system generated up to 4+ W output single mode sodium laser with
typical output of about 3 W. The sodium laser frequency was monitored by a high
resolution echelle spectrograph with R = 700,000 and a Fabry-Perot interferometer
with a finesse of 30 and free spectral range of 1.5 GHz. Detailed information can

be seen in Martinez’s Ph.D. dissertation (1998).

Astigmatic
Compensator

Birefringent
Filters

Figure 2.4 Schematic of a unidirectional ring laser cavity design. Output is a single
longitudinal mode sodium laser with ~ 3 W power. This laser was used for the
sodium simultaneous return measurements during the 1997 runs at the MMT. The
laser was designed by Ty Martinez and Tom Roberts (Roberts et al. 1997; Martinez
1998. Ph.D. Dissertation).

2.3. Mesosphere Sodium Layer Properties

The input of meteoric material into the Earth’s atmosphere is believed to be the
origin of the mesospheric sodium layer at about 90 km altitude (e.g. Plane 1991).

This happens because below 90 km the atmospheric pressure begins to become
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significant, which leads to severe frictional heating of the meteoric material. The
meteoric ablation provides a continuous large flux of metallic vapour entering the
Earth’s atmosphere. Sodium is one of the constituents of meteorites and occupies

about 0.6% of the total material.

The balance of sodium density at the mesospheric sodium layer is controlled
by the meteoric ablation input and various sink mechanisms. Previous studies show
that temperature dependent chemistry plays a significant role in changing sodium
density which further leads to the seasonal sodium layer abundance variations

because of seasonal variation of mesospheric layer temperature (Plane 1991).

2.3.1. Techniques for Observing the Mesospheric Sodium

The first observation of radiation from the sodium D, line in the nightglow
spectrum was reported by Slipher (1929). Since then, a number of techniques
have been developed to study the origin and behavior of several metals including

sodium, which exist as free metal atoms in the mesospheric layer.

Photometry

The first quantitative observations of the mesospheric sodium atoms were
made in the 1950s using ground-based photometers that measured the sodium
resonance fluorescence excited by solar radiation, which is usually called twilight
technique (Hunten 1967). During twilight measurements, photometers are usually
pointed to near zenith to avoid a large signal of Rayleigh-scattered sunlight from
the denser atmosphere below about 25 km. The sodium resonance emission signal
varies as the Earth’s geometrical shadow passes up through the sodium layer. which
can provide information on the vertical profile of the sodium column density. The

integrated sodium column density over the vertical profile provides total sodium
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abundance. The techniques for measuring the sodium layer atomic abundance
and height distributions were pioneered by several groups in 1950s (Hunten 1956:

Blamont et al. 1958; Hunten 1967 for a review).

Absorption Spectroscopy

Daytime sodium layer abundances have also been derived from high resolution
spectroscopic measurements at the bottom of the solar D lines. High resolution
absorption spectroscopy was first used in the 1960s (McNutt & Mack 1963: Burnett
1965). The advantage of this technique is that the measurements of the mesospheric
sodium abundance, derived from the D, or D; absorption line profiles, are very

simple and accurate.

Lidar

In the late 1960s, tunable lasers were invented. Lasers tuned to the sodium
D lines were transmitted upwards through the atmosphere, and the resonantly
scattered light from the sodium layer was used to measure the sodium column
density. and the sodium distribution profile (Bowman et al. 1969; Sandford &
Gibson 1970). This technique is referred to be the laser-radar or lidar technique.
The time delay of the return signal provides the height resolution of the scattering
layer, typically to within 200 m (Beatty et al. 1989). The mesospheric sodium
density measurements are calibrated from the Rayleigh scattered return photons at

about 30 km altitudes where are free of aerosols (Gardner et al. 1986).

2.3.2. Previous Observations of the Mesospheric Sodium

Previous observations show that the mesospheric sodium column density varies
with different time scales such as season, day and hour. It also varies with latitude.

The seasonal variation is evident in the observations from both hemispheres, with
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a maximum during November, December and January and minimum during May.
June and July for the northern hemisphere, while the variation phase reverses in
the southern hemisphere (Hunten 1967). The amplitude of the seasonal variation
is related to the location on the Earth, i.e. the amplitude of seasonal variation is
much smaller at low latitudes than at high latitudes. Most recent observations by
Papen et al. (1996) also demonstrate much short term variations of the sodium
column density. They found the sodium column density can vary by a factor of two

or more within a few days and sometimes even within a few minutes (Papen 1996).

There used to be uncertainty about the diurnal variation in the sodium column
density. The early photometric measurements of dayglow emission generally
obtained much higher abundances than twilight measurements (Hunten 1967).
However, more recent work with more accurate Lidar measurements ruled out the
previous claim on possible diurnal variation (Clemesha et al. 1982; Granier &

Megie 1982).

The height of the sodium layer has also been found to vary with time. The
period of long term variation is about a half vear. not like the seasonal abundance
variation. The maximum height occurs around February and October. while the
minimum happens during June and December. The average full width at half
maximum of the sodium layer thickness is about 10 km. It also varies with time,
and has a half year period, the same as the height variation, but with the reverse

phase (Papen et al. 1996).
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2.3.3. Seasonal Mesospheric Sodium Observations at Tucson
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Figure 2.5 Solar sodium D, absorption line spectrum obtained at the McMath

telescope with the high resolution 13.5 m main spectrometer in 1995.

Since the mesospheric sodium column density varies with time and latitude. it

is very important to observe the sodium column density variation locally. Some
measurements of mesospheric sodium column density above Kitt peak were
performed in 1960’s through the twilight technique (Hunten 1967). However. the
accuracy of the measurements is quite limited. And observation time is only limited
to very short time period, which cannot provide sodium variation information over
hours. We feel it is necessary to measure the sodium variation above Kitt Peak

through other techniques.

We chose day time solar sodium absorption spectroscopy to observe the

seasonal mesospheric sodium variation above Kitt peak. The observations were
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conducted with the National Solar Observatory McMath solar telescope on Kitt
Peak. The high resolution 13.5 m main spectrometer with the 632 g/mm grating
and predisperser was used to provide resolution of about 2.6x10°® (theoretical
value). The receiver is a photomultiplier with no readout noise, no bias and no
cosmic rays. The annual measurements started in February, 1995 and ended in
June, 1996. A total of about 35 days were allocated to us for the measurements.

The data were collected by Bill Livingston and myself.

Solar sodium D, absorption spectra are one-dimensional and were typically
obtained in 1 minute of integration. Figure 2.5 shows an example solar sodium D,
absorption line spectrum. The mesospheric sodium D, absorption lines are the tiny

narrow absorption ones at the bottom of the much broad solar D line.

0.08 —r—r—————— . 11 —— —r
r L] -
(Jd
L A L 4
0.055 - - L J,
s 0 ‘ ! .‘
= - <
E r 1 o
£ > 1
§ 005 — 2
o . i g
2 . E
= B o
) r 1 2
= 0.045 + - z
3 i ] =Zos
Q
£ [ ] i 1
0.04 ~ — - 4
I- 4 [
ag 0o OB b
5889.92 5889.94 5889.96 588998 5830 5889.92 5889.94 5889.96 5889.98
Wavelength (R) Wavelength (A)

Figure 2.6 Left: The dotted line is the bottom part of the solar Dy profile and
solid line is the computer generated least square fit. Right: The residual telluric D,
absorption line spectrum in the absence of the solar D, profile. The dotted line is
the telluric D, hyperfine line profile and the solid line is the best profile fit.

The main method for the data reduction is to fit the generated Voigt profile
to the bottom of the solar D, line. The main object of the computer program

written by myself was to compute a set of optimum parameters that could generate
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the best least-square fit of the model to the data (excluding the mesospheric D,
absorption region). We then extracted the solar absorption by removing the fitted
profile to obtain the residual spectrum which contains the tiny absorption lines
from the sodium layer. The typical solar spectrum near the bottom of the D,

sodium line and residual telluric D, absorption spectra are shown in Figure 2.6.

2.3.4. Seasonal Sodium Abundance Results

Because the mesospheric sodium absorption is normally very weak. (e.g. the
typical optical depth at the center of the absorption line is 7 ~ 0.04 << 1), it is
appropriate to assume that the absorption line is in the linear portion of the curve
of growth. where the column density of the atoms is proportional to the equivalent
width. The integrated number of sodium atoms per square centimeter in the line

of sight is then given by

mc? o Iy(v) — I(v) 20 W :
dv = 1.1 10% -2 2.1
~e7F Jo 1:(0) v =1.130 x iz cm (2.13)

where 17, is the equivalent width, and both V¥ and A are in unit of A. f is the

V=

oscillator strength (f = 0.3944,0.2367 for the 5889.9584 A. 5889.9386 A hyperfine
lines of the D, transition, respectively: Morton 1991). The error resulting from
neglecting the saturation effect was estimated to be less than about 2.5%. which is

within the measurement error of about 5% for the seasonal observation.

Figure 2.7 shows the seasonal variations of the sodium layer column density
above Tucson between February 1995 and January 1996. Since we observed the
Sun at different airmasses, we need to normalize the measured column densities
to the values at the zenith. The relationship between the airmass and the sodium

layer thickness can be expressed as

sec ¢ = (2.14)

1
V-G - )
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where sec ¢ is the thickness factor of the sodium layver. r. = 6378.5 km is the
radius of the Earth. the height of the sodium layer above Kitt Peak H = 90 km
is assumed, and sec z is the airmass. Thus. the value of sec o is 1.0 when sec :z
= 1.0 and it is about 6.0 when sec = — oc. The column densities in Figure 2.7
represent the values at the zenith. Each point represents an averaged value within
a 4-8 minute integration time. The dominant error in these measurements is from
the solar D, profile fitting, which is estimated to be about 5%. The scattering
in the measured values during each day therefore represents the real short term
variation. The variation amplitude could be as large as a factor of two within a
short period of time (on the order of hours), which is consistent with the results at

other latitudes (e.g. Papen et al. 1996).
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Figure 2.7 Annual mesospheric sodium column density distribution above Kitt Peak

(32°). Annual mean is 3.7x10° cm~2.

There is also a strong trend of seasonal variation in Figure 2.7. Higher sodium
abundance was reached during the winter time with an average of ~ 4 x 10 cm™2,
except October data points, when the sodium abundance is a factor of 2-3 larger

than the values in the other months. This extremely high abundance could be
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caused by sporadic events during that day, such as meteor events or geomagnetic
activity (Papen et al. 1996). Generally, lower sodium abundance was observed
during the summer time with an average value of 2.6(%1.0) x 10° cm™2 (Apr.-
Sept. 1995). The annual mean of 3.7(£2.0)x10° cm™2 is lower than that reported
at higher latitudes (Magie et al. 1978; Papen et al. 1996). If we neglect the data
points from the October run, the amplitude of variation within a vear at Tucson
(32° N) is smaller than that at higher latitudes (e.g. Urbana, 40° N. Papen et
al. 1996: Haute-Provence, 44° N. Magie et al. 1978). These new measurements
from different latitudes confirm the latitude-related trend shown in earlier studies
using the twilight emission line technique (Hunten 1966). Detailed analysis on the
seasonal, daily, nightly and hourly variation of sodium abundance above Kitt Peak

will be presented in a future paper (Ge, Angel & Livingston 1998).

2.4. Simultaneous Sodium Laser Guide Star Brightness

and Column Density Measurements

The most appropriate way to determine how much laser power is required for
certain laser guide star AO performance is to directly calibrate the laser power
with simultaneous measurements of sodium laser guide star flux and sodium layer
abundance. The cw dye laser we used for the MMT FASTTRAC II AO system
is capable of providing a single longitudinal mode with tunable frequency at
high power after it passes through the traveling-wave ring cavity and frequency
tuning elements shown in Figure 2.4 (Roberts et al. 1997). It is perhaps the
simplest laser for the simultaneous measurements. The observational results can
be easily understood and provide a good reference for predicting other laser guide

star performance. Furthermore, the results provide a direct testing of current
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theoretical models for sodium laser guide stars (Milonni & Telle 1997, private

communications).

The simultaneous measurements of sodium laser return flux and the
mesospheric sodium abundance were conducted in March, May. and September.
1997. The sodium laser return flux was measured at the Multiple Mirror Telescope
(MMT) on Mt. Hopkins. The laser output power was measured before and after
each collecting data set with typically 10 image frames per data set, where the data
acquisition time of each data set was about 3 minutes. The exposure time of each
frame is 3-5 seconds. The average laser power projected on the sky is about 1 W for
all three runs. Only the sodium return fluxes during photometric conditions were
used for the final data analysis. In fact, during each return experiment the laser
beacon images were used for choosing those photometric measurements because
any thin clouds passing through the laser beams would show very strong Rayleigh
scattering and significantly reduce the return flux from the sodium spot. Especially
during the September run, because thin clouds covered part of the sky. we took
advantage of the laser beacon high sensitivity to thin clouds to use the laser return

images to help find clear sky patches for the return measurement.

Spectral resolution of at least R = 50.000 is required for the measurement of
the mesospheric sodium abundance. Figure 2.8 shows absorption of mesospheric
sodium D lines in the spectra of bright star a Leo. At spectral resolution R ~
200.000. both D; and D, lines are separated from other telluric lines. However, at

spectral resolution R ~ 50,000, only D, line is separated from other lines.

The simultaneous sodium layer abundance was measured at the CFA 60 inch
telecope with the Advanced Fiber Optic Echelle (AFOE) spectrograph by looking

at telluric sodium D, absorption in the spectra of bright stars. The telescope is
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only about 1 km away from the MMT on the same mountain. Therefore. similar
sodium layer patches were observed by both telescopes. The spectrograph resolving
power is R = 50,000 (Brown et al. 1994). With such spectral resolution, the sodium
Ds, line is blended with telluric water absorption lines, so the D, absorption line,
which is clearly separated from other nearby telluric absorption lines, is therefore
the only suitable line for the sodium abundance measurements. Because the very

weak telluric sodium D, absorption line could be easily buried in much
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Figure 2.8 Spectra of mesospheric sodium absorption lines at R = 220,000 and R =
50,000. The original raw two-dimensional spectrum with R = 220,000 was taken by
Meyer at the Kitt Peak 0.9 m Coudé feed telescope with the Coudé spectrograph.
The spectrum with R = 50,000 was obtained by convolving the spectrum with R =
220,000 with a Gaussian.
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stronger interstellar D, absorption lines and/or stellar D, absorption itself from
late type stars, only a couple of very nearby early type stars without interstellar
or stellar D, absorption are suitable for the measurements. About a dozen nearby
bright early type stars with V magnitude brighter than 3 have been searched by us
with the AFOE to find suitable targets for this project. So far only four such stars
were found. and they are a Leo, @ Aql. 4 Tau and  And. However. the number of
stars suitable for the measurements will increase once higher resolution spectra are
obtained because higher resolution will help to separate telluric D, line from other
interstellar D, lines (cf. Welty et al. 1994) and also stellar D; line becomes much

broader than the telluric D; line.

Because the typical equivalent width of the telluric sodium D, absorption
line is less than 1 mA, in order to measure the sodium abundance to better than
15% error, a signal-to-noise ratio (S/N) of at least 1,000 is required for spectral
resolution R ~ 50,000. With 16 bit CCD readout electronics, a S/N of ~ 300
can be reached in each frame. On the other hand, once the S/N reaches about
500, CCD pixel-to-pixel variation will limit improvements in S/N. To solve this
problem, we coadded ~ 100 flat frames, which were taken a few hours before or
after the simultaneous experiments for accurately tracing the CCD pixel sensitivity
variation, and divided the combined object frames (« Leo in the March run, and o
Aqgl in the May run and the September run) by the combined flat. The resulting
S/N can reach as high as ~ 2,000, which is good enough for accurate sodium

abundance measurements.

Figure 2.9 shows the typical image of the sodium resonant fluorescence
observed through one of the MMT mirrors during the September run. In order to

avoid possible saturation of sodium laser power on the sodium layer, we let the
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this figure further demonstrates that the spectral resolving power of 50.000 is a
minimum requirement for accurate measurements of sodium layer column density

under different weather conditions.

Since the typical optical depth at the center of the sodium D, absorption line
is 79 ~ 0.04 << 1 (Ge et al. 1997; Ge, Angel & Livingston 1998), it is appropriate
to assume that the D, absorption line, which has a line strength of half of the D,
line (f = 0.318 for the D;, Morton 1991), is in the linear portion of the curve of
growth. where the column density of the atoms is proportional to the equivalent
width. Therefore the integrated number of sodium atoms per square centimeter
in the line of sight is then given by Eq. 2.13. The error resulting from neglecting
the saturation effect was estimated to be less than about 2.5%, which is within the

measurement error of about 10% caused by the photon statistics.
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Figure 2.11 Measured sodium laser returns of circularly and linearly polarized beams
vs sodium layer abundance at zenith. No correction for the atmospheric transmission
loss and laser frequency jitter is applied. The dashed lines represent the best fit to
the data.

The measurement results from 1997 March and May runs have been published

in the workshop proceedings on Laser Technology and Laser Guide Star Adaptive
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Optics Astronomy (Ge et al. 1997). Figure 2.11 show the relationship between
the absolute laser guide star flux and sodium abundance at the zenith. Both
backscatters from circular and linear polarization are proportional to sodium
column density. The absolute return flux range is consistent with that from our
previous return measurements though no simultaneous sodium abundance being
measured at that time (Jacobsen et al. 1994). Further, the circular polarization
provides ~ 30% increase in fluorescent return over linear polarization. The
measurement errors from the column density and the guide star brightness have
been found to be relatively small (e.g. ~ 15% for the sodium abundance and
3% for the photometric measurements). However, the systematic error caused
by the laser itself could be very large (e.g. ~ 40%). Moreover. the atmospheric
transmission could also affect the absolute return flux measurements. Therefore,
new sodium return experiments with simultaneous measurements of laser frequency
and atmospheric transmission are required to estimate possible systematic errors

In previous measurements.

During the September run, we monitored the laser frequency with a Fabry-
Perot interferometer and an Edmund CCD camera. We have also measured the
atmospheric transmission by observing several standard stars at different airmasses

during the same observation run.

Table 2.2 shows the measurements of simultaneous absolute return flux from
linearly and circularly polarized sodium laser beams and sodium column density
from the March, May and September runs, 1997, as well as the observation
time and corresponding R magnitude of the laser artificial stars. The absolute
sodium laser return flux is defined as the flux measured without the atmospheric

transmission loss. The atmosphere transmission was 7 = 0.9 at the zenith during



the September observation run. The same atmosphere transmission of T = 0.9 is

assumed for the March and May observation runs.

Table 2.2 Simultaneous linearly and circularly polarized laser return and column
density measurements

Polarization = Local Time Return Flux N(Na) at Zenith R mag./W
(10° Ph./m?/s/W) (10° atoms/cm?)
linear 1h13m, 3/23 4.0 2.240.5 11.4
linear 3h18m, 5/20 8.2 3.0+0.5 10.6
linear 3h23m, 5/20 11.7 4.3£0.7 10.2
linear 3h33m, 5/20 10.1 4.6£0.7 10.4
linear 3h39m, 5/20 10.6 4.3+£0.7 10.3
circular 12h32m, 3/23 4.9 1.7£0.5 11.1
circular 1h16m, 3/23 4.5 2.1+0.4 11.2
circular 1h26m, 3/23 5.9 1.9+0.5 10.9
circular 1h35m, 3/23 5.7 2.7+0.4 11.0
circular 2h45m, 5/20 14.0 4.5+0.7 10.0
circular 3h08m, 5/20 11.3 3.3+0.6 10.2
circular 4h04m, 5/20 8.6 3.6+0.7 10.5
circular 4h08m, 5/20 5.8 2.7£0.5 11.0
circular 1hl4m, 5/20 12.6 5.1+0.9 10.1
circular 4h18m, 5/20 13.8 5.8+0.9 10.0
circular 0h32m, 9/13 12.6 3.8+0.6 10.1
circular Oh49m, 9/13 11.5 4.6+0.7 10.2
circular 0h59m, 9/13 12.1 4.44+0.8 10.2
circular 1h28m, 9/13 12.8 3.4+0.5 10.1

The laser frequency instability was monitored by a Fabry-Perot interferometer
with a free spectral range of 1.48 GHz, determined by the separation of mirrors
of 4 inch. Figure 2.12 shows the typical interferogram from this interferometer
recorded by an Edmund CCD camera. The interferograms were recorded by an
Edmund CCD camera for measuring the simultaneous laser frequency. We found
that the laser frequency mainly hopped among four adjacent modes randomly.

The frequency difference between the two neighbor modes is 0.276 GHz, which is
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Figure 2.13 Intensity of sodium resonant back scattering versus relative frequency
with respect to the D, hyperfine peak frequency. The filled square dots are actual
data. The solid line is the best gaussian profile fit to the data. The FWHM is 1.20
GHz (Jacobsen et al. 1994). The middle histogram shows the distribution function
for the laser frequency jitter during the September run at the MMT. The sodium
dye laser mode separation with the ring cavity is 0.276 GHz. The laser frequency
of the cw laser was mainly locked within 0.6 GHz around the peak of the hyperfine
structure.

Figure 2.14 shows the relationship between the absolute laser guide star
flux and sodium abundance at zenith. The absolute return flux shown in this
figure includes the correction factor of 1.22 caused by the laser frequency jitter.
The backscatter from circularly polarized beams obtained from three different

observation runs is proportional to sodium column density. The long dashed line
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shows the best linear fit to the all sodium return data, which can be described as

-’\’rNa
3.7 x 10%cm 2

Fop = 1.2(£0.3) x 109] ]. (2.1:

V]
—
(1)
—

where the observed absolute laser return flux F,; is in units of photons s=! W~!

m~2, Ny, is sodium column density in units of cm~2. Therefore, a laser guide
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Figure 2.14 Absolute flux of sodium laser returns of circularly polarized beams vs
sodium layer abundance at zenith. The short-dashed line is from the prediction of
Eq. 2.16. and the long-dashed line is a fit to the data.

star with R = 10.1 mag. or absolute flux above the atmosphere of 1.2(£0.3) x 10°
photons s™! m~2, is expected to be formed from 1 Watt of projected circularly
polarized sodium cw laser above the atmosphere when the sodium laser frequency

is locked on the peak of the D, hyperfine structure and the sodium layer abundance
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is at its mean value of N(Na) = 3.7x10% cm~2 at our latitude (Ge et al. 1997).
The error is estimated from the uncertainties associated with the laser frequency
mouitoring (about 20%) and sodium column density measurements (about 15%).
The main difference between this result and previous one (Ge et al. 1997) is that
we have included the correcting factor caused by the laser frequency jitter. as
well as the measured atmospheric transmission into the consideration to reduce
systematic errors in the final value. These corrections yield a laser return flux value
for monochromatic cw excitation tuned to the peak response. which is 1.4 times

that we reported in our previous paper (Ge et al. 1997b).

Figure 2.14 also shows theoretical prediction of the absolute laser return fux

(the short-dashed line) based on the following simple estimate

N, Na
= 1.5V, Ny op =1.4x10° al

F, = =
th A 4rH? [3.7 x 10%m—?

I, (2.16)

where the theoretical absolute laser return flux F}, is in units of photons s7% W~!
m~2. V, is backscatter in units of photons s™! W~!, .V, = 3.0 x 10'® photons s~!
Wl is the total output flux per 1 Watt sodium laser, 4. is the photon collector
area. H = 90 km is the height of the sodium layer above the telescope. and the
peak cross section of the Dy hyperfine op = 8.8 x 1072 cm? (Happer et al. 1994).
The linear dependence on Ny,0p is used because the < 10 MHz line width for
the cw dye laser tuned to the hyperfine peak is very narrow compared to the 1.19
GHz FWHM of the D, hyperfine line (Martinez 1998). The angular dependent
scattering factor, 1.5, for the back-scattering is also used in equation (3) (Jeys 1991;
Morris 1994). The theoretical predicted value from Eq. 2.16 is slightly higher than
the measured value (1.2(£0.3) x 10°) from the circularly polarized laser beams,

but the measured value is entirely consistent with the predicted value, 1.17x108

photons s™! W=! m~2 per 3.7x10° cm~?, from more careful theoretical analysis
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including the Earth’s magnetic field, collisional mixing and optical pumping effects

(Milonni 1998, private communication).

The refined simultaneous measurement results provide a reliable base for the
design of next generation sodium laser guide star AO systems. Based on these
results, the detected sodium laser return photon number for a wavefront sensor

subaperture with an area of 4 (m?) in integration time 7 (milliseconds) is

N = 1200(£300)T*7 P An,

—_
o
—
=1

~—

when atmospheric transmission loss T2 is included. P is the power in Watts of a
single mode sodium cw dye laser, locked to the D, peak cross-section frequency.
The total collecting system efficiency, 7, includes sky and collecting system

transmission and detector quantum efficiency.

2.5. Sodium Spot Size and Sodium Beam Waist

Measurements

In order to obtain the strongest signal from the return flux of a sodium laser guide
star. generated by a projected laser beam, for wavefront sensing and correcting,
the images at a wavefront sensor should be as sharp as possible. A doubling of
the image size would require a quadrupling of laser power to obtain the same
signal/noise ratio for the same wavefront sensor detector (e.g. Sandler et al. 1994).
Therefore, a series of experiments needs to be conducted to find out the relationship
between the optimal sodium beam waist and spot size and how tight a spot a laser

beam projector can generate on the sky.

Figure 2.15 shows the schematic drawing of the sodium laser beam projector,

which was used for measuring the sodium beacon size and sodium waist during the
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cover and support structure comprise a significant obstacle to the beam path. The
light must be brought vertically from the elevation axis past the guide telescope
support (Figure 2.15). It is in this leg that L3 and the pupil diagnostics camera
suite are located. Two large mirrors mounted on rigid steel towers are used to

transfer the beam around the guide telescope and its cover and into the PPP.

Below the second of these mirrors is a long optical rail mounted vertically. L3
is mounted to this optical rail. Also on this rail are two, 2 inch beam-splitter cubes
used to feed a diagnostics box, and a variable iris located at the entrance pupil of
the projector. A pupil diagnostics box is located next to the vertical optical rail.
The cameras in this box provide real time alignment and laser quality information.

and a diode provides ‘power in the bucket’ measurements.

Below the vertical optical rail, mounted on the elevation axis of the telescope
is the rapid tip/tilt mirror, which is located 1 m below the actual entrance pupil.
This leads to a small amount of cross coupling between image motion and pupil
filling. The tip/tilt mirror, controlled by the wavefront sensor computer. is capable
of larcsec motions at a rate of nearly 700 Hz. In this way the global jitter of the

laser can be eliminated.

The relay system consists of a series of four mirrors that bring the laser beam
from the laser room up to the elevation bearing of the telescope. then sending the
beam down the elevation axis of the telescope to the rapid tip/tilt mirror. The
first mirror of this relay system, the one nearest to the laser, has a slow tip/tilt
capability, and is used to ensure proper pupil filling. Also included in this relay
system is a remotely activated shutter connected to the electronic airplane “watch
dog”. This shutter is used to block the beam in case of aircraft passing near the

beam.
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Near the laser itself is the polarization control system and the beam expander.
The polarization control consists of a MgF2 crystal with tip/tilt. The polarization
control for the current system is run manually with real time feedback from the
polarization detector. Also on the laser bench is a variable beam expander. The
beam expander consists of two positive lenses mounted on an optical rail. By
varying the spacing and slightly adjusting the focusing lens on the vertical optical
rail the projected beam waist can either be varied up or down to match the

projected beam waist to the optimal waist.

The performance of the current beam projector is mainly considered in two
areas. The first is the amount of energy transmitted from the laser to the sky, and

the second is how tight a spot the projector generates on the sky.

The current projector has seven reflective surfaces and 18 refractive surfaces.
Most of the mirror surfaces are coated with protected silver coatings and most of
the refractive surfaces are coated with broadband coatings. When the projector was
first installed on the telescope in 1995 the total system transmission was measured
at between 70% and 75%. Since then some of the reflective surfaces have degraded
significantly, specifically the large silvered mirrors on the telescope structure. In
addition, the top surface of L2 has gathered a significant amount of dust. Cleaning
this surface and recoating mirrors would require the removal of part of the beam
projector system. Since this procedure would require several days or more of effort
to replace and realign, and also since the whole laser system setup at the MMT is
only for temporary use for the FASTTRAC II AO system it has been left in its
current state. As of September 1997 the total transmission, including vignetting

losses, had fallen to 40% end to end.

In order to measure the beacon spot size it must be viewed with a telescope.
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This creates a further complication since turbulence in the down-coming beam will
degrade the beacon image. Therefore, in order to determine the actual spot size on
the sodium layer a stellar point spread function (PSF) taken simultaneously with
the image of the sodium beacon is needed. This would allow the de-convolution of
the PSF with the image of the beacon. To attempt this, a series of experiments
was conducted at the MMT in September of 1997. The goal of these experiments
was to obtain simultaneous, in-focus images of a star and the sodium beacon. The
focus of the sodium beacon is about 36 mm lower than the infinity focus. Since it
is vitally important that both images be in focus, an instrument called “co-focal
box” was constructed for this run that can introduce 36 mm of extra path length

for the light from the sodium beacon (Jacobsen 1997).

In the September 1997 run, the first half of the run was dedicated to collecting
more sodium return strength data described in the previous section. During the
second half of the run, a series of observations was made at the MMT to observe
the correlation between the beam waist size and spot size and to obtain data on
the size of the sodium spot generated by the projector, optimizing the projector for

the smallest spot.

The variable beam expander was used to vary the projected waist size between
approximately 19 cm and 36 cm. This range runs across the optimum for average
seeing conditions at the MMT. Seven settings were used for the beam expander.
The beam profile was determined by moving a photo-diode across the pupil and
measuring the output as a function of location. For this purpose a wooden plate
with a series of evenly spaced, pre-drilled holes was used to position the diode.
From these profiles the approximate waist was determined. These values are only

approximate since the flickering of the laser made accurate measurement difficult.



A series of exposures at various expander settings were then taken with a
natural star in the field-of-view of the Apogee CCD camera. This was done
using only mirror E, which has the best imaging quality of all the primaries. The
exposure times were either 0.1 or 0.2 sec. The increase in exposure time was
necessary to compensate for a very light, variable cloud cover, robbing the laser
of power. Image sizes (FWHM) for both the star and the sodium beacon were
determined by doing Gaussian profile fitting to the images using the standard
IRAF package. The FWHMSs of the PSF star and the sodium beacon are assumed
to add in quadrature. Therefore. the actual width of the sodium beacon can be

derived from the following:

Dpeacon = \/(Dizmage - D?’SF’)? (218)

where Dieacon; Dimage and Dpgr are the FWHMSs of the sodium beacon, apparent

sodium image and PSF, respectively.

The relationship between the waist and the beacon size did exhibit a
minimum at 25 cm near the predicted optimal waist of 29 cm for average seeing
conditions (Jacobsen 1997). with increased spot sizes on either side of the minimum
(Figure 2.16). The average rg. estimated from the instantaneous star image sizes.
at the time of measurements was 15 cm at 0.7 um. Figure 2.16 also shows the
simulated instantaneous spot size ro = 15 cm using the program described in
Jacobsen’s thesis (Jacobsen 1997). The data suggest that the beam projector was
not properly optimized and that there may have been aberrations present. To
simulate the effect of a simple aberration de-focus was added to the pupil. Curve
(d) in Figure 2.16 shows simulation results for 100 ms exposures with 1 wave of
defocus added to the projector. Adding the defocus drove the minimum waist

size down and raised the average spot size. The minimum de-convolved spot
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size obtained was 0.84 arcsec which is approaching the minimum of the ry = 10
cm curve. However, this was before the optimization of the projector alignment

conducted on the last night.

Spot Size vs. Projected Beam Waist
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Figure 2.16 Comparison between the data obtained from the MMT and simulations.
Curve (a) shows the average, raw image sizes of the sodium beacons for various
projected waists. Curve (c) shows the average sizes of the PSF star. Curve (b) is
the de-convolved spot sizes of the sodium beacons. Exposure times were between
100 and 200 ms. Curve (e) is the theoretical instantaneous spot size for ry = 15 cm
measured from the PSF star images. Curve (d) is the simulated curve for a 100 ms
exposure with 1.0 waves of defocus introduced into the pupil.

On the last night of the observing run several hours were spent adjusting the
projector alignment while monitoring the image of the spot on the sky. This was
done in an effort to truly optimize the performance of the beam projector. It was
noticed at the end of this procedure that the laser beacon appeared to be strongly

elongated in the direction of its Rayleigh column. This is the direction that one
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the sodium abundance was measured at the CFA 60 inch telescope, about 1 km
away, with the Advanced Fiber Optic Echelle (AFOE) spectrograph. The laser
frequency stability, which can greatly affect the return flux. was monitored at the
same time in order to improve the measurement accuracy. After the correction for
laser frequency jitter and atmospheric transmission, the absolute flux return above
the atmosphere for circularly polarized light is 1.2(+0.3) x 10 photons s~! m™2
per Watt launched above the atmosphere, per unit column density, which we take
as our measured mean over the year of N(Na) = 3.7x10° cm~2 at Tucson. The
solidification of a final well-determined relationship between the sodium laser guide

star brightness and sodium layer column density is pivotal in the design of the next

generation laser guide star adaptive optics systems.

New measurements and analysis of the relationship between the projected
beam waist of the sodium laser and the resultant spot size on the sodium layer
under typical atmospheric conditions are also presented in this chapter. Since
wavefront measured error is proportional to spot size, and also to 1/,/power.
minimum spot size is crucial for lowest laser power requirement. By projecting the
laser through diffraction limited optics of 0.5 m diameter, roughly 3 ry, we have

achieved the smallest artificial beacon yet recorded, about 0.8 arcsec.

The mesospheric sodium column density variation was measured above Tucson
sky throughout the year, through sodium absorption line measurements in stellar
and solar spectra. Previous measurements have not provided accurate data at
this latitude (32 degrees). The absorption spectroscopy method we applied for the
measurements is more direct and may be more accurate than the lidar methods
normally used. The seasonal variation amplitude is smaller than that at higher

latitudes. While the annual mean sodium column density tends to be lower than
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at higher latitudes. Diurnal sodium column density tends to vary by as much as a

factor of two within an hour.
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CHAPTER 3

PERFORMANCE STUDIES OF

ADAPTIVE OPTICS SYSTEMS

3.1. Introduction

Though adaptive optics has a big impact on improving ground-based telescope
image quality. it cannot provide ideal diffraction-limited images in principle. due to
the limited photon flux available from the reference source, finite response time and
subaperture size of the AO systems (Sandler et al. 1994). The AQ corrected images
consist of two components: a diffraction-limited core and a broad seeing-limited
halo (Beckers 1993), which make the design of AO instruments different from that

of seeing limited instruments.

The much sharpened AO images have two main applications in astronomy
research: imaging and spectroscopy. The two are closely related but not the
same. The main focus of direct high resolution imaging is to sharpen the

diffraction-limited image core, to maintain stable uniform point spread function



(PSF) in both spatial and temporal domains. On the other hand. the biggest
concern of AQO spectroscopy is the flux concentration. The different demands for

these two different applications determine different instrument design parameters.

The application of adaptive optics to astronomy is still in its early phase, AO
spectroscopy is especially a totally new territory being opened for exploration.
AO imaging and spectroscopy is much more complicated than seeing-limited
imaging and spectroscopy. The AO corrected image quality depends not only on
instantaneous seeing conditions, described by the atmospheric turbulence coherence
length rg, but also on the coherence time, described by to. If the scientific object
is not in the same direction as the guide star (natural or laser). the image quality
will also depend on the angle between the guide star and the object, caused by
atmospheric anisoplanatism. Moreover, image quality from the correction by the
laser guide star, which provides much larger sky coverage over bright natural guide

stars, will also suffer degradation caused by the focus anisoplanatism.

Detailed theoretical modelings, especially computer simulations. are necessary
to understand the performance of a new AO system before it is built, since it is
very expensive to develop an AQO system, especially a high order system. Direct
comparisons between the results from the simulations and real time observations
from existing AO systems will improve the theoretical models. The predicted
results from accurate theoretical simulations will guide the design of new AO
instruments, especially AO optimized camera and spectrograph systems (Ge et al.

1997, 1998; McCarthy et al. 1998).

A number of useful methods have been applied to study the AO performance
including direct Monte Carlo computer simulation of the whole AO system (Sandler

et al. 1994; Ge et al. 1997; 1998), semi-empirical analysis (Parenti 1992; Ridgway
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1994; Ge et al. 1997; 1998) and the evaluations in terms of residual mean-square
phase distortion and the associated optical transfer function (OTF) ( Ellerbroek

1994; Ellerbroek et al. 1994).

In this chapter, I will first introduce standard theory of atmospheric turbulence
and parameters to describe it, then apply the Monte Carlo simulation and
semi-empirical formulas to analyze the performance of the MMT 6.5 m laser guide
star and natural guide star AO systems and Mt. Wilson 100 inch natural guide
star system. Results from studies of laser guide star AO performance at generic 4
m and 8 m telescopes are also described. In the end. I will relate the results to the

design of AO optimized instruments.

3.2. Atmospheric Turbulence

Variations in temperature in the atmosphere cause random turbulence. The
changes in temperature lead to small variations in the atmospheric density and.
hence, to the refractive index changes on the order of 10~%. The difference in the

refractive index can be described as (Ishimaru 1978)

—78 x 107%P
An= o AT (3.1)

where the pressure, P, is in millibars and the temperature, T, is in Kelvin. The

cumulative effect of the atmospheric turbulence gives rise to beam wander, beam

spreading and intensity fluctuations.

Propagation of light beam through atmospheric turbulence is well understood.
Atmospheric turbulence theories based on statistical analysis have resulted in a
number of scaling laws that describe the average atmospheric effects on gross

properties, such as low spatial frequency beam wander, high spatial frequency
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beam spread, and beam intensity fluctuation, which is called scintillation. Beam

spread is generated by turbulence eddies that are smaller than the telescope beam
size. Beam wander is produced by eddies that are larger than the beam size. The
beam intensity variations are generated by eddies with sizes on the order of VAL,

where L is the propagation distance (Tyson 1998).

Following from the theory of fluid motion the flow of air becomes turbulent if

the Reynolds number R exceeds a critical value. The Reynolds number is given by

L()U

R (3.2)

v

where L is the characteristic size of the eddy, v is the characteristic velocity, v is
the kinetic viscosity of air. With typical numbers for these parameters. Ly = 10m.,
v=1ms ! and v = 1.5 x 107 m?s~!, a Reynolds number R = 6.7 x 103 is

obtained, which corresponds to fully developed turbulence (Ishimaru 1978).

3.2.1. Kolmogorov and Tatarskii Theory

The key result concerning the statistics of turbulent velocity is due to Kolmogorov.
The results from these statistical analysis have been confirmed by many
experimental measurements. Tatarskii extended the statistics of turbulent velocity

results so as to make them applicable to atmospheric refractive index variations.

Kolmogorov suggested that the kinetic energy in the largest structures
of the turbulence is transferred successively to smaller and smaller structures
(Kolmogorov 1961). He also assumed that the small scale turbulent motions are
both homogeneous and isotropic, i.e. statistical characteristics of the turbulent flow
are independent of position and the second and higher order statistical moments of
the turbulence depend only on the radial distance between any two points within

the flow field. When the Reynolds number in the turbulent region falls below some
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critical value, turbulent motion stops and the remaining kinetic energy is dissipated

as heat by viscous friction.

Kolmogorov’s results on atmospheric turbulence (1961) can be described as
the velocity structure function, D,,(R], R}), which is the mean square difference
of velocity, z'i(ﬁ), measured at two points, fﬁ and R.g. We can define the velocity

structure function as
Dy(R\, R,) = (|7(R\) — T(R)?). (3.3)

If the separation r = Iﬁl — R,| is small, the velocity structure function can be

written as a 2/3 power law of r, or
D,(r) = Dv(ﬁlaﬁZ) = Csrz/z. (3.4)

The constant C? is the velocity structure constant, which is a measure of the
energy in the turbulence. The Eq. 3.4 is valid when the separation of the two
points is above the smallest turbulence element size L;, called the inner scale set
by molecular friction and below the largest turbulence element size L,, called the
outer scale, which is the scale at which the original turbulence is generated. The
inner scale is related to the rate of dissipation of turbulent kinetic energy and
kinematic viscosity. It is about a few millimeters near the surface to centimeters or
more in the atmospheric troposphere. The outer scale L, ranges from a few meters

to hundreds of meters (Beckers 1993).

The statistical distribution of the size and number of turbulent eddies is
characterized by the spatial power spectral density (PSD) of refractive index n(7),

denoted ®,(k). For the turbulence scale within L, and L,, i.e. L; <! < L,, the

PSD of the refractive index fluctuations is a function of the scalar wavenumber,
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k = 2w /l. | is the isotropic scale size. The form of @n(E) can be described by
&K (k) = 0.033C2k~11/3, (3.3)
where the superscript KX indicates the Kolmogorov spectrum.

Tatarskii (1961) first related Kolmogorov’s velocity structure function to
the refractive index structure function, D,, which is defined as the mean square

difference of the index of refraction, or
D.(Ry. Ry) = ([n(R)) — n(R)]?). (3.6)

This quantity is more important when wave propagation issues are considered.

which can be described as
D,(r) = C2r*3; when L, € r < L, (3.7)

where C? is the refractive index structure constant with units of m~%3. C2
characterizes the strength of the index of refraction fluctuations. In astronomical
adaptive optics, the notation C?(z) is generally used to indicate the dependence
of the turbulence strength on distance to the telescope, z. The corresponding

Kolmogorov spectrum is given by

OK (k,z) = 0.033C%(2)k1/3, (3.8)

The value of C2 has to be determined by measurement. Generally its
measurement proceeds indirectly, inferring the value of C? from a thermometer
measurement based determination of the value of C#, the structure constant of

temperature variations.

For large telescopes the structure function is normally accepted to be close to

that predicted by Tatarskii/Kolmogorov.
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3.2.2. Atmospheric Parameters

Refractive Index Structure Constant

The refractive index structure constant C? plays the important role in predicting
the optical effects of the atmospheric turbulence. Extensive study of C? has been
conducted and shows that C? varies as functions of altitude, location, and time.
Several mathematical models for atmospheric turbulence have been developed
that are appropriate for the sites used for military experiments. Some of the
commonly used models include Hufnagel-Valley (HV) model, the Submarine Laser
Communication-Day (SLC-Day) model, SLC-night model, the modified HV model
and the Greenwood model. These models can be described as functions of altitude,

h. in units of meter.

The HV and SLC-Day models describe daytime C? distributions as a function

of altitude. The HV turbulence profile is given by

C2(h) = 5.94 x 10-53(%)%‘%-“ 1000 | 9 7 x 10~'6g=h/1500 4 ye=h/100 (3 g)

where 4 and v are free parameters (Parenti & Sasiela 1994). A, on the order of
1.7x107"* m~2/3, is a parameter determining the turbulence strength near ground

The parameter v (m/s) represents high altitude wind speed and determine the high

-1

altitude turbulence strength. v = 21 m s™' is commonly used in this model. The

SLC-Day model is described as (Parenti & Sasiela 1994)

’

0 h<19
4.008 x 10131054 19 < h < 230
C2(h) ={ 1.300 x 10~ 230 < h < 850

6.352 x 1077 h =29 850 < h < 7000
6.209 x 10716406229 7000 < h < 20,000
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The modified version of the HV and SLC models (called SLC-Night model)
and Greenwood model are used for nighttime C?2 distributions. The modified HV

profile is given by
C2(h) = 8.16 x 10> p10e=1/1000 4 3 30 » 10~ 1Te=1/1500 4 ] 90 x 10~ '3 ~"/100  (3.10)

The SLC-Night model (Tyson 1997) is

4

8.4 x 10713 h < 18.5
2.87 x 107 12p~2 18.5 < h < 110
Ci(h) =3 2.5 x 1016 110 < h < 1500
8.87 x 10~7h~3 1500 < h < 7200
| 2.00 % 10-%A7%5 7200 < h < 20,000

The Greenwood model is given by (Greenwood 1977)

C3h) =[2.2 x 1073 (A + 10)7" + 4.3 x 10717] x ¢"/4000, (3.11)

Typically, three layers in atmospheric turbulence are found: “the surface
laver” near the telescope up to ~ 20 m, which is mainly caused by wind-surface
interactions and man-made seeing; the “ planetary boundary layer” up to ~ 1000
m mainly due to the diurnal solar heating cycle, and the “free atmosphere™ above
this, which is related to the high altitude wind shear regime at the tropopause.
The refractive index constant decreases to about zero above an altitude of about
~ 25 km (Beckers 1993). Therefore, atmospheric turbulence mainly exists below ~

25 km.

However, the altitude for most military experiments is quite low compared to
that for the best seeing sites for astronomical telescopes, which do not suffer from

the same degree of low-altitude turbulence. Mauna Kea (MK) and modified Mauna
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Kea (MMK) models of C?(h), described by Sandler et al (1994), have been used

for adaptive optics performance studies in this Chapter.

The MK model is given by

’

0

10—6-6—2.0xh/1000
0

10—71-2+5.8xA/1000
10Q~—19-97+0.35x h/1000
1031-82—4.72x1/1000

0

10—38-0+1.47xA/1000
10— 8-71+0.0862x /1000
10—3-28—0.8xh/1000
10—26-8—0.444xh/1000

1040.36—2.8xh/1000

0

\

The modified MK model is described by

3

0

10— 15-927
0

10—38-0+1.47xh/1000
10— 18-71+0.0862x/1000
10—3-28—0.8xk/1000
1(Q—26-8—0.444xh/1000

1040.36—2.8x h /1000

| O

h < 4200

4200 < A < 6200
6200 < h < 9000
9000 < h < 9400
9400 < h < 10200
10200 < A < 10750
10750 < A < 12920
12920 < h < 13940
13940 < A < 17400
17400 < h < 18900
18900 < h < 20700
20700 < h < 21200
h > 21200

h < 8200

8200 < h < 11200
11200 < h < 12920
12920 < h < 13940
13940 < h < 17400
17400 < h < 18900
18900 < h < 20700
20700 < h < 21200
h > 21200
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further increases in diameter result in no further increase in resolution. The phase
structure function is

D, = (|6(R,) — 6(Ra)[?) = 6.88]— /3. (3.13)

To

The value of rg is dominated by the turbulence near the ground. A typical rg for a

good seeing site is about 1 m in the K band and 0.2 m in the V band.

Isoplanatic Angle

One of the fundamental limitations to the adaptive optics application is
anisoplanatism. The details of the turbulence-induced wavefront phase disturbance
vary significantly with very small differences in the viewing direction. Therefore,
adaptive optics correction is useful for a small field-of-view from the wavefront
sensing target. The isoplanatic angle 6, is the angle within which angular radius
the atmospheric wavefront distortion over the turbulence path remains essentially
unchanged (the rms wavefront variance less than 1 rad?). and can approximately

described as (Fried 1982)
9 L P = .; -
6o = 0.314dro/H = [2.91k> sec8/3(£)/ C2(2)2%3dz] ™5, (3.14)
0
where H is the average seeing layer height, or
L . i L ) _
H= sec(.f)(/ c,f(z)z°/3dz// C2(z)dz)*5. (3.15)
0 0

The instantaneous PSFs within the isoplanatic angle can be considered identical.
The value of the isoplanatic angle is dominated by the high altitude turbulence.
Typical isoplanatic angle for good seeing sites is about 20 arcsec in the K band and

a few arcsec in the V band.

Greenwood Frequency and the Temporal Effect
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The temporal correlation properties of the atmospheric turbulence play a kev
role in determining the overall performance of an AO system. An AQO system senses
the pupil field phase perturbations and, at some later time, applies a wavefront
compensation. During the time delay the pupil field evolves and the compensation
applied is not exactly the required compensation. As a result, the AO svstem

suffers a performance degradation.

The temporal variation of the turbulence-induced wavefront is mainly
determined by the wind velocities at the different seeing layers. The turbulence
can be described as a set of frozen layers that move across the telescope aperture
at speeds that vary with altitude. The average wind velocity for all the turbulence

layer is given by
_ L ) L )
7 = ( /0 C2(z)0%3(z)dz/ /0 Ca(2)2dz)3/5. (3.16)

Typical V, is about 10 m/s, frequently reach 30 m/s and higher at the high
altitude. A characteristic frequency, fg. at which an adaptive optics system has to

update to make sufficient wavefront correction, was derived by Greenwood (1977).

w

3 Y A ]
fo = 043V, /ro = [0.1024k> / C2(2)03 (2)d=]*15. (3.17)
0

For astronomical applications in the visible, the typical Greenwood frequency is

about 20 Hz.

A time scale directly related to the Greenwood frequency is often called the

atmospheric coherence time, which is given by
to = 0.1344/f, = 0.31ry /1. (3.18)

It represents the time scale for the AO correction update. The typical time scale in

the visible is a few milliseconds.
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3.3. Wavefront Errors

3.3.1. The Influence of Aberrations and Streh! Ratio

For an arbitrary wavefront error, ®(r,8), the PSF will have a very complicated
form. The speckled structure seen in short exposure images from ground-based
telescopes demonstrates the complexity. However, under the circumstance that the
wavefront errors are relatively small, the wavefront errors mainly lead to broaden
the PSF and reduce the peak intensity. For these cases. Strehl ratio is a useful

figure-of-merit to describe the image quality.

The Strehl ratio (SR) is defined as the ratio of the peak irradiance of an
aberrated image of a point source to the peak irradiance of an unaberrated image

(diffraction-limited). which can be expressed (Born and Wolf, 1993) as
1 p27 Y
§=2 [ [ exeoraras (3.19)
w2 Jo Jo

[f the wavefront error is small. the Strehl ratio can be further expressed as a

function of the mean square wavefront error,

o
o
=

il
A

S = exp[— (=)} (A®)% = 1 — (=)} (Ad)2. (3.20)

>|

The wavefront variance (A®)? can be found from

It [ (® — ®)2rdrdd
[ rdrdd

(A®)? =

where & is the average wavefront. The wavefront variance (A®)? is usually

measured in radians squared and is called a mean square wavefront error.

Adaptive optics residual error contributions can be divided into tilt and
higher order error terms (Parenti 1992; Sandler et al. 1994). AO systems often

apply corrections to these aberrations separately. The low order tilt errors are
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compensated by the tilt-control element and the high order errors are corrected by

the deformable mirror. Therefore the overall image quality can be described as
Stor = StiltSHO (3-22)

where Si is the total system SR, S, is the SR for the tilt error correction only

and Syo is the SR for the high-order aberration correction only.

3.3.2. Tilt Errors

The tilt, caused by the effects of atmospheric jitter, has a longer correlation time
due to its large scale. Three major sources contribute to the residual tilt errors:
anisoplanatism (o), centroid uncertainty (ocen:) and temporal decorrelation
(Otemp) (Sandler et al. 1994). The total one-axis mean square tilt error can be
written as

2 _ 2 2 2 ‘
Otitt = Tiso + O cent + Utemp‘ (323)

The tilt anisoplanatism is caused by the different atmospheric wedge traced
by the light from the tilt-sensing field star and from the science object. It can be

described as the average of tilt errors in the longitudinal and the lateral directions.

I \2 ¥ 2
;_250 = (sto) —;-(Uzso) . (324)

g

where the longitudinal tilt anisoplanatism,

. 6 ., D 0 ... D -0 AL
T \2 _ —or I 2 Z =173 _ T2y 22 95
(050 = DOATA (D) 0.0107(L (D) TR (325)
and the lateral tilt anisoplanatism,
. 0., D 0 ., D ... A
¥y \2 _ . == 2 N2 -1/3 . Al 2\ ZN\-7/3 __7‘ 26
(0%)? = 0157()() 7/ = 0.002L4() (D) PUF)L (3:26)

where D is the telescope aperture size and A is the tilt sensing wavelength (see

Sandler et al. 1994 for details).
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The temporal tilt decorrelation is caused by the delay between measuring and
compensating for the atmospheric wedge. The average mean-square temporal tilt

error can be expressed as

T
to

2Ry, (3.27)

Oemp = 0.03L()* () (5

where T is the delay time between sensing and correcting.

Due to the limited photon flux available from the tilt field star and detector
intrinsic noise, the exact centroid of the tilt guide star image cannot be precisely
measured. The resulting error is called the tilt centroiding error, which can be
written as

) o?w? in? A 2, (3.28)

Ocent = T + T)(E)

where the parameter « depends on D/ry, « = 0.76 - 1.11 for D/ry = 7-10. .V is the
total detected photon number, n is the detector readout noise, w is the FWHM of

the image in units of the diffraction-limited image width \/D.

3.3.3. High Order Errors

The contributions to high order correction errors are fitting (o). reconstruction
(Orec). temporal-decorrelation (oyime), high-order anisoplanatism (0heis0) and focus
anisoplanatism (oc.n.) if laser guide star is used. The total mean-square high-order

correction error is
2 _ 2 2 2 2 2
0o = ajit + O hoiso + Orec + Otime + Ocone- (329)
Because of its finite number of actuators, the spatial frequency components

with scales smaller than a subaperture size cannot be corrected by the adaptive

deformable mirror. The resulting wave-front error is called fitting error, which is



106

further written as

d -
O = e )%, (3.30)

where ¢ = 0.29, depends on the actuator arrangement and d is the subaperture size

(Greenwood & Parenti, 1994; Ellerbroek, 1991; Rigaut 1994).

High-order anisoplanatism arises from the angular separation # between the
reference source being sensed and corrected and the object being imaged. A good
approximation for this high order anisoplanatism (Greenwood & Parenti 1994;

Sasiela 1993) is
Ohoiso = 02— In[1+0.9736 E+0.5133E% +0.2009E> +0.0697E* +0.02744E®], (3.31)

where

)3, o= (2)5/3. fin = sec™F(€) /Oc "C3(z)dz. (3.32)

., D
)(_ @ 00 ) 0

H2
E =688—(—=
llo(D To
€ is the zenith angle . This approximation gives accurate Strehl ratio values down

to values of 0.2.

The high order temporal decorrelation error is caused by the change of the
atmospheric wedges over each subaperture over the wavefront sensor delay time.

At. The error is approximately

. At -
o-tzime = (—)3/3- (333)
to
The reconstruction error has the same general form as the centroiding error for
tilt correction because the errors introduced by centroiding uncertainty due to the
photon noise and detector noise over each subaperture result in a rms wavefront

error in the final reconstructed wave front. It can be written as

) 412G a’w?
rec — lv

1+ 2y, (3.31)

ag
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where G = 0.5. which depends on the geometry of the reconstructor. Aqg is the
sensing wavelength and A\ is the science wavelength, w is the FWHM of the image

in units of the diffraction-limited image width of each subaperture A\/d.

Focus anisoplanatism is the effect where light from a laser beacon (finite
height) does not sample the same turbulence as the light from the observed target

does (infinite height). The cone error is expressed as
)33, (3.35)

where dg is a length-like quantity defined by Fried (1994). Tyler (1994) gives a

simple expression for dp:
- - L - ) s
do = A/ cos®/3(€)[19.77 / (2/ HYS3C2(2)d=] 5. (3.36)
0
where H is the altitude of the artificial star in kilometer.

3.3.4. The AO Corrected Images for Advanced Astronomical

Observations

Because of the existence of the low-order (o,;:) and high-order residual errors (og0)
after the AQO correction. the AO corrected images are not perfectly diffraction
limited. They generally consist of two components, a diffraction-limited core and
a broad uncorrected “seeing” halo. The diffraction-limited core appears after the
low spatial frequency wavefront errors (such as tilt error) are reduced. The halo
components decrease once the higher spatial frequency errors are reduced. Most
previous astronomical AO systems are low-order systems. Though they can provide
diffraction-limited image core for high resolution imaging, the energy concentration
within a small angular diameter is relatively low, which means that these systems

are not ideal for advanced astronomical applications such as AO spectroscopy and
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AO coronagraphy. However. the existing high-order AO systems at the SOR 1.5
m and 3.5 m telescopes and Mt. Wilson 2.5 m telescope have the capability to
concentrate about 50% photons within the central 0.2”. They are certainly suitable
for AO spectroscopy and coronagraphy (Ge et al. 1996a,b, 1997, 1998; Shelton
1998, private communication). Moreover. some new AQ systems being designed
and built at large telescopes such as the MMT 6.5 m will provide high order
compensation which can largely improve the photon flux concentration ability in
the IR for high throughput AO spectroscopy. These new AQO systems will vield
much improved image control in coronagraphy, allowing significant rejection of the
bright part of the image, and consequently making possible longer integrations to

search for fainter stellar companions.

3.4. Theoretical Study Results

3.4.1. Analytical Studies of AO Performance

A previous study by Parenti (1992) demonstrates that in a long-exposure image
corrected by an AO system the randomly fluctuating sidelobes appearing in

a short-exposure image smooth out to form a broad quasi-Gaussian-shaped
background skirt, which is determined by uncorrected beam motion. The
diffraction-limited primary lobe shown in the short integration forms another sharp
quasi-Gaussian profile overlapped on the broad background profile. The PSF of
the resulting image in a long exposure time is the sum of these two quasi-Gaussian
functions. Therefore, important parameters to describe the AO performance such
as Strehl ratio, encircled energy and resolution can be expressed by analytical
formulae which make the system performance study much easier than through

other methods. For most of the intermediate cases, the results from this simple
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method agree reasonably well with much complicated computer-simulation results
as shown in the next subsection and agree with the real time observation results as
well. However, for the very poor and very good correction cases. the results from

this method represent the expected asymptotic behavior.

Point Spread Function Formulas

In this approach, the width of the AO corrected diffraction-limited core is

expressed as

A\
W, = \/ (L2252 + (2Tow)?, (3.37)

and the width of the uncorrected halo can be written as

W, = 1222 (3.38)

ro

The central intensity of the core component is

¢ 1+494( )20“,;

and the peak intensity of the halo component is

1 —exp(—0%0)
I, = X 3.40
h 1+ (f’(;)2 (3-40)
Therefore, the PSF can be approximately expressed by (Ridgway 1994)
4In2 4[ 2 . ‘
I(a) = I.exp(— WI,IQ ) + I e'(p(— n2 az), (3.41)
Vi

where we have assumed Gaussian shapes for both components, « is the angle from

the image center.

Strehl-Ratio Formula

With these definitions, the Strehl ratio is the value in Eq. 3.41 when a = 0. i.e.

— 2 — 'Y -— 2
exp( UHO) 1 ekP(DUHO). (3.42)
1+4. 94( )2U:zu 1+ (75)2

S=1I0)=1I+1I=
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Encircled Energy Formulas

The encircled energy within 3 angle is the integral of I(a), or

3 1 41n 23?
3) = 21ada = ———————[W2L(1 — exp(—
E(3) /0 I{e)2mado = e (VL1 = eap(=—p)
-9 411’12[32
h

Resolution

The angular resolution from an AO corrected image is slightly complicated
by the corrected seeing halo being superimposed on the AO corrected diffraction-

limited core. However, an expression from a first order approximation has been

derived by Parenti (1992) and is given by
AL,Q

R =1.22(=)(=), 3.43

(513 (3.43)

where S is the Strehl ratio given in Eq. 3.42 and

—202 ~ exp(=0f0))?
Q= | _OR(=2ho) (1= exp(-aio)? (3.44)
1+ 4.94(5)%07, 1+ (5)?

3.4.2. Mt. Wilson NGS AO System Studies and Comparison

As an example, Table 3.1 shows direct comparisons between the theoretical
predictions from the semi-empirical analysis and observation results from the Mt.
Wilson 2.5 m telescope AO system. The atmospheric parameters at 0.35 pgm, an
ro of 0.27 m or 0.43” seeing, and a wind velocity of 29 m s~! or ty = 2.8 ms were
applied in order to match the theoretical predictions with the observation values in

the R band. Subaperture size of 0.156 m, wavefront sensor delay time of 4.5 ms
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and tilt correcting delay time of 4.5 ms were also used in the calculations. The
observed star is SAO 140094 with V = 6.6 mag. The resulting predictions from the
first order theoretical analysis reasonably match with the observation values in the
[ bands. The predicted Strehl ratios in the V and B bands also well agree with the
observation data. But the first order theory predicts less encircled energy when the
Strehl ratio is lower than about 0.2.

Table 3.1 Comparison between theoretical(t) and observational(o) results for the
Mt. Wilson 2.5 m telescope NGS AO system.

Wavelength | SR(t) | SR(0) | 0.1"EE(t) | 0.1"EE(0) | 0.2"EE(t) | 0.2"EE(0)
I(0.9um) | 0.38 | 0.36 24% 22% 5% 2%
R(0.7um) | 0.21 | 0.17 18% 17% 29% 35%
V(0.55um) | 0.09 | 0.09 10% 17% 17% 31%
B(0.44um) | 0.03 | 0.03 1% 8% 11% 22%

Table 3.2 gives the comparison of the spatial resolution between the theoretical
model and observation results. For the [ and R band imaging, the spatial resolution
(FWHM) of the PSFs is close to the diffraction-limited case when the Strehl ratio
is higher than about 0.15. While for the V and B band imaging, the Strehl ratios
for the AO corrected images is less than 0.10, the FWHM is significantly larger

than the diffraction-limited FWHM, and is close to %%

Table 3.2 Comparison between theoretical and observational results on spatial
resolution for the Mt. Wilson 2.5 m telescope NGS AO system.

Wavelength band | SR(ob) | FWHM (arcsec) | A/D (arcsec) %% (arcsec)
[ 0.36 0.073 0.073 0.080
R 0.17 0.068 0.057 0.066
\% 0.09 0.058 0.045 0.067
B 0.03 0.095 0.036 0.113
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3.4.3. Analytical Studies of AO Performance of the MMT NGS and
LGS AO Systems

In the following, the semi-empirical formulae were applied to explore the on-axis
and off-axis performance of the MMT 6.5 m LGS and NGS AO systems. In the
calculations, the laser beacon was assumed to point in the direction of the science
object for high order correction and a H = 18 mag. field star 30” away from the
science object was used for the global tilt correction. The wavelength coverage
for the global tilt sensing is from 1.25 um to 2.3 um. The LGS therefore can
provide image corrections for almost anywhere on the sky (Sandler et al. 1994).
A wavefront sensor with 16x 16 subapertures is assumed for high order wavefront
measurements. The corresponding subaperture size is 0.41 m. We further assumed
that the wavefront sensing and compensating time is 2 ms and global tilt time
delay is 15 ms. The atmospheric parameters at 2.2 pm used in the analysis are
listed in Table 3.3. rg, 6y and dgy are calculated from the atmospheric MK model.
to is calculated based on the assumption of an average wind velocity ¥}, = 15 m
s~!. This table also lists the measured average values of these parameters on Mt.
Hopkins (Llovd-Hart et al. 1997), which are very similar to the values from the
MK model. Therefore, analysis results from the MK model represent average AO
performance at the MMT 6.5 m. The laser is a 3 Watts sodium laser. which is
projected to the mesospheric sodium layer to form a R = 9.5 mag. artificial sodium
star. This power is achievable with the cw dye ring laser we used at the MMT (see
Ge et al. 1997; 1998 and Chapter 2). Table 3.4 shows the calculation results about

the LGS AQ system from the above empirical formulae.
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Table 3.3 Atmospheric parameters at 2.2 um from the MK model. modified HV
model and measurements on Mt. Hopkins.

ro (m) | 6o (arcsec) | to (ms) | do (m)
MK model 1.0 15 21 25
Modified HV® 1.1 22 33 =~ 27
Mt. Hopkins® 0.9 12 36 23.5

“Based on the results from Parenti (1992)
Lloyd-Hart et al. (1997)

Table 3.4 The calculation results for the MMT 6.5 LGS AO system performance
under the typical seeing condition on Mt. Hopkins.

Bands SR | 50% EE | 80% EE | A/D(arcsec) %%(arcsec)
I(0.0um) |0.15| 0.52° | 0.89" 0.029 0.038
J(1.25um) | 0.29 | 0.32" | 0.75" 0.040 0.051
H(1.65um) | 0.40 | 0.12" | 0.59" 0.052 0.068
K(2.2pm) | 0.48 | 0.12" 0.36" 0.070 0.090
L(3.6um) | 0.56 | 0.16" | 0.26" 0.114 0.148
M(4.8um) | 0.58 | 0.20" | 0.32" 0.152 0.199

Figure 3.2 shows the results of LGS AO corrected image angular diameter
versus wavelength in the near IR (1 - 5 um). The photon flux concentration
strongly depends on wavelength. In the J band, uncorrected high-order wavefront
errors (especially focus anisoplanatism caused by using only a single laser beacon)
are significant, the uncorrected “seeing” halo dominates the whole image. and
only about 30-40% photons are concentrated within 0.2” central image area.

In the H and K, the AO corrected diffraction-limited component begin to be
dominant: 50-60% photons are within the same 0.2” angular diameter. As the
wavelength moves to the L and M bands, the AO corrected images are close to the
diffraction-limit. However, the diffraction-limited core size is also getting larger at

these longer wavelengths. Therefore only 40-50% photons are concentrated within
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sharpened image shows that more photons spread out into the wings of the image
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Figure 3.8 PSF profiles of the simulated images (MK model) in the I, J, H, K, L.
M bands corrected by the MMT 6.5 m laser guide star AO, as compared to the
diffraction-limited (DL) images.

profile. The whole profile indeed consists of a sharp Gaussian profile with

the FWHM similar to the diffraction-limited core width and a much broader



121

Gaussian profile (Parenti 1992). The broad seeing-like halo profile is caused by the
residual high spatial frequency aberrations mainly contributed by the LGS focus

anisoplanatism.

The FWHM of the image using the MK seeing model is 0.51” in the J band.
With LGS AO correction, the FWHM is 0.058”, a factor of nine improvement. At
the same time, the Strehl ratio is improved from 0.017 to 0.16. Although the Strehl
ratio is quite low in the optical wavelength, laser guide star AO still significantly
improve the image quality. Figure 3.9 shows the PSF profiles of | and J bands with
and without AO correction. Even in the I band. the peak intensity is improved by

a factor of seven and spatial resolution (FWHM) is still close to diffraction limit.
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Figure 3.9 PSF profiles of the simulated images (MK model) in the I and J bands
with and without LGS AO compensation.

Figure 3.10 shows the fractional encircled energy versus angular diameter from
the simulations. MMT 6.5 m LGS AO system can concentrate about 50% of the
photons within a 0.2"” diameter for wavelengths longer than 1.4 um. Once the

correction goes to shorter wavelengths, the laser cone effect and fitting error become
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significant, and less photons are within the diffraction-limited core. Figure 3.10
further illustrates that the rest of the uncorrected photons (~ 30%) from the MMT
6.5 m single beacon LGS AO system are widely distributed over a large area. This

new result has important implications for the IR spectrograph design.

Table 3.5 The simulation results for the MMT 6.5 m LGS AO system performance

under typical seeing conditions on Mt. Hopkins.

Bands | Strehl Ratio | 50% EE | 80% EE | FWHM(arcsec) | A/ D(arcsec)
I 0.06 0.35" 0.95" 0.054 0.029
J 0.16 0.28" 0.80" 0.058 0.040
H 0.36 0.19"” 0.73" 0.063 0.052
K 0.55 0.13" 0.65" 0.079 0.070
L 0.79 0.15" 0.50" 0.122 0.114
M 0.88 0.18" 0.50" 0.159 0.152
J(no AQ) 0.017 0.45" 0.90” 0.51 0.040
I(no AO) 0.008 0.54 0.029

Table 3.5 summarizes the simulation results in the J, H, K, L and M bands.
Compared to the semi-empirical calculation results shown in the Table 3.4, the
simulations show similar results on the 50% encircled energy in the whole near
[R wavelengths, but gives lower Strehl ratios for the J and H bands, and higher
SRs for the K, L and M bands, and also predicts different aperture sizes for the
80% encircled energy. Table 3.5 further shows that the FWHMs of the LGS AO
corrected images are significantly larger than the corresponding diffraction-limited
FWHM (A/D) when the Strehl ratio is less than about 0.2. Further, the FWHMs

of those high Strehl ratio images compensated by LGS AO are also slightly larger
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correction in the infrared with full sky coverage. During the coming decade some
medium and small telescopes will have adaptive optics systems. They will take
advantage of AO to provide not only correcting power for IR wavelengths, but also

for optical wavelengths for bright point sources.

Here I use Gemini 8 m and SOAR 4 m telescopes as examples to show the probable
system performance with a high order laser guide star AO system installed on both
telescopes. The laser guide star AO system with a 10 W sodium laser was used
for the calculations. The wavefront sensors for the 8 m and 4 m telescopes are
24x24 and 16x16 subaperture systems, respectively. In the calculations, I have
also assumed that the sodium laser spot size (FWHM) is 0.7”. which is achievable
(Chapter 2, Ge et al. 1998). An average sodium column density of N(Na) =
3.7x10° cm~? is also assumed. Therefore, the sodium laser guide return flux
determined by Eq. 2.17 is used in the calculations. Table 3.6 shows the results. I
have also listed performance of the same AO system with only a bright natural
guide star of R = 8 mag. at both telescopes. The results shown in this table is

under the typical atmospheric conditions.

Laser guide star AO will provide significant corrections of wavefront distortions
for the 8 m telescopes in the IR wavelengths and the red wavelengths in the optical
band (0.4-1.0 pm). Because the laser beacon cone effect becomes significant at the
blue wavelengths, it won’t be able to provide much correction at these wavelengths.
However, since the same laser AO system will suffer less cone effect for the SOAR
telescope, because of its smaller aperture size, much better performance at the

short wavelengths is therefore expected at the 4 m telescopes.

Figure 3.11 shows the image quality with the wavelength and sodium laser

power. Increasing the sodium laser power will help improve the image quality.
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Natural guide star AO will provide high quality images in the IR and optical
wavelengths for both telescopes once a sufficiently bright natural guide star
is used. The high quality images in the optical from both telescopes can be
used for ultra-high resolution spectroscopy. The superb image quality in the IR
provides a key capability in the search for giant planets around nearby stars when

coronagraphic imaging is applied.

3.6. Design of AO Optimized Instruments

The results from the computer simulations and theoretical calculations demonstrate
that astronomical adaptive optics with laser or natural guide stars cannot achieve
ideal diffraction-limited images even at the longer IR wavelength region such as L
and M bands. The shapes of the resulting AO corrected image profiles depend on
how well the low-order and high-order wavefront aberrations have been corrected,
which can be easily affected by the instantaneous atmospheric conditions, guide
star magnitudes and nature (LGS or NGS), and also AO correcting parameters.
All these make the design of AO instruments, especially spectrographs, in some

respects more complicated than for the seeing-limited cases.

As shown above, in order to provide full sky coverage of the AO observations,
laser guide star is required. The extra high order aberration from the LGS. focus
anisoplanatism, is the dominant one in the whole IR wavelength range and will
make a large fraction of photons spread out in the broad wing portion of the
resulting corrected PSF. For the MMT 6.5 LGS AO, about 40-60% photons are
within ~ 0.2 " angular diameter, or a 2-3 diffraction-limited core size. Therefore,
the optimal design of the AO spectrographs is to match the entrance slit width

to the 2-3 diffraction-limited core size to provide high throughput. A smaller
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width slit could be applied to obtain high spectral resolution, but the throughput
dramatically decreases as the slit narrows down. On the other hand. slit sizes
slightly larger than 0.2” cannot provide much more throughput due to the wide
distribution of the uncorrected photons. Moreover, a larger slit size will bring in
more sky and thermal background into the spectrograph system and decrease the

detectability and spectral resolution.

The theoretical modeling further shows that the resulting FWHMs for the
LGS AO corrected images is larger than the diffraction-limited image core widths.
especially in the J and I bands, the difference could be a factor of two when Strehl
ratios are less than 0.2. Hence, special attention should be paid to the design of
an AO optimized camera especially when it is used for collecting images with low

Strehl ratios.

Because of low and high order anisoplanatism, the AO corrected field-of-view
is limited to about 1 arc min, and image quality degrades dramatically at the edge
of the field. However, the relatively small AO corrected FOV's could be still very
useful for multiple object IR AO spectroscopy because the largest available size of
the present IR detectors such as the 1kx 1k InSb array naturally matches the AO

corrected FOVs (Fowler et al. 1996).

Though sky coverage by bright natural guide stars with V < 14 mag. is very
small, the image quality corrected by the NGS is much better than that by the
LGS. For this special case, about 40% photons are within 0.1” diameter. Due to
the higher throughput, much narrower slits could be used, and the narrower slits

would improve the spectral resolution by about a factor of two.

Together, the design of the IR AO spectrographs should at least coordinate the

needs of the 0.1”, 0.2” entrance aperture sizes for the LGS and NGS, respectively.
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Further, in about 10% best seeing conditions, when the AO corrected images will
be very close to the diffraction limit, one could use a much narrower slit width
matching the diffraction-limited core size (e.g. 0.06” in the H band for the MMT
6.5 m). Including this option in the spectrograph design could significantly increase

the spectral resolution.

As we mentioned before, another big potential advantage with IR AO
spectroscopy is that much smaller spectrograph entrance aperture size can help
block most sky background which is always associated with the seeing-limited IR
spectroscopy. A factor of 5-10 times fainter limit can be reached with the AO
spectroscopy if sky background is the dominant one. However, there is always dark

1

current associated with the IR detector, the lowest is about ~ 0.1 e s™" (Fowler

et al. 1996). If the sky background gets too much dispersed by the spectrograph
gratings, then the detector noise, especially dark current, will be the dominant
background noise. The extra advantage of smaller slit width to IR spectroscopy
will eventually disappear. Detailed studies of IR background including sky OH
emission lines and airglow emission and thermal emission show that R ~ 2,000 AO
spectroscopy can take full advantage of the narrower slit width (Ge et al. 1998 in

preparation: also see Chapter 6).

A potential concern for IR AO imaging and spectroscopy is the atmospheric
differential dispersion, which has been neglected in the seeing limited IR imaging
and spectroscopy. Figure 3.12 shows the atmospheric differential dispersion for
different zenith angles at different wavelengths above Mt. Hopkins. The dispersed
images from the J and K bands could be separated as much as ~ 0.2 ” if the
observations are made at high airmasses. Therefore, the slit loss caused by this

dispersion effect could be serious if the spectroscopy covered a wide wavelength
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of 0.2”. or 3-4 times the diffraction-limited core size, should be used to maintain
high throughput. Narrower slit widths could be used. but the throughput will be
reduced considerably. Due to the limited atmospheric isoplanatic angle in the J.
H and K bands, the encircled photon percentage within 0.2 arcsec diameter drops
from 40-60% when the object is at the laser pointing direction to 20-40% when the
object is about 30 arcsec away from the laser direction. Therefore. the useful field

of view for AO imaging and multiple object spectroscopy is about 60 arcsec.

Image quality obtained with natural guide star AO is much better than
that with LGS AO because no cone effect is involved. About 40-70% photons
are concentrated within a 0.1 arcsec diameter for guide stars brighter than 13
magnitude. Therefore, higher resolution and high throughput spectroscopy can
be obtained simultaneously with NGS AQ, given a bright enough natural guide
object. The field-of-view for imaging and multiobject spectroscopy using a natural

guide star is similar to that using a laser guide star.

For optical spectroscopy with natural guide star AO, the optimal slit size
is between 2-1 times the corresponding diffraction-limited core size in order to
maintain high throughput of the spectrograph system. For the optical imaging with
NGS AO, a fine plate scale should be chosen to well sample the diffraction-limited
core when the Strehl ratio is higher than 0.2, but when the Strehl ratio is less than

0.2, it is best to use a factor of 2 coarser plate scale to sample the AO images.
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CHAPTER 4

ULTRA-HIGH RESOLUTION
SPECTROSCOPY WITH NATURAL

GUIDE STAR ADAPTIVE OPTICS

4.1. General Properties of Spectrographs

Since about half of the content in this dissertation is on spectrograph design,
construction and testing, it is very important to introduce some background about
the general properties of spectrographs before we go deeply into details about three

spectrographs introduced in the following three chapters.

Figure 4.1 shows a schematic layout of a telescope and spectrograph. The
telescope diameter is D and the focal length is f. The seeing-limited image size is
®. which matches the entrance slit width w, of the spectrograph. The slit height
is h;. The spectrograph collimator has a focal length of f, and collimation beam

size of d. The projected slit width on the image plane is wy = w,(f2/f1) and slit
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height is ho = h (f2/f1), respectively. The angular dispersion of the disperser
(such as grating, prism etc) is d3/d\. which is determined by the properties of the
dispersing element. The angles subtended by the slit on the sky are ¢ = w;/f

and ¢' = h;/f. The slit angles as seen from the collimator are # = w,/f, and

ir:"h'l/fl.-

Telescope

Disperser

Figure 4.1 Schematic drawing of a telescope and spectrograph system.

The spectral resolution element size d is determined by the angular dispersion

of the disperser and slit width ¢, which can be described as

6

oA = dB/dx

where P = d\/dB3/ f» is the reciprocal linear dispersion which is often expressed in

units of A mm™!.

The key to optimally apply telescope light beams to the associated instruments
is tc preserve the beam entendue called A} value, which is determined by
the Lagrange invariant of the telescope optical system. Therefore, to match a

spectrograph to a telescope, f/D = f,/d, is required.
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4.1.1. Spectrograph Parameters

[mportant parameters of a standard spectrograph are spectral purity, spectral

resolution, throughput, efficiency, and anamorphic magnification.

Spectral Purity

Spectral purity is essentially the same concept as the spectral resolution
element size. The only difference is that the spectral resolution element size
sometimes is referred to as the physical size at the detector. The spectral purity is
commonly described as a function of telescope aperture size, collimator beam size,

slit width and angular dispersion, i.e.

Do 1
= — 4.2
oA d dB/d\ (4.2)
Spectral Resolution
Spectral resolution is defined as
A d  dg
R = o D_cb/\d—/\' (4.3)

It is clear from Eq. 4.3 that a higher spectral resolution for a spectrograph system
can be achieved by increasing either the collimator size or angular dispersion of the
disperser or by decreasing either the telescope aperture size or slit width. However.
for a given telescope aperture size and telescope site, the slit width is matched to
the seeing image size in order to maintain high throughput of the spectrograph
system. Therefore, for traditional high resolution spectroscopy, in order to increase
spectral resolution, either the collimator beam size or angular dispersion of the
dispersing element has to be increased. A lot of methods have been used to
increase the spectral resolution. Most popular ways include a mosaic of gratings,

larger blazed angles of the grating and immersion grating. However, increases of
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the grating size, refractive index of grating and blazed angle are very limited. On
the other hand. if we can make the slit size much smaller than the seeing image
size, spectral resolution can be significantly increased. As we discussed in previous
chapters, adaptive optics corrected image size at optical wavelengths is about
ro/D ~ 1/10 the seeing-limited image size for a 2 m telescope. Hence, spectral
resolution with adaptive optics can be potentially improved by a factor of ten times

that of the seeing-limited case.

Throughput

The throughput, as defined by Jacquinot (1954), is the product of the solid
angle of the entrance slit subtended at the collimator, €2, the collimator area, A,

and the spectrograph transmittance 7. It can be described as
T = 1A4AQ, (4.4)
For the spectrograph shown in Figure 4.1, the throughput is
T = r(nd?/4)80' = 7(wD*/4)é¢’. (4.5)

The throughput is proportional to the entendue of the telescope and spectrograph
system. The throughput is an invariant for a given spectrograph system with a
particular entrance aperture. The transmitted flux F' by any optical system is the
product of the throughput and the luminance L at the entrance aperture of the

system (Jacquinot 1954).

Efficiency

This parameter is sometimes confused with the throughput. The real definition
of the efficiency is the transmittance of the whole telescope and spectrograph

system which does not include the entendue of the system. Sometimes we call
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it detection efficiency since the real concern for an instrument is the ratio of the
detected photon number to the incoming photon number. The detection efficiency
is therefore determined by the telescope transmission. slit loss. spectrograph

transmission, dispersing element efficiency, detector quantum efficiency.

Anamorphic Magpnification

Though this parameter is not used as often as other parameters mentioned
above, it is especially useful for a spectrograph system when the dispersed beam
size is not equal to the collimator beam size due to the set up of the spectrograph

or disperser itself. The anamorphic magnification is defined as

COosS &
r =

= s3’ (4.6)

where a is the angle of the collimator beam with respect to the normal direction
of the disperser, 3 is the angle of the dispersed beam with respect to the normal
direction. The real spectral resolution is then proportional to the anamorphic

magnification.

4.1.2. Dispersion Element Properties

The heart of a spectrograph is the dispersing element, which provides dispersion
of the incoming beams. Most dispersing elements fall into four classes: diffraction

grating, prism, holographic grating and Fabry-Perot interferometer.

Diffraction Grating

The diffraction grating is the primary dispersing element in most astronomical
spectrograph systems. It can provide much higher spectral resolution than a prism

of comparable size though its efficiency is usually not as high as a prism.
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Figure 4.2 shows a schematic drawing of a small cross section of a reflecting
grating. The general grating equation is
mA = o(sin § + sin ), (4.7)

where m is the order number, ¢ is the grating constant, and « and 3 are the angles
of incidence and diffraction, respectively. The plus sign applies to a reflecting

grating and the minus sign to a transmission grating.

Figure 4.2 Schematic drawing of a reflecting diffraction grating with blazed angle
fp. The groove separation (also called the grating constant) is . GN denotes the
grating normal. FN is the normal to an individual facet.

Based on this equation, the angular dispersion of a reflecting grating for a
fixed collimator beam is given by

dg m _sina-f—sin,@

g = 4.8
d\ ocosf Acos 3 (4.8)

This equation indicates that for a grating that works at as low an order as 1st or

2nd order, a finely ruled grating, i.e. smaller o value, is required to obtain high
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angular dispersion. On the other hand, if the working order is sufficiently high,
high angular dispersion can be obtained with a coarsely ruled grating. Gratings
specifically designed for use at high order (i.e. about 100th order) and with large
blazed angle are called echelle gratings, or echelles. The angular dispersion of an
echelle is typically about 5-10 times larger than that of a conventionally used first-
or second-order grating (Schroeder 1970). The gratings working between those lst

and 2nd order gratings and echelles are called echellettes.

In most grating spectrographs the angles @ and 3 are not too different. The
difference § between these angles is usually set by mechanical considerations to
let the collimated and dispersed beams be separated from each other for setting
collimator and camera optics. When the two angles are equal. the set up is called

Littrow configuration, which has the simplest angular dispersion form

g _ 2
d\ A

Spectral resolution for a grating spectrograph is given by

d sina+sin g

k= Do Acosi

(4.10)

If the spectrograph is working with perfect diffraction limited images, then o = A/D

for the diffraction-limited core size, the spectral resolution is simply given by

2d
R = Ttanﬁ, (4.11)

for the Littrow configuration. The significant difference between the seeing-limited
and diffraction-limited cases is that the spectral resolution under diffraction limit

is independent of telescope aperture size.

Grating equation Eq. 4.7 also indicates the potential overlapping between

different orders once the wavelength difference AX meets m(A + AX) = (m + 1)\
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The difference A is called free spectral range. These potential order overlappings
sometimes are really annoying when only one order is used for spectroscopy. At this
situation, an order-blocking filter is typically applied to block the unwanted orders.
Sometimes a cross-disperser is used to separate different orders and put them on
different locations along the cross-dispersing direction. This cross-dispersion is
especially useful once an echelle is used because many cross-dispersed orders can
be obtained simultaneously with a two dimensional detector. Therefore a wide

wavelength coverage can be potentially attained.

Grism

A grism is a combination of a grating and a prism. The advantage of using
a grism instead of a reflective grating is that the dispersed beam is in the same
direction as without the grism, therefore. a grism can be inserted into a camera
system to form a spectrograph system without changing any design of the camera.
The required alignment tolerance is much looser than that for the reflective grating
spectrograph. However, grisms provide less resolution and dispersion than their

reflection equivalents.

The most common design of grisms is one with the transmission grating
replicated on the hypotenuse face of a right-angle prism as illustrated in Figure 4.3.
The refractive index of the prism is n. The grating equation for this grism is given

bv

mA = osin(a + 3) — nsinq]. (4.12)

Therefore, for the undeviated center wavelength of the grism

g

Ae =
m!

(n. ~ 1)sinc. (4.13)
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The spectral resolution for the center wavelength is

A (nc—-1)
R_E“ A3

tan o, (4.14)
where A is the dispersion angle for spectral resolution element AX. Once the
prismm wedge angle « is determined. the grating groove spacing is given by

Im|Ac

7= (nc— 1)sina’

Figure 4.3 Schematic drawing of a grism with blazed angle g = «. The prism wedge
angle is «. The groove separation called the grating constant is 0. GN denotes the
grating normal. F'N is the normal to an individual facet.

If the grism is tilted by 6 angle with respect to the vertical setup shown in

Figure 4.3, then the grating equation is given by

mA = ofsin(a + 8 + 0) — sinay/n? — (sind)? — cos asin 6. (4.16)

Therefore, Eq. 4.12 is the special case of this equation when 8 = 0.
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4.1.3. Overview of General Astronomy Echelle Spectrograph Designs

Eq. 4.10 indicates that an echelle is required to obtain high spectral resolution
for a spectrograph system. It also indicates that in the seeing-limited case, the
best resolution of a spectrograph is always coupled to the telescope diameter, the
larger the aperture size, the lower the spectral resolution for the normally available
grating size. This coupling limited the best spectral resolution of traditional

spectrographs to R ~ 50,000 for 4 m class telescopes (Suntzeff 1995).

The first Cassegrain echelle spectrographs were designed for telescopes with
diameters in the 1 - 1.5 m range, hence a collimating beam diameter of ~ 60 mm
was sufficient to reach spectral resolution R ~ 50.000. A focal ratio of about f/10
was sufficient for the optics of the spectrograph camera. Czerny-Turner mount is

usually applied for setting up the spectrograph system (Schroeder 1987).

For 4-m class telescopes, as compared to a 1-m telescope, the collimator beam
size must increase to about 200 mm to maintain similar spectral resolution. With
detectors of fixed size and a larger beam, the same spectral coverage is achieved
only by decreasing the camera focal ratio from about f/10 to f/2.5. Therefore.
cameras of a Schmidt type are required instead of the Czerny-Turner configuration

for small telescopes (e.g. Vogt 1987).

For 8-m class telescopes, in order to maintain high throughput and spectral
resolution, the collimating beam size must increase to about 400 mm. Such large
beam size requires a mosaic of echelles, very large cross-dispersers, and cameras
with very fast focal ratios of about f/1.2 to preserve spectral coverage and match
projected slit width to pixel size. In this case, the camera design is pushed to the
limit of what is possible to build. Therefore, a total cost for a high resolution

spectrograph has been dramatically increased (e.g. Vogt et al. 1994).
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In order to obtain spectral resolution higher than R ~ 50.000 with large
ground based telescopes, special optical devices such as image slicers, pupil slicers,
immersion gratings, grating mosaics, and double pass optics have been used and
resulted in large. expensive and lower efficiency spectrographs at the Nasmyth or
Coudé focuses (e.g. Lambert et al. 1990: Diego et al. 1995: Vogt et al. 1994: Tull
et al. 1994)

Existing spectrographs with resolution more than 500,000 without using
adaptive optics telescopes include the Coudé spectrograph at the McDonald
Observatory 2.7 m telescope and the Ultra-High-Resolution Facility (UHRF) at
the Anglo-Australian Telescope (AAT) (Lambert et al. 1990; Hobbs & Welty 1991:
Diego et al. 1995).

In the McDonald Coudé spectrograph, a narrow slit of 0.21” and double-pass
configuration were used to yield a resolving power R = 5-6x103. However, more
than 90% of the photons were lost from the narrow entrance slit. The total
efficiency which includes sky transmission, telescope transmission. spectrograph
efficiency and CCD quantum efficiency is about 0.045% in the visual band.

estimated from available observation results (Hobbs & Welty 1991).

In the AAT UHRF, the Confocal image slicer is used to slice 35 times an
area of 1.0 x 1.5 arcsec? seeing-dominated image to reach near diffraction-limited
optical performance and to obtain resolution of R = 9.9 x 105. This image slicer
increases by an order of magnitude the throughput of an ordinary narrow slit. The
total efficiency is about 0.32%, estimated from the available data (e.g. Diego et
al. 1995), However. this efficiency is still about one order of magnitude lower than
typical efficiency, about 3%, of the existing echelle spectrographs working at lower

resolution R ~ 30,000 (cf. Suntzeff 1995 and references therein). Furthermore,
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the sliced images have to be mounted in the spatial direction on the CCD so that
only one order spectrum of about 2.5 A wavelength coverage can be recorded each
time for the AAT UHRF, which makes the spectrograph only adequate for studies
of a single spectral line or a close clump of lines. Therefore, existing ultra-high
resolution spectroscopy with seeing-limited telescopes is generally restricted to
bright stars. and to small sections of the spectrum. However, the diffraction-limited

images produced by the adaptive optics telescopes can overcome these limitations.

4.2. Ultra-High Spectral Resolution Spectroscopy

4.2.1. Why do We Need Ultra-High Spectral Resolution

Very high resolution spectroscopy provides a radically improved understanding of
detailed stellar atmospheric physics such as convection, broadening, pulsations and
magnetic fields. It also provides a powerful tool for investigating the small-scale
structure and turbulence of the interstellar medium, physical processes in
circumstellar disks and winds. Furthermore, it provides unprecedented sensitivity
to the abundances of atoms and molecules that help trace galactic evolution. and

to the small Doppler motions caused by planets around nearby stars.

Spectral Resolution R = 200,000

A resolving power of R = 200,000 corresponds to a resolution of 1.5 km s™!

in Doppler velocity, which can fully resolve stellar lines (Lambert. 1997. private
communication). The best applications of this resolution in stellar spectra would

be studies of metal abundance, isotopic ratios and line profiles.

The metal abundance and isotopic ratios from the extremely metal-poor

stars [Fe/H] < —2.5 are of most interest, especially for Big Bang cosmology and
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early Galactic evolution studies. For example. Lithium has 2 stable isotopes.
High-precision searches for the fragile ®Li isotope in the atmospheres of extremely
metal-poor stars are important in clarifying both the primordial abundance of “Li
and the Galactic synthesis of the light elements by cosmic-ray interactions (Hobbs
& Thorburn 1994 and references therein). Since the largest separation between °Li
6707 A and "Li 6707 A is about 6 km s™!, the isotopic ratio could be accurately
measured in the sharpest line metal-poor dwarf stars at this spectral resolution

with very high signal-to-noise ratio.

High resolution stellar spectroscopy would provide a very precise way to
measure line profiles, to quantify the line asymmetries and to define the convective
velocity fields. High resolution helps to distinguish the line shape variations caused
by photospheric turbulence and/or pulsation etc. from the line shifts caused
by the nearby planets (Gray 1997, Nature). Therefore, a potential application
with ultra-high resolution spectroscopy is to search for sub-Jupiter mass planets
around nearby stars. The velocity perturbation to the primary star caused by

these planets. ~ 1 m s™!

. Is similar to that caused by the stellar activity. Spectral
resolutions of R ~ 50,000, used for present planet searches (e.g. Mayor et al. 1995:
Marcy et al. 1995; Noyes et al. 1997), cannot distinguish them. Only higher

resolution can provide the answer.

High resolution spectroscopy is essential to study the origin of heavy elements
in the extremely metal-poor stars, which is still controversial. They could be
synthesized through either rapid neutron capture process (the r-process) or slow
neutron capture process (s-process). Very high resolution absorption line spectra

from Barium and its isotopes will help settle the controversy.

Barium has 7 stable isotopes. The even isotopes (130,132,134,136,138) have
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no hyperfine structure (hfs) are mainly products of the s-process. The odd
isotopes (135.137) have hyperfine structure and primarily r-process products. If
the s-process dominates the line will be narrow. If the r-process contributes the
line will be broader as the hfs of the odd isotopes amounts to a splitting equivalent
to 3.5 km s~!. Other broadening mechanisms total about 3 km s™! so that the
difference between a pure r and a pure s isotopic mixture is measurable at high

spectral resolution with high S/N ~ 500 (Magain 1994).

High spectral resolution spectroscopy could significantly improve the
abundance measurement accuracy, which is mainly limited in the lower resolution
spectroscopy by (1) continuum placement in the stellar spectra. especially those
crowded line regions, (2) uncertainties in the influence of blending by other
transitions. (3) lack of sensitivity to vervy weak metal lines (e.g. < 1 mA).

For example, rubidium (Z = 37) is produced almost entirely by the s-process.
Detecting of this element or a meaningful upper limit provided by our much higher
sensitivity spectrograph would probably clear up the uncertainty about the possible
contributions to the abundances in the metal poor stars. Lead (Z = 82) is the
heaviest element made in substantial quantity by the s-process, and also the chief
decay product of thorium and uranium. This element may also be synthesized
directly in the r-process. The complex set of possibilities to manufacture Pb. not
detected before, give it special interest in the abundance study of metal poor stars.
[O I] forbidden line is of special interest to derive the oxygen abundance in these
stars. Previous observations only provide upper limits because of its blending
with nearby telluric O forest lines and Sc II line, high resolution would certainly
help deblend these lines to give direct measurement of oxygen abundance. The
abundance ratio of oxygen to carbon [O/C] is the indicator of the mass range

for the supernovae progenitor that synthesized the elements observed in the halo
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stars which show r-process abundance pattern. Osmium is formed almost entirely
by the r-process. Likewise, the element thorium is formed only in the r-process.

Accurate measurements of the abundance of these two elements might provide the
very important confirmation that the entire r-process was in operation early in the

history of the Galaxy in the progenitors of these halo stars.

Spectral Resolution R = 500,000

R = 500,000 corresponds to 0.6 km s~ resolving power. which is in the range
to resolve most absorption lines from cold interstellar medium (ISM) (e.g. Welty

et al. 1994, Barlow et al. 1993).

Exploratory work on interstellar absorption lines at R = 600,000 (Lambert
et al. 1990) has already revealed small-scale velocity structure and stratification
that have important consequences for our understanding of interstellar chemistry
and the turbulence of the interstellar medium. For example, the abundance and
ubiquity of the highly reactive interstellar ion, CH*, have defied full explanation
for more than 50 vears. A promising explanation was that the ion forms rapidly by
a high-temperature process in shock-heated gas; however, the most recent surveys
(Gredel et al. 1993) and ultra-high-resolution observations (Lambert et al, 1990;
Crawford et al. 1994; 1994b) clearly show that the predicted velocity shifts between
CHT and chemically related neutral molecules are absent. Now that the profiles of
interstellar CH, CH*, and CN have been fully resolved toward one of the brightest
background stars (Crawford et al. 1994b), there is an entirely new set of challenges
for theory. Such data provide direct information on the turbulent component of

gas motions and on the number of distinct structures along a line of sight.

High resolution line profiles are essential for the accurate determination of

abundances of atoms and molecules and for the measurement of isotope abundance
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ratios in the cold ISM. These abundances trace both the chemical processing that
occurs in the ISM and the past history of nucleosynthesis, mass-loss, mixing, and
star-formation in the Galaxy. For example, even weak lines of interstellar CN
(equivalent widths of 5 -10 mA) are often found to suffer significant saturation
effects because the Doppler line broadening parameters are as small as b = 0.5 -
0.7 km s™! (e.g. Black & van Dishoeck 1991). Although isotope shifts in molecular
spectra are relatively large, very high resolution is still needed to extract reliable
abundances for species like 2C¥N and *C"N, when the degrees of saturation are
quite different in the lines of the two species and when isotopic features are difficult

to distinguish from velocity structure.

High-resolution spectroscopy in the visible and far-red can also aid in the
study of circumstellar envelopes for red giant and post-AGB stars. For example,
the well-studied carbon star R Scl has a substantial circumstellar envelope that
can be observed through emission lines at radio frequencies, yet the dust opacity
of the envelope is small enough that optical spectroscopy can be used to study
both the photosphere and circumstellar material. The ultra-high-resolution would
help to identify weak, shifted circumstellar components in the wings of the
dominant photospheric absorptions, which provides a direct way to investigate the

photosphere and the properties of the expanding envelope simultaneously.

The observations by Crawford et al. (1994) of the circumstellar disk of 3
Pictoris demonstrate the power of high-resolution spectroscopy in the study of disks
that might be related to the formation of planetary systems. Their data clearly
show large temporal variations in the Ca II K line profile over periods of days and
months. Such variations are in harmony with the hypothesis that the ionized gas

in this disk arises from the evaporation of infalling solid bodies (Lagrange-Henri et
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al. 1988). In the far-red part of the spectrum, it becomes possible to investigate
the thicker disks of yvoung stellar objects, e.g. FU Ori, Z CMa. With higher
resolution and greater sensitivity to weak absorption features, the diagnostic power
of the C; molecule could be exploited: its rotational excitation is controlled by
the competition between collisions in the gas and radiative pumping (cf. Gredel et
al. 1989). This means that the observable rotational population distribution can
be related to the conditions of temperature, density and distance from the central

star.

4.2.2. Why do We Need AO to Obtain Ultra-High Resolution?

In the adaptive optics (AO) near diffraction-limited case, because the AO corrected
image size (i.e. diffraction-limited core size) decreases proportionally with telescope
aperture size, the coupling of spectrograph size with telescope aperture is removed.

Very high resolution spectrographs can be made from normal size gratings.

The advantage of using an adaptive optics telescope for near diffraction-limited
spectroscopy is that high resolution can be achieved without a large loss of light at
the entrance slit of the spectrograph because at visible wavelength. the diffraction
limit of the telescope (1-4 m) provides a star image typically ro/D ~ 1/10 of the
seeing-dominated image. The very small size of diffraction-limited images makes
the design of an ultra-high resolution spectrograph simple without need of extra
optics such as image slicers, pupil slicers, double-pass mirrors, grating mosaics.
High resolution spectrographs can therefore gain substantially in throughput over
traditional spectrographs. In addition, the smaller image widths inherent with the
adaptive optics system allow the cross-dispersed orders to be spaced closer together
on the two dimensional photon detectors such as CCDs, allowing more orders to

be observed simultaneously. So the total wavelength coverage will be more than 2
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orders of magnitude larger than that of conventional spectrographs.

4.3. The Design of a Prototype Ultra-high Resolution

Cross-dispersed Optical Echelle Spectrograph

4.3.1. General Considerations

The adaptive optics system at the SOR 1.5 m can provide diffraction-limited
images from 0.45 to 1.0 um and also IR wavelength region. Therefore, our essential
goal was to design a cross-dispersed echelle spectrograph to take full advantage of
the sharpened images in the 0.45 - 1.0 um range, which can provide a resolving
power of R = 500.000. and squeeze as many echelle orders as possible onto available

CCDs.

When a spectrograph is operated with a diffraction-limited telescope, its
spectral resolving power depends only on grating size and blaze angle. and is given
by Eq. 4.11 for a Littrow arrangement. Thus, a commercially available 242x116
mm? Milton Roy R2 echelle was chosen to provide the main spectral dispersion.
This echelle has 23.2 grooves mm~! and a blaze angle of 63.5°. Therefore, it
provides a theoretical resolving power of R = 433,000/ A(um), or 500,000 at I band,
600,000 at R band and 800,000 at V band. At the same time. it also provides a
large number of relatively short echelle orders in interesting wavelength regions.
For example, the spectrum from 1.0 um to 0.47 um is covered by 87 high echelle

orders, from 77th order to 163rd order.

Cross dispersion of these echelle orders can be made by a grating or prism.
In order to have near uniform order-to-order separations, and high efficiency for

the wide AO-corrected wavelength region, and also make the spectrograph system
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more compact, we used an 8° apex angle BK7 prism in double pass configuration

as the cross-disperser.

A Loral 2048 x 2048 back-illuminated Anti-Reflection (AR) coated CCD with
15 pm square pixels was proposed for use in the initial configuration at the SOR
1.5 m telescope (cf. Lesser 1994). 3 pixels or physical size of 45 um was proposed
to sample the diffraction-limited resolution element at 0.8 um so that a 6 m camera
effective focal length (F¢) is required, which was derived from its relation with
the grating resolution and dispersive power of Ad3/d\ = 2 tan fg = 4.01 and

resolution element size (Azx)

A
/\dﬁ Fe

== o s

(4.17)

The resulting focal ratio of the spectrograph is 6/(0.242 sin 26.5°) = f/55. Because
the telescope/adaptive optics provides a f/107 beam to our spectrograph, relay
lenses are needed to match the camera f ratio. In addition, the diffraction-limited
image size is proportional to the wavelength, thus, the slit width should be made

adjustable to match the diffraction-limited image sizes at different wavelengths .

The predicted spectral format for the spectrograph is shown in Figure 4.4.
The central box is the Loral CCD’s physical size (30 x 30 mm?), which can cover
about 90 echelle orders. corresponding to a wavelength range from ~ 0.45 to 1 pum.
with a width of ~ 8 A per order. Order separations between neighbor orders are
expected to be larger than 240 pm (or 16 pixels) for all the echelle orders. The
77th echelle order has the longest free spectral range of 320 mm at 1 pm. which
needs 11 continuous settings of the 2kx2k CCD to cover the whole order. The
170th echelle order has the shortest free spectral range of 140 mm at 0.45 um. The

physical extent of free spectral range of the grating order m on the image plane has
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Table 4.1 Order, wavelength coverage and resolution of the echelle spectrograph.

Free
Central Resolution Order Spectral

Wavelength  Element Separation  Range

Order (nm) (pm)® Resolution® (um)© (cm)
163 471.6 32 755890 403.4 14.77
162 474.5 32 751250 394.4 14.86
161 477.5 32 746610 392.9 14.95
160 480.5 32 741980 391.8 15.04
159 483.5 33 737340 392.5 15.14
158 486.5 33 732700 385.4 15.23
157 489.6 33 728070 385.0 15.33
156 492.8 33 723430 382.0 15.43
155 495.9 33 718790 381.3 15.533
154 499.2 34 714160 378.3 15.63
153 502.4 34 709510 373.7 15.73
152 505.7 34 704880 371.5 15.83
151 509.1 34 700250 383.9 15.94
150 512.5 35 695600 353.8 16.05
149 515.9 35 690970 367.0 16.15
148 519.4 35 686340 363.6 16.26
147 522.9 35 681700 362.5 16.37
146 526.5 36 677060 358.3 16.49
145 530.1 36 672420 362.8 16.60
144 533.8 36 667780 350.8 16.71
143 537.6 36 663150 350.8 16.83
142 541.3 37 658500 350.8 16.95
141 545.2 37 653870 351.6 17.07
140 549.1 37 649230 345.2 17.19
139 553.0 37 644600 345.9 17.32

¢ Based on the formula AA = 1.22f\/d, where f = 6 m, d = 108 mm.
b Based on the formula R = 2d tan 3/(1.22)\), where 8 = 63.5°.
¢ Measured from the data of the SOR engineering run in June 1995.



Order

138
137
136
135
134
133
132
131
130
129
128
127
126
125
124
123
122
121
120
119
118
117
116
115
114
113
112
111
110
109
108
107
106
105
104
103

Central
Wavelength
(nm)

557.0
961.1
565.2
569.4
973.7
378.0
582.4
386.8
591.3
395.9
600.6
605.3
610.1
615.0
619.9
625.0
630.1
635.3
640.6
646.0
651.5
657.0
662.7
668.4
674.3
680.3
686.4
692.5
698.8
705.2
711.8
718.4
725.2
732.1
739.1
746.3

Resolution
Element

(pm)*

38
38
38
38
39
39
39
40
40
40
41
41
41
42
42
42
43
43
43
44
44
44
45
45
45
46
46
47
47
48
48
49
49
49
30
30

Resolution®

639950
635330
630680
626040
621410
616779
612130
607490
602860
598220
593580
388940
584310
579670
375030
5370390
565760
561120
356490
351850
547210
542580
537930
333290
528660
524020
519390
514750
510110
205470
500840
496200
491560
486930
482280
477650

Order

Separation
(pm)©

343.3
340.7
339.2
336.1
334.3
332.4
335.0
326.7
326.7
324.5
322.6
321.9
320.0
318.1
315.8
313.6
313.2
315.5
315.1
303.4
306.8
306.1
304.2
303.1
301.2
299.7
300.0
298.5
295.0
295.0
293.3
294.4
292.2
286.5
292.2
290.6

Free
Spectral
Range
(cm)

17.44
17.57
17.70
17.83
17.96
18.10
18.23
18.37
18.51
18.66
18.80
18.95
19.10
19.26
19.41
19.57
19.73
19.89
20.06
20.23
20.40
20.57
20.75
20.93
21.11
21.30
21.49
21.68
21.88
22.08
22.29
22.49
22.71
22.92
23.14
23.37

152
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Free
Central Resolution Order Spectral

Wavelength  Element Separation Range

Order (nm) (um)@ Resolution® (pm)© (cm)
102 753.6 51 473010 288.0 23.60
101 761.1 51 468370 289.1 23.83
100 768.7 52 463740 288.0 24.07
99 776.5 52 459100 286.5 24.31
98 784.4 53 454460 287.3 24.56
97 792.5 54 449830 286.9 24.81
96 800.7 54 445190 287.3 25.07
95 809.2 39 440550 288.4 25.34
94 817.8 33 435910 288.4 25.60
93 826.6 36 431270 288.4 25.88
92 835.6 56 426640 290.6 26.16
91 844.7 a7 422000 289.5 26.45
90 854.1 38 417360 289.9 26.74
89 863.7 58 412730 288.4 27.04
88 873.5 59 408090 295.2 27.35
87 883.6 60 403450 292.5 27.67
86 893.9 60 398810 295.9 27.99
85 904.4 61 394180 298.2 28.32
84 915.1 62 389540 296.3 28.65
83 926.2 63 384900 292.6 29.00
82 937.5 64 380260 292.6 29.35
31 949.0 64 375630 297.8 290.71
80 960.9 65 370990 317.0 30.09
79 993.1 66 366350 320.2 30.47
78 985.5 67 361710 320.2 30.86
7 998.3 67 357080 305.6 31.26

76 1011.5 68 352430 305.6 31.67
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4.3.2. Spectrograph Optical Layout

In from
Adap}"rve
Optics Cross Dispersing Eschelle
/ cCD As Built
«

\ Off-axis
Parabola

Grating

x
) 4

3 meters

Figure 4.5 Optical layout of the cross-dispersed echelle spectrograph at the SOR 1.5
m telescope. The initial spectrograph optics was designed by Jake .Jacobsen and
was later modified by the author.

The main part of the spectrograph layout at the Coudé room of the SOR 1.5 m
telescope is shown in Figure 4.5. A 254 mm diameter folding flat was used to reduce
the overall length of the spectrograph to enclose it into the covered Coudé optics
bench. A 254 mm diameter off-axis paraboloid with a focal length of 6 m was used
as the collimator mirror for the echelle and the camera mirror for the detector.
The paraboloid center is 157 mm away from the axis to leave enough room for the
entrance slit assembly and the grating-prism box. The 242 x 116 mm? R2 echelle
grating is illuminated in the quasi-Littrow mode in which an out-of-plane tilt of

v == 0.25° was introduced so that a ~ 45° folding mirror of 102 x 102 mm? was



Figure 4.6 Echelle, double pass prism box and supporting system. The prism is
placed near the entrance window. The echelle is supported by a pivot near the
middle and a micrometer on the top. The incidence and diffraction angles can be
changed by moving the micrometer. A spring is connected to the back of the grating
for partial support of the grating.

easily placed in the output beam to place the object spectra onto the CCD. This
out-of-plane tilt makes the central wavelength of different echelle orders shift
slightly (~ 0.1A), and it also causes spectrum lines to be curved (Schroeder 1987).
The slope of the curved spectrum lines d3/dy =2 tan fg tan v ~ 4y ~ 1°, and
the radius of curvature of the spectrum is p = f/(2 tan 6g) ~ 1.5 m. These effects

are so tiny that they can be easily handled in the data reduction.
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The echelle grating is enclosed in a box for protection and cleanliness, the
entrance window being the cross dispersion double pass prism. The physical size of
the prism is 160 x 160 mm?, with 5 mm thickness at the top and 27 mm thickness
at the bottom. The design of the echelle and prism box is shown in Figure 4.6. The
echelle grating is supported by three points. The lower two points are supported
through a pivot, while the top supporting point is connected to a micrometer which
can be precisely dialed to allow scanning along the echelle orders by changing the
incidence and diffraction beam angles. A spring is connected to the back of the
grating to provide partial support. The weight of the echelle grating is about 1 kg
which causes the maximum bending of about 1 nm in its shape (Roark & Young
1975), corresponding to 0.02 um image shift on the CCD which is tiny compared
to the pixel size of 15 um. The micrometer can move the incidence and diffraction

beam off the blazed angle by ~ £ 1° to allow complete free spectral range sampled.

Figure 4.7 shows spot diagrams on the image plane within 60x60 mm? for this
spectrograph at different wavelengths. The RMS spot size from the spectrograph
optics are much smaller than the expected resolution element size of 50 um on
the detector. Therefore the spectrograph resolution is mainly controlled by the

diffraction-limited images size at different wavelengths.

At the SOR 1.5 m telescope, two different wavelength bands are available
with AO correction: “Blue” leg and “Red” legs. The “Blue” leg covers from 0.45
- 0.7 um and the “Red” leg covers from 0.7 - 1.0 um. Once photons from one
band are used for scientific observations, photons from the other band are used for
wavefront sensing and correction. The telescope/AQO system transmission at the
corrected AO focus for both beams is ~ 20%. The focal ratios for both beams are

f/107. Conversion of the f/107 input beam to the spectrograph f/55 beam was
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accomplished by using two 2.5 cm diameter mirrors and two AR coating achromats

with both diameter of 5 cm and focal lengths of 200 mm and 400 mm, respectively.
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Figure 4.7 Spot diagrams within 60x60 mm? on the image plane for the optical

design of the spectrograph, including relay optics before the entrance slit.

The

vertical in each of diagrams represents 50 um. The RMS image size diameters are
about 10 um in the wavelength range from 0.4 ym to 1 pm.

The spectrograph has 11 reflecting and 10 transmissive surfaces (including the

relay optics before the slit). This leads to large photon loss. The AR coating has

been applied to all transmissive optics in the spectrograph. The reflection loss is
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therefore reduced from more than 4% for the broad wavelength range from ~ 0.5 to
1.0 um to less than 2% per surface. All reflecting surfaces are coated with protected

silver coating to improve the total reflectivity to about 98% per reflecting surface.

In order to obtain good throughput for the echelle spectrograph working with
the adaptive optics telescope, object acquisition and guide system becomes very
crucial because both the diffraction-limited images and entrance slit are relatively
small. any small relative motion between them will cause large photon loss. A
temporary reimaging optical system was built to view the reflective slit jaws by an

Electrim 972 x 1134 frame-grabbing CCD camera with 7.8 x 7.8 um? pixels.

In addition, this echelle spectrograph was built to study phenomena with
intrinsically narrow and/or weak spectral lines and other phenomena which need
precise position, hence, wavelength and flat-field calibrations must be accurate,
stable and repeatable. A Thorium-Argon hallow cathode lamp was supplied for
wavelength calibration since Thorium can provide many narrow emission lines in
the entire working wavelength range (0.5 - 1.0 um) (e.g. Palmer & Engleman 1983).
A Tungsten halogen incandescent lamp was provided for the flat-field calibration.
which provides a uniform source of flat-field illumination for the same working
wavelength range. A fiber-optics system was carefully built to feed light from the
calibration lamps to the spectrograph in the exact way as the input telescope beam

for accurate calibrations.

4.4. Optical performance at the SOR 1.5 m telescope

The spectrograph was first tested at the SOR 1.5 m telescope in June 1995 (Woolf
et al 1995). This telescope did not provide an optimal configuration for setting up

the spectrograph, for example, the spectrograph had to be folded due to the limited
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to a general background dark current. Together, total noise from CCD
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Figure 4.9 Top: Tracing across the orders in the Blue spectrum of Vega. Left side
corresponds to short wavelength. The missed orders in the middle regions are caused
by a dichroic in the adaptive optics (Fugate 1995, Private communication). The
quick fall off of the intensity in the short wavelength range is probably caused by the
atmospheric differential dispersion which let part of photons from short wavelengths
fall out of the slit. Bottom: Tracing across the orders in the Red spectrum of Vega.
Left is short wavelength side. The reduced sensitivity of CCD at long wavelengths
is probably responsible for the long wavelength limit. The short wavelength limit is
set by beamsplitters in the adaptive optics.

itself is typically about 60 e~ for a 10 minute exposure image which limited our

observations.
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Figure 4.8 show typical spectra obtained from the Blue and Red legs with the
Kodak CCD. Blue leg covers about 60 orders from 0.47 to 0.7 um and Red leg

covers about 30 orders from 0.7 to 1.0 um.

Figure 4.9 show different orders in the spatial direction from Blue and Red
legs. Cross-dispersed echelle orders are clearly separated in the Blue leg spectrum,
while echelle orders are slightly overlapped in the Red leg spectrum. These order
overlappings are mainly caused by the relatively large diffraction-limited image size
at longer wavelengths and scattering light from the uncorrected seeing halo. The
measured order separations between neighbor echelle orders are about 300 pm in

the R and I bands and about 360 um in the V band.

During this observation run, it was difficult to handle the entrance slit due
to the large atmospheric differential dispersion of the stellar images compared
to the small entrance slit width of the spectrograph. For example, compared to
the reference wavelength of 1 pm, the atmospheric differential dispersion at 45°
elevation at SOR was ~ 0.1” in the I band and ~ 0.3" in the R band and ~ 0.6" in
the V band during the run, when the atmospheric pressure was about 610 mm Hg
and the ground temperature was about 20° C and the water vapor pressure was

about 8 mm Hg (cf. Filippenko 1982).

The atmospheric dispersion direction at the SOR 1.5 m happened to be
perpendicular to the entrance slit height direction. The relative atmospheric
differential dispersion was about 0.2-0.3" for both the Blue and Red legs. Therefore.
it was impossible to apply a slit with a 0.1” width for either of two AO bands
without correction of atmospheric dispersion. However, a 0.1” width slit is
necessary to provide a resolving power of more than 500,000. A dove prism device

was explored to rotate the dispersed images and to align the dispersed images
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along the slit height direction. However, this operation made the precise alignment
of the instrument difficult. Therefore, we compromised to open the slit to ~ 0.3".
corresponding to 100 um physical size, instead of using the dove prism device

during this run.
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Figure 4.10 The spectral profile of the He-Ne laser at 6328.160 A, where 4 adjacent
laser modes separated by 0.0618 A are clearly resolved. The FWHM resolution is
3.9 pixels or 36 pm corresponding to a resolving power of 660,000.

Figure 4.10 is a reduced spectrum of He-Ne laser with longitudinal mode
spacing of 1.09 GHz taken in 1 second during this run, and 4 separate modes
are clearly resolved indicating a resolving power of about 660,000 at 0.6328 pm,
which is very close to the predicted resolution of 680,000. However, the stellar
observations of Vega (V = 0.0), a Bootis (V = 0.0) and a Cygni (V = 1.3) in long
integrations (e.g. 10 minutes) give a much lower resolution of about 250,000 due

to the use of the slit with width of about 100 um (Figure 4.11). In other words, if
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the input beam is perfectly diffraction-limited like the He-Ne laser beam, large slit
width can still provide the theoretical resolution, while if the input beam is not

perfectly diffraction-limited like the star light from the telescope/AQ system, large
slit width provides lower resolution because of the existence of the uncorrected halo

components after AO correction (e.g. Beckers, 1993).
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Figure 4.11 Part of the telluric O, absorption lines in the Vega spectrum obtained
with the SOR echelle spectrograph. It is compared to the Kurucz et al. (1984)
solar spectrum which was smoothed to resolution of 260,000 via convolution with
Gaussian function. Two sets of telluric lines show similar line profiles, indicating
Vega spectral resolution of about 250,000.

Figure 4.12 shows an example of the reduced Vega spectra from the AO
Red leg, obtained in 10 minute exposure. The two-dimensional CCD images

were reduced to one-dimensional spectra using standard IRAF routines. Many
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telluric absorption lines are well resolved and shown in the spectra. Each of the
30 cross-dispersed orders covers about 6 A with the Kodak CCD in one exposure.
Therefore the total wavelength coverage in the reduced Red leg spectra is about

200 A, even though the CCD (18 x 18 mm?) is relatively small.

[of 7 ~ 9848 n.
Order 80 99
184
— <! 7
= 2
L Qrdar = 1
\_-_’ }Q CfﬂMﬂm"-mCm
Qrder 8929
; Orger 87 8919 - 0828 nm

Order 88 87180 - 8728 am
Qrier po pg Y - 8A2p pm 7
Qrder 9Q 0325 - 8512 om

Crder-01-843-3—843 J-arwr ]

O ®28MQ-Ru8am

Qrd,

Order 85 A28 o 8083 om

QOrder 98 7803 - 7929 om

Octar 77010 ~ 2018 ~—

Dcdes 082820 ~2818

Crder-90,-3350 -
MIWF———
: :: zlﬂl.ﬁ'. -z::

Order ]ﬂ_iﬁ-‘._llu.ﬂm———-—-—
Qrder 104, .7 - 7383 nm

Order 105, 751-7 - 7313 am

Order, -

rder 107, 717} - 117

order 108, 7105 - 711.0 am o
N N B B
500 1000 1500 2000

Vega spectra from 710 nm to 1010 nm

Figure 4.12 The reduced Vega spectra in 10 minute exposures from the Red leg.
The Red leg covers from 710 nm to 1010 nm.

Figure 4.13 shows an example of the reduced Vega spectra from the AO Blue
leg, obtained in 10 minute exposure. Each of the Blue leg orders covers about 5 A

with the Kodak CCD. About 60 cross-dispersed orders are covered by the CCD.



165

The total wavelength coverage in each exposure is about 300 A. Apparently, the
wavelength coverage with the adaptive optics high resolution spectrograph has
already been increased by a factor of 100 compared to that with the traditional

ultra-high resolution spectrographs (Hobbs & Welty 1991: Diego et al. 1995).
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Figure 4.13 The reduced Vega spectra in 20 minute exposures from the Blue leg.
The Blue leg covers from 460 nm to 690 nm.

In the end of November, 1995, we carried out our second observation run at
the SOR 1.5 m to further test our instrument and tried some first light scientific

observations with this instrument (Ge, et al. 1996 a,b). During this run, a new
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prepared AR coated back-illuminated Loral CCD with about 90% QE by Steward
CCD lab still did not function properly. The fixed pattern noise was about 100 e~.
We had to use the SOR themo-electrically cooled Kodak CCD again to fight against
large readout noise and a high level of dark current, which, combined with low QE
of the CCD, made observations about 10 times slower than expected. Because no
optical device was built to correct the atmospheric differential dispersion for this

run, the slit width was still dialed to around 100 um during the run. Nevertheless,
we obtained some further useful data from this run, especially scientific results on

interstellar clouds toward nearby stars a Cygni and ¢ Per.

We measured the total system efficiency during the run. The total efficiency
of the spectrograph has been increased by a factor of ~ 3 compared to that in our
first run after all transmissive optics surfaces have been AR coated and all mirror
surfaces have been coated with protected silver. For example, the peak efficiency
for most orders has been increased to about 0.8% instead of 0.3% in the June 1995

run.

Figure 1.14 shows the total efficiency measured at different echelle orders
around peaks of their blaze functions. The overall contour of the total efficiency
vs. wavelength is similar to that of the SOR telescope/AO transmission*QE curve
except the edges of both wavelength bands. The difference was probably caused
by the atmospheric differential dispersion of star images which mostly affected the
extreme wavelengths of the Blue and Red AO bands. We have also measured the

blaze function of each order which shows similar shape for different echelle orders.
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Figure 4.15 An example measured blaze function of the echelle at order 121 (A, =
6353 A). The peak grating efficiency is about 60%. The efficiency for the edge of
the free spectral range is about 35%.

We have also tested the stability of the spectrograph, which is important in the
studies of small line shifts in the stellar spectra caused by convection or companion
stars or planets, or stellar activities such as astroseismology (e.g. Trimble 1995).
We tested this property by performing the cross-correlation analysis between
reduced one-dimensional telluric spectra from two sequential observation frames
with the exact same settings and physical conditions. Despite a 6 m long focal
length camera, the shift between neighboring frames is small. The relative shift is
about 0.17 pixel, corresponding to about 37 m s~!, demonstrating high stability of
the spectrograph. Figure 4.16 is an example cross-correlation obtained from two

sequential frames of ¢ Per observations over half hour.
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Figure 4.16 An example cross-correlation of two sequential observation frames
of ¢ Per with same settings and physical conditions to test the stability of the
spectrograph. The two reduced one-dimensional spectra are shown in this figure.
The strong telluric line spectra at 7645 A are used for the cross-correlation. The
relative shift is 0.17 pixel corresponding to velocity of about 37 m s™!.

For an astronomical measurement, scattered light could limit the resulting
accuracy. A direct measure of the scattered light in the echelle spectrograph was
obtained from the { Per spectrum in the region of the telluric O, A-band. We
compare the A-band absorption lines in the ¢ Per spectrum to that of the solar-flux
Atlas by Kurucz et al. (1984). The solar spectrum was smoothed approximately to

our resolution via the boxcar technique of IRAF.

Figure 4.17 shows the fit of the smoothed solar telluric A-band spectrum
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to the ¢ Per spectrum. The heavily saturated parts from both spectra are

indistinguishable, demonstrating that the scattered light was tiny and negligible.
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Figure 4.17 Part of the telluric O, A-band absorption lines from ¢ Per spectrum
compared to the Kurucz et al. (1984) solar atlas spectrum. Uncertainties from the
spectral normalization are probably responsible for the difference between these two
spectra. The deepest parts of the line profiles are virtually indistinguishable between
these spectra, indicating that scattered light was not a problem for the SOR echelle
spectrograph.

4.5. First Light Scientific Results from the Ultra-high

Resolution Spectroscopy

During this run, we have successfully detected some atomic absorption lines from
the diffuse clouds toward bright stars such as ¢ Perseus (V = 2.8) and « Cygni (V
= 1.3). Figure 4.18 show the observed line profiles of interstellar K I A 7698.974
A absorption toward these stars. Most velocity components from the interstellar
clouds toward o Cyg have been well separated. 5 velocity components are clearly

shown at —22.5 km s}, —13.7km s™!, 89 km s~!, —3.8 km s7! and 0.5 km s~!.
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and 17.3 km s™!, identified by Welty et al. (1994) through profile fitting of the

sodium D, absorption lines. The K I profile quite matches the Na I profile.

These observations demonstrate a potential benefit from the K I absorption
line observations. Previous lower resolution observations shows that interstellar K I
absorption lines are about 60 times weaker than the Na [ absorption lines from the
same velocity component (Hobbs 1976), K I absorption lines are therefore much less
saturated. Hence, high signal-to-noise ratio and high resolution K I absorption line
spectra could provide better determination of velocity structure, column density of
the ISM clouds than Na I absorption spectra, especially for those saturated and

blended Na I lines.

Figure 4.19 shows the relationship between Na [ and K [ abundance in the
Milky Way diffuse clouds. The higher abundance values are from the previous
measurements of the high resolution PEPSIOS spectrometer with ~ 1 km s~!
resolution (Hobbs 1976). The lower abundance values of Na I are from Welty et
al. (1994). The lower abundance values of K I are based on our measurements in
the November run, 1995. Apparently, all data points match the relationship N(Na
[)/N(K I) = 60. However, the measurements of the lower column density indicate
much larger scatter than that shown at the higher column density. This new result
has not been discovered before. It can not be explained by normal photonization
model, which can predict the correlation between N(Na I) and N(K I) (Hobbs 1976
and references therein). A more natural explanation is that the scatter could be
caused by the inhomogeneous distribution of Na I and K I in the small diffuse
clouds. Once these small clouds are merged together to form larger diffuse clouds,

the abundance inhomogeneity is averaged out to show less scatter in the larger

diffuse clouds. However, the new results are based on the diffuse clouds toward «
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4.6.1. Natural Guide Star AO Performance at the SOR 1.5 m

As we discussed in Chapter 3, it is much more complicated to match AO images
with a spectrograph than at the seeing-limited case. The complication is directly
caused by the different AO performance from different AO systems. It is important
to check the AO performance at the SOR 1.5 m before we draw any conclusions

from our experiment results.

The natural guide star AO system at the SOR 1.5 m telescope has a closed
loop bandwidth of 130 Hz. The wavefront sensor is Shack-Hartmann’s configuration
(Fugate et al. 1994). The update frequencies for the deformable mirror and the
tilt mirror are 1.7 kHz and 2 kHz, respectively. There are 208 subapertures in the
pupil with 16 across the diameter. The size of each subaperture is 0.094 m. The

deformable mirror is adjusted with 241 independent and 64-slaved actuators.

During the run in November 1995, the mean ry is about 6 cm in the visible
band. The average Greenwood frequency is about 45 Hz, which corresponds to
a atmospheric turbulence coherent time t; = 3 ms. Based on these parameters.
we can estimate the image quality from this AO telescope. Table 1.2 lists the
residual wavefront errors and resulting Strehl ratios in the optical wavelengths.
Formulae given in Chapter 3 are used in the calculations. The telescope is assumed
to be pointed toward the zenith. A very bright star of ( Per with V = 2.8 mag.
is assumed for wavefront sensing. The resulting error related to photon noise
(wavefront reconstruction error) is therefore very tiny compared to other high order
errors. The fitting error due to the relatively large subaperture size is the dominant

one.

The flux concentration by this system has been further studied since it is the

biggest concern for spectroscopy. The results are listed in Table 4.3. About 25%



Table 4.2 Error budget for the SOR 1.5 m telescope NGS AO system.

2
Ofit

2
Utime

Otite

Strehl ratio

A=0.9 um A=0.7 pm A=0.35 pm A=0.44 pm

0.22
0.06
0.02

0.30
0.00

0.74

0.37
0.10
0.03

0.50
0.00

0.60

0.61
0.16
0.04

0.81
0.00

0.44

0.95
0.25
0.07

1.27
0.00

0.28

of the photons are within diffraction-limited core, which is quite significant. About

50% are within the first Airy disk. Flux concentration increases slowly with radius

after the size passes the first Airy disk size especially for the blue wavelengths

because the residual uncorrected wavefront errors cause the rest of the photons

to be spread out to a much larger area determined by atmospheric coherence

length ro. Therefore, the spectrograph entrance slit size should match either the

diffraction-limited core size (giving R = 600,000) or the first Airy disk size (giving

R = 250.000). Using a slit size matched to the first Airy disk also gives a factor of

two improvement on its detection efficiency.

Table 4.3 NGS AO performance at the SOR 1.5 m telescope.

Wavelength | SR | A\/D(arcsec) | 0.1"EE | 0.2"EE | 0.3"EE
1(0.9um) | 0.74 0.124 019 | 052 | 0.70
R(0.7um) | 0.60 0.096 024 | 053 | 0.61

V(0.55um) | 0.44 0.076 025 | 043 | 0.45

B(0.44um) | 0.28 0.061 0.20 | 0.28 | 0.30




The system detection efficiency can be estimated and compared to the
measured values shown in Figure 4.14. Table 4.4 gives the estimation. The total
detection efficiency is about 1%, consistent with the measured values. The main

loss of the spectrograph efficiency is the telescope and AQO transmission.

Table 4.4 Estimation of the AO spectrograph system efficiency at the SOR 1.5 m
telescope.

Sky transmission 85%
Telescope and AO transmission 15%
Reflective surface transmission (11 surfaces) 30%
Refractive surface transmission (10 surfaces) 82%
Grating 60%
Encircled Energy within 0.2" ~ 50%
CCD QE 40%
Total detection efficiency 1%

4.6.2. Special Aspects of Using an Adaptive Optics Telescope

The benefit of combining adaptive optics with spectroscopy is that the diffraction-
limited core of the image is small both in the dispersion and spatial direction. This
is what allows the entire spectrum to be recorded on a reasonable area of CCD.
This benefit, which may be as much as a factor 100 or more in recorded spectrum,
must be weighed against losses, which though small compared to the benefit, are

nonetheless significant, and affect how an adaptive optics spectrograph is used.

The image provided by an adaptive optics telescope is not just a diffraction-
limited image. There is a diffraction-limited core sitting on a broad pedestal

whose size is the seeing width. The Strehl ratio of the AO corrected image can be



estimated by Maréchal approximation. i.e.
SR = exp(-4) . (4.19)

where
D58 sec?(€)

D is the aperture diameter of a telescope, £ is the zenith distance (e.g. Beckers.

A x

1993). A SR of 50% is typically expected for the 1.5 m telescope at 0.8 um when
observing near zenith. The Strehl ratio gets poorer as the telescope moves away
from the zenith. so that for example at 30° elevation at an airmass of 2, this Strehl
ratio would drop to about 6% at the same wavelength region. For this reason the
adaptive optics system is very rarely used below an elevation angle of 45° where

the corresponding Strehl ratio is 25%.

Because of partial diffraction limit of the AO corrected images. the slit width
becomes more critical for the final obtained resolution and throughput. A wide
slit width corresponding to 2.44 A/D, the diameter of the first Airv dark ring, will
let up to 84% of the energy from the near diffraction-limited core through the
spectrograph, but it can only provide resolution of about 0.84d tan 6g/\ because
the existing broad seeing halo-like background smooths out higher resolution
provided only by diffraction. While a narrow slit width of about A\/D does provide
about a factor of two higher resolution, 2 d tan fg/\, but about half of the energy
from the diffraction-limited core is lost due to slit diffraction and slit loss itself.
Thus, the final correct balance will depend on the scientific goal, higher throughput
but lower resolution or higher resolution but lower throughput (see Ge et al. 1997

for detail study).

Adaptive optics has so far been largely used for imaging where Strehl ratio has

not been very critical, and where just as with the early days of the HST it has been



178

possible to work with a relatively feeble core to an image. Now with spectroscopy.
we have a changed situation where Strehl ratio is very important. And the Strehl
ratio available depends both on the seeing and on the adaptive optics design. This
will set a practical limit to the wavelength range of the spectrograph. Table 4.5
shows how the Strehl ratio at different wavelengths is likely to change with the
seeing condition. It is seen that the efficiency is likely to usually be quite low

at wavelengths 0.5 um or below, and so a practical limit to the use at the AO
corrected telescope is likely to be about 0.5 pum.

Table 4.5 Strehl ratio of the AO corrected images vs. wavelength at the SOR 1.5 m

telescope.
1.0 pm 0.84 pum 0.707 pm 0.599 pm 0.500pm

70% 61% 49% 37% 24%
61% 49% 37% 24% 14%
49% 37% 24% 14% 6%
37% 24% 14% 6% 2%

Another aspect in which adaptive optics spectroscopy differs from traditional
spectroscopy is in the effect of atmospheric dispersion. Atmospheric dispersion
is independent of image size, whereas for a 1” image, a dispersion of about 1” is
noticeable, it is not very important. Instead with adaptive optics. the dispersion
becomes very important. Thus, for example, at 1 um, the diffraction-limited
FWHM at the 1.5 m telescope is 0.13". At the altitude of SOR and at 45° elevation,
the dispersion from the image position is given in Table 4.6. It can be seen that the
observations at SOR 1.5 m telescope were skating on the edge of being impossible
without correction for atmospheric dispersion. Therefore either an atmospheric
dispersion corrector has to be used to correct atmospheric dispersion, or an image

rotator has to be built to rotate the dispersed images along the entrance slit.

In conclusion, the adaptive optics spectrograph has some features that need
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Table 4.6 Atmospheric differential dispersion at 45° elevation at SOR®

1.0gm 090pgm 0.80pum 0.70pm 0.65pm 0.60pm 0.55x 0.50pm 0.45pm
0.0 0.06"” 0.15" 0.27" 0.36" 0.48" 0.62" 0.82" 1.09”

¢ The calculation was based on P =610 mm Hg, T = 10 °C and water vapor pressure
8 mm Hg (Filippenko 1982).

to be factored into its performance and operation that are less than obvious. The
range of declination of sources must be reduced at the Southern end. In particular,
the observing program needs to be tightly tailored to when stars are nearest to
zenith, and Southern objects observed when the seeing is best and the atmospheric
motions are slow. Correction for atmospheric dispersion needs to become an
important and precise part of observing. Guiding needs to be done on the image
at the slit. not at the telescope. Inter-order spacing needs to allow for diffraction
at the longer wavelengths. Resolution and throughput of the spectrograph have to

be carefully balanced by the entrance slit width.

4.7. Summary

A prototype very high resolution cross-dispersed optical echelle spectrograph

has been designed and built at Steward Observatory and tested at the Starfire
Optical Range (SOR) 1.5 m telescope. It is the first spectrograph to take
advantage of diffraction-limited images provided by adaptive optics and achieve a
resolving power of up to R ~ 600, 000 together with a wavelength coverage in a
single exposure of about 300 A, about 100 times that of conventional very high
resolution spectrographs. This was achieved by recording 60 cross dispersed orders
across the 18 x 18 mm? format CCD detector. The total efficiency of the CCD
based system, including the sky and telescope transmission, spectrograph and

detector, is measured to peak at 1.3%, much higher than that of other ultra-high
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resolution spectrographs. Detailed comparisons between the performance of the
AO near diffraction-limited ultra-high resolution spectrograph and seeing-limited

spectrographs are listed in Table 4.7.

Table 4.7 Comparison between different ultra-high spectrographs in the world

Name McDonald 2.7m AAT 38m SOR1.5m
Coudé® UHRF® AO echelle
Resolution 5-6x10° 9.9x10° 2.5x10%f
Total efficiency at V band 0.045% 0.32% 1.3%
CCD TI-2 Thomson Kodak
800 x 800 1024 x 1024 2048 x 2048
Pixel Size (um) 15 19 9
Readout Noise (e™) 15 3.9 12.2
Pixel Number/Res. Element 8 2.4 10.3
Wavelength Coverage (A) 1.2 2.5 200,270.500¢
Working Wavelength(A) 3300-8000° 3300-8000°  4000-10000
V' Magnitude limit® (mag) 4.4 7.8 7.4

¢ Based on Hobbs & Welty (1991), and Tull et al. (1995).

b Based on Diego et al. (1995).

¢ From Cardelli (1995).

4 200 A for the Red Leg spectrum coverage (7000-9500 A) with the Kodak 2kx2k
CCD. 270 A for the Blue Leg spectrum coverage (4700-7000 A) with the Kodak
CCD. 500 A for the Blue Leg spectrum coverage with Lesser’s 2048 x 2048 front-
illuminated CCD (15 pum/pixel).

¢ Based on the same readout noise, 5 e /pixel, same pixel size, 15 zm. 30 mins
exposure and S/N = 30 per pixel.

f The slit width of ~ 100 zm was used to provide R = 250,000.
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CHAPTER 5

OpTIiCcAL HIGH RESOLUTION
SPECTROSCOPY WITH A NEAR
SINGLE-MODE FIBER FEED AND

ADAPTIVE OPTICS

5.1. Why do We Need a Fiber?

There are several advantages in using fibers for astronomical spectroscopy. The
spectrograph can be completely separated from the telescope, so that a more stable
optical bench can be used to set up a spectrograph for high precision observations.
More fibers can be installed to feed light from multiple objects within the telescope
field-of-view to a spectrograph for multi-object spectroscopy. Further the fiber,
as a spatial filter, can scramble input images and provide more homogeneous
illumination at the spectrograph pupil which results in more accurate wavelength

and flatfield calibrations of the spectrograph. It can also reduce scattered light
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between cross-dispersed orders for those cross-dispersed echelle spectroscopy.

5.2. Overview of General Fiber Properties

The first application of optical fibers in astronomical observations was pioneered
by Angel et al. about 20 years ago (1977). The fiber was made of fused silica.
One of the most important applications of fiber optics in astronomy is multi-object
spectroscopy pioneered by Hill et al. (1980). These early works have spawned
many imitators and innovations including the recent application of fiber optics in
an integral field unit for 3-D imaging and spectroscopy (e.g. Tecza et al. 1998).
Fibers have also proved to be extremely useful in removing instruments from the
Cassegrain foci of telescopes for precision measurements such as extrasolar planet

searches (Brown et al. 1994; Noyes et al. 1997).

Core

Figure 5.1 Schematic drawing of optical fiber structure.

An optical fiber can be very small, only about 1/10 of a millimeter in diameter,
and is made of glass or plastic. It consists of a core with a high refractive index

and a cladding with a lower refractive index surrounding the core and also an
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outer plastic protecting buffer. Fiber materials are typically fused silica with doped
silica claddings. Polyamide is a common material to make the buffers due to their
strength and ability to bond with epoxies. Sometimes a cable covering the fiber
may be needed to insure that the fiber will survive the operating environment.

Figure 5.1 shows the basic cylindrical fiber waveguide structure.

The types of optical fibers fall into three categories: step-index, graded-index
and single-mode. The step-index and graded-index fibers are also called multimode
fibers. A step-index fiber has a constant refractive index for the fiber core and
a lower constant refractive index in the cladding. In the graded-index fiber, the
refractive index is the largest in the center and decreases gradually outward in an
almost parabolic shape. The single-mode fiber is basically a step-index fiber, with
a core size and a numerical aperture that will only allow one mode to propagate

through the fiber.

A mode is an electromagnetic field distribution that satisfies Maxwell's
equations and the boundary conditions. Only a certain modes can propagate in a

fiber. The number of modes is determined by (Keiser 1991)

24 17 =

where 1 is the normalized frequency defined by

2
V=5nd - nd), (5.2)

where r is the radius of the core, n, is the core refractive index and n, is the

cladding refractive index. The solid acceptance angle for the fiber is
Q = 6% = w(n? — nd) = TNA? (5.3)

The numerical aperture is
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When

V' < 2.405, (5.3)

only the lowest mode can propagate in the fiber. the fiber is called single-mode

fiber.

5.2.1. Optical Properties

In optical fibers, attenuation results from absorption, scattering and other radiation
losses. Attenuation is generally expressed in decibels (dB). The attenuation can be

described by
P(z) = P(0)10~(a=/10) (5.6)

where P(z) is the power at distance z along the fiber and P(0) is the power at
z = 0: a is the attenuation coefficient which is usually given in units of dB/km.

Therefore,

o
-

Loss(dB) = az = —10log,[P(z)/P(0)]. (5.

5.2.2. Properties of Multiple Mode Fibers

Multi-mode, step index fibers with core size typically in the range 50 to 500 pm
provide the best interface with traditional astronomical spectrographs working

under seeing conditions compared to graded index or single-mode fibers.

The most important properties of fibers in the astronomical spectroscopic
applications are spectral transmission, focal ratio degradation and image

scrambling.
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Transmission

Three types of silica fibers are used in the optical wavelengths: high OH or
wet fibers, low OH or dry fibers and hydrogen doped, low OH fibers (Barden 1995).

The high OH fibers contains OH impurities within the silica material which
cause strong absorption bands at 0.72 ym, 0.95 um and 1.40 pm, which are the
third, second and first overtones, respectively, of the fundamental absorption
peak of water near 2.7 um (Keiser 1991). The advantage of this fiber is the high
transmission in the ultraviolet wavelengths, e.g. the transmission is still around

10% at 0.34 um for a 20 m length fiber (Barden 1995).

The low OH fibers were manufactured by the communications industry for
excellent transmission in the near-IR wavelengths. The OH impurities which lead
to absorption in the optical and near-IR regions are removed. Such a fiber has
excellent transmission in the longer wavelengths, but poor transmission for A <

0.45 pm.

The Hydrogen doped fibers have high redward transmission like the OH dry
fibers and improved blueward transmission like the OH wet fibers. Such fiber has

excellent transmission between 0.37 to 2.0 um (Barden 1995).

Focal Ratio Degradation

The effect that multimode fibers tend to speed up the incident focal ratio to
faster focal ratio is referred to as focal ratio degradation. The mode dependent loss
mechanisms are the main causes of focal ratio degradation. An excellent review on
focal ratio degradation is given by Ramsey (1988). The focal ratio degradation will
cause either light loss or spectral resolution loss of a spectrograph because it can

only decrease the throughput-resolution product for a telescope and spectrograph
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combination.

According to the measurements of focal ratio degradation of a multimode
Polymicro fiber by Barden (1995), an input f/10 beam transmits through a 7.6
m length fiber and comes out with all of the light contained within a f/6.8 beam
while 90% of the light is within a f/8.5 beam. Once the focal ratio of the incoming
beam is faster than f/5, more than 95% photons will come out within a f/5 beam.
Therefore, focal ratio degradation is less serious for a fast focal ratio incoming beam
than a slow focal ratio beam. This fact has led designers of fiber-fed instruments to
match fiber feeds at the telescope prime focus where focal ratios are in the f/2.5

to f/4 range (Barden 1995).

Image Scrambling

Optical fibers introduce significant improvement in the precision measurements
in astronomical spectroscopy (Brown et al. 1994). It is due to the scrambling of
images by multiple internal reflections within a single, step-index fiber optically
coupling the telescope focus to a spectrograph (Heacox 1986). After the image
scrambling through a fiber, the distribution of illumination across the output end
of the fiber is essentially independent of image details on the input end. As a
consequence, a spectrograph system is totally isolated from the telescope. no errors
caused by the telescope guiding, calibration, etc., will bring into the resulting

spectrograph wavelength errors, which are determined by the spectrograph itself.

There are two scrambling modes for a near field image: azimuthal scrambling
and radial scrambling (Barden 1995). Azimuthal scrambling can be easily achieved
in step-index, multi-mode fibers. However, the radial scrambling is not always
complete (Heacox 1986). Experiments with multi-mode fibers show that image

scrambling is directly related to the fiber’s focal ratio degradation. The input
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image will be completely radially scrambled for a input beam with focal ratio

slower than about f/8.

5.2.3. Properties of Single Mode Fibers

Single-mode fibers are very useful for coherent beam transportation and
recombination. Because most previous astronomical observations were dealing with
seeing-limited light beams which are not coherent, multimode fibers are the only
choice for efficient transmission for fiber-fed research. However, in the application
of stellar interferometry, where coherence is the key for the beam recombination,

single-mode waveguides are required (Foresto et al. 1993).

Most single-mode tibers are used as the principal optical transmission medium
for telecommunication. They are typically made of low-OH-content silica. They
have excellent transmission between 0.4 and 2.0 um with maxima at 1.3 and 1.5
pm, which are the wavelengths mainly used for communication. New single-mode
fiber made of fluoride glass has low attenuation up to 2.4 um (e.g. Foresto et al.

1995). This specially made fiber is applied to stellar interferometry in the K band.

There are several advantages of using single-mode fibers for interferometric
beam transmission and recombination. Fibers can save a substantial number of
mirrors for relaying the beams from the telescope focus to the recombination point.
Diffraction effects, misalignment, optical surface quality and internal turbulence
are no longer a concern for fiber feed. Single mode fibers act like perfect spatial

filters which can help reject all the incoherent modes.

Single mode fibers have several significant different properties compared to
multimode fibers. Since the size of the single-mode fiber core is comparable to

the wavelength of the light beams transmitted, geometrical optical considerations,
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which can fairly describe the properties of multi-mode fibers, are totally inadequate.
Electromagnetism and waveguide theorv must be applied to correctly describe the

properties of single-mode fibers.

Single mode fibers have very small core size of about 5-10 um. but have a
relatively large cladding size of about 100 um. Instead of a rectangular beam
profile for multimode fibers, the beam profile for single mode fibers is close to a
Gaussian. Hence a substantial amount of light is carried in the fiber cladding. For
the fiber normalized frequency V' < 1.45, there is more power carried through the

cladding than carried through the core.

The focal ratio degradation properties is completely different for single-mode
fibers. The focal ratio degradation is absolute, i.e. the output beam profile is

independent of input beam profiles or focal ratios.

The input coupling efficiency of single mode fibers depends on focal ratios
of the input optics, with maximum coupling efficiency of 78% for an f/2.5 input
beam in a diffraction-limited case (Foresto et al. 1993). The coupling efficiency for
multimode fibers depends only on overlapping the input beam and the fiber core,

which can be as high as 100%.

The output efficiency has also been measured before (Foresto et al. 1993).
Apart from the input coupling efficiency, about 95% of the output light is within
an f/3 light cone, about 80% is within an f/4 cone, and 65% is within an f/5
cone. In order to keep high transmission with a single mode fiber. it is necessary to
use an f/3 optics or faster to couple the fiber output with an instrument. Hence

the maximum total transmission of the fiber is about 70%.
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5.3. Fibers for Adaptive Optics

Adaptive optics corrected images are near diffraction-limited. The resulting
entendue (AQ value) for the corrected beams is a factor of (D/ry)? ~ 100 times
smaller than that for uncompensated beams (seeing-limited images), but still a
factor of few times larger than that for the fully diffraction-limited ones. Therefore,
to feed the adaptive optics compensated beams from the telescope into fibers, fibers
which can transport a few modes are potentially required since both traditional

multimode and single mode fibers cannot preserve the beam quality.

In the next decade, large telescopes with 6 m diameters or larger will be
equipped with adaptive optics to provide near diffraction-limited images at IR
wavelengths. While some of small and moderate telescopes will have adaptive
optics to provide not only correcting power for the IR wavelengths, but also for
the optical wavelengths for bright stars. In fact, some of adaptive optics systems
have already routinely worked in the optical and near-IR wavelengths such as the
Starfire Optical Range 1.5 m, 3.5 m telescopes, Mt. Wilson 100 inch telescope,
CFHT, and ESO 3.6 m, etc. Near single mode fibers having high transmission
in the optical and near IR are required at these telescopes to do AO fiber-fed
spectroscopy. Therefore, it is becoming more and more important to study and

understand performance of near single mode fibers.

5.4. Measurements of a Near Single Mode Fiber

The properties of this kind of extremely thin fiber, especially the focal ratio
degradation, have not been well studied before. These properties are crucial for

the design of fiber coupler. We set up a lab at Steward Observatory and tested a
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strongly determined by the AO correction power. The correction power from
different AQ systems is quite different. Therefore, it is necessary to study the image
properties from a particular AO telescope before the design of an AO optimized

spectrograph.

The Mt. Wilson 100 inch telescope is the first astronomical telescope to
be equipped with an AQO system to providing usable image correction in the
visible wavelengths. In the following, we will use the image performance from this
telescope to show how to match AO images to a high resolution spectrograph.
The Mt Wilson 100 inch AO system uses bright natural guide stars for wavefront
sensing and correcting (Shelton et al. 1995; 1997). The system has a 241-actuator
deformable mirror. The subaperture size is 0.156 m. The wavefront sensor uses a
front-side illuminated 32x32x2 frame-transfer silicon array. It is used for sensing
both tilt and high order wavefront errors. The delay time of the system, from
mid-CCD exposure to updating the deformable mirror, is 4.5 ms for objects in the
R=2.5 to 9.5 magnitude range, 3.0 ms for objects brighter than R=2.5. 4.5-7.5ms

for objects in the R=9.5 to 13.7 range, depending on seeing.

Figure 5.4 shows the comparison of I band images of bright star HR 5747 with
and without AO correction, obtained in July, 1996. The FWHM (full width half
maximum) of the image without AO is 1”, corresponding to rp = 11 cm at 0.55
pm. The FWHM of the image with AO correction is 0.071”, which clearly shows
the first Airy disk. The image also shows a fainter companion with separation of

0.3” from the primary.

From the appearance of the AO corrected image, it appears that spectrograph
should be designed to match the diffraction-limited core size. However, in order to

obtain high throughput, further study beyond first appearances is very important
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Table 5.1 Strehl and encircled energy(EE) for summer observations at the Mst.
Wilson 100 inch AO telescope

Band Strehl 0.1(EE) 0.2"(EE)

I 0.36 22% 42%
R 0.17 17% 35%
\4 0.09 17% 31%
B 0.03 8% 22%

Table 5.2 Strehl and encircled energy for winter observations at Mt. Wilson

Band Strehl 0.1”(EE) 0.2"(EE)

I 0.27 18% 36%
R 0.05 8% 20%
\'% 0.03 5% 16%
B 0.02 5% 14%

is about 10 m s™! for summer time and about 20 m s~! for winter time. For
typical atmospheric turbulence coherence length, ro = 14 cm (or 0.8 arcsec FWHM
seeing disk size), at 0.35 pum, the atmospheric turbulence coherence time scale tq is
about 4.3 ms and 2.2 ms for summer and winter, respectively. Since tg x A\%/%, the
atmospheric turbulence coherence time scale gets shorter at shorter wavelengths.

The temporal error caused by the delayed correction (Sandler et al. 1994),

At -
a?ime = (_)0/37

3.8

> (5.8)
where At is the wavefront delay time. The temporal error becomes very significant
at short wavelengths especially in the winter time because of much longer wavefront

correcting delay time than the coherent time scale.
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Table 5.3 Error budget for summer observational results at the Mt. Wilson 100 inch
AO telescope

A=0.9 um A=0.7 um A=0.55 um A=0.44 pm

ok 0.13 0.21 0.34 0.53
ol 0.78 1.28 2.08 3.25
o2, 0.01 0.02 0.03 0.05
%o 0.92 1.51 2.45 3.83
Thae 0.02 0.02 0.02 0.02
Strehl Ratio  0.37 0.21 0.08 0.02

Tables 5.3 and 5.4 pull together the various image motion and high-order
wavefront error sources, derived from the typical measured parameters at Mt.
Wilson in summer and winter, into an overall error budget for the 100 inch

telescope.

The calculations of Strehl ratio, high order residual errors and tilt errors are
based on the formulae described in Chapter 3 and previous papers (Sandler et al.

1994: Ridgway 1994; Ge et al. 1997).

The calculation results match the observation results from typical summer
and winter observations well. The temporal error is the dominant one for this AO
system. Correction with broader closed loop band width is required to significantly

improve the flux concentration ability, especially in short wavelengths.
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Table 5.4 Error budget for winter observational results at the Mt. Wilson 100 inch

A=09 um A=0.7 um A=0.55 pm A=0.44 pym

o2 0.13 0.21 0.34 0.53
o2 1.47 2.01 3.63 5.08
a2, 0.01 0.02 0.03 0.05
oo 1.61 2.24 4.00 5.66
o2, 0.04 0.04 0.04 0.04
Strehl Ratio  0.23 0.10 0.03 0.01

5.6. Design of a Prototype Fiber-fed Cross-dispersed

Echelle Spectrograph

5.6.1. Designs of the Input and Output Fiber Coupler

The principle for the optical design of the fiber couplers is to make it as simple
and efficient as possible. Therefore, we chose commercially available doublets
(BAF10-FD10) made by Edmund Scientific Inc. as the heart of the design.
Figure 5.5 shows the design of the input coupler. A f/42 beam from the telescope
is converted to f/4 by the achromat with 6 mm diameter and fed to the near single
mode fiber. The optical design of the output fiber coupler is almost identical to the
setup of the input one in the reverse direction except the output focal ratio f/55

instead of f/42.



f/42 /4
BAF10 FD10
77 mm
WIRE FRAME

FIBER FEED FDR THE AC ECHELLE, JIAN CE
THU MAY ? 1998

Figure 5.5 Optical layout of the input fiber coupler at the Mt. Wilson 100 inch.

Figure 5.6 illustrates the rms spot size for the working wavelengths at the
telescope (0.4 - 1.0 um). The diameter for the whole wavelength range is well below
the 10 pum fiber core size. Further analysis of the encircled energy with this design
indicates that more than 80% of the energy is within a 10 um diameter. The main
photon loss through this feeding is the diffraction loss for long wavelengths. The
mechanical design was made by M. Rademacher. Figure 5.7 shows the mechanical
layout of the fiber coupler. The telescope f/42 AO beams first form an image
with about 100 pm diameter (or 0.2"” on the sky) on a hole in a reflective mirror.
Photons within 0.2” aperture pass through the hole and get refocused by the
achromat. The formed f/4 beams are fed into the fiber. The x-y, x-z stages and
screws are used to adjust the relative positions of the f/4 image and the fiber core.

The fiber end is placed at the center of a spherical bearing, which is used to change
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a f/4 beam to f/55 to match the spectrograph focal ratio.
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Figure 5.7 Mechanical layout of the input fiber coupler. It was designed by Matt
Rademacher.

The optical layout of the fiber-fed echelle spectrograph is illustrated in
Figure 5.8. The RMS spot diagrams associated with this design are shown in
Figure 5.9. The image quality with this spectrograph design is much worse than
that with the spectrograph used at the SOR 1.5 m shown in Chapter 4. The
average RMS spot diameter is about 40 um in this design vs. only about 10 um
shown in Figure 4.7. This residual aberrations are mainly caused by the residual
spherochromatism with the Edmund BAF10-FD10 doublet. However, the RMS

spot diameter is much smaller than the expected spectral resolution element size
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seeing-limited spectroscopy can be applied to maintain similar throughput. At the
same time, spectral resolution is expected to be a factor of 5 times higher than that

for the seeing-limited spectroscopy with a same size echelle grating.

um% =

SF5 BK7

Fiber
BK7 SIS

375 mm

WIRE FRAME

32492 RCHROMAT
FRI MAY 8 1998

Figure 5.10 Optical layout of the calibration lamp beam fiber-feed at the Mt. Wilson
100 inch telescope. The focal ratio for feeding the multimode fiber is f/5.

In order to feed the AO corrected beam to a fiber efficiently, the fiber entendue,
or A value. should be well matched to the AO beam quality. The AO beam
entendue of the Mt. Wilson 100 inch is about 0.16 m?arcsec?, a factor of 25 times
smaller than the seeing-limited beam entendue. In order to match the AO beam
quality, a fiber with core size of 10 um is required for f/4 fiber feed. Therefore,
typical astronomical fibers with core size larger than 50 um cannot be served for

AO spectroscopy.
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5.8. First Light Spectroscopy Results at the Mt. Wilson
100 inch AO Telescope

Figure 5.15 shows the spectrum obtained through the near single-mode fiber-fed
echelle spectrograph and reduced spectrum from the cross dispersed order 112 at
wavelengths around 6868 A. The 1kx1k thermally cooled CCD with 24 pm pixel
size covers about 80 cross-dispersed orders, from order 75 to order 156. About 650
A in total is covered with one exposure. The main results from the observation
run are summarized in Table 5.5. Throughput of the fiber-feeds has been measured
up to 70%. However, we found that it is quite difficult to maintain the alignment
of the input fiber-feed optics with the telescope AO system for a period of time.
A tiny misalignment between the AO optics and fiber feed optics reduced the
throughput tremendously. A much more robust mechanical mount is required to

stabilize the efficient transmission of AQ beams to the fiber.

Table 5.5 Main results from 1997 November run at the Mt. Wilson 100 inch

Spectral resolution ~ 200,000
Wavelength coverage per exposure 650 A
Fiber-feed transmission 65% for laser, 20% for star
Spectrograph + Fiber + CCD transmission 2.5%

Overall telescope + AO transmission 2%

Encircled Energy within 0.2" ~ 20%

1kx 1k CCD size 25%25 mm?
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elements on a CCD detector, a f/16 beam is sufficient for the spectrograph optics.
Therefore, the projected resolution element on the detector is 40 um, which is well
beyond Nyquist sampling for 15 pm pixel size. This focal ratio is about 3 times

faster than that for the old echelle spectrograph, f/50 (Ge et al. 1996; 1998).
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Figure 5.17 RMS spot diagrams within the field of view of the spectrograph camera.
The vertical bar presents 30 um (2 pixels). The RMS spot sizes are much smaller
than spectral resolution element size, 30 pm.

If a design similar to the old one is pursued for the new spectrograph, a quite
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angle. A 21 deg BK7 prism will be used to provide enough cross-dispersion over
wavelengths from 0.4 to 1.0 um. The order separations between orders are quite
homogeneous, with the minimum separation is 240 pm or 15 Loral CCD pixels.
The spectral format with this new design is shown in Figure 5.18. A physical size
for a 2k x4k Loral CCD size (30x60 mm?) has also been shown in this Figure.

About 4000 A can be covered by this CCD in one exposure.

5.10. Summary

The observation run at the Mt. Wilson 100 inch AO telescope with the fiber-fed
high resolution echelle spectrograph demonstrates the possibility of matching the
AO corrected beams with high resolution spectrograph through a near single mode
fiber. made of fused silica, with core size of only 10 um. The coupling efficiency of
the fiber has been measured up to 70%, which is very close to the theoretical limit
of about 80% for single mode fibers (Foresto et al. 1993). In order to obtain high
throughput spectroscopy, a projected entrance slit size of 0.2” or first Airy disk
size is required. Therefore, for a commercial available 125x250 mm? R2 echelle
grating, spectral resolution of R = 200,000 can be routinely reached with help
from high order adaptive optics. Residual error caused by the delay of wavefront
correction has been found to be the dominant one in the Mt. Wilson 100 inch
telescope AO system. Image performance, especially at the short wavelength
regions, is expected to be significantly improved through faster wavefront sensing
and correction. Wavelength coverage with the AO high resolution spectrograph
has been significantly increased compared to that with the seeing-limited high
resolution spectrograph. Spectroscopy with R ~ 200,000, a factor of 4 times higher

than most of present high resolution spectroscopy, will be routinely obtained with
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telescope equipped with high order AO systems.



CHAPTER 6

DEsicN or ARIES wiTH THE MMT
6.5 M NGS AND LGS AO

6.1. Introduction

The development of large ground-based telescopes and laser guide star adaptive
optics systems provides an unprecedented opportunity to achieve much greater
sensitivity in ground-based IR observations than before. With the advent of high
quantum efficiency, large-format infrared arrays such as the 1024x1024 HgCdTe
and InSb arrays or even larger-format arrays (Garnett et al. 1998; Kozlowski et
al. 1998), IR observations such as imaging and spectroscopy can be extended with
almost the same sophistication and precision as optical observations. Especially,
wide field IR imaging, multiobject IR spectroscopy, cross-dispersed IR echelle an
echellette spectroscopy, benifits greatly from large-format IR arrays. Therefore, it
is crucial now to develop next generation IR instruments to take full advantage of

the AO corrected images and large IR arrays.
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The infrared (especially near-IR) imaging and spectroscopy provide a unique
opportunity in the study of the universe at high redshifts where most interesting
rest-frame optical emission and absorption lines and continuum are redshifted to IR
wavelengths. IR spectroscopy also cpens up the study of many species of molecules
associated with interstellar and circumstellar mediums, and young stellar objects,
and it enables atomic transitions to be observed with little or no extinction due
to dust. High angular resolution IR imaging plays a key role in the study of the
process of star formation. Wide-field IR imaging allows search for brown dwarf
candidates in young star formation regions and also for high redshift star-forming

galaxies.

In this chapter, [ will describe Arizona Infrared Imager and Echelle
Spectrograph (ARIES), a primary scientific instrument for the MMT 6.5m laser
guide star adaptive optics. I will also introduce a near-IR wide field camera and its
performance at the Steward 90 inch telescope. I should also mention here that the
fore-optics and camera optics of ARIES were designed by J. Burge and R. Sarlot
and the mechanical designs of ARIES and the wide-field near-IR camera were

conducted by the IR lab.

6.2. Overview of the MMT 6.5 m AO System

In early 1998, the old MMT 1.8 m primary mirrors and telescope support structure
were removed from the telescope chambers. The new 6.5 m mirror is being installed
into the modified telescope chamber. The first light of the MMT 6.5 m is scheduled
in the fall of 1998. First light for the adaptive optics is expected in the summer of

1999.

Figure 6.1 shows the schematic diagram of the new telescope with laser guide
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star adaptive optics system being built by the Center for Astronomical Adaptive

Optics (CAAO). The AO system is designed to operate in the wavelength region

from 1 to 5 um. The major innovation in this adaptive optics system is the

adaptive secondary mirror as the wavefront compensator which has 330 actuators.

STEWARD OBSERVATORY
CENTER FOR ASTRONOMICAL ADAPTIVE OPTICS.

LASER GUIDER PROJECTOR

LENS ASSEMBLY

LASER FAST
STEERING MIRROR

F15 DEFORMABLE SECONDARY

ELEVATION AXIS

X
E_—/ 6.5m PRIMARY MIRROR CELL

DEROTATOR RING
TOP B80OX

||
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———————— TELESCOPE FORK
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Figure 6.1 The MMT 6.5 m conversion with laser guide star adaptive optics.

This deformable mirror makes a remarkably simple light path into the scientific

instruments mounted at the Cassegrain focus, with only reflections from the primary
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and secondary. Emissions from reflective surfaces at thermal IR wavelengths such
as K, L and M bands will be substantially reduced, compared to conventional AO

systems which typically have about a half dozen more thermal reflection surfaces.

The system has been designed to operate with a sodium laser guide star. The
laser guide star coupled to a large aperture telescope will allow the use of very
faint field stars for sensing of global image motion to provide full sky coverage with
AO correction. The motion sensor will be an infrared detector which is located in
the IR dewar of the ARIES. It will take advantage of the AO sharpened IR images
over large isoplanatic angle in the IR wavelengths (Sandler et al. 1994). The return
flux from the sodium laser guide star is fed into the wavefront sensing portion of
the system, called the top box, by reflection off the dichroic entrance window to
the ARIES dewar. The wavefront sensor is a Shack-Hartmann sensor using an
EEV 80x80 device composed of a 13x 13 square subaperture array, whose each

subaperture is 0.5 m in size.

The laser for this adaptive optics system is a solid-state Raman laser being
developed by Lite Cycles of Tucson. It uses a diode-pumped mode-locked Nd:YAG
laser. whose output at 1.0638 um is doubled and then Raman shifted with a pair
of CaWO, crystals to generate 10 watts of laser output at sodium D, frequency.
The laser bandwidth is maintained at about 700 MHz, well matched to the width
of the peak in the Doppler-broadened sodium D, absorption. The beam projector
has been designed to launch the beam from behind the secondary mirror, coaxially

with the telescope.

The primary science instrument for the MMT 6.5 m adaptive optics is ARIES.
Figure 6.2 shows the mechanical drawing of the instrument. [t contains two 1kx1k

detectors, both HgCdTe arrays with pixel size of 18.5 pum, allowing simultaneous






spectral resolution of R = 2,000 and 30,000.

The optical design can be divided into three subsystems: the fore-optics,
HgCdTe 1-2.5 um slit-viewing channel, called the slit-viewer channel. and HgCdTe
1-3.5 pm spectroscopy and imaging channel, called the main channel. The
fore-optics contains an entrance window, guide star pickoff mirror and an Offner
relay. The entrance window is a dichroic which seals the main instrument and
reflects light with wavelength shorter than 1 um to the wavefront sensor (Shelton
et al.1997). IR light with wavelengths longer than 1.0 um passes through the
entrance window and forms images inside the liquid nitrogen cooled dewar. At the
focal plane, the near-IR light (1-2 um) from field stars within the FOV is directed
into an infrared quadrant detector for measuring global tip/tilt wavefront errors
which cannot be sensed by the laser guide star. The light from scientific targets
passes through a 1:1 Offner relay which forms a cold pupil at the second spherical
mirror and also forms a second image plane where a slit (single or multiple) mask
or a dichroic mirror is located for spectroscopy or imaging. A baffle will be placed
at the cold pupil location, which will significantly improve the sensitivity of the

spectrograph and camera at K. L and M bands.

The slit-viewer channel consists of collimator lenses and camera lenses for
imaging onto a HgCdTe/PACE near-IR array at f/15 and f/30. It collects
reflected light from the slit plane where either a slit or dichroic mirror is located.
This channel is used partially as a slit-viewer for the main channel, when the
spectroscopy mode is used in that channel. It can also be used for simultaneous
observations in one of the J, H and K bands when either the L or M band imaging
mode is set for the main channel. Low dispersion near-IR spectroscopy can be

pursued in this channel when a grism is used instead of a filter.
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HgCdTe 1-5.5 um channel contains a collimator mirror, a grating, a prism,
and a three mirror camera. An off-axis paraboloid is used to collimate the beam
from the Offner relay and form a second pupil. A prism and grating box is
located at the second pupil position to provide both the main dispersion and the
cross-dispersion. Then the dispersed beams pass through a three mirror camera
system to form spectra on a lkx1k HgCdTe detector. The final focal ratio is /5.6
for spectroscopy and possible imaging. If no slit mask is inserted at the slit plane,
and a mirror is used rather than the prism and grating are placed at the second
pupil location, then the whole system becomes a camera system for direct imaging
in the 1-5.5 pm. Relay lenses can be inserted into the place between the detector
and last mirror to lower the focal ratio to either f/10 or f/21, for higher spatial
resolution imaging and spectroscopy. f/10 is used for diffraction-limited imaging
in the L and M bands, while f/21 is used to sample diffraction-limited images in
the J, H and K bands. A third pupil is formed before the image plane. where a

pupil stop is positioned to reduce the stray light to the detector.

Coronagraphic imaging and spectroscopy can also be pursued with the ARIES
once an occulting mask is put at the telescope focus and a pupil mask (Lyot
stop) is placed at the first pupil location within the Offner relay. Furthermore,
if a multi-slit mask is put in the slit plane instead of a single-slit mask, then
multi-object spectroscopy with a field-of-view of up to 100 arcsec can also be

conducted.

6.4. Expected Performance of the MMT 6.5 m AO System

Chapter 3 shows results on AO performance from extensive modeling. The results

show that under median atmospheric conditions on Mt. Hopkins, the expected
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Strehl ratios ranges from ~ 0.2 to 0.8 in the J, H, K, L and M bands for laser guide
star AO correction. About 40-60% of the photons from a point source are expected
to fall within a 0.2 arcsec diameter circle. Therefore, when a laser guide star is

used, spectroscopy will be conducted with a 0.2"” entrance slit. Direct imaging will

perform Nyquist sampling to match the diffraction-limited image core.

Higher Strehl ratios and flux concentration can be achieved if focus
anisoplanatism of the LGS is avoided by using a natural guide star with
V magnitude brighter than 14 magnitude. 40-70% of the photons are then
concentrated within 0.1”. Hence an entrance slit width of 0.1” should be matched
for the spectroscopy mode tc obtain a factor of two higher spectral resolution.
Direct imaging with natural guide star correction will be about the same as that

with a laser guide star, i.e. Nyquist sampling is applied.

Due to the limited isoplanatic angle, the encircled energy within a 0.2
diameter goes down by a factor of two when the scientific object is ~ 30" off-axis.
Therefore, the potential FOV for multi-object spectroscopy in the J, H and K is
about 60”, within which the AO correction is significant. This FOV is also about

the maximum FOV for direct imaging.

6.5. IR Sky Background

One of the main limitations facing near-IR spectroscopy is the background emission
caused by atmospheric OH molecules. When spectral resolution is less than about
1,000, the bright OH emission lines basically cover every single detector pixel. Even

worse, the line strength of these OH lines varies with time.

On average, IR sky background is more than a 100 times brighter than
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optical sky background. Most near-IR observations, including direct imaging and
spectroscopy, will be essentially limited by the sky background. Therefore, it is
crucial to study IR sky background and understand its properties for the design of

IR instruments especially IR spectrograph systems.

For wavelengths shorter than 2.2 pum, sky background includes OH airglow
emission and continuum emission. The OH airglow emission contains hundreds
of strong emission lines. OH emission dominates the sky background radiation in
the near-IR region up to about 2.2 um until the thermal background radiation
takes over. Because the OH emission line strength varies very rapidly, the emission
lines cannot be well subtracted in the spectra with low spectral resolution, which
largely affects the measurement accuracy. Higher spectral resolution is required for

precision measurements.

Figure 6.3 shows OH emission line spectrum obtained by Maihara (1996
private communication) with spectral resolution R = 6,000. OH spectra with lower
spectral resolution can be obtained by convolving this spectrum with a Gaussian.
The results show that there is still about 80% of the spectrum without much
contamination by strong OH emission lines when using a spectral resolution of
2.000. Therefore, spectral resolution of R = 2,000 is about the minimum required

resolution for precision measurements in the near IR.
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Figure 6.3 OH emission spectrum with R = 6,000 obtained by Maihara (1996 private
communication).

At a spectral resolution R ~ 2,000, what is the sky continuum emission level?
Sky spectra obtained with the F-Spec at the Steward 90 inch telescope provide
excellent measurements. The F-spec is a near-IR spectrometer built by G. Rieke
(Williams et al. 1993), which can provide spectral resolution up to about 2,000
in the J, H and K bands. The raw data of the sky background in the J, H and
K bands on Kitt Peak were collected by C. Engelbracht. M. Rieke and G. Rieke
in 1994. The high resolution mode was used for the observations. They used a
2.4 arcsec wide slit and a plate scale of 1-2 arcsec/pix. The spectral resolution is
around 2.,000. The H and K bands were covered by a 600 l/mm grating in the first

order, while the J band was covered by the same grating in the second order, which
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results in much lower grating efficiency. Typically, they integrated for 1-2 minutes
on blank sky and then observed nearby standard stars. The resulting J. H and
K band spectra have been obtained after dark frames have been subtracted and
pixel-to-pixel variation has been corrected by flat calibration. The final reduced
spectrum of sky continuum and OH emission lines is shown in Figure 6.4. The

measured values for the sky background are listed in Table 6.1.

Table 6.1 .J, H and K band sky background above Kitt Peak.

Wavelength Band | mag. arcsec™2 Comments
J 14.6 including OH emission
H 13.6 including OH emission
K 13.0 including OH emission
J 174 without OH emission
H 17.2 without OH emission
K 15.5 without OH emission

K band continuum level may also include some thermal background from sky
and the 90 inch telescope. Further observations are required for confirmation. The
continuum sky background in the H band between those OH emission is about 1
mag. brighter than that claimed by Maihara et al. (1993). Their observations

show that the continuum level at 1.665 pm is 590 photons s™'!m~2um™!'arcsec™2.

2 while the average flux including the OH emission

which is 18.1 mag. arcsec™
is 30,000 photons s~'m~2um™'arcsec™? in the H band, which is 13.8 mag.

arcsec”2. Apparently, Maihara’s average flux in the H band is consistent with
the measurements listed in Table 6.1. The sky continuum emission could be

oversubtracted in their data. Further observations are required to confirm this.

The sky continuum level is really crucial for the design of a near IR

spectrograph and also other instruments such as OH suppressors. As demonstrated
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Figure 6.4 Near IR sky continuum and OH emission spectrum with R = 2.000. The
original raw data were taken by George Rieke, Chad Engelbracht and Marcia Rieke
with the Fspec near-IR spectrograph in 1994. The data were reduced and analyzed
bv the author.

in later section in this chapter, the optimal choice of spectral resolution to take
full advantage of AO corrected images is the one whose performance is still limited
by the sky background instead of IR array detector dark current. This limitation
provides the limit on the maximum spectral resolution. On the other hand. the
spectral resolution cannot be too low, otherwise OH emission lines will predominate

the spectra.
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6.6. Choice of Pixel Scales for Imaging and Spectroscopy

6.6.1. Direct High Angular Resolution Imaging

Chapter 3 shows that the diffraction-limited core still remains even when the Strehl
ratio is around 0.1. Therefore, for direct imaging, focal lengths should be chosen
to provide Nyquist sampling for each IR array near the diffraction limit for several
bands. Table 6.2 shows the diffraction-limited image core size at the MMT 6.5 m
telescope. Therefore, f/30 is chosen for J and H imaging, which gives us 2-3 pixels
across the diffraction-limited core and 20" field-of-view. This focal ratio is mainly
used for the best seeing conditions to provide the finest plate scale to sample the
best corrected images. For the K band imaging, f/15 and f/21 provide image
sampling with 2-3 pixels and FOV of about 30-40 ”. For the L and M bands,. the
diffraction-limited image core size is much larger than near-IR wavelengths, f/10 is
chosen to sample the image core with 2-3 pixels and provide a 60 " FOV. f/5.6
provides the widest FOV, 100 ”, for IR imaging with ARIES and reasonable image

sampling, 0.1"”/pix.

Table 6.2 Diffraction-limited image core sizes at the MMT 6.5 m.

Wavelength(pxm) J(1.25) H(1.65) K(2.2) L(3.6) M(4.8)

A/D (") 0.040 0052 0070 0.114 0.152
FWHMe 0.058 0.062 0079 0.122 0.159

¢ From simulation results in Chapter 3.

Table 6.3 summarizes imaging specifications for both the slit viewer and main

channels.
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Table 6.3 Summary of imager specifications.

Channel name Slit-viewer Slit-viewer main main main
Detector HgCdTe HgCdTe HgCdTe HgCdTe HgCdTe
PACE PACE MBE MBE MBE
Wavelengths (um) 1-2.5 1-1.8 1-3.5 1-5.5 1-5.5
Focal ratio f/15 f/30 f/21 f/10 f/5.6
Plate scale (”/pixel) 0.039 0.019 0.028 0.059 0.1
FOV () 40 20 29 60 102

6.6.2. Spectroscopy

Spectroscopy will be mainly conducted in the main channel, where a HgCdTe array
processed through MBE is used to cover 1-5.5 um. This exciting new alternative
requires cooling only to ~ 60 K. Therefore, the need for liquid helium cryogens or
mechanical coolers for usual InSb IR arrays is eliminated. Main spectral resolution
of R = 2,000, and 32,000 will be provided in this channel. Spectral resolution up
to R = 64,000 can also be obtained for point sources with V magnitudes brighter
than 14 mag. An echelle and echellette are chosen for providing main dispersion.
Prisms are chosen for cross-dispersion. Two dimensional spectrum will be recorded
by the IR detector. For the R = 2,000 mode, order-blocking filters can be used to
only select one order and multi-object spectra can be recorded on the detector if a

multi-slit mask is placed at the spectrograph entrance plane.

[n evaluating the suitability of the pixel scales and slit widths for the
spectroscopy, we were primarily concerned with the encircled energy of the AO
corrected image. For the laser guide star AO case, the 0.2” slit is required for
median seeing conditions on Mt. Hopkins to include about 50% of the light at 1 -

5.5 pm. Therefore, we chose a plate scale of 0.1”/pixel to sample the projected slit
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width on the IR detector to sample the spectral resolution element with 2 pixels.
f/5.6 is then required for this plate scale. For the natural guide star AO case. a
slit width of 0.1” gives us about 50% of the light under conditions of normal seeing
at 1-2.5 pm, thus leading to a pixel scale of 0.05” /pixel for Nyquist sampling. A

focal ratio of f/10 is then suitable to match this plate scale.

In the main channel, grating and prism assemblies can be replaced by a flat
mirror, allowing one to select between various spectroscopic modes and imaging
modes. All share a single collimator mirror, and a three-element reflective camera.
This combination reimages at f/5.6. Two other imaging scales (f/10. f/21) are

provided for Nyquist sampling of the diffraction-limits in the H, K, L and M bands.

Low resolution spectroscopy can also be conducted in the slit viewer channel
with grisms. Plate scales of 0.037"/pixel and 0.1"/pixel can be used for the grism
spectroscopy modes with the slit widths from 0.1” (2.5 pixels across the slit) to
0.2" (2 pixels across the slit). In cases where high spatial resolution is required. the

smallest plate scale, 0.019”/pixel, can be used with slit widths from 0.1” to 0.2".

Table 6.4 summarizes spectroscopy specifications in the main and slit viewer
channels. Specification of spectroscopy with f/30 is not listed here since it is used

only for very unusual cases.

6.7. Optical Design of the ARIES

6.7.1. Design of the Fore-optics

Figure 6.5 shows the optical layout of the fore-optics. The CaF; entrance window
(80 mm diameter) is used as a beamsplitter. It reflects f/15 light beams shortward

of 1 um to the wavefront sensor channel (the top-box), while transmitting the f/15
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transmission. The Offner relay is a 1:1 relay, and it consists of two spherical
mirrors, the primary is a concave and the secondary is a convex. It produces a
cold pupil stop at the secondary location where a Lyot stop can be used to baffle

against stray thermal light, and thermal emission from the telescope optics. It also
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Figure 6.6 RMS spot diagrams within the 2x2 arcmin? FOV at the slit plane in
ARIES. The ray tracing wavelength is 1.6 pum. Since the Offner optics are made
of mirrors. the image quality in other wavelengths is the same as at 1.6 um. The
vertical bar represents 60 pym.

forms another telescope image plane at a more convenient position where slit or
dichroic can be loaded. The radii of the Offner primary (130 mm diameter) and
secondary (15 mm diameter) are 400 mm and 198 mm, respectively. Pick-off
mirrors are will be located at the telescope focal plane to reflect near-IR light from
a field star to the global tilt sensor for sensing the global tilt error within the

telescope aperture.
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Figure 6.7 shows the layout of the f/15 camera and Figure 6.9 shows the
optical layout of the f/30 camera. Table 6.5 and 6.6 provide parameters for the

two camera lenses.

RMS spot diagrams associated with the f/15 and f/30 camera optics are
shown in Figure 6.8 and 6.10. The RMS spot size is much smaller than 37 um (or
two pixels) for most of the field. Therefore, the AO corrected image quality will be

preserved after the camera optics.

Table 6.5 List of lenses used in the f/15 slit viewer camera. All sizes are in units of
mm.

Lens No. | Glass | R; R, | Thickness | Clear aperture
Lens 1 | IRG2 | 101.7 | 56.6 3 48
Lens 2 | BaF, | 36.6 | —97.1 10 48
Lens 3 | IRG2| 39.2 36.2 7 36
Lens 4 | BaF, | 104.8 | —55.9 10 40
Lens 5 | IRG2 | -51.0 | —82.3 7 40

Table 6.6 List of lenses used in the f/30 slit viewer camera. All sizes are in units of

Lens No. | Glass | R, R, Thickness | Clear aperture
Lens 1 | IRG2 | 101.7 56.6 5 48
Lens 2 | BaF, | 56.6 -97.1 10 48
Lens 3 | IRG2 | 39.2 36.2 7 36
Lens 4 BaF, | 64.7 —88.7 3 20
Lens 5 | IRG2 | -72.3 | ~110.1 5 20
Lens 6 | BaF, | 197.3 32.9 b} 20
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Figure 6.10 RMS spot diagrams in the H band for the f/30 camera in ARIES. The
box represents physical size of 37x37 um? or 2x2 HgCdTe IR array pixels. The
wavelength coverage is 1.1-2.4 uym.

6.7.3. Design of Camera Optics in the Main Channel

All optics for this camera are mirrors. The f/5.6 camera consists of a collimator
made of an off-axis paraboloid, and a three mirror anastigmat. It can provide
108x 108 arcsec®> FOV. Figure 6.11 demonstrates the optical layout of this camera.
The collimator has focal length of 750 mm. A 50 mm diameter pupil is formed
after the collimator. A folding flat is located at this pupil position and reflects the
light into the three mirror anastigmat. Figure 6.12 shows the RMS spot diagrams
associated with the camera optics. The RMS spot size is smaller than 0.2"” (or 37
pum) within 80x80 arcsec? FOV. The rms spot size is close to 0.2"” only near the
edge of the field, which will potentially degrade the image quality by some degree.
However, the image quality from the AO correction is much worse at the edge of

the field than at the center due to the anisoplanatism. The image quality will be
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6.7.4. Design of the Cross-Dispersed Echelle IR Spectrograph

Based on the simulation results, 0.2” slit matches the image-size and provides
about 50% slit transmission for most of the IR spectroscopy. In order to sample the
resolution element (projected 0.2” image size on the detector) with two 18.5 um
HgCdTe pixels, the camera focal ratio should be f/5.6. While the telescope beam
focal ratio is f/15. Therefore, if we limit the collimated beam size to 50 mm, then

the camera effective focal length EFL = 280 mm, and collimator EFL = 750 mm.

The optical layout of the high resolution echelle mode is shown in Figure 6.13.
Properties of the echelle are listed in Table 6.8. A silicon prism with wedge angle of
22.5° provides cross-dispersion. The RMS spot diagrams for an on-axis object are
shown in Figure 6.14. The residual aberrations from the spectrograph system are
much smaller than the resolution element size, 37um, for the HgCdTe. Therefore,
the spectrograph system optics is diffraction-limited. The AO image quality will be

preserved in spectroscopy.

Table 6.8 Predicted properties for the gratings with different blazed angle in the K
band (A = 2.2 um)

Blazed Angle 63.5° 6.9°
Physical Size of the Grating (mm?) 112x50 50x50
Grooves/mm 23.2 30
Resolution 32,000 1,900
Blazed Order 35 4
Free Wavelength Range (mm) 31 17

Wavelength coverage per order (A) 629 5000
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Figure 6.14 RMS spot diagrams for the echelle mode in the ARIES. The vertical
bar represents 37 pm (or 2 pixels).

Figure 6.15 shows spectral format for this high resolution cross-dispersed
echelle mode. The silicon cross-disperser puts J, H, and K bands on the 1kx1k
HgCdTe detector (18.9x18.9 mm?, the dashed square). Free wavelength ranges for
the J, H and K bands are slightly larger than the detector size. While for L and M
band, the free wavelength ranges are about 3 times larger than the detector size.
In order to completely cover all the wavelengths from the J to M bands, either the

diffraction angle or the detector position has to be changed. The smallest order
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Figure 6.16 Spectral format for the R = 2,000 mode. The dashed line box represents
the physical size of the 1kx 1k HgCdTe IR array.

6.7.5. Design of Grisms in the Slit-Viewer Channel

Spectroscopy with R > 2,000 can be achieved by an echelle or an echellette grating
in the main channel. The goal for the design of grisms used in the slit-viewer
channel is to provide spectral resolution R < 2,000. Preliminary spectral resolution

with grisms is identified as R = 400, 900 and 1,400.

Spectral resolution of a grism spectrograph can be directly related to the
spectrograph collimator beam size (d) and camera focal ratio (f), and resolution

element size Az. It is given by

R= g(n—l)tana, (6.1)

where « is the grating blazed angle and n is the index of the prism glass.
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If we choose CaF, as the prism glass and central wavelength is A, = 1.7
pm, then we can use grisms listed in Table 6.9 to meet the spectral resolution

requirements.

Table 6.9 Specifications of grisms planned to use in the slit viewer channel.

Wavelengths plate scale (“/pixel) o (I/mm) prism angle (deg) R

1-2.5 (upm)  0.037 66.8 15.5 900
1-2.5 (um)  0.037 100 23.4 1,400
1-2.5 (pm)  0.037 30.6 7.0 100

6.8. Performance of ARIES

To predict the performance of ARIES we need to estimate the total photon loss
within the whole system. Table 6.10 lists the transmission estimates for the echelle
spectrograph mode. Table 6.11 lists the transmission estimates for the camera
mode in ARIES. Other losses, including sky and telescope transmission loss, are
listed in Table 6.12. Therefore, the total detection efficiency for spectroscopy is

about 15%. and the total detection efficiency for imaging is about 46%.

Figures 6.17 and 6.18 compare signal levels on the HgCdTe IR array and the
various sources of noise as a function of wavelength. The sky continuum emission
flux measured by Maihara et al (1993) is used in these two figures. This value
might be too low if our preliminary measured values shown in Table 6.1 are further
confirmed by future measurements. Both figures indicate that L and M band
spectroscopy will be sky and telescope thermal background noise limited, while in
the J, H and K bands, detector noise (dark current) will limit the spectrograph

performance for faint objects when spectral resolution R > 2,000. Sky continuum
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Table 6.10 Transmission factors for the spectrograph mode of ARIES.

Window (CaF,: AR coated) 0.98
2 Offner mirrors (gold coated) 0.96
slit loss (0.2" slit) 0.50
4 spectrograph mirrors (gold coated) 0.92
Grating 0.60
Prism (4 surfaces, AR coated) 0.92
Detector QE 0.8
Total efficiency 0.19

Table 6.11 Transmission factors for the camera mode of ARIES.

ADC* (8 surfaces, AR coated) 0.86
Window (CaF,: AR coated) 0.98
2 Offner mirrors (gold coated) 0.96
Collimator mirror and fold flat (goat coated) 0.96
3 TMA mirrors (gold coated) 0.94
Detector QE 0.8
Total efficiency 0.58

¢ ADC, which has not been designed, is only required for J and H band imaging.

emission background noise will limit the J, H and K band spectroscopy performance
when spectral resolution R g 2.000. Hence, in order to fully take advantage of

adaptive optics corrected images for near-IR spectroscopy, spectral resolution R
2,000 is the best option. For R = 2,000, the detector noise due to its dark current
is about the same level as the photon noise when H magnitude is around 20. For R
= 32,000, detector noise equals photon noise around H = 17 mag. For the photon
noise limited region, the exposure time t & F~!, F is the flux of the object, while
in the detector noise limited region, the exposure time ¢t o F' =2 Therefore, a much

longer exposure time is required to reach a fainter magnitude limit for the detector
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by the Hubble Space Telescope with 0.1” spatial resolution reveal that most of
galaxies at z ~ 3 have half-light radii of ~ 0.2” (Williams et al. 1996: Steidel et
al. 1996). This radius is much smaller than the typical seeing image size of 1”,
small slit size (e.g. ~ 0.2”) used in the AO spectroscopy will match the image
size and therefore can avoid most of the bright IR sky background without much
photon loss from the “extended” galaxy images. About a 2 magnitude fainter limit
can be reached within the same integration time compared to the limit from the
seeing-limited spectroscopy (~ 1” slit). Furthermore, a recent deep sky K band
survey by Cowie et al, (1996) found that most of field galaxies at z = 1-3 have K
magnitudes between 20 to 24 mag. which are within the detection limits of ARIES

at R = 2,000 within a few hours’ exposure.

Emission lines of hydrogen Balmer series and other lines from the field galaxies
at z ~ 2 with R ~ 2,000 will provide unique opportunities for studying dust
reddening, star formation rate, possible AGN activity and also the Tully-Fisher
relation. The newly calibrated Tully-Fisher relation will provide further luminosity
measurements of these early galaxies. Combined with the dynamical mass derived

from the rotational velocity, we can study galactic dynamics in the early universe.

6.9. Pre-ARIES Wide Field Near-IR Camera

6.9.1. Design of the Wide Field Camera

The optical and mechanical designs of ARIES are almost finished. It will take
perhaps another year to see its first light. Meanwhile, one of ARIES’ 1kx1k
HgCdTe detectors is already available, so we took this opportunity to put this
large format array into a modified IR dewar, which was used to operate the

FASTTRACII NICMOS array, to make a new wide field IR camera. The plate



Table 6.13 100, 1 hr limiting magnitudes for different configurations.
A(gm) R =2,000° R =2,000° R =32,000° R = 32,000°

1.25 20.7 21.6 18.5 18.7
1.65 19.9 21.1 17.9 18.2
2.0 19.6 20.8 17.6 17.9

2.2 19.3(19.3¢)  20.1(20.3¢) 17.4(17,4°)  17.6(17.7¢)
2.4 19.0(19.25)  19.4(19.8°) 17.3(17.3°)  17.4(17.6°)

3.0 16.5 16.5 15.0 15.0
3.6 15.3 15.3 13.8 13.8
4.2 13.5¢ 13.54 12.0¢ 12.0¢
4.8 12.9¢ 12.9¢ 11.4¢ 11.4¢

¢ Based on average sky magnitudes (including OH emission) on Mt. Hopkins, J
= 14.8 mag./arcsec?, H = 13.5 mag./arcsec? and K = 13 mag./arcsec’ (M. Rieke
1996, private communication), which are consistent with our measured values on
Kitt Peak shown in Table 6.1.

® Based on the continuum flux, 590 photons/s/m?/arcsec?/um, between the OH
lines (Maihara et al. 1993).

¢ Based on the telescope emissivity of 4%.

4 Based on the sky and telescope emissivity of 20% (G. Rieke 1996, private

communication).

scale is 0.5” /pix on the detector at the Steward 90 inch telescope. Therefore, the

whole field of view is about 8.5x8.5 arcmin? for the 1kx1k HgCdTe IR array.

The optical layout is shown in Figure 6.19. It was designed to match the f/9
telescope beams. Lenses with spherical surfaces are used for the camera optics
because they cost much less compared to mirrors. A field lens consisting of a
CaF, and fused silica doublet is located 40 mm past the Steward 90 inch telescope
focus. It is used to form a cold pupil with 21 mm diameter in the nitrogen cooled
dewar before the telescope beams hit the detector. This doublet is also used for
the entrance window to seal the dewar. A Lyot stop and a order-sorting filter are

located at the pupil position. The Lyot stop is applied to reduce the thermal
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Table 6.14 List of lenses used in the 90 inch wide field camera. All size is in units
of mm.

Lens No. Glass R, R, Thickness | Aperture size
Lens 1 CaF, 109.9 | —-95.3 14.3 64
Lens 2 | Fused silica | -84.5 | —212.9 7.0 74
Lens 3 BaF, 84.5 | —60.2 10.0 36
Lens 4 | Fused silica | —33.1 | —47.2 9.8 36
Lens 5 BaF, 63.4 | =773 8.8 36
Lens 6 | Fused silica | —77.3 | —18.6 5.3 22

aberration is under controll in the H and K bands. Therefore, 1” arcsec imaging
should be achievable in the H and K bands with this camera under good seeing
conditions at the 90 inch, where the average seeing is 1.5". The RMS spot size

is about 1” (or 37 pm) on the detector for the J band, the image quality will be
degraded by some degree in this band. At the initial design of this camera, we
f