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ABSTRACT

The recent discoveries of extrasolar giant planets (planets like Jupiter orbiting other
stars like our Sun) at small distances from their central stars have revitalized the
fields of planet and planetary system formation. The discoveries have overturned the
former paradigm for planetary system formation which suggested that all planetary
systems would look like our Solar System: these decidedly do not. The new view is
that the early solar system was not nearly the quiescent place previously thought.
but rather a dynamic environment in which planets are both easily created and

easily destroyed.

I have participated in the building of a new paradigm of planetary system
formation, and this thesis describes theoretical and observational work which have
contributed to this field. My theoretical work on the migration of giant planets
from their formation location to distances close to their central star is described. [
show that giant planets can reside at a range of heliocentric distances and masses.

and we reproduce the distribution of observed giant planets, as well Jupiter.

Using this model, I have predicted what the rate of planet formation must
be, and what the initial mass function for forming planets must be, in order to
reproduce the observed planets. I also place some constraints on the mass and

viscosity of the circumstellar disk out of which planets form.

[ show that giant planets close to their central stars are tidally stable, and

stable against atmospheric loss, contrary to intuition.



12

I predict that tidally stripped rocky cores, the remnants of giant planets.
should exist at small heliocentric distances, a byproduct of the migration and mass

loss that a majority of giant planets go through.

Lastly, as an outgrowth of our migration work, I designed an observing pro-
gram to search for circumstellar disks around stars with known extrasolar planets.
[ have detected three such disks, analogs to our Solar System’s Kuiper Belt. and
failed to detect disks around three other stars with extrasolar planets. I discuss my
observing results, and the implications of detecting disks around some, but not all,

of the stars with extrasolar planets [ have looked at.

In the conclusions and future work, I describe how this work forms a coher-
ent part of a larger goal of understanding how, where, and how often planets and
planetary systems form, answering the question of the origin, nature, and unique-

ness of our Solar System.
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CHAPTER 1

INTRODUCTION

People have always wondered about the formation of planets and our place in the
universe. Both early religious tracts and natural philosophical works address the
questions of the origins of the Earth and everything on it. Defining how special our
place in the universe is is an important philosophical quest for humankind, and will

continue to be in our unknowable future.

The origin of the solar system is fundamental to this quest. No lesser
thinkers than Immanuel Kant (1755) and Pierre-Simon Laplace (1796) were the
first to suggest in writing that planets formed out of a regular disk of material
which orbited the sun at early times. While our understanding, knowledge of the
solar system and the universe, and computational power have all increased in the
subsequent two centuries, models for the formation of the solar system and of planets
still leave much to be desired, and many unanswered questions on this topic still
exist. Recent discoveries and new thinking in the past few years have shaken a
paradigm which, only 5 years ago, seemed stable and secure. In this last, the work
in this thesis is timely and addresses of this revolution of thinking: that the early
solar system was not nearly the quiescent place previously thought, but rather a
dynamic environment in which planets are both easily created and easily destroved.

We can detect signatures of this dynamicism with today’s observational studies;
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tomorrow’s observations will no doubt both strengthen parts of the new. rising
paradigm as well as contradict parts. As our understanding grows, so does the
sophistication of the questions we ask about the formation of planets and planetary
systems, and the questions of ages past will continue to be asked in tomorrow’s

scientific, popular. secular, and religious forums.

This thesis represents work done during the transition from an old paradigm
of planetary formation to a new paradigm. While this paradigm shift focuses pri-
marily on the formation of giant planets (planets like Jupiter or Saturn), there
are implications for the formation of terrestrial planets (planets like the Earth or
Mars), as discussed within. In particular, the potential diversity of giant planets
has increased dramatically in the new paradigm, and the possibilities for planetary
systems have been shown, largely following the lead of observational studies. to be

much broader and much more strange than previously imagined.

Giant planets are planets like Jupiter. Jupiter is 318 times more massive
than the Earth, and orbits 5.2 times farther from the sun than does the Earth.
The giant planets in our Solar System are primarily gaseous (hydrogen and helium,
mostly), and it is commonly assumed that all giant planets must be this way -
though there is no proof of this. Terrestrial planets are smaller, and probably have
to be primarily condensed material (rock or possibly ice). However, even these
most basic assumptions may yet fall in the face of future discoveries; many strange

possibilities, unimagined, no doubt lie in front of us.

The old paradigm of giant planet formation suggested that all giant planets.
or Jupiter-like planets, had to be, essentially, like Jupiter. That is, these theorized

planets all had masses and heliocentric distances nearly equal to Jupiter’s. Theory
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was driven by one data point, and from this, a paradigm was developed which
extrapolated a population of giant planets, all of which were clones of Jupiter. This
former paradigm has been described in many places, for example, Boss (1993) and
a review by Lissauer (1993). It had been shown, as a sort of incidental subject
of astrophysics without any particular relevance to our solar system, that giant
planets could migrate from their formation locations (see, for example, Goldreich &
Tremaine 1980; Ward & Hourigan 1989; Lin & Papaloizou 1986; Lin & Papaloizou

1993), although the significance of this work was not recognized at the time.

In 1992, Wolszczan and Frail announced that they had discovered a system
of planets orbiting a pulsar star. While this discovery did not immediately have
implications for the formation of regular solar systems around normal-type stars
like our Sun, the road was paved for systems stranger than had previously been
expected. Finally. in 1995, Mayor and Queloz became the first to find a planet
orbiting a normal-type star other than our own. The star was 51 Pegasi (51 Peg).
a solar-analog, and the planet was 51 Peg b, a Jupiter-like planet whose minimum
mass was announced as 0.47 times the mass of Jupiter. However, the planet’s semi-
major axis was found to be 100 times smaller than Jupiter’s, a scorching planet
orbiting at a radial distance only 10 times larger than the star’s physical radius!
This planet, and ones like it, have upset the former paradigm and revitalized the
field of planet and planetary system formation by providing new, unexpected data.
Since the Swiss announcement in 1995, the SFSU, Texas, French/Swiss, and both
Harvard teams have announced detections of radial velocity planets. At this writing
(Spring, 1999), 18 planets around normal-type stars have been announced (Table 1.1
and Figure 1.1). This class of planets, called extrasolar giant planets, or EGPs, has

essentially reinvented the field of planetary system formation since their masses
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and heliocentric distances span a wide range of values. In particular, the range of
heliocentric distance is in direct conflict with the old paradigm, in which Jupiters
always exist at 3-5 AU. Jupiter now seems like an outsider, although it is well
known that the easiest EGPs to detect are those which are close to their central
stars and have large masses. Planets like Jupiter, comparatively far from its star,

are currently just barely detectable, or not quite so.

10" [ ey —_—

A 2
0
0 | * -
ol e ]
A
A Observed EGPs
upiter
10'1 - 2 i " .....1_1 2 N l)..,llo " 3 2 1
10 10 10 10

Heliocentric distance (AU)

Figure 1.1: Heliocentric distances and (minimum) masses of detected extrasolar
planets. See Table 1.1.

The presence of extrasolar planets at a range of heliocentric distances is
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|  Star | Sp. type | Msini (M;) | a (AU)| e | Ref. |

v And F8V 0.68 0.057 0.1 1
Gl1386 K1V 3.6 0.11 0.024 2
HD75289 GOV 0.42 0.046 0.053 3
55 Cnc G8V 0.84 0.11 0.05 1
47 UMa G1V 2.39 2.1 0.03 4
HD 114762 FoV 10 0.41 0.33 5
70 Vir G4V 6.6 0.43 0.4 6
7 Boo F6IV 3.87 0.046 0.02 1
p CrB GO0Va 1.1 0.23 0.03 7
Gl614 KoV 3.3 2.5 0.35 8
HD168443 G5 5.04 0.277 0.55 9
16 Cyg B | G3V 1.5 1.6 | 063 | 10
HD187123 G5 0.52 0.042 0.03 11
HD195019 | G3IV-V 3.43 0.14 0.05 12
HD210277 GO 1.37 1.15 0.45 9
G876 M5 2.1 0.21 0.27 | 13,14
51 Peg G2.5IVa 0.46 0.05 <0.01 15
HD217107 G8IV 1.28 0.07 0.14 12

Table 1.1: Properties of detected extrasolar planets, as of 1 March 1999. Shown are
star name; spectral type; minimum mass (in Jupiter masses); heliocentric distance
(a. in AU); and eccentricity (e). The mass of planetary companions, as determined
by radial velocity searches, can only be determined to within a factor of sin ¢, where
¢ is the inclination of the planet’s orbit with respect to the observer. References:
(1) Butler et al. 1997 (2) Queloz et al., unpublished announcement (3) Mayor et
al., unpublished announcement (4) Butler and Marcy 1996 (5) Latham et al. 1989
(6) Marcy and Butler 1996 (7) Noyes et al. 1997 (8) Mayor et al. 1999 (9) Marcy
et al. 1999a (10) Cochran et al. 1997 (11) Butler et al. 1998 (12) Fischer et al.
1999 (13) Marcy et al. 1998 (14) Delfosse et al. 1998 (15) Mayor and Queloz 1995.
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unexplainable in the old paradigm. In particular, small heliocentric distances are
especially problematic. In the old paradigm, planets form by core accretion in
which a rocky or icy core forms by planetesimal accretion at 3-5 AU. When this
core reaches some critical mass, gas from the protoplanetary disk accretes in an
envelope onto the core, thus forming the planet’s atmosphere (Pollack et al. 1996).
In the core accretion model, planets are (or were) typically assumed to form and
stay at masses and heliocentric distances similar to Jupiter’s. A proposal that giant
planets can form in situ at small heliocentric distances (Wuchterl 1993, 1996) is
more or less untenable due to lack of material if the body is expected to be rocky
(following the feeding zone argument in Canup and Esposito (1996)), or instability
of a planet’s atmosphere (Guillot et al 1996.; see also Chapter 5). Barring in situ
formation, it seems necessary that giant planets should form at or near Jupiter’s
heliocentric distance, and migrate to their final distances after formation. One pro-
posed mechanism for this migration, scattering among multiple equal-massed giant
planets, has been suggested by two groups (Weidenschilling and Marzati 1996; Rasio
and Ford 1996). This mechanism requires not only fortuitous timing and planetary
masses, but also good aim: the cross-section for depositing a planet at small helio-
centric distances without losing the planet onto the central star is incredibly small.
For this mechanism to have succeeded in a number of cases, it must have failed in
a prohibitively large number of cases. Furthermore, this mechanism is very bad at
producing planets at a range of heliocentric distances; yet this is exactly what is

observed.

Another possible formation mechanism has been suggested by Boss (1997).
He proposes that giant planets form from direct condensation. This is opposed to

the traditional formation paradigm, in which giant planets form from accretion of
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protoplanetary disk gas onto a solid core which accretes out of solid material in the
disk (see, for example, Pollack et al. 1996). In the direct condensation model. the
disk collapses due to gravitational instability directly into a planet-massed clump
without a core accretion stage first. This formation mechanism lies somewhere
between the planet core-accretion model and the dual-collapse of a molecular cloud,
the usual mechanism which forms binary star systems. Boss’ model originally was
proposed to produce EGPs at small heliocentric distance. However, he has later
shown (Boss 1998; A. Boss, pers. comm.) that direct condensation is not very
efficient at producing either bodies near the central star nor bodies with masses as

small as the mass of Jupiter.

A migration mechanism in which planets migrate smoothly from their for-
mation location seems to be the most promising, lacking many of the crucial prob-
lems which other mechanisms have. The process is robust, predictable, and predi-
cated on understandable and observable physical parameters. Furthermore. the mi-
gration model, as employed in our work, can produce a population of giant planets
at a range of heliocentric distances which resembles the observed EGP population
and also Jupiter. Lastly, our migration model makes predictions for populations of

as-yet undetected giant planets, providing a testable hypothesis.

The work represented in the thesis, therefore, is largely based on our mi-
gration model. We have studied the problem of how giant planets form and evolve,
and how their evolution affects the rest of the solar systems in which they form.
Chapter 3 presents the initial study of our migration model. Much of this chapter
appeared as Trilling et al. (1998). In it, we describe the details of our migration

model; the results, as compared to the known extrasolar planets at the time when
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the paper was written; and describe how migration could have affected our solar
system. We also discuss the necessity of planetary mass loss and its relevance to
the observed extrasolar planets. Chapters 4-6 discuss outgrowths of our study in
Chapter 3 in which I discuss other properties of extrasolar planets: their tidal sta-
bilities, atmospheric stabilities, and the possibilities and implications of an interior
rocky core. Chapter 7 is largely the submitted paper Trilling et al. (1999c). in
which we discuss, on the basis of our migration model, the survivability of planets
which form, and, consequently, what the planet formation efficiency must be in or-
der to produce the observed EGPs and Jupiter. We make further predictions in this
paper. Chapter 8 describes our first observing work, based on an idea suggested
by the migration model. In this chapter, we describe and characterize the first cir-
cumstellar disk observed around main-sequence, Solar System-aged star bearing an
extrasolar planet, and discuss the relationship of the disk both to systems forming
planets and to our own solar system. Much of this chapter appeared as Trilling and
Brown (1998). Chapter 9 is the next set of results from our observing program.
and describes the detection of two more circumstellar disks, along with null results
(non-detections of disks) for three stars known to have EGPs. This paper has been
submitted as Trilling et al. (1999). Lastly, Chapter 10 gives the conclusions of the

thesis, as well as directions for future work and outstanding questions.



CHAPTER 2

BACKGROUND ON RADIAL VELOCITY DETECTIONS OF
EXTRASOLAR PLANETS

The recent detections of extrasolar planets at small heliocentric distances have
changed our perspective on planetary system formation. This chapter serves as
a brief tutorial on the radial velocity technique which has allowed extremely precise

measurements which in turn have revealed the surprising extrasolar planets.

The radial velocity teams include the San Francisco State University group
of Marcy, Butler, Fischer. Vogt, and others; the Texas group, including Cochran.
Hatzes, and others; both Harvard groups, with Noyes, Latham, Stefanik, and others:
the Swiss team of Mayor, Queloz, Udry, and others; as well as other groups working
around the world. These teams all use the radial velocity Doppler shift method
of looking for planets. In this method, a star’s spectrum is monitored to measure
precisely the shift of spectral lines relative to a very stable well known standard
set of absorption lines (typically an iodine cell mounted on the telescope). The
term “radial velocity” refers to the star’s motion along the line of sight between
the observer and the star. The radial velocity component of a star’s motion can
be measured much more accurately than the star’s side-to-side motion on the sky.
This radial velocity is measured by finding the Doppler shift, that is, the shift of

the star’s absorption lines relative to lines at rest. As the star moves either toward
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or away from the observer, the star’s absorption lines are shifted to the blue or red,

respectively.

All stars in the sky have radial velocities relative to the Earth; most stars
are moving away from the Earth. What the radial velocity teams are measuring are
small departures from the star’s overall radial velocity. These departures are caused
by the presence of another body (or more than one) in the system. In a multiple-
body system, the central star orbits around the barycenter of the system (that is, the
center of mass of the system) rather than around its own physical center. Therefore,
the star “wobbles” back and forth as the perturbing bodies orbit the central star.
These small perturbations are measured by the radial velocity teams. Periodic
perturbations give both the period (and therefore semi-major axis) of the perturbing
companion and the minimum mass of the companion (from the amplitude of the
perturbations). From the shape of the periodic disturbance. the eccentricity of the
companion’s orbit is also measured. Only the minimum mass is known because the
measurement can only determine the component of wobble in the radial velocity
direction. If a companion orbits a star at some angle relative to the radial velocity
vector then only the radial velocity component of the wobble is measured. This
angle is the inclination of the system: the angle between the radial velocity vector
(direction between the Earth and the star) and the rotation pole of the system.
An edge-on system has an inclination of 90 degrees, and a face-on system has an
inclination of 0 degrees. There is no way in the radial velocity technique to measure
the magnitude of the star’s wobble in two dimensions, which is what is needed to
determine the companion’s mass exactly. With only one-dimensional measurements.

only the minimum mass of the companion can be determined.
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The fact that only the minimum mass is determinable with this method
creates situations in which a companion is known to exist, and its minimum mass is
known, but it is not known whether the companion is a planet with mass similar to
Jupiter (an inclination of 90 degrees) or whether the companion is a main-sequence
star (inclination of 0 degrees.). I will discuss inclinations in Chapters 8 and 9. Our
observational technique determines the system’s inclination, thus implicitly giving

the companion’s mass.

Since the announcement of radial velocity companions, there have been
two discussions in the literature about the technique and interpretation of the data.
The first deals with the question of interpreting the data. David Gray applied
the “line-bisector” method of analyzing data to the radial velocity measurements.
He asserted that what was being measured by the radial velocity teams was not.
in fact, barycentric wobble of a star, but rather a non-radial pulsation of some
kind. In other words, Gray said that the radial velocity teams were observing an
intrinsic variability in the star itself (Gray 1997, Gray and Hatzes 1997). Gray
suggested that the shapes of the line spectra vary with the same periodicity that
the companion was reported as having, implying that the star itself was distorting
with that frequency. However, the non-radial pulsation has largely been ruled out.
for several reasons: (1) 7 Boo, another star with a radial velocity companion. shows
no line bisector variations; (2) the photometric stability of 51 Peg and other stars is
quite good. reducing the possibility of a non-radial pulsation. which would change
the luminosity of the star; and (3) almost all stars with known radial velocity
companions are near solar analogs. Our sun exhibits no such non-radial pulsations,
and furthermore, the stars with companions would all have to have different non-

radial pulsations to match the different periodicities identified in the data. Finally.
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higher resolution data were acquired by Gray (Gray 1998) and by the Texas group
(Hatzes et al. 1998a, Hatzes et al. 1998b), and both new sets of data reveal no

variation in the line shapes. confirming the planet hypothesis.

The Swiss team has discovered, in addition to a number of radial velocity
companions whose minimum masses are around the mass of Jupiter, 10 companions
whose minimum masses are quite a bit larger, firmly within the brown dwarf realm
of 13 - 80 Jupiter masses (Mayor et al. 1996). Statistically, the most likely masses
for these companions are around a factor of two larger than the minimum mass.
Among these 10 stars, 6 were observed by the Hipparcos satellite. For all six of
these, the motion in two directions on the sky were measured, and Michel Mayor
(pers. comm.) has found that all six of these systems are nearly face-on. that is.
the companions are all main sequence stars with masses much greater than their
minimum masses. This is statistically unlikely, yet is apparently the case. This
raises the question whether such would also be true for all stars with radial velocity
companions. Qur observational work has shown that this is not the case for at least
three stars, and it is probably not the case for the other stars with companions as

well; Mayor’s sample must simply be “unlucky.”
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CHAPTER 3

MIGRATION OF GIANT PLANETS

Giant planets in circumstellar disks can migrate inward from their initial (formation)
positions. Radial migration is caused by inward torques between the planet and the
disk; by outward torques between the planet and the spinning star; and by outward
torques due to Roche lobe overflow and consequent mass loss from the planet.
We present self-consistent numerical solutions of the problem of migrating giant
planets. Summing torques on planets for various physical parameters, we find that
Jupiter-mass planets can stably arrive and survive at small heliocentric distances.
thus reproducing observed properties of some of the recently discovered extra-solar
planets. Inward migration timescales can be approximately equal to or less than
disk lifetimes and star spindown timescales. Therefore, the range of fates of massive
planets is broad, and generally comprises three classes: (I) planets which migrate
inward too rapidly and lose all their mass; (II) planets which migrate inward, lose
some but not all of their mass. and survive in very small orbits; and (III) planets
which do not lose any mass. Some planets in Class III do not migrate very far from
their formation locations. Our results show that there is a wide range of possible

fates for Jupiter-mass planets for both final heliocentric distance and final mass!.

'Much of this chapter appeared as Trilling et al. (1998) in The Astrophysical Journal. This
chapter is an enhanced version of the published paper, with additional figures and text.



3.1 Introduction

The recent discoveries (see Table 1.1) of extra-solar planets have revitalized dis-
cussions on the theory of planetary system formation and evolution. In particular,
several of these planets are found to be on the order of a Jupiter-mass (1 M;
= 2 x 10*% g) or greater, and in very close proximity to their central stars. Prior to
the discoveries of planetary companions in very small orbits, it was predicted that
Jupiter-type planets would form (and, by implication, exist) only at or outside of
the ice line (3 - 5 AU) (Boss 1995). In addition, although close giant planet forma-
tion may be theoretically possible (Wuchterl 1993, 1996}, this requires the initial
formation of a solid core of at least 5 to 10 Earth masses which may be difficult to
achieve very close to the parent star. It is therefore most likely that Jupiters cannot
form at small heliocentric distances (see also Boss 1995; Guillot et al. 1996), which
thus leaves the question: How did the observed massive close companions to stars

get to their current locations?

Jupiter-mass planets can migrate inward from their formation locations
(see, for example, Lin et al. 1996; Lin and Papaloizou 1986; Lin and Papaloizou
1993; Goldreich and Tremaine 1980; Ward and Hourigan 1989). We consider here
under what physical conditions planets may migrate inward, and how, where. why.
and when a planet will stop its inward migration. Rather than consider catastrophic
interactions among more than one planet (Weidenschilling and Marzati 1996: Rasio
and Ford 1996), we model isolated massive planets which smoothly migrate as a
result of the net torques on the body. We find three broad classes for massive
planets: (I) planets which migrate inward very quickly and disappear due to mass

loss from Roche lobe overflow; (II) planets which migrate inward, lose some but
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not all of their mass, and stably survive at small heliocentric distances; and (III)
planets which do not lose any mass during migration. Some planets in Class [IImove
radially only a small distance from their formation locations. In the context of this
picture. massive close companions can result from a variety of initial conditions, and
form a population which overlaps with and includes the detected close companion
population. Our distribution of final masses and heliocentric distances predicts that
massive planets can be present at any heliocentric distance between their formation
locations and extremely small orbits, and we predict that as detection sensitivities
increase, massive planets will be found to have an almost continuous distribution
of heliocentric distances, from a fraction of an AU all the way out to the ice line or

beyond.

Our general model is to sum up the torques on a planet and find its radial
motion in the circumstellar disk. We compute, in a one dimensional model. torques
on a planet due to disk interactions (inward for the parameters which we adopt):
torques on a planet due to interactions with the rapidly-spinning star (outward); and
torques on the planet due to mass loss onto the star (outward for the conservative
mass transfer case). Sections 3.4, 3.3, and 3.6, respectively, describe the calculation
of these torques and the resulting radial motions. These torques must be calculated
numerically in order to combine the results in a self-consistent model. In Section
3.7, we present the results of adding these torques together and calculating the
orbital evolution of massive planets. Our work is the first to quantitatively and self-
consistently consider these three torques and the problem of extrasolar planets. In

Section 3.8 we discuss our results. Section 3.9 provides conclusions and predictions.



3.2 Planet formation and assumptions in the model

Our model begins, at time = 0, with a fully formed gaseous giant planet of a given
mass at a given heliocentric distance. The circumstellar disk is assumed to have
smooth, power-law radial density and temperature profiles, and to be axisymmetric.
Jupiter-mass planets may require most of the lifetime of the disk to accrete (10° to
107 years (Zuckerman et al. 1995; Pollack et al. 1996). However, we incorporate
this possibility in our model by allowing some disks to dissipate during the planet’s
migration, thus letting the effective disk lifetime (7y;sx) be the actual disk lifetime
minus the time to form the planet, and consider this quantity to be the limiting

time constraint.

When an accreting planet has sufficient mass, it will form a gap in its disk
(see, for example, Lin and Papaloizou 1993); gap formation terminates the accretion
process®. In all interesting cases in this study, the gap forms quickly. Therefore.
starting with a fully formed giant planet in a disk with an initial smooth density
distribution is adequate and appropriate. We solve for the one-dimensional (radial)

movement of massive planets. The orbits are assumed to be Keplerian and circular

at all times.

>There is some controversy as to whether this is technically correct. Pavel Artymowicz (Arty-
mowicz and Lubow 1996) and Andy Nelson (pers. comm.), in particular, have shown that some
small amount of mass can cross the gap by flowing onto the planet. This mass crossing also is
a transfer of angular momentum. However, by all accounts, this post-gap accretion, if it exists,
must be small, and we here ignore this late accretion, which likely accounts for less than 1% of
the planet’s final mass.



3.3 Migration of planets in circumstellar disks

A planet and its circumstellar disk interact tidally which results in angular mo-
mentum transfer between the disk and the planet (e.g., Goldreich and Tremaine
1980; Ward and Hourigan 1989; Lin and Papaloizou 1993; Takeuchi et al. 1996;
Lin and Papaloizou 1986; Ward 1997a, 1997b). The planet’s motion in the disk
excites density waves both interior and exterior to the planet. Spiral density waves
travel away from the planet, both inward and outward. The waves which travel
inward and which occupy Lindblad resonances in the disk cause a net angular mo-
mentum transfer outward, from disk to planet. Similarly, the waves which travel
outward and occupy Lindblad resonances in the disk cause outward angular mo-
mentum transfer, from the planet to the exterior disk. There can be a net angular
momentum transfer outward; when this occurs, both the inner disk and the planet

move inward, to conserve the angular momentum of the system.

Planets in disks can migrate in one of two general ways: Type [ (without
a gap) and Type II (with a gap) (Ward 1997a). Planets with masses smaller than
a certain cutoff mass migrate without forming a gap in the disk. and the migration
timescales are faster than gap-induced migration timescales by several orders of
magnitude (Ward 1997a). The cutoff mass is not known exactly, but is likely around
a few percent of a Jupiter mass (see discussion of this in Chapter 6). Planets around
Jupiter’s mass are massive enough to form a gap in their disk, and therefore the Type
IT migration (with a gap) is the dominant form of migration. In our model, we place
a fully-formed Jupiter-mass planet in a smooth circumstellar disk, and the planet
rapidly forms a gap in the disk. In reality, there are competing timescales: planetary

accretion, Type I migration, gap formation, Type II migration, and disk dissipation
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timescales. If the migration timescales are short, then the planet may not survive.
In this paper, we discuss the cases in which the Type II migration timescale and
the disk dissipation timescale are comparable. We do not consider the case relevant
during the early stage of planetary formation, when planetary accretion is competing
with Type I migration. This is work which may have important consequences for
planetary formation, and we are working on incorporating models of accretion and

migration.

Torque on the planet is created by the interactions between the planet and
the disk material at the Lindblad resonances. Torque is applied both in the negative
sense from the inner disk onto the planet, and in the positive sense from the planet
onto the outer disk. A differential torque (when the sum is nonzero) can exist when
there is a gradient in the surface density of the disk (Lin and Papaloizou 1993). This
differential torque causes radial migration. The magnitude of the torque depends
on many factors, including the mass ratio of the planet to disk, the viscosity of the

disk, and the surface density of the disk, as described in the following section.

3.4 Application of disk torques in our model

We model a thin axisymmetric disk with radial temperature and initial surface
density profiles given by power-laws with exponents -1/2 and -3/2, respectively
(Takeuchi et al. 1996). Our nominal circumstellar disk has the following physical
parameters: « equal to 5 x 1073, where « is the usual disk viscosity parameter
defined by a = vQ/c2, in which v is the viscosity in the disk, © is the Keplerian
angular velocity at a given heliocentric distance, and c¢; is the sound speed (Shakura

and Sunyaev 1973); My = 1.1 x 1072 Mg (Beckwith and Sargent 1993); and scale
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height equal to 0.05 AU at 5.2 AU (Takeuchi et al. 1996). We take the nominal
effective lifetime of the disk to be 107 years, based on observations (Zuckerman
et al. 1995), with a range of 10° to 107 years. All of these physical parameters are

varied from their nominal values to model disks with different properties.

The magnitude of the torque on the planet depends on the amount of disk
material present near the planet, and thus on the size of the gap. We simplify
the expression of these torques by adopting the impulse approximation of Lin and
Papaloizou (1986), in which dissipation of the density waves is assumed to be local
and angular momentum is deposited close to the planet through dissipative phe-
nomenon such as shocks. The local dissipation approximation is reasonable because
the disk which is nearest the planet has the largest influence in causing a torque on
the planet. The accuracy and validity of this approximation is discussed at the end

of this section.

The radial motion of a planet in a circumstellar disk, due to interactions

with the disk, is given by

da a % 47( Roue -
7 =-(&0) (7) Jo RA(R)S(R)dR (3.1)

where a is the heliocentric distance of the planet; M, and M, are the masses of the
central star and the planet, respectively; R is the radial coordinate, with R;, and
R, are the inner and outer boundaries of the disk, respectively; A is the injection
rate of angular momentum per unit mass into the disk due to interactions between
the disk and the planet; and ¥ is the surface density of the disk (Lin and Papaloizou

1986). Note that the radial motion of the planet is inversely proportional to the
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mass of the planet, so that more massive planets move less rapidly. The angular
momentum injection rate for the impulse approximation with local dissipation is

also taken from Lin and Papaloizou (1986):

A(R) =sign(R — a)

v 4
fG*G M., ( R ) (3.2)

2R 1A
where f is a constant of order unity. ¢ is the mass ratio between the planet and the
star (M,/M.), and A, is equal to the greater of H or |R — a|, where H is the scale
height of the disk. We solve for ¥ in equation 3.1 with a fully implicit solution to

the continuity equation for the disk rewritten as (Lin and Papaloizou 1986)

(3.3)

S 1.0 [, 12 9 2y _ 2AZRY?
> = —[JR 55 (VSR — :

(GM,)?
We take the density equal to zero in the innermost zone of the disk to represent
material from the inner boundary of the disk falling onto the star. Thus. we solve
for ¥(R) and A(R) and then compute the integral in equation 3.1 to find the radial

motion of the planet. Figures 3.2-3.5 show the evolution of several model disks.

The gap formed by the planet in the disk is crucial in determining the
behavior of the system. A gap in the disk is created as the planet clears material
from its orbit. The size of the gap depends on the mass of the planet and inversely
on the viscosity of the disk (Takeuchi et al. 1996; Lin and Papaloizou 1986; see
egs. 3.1 - 3.3). Figure 3.6 shows gap size in the disk as a function of initial
planetary mass. The gap is defined as the region in which the surface density is
less than half of what it would be if there were no planet in the disk. This figure

compares our results (circles), using the local dissipation approximation of Lin and
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Figure 3.2: Surface density of a circumstellar disk, versus time and heliocentric
distance. This disk has the nominal values (see text for discussion), with a 1 M;
planet orbiting in it. The planet moves inward by angular momentum transfer; as
the planet moves inward, the gap formed by the planet also moves inward, as shown.
The planet (not shown) is in the middle of the gap. This planet reaches its Roche
limit and loses all of its mass by 1.75 x 10° years, so the model stops.
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Figure 3.3: Same as Figure 3.2, only for a 5 M; planet. The more massive planet
clears a large gap extremely quickly, and therefore does not migrate very far because
the surface density near the planet is zero. See Chapter 7 for further discussion of
migration timescales as a function of planetary mass. This planet survives until
100 years; shown is the disk evolution through 108 years.
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Papaloizou (1986), against results using the more computationally intensive WKB
approximation of Takeuchi et al. (1996) (shown as squares). For each model.
a’s of 5 x 1072 and 1072 are shown. The impulse approximation which we use
closely reproduces gap formations found with the more complex scheme; therefore
our simplifying assumption is valid. The time “snapshot” shown in Figure 3.6 is
10* years, a time after the gap has fully formed but before the planet has started to
migrate significantly from its initial location. The disk continues to evolve after this
time, and as the planet moves inward, the gap created by the planet moves inward
as well. The inner edge of the gap is continually eroded, and the outer edge fills
in viscously, as the planet moves inward. Note that larger viscosities cause smaller
gaps and therefore faster inward migration; larger diskmasses also cause smaller

gaps and subsequently more rapid inward migration.

In this work, we assume that the circumstellar disk dissipates after 107 vears,
based on observational evidence (Zuckerman et al. 1995). In our model, we do not
attempt to model the exact physics of disk dissipation. [nstead, we simply assume
that, as a local phenomenon, the disk has dissipated from regions close to the
planet after this time. In terms of the behavior of a planet, only the local disk is
important, and disk-clearing processes elsewhere do not affect the behavior of the

planet. However, in future work, we intend to model disk dissipation explicitly.

3.5 Torques from the spinning star

As a migrating planet gets close to its central star, tidal bulges raised on the star by
the planet become important to the net radial motion of the planet. Because stars

are dissipative, the stellar tidal bulge is not aligned with the line of the centers of
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mass of the star and the planet (Goldreich and Soter 1966: Stacey 1977: Hubbard
1984). In most cases, our model planets do not migrate to separations smaller than
the co-rotation point with the rapidly rotating star; therefore, we assume that in
all cases, the star is rotating faster than the orbital period of the planet. so that
the tidal bulge leads the line of centers. However, for a more rigorous and complete
discussion of this, see Chapter 4. When the planet is always exterior to co-rotation.
the torque on the planet is in the outward sense, and the planet slows the rotation
rate of the star, as is the case with the Earth-Moon system. As energy is dissipated
within the star and the star slows down, the planet must move outward to conserve

angular momentum.

The radial motion of the planet due to spin torque interaction with the star

is given by

4

a2 %
where 0, is the Keplerian angular velocity of the planet, R, is the stellar radius.
and @. is the tidal dissipation factor of the star (Lin et al. 1996; Goldreich and
Soter 1966). The numerical coefficient is from the expression for body of uniform
density; however, departures from this can be incorporated into uncertainties in @,
(see below). Including the effects of infall of material onto the star and the release of
energy from gravitational contraction, the stellar radius decreases from early times

until 107 years with the following function:

(AT
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where o is the Stefan-Boltzmann constant, T is the surface temperature of the star
(taken to be 4600 K), ¢ is elapsed time since the star completed its accretion. and R,

is the star’s initial radius, taken to be four times the sun’s current radius (Cameron

1995).

The dissipation factor () describes how efficiently rotational energy is dis-
sipated by friction within an object (Hubbard 1984; Rasio et al. 1996). We use a
value of 1.5 x 10° for @, (Lin et al. 1996), and a range of Q. = 1.5 x 10* to 1.5 x 108,
for a pre-main sequence star. By comparison, Jupiter has Qs in the range 10* to 10°
(Hubbard 1984), and a main sequence star has Q, > 108. Q for the Earth is around
100 (Hubbard 1984). For smaller Q.’s, the star dissipates energy less efficiently,
and the (outward) tidal torque on the planet is greater than is the case for larger
@.’s. Again, see Chapter 4 for a more thorough discussion of the physics of the

tidal torque between the planet and the star and a more detailed characterization

of Q.

We adopt a spin-down time for the star of 108 years, since after this time.
the star’s rotation rate has decreased by roughly an order of magnitude from its
rapidly rotating state (Skumanich 1572; Barnes et al. 1999b). The effect of different
spindown timescales, from 107 to 108 years, on the results of the model is small. The
tidal torque is essentially absent after 108 years due to the star’s higher @, and slower
rotation rate. In fact, all systems with close companions (with the exception of the
tidally locked 7 Boo system) are still evolving dynamically due to tidal torques
between the bodies, but the orbital decay time for 51 Peg b, for example, is more
than 10'2 years (Rasio et al. 1996), much longer than the main sequence lifetime of

the star, so we do not include this late orbital evolution in our model. See Chapter 4
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for further discussion of tidal locking and tidal decay of planetary orbits.

Tidal heating of the planet is caused by tidal bulges raised on the planet
due to the star, similar to the mechanism which produces outward tidal torques on
the planet. Significant heating of a planet due to external torques would alter its
internal structure and behavior and therefore be important in the mass overflow

regime. The tidal heating rate of the planet is given by Lunine and Tittemore

(1993), after Peale and Cassen (1978), as

dE koM n3R3 21
2T ”( 3 ) (3.6)

U -2 —‘92
dt 2Q, \2°¢ 73

where E is the energy input to the planet due to tidal heating, k; is the planet’s
Love number (k2 ~ 0.5 (Hubbard 1984)), n is the orbital mean motion, e is the
eccentricity of the orbit, and @ is the obliquity. For a planet with a four-day period
and e = 0.1 and § = 0, the heat energy input is ~ 10%° ergs/sec. Since a Jupiter-mass
planet in such a close orbit would have luminosity > 1028 ergs/sec (see Figure 3.11).

we find that tidal heating of a close planetary companion is negligible.

3.6 Mass loss and conservation of angular momentum

When a migrating planet gets sufficiently close to its primary star, the planet’s
radius can exceed its Roche radius. When this occurs, mass transfer from the planet
to the star takes place. During transfer, the planet moves outward to conserve the
angular momentum of the system. In the case of stable mass transfer, the planet
moves to a distance at which its planetary radius is equal to the Roche radius; for

the gaseous planets we consider, this heliocentric distance is exterior of the planet’s
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location. [By comparison, the discussion of mass loss from a rocky core (Chapter 6)
refers to a situation which is not stable, as in that case, the new heliocentric distance
at which planetary radius equals Roche radius is interior to the planet’s location.]
This requires that the planetary radius not increase too fast. Therefore, the distance

to which the planet will move is determined by the planetary radius, and hence is

a function of the intrinsic properties of the planet: its age, temperature, and mass.

The planets in our model are not point masses, but have radii and internal
structures which are calculated at each location and time through the planet’s
evolution. This is different than other models of planetary migration in which
planets are point masses. We therefore can investigate the behavior of the planet

as it evolves in a way which other workers cannot.

3.6.1 Internal structure of model planets

A grid of quasi-static evolution models was calculated as described in Guillot et al.
(1996). For a given composition, the radius of a planet (R,) is a function of its
mass M,. its equilibrium temperature T,,, and time t. The grid was calculated for
0.4 My < M, <10 My, 0K < T, <2000K, and for a few billion years. starting

from an initial extended planet of about 16 Jupiter radii (Ry) at ¢t = 0.

When the incoming stellar heat is redistributed equally over the entire
atmosphere of the planet, the equilibrium temperature is related to the orbital

distance by

L.

4q2

droTy = (1 — A) (3.7)
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where A is the Bond albedo of the planet and L, is the stellar luminosity. For
simplicity, we assume A =0 and L. = L (1 L = 3.9 x 10®¥ erg/sec). Of course.
any uncertainty on A is equivalent to an uncertainty on L. (except in the limit

A — 1). The effect of these uncertainties is discussed below.

The effective temperature of the planet is defined by the equation

drR20TS ;= Lp + 47 R30Ts, (3.8)

where L, is the intrinsic luminosity of the planet, and is a function of M,, T,
and t. The time variable is inappropriate as a conserved quantity during mass loss
calculations because the interior of the planet and the orbital evolution are not cou-
pled, and because a time origin cannot be defined in an absolute way. Heliocentric
distance is not a useful conserved quantity either, since a changes while the planet
moves. Therefore, although the radius of the planet is, in general, R,(M,.a.t).
when considering continuous mass loss from a planet, we use R,(M,.T,S), where S
is the specific entropy (entropy per unit mass). Planetary mass. temperature. and
entropy are continuous variables over which the grid of models can be both interpo-
lated and differentiated; temperature and entropy are both conserved during mass
loss events. The grid of models has minimum mass of 0.4 Mj; therefore, planets are
considered to have lost all their mass and disappeared when M, < 0.4 M;. Note
that none of the planets in this suite of models therefore ever enter a regime in
which the planetary core is involved in mass transfer. The core would be made of
solid (rocky) material, and behave very differently in a mass transfer regime. This

idea of rocky cores is explored in Chapter 6.
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The conservation of the specific entropy at the center of the planet during
mass-loss events is exact in the case of a fully convective planet, as long as the
atmosphere can adjust to the new equilibrium on a time scale much shorter than
the mass loss time scale. This is generally the case since for T = 1000 K and pressure
~ lbar the heat capacity is ¢, &~ 10® erg/K/g and the Rosseland mean opacity is
kr = 1072 cm?/g, so that the radiative diffusivity can be estimated as:

1 16073

K, =—
pcy 3pKR

~ 10° cm?/s.

Therefore, the corresponding time scale is 7, ~ L?/K, = 0.3 years, using L =~ 10% cm
(about 1% of the planetary radius). This is smaller than the mass loss time scale
since it takes about 10% to 10* years to lose about 1% of the planetary mass by

Roche lobe overflow (see below).

However, planets in very close orbit do not generally stay fully convective
but develop an inner radiative zone due to a strong (and unavoidable) decrease of
their internal luminosity (see Guillot et al. 1996, 1997b). The entropy is therefore
larger at the top than at the bottom of the radiative zone. As a result. not onlv the
atmosphere but also the inner radiative zone have to adjust to the new equilibrium.
The previous time scale estimation, now estimated using twice the temperature
and a mean pressure of 100 bar, yields a 7, which is ~300 times larger (assuming
the same characteristic opacity), or about 100 years. This is close to the mass loss
characteristic time scale: non-equilibrium effects may therefore be significant. We
will neglect them in the present work, thereby somewhat underestimating the extent
of mass loss by Roche lobe overflow. Other sources of uncertainty are expected to

be more significant, as discussed herealfter.
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The largest source of uncertainty in the calculation of the internal structure
and evolution of the planets and therefore on the presence and magnitude of mass
loss torques is due to the inaccurate representation of the atmospheres of these ob-
jects. In our calculations, mass loss always occurs when the planet is very close to
its parent star. The incoming stellar heat flux is then very significant. and the in-
trinsic luminosity of the planet comparatively very small. Interior and atmospheric
models are coupled using a relation linking the effective temperature to the tem-
perature at a given pressure level (see e.g. Saumon et al. 1996). This relation is
based on atmospheric models calculated assuming no incoming stellar flux, and is
equivalent to assuming that the stellar flux (mostly emitted at short wavelength)
is absorbed deep in the atmosphere. Although it is not totally unrealistic (and it
is the best that can be done at the moment), the resulting R,(M,,a.t) relation is
very uncertain (i.e., the accuracy on the partial derivative dR/dt is probably about
a factor two), thus affecting when mass loss occurs and how much mass is effectively
lost by the planet. It is also important to emphasize that the radii are defined at
the 10 bar level, and that “hot Jupiters” might have extended atmospheres. so that
the effective radius of the planet is slightly larger than estimated here, although the

fraction of mass contained in the extreme upper atmosphere is small.

Finally, the uncertainty in A and L, will tend to shift the orbital distances
at which mass loss occurs. For example, a stellar luminosity of 2L causes a
planet to lose mass at a larger heliocentric distance than for the nominal case. The
result is that in the 2L case, the planet’s final mass is smaller than for the same
initial mass planet in the nominal disk. However, we stress that refinements in the
treatment of planetary atmospheres will not affect the qualitative behavior of the

system, although the exact values of mass and distance at which mass loss occurs
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may change with improvements in planetary atmosphere models.

Because of the errors associated with exact quantitative solutions, in the
general sense we focus on the behavior of the class of migrating giant planets, rather
than specifically focusing on the mass-loss planets. While we maintain that mass-
loss planets can be important, and that the physical behavior is imperative for
relevant planets, we can only approximate or estimate which initial masses might
result in mass-loss planets. However, patterns of migration and the resulting classes
of planets are robust, and the errors resulting from these approximations have little

effect on our conclusions.

3.6.2 Planetary mass loss and consequent radial motion

The Roche lobe overflow regime begins at the distance where the planet’s radius is
equal to or greater than its Roche lobe radius. The Roche radius is given by the

following (Eggleton 1983):

0.49¢*/3a

Ry = .
T 06422 +1n(1 + ¢73)

(3.9)

For stable mass transfer in which material from the planet is transferred
inward onto the central star, the mass loss rate due to Roche lobe overflow of a

planet is determined by and balances the net inward torque, and is given by

dM, M, (dlnJ, 1dInR, 3.10)
dt ~— C dt 2 e

where J, is the orbital angular momentum of the planet, and where
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1 1 .
C=(1—q)—§/3(1 +q)+§ap (3.11)

(Cameron and Iben 1986; Benz et al. 1990). The derivative of the planetary radius
with respect to time in equation 3.10 is at constant mass, but allows heliocentric
distance and age to change. Since temperature is a function of distance and entropy

is the time variable, we have

dinR, JInR,dS  JlnR,dT da
d¢ — 9S dt 0T da dt’

(3.12)

The planetary radius partial differentials come from our grid of atmosphere models;
dS/dt comes from the evolution models as well; dT'/da comes from equation 3.7;
and da/dt is the planet’s radial motion from the sum of disk and tidal torques. The

remaining parameters in equation 3.11 are

. din Rr, o -
3 = ( ding )a (3.13)

for R, from equation 3.9; and the parameter «,, which is the exponent in the
mass-radius relation, and should not be confused with the disk viscosity a. The
mass-radius relation exponent ¢y, which is the derivative of planetary radius with

respect to planetary mass at constant temperature and entropy, is given by

dln R, .
W= (dln M,,)T,S' (3-14)

We calculate «, from our grid of atmosphere evolution and structure models. Note

that a, in this work is defined differently than in Cameron and Iben (1986) and
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Benz et al. (1990), by a minus sign.

In the mass-age-temperature regime in which we consider mass loss (plan-
ets with 0.5 M;< M, < 10 My, temperature > 1000 K, and age less than 108 years),
a planet instantaneously losing mass at constant T and S expands. In order to con-
serve the angular momentum of the system. a planet which loses mass to its primary
must move outward. A planet losing mass is pushed outward while R, > R,. and

the planet will lose mass until

Ry =R, for M, <M, , dad>a , and R >R, (3.15)

where the primes refer to values at the planet’s new mass and heliocentric distance.
Since the Roche radius is proportional to heliocentric distance (eq. 3.9), any subse-
quent inward motion of the planet decreases the Roche radius further, which results
in additional mass loss from the planet. Since the circumstellar disk provides a
torque which pushes the planet inward, as long as the disk is present, mass loss pro-
ceeds continuously at the planetary Roche radius, once it has started. The planet
will continue to lose mass and move to larger and larger heliocentric distances to
conserve angular momentum. The timescale for mass loss from the planet onto the
star can be quite short, a few times 10° years or less. However, when the disk dissi-
pates, the inward torque goes to zero, and the mass loss stops. If a planet is in the
process of losing mass when the disk dissipates, mass loss will cease, and the planet
will be stranded at a distance where Ry = R,, with M, < M; (M; is the planet’s
initial mass). The model stops during the mass loss regime when the planet’s mass
becomes less than 0.4 Mj, or when the model stops converging during mass loss,

typically as the mass approaches 0.4 Mj.
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3.7 Results

The general approach involves studying the evolution of a planet with time and
distance. Specifically, we sum up the torques on a planet at a given time and
distance, and solve for the planet’s motion from this sum of torques. The torques
are due to interactions with the disk (inward); due to the spin of the star (outward):
and due to mass loss (outward). Additionally, at every time and distance, we solve

for the planet’s radius.

There are several major stages in a planet’s migration. The initial stage.
stage one, is planetary accretion and gap formation. The second stage., which
lasts from complete planetary formation time (which we define as time zero) to
> 10°years, is the inward migration stage. The only important torques on the
planet arise from disk interactions. The third stage occurs if or when a planet
reaches a small enough heliocentric distance for spin (tidal) torques to become
important, in addition to disk torques. This third stage can last for 10° to 10" years.
In this stage, inward torques from the disk are somewhat offset by outward torques
from interactions with the spinning star. A fourth stage, which not all planets
reach, begins when the planet’s radius exceeds the Roche radius, and the planet
starts to lose mass. The onset of mass loss replaces inward motion with outward
motion. This fourth stage is short because mass loss is rapid, but if it occurs close
to t = 107 years, it is possible that the disk may dissipate while the planet is losing
mass, thus leaving a planetary remnant at a small heliocentric distance. Stage five
corresponds to times between 107 and 108 years, when a planet (if it has survived)
may be subject to outward torques due to star (spin) tides, but neither disk nor

mass loss torques are present. Planets can therefore only move outward during this
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stage. Finally, the last stage is after 108 years, after which spin torques also turn off.
and only very small, late-stage migration may occur. This late-stage migration is
also due to tidal interactions between the star and the planet, but for most planets.
occurs on a timescale longer than the age of a main-sequence star (Rasio et al.

1996). and is negligible. We do not consider this late-stage tidal migration in our

model: Chapter 4 discusses this tidal decay.

There exist three broad classes of fates for migrating planets. In Class I,
planets migrate inward very rapidly and lose all their mass onto the star by Roche
lobe overflow. Planets in Class II migrate to small heliocentric distances and lose
some, but not all, of their mass onto the central star. These planets are losing mass
when the disk dissipates, terminating mass transfer from the planet. These planets
survive until 10'° years (that is, these planets survive “forever,” until the model run
is complete) at small heliocentric distances and masses smaller than their initial
masses. Planets in Class [II do not lose any mass during their evolution. Many of
these planets do not migrate very far, and reside at distances very close to their

formation locations.

The nominal case for our model has the following values for the variable pa-
rameters: o = 5x 1072 (Takeuchi et al. 1996); diskmass = 1.1 x 1072 M, (Beckwith
and Sargent 1993); T4isr = 107 years (Zuckerman et al. 1995); Tspin = 10% years
(Skumanich 1972); and Q. = 1.5 x 10° (Lin et al. 1996). All of these parameters
were varied in turn to determine which physical parameters are most important to

the evolution and migration of a planet.

Table 3.2 shows the results of planets with different initial masses in the

nominal disk. The boundaries between the different classes are shown quite clearly,
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as planets with M; <3.36 M; are Class I planets, which lose all their mass; planets
with 3.36 My < M; <3.41 Mj are Class II planets which lose some of their mass but

survive to 10!° years; and planets with M; >3.41 Mj are Class III planets which do

not lose any mass.

Figures 3.7 - 3.9 correspond to Table 3.2 and show the results of models
for the nominal case, with various initial masses. Figure 3.7 shows heliocentric
distance versus time, and in particular shows that migration timescales are a few
times 10° years. For planets in Class III, the dominant effect is that the planets
clear a large gap in the disk on a timescale shorter than the migration timescale,
so that the inward disk torque is very small, and the planets do nct move very far.
In general, larger planets are generally not found at small heliocentric distances,
although deviations from the nominal disk do allow for this to happen. Planets’
inward motions are slowed by the outward tidal torque, seen as the region at small
heliocentric distances with significantly shallower. but still negative, slopes. Planets’
inward motions are reversed if the planetary radius exceeds the Roche radius and
mass loss begins. Figure 3.8 shows mass versus time. and in particular, clearly
distinguishes planets in Class I, which lose all their mass, as well as the members of
Class II which lose some, but not all, of their mass. Figure 3.9 shows the masses of
the migrating planets versus heliocentric distances. As described above, as planets
lose mass, they move away from their central stars, seen as a line with a negative

slope in this figure. The sign of this slope is the same as the sign of ;.

Figure 3.10 shows final mass versus initial mass for planets in the nominal
circurnstellar disk. The three classes of planets are separated by the vertical lines in

the figure. As seen in this figure, there is a small range of initial masses for which a



t
(V]

L./Wi(MJ) I ./Wf (NIJ) I ajys (AU) I tstop (y) TClass ]

1.00 0.39 0.033 | 1.75 x 10° I
2.00 0.50 0.030 |2.42 x 108 |
3.00 0.39 0.047 | 5.67 x 10° I
3.30 0.37 0.037 | 8.88 x 10° I
3.35 0.37 0.036 |9.73 x 10° I
3.36 0.38 0.037 | 5.97 x 10° [
3.37 0.47 0.032 101 II
3.38 0.63 0.031 101 II
3.39 1.04 0.033 1010 II
3.40 1.86 0.037 10 II
3.41 3.41 0.040 10%° 11
3.42 3.42 0.040 10%° III
3.43 3.43 0.040 101 III
3.44 3.44 0.040 10 III
3.45 3.45 0.040 10%° 11
3.50 3.50 0.040 10%° III
3.60 3.60 0.041 10 I
3.80 3.80 0.041 10t I
4.00 4.00 0.45 1010 III
4.50 4.50 1.63 1010 I1I
5.00 5.00 2.22 10 III
6.00 6.00 2.89 10*° I
7.00 7.00 3.30 10'° [II
8.00 8.00 3.57 10 I1I
9.00 9.00 3.78 10%° [II
10.00 10.00 3.98 101° III

Table 3.2: Results for planets of various initial masses orbiting in the nominal disk.
The nominal disk has the following parameters: « = 5 x 1073, Q = 1.5 x 10°.
Taisk = 107 years, Ty = 108 years, My = 1.1 x 1072 Mgy, and initial distance =
5.2 AU. The subscripts “i” and “f” refer to initial and final values, respectively. The
final values are the values at ¢,,, which is the time when the model stops: either at
1010 years, or when the planet’s mass is less 0.4 Mj, which is the lower mass cutoff
for planets in our model, or else when the model stops converging (usually as the
planet’s mass nears 0.4 Mj).
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planet has a finite final mass less than its initial mass (Class II). We call the range
of initial masses, for a given set of disk parameters, for which 0 < M;/M; < 1,
the critical mass range. For the nominal disk, this critical mass range spans initial
masses from 3.37 to 3.40 Mj, inclusive. In all cases, the critical mass range would
be broader if the mass loss rate from the planets were slower. A smaller mass loss
rate would result from smaller net inward torques, reducing the dln J,/dt term; or
from a planet’s having a modified internal structure, thus changing the dln R,/d¢

term (in eq. 3.10).

Some insight is gained by examining the evolution of migrating planets on a
Hertzsprung-Russell diagram (Figure 3.11). In such a diagram, one can easily see the
stages of evolution of a migrating planet. At early times, the evolution of a migrating
massive planet is dominated by contraction of the giant planet, during which time
the evolution track follows the boundary of the Hayashi (fully convective) region.
The second stage (migration) comes next, representing a time during which the
planet has roughly constant radius but increasing effective temperature as the planet
moves closer to its star. The third stage of planetary migration. when the planet is
affected by torques from the star, is also part of the increasing effective temperature
(i-e., inward) progression in the HR diagram. The fourth stage of migration. due
to mass loss, is outward motion, seen in an HR diagram as decreasing effective
temperature. During mass loss, the planet’s radius is increasing. The fifth stage
of evolution follows the cessation of mass loss, during which time the planet again
cools and its luminosity decreases while at moving to lower effective temperatures
(larger heliocentric distances) due to the remaining tidal (star) torques. Lastly, all
the external torques vanish, and the planet continues to contract and become less

luminous, at constant Ty.
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Figure 3.10: Final mass versus initial mass, for model planets in the nominal circum-
stellar disk. The vertical lines at M; = 3.36 and 3.41 Mj represent the boundaries
between Classes I and II, and II and III, respectively, and define the critical mass
range as the area between the lines. All Class I planets lose all their mass before
the disk dissipates, and hence have a final mass of 0. Planets in Classes II and III
survive the migration and mass loss process. Planets in Class [II do not lose any
mass (hence the line has slope 1 for M; >3.41 Mj).






39

Figure 3.12 compares the final masses and heliocentric distances of our
migrating planets, for various parameter combinations, with those of the recently
detected observations of extra-solar planets. This is not meant to be a complete
parameter study, but rather focuses in particular on cases interesting to extrasolar
planets and to Jupiter. There are no Class [ planets in this figure, since they all lose
all their mass onto the star and do not survive. Class II planets (open circles) are
shown. and are similar to 51 Peg b and v And b. Class III, planets which do not lose
any mass during their evolution, comprises the remaining planets, and reproduces
7 Boo b, 55 Cnc b, p CrB b. 47 UMa b, and Jupiter. These planets may not have
migrated far, and Jupiter has probably moved radially < 1 AU from its formation
location. Not shown are the extrasolar planets with high eccentricities (16 Cyg Bb,
70 Vir b, HD 114762 b), as our model does not produce planets in highly eccentric
orbits. In these systems, it is likely that some post-migration dynamical processing

has taken place (e.g., Cochran et al. 1997; Lin and Ida 1997).

The slight positive slope at small heliocentric distances is suggestive of an
“inner limit,” and is caused by the outward tidal torque, which is active after the
other torques have vanished (Trilling et al. 1999a). There are three parallel trends
with this slight positive slope, corresponding to the three different Q. values used
in our study. The magnitude of the tidal torque is proportional to M, (eq. 3.4).
producing the positive slope. Systems in which the tidal torque is active long after
the other torques, and which have @), within the range considered in this work.
should not have planets inward of this “inner limit,” and this late tidal evolution
has the effect of erasing any locational signatures of previous evolutionary stages.
There is however a very late inward migration, typically much longer timescales

than the age of a main-sequence star (Rasio ef al. 1996), which we do not consider.
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The preponderance of models which have final masses of 1 M;j reflects an
excess of model runs with this initial mass, in order to study Jupiter’s evolution.
The curving trends of planets at M, > 5 Mj and a > 1 AU represent planets
which are massive enough to clear their disks before they can migrate inward very
far. More massive planets clear their disks more quickly, so that the most massive
planet in our models, 13 Mj, has a final heliocentric distance which is only a few
percent different than its starting position. In general, more massive planets do
not move as far, although we have several examples of large (>5 M;j) planets at
small heliocentric distances, due to migrations in disks with varying diskmasses or

viscosities.

3.8 Discussion

We find that a model of migrating planets can explain the presence and locations
of not only the close companions (at < 0.1 AU), but also reasonably reproduces
other observed planets, including Jupiter. For Class II planets, final mass may be
only some 15% of the initial mass. We further find that the observed extrasolar
planets represent a subset of possible outcomes of migrating planets. Because of
the steepness of the slope of M;/M; in the Class II regime (see Figure 3.10), very
small changes in initial mass in the Class II mass range result in large differences
in final mass. Moreover, as can be seen in Figure 3.12, there is a tendency for
planets from both Classes II and III to end up at small heliocentric distances (0.03
to 0.05 AU). This result is caused by two separate physical mechanisms: Class II
planets are moving away from the central star as they lose mass. Class III planets

are still moving inward at the time when the disk vanishes. Therefore, the range
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of initial masses which have small final heliocentric distances is broader than the
critical mass range, as some planets from Class III, as well as all planets from Class
[I, can end up at small heliocentric distances. The result is a “piling up” of final
planets at small heliocentric distances: planets with a fairly wide range of initial
masses can all end up at small orbital separations. The presence of several detected
planets at small masses and small heliocentric distances may imply geneses in disks
with similar physical characteristics; or it may be the result of preferentially ending
up at small heliocentric distances, despite somewhat different initial conditions. We

cannot distinguish between these possibilities with the current model.

However, from Figure 3.12, we observe that there seems to be a cutoff, in
both heliocentric distance and final mass, between Class II and Class III planets
(Trilling et al. 1999a). There are no Class II planets, in M; — af space, outside
the boundaries defined by final masses > 2 M; and final separations > 0.05AU:
and there are no Class III planets within that range. This segregation is found
over a wide range of disk parameters. Therefore, we suggest that observed planets
within this region likely are Class II planets, having lost some but not all of their
mass. Certainly, with exactly the correct disk parameters, Class III planets could
exist in this region. However, for our fairly wide coverage of parameter space. we
do not find any Class III planets at small heliocentric distances and small masses.
similar to 31 Peg b and v And b. Therefore, we believe that our model. with the
three important torques included, is relevant and important in understanding the
evolution of some of the extra-solar planets, in that these two planets fall within

the region where mass loss almost certainly is important.

Our model spans a large part of multi-dimensional parameter space, as
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we have five major physical parameters which can affect the fates of migrating
planets. We have examined the statistical results for various slices through our five-
dimensional parameter space. Regardless of which slice (comparing diskmasses,
viscosities, etc.) is chosen, for all samples of reasonable size, the statistical re-
sults are roughly equivalent, another measure of the importance and validity of our
model. We find that, for planets with initial integral masses between 1 and 5 Mj,
approximately half of the planets lose all their mass onto the central star (Class [
planets), and approximately half survive (Class Il or III). Typically, a few percent
of planets end up as Class II planets, which have lost some mass. The fact that half
the initial planets lose all their mass may imply that half the normal-type. giant
planet forming systems have lost planets onto their central stars. Of the planets
that survive, between one quarter and one third typically have heliocentric distances
greater than 1 AU. Therefore, while Jupiter is consequently not a special case, it is
also not the most probable outcome. The efficiency of planet formation is discussed

more rigorously and thoroughly in Chapter 7.

The percent of planets (Class II or III) which end up at small heliocentric
distances (0.1 AU) is 3 - 5%. We find it intriguing that this rate of produc-
ing companions at small heliocentric distances is similar to the rate of discovering
planets at small heliocentric distances (Marcy and Butler 1997). Our model pre-
dicts that one quarter to one third of giant planet forming systems should have
Jupiters at > 1 AU; this percentage is much higher than the observational success
rate for planets in large heliocentric orbits. However, Jupiter-mass planets in large
(~5 AU) orbits are the most difficult to detect with radial velocity searches, and in
many cases are beyond detection. However, in the near future, better techniques

on bigger telescopes should provide improved data sets in this range, and higher
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observational success rates can be expected. A more rigorous statistical study is

described in Chapter 7.

Planets in our theoretical model fall into one of three classes, depending
their mass loss. However, from the standpoint of observers and observables, any
Class III planet at a small heliocentric distance would be indistinguishable (at this
time) from a Class II planet at the same distance and mass. Although these two
planets have had very different evolutions, their observable characteristics (e.g..
mass and heliocentric distance) would be quite similar. Therefore, in terms of
observations, the most sensible classes for extra-solar giant planets would be to
group planets which are close to their stars, regardless of mass loss history. In this
“observer’s scheme,” the planet’s evolution is ignored, but the definitions are more
sensible for today’s detection technologies. However, in terms of origins of planetary
systems, classifying planets according to their evolutions, as we have done. is more

sensible.

In our model, planets are considered to have disappeared completely once
their masses become less than 0.4 Mj;. In reality, of course, mass loss continues
below this cutoff, and a stage could be reached in which all of the gaseous envelope
of a giant planet was stripped away, leaving a rocky core. Jupiter’s core is thought to
be £ 0.1 My, or < 30 Earth masses (1 Earth mass = 1 Mz = 6 x 10% g), and made
of dense, rocky material (Hubbard 1984). If such a remnant body were uncovered
by atmospheric mass loss onto the central star, the remaining core, whose density is
much higher than Jupiter’s density overall, would not be in a mass overflow regime.
and could continue to migrate or survive at this mass. In other words, a temporary

halting of mass loss would exist when the core is uncovered, and therefore there
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might be a plateau in final masses at around the mass of Jupiter's core. Thus.
the final mass and semi-major axis distribution of extrasolar planets may include
a family of planets with masses approximately equal to Jupiter’s core, at small
distances; these bodies would be rocky, as opposed to primarily gaseous. Detection
of 30 Mg bodies at small distances might therefore provide evidence for Roche
lobe overflow from primarily gaseous giant planets, representing remnant cores of
the larger bodies. These smaller mass planets would not necessarily have been
detected, given current radial velocity sensitivies, depending on heliocentric distance
(Marcy et al. 1997). An implementation of rocky cores into our migration model
is described in Chapter 6, and we show that evolution and mass loss indeed can

produce a population of remnant cores which survive at small heliocentric distances.

How important are the three torques which we consider? In Figure 3.13,
similar to Figure 3.7, we show the results of calculating a planet’s migration in the
nominal disk with two of the three torques which we include in our model. We can
consider a system in which mass loss is not present, e.g., the planets are point-mass
planets, simulating rocky planets, as compared to the nominal gaseous Jupiter used
in our standard model. For systems in which mass loss is not present but stellar tidal
torques are, planets can approach the star much more closely than in the nominal
case. Ultimately, stellar tidal torques are not enough to reverse a planet’s motion,
so that unless the disk dissipates, these planets will dissappear onto their central
stars. Rocky plansts (i.e., planets without mass loss) are an interesting special
case, but probably do not represent a physically plausible creation mechanism for
giant planets. In a system in which stellar tidal torques do not exist, a planet loses
mass on a timescale equivalent to its migration timescale, and thus very few planets

are rescued by the disk’s evaporation. Planets in systems without tidal torques
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would only rarely survive once reaching small heliocentric distances. However. as is
demonstrated in Figure 3.13, the combination of all three torques extends a planet’s
lifetime in proximity to its central star such that a reasonable fraction of planets can
survive at small heliocentric distances. With only two of the three torques acting,

the already narrow critical mass range becomes vanishingly small.

The effects of several key parameters on the fates of planets can be seen in
Figure 3.14, which plots the boundary (in initial masses) between Class II and Class
IIT planets. versus varied model parameter. This boundary is effectively a proxy for
the initial mass for which planets will survive at small heliocentric distances. Larger
viscosities and larger diskmasses cause the critical mass range to shift to higher
masses by creating larger disk torques on the migrating planets, so that planets
migrate faster. The result is that planets at small heliocentric distances could have
larger masses than is the case for our nominal model. Conversely, larger initial
heliocentric distances allow for planets with smaller masses to reach small orbital
separations, since the time to migrate to small heliocentric distances is longer, and
fewer planets have enough time to migrate in close and lose all their mass before the
disk dissipates. Larger values of @, also move the critical mass range to larger initial
masses, because the tidal torque is lessened, so planets feel less strong outward
torque due to tides. The dependence on Q. is fairly weak, however. Lastly, the
reléva.nt; timescales cause their obvious changes in the critical mass central value:
shorter disk lifetimes move the critical mass range to smaller initial masses, and
longer disk lifetimes cause the critical mass range to move to larger initial masses.
Shorter effective disk lifetimes can allow planets which fall into Class I in the nominal
disk to fall into either Class I or III in a disk with a shorter lifetime, depending on

how the migration time compares to the shorter disk lifetime.
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The effect of requiring larger initial masses to survive is twofold. Firstly. it
means that fewer objects will survive if larger initial masses are needed te survive.
This i1s simply because the fraction of planets with initial masses below this cutoff is
larger, so that fewer of the total number of planets survive until 10'° years. In other
words, the mass range which bounds Class [ is larger, so more planets fall into Class
[ and do not survive. Secondly, a wider range of final masses at small heliocentric
distances is possible. Since there is a piling up of planets at small heliocentric
distance at about the initial mass for which M; = M; (i.e., the boundary between
Classes II and III), the effect of moving this boundary to larger initial masses is to
create a piling up at larger final masses. Furthermore, planets at small heliocentric
distances can have final masses less than their initial masses; so that if the mass for
which My = M; is larger than nominal. then the range of masses between M; = M,
and My = 0.4 M;j is larger. and planets at small heliocentric distances can have a
wider range of final masses. For example, in the nominal disk, it is not possible to
have a 5 Mj planet reside at small heliocentric distances. However, at larger o’s. a
5 Mj planet can end up at ay < 1 AU. Therefore, a wider range of fates is possible
when the cutoff mass is larger; however, fewer total planets survive when the cutoff

mass is larger.

Future elaborations in our model include examining non-conservative forces
which may control the width of the critical mass range (for example. stellar wind and
magnetic field interactions). In our model, we have taken the effect of atmospheric
evaporation of the planet to be small. Guillot et al. (1996) find that, for 51 Peg b,
in its close orbit, thermal evaporation (classical Jeans escape) is insignificant, and
that nonthermal evaporation could cause a total mass loss, over the lifetime of

the system, of less than 1% of the mass of the planet. In our model, planets
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can migrate to locations inside of 51 Peg b’s heliocentric distance, thus having
higher temperatures and increased stellar fluxes. Therefore, while the net effect is
probably small relative to mass loss and tidal torques, further refinement of the
model necessitates re-examination of stellar wind effects. This we have done. and

report the results in Chapter 5.

Our Solar System, of course, should not have been immune to giant planet
migration. If Jupiter has moved somewhat from its initial location, there are pos-
sible ramifications for other bodies in our Solar System. Liou and Malhotra (1997)
have explored the dynamical effects on asteroids of a migrating Jupiter. and show
that a depleted region in the outer asteroid belt can be explained by Jupiter migrat-
ing inward 0.2 AU. One model run produces a 1 M planet which forms at 5.2 AU in
a disk a factor of five less massive than the nominal disk and with 74 of 10° years,
and halts its inward migration at 4.48 AU. This disk has a shorter than nominal
lifetime (that is, time after the planet has fully formed), and a less than nominal
diskmass. These parameters may represent a disk which is already dissipating as the
planet starts to migrate, implying a formation time for Jupiter of nearly 107 years.
if our circumstellar disk lasted the nominal 107 years after protostar collapse. A
systematic study of the effect of varying initial conditions on planetary survival is
discussed in Chapter 7. By estimating Jupiter’s migration distance, we may be able

to start describing the circumstellar disk conditions in our early Solar System.

It has been proposed that orbital resonances with Jupiter may play an im-

portant role in the formation of asteroids and terrestrial planets (Wetherill 1991,
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1992). Jupiters which migrate through several AUs must certainly disrupt the for-
mation of smaller planetary bodies as orbital resonances sweep through the circum-
stellar disk, and it is almost certain that any Earth-like planets which were forming
at 1 AU in the 51 Peg system during the time that 51 Peg b migrated inward were
disrupted. The gap in the disk fills in on the viscous time scale after the passage of
the planet; if the disk lasts long enough and fills in completely and rapidly enough
after giant planet passage, it is possible that terrestrial-sized planets could form in
the wake of planetary migration, although the orbital resonances from a very close
companion would be very different and probably much less important than from a
Jupiter-mass planet at 5.2 AU. Additionally, we are beginning explorations into the
effect of a migrating Jupiter on the accretion of terrestrial planets. re-examining
the problem of terrestrial planet formation in light of the new ideas on giant planet

migration.

3.9 Conclusions

Planets in circumstellar disks are subject to various torques which can cause the
planets to migrate inward. We present results from a self-consistent quantitative
model which describes evolution and migration of giant planets. Some planets
migrate very rapidly and disappear due to mass loss in less time than the disk
lifetime. Other planets or planets under other disk conditions can be left in various
orbits, from very close to the star to very close to where they started, and with
masses equal to or less than their initial masses. There is a wide range of possible
fates (heliocentric distance and final mass) for migrating Jupiters. A migrating

planet has one of three possible fates: losing mass to the point of extinction (Class
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I); surviving but having lost some of its mass onto the central star (Class II): or
surviving after having migrated and not lost any mass (Class III). Some planets
in this last class may have migrated only a small radial distance. The width of
Class II is a function of a variety of disk and star parameters. The region of
My; — ay space delimited by M < 2 Mj and ¢ £ 0.05 AU is populated only by
Class II planets, and includes 51 Peg b and v And b (Trilling et al. 1999a). All
observed extrasolar close companions fall within the population of surviving planets
in our model (Classes II and III), suggesting that this mechanism may explain the
detections of planets very close to their stars. We also suggest a “piling up” effect
at small heliocentric distances, and that planets may survive close to their stars in

numbers disproportionate to initial distributions.

An observational way of assessing the significance of mass loss for the orbital
evolution of giant planets would be to look at the orbital distances of planets around
different types of stars. If there is no systematic effect (for example, due to different
chemical compositions), the internal evolution of the planets should be the same
around any star. But around more massive stars (e.g. F type stars), mass loss would
occur at larger distances, whereas less massive ones (e.g. K type stars) should be
able to retain some planets at smaller heliocentric distances. To date, only one
planet has been found around an M star (Marcy et al. 1998). Furthermore. since
all planets in our study with small (< 2 Mj) mass and small (0.05 AU) orbital
distances have lost mass, another possible test of our mechanism in the future is
to study the compositions of the planetary remnants which survive and their stars
to detect chemical signatures of mass transfer. If signatures exist, observationally
defining the boundary between Class II and Class III planets would be possible.

thereby testing the model and, in turn, constraining the initial conditions of the



circumstellar disk in which the planet formed.

A last test is the characterization of the metallicities of stars with known
planets. Some studies have been carried out (for example, Gonzalez 1998; Gonzalez
et al. 1999) and show that most of the stars with planets are extremely metal rich.
One interpretation is that molecular clouds which are more metal rich are more
likely to produce condensable material, and hence planets. Another interpretation,
though, is that some stars have high metallicities not because of initial stellar ratios
but because one (or more) planets, which can be relatively metal-rich, have formed
and later perished onto the central star. In this way, the correlation between high
metallicity stars and stars with planets may indicate that planet migration and
planetary mass loss both occur. however, if remnant cores of migrating giant plan-
ets are left behind, then stars might even be metal-poor as a result of planetary
formation and evolution. Further searches for correlations between, for example.
stellar metallicities, planetary semi-major axes, and planetary masses should be
carried out and may reveal some coherent picture about planetary formation and

migration.



CHAPTER 4

TIDAL EVOLUTION OF EXTRASOLAR PLANETS

Planets at small heliocentric distances are subject to tidal situations not encoun-
tered by planets in our Solar System. The analogs in our Solar System mostly
are moons (Earth’s Moon, Phobos, the Galilean Satellites, Triton, and Charon. to
name some examples; Mercury may also be a relevant example) whose tidal forces
can be studied. In this section, I will describe two situations in which tidal forces
on an extrasolar giant planet (EGP) become important: the cases of tidal circular-
ization, spin locking, and tidal decay of orbits (Section 4.1); and considerations of
planets passing through the co-rotation point as they migrate inward (Section 4.2).
In particular, there are two instances in which the tidal relationship between an
EGP and its central star are situations not (or rarely) found in our Solar System:
(1) cases in which the secondary (planet. or moon for the Solar System) spins up
its primary (star, or planet) — the Pluto/Charon system is the only example in our
Solar System; and (2) the case in which a body crosses co-rotation, a situation

completely foreign to our present day Solar System.
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4.1 Tidal circularization, spin locking, and tidal decay of orbits

4.1.1 Tidal circularization

The eccentricities of extrasolar planetary orbits are measured as part of the de-
termination of the planet’s parameters (see Chapter 2). Eccentric orbits can be
circularized by tidal dissipation within the satellite (see, e.g., Goldreich and Soter
1966). Tidal dissipation of energy in the planet (e.g.. via the Q prescription) re-

moves energy from the orbit, thus reducing orbital eccentricity.

The decrease in eccentricity of a planet can be understood in the following
way, based on the arguments of Airy (1969), as follows. If a planet is in an eccentric
orbit. and there is tidal dissipation (i.e., the tidal torque is present), then there is
a “disturbing force” on the planet (in addition to the Keplerian orbit). Since the
tidal torque is a function of semi-major axis, the torque can be assumed to be an
impulse, applied at perihelion (periastron). The planet, as it progresses along its
orbit, is caused to “recede from the sun more slowly” (Airy 1969) than it would
have without the disturbing tidal force. This has the effect of lowering aphelion.
Therefore, the eccentricity of the orbit decreases. The impulse is applied repeatedly

at perihelion, and in this way the eccentricity of the orbit is decreased.

Planets at small orbital radii should have circular orbits if their circular-
ization timescales are shorter than the lifetime of the star. The length of time the
planet has been at a small heliocentric distance is assumed to be equal to the age
of the star, as would be the case for a planet which migrated inward from several
AUs early in the lifetime of the system. The circularization timescale of a planet at

heliocentric distance a is given by
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where (), is the tidal dissipation in the planet; a is the semi-major axis of the planet:
M. is the mass of the central star; M, is the mass of the planet; and R, is the planet’s
physical radius (the size of the planet) (Rasio et al. 1996). (This is derived and
rewritten from Goldreich and Soter (1966), equation (25).) For 51 Peg b, whose
semi-major axis is 0.05 AU, assuming a mass equal to its minimum mass of 0.44 M;.
the circularization timescale is 7.1 x 107 years, much less than the age of the star
51 Peg. Scaling these results for planetary mass semi-major axis (i.e., to apply the

scaling to other systems with planets), we get

- M a 6.5
10 e () (2 ) i
e~ XU years\oaa v,/ \0.05 AU (4.17)
using R, = Ry = 7 x10° cm. The circularization timescale is a steep function of

semi-major axis, so that a semi-major axis of around 0.1 AU, for a planet of mass
0.44 Mj, is the maximum heliocentric distance at which a planet’s orbit could be
circularized within the age of the Solar System or the age of the stars with EGPs

around them (see Tables 4.3-4.7).

The following planets with small eccentricities (e < 0.1) have circularization
timescales much shorter than the age of the star, and therefore have been circu-
larized (if their initial orbits were non-circular): HD75289b, 7 Boo b, HD187123b,
51 Peg b, and HD217107b. Of particular note is v And b, whose circularization
timescale is a factor of 10 less than the age of the star, and yet has an eccentricity

of 0.1. A potential explanation is that the planet’s orbit initially was much more
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| | vand | GI8 | HD75289| 55 Cnc |
a, (AU) 0.057 0.11 0.046 0.11
M sinz (Mj) 0.68 3.6 0.42 0.84

€p 0.1 £ 0.04 | 0.024 0.053 0.05 + 0.015

Log (Circ. time (yr)) 8.4 11.0 7.6 10.4
Log (Planet spin lock (yr.)) 6.6 9.1 5.7 8.5
Log (Stellar spin lock (yr.)) 11.2 11.5 11.1 12.7
Log (Tidal decay time (yr.)) 13.0 14.5 124 15.2
Log (Stellar age (yr.)) 9.5 9.6 9.7

Table 4.3: Tidal timescales for extrasolar planets (1). Shown are the circularization
timescale, the timescale for spin locking the planet to the star, the timescale for spin
locking the star to the planet, the timescale for tidal decay of the planet’s orbit,
and the age of the star. All timescales are calculated for the companion’s minimum
mass. The mass of 55 Cnc b is determined to be 1.9 Mj from our observational
work (see Chapter 8). When the relevant timescales are less than the age of the
star, orbits should be circularized or bodies spin-locked, as appropriate; these are
shown in bold.

J 47 UMa | HDI114762 | 70 Vir | T Boo
a, (AU) 2.1 0.41 0.43 0.046
M sint (My) 2.39 10 6.6 3.87
ep 0.03 £ 0.006 | 0.33 = 0.02 | 0.4 | 0.02 £ 0.016
Log (Circ. time (yr)) 19.1 15.2 15.1 8.6
Log (Planet spin lock (yr.)) 17.3 13.3 13.3 6.7
Log (Stellar spin lock (yr.)) 19.5 14.0 14.5 9.2
Log (Tidal decay time (yr.)) 25.0 18.7 19.0 11.7
Log (Stellar age (yr.)) 9.9 9.7 9.9 9.3

Table 4.4: Tidal timescales for extrasolar planets (2). Same as Table 4.3. The mass
of p CrB b is determined to be 1.5 M; from our observational work (see Chapter 9).
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| pCrB | GI614 | HD168443 | 16 Cyg B |
a, (AU) 0.23 2.5 0.277 1.6
M sinz (Mj) 1.1 3.3 5.04 1.5
€p 0.03 £ 0.04 | 0.35 £ 0.088 0.55 0.63
Log (Circ. time (yr)) 12.6 19.8 13.7 18.2
Log (Planet spin lock (yr.)) 10.7 17.9 11.9 16.3
Log (Stellar spin lock (yr.)) 144 19.7 13.6 19.2
Log (Tidal decay time (yr.)) 17.6 25.4 17.6 24.2
Log (Stellar age (yr.)) 10.0 9.8 9.9

Table 4.5: Tidal timescales for extrasolar planets (3). Same as Table 4.3.

[ | HD187123 | HD195019 | HD210277 | GI376 |
a, (AU) 0.042 0.14 1.15 0.21
M sini (Mj) 0.52 3.43 1.37 2.1

€p 0.03 £ 0.03 0.05 0.45 0.27 £ 0.03

Log (Circ. time (yr)) 7.4 11.7 17.2 12.6
Log (Planet spin lock (yr.)) 5.6 9.8 15.3 10.7
Log (Stellar spin lock (yr.)) 10.6 12.1 18.4 13.6
Log (Tidal decay time (yr.)) 12.0 15.4 23.1 17.0
Stellar age (yr.) 9.6 9.5 10.1 9.7

Table 4.6: Tidal timescales for extrasolar planets (4).

Same as Table 4.3. The

mass of HD210277b is determined to be 2.2 Mj from our observational work (see

Chapter 9).

| 51 Peg | HD217107 |

a, (AU)
M sini (Mj)
€p
Log (Circ. time (yr))
Log (Planet spin lock (yr.))
Log (Stellar spin lock (yr.))
Log (Tidal decay time (yr.))
Stellar age (yr.)

0.05
0.46
<0.01
7.9
6.0
11.2
12.7
9.9

0.07
1.28
0.14
9.3
7.4
11.2
13.4
9.9

Table 4.7: Tidal timescales for extrasolar planets (5). Same as Table 4.3.
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eccentric than it currently is, and that the orbit is in the process of circularizing.
Another possibility is a different value of @),, the parameter which describes the
efficiency of tidal dissipation — a larger value of @, causes a longer tidal circulariza-
tion timescale (see equation 4.16 and below). Lastly, the analogy to Mercury may
be appropriate: Mercury is in a tidally evolved spin-state, and yet has a non-zero
eccentricity and a revolution period not equal to its orbital period (Goldreich and
Peale 1966). Further consideration of this problem may reveal if v And b or similar
planets are in nonsynchronous, commensurate orbits like Mercury. Although that

work has not been done here, it can be done, and I intend to do so in the future.

From these constraints, and knowing the eccentricities of the observed EGP
orbits, we can, in some cases, put constraints on the masses of the planets. For
example, the minimum mass of HD217107 is 1.28 Mj;. However, in order for the
planet to retain e > 0.1 over the age of its star, the planet’s mass must be > 6 M;
for a @, of 10° (Figure 4.15). However, if @Q, is around 10°, then no additional

constraint can be placed on the mass of HD217107b.

A more interesting case is v And b, whose minimum mass is 0.68. From
Figure 4.15, the minimum mass of v And b must be greater than around 30 M;
for @, of 10°, making v And b not a planet but a brown dwarf. However, if Q,
is 108, the mass constraint on v And b is merely > 2.5 Mj. A caveat is that the
eccentricity of v And b is 0.1, and it is possible that the orbit is being circularized,
that is, that the circularization timescale is similar to the age of the system (see
Tables 4.3-4.7). In that case, no real constraint can be put on the mass of v And b.
since if the orbit of v And b were nearly circular (e < 0.1), no constraint (from

Figure 4.15) could be placed.






4.1.2 Spin locking

Spin locking of bodies is the situation when the same face of a body always points
at the other body. The most obvious example is the Earth-Moon system. in which
the Moon always keeps the same face (the Nearside) to the Earth. Spin locking
occurs when tidal forces between bodies retard (or increase) the rotation rate of one
of the bodies. As discussed in Section 3.5, tidal bulges are raised on an EGP when
it orbits close to its central star, and tidal bulges are also raised on the central star
by the planet. Here, I discuss the possibility for spin locking a planet to its central

star, and a star to its orbiting planet. The physics and equations are symmetrical.

Spin locking of the planet

If the planet’s initial rotation rate is on the order of hours (Jupiter’s rotation rate
is 10 hours), then the planet’s tidal bulge leads the line of centers as it orbits the
star. Because the tidal bulge leads the line of centers, as energy is dissipated within
the planet (as per the @ prescription), the planet’s rotation will slow. The star
essentially pulls the tidal bulge back towards the line of centers. Ultimately, the
tidal bulge on the planet will be frozen in, aligned with the line of centers. When
this happens, the planet’s rotation rate is equal to its orbital rate, and the planet

is spin locked to the central star, always showing the same face to the central star.

Guillot et al. (1996) (after Goldreich and Soter (1966) equation (13)) find

that the tidal spin-down time for a planet is

Rg {Mp 2/ a\°® .
Tspin,planet ™~ Qp (GMP) Wp \A{[r) (E) (‘le)
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where wj, is the planet’s initial rotation rate, taken to be ~ 1.7 x 10~* sec™! (Jupiter’s
value). For 51 Peg b, this despin timescale is around 10® years, much less than the
lifetime of the star. Therefore, 51 Peg b always presents its same face to its star. as
its rotation period has slowed from an (assumed) initial value of around 10 hours to
around 4.23 days, the planet’s orbital period!. Similarly, v And b (3 x 10°® years),
55 Cnc b (5 x 10® years), and 7 Boo b (5 x 10° years) all are tidally locked to
their primaries, always presenting the same face to the star, based on the following

scaling:

M, a 6
spin,planet ™ 106 3 ( 4 ) ( ) 4.1
Tepin.planet Years\0.4z M5/ \0.05 AU (+.19)

after scaling from 51 Peg b. However, p CrB b. because of its greater distance
from its star, has a tidal spin-down time of a few times 10!° vears, and thus is
probably not tidally locked to its star (see Tables 4.3-4.7). Unless a planet has an
anomalously slow initial rotation rate, a planet is always slowed in its tidal locking
with its central star. This takes place whether the planet is inside or outside of

co-rotation.

!We (Trilling and Melosh 1998) have investigated the possibility that a spin-locked planet would
allow for detection of the planet as, in turn, the directly-heated faces and permanent-shadow faces
of the planet radiate in the direction of the Earth. We suggested that if there were a permanent
radiative temperature difference between the light and dark sides, then this difference would be
detectable by measuring the flux from the star in wavelengths in which the planet's thermal
flux would contribute significantly. Unfortunately, we estimated that the equilibration timescale
between the light and dark sides of the planet is extremely short (a few years!) for a rocky planet.
and nearly instantaneous for a gaseous planet, so that no effective temperature difference would
exist, even for planets which have one side permanently facing the star and one side which never
sees direct light from its star. This is because interior convection (whether mantle convection in a
rocky planet or standard atmospheric convection, as is found in the gaseous planets in our Solar
System) is extremely vigorous for such high temperature environments, and heat is convected to
the dark side extremely quickly.



Spin locking of the central star

A more interesting case is that a sufficiently massive planet can spin up its central
star. The analog in our Solar System is that while Charon is spin locked to Pluto.
that is, the same face of Charon always looks at Pluto, Pluto is also spin locked to
Charon, so that the two bodies always keep the same face toward each other (Christy
and Harrington 1978; Hartmann 1993). For extrasolar planets. the example is the
7 Boo system, in which the planet’s orbital period (3.3 days) is equal to the star’s
rotation period (3.3 days) (Butler et al. 1997). The star is a normal-type F7 star of
main-sequence age; it would be expected to have a rotation period approximately
equal to the sun, about 30 days (see, for example, Barnes et al. 1999a). The Earth’s
Moon clearly has not spun down the Earth, though. The timescale for spin locking
the primary depends on the mass ratio of the secondary to the primary: for cases in
which that mass ratio is large (Pluto-Charon, where the mass ratio is around 0.1:
7 Boo, where the minimum mass ratio is 0.004), spin locking of the primary can
occur. For the Earth-Moon system, the mass ratio is 0.01. The other component
that affects the timescale for spin locking of the primary is the orbital distance. The
timescale for spin locking the primary is symmetric with that of spin locking the

secondary, simply by exchanging planet and star subscripts (e.g., equation 14 from

Goldreich and Soter (1966)), as follows:

R\ . (MN\?/a\®
Tspin,star ™~ * = —_ 4.2
pinstar ~ Q (GM,)G(MP) <R,,) (+:20)

where 6 is the star’s rotation rate. Taking @, ~ 10° for a main sequence star,

one finds that 7 Boo b has increased the rotation rate of its star, by virtue of the
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companion’s large mass and proximity, which is consistent with observations (Butler
et al. 1997). In the 7 Boo system, therefore, the star always has the same face to

the planet, and the planet always has the same face to the star.

The timescale for spin locking the central star in the 51 Peg system is just
over 10! years, so that you would not expect the star to be spin locked to the
planet, since the age of the system is only around 8.5 billion years (Mayor and
Queloz 1995). The scaling for the timescale to spin lock the primary is as follows,

using parameters from the 51 Peg system as the example:

6 ) 2
_ - 11 . a 0.44 “.\/IJ s
pintar ~ 16T x 10 yeass (G507 ( My ) et

Smaller heliocentric distance and larger planetary mass both make spin locking the

central star easier.

One reason to be interested in spin locking of the central star is that it is
observable from the Earth. The rotation rates of most of the stars hosting EGPs
are known. Therefore, if a star appears to have an anomalously high rotation rate,
a rate which matches the planet’s orbital period, then it might be assumed that
the planet has spun up the central star. Since heliocentric distance. age of the star.
and spin-up timescale are all known. then the minimum mass of the planet is given.
This minimum mass can be larger than the radial velocity minimum mass. thus
constraining the mass of the planet better than can be done with just the radial

velocity technique (Trilling and Barnes 1999).

Figure 4.15 combines the curves for spinning up the central star and cir-

cularizing the planet’s orbit, as discussed above. This figure shows how observable
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characteristics of a system (a, e. and stellar spin rate) can be used to constrain
the mass of the planet. In addition to the constraints placed by circularization
timescales, discussed above, a constraint can be placed by stellar spin locking as
well. 7 Boo b (green symbol) has spun up its central star. The stellar spin locking
boundary is the blue curves, and a star which is locked must have a planet which
is below the blue line. Thus, the constraint in this case is on a function of @, and
planet mass. Since the planet must be below the blue line, if the planet’s mass
is equal to its minimum mass of 3.87 Mj, then @, cannot be larger than around
~ 5 x 10°. If Q. is 10%, then the planet’s mass must be at least 5 Mj or so. Since
main sequence stars typically have Q of 10° to 10 (Hubbard 1984). this is not much
of a constraint, but it is the kind of constraint that can be placed on planet masses.
for the right set of observed parameters. For example, the mass of 55 Cnc b is
known, by implication (see Chapter 8); therefore, if 55 Cnc were spin locked to the

planet, then @, would be bounded.

4.1.3 Tidal decay of orbits

Orbits can undergo tidal decay when energy is dissipated within the planet. Rasio
et al. (1996) have described the dissipation within the star and within a giant
gaseous planet, and find that the orbital decay time for 51 Peg b is around 5 x
10'* years, much longer than the main sequence lifetime of a star. The orbital decay

timescale is a function of the mass of the planet and the separation, as follows:

8 £0.44 M;
in,star — 1 12 ( ‘ ) . 4.22
Tapimatar = 8 X 107 years | 7y M, (4-22)
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For the observed EGPs, the orbital decay timescale is longer than the age of the
system; it must be. However, if there existed planets whose tidal decay times were

less than the age of the star, these would have decayed inward onto their central

star by this time (and not be observable).

4.2 Tidal effects crossing the co-rotation point

The co-rotation point is where the planet is at an orbital distance such that the
planet’s orbital period is the same as the star’s rotation period (n = §). The tidal
bulges described above and in Section 3.5 cause an evolution of the planet’s orbital
distance as energy is dissipated within the body. For a body outside co-rotation, the
orbit evolves outward. For bodies inside co-rotation, the orbit evolves inward. and
the orbital distance decreases. An example in our Solar System is Phobos, whose

period is around 8§ hours, as compared to Mars’ day of around 24 hours. Phobos’

orbit is evolving inward, and it will eventually crash onto Mars.

There is no current analogy, however, in our Solar System for a body which
crosses co-rotation. This is because for systems in our Solar System in which tidal
evolution is important, tides are the only important force. For a body to be pushed
across co-rotation, there must be a stronger force present in the system. Planets
migrating due to interactions with circumstellar disks are subject to exactly that:
a stronger force in the system. Thus, tidal evolution of planets’ orbits must be

handled carefully, and in a way which has not been relevant in our Solar System.

In our initial study (Trilling et al. 1998), we assumed that the migrating

planet was always outside of co-rotation. This assumption was only marginally
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satisfactory: if the star was rotating sufficiently fast or the planet did not get suffi-
ciently close to the star, then it would have been true. However, young stars proba-
bly rotate in about 6 to 8 days (Barnes et al. 1999a; Skumanich 1972), which gives
a co-rotation point of 0.07 or 0.08 AU. Stars probably do not rotate significantly
faster than this, and ultimately rotate quite a bit slower (Barnes ef al. 1999a;
Barnes et al. 1999b). Since EGPs have been detected at heliocentric distances
smaller than 0.07 AU, planets clearly must have migrated to those small distances.
Thus, the assumptions made in Trilling et al. (1998), while greatly simplifying,

were only adequate, and in fact probably not even that.

Here I describe a more rigorous and more accurate treatment of migrat-
ing planets crossing co-rotation. The bottom line is that a correct treatment of
co-rotation physics makes it more difficult for planets to survive at small heliocen-
tric distance. This is because, when properly treated, the tidal torque interior of
co-rotation is negative, that is, causes the planet to move inward, as opposed to in
Trilling et al. (1998), in which the tidal torque was always outward. Since the mag-
nitude of the tidal torque is a steep function of semi-major axis. there is dramatic
difference in effect on EGPs at small heliocentric distances between the case of a
strongly positive (outward) tidal torque (as in Trilling et al. (1998)) and the cor-
rect strongly negative (inward) tidal torque, as described below? The results do not
qualitatively change the results and importance of the migration scenario, but the

details of planet survival at small heliocentric distances (interior of co-rotation) are

2This discussion of tidal torques refers to the tidal bulge raised on the star by the planet. Tidal
bulges are also raised on the planet by the star. These are not considered here. However, the
timescale for spin-down of the planet (i.e., to a state in which rotation and revolution are equal,
and the planet is spin-locked to the star, is short, compared to the timescale for spin-up of the
star or for tidal decay of the planet’s orbit (see Tables 4.3- 4.7). Therefore, on long timescales, the
assumption is that the planets are already spin-locked to the central star, and that the primary
source of dissipation in the systemn is dissipation of the tidal bulges raised on the central star.
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altered. Recall that the magnitude of the mass loss rate is determined by the mag-
nitude of the inward torque. In Trilling et al. (1998), the magnitude of the inward
torque is the magnitude of the disk torque minus the magnitude of the tidal torque.
However, in the more rigorous treatment, when the tidal torque now also has an
inward pointing vector, the magnitude of the total inward torque is the magnitude
of the disk torque plus the magnitude of the tidal torque. Since the total inward
torque is greater in this more rigorous approach, the mass loss rate is greater. and a
planet’s lifetime during mass loss is consequently shorter. The conclusion of this is
that Class II planets (planets which lose some but not all of their mass) are much
harder to make, since planets’ lifetimes during mass loss close to their central stars

are much shorter than in the previously assumed case (Chapter 3).

4.2.1 Second order correction: Frequency independent Q with sign

change

The tidal torque on a planet is described by

da 9 R\ R, o
a-(%) o -

as described above in Section 3.5. The tidal dissipation parameter Q is an approxi-

mation for the tidal lag, that is, the angular difference between the tidal bulge and

the line of centers, as follows:

Q! ~ sin2e = 2¢ (4.24)

where € is the angle between the tidal bulge and the line of centers. When the angle
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¢ is small, dissipation is high and dissipation within the planet takes place rapidly
and efficiently. When the planet is inside of co-rotation, the star’s tidal bulge trails
the line of centers, so that in effect, € has the opposite sign. Therefore, the simplest
correction to make to the tidal torque expression is to reverse the sign of the torque
once the planet has crossed co-rotation. The effects of this sign change are shown
in Figure 4.16. Using a frequency independent @ with a sign change (dotted lines)
dramatically shortens the lifetime of a 3 Mj planet, although the effect is small on

a 1 M; planet since the tidal torque is proportional to the mass of the planet.

4.2.2 Third order correction: Frequency dependent Q

Employing a simply sign change is a reasonable second order correction, as the
tidal torque now has the correct sign (inward) when the planet is interior to co-
rotation. However, there is still a discontinuity in the torque when the planet crosses
co-rotation, and this is not physically valid. Therefore, additional, appropriate
physics can and should be added. The third order correction recognizes that the
tidal lag angle € and therefore also the parameter @ are complicated functions
which incorporate response times to various pumping frequencies (Burns (1977) for
example). Furthermore, the tidal lag is clearly a function of the distance from co-
rotation: the lag angle clearly goes through zero as a planet crosses co-rotation,
as the angle is positive outside of co-rotation and negative interior to co-rotation.
However, using the substitution of @' = 2, @ would also have to change. But
@ is almost always referred to as a constant parameter which defines the rigidity of
the body and the efficiency of energy dissipation! Clearly, the approximation that

@' = 2¢ does not hold as a body crosses co-rotation.
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The physical definition of @ is the following:

1 dE
-1 _ aL o=
Q7 = 2r Eq }{ ( dt ) dt (4.25)

which describes the energy dissipated through one orbital cycle, where Ej is the
maximum energy stored in tidal distortion and the integral represents the energy
dissipated during one orbit (Goldreich and Soter 1966; Burns 1977). While this
quantity is not directly calculable, we have adopted the frequency dependent defi-
nition of ¢ which corresponds to the zonal harmonics of the tidal bulge raised on a
body (Kaula (1964); Lambeck (1979); Chyba et al. (1989)). In order to calculate Q.

we have therefore adopted the definition of @) given in Lambeck (1979), as follows:

Ql_n:pq ~ 2€lmpq = [(l — 2p + Q)TL — mG]At = w,mqut (426)

where At is the time for the planet to respond to the tidal deformation and {,m.p.q
are the indices of the spherical harmonics of the tidal bulge, n is the mean motion
of the planet, 6 is the rotational angular velocity of the star, and winmpq is the
frequency of the applied force. The main tide is represented by the Impg = 2200

term (Lambeck 1979), so equation 4.26 simplifies to the following:

Q! & 2 = (2n — 20)At. (4.27)

This gives us the scaling which we expect, namely, that the tidal torque should
go to zero when the mean motion of the planet and the star’s angular velocity

are equal, i.e., at co-rotation (Figure 4.17). It also more correctly expresses @ not
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as a constant property of the body, but as a mathematical approximation which
describes the dissipation of energy within a body due to tidal forces, as a function
of a. We then lastly scale @ by solving for At and the scaling factor necessary for @
to be approximately 10° when the planet is far from co-rotation (e.g., at 5 AU). For
Jupiter at 5 AU to have Q = 10°, At ~ —1 sec (the negative sign is definitional).
and finally @ is

Q! & 2e ~ 20 — 2n. (4.28)

This new expression for @ is now substituted into equations 3.4 and 4.23 and is
used when the tidal torque on a migration planet is solved for. The values of the

critical arguments (@ and €) are shown in Figure 4.17.

The results of using a frequency dependent @ are shown in Figure 4.16.
The difference from the frequency independent @ with sign change is small in the
cases shown, although for planets near the co-rotation point, where the frequency
dependent @ solutions would be more robust and more accurate, the difference
would be larger. Since da/dt < Q~!, for the frequency dependent @, da/dt goes to
zero at co-rotation, as expected. In the frequency independent @ with sign change.
da/dt has a discontinuity at co-rotation. The frequency dependent @ expression
is not discontinuous at the co-rotation point by going through zero (Figure 4.17).
Note that this does not mean that the body’s dissipation efficiency goes to infinity;
it simply means that the tidal lag angle goes to zero, so energy does not need to be
dissipated. The dissipation of energy is zero, but the efficiency (that is, the bulk

properties of the planet) haven’t changed.
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As discussed above and below, the general purpose of the migration model
is to study the behavior of the class “giant planets.” [ have shown that the details
of a planet’s lifetime at small heliocentric distances change when a more rigorous
expression for tidal torque is included. Nevertheless, the overall behavior of the
class of migrating giant planets is largely unchanged: many planets migrate and
lose all their mass, and some planets do not migrate far enough to lose their mass.
and survive. Very few planets lose some of their mass but survive, so that a change
in the details of this process does not affect the overall conclusions of the migration

model. This point will be discussed further in Chapter 7.

A last point is that a planet which is interior to co-rotation, as many ob-
served EGPs are, will migrate inward in the presence of tidal torques (see Sec-
tion 4.1.3). The magnitude of this torque can be calculated from the same physics:
§ is much smaller for a slowly rotating star, so € becomes much smaller and so
does da/dt. The tidal decay time for 51 Peg b is around 10'? years, for exam-
ple (Rasio et al. 1996). Obviously, all planets currently existing must have decay
timescales longer than the lifetime of the star. Therefore, tidal decay is negligible

for all timescales which we consider in our migration model.



CHAPTER 5

ATMOSPHERIC STABILITY OF HOT EXTRASOLAR PLANETS

The atmospheres of extrasolar planets at small semi-major axes are likely very dif-
ferent than any previously studied atmosphere. The composition of the atmosphere
and size of the bodies are Jovian, but the temperatures could approach those of
brown dwarfs (objects between 13 and 80 Mj which are substellar objects too cool
to fuse hydrogen but which do fuse deuterium (Tinney 1999)). Much work has been
done on the structure and spectra of EGP atmospheres (for example. see Burrows
et al. (1998); Marley et al. (1996); Guillot ef al. (1996): Saumon et al. (1996): Al-
lard et al. (1997); Tinney (1999)) to discover the behavior of these unusual bodies.
Although at present these studies are largely theoretical, proposals have been made
to look for molecular features from the planets in the spectra of stars harboring
close EGPs as a method of direct detection of an EGP (see Charbonneau et al.

(1998), for example, among others).

In this brief chapter, I re-examine the question of atmospheric stability
against thermal and non-thermal loss over the lifetime of a planet at a fraction of
an AU. This topic was covered briefly in Guillot et al. (1996); here [ consider the
problem in more detail. The conclusions of Guillot et al. (1996), namely, that the
atmosphere of a Jupiter-like planet at 0.05 AU is stable against thermal and non-

thermal loss over the lifetime of the planet, are correct, though not completely for
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the reasons given in that paper. In this chapter, I cover more thoroughly the reasons
why atmospheric loss is small. The two sections are thermal loss (Section 5.1) and
non-thermal loss (Section 5.2). Thermal evaporation is simply the Jeans escape of
molecules from the top of the atmosphere. Non-thermal escape is ion production
from UV flux from the central star. Part of the discussion in Section 5.2 has

appeared in Trilling et al. (1999a).

5.1 Thermal atmospheric escape

An EGP close to its central star could have tropospheric temperatures of 1200 K or
larger, a factor of 10 higher than Jupiter’s temperature. Since Jeans thermal escape
1s an exponential function of temperature, an obvious question is. how much of a

close EGP would evaporate over its lifetime?

Guillot et al. (1996) find that, for a planet which spends its lifetime at
0.05 AU (i.e., 51 Peg b), thermal evaporation (classical Jeans escape) is insignificant.
However, no migration is included in that work. In our model, planets can migrate
to locations inside of 51 Peg b’s heliocentric distance, and therefore, evaporation
could potentially be important. Jeans escape flux is proportional to e™" /()X + 1)
(Guillot et al. 1996; Chamberlain and Hunten 1987), with A = GM,mg/kTR,,
in which mpg is equal to the mass of a hydrogen atom, where £k is Boltzmann's
constant, and T is the temperature of the planet at the escape level. Guillot et al.
(1996) find A = 65 to 280 for 51 Peg b, so thermal evaporation is quite small, even

integrated over the planet’s lifetime.
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However, for a planet migrating inward of 0.05 AU, the maximum temper-

ature reached is ~ 2500 K, or a factor of 2 greater than the values used by Guillot
et al. (1996). Thus. increased temperature gives A values in the range 32 to 140.
Since Jeans escape is important for A < 30 (Guillot ef al. 1996). evaporation is
probably not important for migrating planets, especially since the total time spent
at heliocentric distances less than 0.05 AU is small compared to the lifetime of

the planet, so that the integrated mass loss due to Jeans escape flux over time is

negligible.

However, for planets which are half as massive (that is, planets in the
Saturn-mass (0.3 Mj) range), A may be less than 30 if the planetary radius is
approximately the same, and evaporation can become important, at least for times
during which the temperature is high. Whereas the total mass loss over the lifetime
of the planet would still not be very large, since late-stage tidal migration of the
planet causes outward motion and decreased temperatures, mass loss might be
important for some short time for a hot EGP. This is potentially of importance.
as, if thermal escape becomes important, fractionation of lighter molecules might
take place, making the planet relatively rich in heavier molecules (whether HD
as compared to Hy or He compared to H;) relative to its initial composition. In
theory, high enough spectral resolution information about hot EGPs could begin to
characterize the extent of this fractionation. In practice, such spectroscopy is. at

the moment, beyond current observational capabilities.

In summary, thermal escape is likely negligible for most known hot EGPs,
although by a much narrower margin than stated in Guillot et al. (1996), since they

did not consider migration. For a planet with somewhat different characteristics,
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thermal escape could become marginally significant.

5.2 Non-thermal atmospheric escape

Atmospheric mass loss may also take place through nonthermal production of ions
by absorption of UV flux from the central star. Non-thermal production of ions and
consequent mass loss presents a more complex issue than thermal escape. Guillot
et al. (1996) scaled the current UV flux at Jupiter to a heliocentric distance of
0.05 AU, and found that the mass lost was less than 1% of the planet’s total mass
over the lifetime of the planet. However, young stars have UV fluxes which are 3 to
4 orders of magnitude more intense than the current solar UV flux (Canuto et al.
1982). By simply scaling this flux and incorporating this loss into our migration
model. one would find that non-thermal mass loss could become important. with

more than 10% of the planet’s mass lost through hot ion production and escape.

The solution is not as simple as that, however. As shown by Hunten and
Watson (1982), based on the work of Watson et al. (1981), the actual rate of
escape is limited by heat exchange into the region where cooling by mass loss is
taking place; the source of heat is solar ionizing radiation. Hunten and Watson
(1982) show that the flux can be found by simultaneously (or iteratively) solving

the following equations:

S [(A1/2)5 + 1}2

™S A= N

_ 8
/\OCm - (Cm/s)ll2

A
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where (,,, is the maximum escape flux (in normalized units); S is defined as 1.06. re-
lated to the exponent in the thermal conductivity-temperature relationship (Hunten
and Watson 1982); and Ag and A; are the escape parameters, defined above in sec-
tion 5.1, in the lower atmosphere and at the escape level, respectively. 3 is the
energy parameter, an expression of the EUV heating from the sun. [ use 3 of
2 x 10%, which is the unit of solar flux at Pluto, as given in Hunten and Watson
(1982), scaled for a Jupiter-sized planet orbiting a young star. The UV flux from a
young star is around 500 times greater than the current sun (Canuto et al. 1982).
[teration of these two equations yields (,, = 1.52. This is the normalized flux.
relative to the unit of escape flux (Fp) at ro, which is kgAg/kro (k is Boltzmann's
constant). For a hot EGP, \p = 160 and ro ~ 1 Ry, or 7 x 10° cm. Choosing ryg,
the conductivity of H; at Ty of 2000 K, of around 10* (extrapolated from the CRC
handbook (1994)), we get Fy equal to 1.6 x 102cm™2sec™. The total integrated

mass loss is therefore as follows:

Total mass lost = (,, x Fg X my, X Surface area x Age of planet. (5.31)

Over 10° years, this mass loss totals around 2 x 10%6 g, or 10~* M;. This value is
actually far above the integrated mass loss, since the UV enhancement of a young
star lasts only 107 years or so (Canuto et al. 1982), after which time the UV flux
has decreased several orders of magnitude, thus reducing Fo by that amount. In

other words, 10™* Mj can be considered an upper limit on total mass loss.

In summary, we find that for all reasonable cases of planetary migration
and evolution, the mass lost is always less than 10~* Mj. Therefore, non-thermal

escape of a close planet’s atmosphere is, as stated in Guillot et al. (1996), almost
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certainly negligible, though for the reasons stated here. Additional effects. such as
ionization and magnetospheric, which we have not considered here, might also be

important in some situations.
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CHAPTER 6

ROCKY CORES IN MIGRATING EXTRASOLAR PLANETS

In this section, I elaborate on a fine point alluded to in Trilling et al. (1998) and
Chapter 3, when we discuss the possibility that a migrating giant planet can have
its atmosphere stripped by the mass loss process, leaving a remnant core which
could survive at small heliocentric distances. A giant planet which has migrated
to a close distance from its central star can start to transfer mass from the planet
to the central star if the planet’s radius exceeds the Roche radius, as described
above. The planet loses mass and moves outward such that R = R}, and we solve
for the magunitude of the planet’s outward motion and change in mass in part by
calculating the mass-radius relation of an externally heated, young giant (gaseous)
planet. A grid of interior models for entirely gaseous planets was assembled by
Tristan Guillot (based on work described in Guillot et al. (1996), Saumon et al.
(1996), and elsewhere), and the migration model interpolates among heliocentric
distance, planetary mass, and planet’s age to determine the planet’s radius. In this
chapter, I describe an analytic modification [ have made to the internal structure
models in order to explore the possibility that a remnant core might survive where
a purely gaseous planet might not. I have found that the presence of a rocky core at
the center of a migrating, gaseous giant planet can increase the lifetime of the planet

by a factor of three, at least, and that the planet may in this case survive (albeit at a
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much reduced mass) where its purely gaseous brethren would not. We predict that
a population of planets around the mass of Jupiter’s core (10-15 Earth masses, or
perhaps as much as 30 Earth masses) exists at small heliocentric distances, and that
when detection techniques are sufficiently sensitive, these Uranus- and Neptune-
mass bodies will be found. These represent remnant cores of migrated and stripped

giant planets, and may demonstrate that migration and mass loss must occur.

6.1 Modifications to the interior structure model

[ have added an analytic rocky core to the central of Guillot’s 100% gas interior
structure models for Jupiter. The premise for this is the formation model of core ac-
cretion (Pollack et al. 1996; Lissauer 1993), in which Jupiter forms by first accreting
rocky material. When this rocky material gains sufficient mass, a hydrogen-helium
envelope is accreted onto the planet in a runaway process (Pollack et al. 1996).
The process stops either when the planet has accreted all the gas in its Hill sphere
or forms a gap in the disk. The mass of the core may be about 10% of the mass of
the planet, although recent work by Guillot et al. (1997a) has shown that Jupiter’s
core may be smaller than previously expected, as much as 5% or as little as 0% of
the mass of the planet. Planetary formation models have yet to incorporate this

constraint into their models; this important work remains undone.

I have chosen a core mass of 17 Earth masses, or 1 Neptune mass. This
is a rather arbitrary choice, but it simplifies comparisons made to Neptune and is
consistent with both the old estimates for Jupiter’s core and recent work by Guillot

(Guillot 1998) for the core mass of Saturn.
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The critical variables in the internal structure model which would be af-
fected by the presence of a rocky core are the planet’s radius and the alpha deriva-

tive,

dln R,
= 39
%P (dm M,,)T,S (6-32)

which is the derivative which represents the mass-radius relation for the planet
at constant temperature and entropy, as described in Trilling et al. (1998) and
Chapter 3. This derivative is similar to the effective polytropic index (ness). which
describes the relationship between pressure and density, from Hubbard (1984), as

follows:

P = Kp't=i7. (6.33)

The values for a, are shown in Table 6.8, which tabulates the prescriptions used
for the interior models in this case. For masses larger than 0.4 Mj, «, has the
calculated values found in the model, in the usual way. However, for masses less
than or equal to 0.4 Mj, the value of a, changes critically with the inclusion of a

rocky core into a purely gaseous planet.

[ have altered the model by assuming that for an initial planet of 1 M; with a
core of 0.05 My, neither the planetary radius nor o, is altered from Guillot’s original,
all-gas models by the substitution of a rocky core. However, for 0.2 < M,/M; < 0.4.
I have set R, as 2.2 Ry (1 Ry = 7 x 10° cm), which is the value of R, at 0.4 Mj, the
lower mass cutoff for migrating planets in Trilling et al. (1998). Figure 6.18 shows

the mass-radius relation for model planets with and without a rocky core. Gaseous
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| Planet mass | Planet radius | o, |
M, > 0.4 Found in the model |-1 —0
0.2< M, <04 2.2 0
0.1 < M, <02 | R, =(2l.5xM,) -2.05 1
M, <0.1 R, = (M,/122)3 1/3

Table 6.8: Analytic interior models for planets with rocky cores. All masses are in
M; and all radii are in units of Ry, 7 x 10° cm. The functionally prescribed a,'s
are shown.

planets are assumed to be in runaway mass loss for masses less than 0.4 M;j. but we
follow the evolution of rocky planets down to masses less than 0.1 M; for planets
with rocky cores. Table 6.8 shows the values for planetary radius and «, for the
core models. For masses between 0.1 and 0.2 M}, the planetary radius is calculated
to be a functional transition between a largely gaseous body and a largely rocky
body. (A planet with mass 0.1 Mj is about half gas and half rocky core.) Below
0.1 My, the planet is essentially all rocky core, and the radius is proportional to the

cube root of the mass of the planet. In this case, «, is 1/3.

These different functions for the planetary radius reflect the changing ef-
fective polytropic index of the planet. For masses above 0.4 Mj. «, is calculated
explicitly, and has values between -1 and 0. For 0.2 < M,/Mj < 0.4, a, = 0. This
reflects the turnover seen in Figure 6.18 in which the derivative is around zero —
planetary radius is essentially independent of planet mass. For intermediately small
masses (0.1 < M,/M; < 0.2), bodies are half gas and half rocky core, and so behave
as transitional objects. For masses below 0.1 Mj, the effective polytropic index is
zero, the value expected for solid rocky bodies which are not under high pressure.
[ emphasize that these are analytic prescriptions applied to planets whose mass

falls below 0.4 Mj, in comparison to all other model migrating planets, which have
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explicitly calculated and interpolated radii and «,’s. However, the approach taken
here is a first order study, and provides interesting enough answers that we (Guil-
lot and Trilling) are working on explicitly incorporating rocky cores into Guillot’s
interior structure grid. This will give a rigorous, self-consistent grid of models to

examine this problem in more precise detail.

6.2 Results with the rocky core

With a rocky core inside migrating gaseous giant planets, the planet’s lifetime is
extended, even after having migrated in to small heliocentric distances and begun
mass loss. For fully gaseous planets, the planet always fills its Roche lobe as it
loses mass, and mass loss is a continuous process once it starts. However, with
the inclusion of a rocky core, a planet ceases to fill its Roche lobe when it has
lost enough mass that the presence of the rocky core changes the planet’s overall
effective polytropic index. At the onset of mass loss, a planet moves outward as
mass loss occurs. For primarily gaseous planets in this temperature. age, and mass
regime, as the planet loses mass, it expands, since ¢, is negative. This means that as
planetary mass decreases, planetary radius increases. However, as the planet passes
through the transition mass of 0.4 My, «, changes sign, to zero, and then to positive
values, as the planet continues to lose mass. This means that now, as the planet
loses mass, the planet’s radius shrinks. Therefore, when the planet moves outward
due to mass loss, and the Roche radius increases, the planet’s radius becomes equal

to and then less than the Roche radius, and mass loss halts.

The migration of a planet which goes through the unveiling of a gas-covered

rocky core is shown in Figure 6.19. The planet’s outward migration halts when
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planet mass is about two times the mass of the rocky core. Thereafter, assuming
the disk is still present, after equilibrating with the disk torques once more (again,
in the absence of mass loss), the planet begins its inward migration anew, pushed
inward by torques from the disk. This time, once the planet begins losing mass
again, the planet continues to move inward. This is because the planet’s radius
now is decreasing with decreasing mass, so the equilibrium heliocentric distance for
the planet at which R, = R} is now at decreasing heliocentric distances. As the
planet loses mass, it moves infinitesimally outward for an infinitesimal mass loss:
however, the planet cannot continue to push now planetary radius is proportional
to M'/3, so the planet moves in. During mass loss from a gaseous planet, planetary
radius increases with decreasing mass, so the planet can continue to move outward
as it loses mass. For a rocky core, the planet has no way to continue to move out-
ward after it has lost an infinitesimal amount of mass, and therefore must continue
migrating inward after mass loss. The mass loss process from a rocky planet is
therefore a “stepped” function: on an infinitesimal scale, the planet moves inward.
moves outward while losing mass, ceases losing mass and moves inward. repeating
the cycle. In actuality, the planet’s mass loss is smooth and continuous, but in the

mode described here as infinitesimal steps.

The planet continues to migrate inward, losing mass, always at a heliocen-
tric distance such that R, = R}. The cutoff mass in our new models is around
1 Earth mass, although in practice, 0.1 My is about the convergence limit for the
model. This behavior is also seen in Figure 6.20, which shows planet mass versus

heliocentric distance for a migrating planet with a rocky core.

The key point here is the “pause” the planet executes in its migration
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and mass loss. This pause takes place around 1-2 core masses. This corresponds
to as little as 10 Earth masses or as much as 60 Earth masses. As can be seen
in Figure 6.19, a 1 Mj planet’s lifetime would, without a rocky core, be just over
10° years. With a rocky core. the planet’s lifetime is extended to about 3 x 108 years.
a factor of 2 or 3 longer life. More importantly, the median disk lifetime is around
3 x 10° years (see Zuckerman et al. (1995) and Chapter 7), so that a planet which
can last that long dramatically increases its chances of surviving. Perhaps half of
all disks have lifetimes shorter than 3 million years, but few (10% or less) have disk
lifetimes less than 1 million years (Zuckerman et al. 1995). Rocky cores might help
planets survive in that 40% of systems where a planet without a rocky core might
not survive. We therefore predict that a population of these remnant cores could
exist in a relatively large number of systems because of this “pause” and the rocky

core which extend the lifetime of the planet by at least a factor of two.

The last point of relevance concerns the migration timescales of bodies
whose initial masses are around 1 Neptune mass, or about the mass of the core of
Jupiter. We find, in our migration model, that bodies around the mass of Neptune
are close to the transition between forming a gap in the circumstellar disk and not
forming a gap. Different mechanisms of migration are important for planets migrat-
ing in and without a gap (Ward 1997a; Ward 1997b). Bodies which migrate but are
not large enough to form a gap migrate much faster (Ward 1997a; Ward 1997b).
Therefore, it is important to determine at what mass a body is large enough to
form a gap in its circumstellar disk. This matter is currently under debate:; many
estimates are close to 1 Neptune mass. If Neptune-mass bodies are large enough to
form gaps, then they may be able to migrate inward on timescales similar to disk

lifetimes. Therefore, bodies detected at small heliocentric distances with masses
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similar to Neptune’s may have final masses equal to their initial masses. How-
ever, if Neptune mass bodies migrate without forming gaps, then their migration
timescales are much shorter, and it is extremely unlikely that planets with masses
equal to Neptune’s mass initially could form near 5 AU and survive at small helio-
centric distances. In that case, a body with a mass similar to Neptune’s at a small
heliocentric distance would likely have to be a remnant core of a tidally stripped
gaseous, formerly-giant planet. We predict that a population of Neptune mass ob-
jects should exist at small heliocentric distances as remnant cores of tidally stripped
giant gaseous planets. If Neptune mass planets do not form gaps, then the pres-
ence of such a population would demonstrate that the model of stripping gaseous

envelopes and leaving rocky cores behind is largely accurate.




CHAPTER 7

HOW HARD IS IT TO MAKE AND KEEP GIANT PLANETS?

The recent discoveries of a host of extrasolar planets have begun to give us data
with which we can study the process of planetary and planetary system formation.
In particular, the environments which produce planets must produce planets like
Jupiter, at 5.2 AU, as well as planets like 51 Peg b, at 0.05 AU. Here we present
further descriptions and results from our migration model, which proposes that gi-
ant planets form at several AUs from the central star, and migrate inward. We give
a short description of migration timescales for giant planets, and show that a large
percentage of planets migrate inward on timescales shorter than the lifetime of the
disk which causes inward migration. The most likely fates for migrating planets are
a planet’s demise after migrating inward on a timescale less than the disk lifetime:;
followed by surviving at several AUs; and surviving at small heliocentric distances.
For each 51 Peg b-type planet, many planets at larger heliocentric distances are
required, so a large, undetected population of extrasolar planets at modest helio-
centric distances is implied. We also show that a small range of « viscosities produce
the parameters of a large number of observed extrasolar planets, and that plane-
tary survival in systems with large diskmasses and viscosities is extremely difficult.
Therefore, planets which survive must form in disks with moderate or small masses.

Planet forming efficiency (which refers to both the number of stars which produce
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planets, and the ratio of a planet’s mass to the circumnstellar disk mass) must be high
in order to explain the observed distribution of extrasolar planets. This may imply
that a large percentage of stars have had planets form around them. although a
smaller percentage has planets presently because many planets do not survive their
dramatic early stages. Lastly, we suggest that the initial mass function for planet
formation must strongly favor planets with masses of 1 Jupiter mass over planets
with 5 Jupiter masses, based on the observed mass distribution of extrasolar planets.

This chapter is based on the submitted paper Trilling et al. (1999c).

7.1 Introduction

Extrasolar giant planets (EGPs) have been detected by the radial velocity method
at distances from several AUs (e.g., 47 UMa b) to several hundredths of an AU
(e.g.. 51 peg b) from their central stars. Since giant planets likely could not have
formed at small heliocentric distances, due to mass and accretion considerations
(Guillot et al. 1996; Trilling et al. 1998), a mechanism for moving giant planets
from their formation locations (typically assumed to be 3 - 5 AU (Boss 1995))
must be employed. We have described orbital migration of giant planets due to
interactions with a gaseous protoplanetary disk in a previous paper (Trilling et al.
1998) (Chapter 3). The idea of planetary migration described in Trilling et al.
(1998) is largely based on work by Lin, Ward and others (see, for example, Goldreich
and Tremaine 1980; Ward and Hourigan 1989; Lin and Papaloizou 1993; Takeuchi
et al. 1996; Lin and Papaloizou 1986; Ward 1997a, 1997b). In Trilling et al. (1998)
we described the quantitative self-consistent results of our migration model, showing

that migration can reproduce the observed distribution, in mass and heliocentric
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distance, of extrasolar planets, as well as Jupiter. We found that migration may
be important in most protoplanetary systems, and that early solar systems may be
more dynamic places than was previously thought, with migration nearly imperative
In most cases. Jupiter only underwent a small amount of migration because of
either a relatively short disk lifetime or relatively low mass protoplanetary disk.
We showed that planets which migrated inward rapidly entered a mass loss regime,
when the planetary radius was bigger than the Roche radius, and which. in most

cases, led to the planet’s ultimate demise.

In this paper, we build on the work in Trilling et al. (1998), and show that
having planets survive once they have formed is relatively difficult. This is because
planets migrate inward and lose all their mass onto the central star relatively eas-
ily. Since planets have been observed, however, it must be that some percentage of
planets survive their early lifetimes. In this chapter, our statistical study suggests
that the observed EGPs represent only the “tip of the iceberg,” and that for every
EGP at a small heliocentric distance, there ought to be 5-10 planets at moderate
heliocentric distances. This in turn implies the percentage of systems which cur-
rently have giant planets, which in turn limits the typical diskmass and viscosity
of a planet-forming disk. Therefore, the efficiency of forming giant planets out of
disks which are relatively modest in mass must be high. We call the ratio of planet
mass to disk mass Ey;s; this is the efficiency of the disk at producing planets. In
sum, the class of giant planets undergoes a fairly dramatic early time, in which
disks form planets prolifically and efficiently, and in which losing planets through
rapid migration is also common. Thus the observed extrasolar planets represent a
small percentage of all extant planets, which represents only a fraction of all plan-

ets which formed. Planet formation must therefore take place with great frequency.
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We call the fraction of stars which form planets E.; this is the efficiency of stars
at producing planets. In this paper we describe this logical progression and discuss
the implications of planet formation being a common and nearly requisite result of

stellar system formation.

7.2 Planetary migration timescales

Giant planets form in gaseous protoplanetary disks (Lissauer 1993; Boss 1995:
Podolak et al. 1993). When a planet orbits in a gaseous disk, a gap is formed.
and spiral density waves travel away from the planet. Interactions of these waves at
the planet’s Lindblad resonances cause exchange of angular momentum between the
planet and the disk; this angular momentum exchange results in a change in orbital
distance of the planet. Often this change in orbital distance is negative, that is. the
planet migrates inward due to this interaction. These planet-disk interactions have
been described in detail (see, for example, Lin et al. 1996; Lin and Papaloizou 1986;
Lin and Papaloizou 1993; Goldreich and Tremaine 1980; Ward and Hourigan 1989).
and the model developed and described in Trilling et al. (1998) is our application of
these ideas to systems relevant to extrasolar planets. In addition to calculating the
torque on a planet in a gaseous circumstellar disk, we also, in Trilling et al. (1998),
calculated the tidal torque raised on a planet by closely orbiting its central star (a
tide analogous to the tides in the Earth-Moon system), and calculated whether mass
loss from the planet to the star can occur, based on calculations of the mass-radius

relation and interior structure of a young, strongly heated Jupiter-mass planet.

Here we further describe the migration of a planet caused by torques be-

tween the planet and the disk. An important point alluded to in Trilling et al. (1998)
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is that migration timescales of giant planets are functions of diskmass. viscosity. and
planetary mass. As has been shown (Takeuchi et al. 1996), and in contrast to some

work (Ward 1997a), planetary mass affects the migration timescale of a planet.

The radial motion of a planet in a circumstellar disk, due to interactions

with the disk, is given by

da a .12_ 4:7r Roue
7 ar by T2,
dt (GM,,) (Mp) /Rm RA(R)E(R)dR (7.34)

where a is the heliocentric distance of the planet; M, and M, are the masses of the
central star and the planet, respectively: R is the radial coordinate. with R;, and
R,u: the inner and outer boundaries of the disk, respectively; A is the injection rate
of angular momentum per unit mass into the disk due to interactions between the
disk and the planet; and ¥ is the surface density of the disk (Lin and Papaloizou
1986; also equation 3.1). We take the angular momentum injection rate from the
impulse approximation with local dissipation of from Lin and Papaloizou (1986).
(See Trilling et al. (1998), Chapter 3, and Lin and Papaloizou (1986) for further

details.)

Migration times for giant planets are primarily functions of planetary mass.
diskmass, and disk viscosity. For larger diskmasses, there is more disk to apply
torque to the planet, so value of the integral in equation 7.34 is larger, giving a
larger da/dt and shorter migration timescales. The viscous timescale argument
(e.g., Ward 1997a) is only an approximation, and not appropriate to a disks of vari-
ous masses or to a disk with a relatively large planet in it. For larger viscosities, the

gap in the disk is smaller, which leaves disk material relatively closer to the planet
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than in the nominal case. With more disk material close to the planet, higher order
Lindblad resonances couple between the planet and the disk, and angular momen-

tum is transferred more efficiently than in the nominal case, so planets migrate

faster.

Migration timescale is a function of planet mass as well. There are two
trends: up to a certain mass, migration timescale decreases with increasing mass,
because, essentially, disk mass is increasing, as the planet mass becomes a non-
negligible contribution to the total mass. As the disk becomes more massive. the
value of the integral in equation 7.34 increases (because T is greater), and da/dt

increases, and the planet migrates inward more rapidly.

For planetary masses larger than a certain value, however, there is a com-
peting trend at work. Giant planets must form gaps in their disks before they
migrate efficiently, and larger planets take longer to form gaps of the appropriate
equilibrium size (Figure 7.21). Larger planets create larger gaps because the planet
cannot transfer angular momentum and migrate radially until the gap is stabilized
at the equilibrium size (Trilling et al. 1998; Takeuchi et al. 1996). Angular mo-
mentum exchange and radial migration does not occur until the planet’s gap is fully
formed; therefore. for larger planet masses, larger gaps are needed, and the onset

of planetary migration is delayed. Thus, in general

dTm,‘g

M,

0 (7.35)

and migration timescale is found by solving the integral in equation 7.34 (i.e., solving

a function which provides a timescale which decreases as planetary mass increases)
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which itself requires first that the disk gap be fully formed (a process whose timescale
increases with increasing planet mass). Migration timescales as a function of plan-
etary mass, for various diskmasses and disk viscosities, are shown in Figures 7.22
and 7.23. Also plotted in the figures is a disk lifetime of 3 x 10% years. Importantly.
there is a minimum in the curve of T,;,, where planets migrate fastest. The mass
at this minimum is a function itself of diskmass and viscosity. This is important for
planet survivability, since planets whose migration times are shorter than the disk
lifetime (plotted below the disk lifetime line) die after migrating in very close to
their central stars, whereas planets whose migration timescales are longer than the
disk lifetime (above the disk lifetime line) survive. As can be seen in Figures 7.22
and 7.23, pearly all planets which migrate in disks with large diskmasses and viscosi-
ties migrate inwards rapidly, whereas for small diskmasses and viscosities, planetary

survival is much greater.

7.3 Statistics of planet survival

We have applied our migration model to a set of planets whose initial characteristics
are distributed to give a representation of likely planet formation environments. A
planet’s survival depends on its mass, the diskmass, disk lifetime, and disk viscosity.
We have performed a statistical study of planet fates in systems in which each of
these parameters is varied in turn. Planet masses are taken to be integral values
between 1 and 5 Jupiter masses, inclusive, evenly disturbed. Diskmasses are 0.003.
0.01, 0.02, 0.03, and 0.1 M (Beckwith and Sargent 1993). Disk lifetimes are 1,
2.5, 3, 4, and 10 million years (Zuckerman et al. 1995), and « viscosities are 0.2, 1,

3, 10, and 50 times 103 (Takeuchi et al. 1996). Nominal values for diskmass, disk
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Figure 7.21: Gap formation time as a function of planetary mass, in the nominal
disk (Mysk = 2 x 1072 Mg). The horizontal line represents the nominal lifetime of
a circumstellar disk, 3 x 10° years. For the more massive planets, the gap is still
forming when the disk dissipates, preventing the planets from migrating very far,
as migration is more efficient after the equilibrium gap size is reached. The gap is
defined as when the surface density is less than half of what its nominal value is at
a given heliocentric distance.









lifetime, and « viscosity are 0.02 M, 3 x 10° years, and 3 x 1073, respectively.

These planets are distributed in a “Gaussian” sense, in which the nominal
value is the peak of a Gaussian distribution. and the more values differ from nominal.
the less common they are. Thus, we have a distribution of 135 initial planets in
which the nominal parameters are most commonly represented. Of these, 39 (29%)
survive. Figure 7.24 shows the results of our statistical study. We find that 2, or
1.5% , of initial planets have final semi-major axes less than 0.1 AU. About the
same number — 4, or 3% — have final semi-major axes between 0.1 and 1 AU; and
the rest of the surviving planets (33, or 24% of the original planets) have their final
distances from their stars greater than 1 AU. In other words, the most likely fate of
a planet which forms at 5 AU is that it migrates inward too fast and ultimately is
lost onto the central star: this happens for 71% of planets. For these planets. the
combination of planetary mass and either diskmass or viscosity places them below
the respective disk lifetime curve shown schematically in Figures 7.22 and 7.23.
The most likely fate for a planet which does survive, though, is that it will exist
at greater than 1 AU from its central star. These planets are in the class which is
similar to Jupiter. Our statistical study is robust despite our small numbers of final
planets at small heliocentric distances because we have adopted a distribution of
diskmasses, viscosities, and a distribution of initial planet masses which represents

a continuum for these three driving variables.

This statistical result also implies that for every EGP which is close to its
central star (a < 0.1 AU), there exist 5-10 planets with a > 1 AU. In other words,
a large population of Jupiter-like planets should exist, as yet undetected. The radial

velocity detection technique is most sensitive to massive planets in small orbits, and
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the bias in the detected EGPs is well understood (Marcy et al. 1999b). However, it
is unknown how many planets exist at distances which make them undetectable at
present. The tip of the iceberg has been detected. and here we suggest that. like an
iceberg, the observed planets represent only around 10% of all giant planets, and
that large numbers of planets exist at larger heliocentric distances. It is extremely
difficult to produce a population of planets in small orbits without also producing a
much larger population at larger distances, and also a population of planets which
have migrated too far and have lost all their mass onto their central star. Therefore.
many undetected extrasolar planets must exist with @ > 1 AU, as many as ten

times the number which exist at small heliocentric distances.

A last note about the statistics of planet survival addresses the prevalence
of planets. The current radial velocity surveys have detected planets around a few
percent of the stars they have studied (Marcy ef al. 1999b). Our statistical sample
described above produced planets in small orbits around also a few percent of stars.
However, in our model, we have assumed that every star initially has one (and only
one) planet orbiting it; in other words, £, = 1. Our assumed planet formation
efficiency is very high — it must be to produce the relatively large number of planets
at small heliocentric distances. We will return to the issue of high planet forming

efficiency in section 7.6.

7.4 Families of solutions

Further results from our statistical study are described here and in section 7.5.
Figure 7.25 shows the results from the 135 model runs. Shown are all planets

which survive to maturity (¢ > 1 billion years), and the observed EGPs. As
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can be seen in the figure, an « viscosity of 2 x 10~* (light blue line) produces a
trend which is closely aligned with a group (~ 6) of observed EGPs. This may be
telling us something about the conditions of circumstellar disks as a class. since a
relatively narrow range of disk viscosities produces a set of planets reminiscent of
the observed EGPs. The only difference among this family of solutions (that is. the
model planets which reproduce these observed EGPs, with & = 2 x 10™*) is that
they have different initial masses. Different initial planetary masses correspond to
different migration times (section 7.2), and thus produce the trend observed and
reproduced. A family of solutions, therefore, is a set of planets which are produced
by the same disk conditions, the only difference being initial planet masses. The
family with @ = 2x107* reproduces a large number of observed EGPs; other families
reproduce few or no observed EGPs, and certainly not EGPs which have a wide
range of masses and heliocentric distances. Therefore, there may be something
fundamental about the success of disks with @ = 2 x 107 in producing planets
(planets which survive). This correspondence may also reveal that a relatively

small range of disk viscosities is relevant for planet survival.

Two caveats for the idea of families of solutions exist. The first is that
a viscosity is a prescription, not a measurement of physical viscosity (Shakura and
Sunyaev 1973). So while it is useful to describe disks with a viscosity. it does
not reveal a unique viscosity which is special in terms of planet formation and
migration. On the other hand, regardless of what measurable viscosity is present
in a circumstellar disk, the presence of a family of solutions with a single value of
o likely does imply that a narrow range of viscosities is responsible for producing
surviving planets. The fact that this a is smaller than a current typical value for

disk viscosity (Takeuchi et al. 1996) does not imply that the typical value is too
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high. For F, =1, @ = 2x 10~ must be less than the nominal, usual value. However.
for E. < 1, proportionally more systems must have @ = 2 x 10™* to produce the
observed distribution of planets, so the nominal, standard value must be lowered
closer to 2 x 10™*. We discuss planet forming efficiency below; however, we believe
that from this study, we are learning how close the median value of disk viscosities
must be to 2x107%. It is worth noting that the correspondence between a = 2x10~*
and the observed EGPs is with the observed planets’ minimum masses. However,
the family of solutions moves upward in M — a space, so there is relatively unique
a which would reproduce a trend in which all the planet masses were doubled (for

example).

The other caveat about requiring 2 x 10™* for planet production is that «
almost certainly changes value as the disk evolves. The o we employ is applied con-
stantly throughout the evolution of the disk, and therefore must be taken as a kind
of time-averaged viscosity. In actuality, the viscosity of the disk likely increases,
peaks, and decreases over the course of the disk’s lifetime. However, applying an
average viscosity is an appropriate approximation in the model, as higher viscosi-
ties give larger radial migration speeds, and lower viscosities give slower speeds.
Therefore, a time-averaged viscosity essentially gives an average planetary migra-
tion velocity, which is adequate when considering the ultimate fates of migrating
planets. Therefore, although use of the o prescription for disk viscosity is at best a
proxy, it does show that a family of solutions for EGPs exist for a narrow range of
«, and that the mean, time-averaged « for all disks can be estimated. For F, = 1,
the median value for a should be around 3 x 1073, as it is in our model. For E, < 1,

a must be less than 3 x 1073, closer to 2 x 10~*.



7.5 Constraints on diskmass and «

In Figure 7.25, all surviving planets from our statistical study are shown.
Diskmasses less than the nominal 0.02 M produce planets which survive; half
of the planets in disks for which diskmass was varied, however, migrated in disks
with masses larger than nominal. None of these planets survived. This is in agree-
ment with Stepinski and Valageas 1997, who argue that proto-planet forming solids
in large-mass disks do not survive, whereas solids in low-mass disks do. For large
diskmasses, the disk applies a large torque to a planet orbiting in it (see. for ex-
ample, Figure 3.5, Figure 7.22, and discussion in Chapter 3 and above), and the
planet’s radial velocity is large enough that it migrates all the way to its central star
in 10° years or less. Similarly, planets orbiting in disks with a viscosities greater
than the nominal value of 3 x 10~ do not survive. Large diskmasses and larger a’s
both tend to destroy planets by forcing them to migrate quite rapidly. Therefore,
the disks which produce planets which survive must have relatively small o’s. as
discussed above, and relatively small diskmasses. In summary. planets which sur-
vive come from disks with My < 0.02 My or o < 3 x 1073. These upper limits

are less stringent when both diskmass and viscosity are smaller than nominal.

7.6 Planet forming efficiency

This sort of constraint is exactly the goal of this work: determining constraints
on planet forming environments based on observed EGPs. For F, = 1, that is, if
every star produces a Jupiter-like companion, then the median values of diskmass

and «a cannot be much larger than those used here. If the planet forming efficiency
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is less than 1, then the median diskmass must be less than 0.02 M. However,
the mass of Jupiter is 0.001 M. The efficiency of a circumstellar disk (Eysx) at
forming Jupiters therefore must be at least 5%, and may be quite a bit higher;
our disks which produce a number of surviving planets are around 0.01 Mg, or
less, meaning that a disk’s planet forming efficiency must be at least 10%. and
possibly more. In other words, the fewer stars which form planets (lower E.). the
higher each individual disk’s planet forming efficiency must be (higher Ey). The
overall efficiency, including the efficiency of stars of forming planets and the ratio
of planet mass to disk mass, must be around 5% , which is very high (E, x Eg =
Eoverat 2 0.05). This contradicts the idea that planet formation is a rare event,
a paradigm which is slowly eroding. We learn that if all stars form planets. even
then much of the disk must be incorporated into a Jupiter mass planet. For planets
whose mass is a few times that of Jupiter, Eoveren must be higher still: a 3 M;j
planet which survives its migration may have formed in a disk of mass 0.01 M~.
for a planet forming efficiency (Fy:s) of 30%. Furthermore, some planets form in

disks of smaller diskmasses, requiring an efficiency that could be 50% or more.

High planet forming efficiency does not necessarily mean that all normal-
type stars currently have Jupiter-like planets. Planetary migration is very unfor-
giving: our statistical study shows that around 75% of formed planets migrate too
fast and meet their demise at their central stars. In other words, we have found
that, if circumstellar disks are really approximately expressed by our nominal disk,
then most, if not all, disks must produce planets, in order that 75% of them may
die, so that a few percent may survive close to their central stars to be detected
by radial velocity searches. Also produced, therefore, is a population of planets

like Jupiter, around perhaps 20% of stars. In this case, planet formation may be
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occurring around most young stars today as well, and searches for indications of

planet formation around these stars may have a high success rate.

If not all stars produce disks which produce planets, then the average
diskmass must be less than our nominal mass of 0.02 M), the viscosity must be
less, and Ey;5x must be high. since a 0.01 M, disk must still produce a planet with
a mass of 1. 2, 3. or more Jupiter masses. In this case, models for the formation of
planets must now include the necessity that a large percentage of the total material
in the disk is incorporated into planets. Typically, in planetary formation models,
planets incorporate that material within the planet’s feeding zone, and little else
(Pollack et al. 1996). If Eg4;s is required to be high, then mechanisms for incorpo-
rating material initially outside a planet’s feeding zone must be considered. This
has ramifications for planetary cosmochemistry, heterogeneous accretion, dynamics
in the early solar system, and the history and timing of the creation of planets in

our solar system and in others.

7.7 The planetary initial mass function

For the models employed in our statistics, we have used a flat initial mass function
(IMF), in which equal numbers of planets masses of 1, 2, 3, 4, and 5 Mj are created.
As shown in Figure 7.25, most of the surviving planets in the statistical study are
the more massive planets, especially planets of 5 Mj. The suite of models has a
final mass function very strongly peaked toward 5 Mj, the most massive planets

created (Figure 7.26). The observed EGP mass function, however, is either flat or
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slightly peaked towards smaller masses'. In other words, the model IMF, which is
flat, produces a strongly peaked mass function at 5 Mj; the observed mass function
is flat, which means the IMF must be strongly peaked towards smaller masses. in

order to produce a surviving mass function like the observed one (Figure 7.26).

The idea of an IMF which is strongly peaked toward smaller masses is also
consistent with high efficiency of planet formation. If forming a 1 M planet requires
a high disk efficiency (Fgis) of 10% or more, than it may become dramatically
harder to produce a planet with mass of 3 M. In other words, for low efficiency
(Eqisk) planet formation, forming a 1 Mj planet in a massive disk may require only
1% or so efficiency; 2 or 3% efficiency, to form larger planets, may not differ very
much in terms of disk processes. On the other hand, in smaller disks, Ez may
be 0.1, and the difference between 10, and 20, 30% or more efficiency for Ey; ;. may
be quite a drastic change. If forming larger planets is actually significantly harder,
then an IMF which is peaked towards smaller masses is produced. This IMF in turn
would produce a relatively flat final mass function, since smaller mass planets are
more easily destroyed because of faster migration times. The presents a reasonable

picture of planet formation.

The suggestion of an IMF which is sharply peaked toward smaller masses

may in turn indicate that larger planets are simply harder to form. It is not known

'The actual observed mass distribution is unknown, since for most planets, all that is known
is the minimum mass because of the uncertainty associated with the radial velocity technique.
For the purposes of this work, we assume that the minimum-mass mass function has the same
shape is the actual (unknown) mass function. To date, our observational work (Chapters 8 and 9)
has revealed three disks, all of which have inclinations which correspond to factor of two increases
in planetary mass. There will be a spread in inclinations, but statistically, the average increase in
mass over the minimum mass will be around a factor of two. On average, the shape of the mass
function will be unchanged. If the actual mass function were to have a distinct peak. it is likely
that that peak would be visible even in the minimum-mass mass function.
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if there is an upper limit to the mass of a planet forming by accretion in a regular
circumstellar disk, but the structure of the suggested sharp IMF may suggest that
planets with larger masses are significantly harder to form. This is also consistent
with the picture of planet formation which we envision: to have Ey of 0.1 or so,
a large amount of material from outside the feeding zone but still relatively close
to the planet must be incorporated. On the other hand, to require Ey = 0.3
would require that material from a much larger zone be incorporated in the planet.
There may not be enough dynamical radial mixing in the protoplanetary disk to
accommodate incorporating this much material without destroying the planet or

disrupting the disk.

In summary, we suggest that the efficiency of forming planets from their
protoplanetary disks (FEy4is1) may be relatively high, with the example of forming
1 Mj planets in disks with masses not much more than 0.01 Mz, for an efficiency of
10%. On the other hand, an efficiency much greater than this may be prohibitively
large, thus creating an IMF which is strongly peaked towards smaller masses. This.
in turn. produces a final mass function, after migration and loss of some planets
- preferentially the less massive ones — similar to the one observed for EGPs. An
open but important piece of work, then, is modeling of planet formation in circum-
stellar disks to study how mixing in the disk and planetary accretion can produce
efficiencies of around 10%. It is likely that the planet formation process itself will
eliminate the ready possibility of much larger planets, thus producing the expected
IMF. This work in planet formation is now, for the first time, guided by a rela-
tively large number of data points which can teach us about the process of planet

formation.
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7.8 Discussion and conclusions

One conclusion of this work is that once planets form, it is difficult for them to
survive. We have shown that, for a reasonable distribution of initial conditions.
as many as 70% of initial planets may not survive because their migration times
are less than the disk lifetimes. This is another indication that a very high rate of
planet formation (Ey,-) is required in order to have some planets survive. It is also
likely that many planets form in disks smaller than typically considered, leading to
large values of Eg4isk, the planet forming efficiency in disks. E,yerqu must be higher

than previously thought.

We point out that our statistical survey produces the same percentage of
planets in small orbits as has been detected. Since all stars in our sample initially
have one planet, we again demonstrate the need for large F,. Lastly, we point out
that for any combination of parameters in our model, producing a small number
of planets in small orbits requires producing a large number of planets in larger,
Jupiter-like orbits. Therefore, the presence of planets in small orbits around a
few percent of normal-type stars, as has been observed, implies a large, as yet
undetected, but now quantitatively predicted, population of giant planets at modest

heliocentric distances.

Lastly, the conclusion that planet formation may be ubiquitous bodes well
for observational studies. Techniques to study planet formation around young stars
(whether radial velocity; searches for gaps (recent NICMOS observations); searches

for planetary outflows?; or for other indirect evidence, like comets falling into stars

2We (Quillen and Trilling 1998) have proposed that another way to search for planets is to
look for bipolar outflows from an accreting planet. To conserve angular momentum, when planets
accrete material onto their equator, high-velocity material must be ejected from their poles, exactly
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(A. Quillen, M. Holman, pers. comm.)) may ultimately have a very high success
rate, as we propose that planet formation takes place around a large percentage
of stars. We anticipate that observational data will show that planet formation
is taking place around a larger percentage of stars than the percentage of stars
which currently have planetary companions, ultimately demonstrating that planet
formation is an “easy come, easy go” business, with many planets created and
many planets destroyed, with an important minority — including our own Jupiter -

surviving.

analogous to bipolar outflows from young stellar objects. Sufficient resolution at 10 microns would
allow for detection of such planetary outflows.
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CHAPTER 8

IMAGING A CIRCUMSTELLAR DISK AROUND 55 CANCRI, A
STAR WITH A KNOWN PLANETARY COMPANION

An outgrowth of our theory work has been our observing program to look for cir-
cumstellar disks around stars with known planetary companions. The motivation
behind this is that as planets migrate inward through interactions with their cir-
cumstellar disks, some material must move outward in order to conserve angular
momentum. The implication is that the outer regions of those planetary systems
should have a relative mass enhancement. This mass enhancement would corre-
spond to a Kuiper Belt-like disk which is more massive than but analogous to our
Solar System’s Kuiper Belt, a ring of material outside the orbit of the major plan-
ets. This motivation assumes that the disk model for planetary formation is correct.
and that circumstellar disks form when planets form. This assumption is discussed

further in Chapter 9.

There are two kinds of information which can be learned from studies of
extrasolar Kuiper Belts. The first is information about the extrasolar planetary
system, such as the extent, inclination, and mass of that system. A detection of a
circumstellar disk would also be another indirect piece of evidence about a mature,
complete planetary system, instead of just isolated companions. The presence (or

absence) of a circumstellar disk also sheds light on the correlation between disks
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and planets. The second set of information involves the outer region of our own
Kuiper Belt, a region of our Solar System about which little is known. Our Kuiper
Belt has, to date, only been studied one object at a time, and little is known about
the total mass or extent. However, by studying analogs of the Kuiper Belt for which

we have a global view, we learn about our own Kuiper Belt.

With these two goals in mind, we proposed to search for circumstellar disks
around stars with known planetary companions, with the expectation that at least
some of those stars would have detectable circumstellar disks. The first two sets
of results from our observing program are described in Chapters 8 and 9. Our
detections of circumstellar disks around main-sequence stars with planets are the
first of their kind, as are the observations and characterizations of extrasolar Kuiper

Belt analogs.

8.1 Abstract

Radial-velocity searches have indirectly detected that a planet with minimum mass
0.84 times that of Jupiter (Mj) orbits the star 55 Cancri, a 3 billion year old G8
star, with a period of 14.65 days and an orbital separation of 0.11 AU (Butler et al.
1997). Furthermore, the detection of excess far infrared emission from 55 Cancri
is suggestive of circumstellar dust in that system (Dominik et al. 1998). Here we
report results of an infrared coronagraphic search for a mature planetary system
around 35 Cancri. We found a circumstellar disk of material whose inferred mass
is approximately 10 times that estimated for our Solar System’s Kuiper Belt (a
disk of circumstellar material around our Solar System which is roughly coplanar

with the planets (Weissman 1995)) and which extends to at least 40 AU, consistent
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with the expected extent of our Kuiper Belt (Weissman 1995). Our observations
show that 55 Cancri’s dust disk is relatively dark at 2.3 microns, consistent with
absorption due to methane ice. Assuming that 55 Cancri’s disk is coplanar with the
radial-velocity planet’s orbit, we determine the planet’s mass to be 1.9781 M;. All
the available evidence is suggestive of a mature planetary system around 55 Cancri.

Much of this chapter appeared as Trilling and Brown (1998).

8.2 Technique

Using the CoCo cooled coronagraph with NSFCAM on NASA'’s Infrared Telescope
Facility (IRTF) on Mauna Kea!, we searched the 55 Cancri (55 Cnc. p! Cnc. HD
75732, HR 3522, G8V, 12.53 pc (Hipparcos 1997)) system for evidence of circum-
stellar material. CoCo is a cryogenically cooled infrared Lyot coronagraphic front
end to NSFCAM, and uses a gaussian apodized focal plane mask with selectable
and articulatable Lyot stops. The coronagraph acts as a two dimensional Fourier
filter, blocking light from the central star as well as light diffracted from the edges
of the primary mirror and Cassegrain hole, while allowing imaging to within 18 AU
of 55 Cnc. The coronagraphic technique was first used to image circumstellar disks
for the Beta Pictoris disk, the first directly imaged circumstellar disk (Smith and

Terrile 1984).

In our observations, the residual stellar-halo intensity is at least a factor
of 10 less than would be the case without the coronagraph. The data reduction

requires subtracting the scaled stellar halos of comparison stars (of similar spectral

'Trilling and Brown were Visiting Astronomers at the Infrared Telescope Facility which is
operated by the University of Hawaii under contract to the National Aeronautics and Space
Administration.
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type and magnitude and which are nearby on the sky) from the observed stellar

halo of 55 Cnc.

Interspersed among 55 Cnc observations were observations of comparison
stars. All observations were made at less than 2 airmasses, and most observations
at less than 1.5 airmasses. Images are sky subtracted and flat fielded. A 55 Cnc
image is then aligned with a comparison star image, the fluxes scaled, and the com-
parison star subtracted from object star (55 Cnc).Halo subtraction was performed
on 55 Cnc data using each of three comparison stars to eliminate the effects of
potential anomalies from any one comparison star. In this way, the residual stellar
halo is removed from the 55 Cnc images, based on the assumption that the residual
stellar halo is simply an expression of the point spread function. and that the PSF
is nearly identical for a nearby comparison star for observations taken at nearly the
same time. This technique (1 object star, three comparison stars) was repeated for
each of our three filters (H, K’, and methane, with central wavelengths of 1.62, 2.12.

and 2.28 microns, respectively).

We performed a series of tests to ensure that our detected signal is not pro-
duced by any systematic error. We have imaged several K-dwarf stars under similar
conditions, using the same instrumental configuration, and found no excess flux in
any direction beyond the coronagraphic mask. We also imaged a circumstellar disk
(MWC480) with known inclination on the sky (Mannings et al. 1997) and repro-
duce the known inclination (nearly face-on). We find no evidence of asymmetric
flux from the disk around MWCA480, thus arguing that any asymmetry detected in
the flux from 55 Cnc is endemic to that system only. All this evidence demonstrates

that neither the telescope (focus, tracking) nor the instrumentation nor the presence
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of any nearby stars introduce any kind of asymmetric flux excess or bias, and that
our data reduction techniques are free of systematic errors which could produce the
kind of signal we detect. Comparing the images of 55 Cnc to the images of several
different standard stars reveals the same asymmetry in all final results; intercom-
paring two comparison stars with the same technique reveals no asymmetries. We
therefore believe that the northeast-southwest asymmetric flux excess seen around

55 Cnc is real.

8.3 Results

Our final image is shown in Figure 8.27. We find a flux excess. not attributable to
residual stellar halo, to the northeast and southwest (major axis direction) of the
star; and a smaller flux excess to the northwest and southeast (minor axis direction)
of the star. This signal is most pronounced in the H filter (Figure 8.27), where the
signal to noise ratio is more than 100; in the K’ filter, the signal to noise ratio is
around 50. Excess circumstellar flux is detected at a very low level (around 3-5¢)
in the methane filter. Low signal in the methane filter is consistent with absorption
of light at that wavelength by surfaces composed at least partially of methane ice
(Brown et al. 1997). Figure 8.27 shows the H filter data. contoured. with the best
fit ellipse overplotted to accentuate the geometry of the disk. We achieved an H-
band sensitivity of 10~° for the ratio of circumstellar disk flux to the peak intensity

of the central star.
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8.4 Analysis of the disk

The radial profiles of the disk flux show a power law dependence with a power law
index of -5 to -5.5 (Figure 8.28). This index is consistent with light reflected off
a population whose spatial extent is similar to that expected for our Kuiper Belt,

as solar flux decreases with distance as r—2

and the surface density of objects in
the Kuiper Belt is estimated to fall off approximately as r=2 (Duncan and Levison
1997). Two different models are shown in the figure. The blue lines represent a
simple power law, with radial dependence r~5®. The red curves represent models
in which the disk has an abrupt outer edge at around 35 AU. If the disk were
to have this abrupt edge, the point spread function for these observations would
smear the outer edge of the disk, making it appear as though the disk’s extent was
larger than its actual size. The model fits for such a scenario are convolutions of
a power law (representing the radial structure of and reflected light flux from the
disk) and a gaussian with width equal to the seeing (in this case, 0.8 arcseconds).
representing the observed outward smearing of the edge of the disk. The power
law with the best fit in this case has a radial dependence of r=3. In both models.
the power law exponents are in physical agreement with a decrease in solar flux
(r=2) and a decrease in population density (r—2) (Duncan and Levison 1997). It is
unlikely that a disk would have a truncated outer edge (red curves) without some
unusual dynamical cause; more likely is that the disk’s radial structure continues
(blue lines) out farther than we can detect it. Nevertheless, the two interpretations
fit our data equally well. Note that the same radial functions fit the profiles in both

the major and minor axis quadrants, suggesting that those quadrants represent the

same physical environment, with the minor axis direction foreshortened.
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Because the signal we detect is light from the central star reflected off of
dust particles, we can determine a rough relative reflectance spectrum for the cir-
cumstellar material (Figure 8.29). We find that the material we detected has a
spectrum similar to that of Pluto, often considered the largest and best studied
Kuiper Belt object in our Solar System (Owen et al. 1993). In particular, the rel-
ative reflectance spectra for both the 55 Cnc disk material and Pluto show a drop
in reflectance around 2.32 microns, where methane ice absorbs. Pluto’s spectrum
returns to a continuum value longward of the methane ice absorption feature. How-
ever, we do not have data for the 55 Cnc circumstellar disk at wavelengths longer
than 2.32 microns, so we cannot confirm the suggested absorption feature, and in-
stead report that our data is consistent with the presence of methane ice on dust
surfaces in the disk around 55 Cnc. Pluto is a relevant comparison both because
of heliocentric distance (and hence surface cosmochemistry), and because Pluto is
likely genetically and dynamically related to Kuiper Belt objects (Owen et al. 1993:

Malhotra 1993; Duncan et al. 1995).

From the radial profiles of the disk we also measure the apparent detectable
extent of the disk. In the major axis direction, we confidently (> 100) detect the
disk to a distance of at least 40 AU (3.24 arcseconds) from the center of the star,
a distance which would be comfortably within our Kuiper Belt (Weissman 1995).
We measure the extent of the semi-minor axis to be 2.88 - 0.24 arcseconds. From
these two measurements, assuming a relatively planar disk (Weissman 1995) that
is circular and coplanar with the planet’s orbit, we find that the inclination of the
system on the plane of the sky is 2713, degrees. Since radial velocity measurements
constrain the mass of a planetary companion to be M,sin: = 0.84 M; (Butler

et al. 1997), we can remove the uncertainty of the planetary companion’s mass by
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measuring the inclination of the planet’s orbit on the plane of the sky. We find that
the planet’s mass is 1.915; M;. The position angle of the disk’s major axis is about

50 = 10 degrees.

8.5 Discussion

Our detection of a disk around 55 Cnc joins with other measurements (a radial
velocity companion (Butler et al. 1997), the possibility of a second radial veloc-
ity companion (Butler ef al. 1997), and a 60 micron flux excess (Dominik ef al.
1998)) in indirectly suggesting the presence of a mature planetary system (one which
formed from a normal protoplanetary disk and has a number of regular members)
around 55 Cnc. By restricting the mass of 55 Cnc b (the planetary companion) to
less than around 3 Mj, we eliminate the possibility that the radial velocity compan-
ion is a brown dwarf or stellar companion, further arguing for a planetary system,
not a multiple stellar system. 55 Cnc b has around a factor of ten less angular
momentum than Jupiter, where most of the angular momentum in our Solar Sys-
tem resides. If, as assumed, the reflected light we observe from the 55 Cnc disk is
primarily reflected from micron-sized particles, then the observations require a disk
with larger surface area and hence greater mass than that of our Kuiper Belt, based
on the following assumptions. We take an average particle density of 1 g/cm?3, an
overall near-infrared reflectance of 6%, as observed for KBOs in our Solar System
(Luu and Jewitt 1996; Jewitt et al. 1996), and a collisionally evolved population
of particles with a power-law index of -3.5 (Farinella and Davis 1996; Dohnanyi
1969). We find that the mass of the disk around 55 Cnc is 10 times greater than

the mass of our Kuiper Belt, to within a factor of 3. This circumstellar disk mass is
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consistent with the estimates of Dominik et al. (1998) (Musx > 4 X 1073 Mgarsh) as
our Kuiper Belt’s mass is estimated to be 4 x 1072 Mg, (Weissman 1995; Duncan
and Levison 1997) and 55 Cuc’s circumstellar disk is estimated to be more massive
than that by a factor of 10. The angular momentum excess of the 55 Cnc disk
relative to our Kuiper Belt is approximately equal to the angular momentum deficit
of 55 Cnc b relative to Jupiter. Therefore, the angular momentum of the 55 Cnc is

approximately equal to that of our Solar System.

This inferred mass excess relative to our Solar System (55 Cnc’s disk being a
factor of 10 more massive) is consistent with the idea that 55 Cnc b migrated inward
from its formation location (Lin et al. 1996; Trilling et al. 1998; Murray et al. 1998;
see Chapter 3). In this scenario, a planet migrates inward by angular momentum
exchange with a protoplanetary disk (which initially extends inward nearly to the
star). This migration could transfer material from the inner part of the disk to the
outer part of the disk. The mass enhancement of the outer disk should be related to
the angular momentum lost from the planet. Our observations are consistent with
a circumstellar disk ten times more massive than our own, consistent with angular
momentum transfer from a migrating planet to the outer disk. Furthermore, the
disk of material around 55 Cnc shows an extent consistent with what is expected
for our own Kuiper Belt, and a spectral similarity to that expected for our Kuiper
Belt. Unlike our Kuiper Belt, a disk around another star can be studied globally
to determine its mass, composition, and radial structure. Further study of this and
other circumstellar disks will allow characterization of global properties and in turn

lead to increased understanding of our own Kuiper Belt.
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CHAPTER 9

CIRCUMSTELLAR DUST DISKS AROUND STARS WITH KNOWN
PLANETARY COMPANIONS

This chapter represents and second set of observational data which we obtained
in June and August, 1998, in our program to look for circumstellar disks around
stars with known radial velocity companions. Excerpts of this chapter make up the

submitted paper Trilling et al. (1999b).

9.1 Abstract

We have searched stars with known radial velocity planetary companions for cir-
cumstellar disks. Disks are expected around stars with planetary systems that
accreted from regular protoplanetary disks, and remnant disks are expected to be
similar to our Solar System’s Kuiper Belt. To date, we have detected circumstellar
disks around three such stars: 55 Cnc, p CrB, and HD210277. All these systems
now resemble mature planetary systems with Jupiter-mass companions and Kuiper
Belt-like disks. Our previous detection of the 55 Cnc disk (Trilling and Brown
(1998) and Chapter 8) is included here to place that disk in the context of the other
two newly detected disks. Measuring the inclinations of the disks and assuming

the disks are coplanar with the planets’ orbits determines the masses of the planets
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around these three stars to be 1.9781 My, 1.5702 M;, and 2.2738 M | respectively
(1 Mj is one Jupiter mass). We also report null results from three stars — 51 Peg.
v And, and GI876 — which are known to have radial velocity companions. A number
of possibilities exist to explain non-detections of disks, from the absence of a disk to
limits on diskmass, radial extent, or inclination. We may also be looking through
the disk’s central hole, especially for the close star G1876. The disks around 55 Cnc
and p CrB have spectra similar to Pluto’s in the 1.5-2.4 pm region, further suggest-
ing similarities between the observed circumstellar dust disks and our own Kuiper
Belt. The radial brightness profiles of each of the observed disks follow a power
law with index ~ -5. This likely suggests that similar physical processes govern the
Kuiper Belt’s population out to at least 100 AU, and may be ubiquitous among
disks. Lastly, we discuss how disk characterizations can lead us toward refining

theories of planetary system formation.

9.2 Introduction

The region of our Solar System beyond about 35 AU is called the Kuiper Belt — a
ring of comets and debris that lies in the ecliptic and represents the debris left over
from planetary accretion (Weissman 1995). We have little information about this
region of our Solar System: our Kuiper Belt can only be studied one object at a time,
and we have some spectral information for only the brightest Kuiper Belt Objects
(Brown et al. 1997; Luu and Jewitt 1996; Jewitt et al. 1996). Understanding
the Kuiper Belt, particularly as a remnant of planet formation, will shed light on
another outstanding problem: the question of how planetary systems form and what

are the important parameters which govern planetary formation. Current models
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(Pollack et al. 1996; Weidenschilling and Cuzzi 1993; Lissauer 1993) hold that
planets form out of a regular protoplanetary disk, but the details of this disk and

the connections between disks and planets are not well understood.

With these two outstanding problems in mind, we are conducting a survey
of circumstellar disks around stars with known radial velocity companions. The
reasons for this are twofold: first, we can directly image regions of planetary systems
which are unseen in our Solar System, and, by proxy, learn about the outer regions of
our own Solar System. Second, the detection of circumstellar disks around stars with
known planetary companions strongly implies that the canonical disk-formation
model is largely correct. Related to this second point. there are also proposals
that giant planets can migrate from their formation locations (Lin et al. 1996:
Trilling et al. 1998; Murray et al. 1998), and determining the masses of extrasolar
Kuiper Belts may constrain the feasibility of this model. We can also measure the
inclinations of the detected disks, thus by implication removing the sin : ambiguity
in the masses of the detected planets (Marcy et al. 1999b). The null results we
have found for three stars with known radial velocity companions indicate that some
disks may be too small to be detected; or alternately, that some systems with known
radial velocity companions may not have related disks. This last point provides data
to consider whether planets must form out of disks or not, or whether all observed

companions are planets.
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9.3 Observational technique

Our observations were made at NASA’s Infrared Telescope Facility (IRTF) on
Mauna Kea, Hawaii, in February, June, and August, 1998.! We used CoCo, the
Cold Coronagraph, which is a cryogenically cooled Lyot coronagraphic front end
to NSFCAM. CoCo has a gaussian apodized focal plane mask with selectable and
articulatable Lyot stops and acts as a two dimensional Fourier filter, blocking light
from the central star as well as light diffracted from the edges of the primary mirror
and Cassegrain hole, allowing imaging to within 1.5 arcseconds of the central star
(Toomey et al. 1998; Trilling and Brown 1998). We routinely achieve a flux ratio of
disk to unmasked central star of 107°, and a pixel-to-pixel noise of around 30 nJy
at H band (1.62 um), where most of our observations were made.? We also made
some observations at K’ (2.12 pum) and in the methane band centered at 2.32 ym.
Since we observe in the near IR, we are most sensitive to light from the central stars

reflected off of pm-sized dust particles.

Our technique is to image several “PSF stars” of similar spectral type to
our target star and subtract the PSF (point spread function) of the comparison stars
from that of the target star. For an ideal PSF subtraction, any residual flux after
the PSF subtraction would represent flux from the target star system. In reality,
observing conditions vary; because of this, we use three or more PSF comparison
stars for every target star. Subtraction of each comparison star’s stellar halo (PSF)

is performed in turn, producing three different results for each set of target star

ITrilling, Brown, and Rivkin were Visiting Astronomers at the Infrared Telescope Facility
which is operated by the University of Hawaii under contract to the National Aeronautics and
Space Administration.

21 Jansky = 1Jy =102 W m~2 um~! at H band.



observations. Reducing the data by comparing to several different PSF stars gives

greater confidence in any findings and increases signal to noise for the residual flux.

9.4 Results

We observed six stars with known radial velocity companions (Table 9.9). All the
companions have minimum masses around 1 Jupiter mass. We have detected cir-
cumstellar disks around three of the six stars. We previously reported the presence
of a disk around 35 Cnc, a 3 billion year old star at a distance of 12.53 pc (Trilling
and Brown 1998). In Figures 9.30 and 9.31, we show the imaging results from our
search for circumstellar disks. In Figure 9.30, the image of the disk around 55 Cnc
can be seen. The dark circle in the middle represents the coronagraphic mask, and
the dotted line represents an ellipse fit to an outer isophot contour for the disk. An
ellipse describes the projection of a circular, planar, inclined disk on the sky. If we
assume that the disk we observe is circular and co-planar with the planet’s orbit
(which it should be if the planet and the disk both formed out of a regular pro-
toplanetary environment and there was no post-formation processing which could
alter the plane of the planet’s orbit), then by measuring the aspect ratio of the
ellipse, we can determine the inclination of the disk on the sky, and therefore the
inclination of the planet’s orbit on the sky. Since the Doppler-shift radial-velocity
technique determines the mass of a planet to within a factor of the sine of the in-
clination of the orbit of the planet, by solving for the inclination of the orbit, we
find the mass of the planet. For 55 Cnc, the mass of the planet, in Jupiter masses,
is 0.84 = M, sin 7 (Butler et al. 1997). We have found an inclination of 2748, de-

grees, giving a planetary mass of 1.975 M; (Trilling and Brown 1998). (1 Mj is



153

1 Juipter mass, 2 x 10°° grams). See Table 9.10 for the measured parameters of the

extrasolar planets.

| [ 55 Cnc | p CrB [ HD210277 | 51 Peg | v And | GI876 |
Spectral type G8 GO GO G2.5 F'8 M5
M, sin i 0.84 1.1 1.37 046 | 068 | 2.1
ap 0.11 | 0.23 1.15 0.05 | 0.057 | 0.21
ep 0.03 | 0.05 0.4 <0.01 | 0.1 | 0.27
d (pc) 12.53 | 17.43 21.29 15.36 | 13.74 | 4.7

Table 9.9: Properties of the stars we have observed thus far in our coronagraphic
program. See also Table 1.1. All these stars except GI876 are similar to the Sun.
References: Butler et al. 1997 (55 Cnc, v And); Noyes et al. 1997 (p CrB); Marcy
et al. 1999a (HD210277); Mayor and Queloz 1995 (51 Peg); Marcy et al. 1998
(GI876); Delfosse et al. 1998 (GI876)

| | 55 Cnc | p CrB | HD210277 |

M, sin 2 0.84 1.1 1.37
i (deg.) 278, | 4671 3972
M, (My) L.9¥LL | 15832 | 2.2%9%
PA (deg.) 50£10| 5%&5 40 =10
Outer contour (AU) 34 48 68
A/[dz'sk ('-\/[KB) 10 10 S0

Table 9.10: Properties of the observed systems thus far in our coronagraphic pro-
gram. QOur Solar System’s Kuiper Belt has its inner edge around 35-40 AU. The
outer contour is roughly determined from contouring the images; see Figure 9.34
for radial profiles, outer detectable extents, and mass estimates of these disks. Ref-
erences: Butler et al. 1997 (55 Cnc); Noyes et al. 1997 (p CrB); Marcy et al. 1999a
(HD210277)

We have found a circumstellar dust disk around the star p CrB. This star,
a 10 billion year old GO Sun-like star, was found to have a radial velocity com-
panion whose semi-major axis is 0.23 AU and whose mass, in Jupiter masses, is
1.1 = M, sin ¢ (Noyes et al. 1997). We have imaged this star on two separate

occasions and found a disk whose major axis is oriented nearly north-south and

which which extends from the star to a distance of roughly 4 arcseconds, which









156

corresponds to around 70 AU at the distance of p CrB, 17.53 pc (Hipparcos 1997).
The disk image in H-band is shown in Figure 9.30. We measure a disk inclination

of 46%% degrees, which gives a planetary mass of 1.570% M.

We have also detected a disk around the star HD210277. HD210277 is
a roughly 12 billion year old solar-type star (Marcy et al. 1999a; Gonzalez et al.
1999). The radial velocity companion around this star has M}, sin z equal to 1.37 M;
(Marcy et al. 1999a). If, as before, we assume that the disk is circular and coplanar
with the planet’s orbit, then we find an inclination of 392 degrees and a companion
mass of 2.273% M; (Figure 9.30). However, HD210277b, the planet, has an orbital
eccentricity of 0.45 (Marcy et al. 1999a). Since gas-disk formation tends to inhibit
high eccentricities (Goldreich and Tremaine 1980), it is likely that if the planet
formed in a regular protoplanetary disk, the planet’s eccentricity was increased in
some post-formation event. Many mechanisms which alter a planet’s eccentricity
also alter its inclination. For example, in Levison et al. (1998), planetary systems
are described in which initially there are a large number of coplanar planets. Some
solutions show that one or a small number of planets can survive, but with increased
eccentricities and inclinations. Thus, multiple planet interactions can move planets
from in the plane to out of the plane while increasing their eccentricities. Other
mechanisms of generating high eccentricity orbits are found in Weidenschilling and
Marzati (1996) and Rasio and Ford (1996); in both cases, multiple planets interact
with each other. In Holman et al. (1997), the gravitational interactions between a
planet and its star and the star’s binary companion cause the planet to undergo large
variations in both e and :. Since most mechanisms which produce large eccentricity
also change inclination, the assumption that the planet is in the same plane as the

disk is questionable: the planet may have been moved out of the formation plane.
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If the planet is not in the plane of the disk, then the mass of the companion remains
unknown. Unfortunately, there currently is no way to determine whether the planet

orbits in the same plane as the disk.

We show in Figure 9.31 our null results — non-detection of disks — around
the stars 51 Peg, v And, and GI876. 51 Peg and v And are both solar type stars,
and appear as similar to our own sun as do the stars around which we have detected
disks. In fact, there are no obvious differences among the solar-type stars we have
observed: of the five Sun-like stars we observed, three have detected disks and two

do not.

9.5 Compositional information

The disk around 55 Cnc shows a spectral signature which implies methane absorp-
tion at 2.3 gm, similar to Pluto’s spectrum (Trilling and Brown 1998). We have
found that the disk around p CrB has a very similar spectrum to both the 55 Cnc
disk and to Pluto (Figure 9.32), showing a decrease in reflectance at 2.3 pum. which
is where methane ice absorbs. Methane ice would be expected in the outer solar
system from cosmochemical arguments (Lewis 1995), and has been observed on icy
bodies in the outer regions of our Solar System. We cannot confirm the absorption
feature since we can not measure the reflectance of the disk longward of 2.3 pm,
so we can at best say that the spectral signatures of these two disks are consistent
with the presence of methane absorption in the disk. Since methane ice is expected
to be present in the outer solar system, the similarity of the spectra of the two disks
is also strongly suggestive that the feature is real and similar to what is expected

and what is found in our Solar System. This is another piece of evidence suggesting
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that these two systems are similar to our own.

9.6 Discussion

Figure 9.33 shows radial profiles of the observed disks. We have azimuthally summed
the fluxes of the disks about the angles of their major axes, and plotted fluxes
against radial distance from the central star. Because the three detected disks are
at different distances from the Earth, they cover a range of distances from the
central star. The outer edge of the coronagraphic mask gives the innermost disk
edge for the closest star (around 27 AU for the 55 Cuc disk), and the outermost disk
edge (100+ AU for HD210277) is given by the detection limit for that observation,
the farthest star of the three. The peak flux for all three disks is around 1 mJy per
square arcsec, and the flux detection limit is around 30 pJy per square arcsecond,
based on 3o detections. Also shown are the radial profile of a null result, v And,
and a model disk with a power law index of -5. The model does not indicate a
particular mass disk, but is included simply to show that the power law index for
all three disks is approximately -3. The slope of the model disk is derived from a
combination of an r~2 falloff from stellar flux and an r~ falloff from the surface
density of the disk. A constant power law index over the range 25-100 AU implies
that the surface density of the disk does not change over that range (Duncan and

Levison 1997)®. Since we are measuring the radial profiles along the major axes

3In Duncan and Levison (1997), the power law index is closer to -3.5 but a value of -3 describes
the surface density adequately. That our data requires a -3 power law rather than a -3.5 power
law indicates that the Duncan and Levison prediction is quite close to the observed surface density
profile of these circumstellar disks (and by implication, the Kuiper Belt). The error bar associated
with our power law fits is ~0.3, so the results are quite close. Duncan and Levison predict that
the surface density has a power law index of -3.5 from around 50 AU to greater than 1000 AU in
their Figure 2. Measuring disk surface density profiles to 1000 AU requires observing stars which
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of the disks, there is relatively little change in the optical depth of the disk with
changing inclination of the disk until the disk is nearly edge-on. For inclinations
close to 90 degrees, the radial profile would include a convolution of a sine function
and the power law, where the sine function represents the azimuth along the disk.
and would be seen as an additional radial function in a major axis profile. None
of our observed disks are close enough to edge-on for this additional factor to be

significant.

Figure 9.34 shows the same three detected disks in comparison to some
model disk. Shown are models for disks massing 10!, 1, 10, 10%, 103, and 10*
times our Kuiper Belt’s mass. (The mass of our Kuiper Belt (Mkg) is taken to be
4 x 1072 Mg4ren (Weissman 1995; Duncan and Levison 1997)). These model disks
are based on the assumption that the Kuiper Belt is a collisionally evolved system
with N(r) o r~3® (Farinella and Davis 1996; Dohnanyi 1969), and assuming that
we observe light reflected off of > 1 um sized particles with albedo ~ 0.06 (Brown
et al. 1997; Luu and Jewitt 1996; Jewitt et al. 1996). A change in dust albedo from
the 6% which we assumed would correspond inversely to a change in mass estimate
for a disk: an albedo of 12% would give a diskmass estimate which is half as large.
and disks could be more massive than we estimate if their albedos were relatively
lower. This has significance for non-detections: the upper mass limits given increase
with decreasing albedos. In any case, the albedo is probably not wrong by more
than a factor of 2 or 3. The disks around 55 Cnc and p CrB are approximately
10 times more massive, and the HD210277 disk is around 80 times more massive,
than our Kuiper Belt. [n comparison, the disk observed around g8 Pictoris is around

10* times as massive as our Solar System’s dust, and extends from around 50 AU

are ~200 pc away.
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out to at least 1000 AU (see, for example, Artymowicz 1997; Lagage and Pantin
1994). Therefore, the observed disks are still relatively small compared to the
mass of Jupiter; yet, a disk 80 times more massive than our Kuiper Belt would
be a significantly more crowded place than our outer solar system. The 1 Mkg
profile shows approximately what would be observed around our Solar System. A
worthwhile comment, however, is that our Solar System’s Kuiper Belt has its inner
edge around 35 AU. The 1 Mkgp disk is above the detection limit for a < 33 AU.
Therefore, a disk with mass equal to our Kuiper Belt would only be detectable if
the inner edge of the disk were at small enough heliocentric distance. Both the

55 Cnc and p CrB disks have inner edges at a < 35 AU.

The largest radial extent of a disk we have observed is around 100 AU,
for the HD210277 disk. We know very little about this outer region of our solar
system. As we show in Figures 9.33 and 9.34, a power law slope of -5 reproduces the
observed radial profiles from 25 AU out to around 100 AU. This suggests that the
same processes — collisional evolution and grinding together of particles - govern
the HD210277 disk, at 100 AU, as govern our Kuiper Belt at 50 AU. Note that a
constant power law slope of -5 from 25 AU to more than 100 AU suggests that there
does not seem to be a “depleted” region between an evolved inner population and a
more primordial, outer region, as has been suggested (Stern and Colwell 1997); such
a distribution would produce a change in slope in the radial profiles presented in
Figures 9.33 and 9.34. Since radiation pressure and Poynting-Robertson drag both
would clear out zm-sized particles on short timescales (~ 10° years), even at 50 AU.
regeneration of dust particles by collisional grinding is required. The implication is
that there presently are bodies grinding together and producing pm sized dust out

to at least 100 AU in normal-type solar systems’ circumstellar disks.
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It has been proposed that extrasolar giant planets (EGPs) migrate from
their formation locations at around 5 AU inward to their ultimate semi-major axes
at fractions of an AU (Lin et al. 1996; Trilling et al. 1998; Murray et al. 1998:
Chapter 3). In our previous work on 55 Cnc, we showed that the mass “excess”
of the 55 Cunc disk, relative to our Solar System’s Kuiper Belt, corresponded to
the angular momentum “deficiency” of that planet, without its circumstellar disk.
In other words, the planet could have migrated inward by exchanging its angular
momentum with material in the disk, pushing material outward and conserving an-
gular momentum, producing a more massive circumstellar disk in regions exterior
to the planet’s original orbit. In this work, we find that both p CrB and HD210277
have disks more massive than our Kuiper Belt, and planets interior to Jupiter’s
location at 5.2 AU (see Table 9.10). No coherent correlations can yet be deter-
mined because of the small sample size, but we anticipate looking for correlations
among diskmasses and planetary heliocentric distances and masses, as pertains to
the migration model. From these data we hope to learn about planet formation
efficiency and the efficiency of the migration mechanism at moving, stopping, or

possibly removing planets from the system.

We detected no disk around three stars with known radial velocity com-
panions: 51 Peg, v And, and GI876. There are several possible interpretations of
these non-detections. The first explanation is simply that these stars do not possess
dust disks of the kind we have observed around 55 Cnc, p CrB, and HD210277.
Since the kind of dust we observe is likely a requisite byproduct of the grinding
together of larger bodies, the lack of dust disk may be extended to the possibility
of a lack of disk of larger bodies as well. Although we believe that the formation

of a remnant disk such as our Kuiper Belt is implicit in the formation of planets,
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these three null results may indicate that that is not the case. On the other hand.
if a remnant disk is produced by the same processes that form planets, and if no
disk is present, then it is possible that the companions in these three systems did
not form as planets, but rather in a binary star co-collapse mechanism. Implied by
this possibility is the possibility that the radial-velocity companions for these three
systems may not be planets, but brown dwarfs or stars. Since we know only the
minimum mass for these three radial velocity companions, this possibility cannot
be ruled out*. If disk formation is required by planet formation, and if no disk is
detected, then the answer may be that these companions did not form as planets

and are more massive than planets.

Another possibility for these three systems is that a disk is there but that
we did not detect it. If the disk’s angular extent is less than the angular size of the
coronagraphic mask (3 arcseconds in diameter), or if the disk is less massive than
can be detected in reflected light during a normal observing run of several nights,
then we would not have detected it. Figure 9.34 shows our current detection limit
for disks, which is ~0.1 Mkg; disks around stars for which we did not detect disks
could fall below the detection limit curve by having too little mass outside of the
coronagraphic mask for us to detect them. Of particular note is the GIS876 system.
At 4.7 pc, this system is quite favorable for high resolution imaging: the outer edge

of the coronagraphic mask lies less than 10 AU from the central star, and we could

4Gonzalez (1998) has calculated the inclinations of many stars with radial-velocity companions
by modeling fits to observed spectral line shapes. He finds inclinations of 90 degrees (edge-
on) for both 51 Peg and v And, implying that the planets’ masses are their minimum masses.
His formal errors for 51 Peg are small, but the range of values for v And is reported as 53-
90 degrees. An inclination of 55 degrees could much more easily escape detection by us. We see
no evidence for edge-on disks, although, as explained, there are several reasons why such a disk
could go undetected by us. Gonzalez’ values for the masses of 55 Cnc and p CrB, > 0.66 M; and
2.91‘}?’3‘6 M;, respectively, are roughly consistent with our values although, in the case of p CrB,
not closely aligned.
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nominally detect a disk with a mass as low as 0.1 Mkg. and yet we detect nothing.
A notable possibility, especially for GI876, is that we could be looking through a
hole in the disk, and that the disk could be entirely outside our field of view.
The outer edge of our usable data field of view corresponds to around 25 AU for
GI876. Non-detection in the case of looking through the disk’s hole corresponds to
a minimum disk inner edge of 25 AU for an inclination of 0 degrees (face-on); for
an inclination of 45 degrees, the inner edge of the disk must be greater than about
35 AU. Both of these values are plausible for the inner edge of a disk; the inner
edge of our Kuiper Belt is around 40 AU. The solid portion of the 1 Mkg line in
Figure 9.34 represents the extent of our Kuiper Belt; the dotted portion shows the
signal from our Kuiper Belt if it were to extend in past its inner edge at ~35 AU.
The combination of relatively small diskmass (compared to our observed disks) and
inner hole makes our Kuiper Belt nearly undetectable. For 51 Peg and v And the
disks’ inner edges would have to be around 40-50 AU or more, depending on the
inclination of the system. In other words, for disks which are not edge-on and which

have reasonably-sized inner holes, we could miss detecting the disk.

A last possibility which could explain our non-detections of disks around
three stars is if all three systems had disks which were nearly face-on to the Earth.
Our technique in theory works equally well for disks of any inclination; in prac-
tice, however, a disk with circular excesses around the coronagraphic mask might
not be detected because circular isophots are almost always taken to be part of
a star’s point spread function, not a reflected light disk. In practice, a face on
disk (i < about 20 degrees) would produce a noisy signal around the coronagraphic
mask, but not necessarily a coherently interpretable signal. The images of 51 Peg in

particular show a slightly ambiguous coadded total image. This could be indicative
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of poor comparison stars, poor seeing, or, potentially, due to a face-on disk®. In the
interest of placing limits on non-detections, therefore, non-detections reveal either
an angular extent less than ~2 arcseconds; inner disk holes whose inner edges are in
the 35-50 AU region, depending on the star; a diskmass less than around 0.1 Mkg:

or an inclination less than 20 degrees. For combinations of these, the limits become

less stringent.

A last point of discussion is that GI876 is an M star, unlike all the other
stars we have observed, which are G or late I stars — near-solar analogs. Current
thinking about planet formation typically focuses on G stars. for convenience and
as the most interesting cases so far, by anthropocentric reasoning. It may be that
some properties of M star formation and coeval planetary system formation inhibit
disk or even planet formation, either because of luminosity differences or initial
mass differences. Studying more M stars, both by radial velocity techniques and by
our coronagraphic technique, will allow us to extend our ideas of planetary system
formation to M stars in the interest of learning what relevant parameters govern

the formation of planets.

That we have detected disks around three of the six stars with known
radial velocity companions (it may be that one (or more) of our non-detection stars
actually has a disk around it as well) implies a fairly high prevalence of disks around
stars with planets, perhaps showing that remnant disk formation is indeed a part of

planetary system formation, as has been suspected for our solar system. All these

SAlthough we would have a more difficult time detecting face-on disks, it might be expected that
there would be fewer disks which are face-on, as follows: A face-on disk implies a low inclination
(i — 0). Low inclination means large companion mass, from (sin 7)~!. A large companion
mass indicates a star or brown dwarf, which do not require disk formation. So few disks at low
inclinations would be expected.
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systems now resemble mature planetary systems with Jupiter-mass companions and
Kuiper Belt-like disks. Continued study, through various techniques, will allow us
to determine what are the relationships between disks and planets, and to what
extent one necessarily implies the other. This in turn will allow us to revise and

improve models of how planetary systems form.
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CHAPTER 10

CONCLUSIONS AND FUTURE WORK

This thesis has addressed several fundamental questions in planetary science and

planet formation:
e How can the range of heliocentric distances of the observed extrasolar planets
be explained (and still explain Jupiter)?

e How often must planets form, and at what masses, in order to produce a

population like that observed?

e What planet-forming environments are most conducive to producing planets

which survive?

e Do the detected EGPs represent the majority of the class “giant planets,” or

are they simply the easiest to detect and not representative of the entire class?
o Once EGPs reside at small heliocentric distances, how stable are they?
e How does the interior structure of a giant planet affect its survivability?

e Can we observe evidence or remnants of planet formation process in extrasolar
planetary systems, and how does that information enhance our understand of

the process of planet formation?
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The answers to these questions are as follows. We have shown that the mi-

gration model produces planets in a wide range of heliocentric distances and masses,
contrary to what was expected before the discovery of extrasolar giant planets. We
have shown that a planet’s evolution may be more complicated than previously
thought, and may include a regime in which the planet is losing mass but ulti-
mately survives. We have also shown that planet forming efficiency must be high in
order to produce the number and distribution of EGPs, and that planet formation
must preferentially produce smaller (~ 1 Mj) as opposed to larger mass (~ 5 Mj)
planets, if the observed EGP mass distribution is representative. We have placed
limits on the viscosities and diskmasses of protoplanetary disks which produce plan-
ets which survive. However, many planets may form which do not survive. Planet
formation may be quite prevalent around normal-type stars, although planet sur-
vival is less common. We have shown that EGPs can survive at small heliocentric
distances against both tidal effects and atmospheric loss, despite intuition to the
contrary. And we have shown that it is possible to detect circumstellar disks around
stars with known planets, which implies that the disk-formation model is accurate
— but by no means imperative, by the lack of detectable disks around three stars

with companions.

The detection of disks seems to confirm that protoplanetary disk formation
and the process of making planets out of such a disk is robust, and has occurred (and
likely is currently occurring) elsewhere in the galaxy. Mature planetary systems,
which include a planet or planets, circumstellar disks similar to our Kuiper Belt,
exist. It is likely that other members mature Solar Systems exist, analogous to
our Solar System. These analogs may include terrestrial-like or “habitable” planets

where temperatures are conducive to liquid water, opening up the possibility that
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life may exist elsewhere. In this, we may be studying the fundamental question
stated in the Introduction, namely, What is our place in the universe? In summary,
this work and, more generally, the field of discovery and theory of extrasolar planets,

has shown us that we have much to learn about the process of planet formation,

and that we have many new avenues of exploration.

10.1 Implications of this work

As we showed in Chapter 7, the overall efficiency of planet production must be
fairly high. Incorporated in that is the requirement that Ey.x, the efficiency of
a disk at producing planets, be relatively large. If Ega is required to be high,
then mechanisms for incorporating material initially outside a planet’s feeding zone
must be considered. This implies that heterogeneous accretion, in which material of
different composition and locational origin in the protoplanetary disk all are accu-
mulated within a planet, may be required. If so, conclusions about the composition
of the Earth and other planets must take this into consideration. There are also
implications for transfer of volatiles and organics throughout the Solar System if

accumulation from relatively far away is implied and required.

We showed in Chapter 9 that the circumstellar disks observed around stars
with EGPs have a smooth power law radial profile from around 25 AU to more
than 100 AU. These three disks are analogs for our Kuiper Belt. From this we learn
that our Kuiper Belt, too, likely has a smooth radial profile out to at least 100 AU,
indicating that disk processes were similar from the planet forming region to much
larger heliocentric distances. We can now put our Kuiper Belt in the context of these

three disks, and estimate how our Belt’s mass compares to others which surround



systems with known planets.

The presence of disks around stars with planets indicates that the disk
formation model is largely correct. It is an outstanding but important question
why no detectable disks were found around three stars with planetary companions,
as this is another test of the disk-planet connection: Are disks requisite in systems
which form planets, or simply likely? And if disks are only likely, how can planets
form without disks also forming? To what extent do planets and disks imply each

other?

10.2 Predictions and future work

We have predicted (Chapter 3) that a “piling up” of planets should occur near the
inner tidal radius (probably around 0.05 to 0.1 AU) because a population of planets
(Class II planets) is moving outward when the disk dissipates, and is stranded there;
and another population of planets (Class III) is moving inward, slowly, there when
the disk dissipates, and is stranded there. To the radial velocity observers. these
two classes of planets would be indistinguishable. These two effects suggest that.
when enough EGPs have been detected that a proper statistical sample is reached.
we should see a peak in semi-major axis for planets near this tidal limit. This is a
testable hypothesis, requiring only enough extrasolar planets to be confident of the

statistics and conclusions.

We also predict that planets at the smallest heliocentric distances and
masses have lost some of their mass (Section 3.8). The mass loss process pre-

sumably fractionates the envelopes of the planets, stripping away the upper, lighter
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layers and leaving heavier elements behind. Therefore, when such observations are
possible, we predict that examination of planets in this region of my; — ay space
will show this fractionation, and be relatively depleted in hydrogen, and relatively
enriched in heavier elements, compared to their initial compositions (presumably

similar to Jupiter’s current composition).

We have shown that the observed EGPs must represent only the tip of the
iceberg for all extrasolar planets. The selection bias for detecting planets quite close
to their central stars is large. However, were an unbiased sample to be known, we
predict that there would be roughly ten times as many planets with semi-major
axes larger than 1 AU as there would be planets with a less than 0.1 AU. This is
because the probability for having planets survive at small heliocentric distances is
small compared to the probability of planets’ surviving at more moderate distances.

This is a testable prediction of the migration model and our results.

We also eagerly await having identified and characterized enough circum-
stellar disks to look for correlations among circumstellar disk mass. planet mass.
planet semi-major axis, stellar spectral type, and whatever other observables are
known. For example, we expect that a correlation between circumstellar disk mass
and planetary heliocentric distance should exist. Such a correlation would constrain
the migration model, presumably demonstrating that disks whose initial masses
were either too large or too small would not produce planets in small orbits. This
is a prediction made by us with our migration model, and testable by us at the

telescope.

Lastly, we have shown that the possibility that giant planets have rocky

cores presents the possibility that a population of stripped giant planet cores exist
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at small heliocentric distances, and predict that, as a consequence of mass loss,
these remnant cores should exist and be detectable in the near future, given present

technological advances. This too is a directly testable prediction.

Future work includes applying the migration model to our Solar System
to compare migration timescales with ideas about the importance of Jupiter to
the formation of terrestrial planets. We have as a large goal the incorporation of
the migration model and a planetary accretion model to self-consistently study the
formation and evolution of giant planets from their very inception throughout their
lifetimes. The circumstellar disk observing program is continuing, and we have
begun a complementary program of observing in the mid-infrared to characterize
the inner regions of previously identified circumstellar disks, particularly to look
for evidence of inner disk holes which might reveal more information about the

population of planet(s) in a system.

The construction of the new paradigm of planet formation was sparked by
observation — the detections of EGPs at small heliocentric distances. These obser-
vations sparked theories of planet migration such as have been described here. Our
theory of planet migration in turned spawned our observing program of detecting
and characterizing circumstellar disks. These observations will in turn give rise to
theories of planetary system evolution. And these theories will ultimately direct the
observers to the most likely candidate stars for detecting extrasolar planets, com-
pleting the circle. Thus, the new studies of planetary system formation are being

driven by a balanced combination of theory and observation.

The field of planet formation has many unanswered questions. Yet, we have

developed a set of tools, both theoretical and observational, to address fundamental
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questions in the field, and find answers about how and how often planets form. what
happens to them after they form, and what we can do to find out more about their
formation. We are in a good position to continue to study how planetary systems
form as the field grows with new and unexpected discoveries. We are fortunate to

have both the tools and abilities to address a question which all people wonder:

Where did we come from, and how special are we in the universe?



176

REFERENCES

Airy, G. B. (1969). Gravitation: An Elementary Ezplanation of the Principal
Perturbations in the Solar System. Ann Arbor: NEO Press.

Allard, F., P. H. Hauschildt, D. R. Alexander, and S. Starrfield (1997). Model
Atmospheres of Very Low Mass Stars and Brown Dwarfs. Ann. Rev. Astron.
Astroph. 35, 137.

Artymowicz, P. (1997). Beta Pictoris: An Early Solar System? Ann. Rev. Earth
Planet. Sci. 25, 175.

Artymowicz, P. and S. H. Lubow (1996). Mass Flow through Gaps in Circumbi-
nary Disks. Astrophys. J. Lett. 467, L77.

Barnes, S., S. Sofia, and M. Pinsonneault (1999a). Disk-locking and the existence
of slow rotators in young star clusters. Astrophys. J. submitted.

Barnes, S., S. Sofia, C. F. Prosser, and J. R. Stauffer (1999b). Rotation Periods of
Late-type Stars in the Young Open Cluster IC 2602. Astrophys. J. accepted.

Beckwith, S. V. W. and A. . Sargent (1993). The occurrence and properties of
disks around young stars. In Protostars and Planets III, E. H. Levy and J. L.
Lunine (Eds.), p. 521. Tucson: Univ. of Arizona Press.

Benz, W., A. G. W. Cameron, W. H. Press, and R. L. Bowers (1990). Dynamic
mass exchange in doubly degenerate binaries I — 0.9 and 1.2 solar mass stars.
Astrophys. J. 348, 647.

Boss, A. (1998). Extrasolar Planets and Brown Dwarf Stars. BAAS 30, 1048.

Boss, A. P. (1995). Proximity of Jupiter-like planets to low-mass stars. Sci-
ence 267, 360.

Brown, R. H., D. P. Cruikshank, Y. Pendleton, and G. J. Veeder (1997). Surface
composition of Kuiper belt object 19935C. Science 276, 937.

Burns, J. A. (1977). Orbital evolution. In Planetary Satellites, J. A. Burns (Ed.),
p- 113. Tucson: Univ. of Arizona Press.

Burrows, A., M. Marley, W. B. Hubbard, J. I. Lunine, T. Guillot, D. Saumon.
R. Freedman, D. Sudarsky, and C. Sharp (1998). A Nongray Theory of Ex-
trasolar Giant Planets and Brown Dwarfs. Astrophys. J. 491, 856.

Butler, R. P. and G. W. Marcy (1996). A Planet Orbiting 47 Ursae Majoris.
Astrophys. J. Lett. 464, L153.



177

Butler, R. P., G. W. Marcy, S. S. Vogt, and K. Apps (1998). A Planet with a 3.1
day Period Around a Solar Twin. PASP 110, 1389.

Butler, R. P., G. W. Marcy, E. Williams, H. Hauser, and P. Shirts (1997). Three
new “51 Pegasi-type” planets. Astrophys. J. Lett. 474, L115.

Cameron, A. G. W. (1995). The first ten million years in the solar nebula. Mete-
oritics 30, 133.

Cameron, A. G. W. and L. Iben, Jr. (1986). On the behavior of double degenerate
binaries associated with Type I supernovae. Astrophys. J. 305, 228.

Canup, R. M. and L. W. Esposito (1996). Accretion of the Moon from an Ipact-
Generated Disk. lcarus 119, 427.

Canuto, V. M., J. S. Levine, T. R. Augustsson, and C. L. Imhoff (1982). Uv
radiation from the young Sun and oxygen and ozone levels in the prebiological
palaeoatmosphere. Nature 296, 816.

Chamberlain, J. W. and D. M. Hunten (1987). Theory of Planetary Atmospheres.
San Diego: Academic Press.

Charbonneau, D., S. Jha, and R. W. Noyes (1998). Spectral line distortions in
the presence of a close-in planet. Astrophys. J. 507, L153.

Christy, J. W. and R. S. Harrington (1978). The satellite of Pluto. Astron. J. 83.
1005.

Chyba, C. F., D. G. Jankowski, and P. D. Nicholson (1989). Tidal evolution in
the Neptune-Triton system. Astron. Astrophys. 219, L23.

Cochran, W. D., A. P. Hatzes, R. P. Butler, and G. W. Marcy (1997). The
Discovery of a Planetary Companion to 16 Cygni B. Astrophys. J. 483, 437.

CRC (1994). Handbook of Chemistry and Physics, D. R. Lide, Editor. Boca Ra-
ton: CRC Press.

Delfosse, X., T. Forveille, M. Mayor, C. Perrier, D. Naef, and D. Queloz (1998).
The closest extrasolar planet. Astron. Astrophys. 338, L67.

Dohnanyi, J. S. (1969). Collisional model of asteroids and their debris. J. Geophys.
Res. T4, 2531.

Dominik, C., R. J. Laureijs, M. Jourdan de Muizon, and H. J. Habing (1998).

A Vega-like disk associated with the planetary system of p' Cnc. Astron.
Astrophys. 329, L53.

Duncan, M. J. and H. F. Levison (1997). A disk of scattered icy objects and the
origin of Jupiter-family comets. Science 276, 1670.

Duncan, M. J., H. F. Levison, and S. M. Budd (1995). The dynamical structure
of the Kuiper belt. Astron. J. 110, 3073.



178

Eggleton, P. P. (1983). Approximations to the radii of Roche lobes. Astrophys.
J. 268, 368.

European Space Agency (1997). The Hipparcos and Tycho Catalogues. Noordwijk:
European Space Agency.

Farinella, P. and D. R. Davis (1996). Short-period comets: Primordial bodies or
collisional fragments? Science 273, 938.

Fischer, D. A., G. W. Marcy, R. P. Butler, S. S. Vogt, and K. Apps (1999). Plan-
etary Companions Around Two Solar Type Stars: HD195019 and HD217107.
PASP 111, 50.

Goldreich, P. and S. Peale (1966). Spin-Orbit Coupling in the Solar System.
Astron. J. T1, 425.

Goldreich, P. and S. Soter (1966). Q in the Solar System. Icarus 5, 375.

Goldreich, P. and S. Tremaine (1980). Disk-satellite interactions. Astrophys.
J. 241, 425.

Gonzalez, G. (1998). Spectroscopic analyses of the parent stars of extrasolar
planetary system candidates. Astron. Astrophys. 334, 221.

Gonzalez, G., G. Wallerstein, and S. H. Saar (1999). Parent Stars of Extrasolar
Planets IV. 14 Herculis, Hd187123, and HD210277. Astrophys. J. Lett. 511,
L111.

Gray, D. (1997). Absence of a planetary signature in the spectra of the star 51
Pegasi. Nature 385, 795.

Gray, D. (1998). A planetary companion for 51 Pegasi implied by absence of
pulsations in the stellar spectra. Nature 391, 153.

Gray, D. and A. P. Hatzes (1997). Nonradial Oscillations in the Solar-
Temperature Star 51 Pegasi. Astrophys. J. 490, 412.

Guillot, T. (1998). The Interiors of Jupiter and Saturn. BAAS 30, 1067.

Guillot, T., A. Burrows, W. B. Hubbard, J. [. Lunine, and D. Saumon (1996).
Giant Planets at Small Orbital Distances. Astrophys. J. Lett. 459. L35.

Guillot, T., D. Gautier, and W. B. Hubbard (1997a). New Constraints on the
Composition of Jupiter from Galileo Measurements and Interior Models.
Icarus 130, 534.

Guillot, T., M. S. Marley, D. Saumon, and R. S. Freedman (1997b). In Infrared
Space Linterferometry: Astrophysics & the Study of Farth-like Planets, C. E.
et al. (Ed.), pp. 37. Dordrecht: Kluwer.

Hartmann, W. K. (1993). Moons & Planets, Third Fdition. Belmont: Wadsworth
Publishing Company.



179

Hatzes, A. P., W. D. Cochran, and E. J. Bakker (1998a). Further evidence for
the planet around 51 Pegasi. Nature 391, 154.

Hatzes, A. P., W. D. Cochran, and E. J. Bakker (1998b). The Lack of Spectral
}/aria.bility in 51 Pegasi: Confirmation of the Planet Hypothesis. Astrophys.
. 508, 380.

Holman, M., J. Touma, and S. Tremaine (1997). Chaotic variations in the eccen-
tricity of the planet orbiting 16 Cyg B. Nature 386, 254.

Hubbard, W. B. (1984). Planetary Interiors. New York: Van Nostrand-Reinhold.

Hunten, D. M. and A. J. Watson (1982). Stability of Pluto’s atmosphere.
Icarus 51, 665.

Jewitt, D. C., J. X. Luu, and J. Chen (1996). The Mauna Kea-Cerro-Tololo
(MKCT) Kuiper belt and centaur survey. Astron. J. 112, 1225.

Kant, [. (1753). Allgemeine Naturgeschichte und Theorie des Himmels.
Koningsburg, Leipzig: J. F. Petersen.

Kaula, W. M. (1964). Tidal Dissipation by Solid Friction and the Resulting Or-
bital Evolution. Rev. Geophys. 2, 661.

Lagage, P. O. and E. Pantin (1994). Dust depletion in the inner disk of Beta-
Pictoris as a possible indicator of planets. Nature 369, 628.

Lambeck, K. (1979). On the Orbital Evolution of the Martian Satellites. J. Geo-
phys. Res. 84, 5651.

Laplace, P.-S. (1796). Ezposition du Systéeme du Monde.

Latham, D. W., T. Mazeh, R. P. Stefanik, M. Mayor, and G. Burki (1989). The
unseen companion of HD114762 — A probable brown dwarf. Nature 339, 38.

Levison, H. F., J. J. Lissauer, and M. J. Duncan (1998). Modeling the Diversity
of Outer Planetary Systems. Astron. .J. 116, 1998.

Lewis, J. S. (1995). Physics and Chemistry of the Solar System. San Diego: Aca-
demic Press.

Lin, D. and S. Ida (1997). On the Origin of Massive Eccentric Planets. Astrophys.
J. 477, T81.

Lin, D. N. C., P. Bodenheimer, and D. C. Richardson (1996). Orbital migration
of the planetary companion of 51 Pegasi to its present location. Nature 380,
606.

Lin, D. N. C. and J. Papaloizou (1986). On the tidal interaction between proto-

planets and the protoplanetary disk III — Orbital migration of protoplanets.
Astrophys. J. 309, 846.



180

Lin, D. N. C. and J. Papaloizou (1993). On the tidal interactions between proto-
stellar disks and companions. In Protostars and Planets III, E. H. Levy and
J. L. Lunine (Eds.), p. 749. Tucson: Univ. of Arizona Press.

Liou, J. and R. Malhotra (1997). Depletion of the outer asteroid belt. Science 275,
375.

Lissauer, J. J. (1993). Planet formation. Ann. Rev. Astron. Astroph. 31, 129.

Lunine, J. I. and W. C. Tittemore (1993). Origins of Quter-Planet Satellites.
In Protostars and Planets III, E. H. Levy and J. . Lunine (Eds.), p. 1149.
Tucson: Univ. of Arizona Press.

Luu, J. X. and D. C. Jewitt (1996). Reflection spectrum of the Kuiper belt object
1993SC. Astron. J. 111, 499.

Malhotra, R. (1993). The origin of Pluto’s peculiar orbit. Nature 365, 819.

Mannings, V., D. W. Koerner, and A. I. Sargent (1997). A rotating disk of gas
and dust around a young counterpart to § Pictoris. Nature 388, 555.

Marcy, G. W. and R. P. Butler (1996). A Planetary Companion to 70 Virginis.
Astrophys. J. Lett. 464, L147.

Marcy, G. W. and R. P. Butler (1997). In Proceedings of the Tenth Cambridge
Workshop on Cool Stars, R. Donahue and J. Bookbinder (Eds.), p. in press.
San Francisco: Astron. Soc. Pac.

Marcy, G. W., R. P. Butler, S. S. Vogt, D. Fischer, and J. J. Lissauer (1998).
A Planetary Companion to a Nearby M4 Dwarf, Gliese 876. Astrophys. J.
Lett. 505, L147.

Marcy, G. W., R. P. Butler, S. S. Vogt, D. Fischer, and M. Liu (1999a). Two
New Candidate Planets in Eccentric Orbits. Astrophys. J. accepted.

Marcy, G. W., R. P. Butler, E. Williams, L. Bildsten, J. R. Graham. A. M. Ghez.
and J. G. Jernigan (1997). The Planet around 51 Pegasi. Astrophys. J. 481,
926.

Marcy, G. W., W. D. Cochran, and M. Mayor (1999b). Extrasolar Planets Around
Main Sequence Stars. In Protostars and Planets [V, V. Mannings et al. (Ed.).
pp- in press. Tucson: Univ. of Arizona Press.

Marley, M., D. Saumon, T. Guillot, R. S. Freedman, W. B. Hubbard, A. Burrows,
and J. I. Lunine (1996). Atmospheric, evolutionary, and spectral models of
the brown dwarf Gliese 229B. Science 272, 1919.

Mayor, M. and D. Queloz (1995). A Jupiter-mass companion to a solar-type star.
Nature 378, 355.

Mayor, M., D. Queloz, J. Beuzit, J. Mariotti, D. Naef, C. Perrier, and J. Sivan
(1999). In Protostars and Planets IV, V. Mannings et al. (Ed.), p. in press.
Tucson: Univ. of Arizona Press.



181

Mayor, M., D. Queloz, S. Udry, and J.-L. Halbwachs (1996). From brown dwarfs
to planets. In Astrochemical and biochemical origins and search for life in the
Universe: TAU Coll. 161. Tucson: IAU.

Murray, N., B. Hansen, M. Holman, and S. Tremaine (1998). Migrating planets.
Science 279, 69.

Noyes, R. W., S. Jha, S. G. Korzennik, T. M. Brown, E. J. Kennelly, and S. D.
Horner (1997). A Planet Orbiting the Star Rho Coronae Borealis. Astrophys.
J. Lett. 483, L111.

Owen, T. C., T. L. Roush, D. P. Cruikshank, J. L. Elliot, L. A. Young,
C. de Bergh, B. Schmitt, T. R. Geballe, R. H. Brown, and M. J. Bartholomew
(1993). Surface ices and the atmospheric composition of Pluto. Science 261.
745.

Peale, S. J. and P. Cassen (1978). Contribution of tidal dissipation to lunar
thermal history. Icarus 36, 245.

Podolak, M., W. B. Hubbard, and J. B. Pollack (1993). Gaseous accretion and
the formation of giant planets. In Protostars and Planets III, E. H. Levy and
J. I. Lunine (Eds.), p. 1109. Tucson: Univ. of Arizona Press.

Pollack, J. B., O. Hubickyj, P. Bodenheimer, J. J. Lissauer, M. Podolak, and
Y. Greenzweig (1996). Formation of the Giant Planets by Concurrent Accre-
tion of Solids and Gas. Icarus 124, 62.

Quillen, A. C. and D. E. Trilling (1998). Do Proto-jovian Planets Drive Qutflows?
Astrophys. J. 508, 707.

Rasio, F. A. and E. B. Ford (1996). Dynamical instabilities and the formation of
extrasolar planetary systems. Science 274, 954.

Rasio, F. A., C. A. Tout, S. H. Lubow, and M. Livio (1996). Tidal Decay of Close
Planetary Orbits. Astrophys. J. 470, 1187.

Saumon, D., W. B. Hubbard, A. Burrows, T. Guillot, J. [. Lunine, and
G. Chabrier (1996). A Theory of Extrasolar Planets. Astrophys. J. 460, 993.

Shakura, N. and R. Sunyaev (1973). Black holes in binary systems. observation
and appearance. Astron. Astrophys. 24, 337.

Skumanich, A. (1972). Astrophys. J. 171, 565.

Smith, B. A. and R. J. Terrile (1984). A circumstellar disk around g Pictoris.
Science 226, 1421.

Stacey, F. D. (1977). Physics of the Earth, Second Fdition. New York: John
Wiley & Sons.

Stepinski, T. E. and P. Valageas (1997). Global evolution of solid matter in tur-

bulent protoplanetary disks. II. Development of icy planetesimals. Astron.
Astrophys. 319, 1007.



182

Stern, S. A. and J. E. Colwell (1997). Collisional Erosion in the Primordial

Edgeworth-Kuiper Belt and the Generation of the 30 - 50 AU Kuiper Gap.
Astrophys. J. 490, 879.

Takeuchi, T., S. M. Miyama, and D. N. C. Lin (1996). Gap Formation in Proto-
planetary Disks. Astrophys. J. 460, 832.

Tinney, C. G. (1999). Brown dwarfs: the stars that failed. Nature 397, 37.

Toomey, D., C. Ftaclas, R. H. Brown, and D. E. Trilling (1998). CoCo: an
experiment in infrared coronagraphy at the IRTF. SPIE Proc. 3354, 782.

Trilling, D. E. and S. Barnes (1999). Astrophys. J. Lett., in preparation.

Trilling, D. E., W. Benz, T. Guillot, J. I. Lunine, W. B. Hubbard, and A. Burrows
(1998). Orbital evolution and migration of giant planets: Modeling extrasolar
planets. Astrophys. J. 500, 428.

Trilling, D. E., W. Benz, T. Guillot, J. I. Lunine, W. B. Hubbard, and A. Burrows
(1999a). Migration and evolution of extrasolar planets. Chemistry and Physics
of the Earth, in press.

Trilling, D. E. and R. H. Brown (1998). A circumstellar dust disk around a star
with a known planetary companion. Nature 395, 775.

Trilling, D. E., R. H. Brown, and A. S. Rivkin (1999b). Circumstellar dust disks
around stars with known planetary companions. Astrophys. J. Lett. submit-
ted.

Trilling, D. E., J. L. Lunine, and W. Benz (1999c). How hard is it to make and
keep giant planets? Astrophys. J. in preparation.

Trilling, D. E. and H. J. Melosh (1998). What if Extrasolar Planets are Rocky?
Abstracts of the 29th Annual Lunar and Planetary Science Conference 29,
abstract # 1409.

Ward, W. R. (1997a). Protoplanet Migration by Nebula Tides. Icarus 126, 261.

Ward, W. R. (1997b). Survival of Planetary Systems. Astrophys. J. Lett. 482,
L211.

Ward, W. R. and K. Hourigan (1989). Orbital migration of protoplanets — The
inertial limit. Astrophys. J. 347, 490.

Watson, A. J., T. M. Donahue, and J. C. G. Walker (1981). The Dynamics of a
Rapidly Escaping Atmosphere: Applications to the Evolution of Earth and
Venus. Icarus 48, 150.

Weidenschilling, S. J. and J. N. Cuzzi (1993). Formation of planetesimals in the
solar nebula. In Protostars and Planets I1I, E. H. Levy and J. [. Lunine (Eds.),
p. 1031. Tucson: Univ. of Arizona Press.



183
Weidenschilling, S. J. and F. Marzati (1996). Gravitational scattering as a possi-
ble origin for giant planets at small stellar distances. Nature 384, 619.
Weissman, P. (1995). The Kuiper belt. Ann. Rev. Astron. Astroph. 33, 327.

Wetherill, G. W. (1991). Occurrence of earth-like bodies in planetary systems.
Science 253, 535.

Wetherill, G. W. (1992). An alternative model for the formation of the asteroids.
lcarus 100, 307.

Wolszczan, A. and D. A. Frail (1992). A planetary system around the millisecond
pulsar PSR1257 +12. Nature 355, 145.

Wuchterl, G. (1993). The critical mass for protoplanets revisited — Massive en-
velopes through convection. lcarus 106, 323.

Wouchterl, G. (1996). Formation of Giant Planets Close to Stars. Bull. Amer.
Astr. Soc. 28, 1108.

Zuckerman, B., T. Forveille, and J. Kastner (1995). Inhibition of giant planet
formation by rapid gas depletion around young stars. Nature 373, 494.



IMAGE EVALUATION
TEST TARGET (QA—3)

.0 Si= =
= b2z
T
— 122
.25

2 L e

150mm

APPLIED =2 IMAGE.Inc
== 1653 East Main Street
=——_ Rochester, NY 14609 USA
=== Phone: 716/482-0300
=== rax: 716/288-5989

© 1993, Applied Image, Inc., All Rights Reserved



