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ABSTRACT 

As a whole this dissertation aims to understand giant planets as an entire class 

of astronomical objects. Initially we investigate the mechanics and evolutionary 

effects of phase separation in the deep interiors of giant planets. We present the 

first models of Saturn and Jupiter to couple their evolution to both a radiative-

atmosphere grid and to high-pressure phase diagrams of hydrogen with helium and 

other admixtures. We find that previously calculated hydrogen-helium phase dia

grams in which Saturn's interior reaches a region of predicted helium immiscibility 

do not allow enough energy release to prolong Saturn's cooling to its known age 

and effective temperature. We explore modifications to published phase diagrams 

that would lead to greater energy release. Alternatively, we also explore the evo

lutionary effects of the phase separation of an icy component. We then expand 

our inhomogeneous evolutionary models to the evolution of hypothetical extrasolar 

giant planets (EGPs) in the 0.15 to 3.0 Jupiter mass range, incorporating helium 

phase separation using the hydrogen-helium phase diagram we have calibrated to 

Jupiter and Saturn. We show how phase separation increases the luminosity, effec

tive temperature, and radii, and decreases the atmospheric helium mass fraction, 

for various giant planets as a function of age. We also show the effects of irradia

tion and dense cores. Next we turn to the atmosphere of the transiting EGP, HD 

209458b. Using a self-consistent atmosphere code, we construct a new model of the 

planet's atmosphere to investigate the disparity between the observed strength of 

the sodium absorption feature at 589 nm and the predictions of previous models. 

For the atmospheric temperature-pressure profile we derive, silicate and iron clouds 
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reside at a pressure of several mbar in the planet's atmosphere. These clouds lead 

to increased absorption in bands directly adjacent to the sodium line core. Us

ing a non-LTE sodium ionization model, we show that ionization leads to a slight 

weakening of the sodium feature. The sensitivity of our conclusions to the derived 

atmospheric temperature-pressure profile is discussed. We show how our investi

gation leads to a better understanding of how the planetary radius measurements 

should be compared to model radii. 



14 

CHAPTER 1 

Evolution of Giant Planets: Interiors and Atmospheres 

1.1 Introduction 

The study of giant planets has changed radically in the past several years. Before 

1995, Jupiter and Saturn were the only hydrogen-gas giants known. As of the 

writing of this dissertation, the number of planetary candidates in orbit around 

other stars is nearing 120. All but two of these planets have been detected by the 

"radial velocity" method, meaning these unseen planets perturb their star's orbit 

and thereby doppler shift the star's spectral lines in a very small but repeated and 

detectable way. In addition, two planets have been seen in transit. As seen from 

Earth, these planets pass in front of their parent star, occulting ~ 1-2% of the star's 

light. 

With this large number of objects, some of which are available for detailed 

study, in addition to the hundreds of brown dwarfs that have been found, there 

is a revolution underway in our understanding of substellar mass objects (Burrows 

et al., 2001; Hubbard et al., 2002; Chabrier and Baraffe, 2000). Progress in our 

understanding of giant planets as an entire class of astronomical objects is now 

occurring on two fronts. One addresses these "new" extrasolar giant planets (EGPs) 

and uses observations and models to understand bulk properties of the planets' 

atmospheres and interiors. The benchmark for these EGPs is HD 209458b, the 

first planet discovered to transit the disk of its parent star (Charbonneau et al., 

2000; Henry et al., 2000). Spectroscopic observations (Mazeh et al., 2000) along 
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with detailed Hubble Space Telescope transit observations (Brown et al, 2001) have 

allowed for determinations of the planet's mass, radius, mean density, and orbital 

parameters. As we will discuss in Chapter 4, absorption due to neutral atomic 

sodium (Charbonneau et al., 2002) and hydrogen (Vidal-Madjar et al., 2003) atoms 

are helping us understand the atmosphere and environment of this planet. 

With ~120 EGPs now found, Jupiter and Saturn are being seen in a new 

light. As our nearest giant planets, their interiors and atmospheres should be un

derstood in as much detail as possible, to help cahbrate our understanding of more 

distant planets. In addition, since Jupiter and Saturn make up over 90% of the 

planetary mass of the solar system, an adequate understanding of the planets' com

position and thermal history is necessary for understanding the origin and evolution 

of the solar system. Detailed models or Jupiter and Saturn's structure and evolu

tion have been created for many decades. Benchmarks for modern models of Jupiter 

and Saturn are those of Demarcus (1958) and Peebles (1964), who confirmed that 

the planets have a composition similar to that of the Sun. Later, Hubbard (1968) 

showed that Jupiter's heat flow and composition ensured the planet is fluid, not 

solid. Podolak and Cameron (1974) computed models with dense heavy element 

cores, while Stevenson and Salpeter (1977a, 1977b) investigated the effects of hehum 

phase separation in the planets. In Russia, Zharkov and Trubitsyn made numerous 

advances which are summarized in Zharkov and Trubitsyn (1978). Hubbard and 

Marley (1989) computed static models of Jupiter and Saturn with advanced equa

tions of state of all constituent compounds and Guillot et al. (1994) investigated the 

effects of non-adiabaticity. More recently, Guillot (1999) computed a vast number 

of model planets to explore uncertainties in all possible input parameters. These 

are a sprinkling of the studies throughout the past 50 years. 

Modern static models constrain the interior of a giant planets by matching 

the planet's mass, radius, rotation period, temperature at 1 bar, and gravitational 

moments, using various equations of state (EOSs) for hydrogen, helium, and heavy 
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elements. Our current understanding is that Jupiter and Saturn are predominantly 

hydrogen-rich planets, with an approximately solar bulk abundance of helium, and 

likely 3-5 x enrichment in the heavier elements ("metals"). Limits on the heavy 

element core masses have tended to shrink as our knowledge of the EOS of hydrogen 

and helium have improved, and now are 0-10 Me (Earth masses) for Jupiter and 

10-20 Me for Saturn (Saumon and Guillot, 2003). 

First-generation evolutionary calculations (Hubbard, 1977; Pollack et al., 

1977; Grossman et al., 1980) for homogeneous, fully adiabatic model planets, led to 

Jupiter ages that agreed with the age of the solar system (4.56 Gyr) within model 

uncertainties, but models for Saturn cooled much too quickly, usually in 2.0 to 

2.5 Gyr. New, non-gray atmospheric boundary conditions suitable for giant planet 

and brown dwarf evolutionary models (Burrows et al., 1997) have confirmed this 

picture for Jupiter and Saturn (Hubbard et al., 1999). This factor of 2 discrepancy 

in Saturn's cooling age has been our most glaring failure in understanding the 

evolution of giant planets. In the past 25 years the phase separation of helium 

from liquid metallic hydrogen in Saturn's deep interior gained favor as the most 

likely explanation for the model age shortfall. If Saturn is currently internally 

differentiating, with a significant amount of its helium mass raining down to deeper 

layers, this release of available gravitational potential energy can be a substantial 

energy source that could retard the planet's cooling. 

Smoluchowski (1967) first proposed that Jupiter's self-luminosity (Low, 

1966) was due to the settling of neutral helium in Jupiter's cold hydrogen inte

rior. After Hubbard (1968) showed that Jupiter's interior was composed of warm, 

fluid, liquid metallic hydrogen (H+), Salpeter (1973) described a situation in which 

helium may become immiscible in H+ at these temperatures and pressures, which 

could lead to a gradual layering of helium abundance with radius. At this same time 

Flasar (1973) calculated the magnitude of energy released if Jupiter were to form 

a helium core. More quantitative investigations based on Salpeter's work occurred 
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shortly thereafter. Stevenson (1975), using free-electron perturbation theory, calcu

lated a phase diagram for fully ionized H-He mixtures and found an immiscibility 

region at temperatures ~ 10"^ K, a temperature encountered in old giant planets. 

Much work was then done on describing the mechanics of the helium phase sepa

ration process, and its likely consequences on the structure and evolution of giant 

planets (Stevenson and Salpeter, 1977b; Stevenson and Salpeter, 1977a). While 

order of magnitude and back of the envelope calculations (Stevenson and Salpeter, 

1977a; Stevenson, 1980; Hubbard and Stevenson, 1984) indicated a rough consis

tency in Saturn for the energy likely released by helium phase separation, and that 

needed to prolong Saturn's evolution, no quantitative cooling models incorporating 

this effect were undertaken for quite some time. Others areas affecting evolutionary 

calculations, which on their own led to great uncertainties, needed to be shored up. 

Work continued on understanding the equation of state of pure hydrogen through 

theory and experiment (see Hubbard et al., 2002). Finally in 1997 a new grid of 

model atmospheres were created that were suitable for Jupiter and Saturn evolu

tionary calculations (Burrows et al., 1997). Until that point every evolutionary 

calculation for Jupiter and Saturn had used the atmosphere models of Graboske 

et al. (1975). 

The first evolutionary calculations that quantitatively investigated helium 

phase separation were those of Hubbard et al. (1999), who looked at two limiting 

cases for Jupiter and Saturn. The first was if helium rained out linearly with time, 

with helium being lost in the molecular region and gained in the metallic region. 

Each layer would then be homogeneous, one depleted and one enriched. The other 

case was if helium separated very late, just before the planets each reached their 

known effective temperatures, and helium were lost from both the molecular and 

metallic regions and fell down to form a helium core. The prolongation times 

difi^ered by about a factor of 5-10, from a few hundreds of Myr for the first case and 

a few Gyr for the second. What remained to be done was couple the evolutionary 
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models to actual calculated H-He phase diagrams, including the phase separation 

and redistribution of helium in the interior of giant planets. 

Since in detail the high pressure phase diagram of H-He mixtures is still 

quite unconstrained (as we will describe in the next chapter), one can use the 

evolution of Saturn and Jupiter to force a constraint. We first test what has become 

the "standard" theory of H-He mixtures (Stevenson, 1975; Hubbard and Dewitt, 

1985), and find that it is likely incorrect. We propose a diflferent phase diagram, 

which is essentially a ad-hoc modification of the work of Pfaflfenzeller et al. (1995). 

With this phase diagram phase separation starts in Saturn at age ~ 1.5 Gyr and 

in Jupiter at age ~ 5 Gyr, and allows both planets to reach their known ages and 

effective temperatures. In a sense this uses Saturn and Jupiter to force a constraint 

on the H-He phase diagram. With this phase diagram in place, in Chapter 3 we 

create new evolutionary thermal history models of hypothetical EGPs, which to 

date have not included the effects of helium phase separation. In order to span the 

range of EGPs likely to be found, we also investigate the effects of modest stellar 

irradiation and dense cores on EGP luminosities and radii. 

While Jupiter and Saturn provide a test of our theory for the cooling of 

giant planets at low temperatures, the planet HD 209458b provides a test for the 

evolution of a giant planet of similar mass under intense irradiation from its parent 

star. HD 209458b, with a mass of 0.69 Mj, orbits its sun-like GO star with a 

semimajor axis of only 0.046 AU. Therefore it receives 15,000 and 50,000 times 

more stellar flux than Jupiter and Saturn, respectively. 

The planet HD 209458b was discovered in late 1999 by Charbonneau et al. 

(2000) and Henry et al. (2000). The planet occults 1.6% of its parent star's light for 

a duration of 3 hours of its 3.52 day orbital period. The combined transit data and 

radial velocity data (Mazeh et al., 2000) allow for a determination of the planet's 

radius and actual mass, since the orbital inclination is obviously edge-on. This was 
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the first direct confirmation that this EGP is indeed a hydrogen-gas giant (Burrows 

et al, 2000). HD 209458b and 51 Peg b (Mayor and Queloz, 1995) are the best 

known examples of a class of ~ 20 EGPs sometimes known as "roasters," which 

orbit within 0.1 AU of their parent star. The roasters are only a subset of the known 

EGPs, which span a great range in mass, semimajor axis, and orbital eccentricity. 

To date these planets range from those with minimum masses of only 0.12 Mj (HD 

49674 b) to those well over 10 times more massive than Jupiter. The semimajor 

axes range from only 0.023 AU to 5.9 AU (55 Cnc d). Most of the planets have 

large orbital eccentricities, with the highest determination at 0.92! Since all but 

two of these planets are radial velocity detections, at this point little can be learned 

about them except orbital parameters. Since the discovery of HD 209458b showed 

that transit detection is a viable method for finding planets, many surveys are 

underway, which has recently led to the discovery of the second transiting planet, 

OGLE-TR-56b (Konacki et al., 2003). 

Since transit observations of EGPs are indirect, our knowledge of the planet 

is in a sense only as good as our knowledge of its parent star, which is 47 parsecs 

from Earth. How well can these stellar properties be derived? Surprisingly, not all 

that well (Cody and Sasselov, 2002). The stellar mass and radius of HD 209458A 

can only be constrained to 10%, and the stellar age to 30% at best. The parent 

star is a Sun-like main sequence GO star with an estimated age of 4-7 Gyr (Mazeh 

et al., 2000). This highhghts the fact that since these indirect methods utiUze stellar 

photons, detailed understanding of stellar evolution and atmospheres go hand-in-

with understanding these planets. 

A parameter that is readily measurable for HD 209458b is its radius. The 

planet is quite large for a ~5 Gyr-old, 0.69 Mj object, owing to intense heating 

from the parent star. That planets under intense irradiation should be inflated was 

predicted by Guillot et al. (1996) soon after the discovery of 51 Peg b (Mayor and 

Queloz, 1995). The first attempts to fit the radius of HD 209458b (Burrows et al.. 
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2000; Bodenheimer et al., 2001; Guillot and Showman, 2002) made no mention of the 

relationship between the "transit radius," which is the apparent radius of the planet 

during the transit (i.e. where the slant optical depth r = 1), and the planet's radius 

at the convective/radiative boundary, which is the relevant radius for evolutionary 

calculations. Most models predicted radii smaller than observed, and consequently 

it was suggested that an additional energy source may be needed to explain the 

planet's large radius. The two propositions for additional energy were: 1) A small 

fraction of the stellar flux could be transformed into kinetic energy in the planetary 

atmosphere and subsequently converted to thermal energy by dynamical processes 

at pressures of tens of bars (Guillot and Showman, 2002; Showman and Guillot, 

2002). 2) Dissipation of energy could arise from ongoing tidal circularization of the 

planetary orbit. This mechanism requires the presence of an additional (and yet 

undetected) planetary companion to continuously force the eccentricity over several 

Gyr (Bodenheimer et al., 2001). In Chapter 4 we find that the radius derived 

using Hubble Space Telescope data obtained by Brown et al. (2001), near 600 nm, 

corresponds to a pressure of only ~ 1 mbar, 10-15 scale heights removed from the 

convective/radiative boundary. This fact was not taken into account until more 

recent calculations (Baraffe et al., 2003; Burrows et al., 2003), which may allow for 

a fair match between the modeled and observed radii (Burrows et al., 2003). 

This dissertation aims to test the limits of simple, fully adiabatic and isen-

tropic cooling models for giant planets. For the cooler giant planets, which includes 

Saturn and Jupiter, we investigate evolutionary models in which planets' relatively 

cool interior temperatures lead to phase separation and subsequent interior differ

entiation. For the hotter planets, typified by HD 209458b, we investigate in detail 

what can be understood about the planet's atmosphere during transit observations, 

partly as an aid to models trying to describe the contraction of the planet with 

time. Understanding these planets as an entire class of astronomical objects will 

require exploring the wide range of parameter space in which they are found. 
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CHAPTER 2 

Helium Phase Separation and the Evolution of Saturn and Jupiter 

2.1 Introduction to Evolutionary Models 

Much of this chapter first appeared as Fortney and Hubbard (2003) in the journal 

Icarus. Some additional discussion has not yet appeared in print. 

The interiors of Jupiter and Saturn, EGPs, and brown dwarfs (BDs) are 

all described by similar physics: these bodies are mainly composed of liquid metal

lic hydrogen, and their interior energy transport mainly occurs through efficient 

convection (Burrows et al, 2001; Hubbard et al, 2002), leading to largely isen-

tropic interiors. Jupiter and Saturn, whose radius, mass, luminosity, and age are 

known precisely, can serve as calibrators of thermal-history calculations for the 

entire class of objects. They can provide a test of the adequacy of the diverse phys

ical models, including interior thermodynamics, heat transport mechanisms, and 

model-atmosphere grid, entering into the general thermal-history theory for EGPs 

and BDs. At very low effective temperatures (~ 100 K), however, the corresponding 

interior temperatures may become low enough for phase separation of abundant in

terior components to occur, and this effect must be quantitatively evaluated before 

Jupiter and Saturn can be used as calibrators. 
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2.1.1 A Simplified Evolution Theory 

A thermal-history calculation for an isolated nonrotating giant planet of mass M, 

radius a, and specified composition (atomic abundances relative to hydrogen, rela

tive to solar abundances, an array symbolically denoted as X), yields relations of 

the form 

L  =  = L(Af, t , X ) ,  (2.1) 

a ^ a { M , t , X ) ,  (2.2) 

where L is the planet's luminosity, a is the Stefan-Boltzmann constant, Te// is the 

planet's effective temperature, and t is the planet's age (time since accretion of its 

hydrogen envelope). Under the assumption of homogeneous evolution, i.e., that 

X { r )  =  c o n s t a n t  ( w h e r e  r  i s  t h e  r a d i u s  o f  a  m a s s  s h e l l  i n s i d e  t h e  p l a n e t )  a n d  S { r )  

= constant (where S is the entropy per unit mass of the deep interior), expressions 

(2.1) and (2.2) can be derived with the help of a grid of model atmospheres. The 

grid is obtained by choosing independent variables Tgff and g (atmosphere's surface 

gravity), integrating the atmospheric structure inward to a depth where it is fully 

convective and essentially isentropic, and then calculating S at depth: 

S  =  S { T e f f , g , X ) ,  (2.3) 

where the surface gravity is given by 

g = GM/a^ (2.4) 

In addition to inhomogeneous evolution (phase separation), a number of other ef

fects, leading to modifications of relations (2.1), (2.2), and (2.3) must first be as

sessed for a description of the evolution of Jupiter and Saturn. These effects are as 

follows. 
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2.1.2 Irradiation 

Power absorbed from the Sun is a significant component of the total luminosity of 

both Jupiter and Saturn. Indeed, for EGP "roasters" such as 51 Peg b and HD 

209458b, absorbed power from the parent star must contribute the preponderance 

of the planet's luminosity. Most properly, we should include irradiation in the grid 

of model atmospheres. Thus, a given model atmosphere of prescribed g, Tgff, and 

X should include a self-consistent treatment of the absorption and scattering of 

solar photons at each level, and be integrated to the depth where the atmosphere 

stays convective and S becomes constant. Although such self-consistent calculations 

are in progress and will be reported in future work, here we make a traditional 

approximation that allows a treatment of irradiation within the framework of a grid 

of model atmospheres for isolated objects. The approximation consists of assuming 

that stellar photons scattered by the atmosphere do not cause its thermal structure 

to deviate from that of an isolated object, and that the remaining stellar photons 

are absorbed (thermalized) within the object's deep convective deep layers where 

S is constant. In this approximation, the parameter T^ff represents the effective 

temperature of all thermal photons radiated by the object into space; relation (2.3) 

for isolated objects is then used in unmodified form. However, if we equate L to 

the intrinsic luminosity of the planet, i.e. to the total power radiated into space 

derived from the planet's interior, Eq. (2.1) must be modified to 

where T^q is the efi'ective temperature that the planet would have if its L = 0, i.e., 

no intrinsic luminosity. We derive Teq from the planet's Bond albedo (the ratio of 

the total reflected to the total incident powers), Ab, according to 

where L© is the solar luminosity and d is the Sun-planet distance. As described in 

Hubbard et al. (1999), we use an expression for Lq — LQ{t) from solar evolution 

L  3  =  L { M ,  t ,  X ) ,  (2.5) 

47ra'a^7^g = {1 — Ab)t^O,'^ (2.6) 
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models. However, we do not yet have an adequate model for Asit). Thus we use 

the measured present-day Ab for both planets for all t. This simplification may be 

relatively minor since Jupiter and Saturn have spent the past ~ 3 Gyr with T^ffS 

< 20% warmer than their current values. As will be discussed later, uncertainties in 

the atmosphere grid and the H/He EOS have larger effects on evolution calculations. 

Heat flow parameters used in this chapter for the present-day Jupiter and 

Saturn are given in Table 2.1; values are derived from the review paper of Conrath 

et al. (1989). 

2.1.3 Non-adiabaticity in Interior? 

This correction arises, in principle, because in the outer (mostly ideal-gas) layers 

of the planet, the Rosseland-mean photon opacity at thermal wavelengths may fall 

below the value necessary to cause convective instability (Guillot et al., 1994). As 

discussed by Guillot et al. (2004), however, the presence of alkali elements in solar 

proportions likely suffices to supply enough opacity to restore convective instability 

in the region from 1 to 10 kilobars. On the other hand, a variant of the dense-

hydrogen equation of state proposed by Ross (1998) has the interesting property, 

at pressures ~ 1 megabar, 

where p is the mass density. In a region where Eq. (2.7) is true, the material 

is always stable to convection regardless of the temperature gradient. There is a 

controversy about whether Ross' model has theoretical justification (see Hubbard 

et al., 2002; Guillot et al., 2004), and we do not explore its consequences in the 

present work. Instead, we assume that all interior regions of the planet in which 

X is constant have piecewise continuous specific entropy. At interfaces such as a 

phase boundary (e.g. between molecular and metallic hydrogen), we take T and P 

to be continuous with a corresponding jump in S. 

(2.7) 
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Table 2.1: Heat Flow Parameters 

Planet T^ff (K) A T,, (K) 
Jupiter 124.4 ±0.3 0.343 ± 0.043 110.1 ± 1.3 
Saturn 95.0 ± 0.4 0.344 ± 0.040 81.3 ±1.0 
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2.1.4 Rotation 

Both Jupiter and Saturn are rapid rotators, and are consequently nonspherical. As 

the planet evolves and contracts, the rotation rate and axial moment of inertia 

changes. Since the spin angular momentum is conserved to good approximation, 

some of the heat lost from the interior goes into increasing the planet's spin kinetic 

energy, which must be deducted from the luminosity. As shown by Hubbard (1970), 

however, this effect produces only a small correction to the thermal evolution age 

t. Therefore we ignore the effect of rotation in the energy balance calculation. 

Similarly, for purposes of the present work, we replace the rotationally 

distorted Jupiter or Saturn with an equivalent spherical planet of the same mass 

and surface area. As described below, the equivalent spherical planet at t = 4.56 

Gyr (present) is fitted to constraints on the present-day Jupiter and Saturn (mass, 

radius, and axial moment of inertia). 

2.1.5 Correction for Chemical Inhomogeneity in Interior 

The present-day atmospheric composition, age, and intrinsic heat flow of the giant 

planets Jupiter and Saturn are, in principle, coupled. However, detailed quanti

tative estimates of the variation of atmospheric abundances and heat flow as a 

function of age t have been lacking. The seminal papers of Stevenson and Salpeter 

(1977a, 1977b) predicted that both Jupiter and Saturn might have limited solubil

ity of helium in the metaUic-hydrogen fluid interior, leading to a depletion of the 

atmospheric He abundance and an extension of the cooling age beyond the value 

for chemically homogeneous evolution. Stevenson (1975) made the first quantita

tive prediction of the two-component phase diagram of a hydrogen-helium plasma 

at multi-megabar pressures. First-generation evolutionary models for Jupiter and 

Saturn (Pollack et al., 1977; Hubbard, 1977; Grossman et al., 1980) showed that the 
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observed heat flow from Jupiter was consistent with homogeneous evolution, but 

that chemically-homogeneous models for Saturn evolved too fast, typically passing 

through the present-day heat flow value ~ 2 Gyr before present. Initial Voyager 

results for the atmospheric helium abundances in both Jupiter and Saturn showed 

a marked depletion of helium relative to solar ratio, suggesting that inhomogeneous 

evolution was indeed important for both bodies (Conrath et al., 1984). In a post-

Voyager review paper Hubbard and Stevenson (1984) presented a rough analysis of 

the expected extension of Saturn's cooling age due to He sedimentation. The anal

ysis indicated rough consistency with the planet's age and the Voyager atmospheric 

He abundance. 

The observational and theoretical situation has since become less clear-cut. 

The shortfall in Saturn's cooling age for homogeneous evolution seems robust (e.g., 

Hubbard et al., 2002), but the evidence for pronounced atmospheric He depletion 

has eroded. Table 2.2 summarizes available data for atmospheric abundances in 

Jupiter and Saturn. We do not present in Table 2.2 the Voyager result for Jupiter's 

He mass fraction, Y = 0.18 ± 0.04 (Gautier et al., 1981), as it is fully superseded 

by results from the two He-abundance experiments on the Galileo Entry Probe, 

the HAD (von Zahn et al., 2000) and the NMS (Niemann et al., 2000), The solar 

Y value in Table 2.2 represents the solar atmospheric value, apparently slightly 

reduced from the primordial solar system value, Yprimordiai — 0.27, due to diffusion 

in the Sun (Bahcall et al., 1995). The HAD and NMS values for Jupiter's Y are in 

good agreement, with the more-precise HAD result about Gcr lower than Yprimordiai 

and about 3cr lower than the present-day solar atmospheric Y. Thus, Jupiter's 

atmospheric He depletion is less marked than the Voyager result, but still significant. 

The row labeled "Z" in Table 2.2 represents, for the Sun, the expected mass fraction 

of all elements beyond H and He ("metals" in astrophysical parlance). For the 

Jupiter and Saturn, "Z" represents the estimated mass fraction of detected elements 

beyond H and He. 



Table 2.2: Detected Atmospheric Elemental Abundances in Jupiter and Saturn. Data are from Lodders, 2003; Atreya 
et al., 2003; Niemann et al., 2000; von Zahn et al., 2000 

element solar mass Galileo NMS Galileo HAD Saturn-Voyager Saturn revised 
fraction mass fraction mass fraction mass fraction mass fraction 

H 0.736 0.742 0.742 0.92 0.76 
He 0.249 0.231 ± 0.04 0.231 ± 0.006 0.06 ± 0.05 0.215 ±0.035 
C 0.0022 0.009 ± 0.002 - o

 
b

 

-

N 0.00085 < 0.012 - - 0.004 -

0 0.0057 < 0.0035 - - -

Ne 0.0018 < 0.0002 - - -

P 0.00001 < 0.00007 - ~ 0.00003 -

S 0.00050 0.00091± 0.00006 - - -

Ar 0.00007 0.00027 ±0.00005 - - -

"Z" 0.011 0.026 - ~ 0.02 -

lO 
oo 
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The error bars for the Voyager result for Jupiter, Y  = 0.18 ± 0.04, and the 

HAD result, Y — 0.231 ± 0.006, do not quite overlap, and there has been concern 

that a systematic problem of some sort, possibly in the radio-occultation profile for 

the atmospheric temperature T as a function of pressure P, might affect the Voyager 

Y  values for both Jupiter and Saturn. Conrath and Gautier (2000) revisited the 

derivation of Saturn's Y from Voyager infrared radiometry. They fitted Saturn's 

infrared flux with a self-consistent T-P profile, rather than making use of the radio-

occultation T-P profile, and derived the value in the last column of Table 2.2, finding 

Y  —  0.215 ± 0.035, instead of the much lower Voyager result, Y  —  0.06 ± 0.05. 

According to the Galileo NMS results, Jupiter's atmospheric Z  is at least 

twice the solar value. Since Jupiter's carbon abundance is about three times solar, 

Jupiter's deep oxygen abundance could be enhanced by a similar factor (Owen 

et al., 1999). In an alternate scenario (Gautier et al., 2001a; Gautier et al., 2001b), 

Jupiter's deep oxygen abundance might be more than nine times solar. It is possible 

that the NMS oxygen abundance is affected by jovian meteorology (Showman and 

Ingersoll, 1998), since a gradual increase in the abundance was measured up to the 

maximum depth reached by the probe. Note that the solar value for the oxygen 

and carbon abundances have recently been revised downward (Allende Prieto et al., 

2001; Allende Prieto et al., 2002). As a result, the Galileo NMS's upper Hmit for 

Jupiter's deep oxygen abundance increases to 60% of solar (previously it was 35% 

of solar, based on Grevesse and Sauval (1998). Assuming that the Galileo NMS 

abundance for oxygen is afi^ected by meteorology, and that the true deep oxygen 

abundance in Jupiter, hke carbon, is actually three times solar, Z in Jupiter's 

envelope might be as large as ~ 0.05. Based on a detailed parametric study of 

Jupiter's overall Z abundance using Galileo probe results, Guillot et al. (1997) 

concluded that for Jupiter, 0.04 < Z < 0.14. In this work, we do not carry out a 

detailed study of Jupiter or Saturn's Z. Rather, in Sections 2.2 and 2.3.1-2.3.4 we 

p a r a m e t e r i z e  o u r  s p h e r i c a l  m o d e l s  b y  a  s p a t i a l l y  a n d  t e m p o r a l l y  c o n s t a n t  v a l u e  o f  Z  
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in the hydrogen-helium layers of the planet. This value of Z, which is determined by 

using a water equation of state to represent all of the "ices", will be called Zjce in the 

following. The value of Zi^e is inferred by adjusting it to give the correct mean radius 

and axial moment of inertia of the planet at the present epoch. As has been noted 

in previous studies (e.g., Hubbard and Stevenson, 1984; Guillot et al., 1997), static 

models of Jupiter and Saturn give values of Z^ce comparable in magnitude to Y (in 

contrast to solar composition). Thus the possibility of significant inhomogeneous 

evolution involving separation of the ice component, instead of helium, cannot be 

ruled out. In Section 2.3.5 we schematically explore the possibility of redistribution 

of Zice as Saturn evolves. 

Hubbard et al. (1999) made the first quantitative attempt to evaluate the 

inhomogeneous evolution of Jupiter and Saturn, using the expression (cf. Eq. 2.5) 

Equation (2.8) gives the heat extracted from the planet's interior per unit time. The 

equation is valid for homogeneous evolution, where the isentropic interior evolves 

to progressively lower-entropy adiabats. When inhomogeneous evolution occurs, 

the equation is still valid, but more heat can be extracted because denser matter 

( e . g . ,  m o r e  H e - r i c h  m a t t e r )  h a s  l o w e r  e n t r o p y  p e r  u n i t  m a s s  S  a t  g i v e n  T  a n d  P .  

Thus, keeping the interior fixed on a T{P) relation corresponding to the surface 

condition (Eq. 2.3), heat can be extracted as the outer layers (at lower T) lose a 

dense component, causing S to rise slightly in these layers, while the deeper layers 

(at higher T) increase in density, causing S to decrease in these layers. 

where the dimensionless mass shell variable m  is defined by 

(2.8) 

(2.9) 
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2.2 Proposed Phase Diagrams 

2.2.1 The "Standard" Theory of H-He Mixtures 

Figure 2.1 shows a high-pressure phase diagram for hydrogen (Hubbard et al., 2002; 

Guillot et al, 2004), with calculated T-P relations in present-day Jupiter and Sat

urn's hydrogen-rich layers superimposed (heavy solid lines). The dashed extensions 

of these curves to the upper right show estimates of the course of Jupiter and Sat

urn's interiors in their deepest non-hydrogen-rich cores. In the T-P range shown 

in Figure 2.1, there is only one relevant phase boundary for pure hydrogen: the 

boundary between liquid molecular hydrogen (H2) and liquid metallic hydrogen 

(H+). The phase change is due to pressure (rather than thermal) ionization that 

occurs at high density (p ~ 1 g cm"^). The dashed curve marked "PPT?" shows 

the (controversial) boundary between these two phases, the so-called Plasma Phase 

Transition or PPT calculated by Saumon et al. (1995) (hereafter SCVH). The 

solid line labeled "50%" shows an alternative theory Ross (1998) for the boundary 

between the mainly molecular and mainly metallic states of hydrogen. According 

to Ross, there is a smooth transformation rather than an abrupt first-order phase 

transition between the two states; the curve indicates where half of the H atoms are 

in H2 molecules and half are unbound atoms. The dot-dashed line on the left side of 

Figure 2.1 shows the computed shock-compression trajectory of the laser implosion 

experiments of Colhns et al. (1998). The hatched areas show possible regions of 

limited miscibility of He in H+, to be discussed below. There are no experimental 

data yet available concerning the miscibility of He in H"^. 

The theory of Stevenson (1975) and of Hubbard and Dewitt (1985) (here

after HDW) give equivalent results for the miscibility of He in metallic hydrogen. 

Both theories apply perturbation theory to a model of fully pressure-ionized He and 

H. For convenience, we use the HDW theory rather than the Stevenson theory to 
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Figure 2.1: Temperature-pressure plot of the interiors of Jupiter and Saturn at 
t = 4.56 Gyr, superimposed on a hydrogen phase diagram (see text for details). 
The upper boundary of the horizontally-hatched region shows the minimum tem
perature at which He is fully miscible in metallic hydrogen with a mass fraction 
Y — 0.27, while the lower boundary shows the minimum temperature correspond
ing to y = 0.21, according to HDW theory. The lower vertically-hatched region 
shows the same He miscibility limits according to Pfaffenzeller et al. (1995), while 
the upper vertically-hatched region shows the modification to the Pfaffenzeller et al. 
theory that gives a realistic prolongation of Saturn's age (see Section 2.3). 
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calculate miscibility limits representative of either theory. Using a computer-coded 

version of the HDW theory, we calculate the Gibbs free energy G per atom of a 

H-He mixture, using 

G  =  E - T S  +  P V  (2.10) 

where E  is the internal energy per atom, and V  is the volume per atom. All of 

the quantities in Eq. (2.10) are per N, the total number of H and He atoms in the 

system. For our system of N atoms, if we let be the number of H atoms and 

N/fe the number of He atoms, we define the He mole fraction to be 

x = ^  ( 2 . 1 1 )  

and we define the usual Gibbs free energy of mixing (per atom), AG, by 

AG - G - xG(x = 1) - (1 - :r)G(a; = 0). (2.12) 

It is important to note that the SCVH theory for a H-He mixture is produced by a 

linear superposition of the thermodynamics of pure hydrogen and pure helium (apart 

from the mixing entropy), and thus SCVH theory does not include a description 

of H-He immiscibihty. HDW theory does, however, include the essential parts of 

Stevenson (1975)'s theory for describing separation into two liquid phases. For our 

purposes here, we treat the Stevenson theory and the HDW theory as interchange

able, equivalent to the "standard" theory of H-He mixtures in the liquid-metallic H 

regime. Figure 2.2 shows some representative calculations from HDW theory for a 

pressure of 5 Mbar, indicating separation into two coexisting phases with differing 

values of x, according to the double-tangent construction. 

2.2.2 Parameterization of Theories of H-He Mixtures 

For the purpose of conveniently incorporating phase separation in calculations of 

evolving planetary models, we require convenient parametric representations for 

fairly complex equilibrium curves. Figure 2.3 shows the full equilibrium curve 
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X (He mole fract ion) 

Figure 2.2: Sample results for the Gibbs energy of mixing G of H and He, according 
to HDW theory. Separation into He-poor and He-rich liquid phases is shown by 
means of the double-tangent construction (dashed lines; lowest dashed line corre
sponds to the highest temperature). 
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(plusses) for a H-He mixture at 5 Mbar, computed using HDW theory. The vertical 

straight hne shows the value of x corresponding to primordial nebular composition, 

Y = 0.27. As the diagram indicates, when a H-He mixture of this composition cools 

to a temperature below the equilibrium curve delineated by the plusses (about 5000 

K at 5 Mbar), essentially pure He droplets (with a: ~ 1) will separate out. Thus, 

we make the approximation that it is only necessary, for purposes of evolutionary 

models, to describe the phase equilibrium curve in the vicinity of an initial pri

mordial composition, x ^ 0.08, with the further approximation that the coexisting 

phase has cc ~ 1. Using HDW theory, we carried out a sequence of calculations 

over the pressure range appropriate to liquid-metallic hydrogen in the Jovian (and 

Saturnian) interior, and parameterized the results according to 

where the best fit to HDW theory gives ci = 0.234, C2 = 0.315, and C3 = 4.215, for T 

in K and P in Mbar. As we see in Section 2.3, the unmodified HDW theory does not 

give the correct Saturn age. In order to modify the theory, as well as incorporate 

alternative theories, we need some guidance as to the physical significance of the 

constants in Eq. (2.13) or its equivalent. 

A common approximation (see Stevenson, 1979 and Pfaffenzeller et al., 

1995) for the saturation value of x is written 

where B  i s  a  dimensionless constant, is Boltzmann's constant, and is a con

stant with units of energy. Eq. (2.14) is well known in chemistry as the van't Hoff 

equation, named after the pioneering chemist Jacobus H. van't Hoff, who in 1901 

was the first winner of the Nobel Prize in Chemistry. We can estimate the constants 

B and A by assuming that for a; <C 1, and aXT 5000 K, the internal energy and 

logio T = Ci logio p + C2 logio 2; 4- C3, (2.13) 

X =  e x p { B  —  A / k s T )  (2.14) 
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Figure 2.3: Plusses show the equihbrium curve for H-He mixtures, according to 
HDW theory. The vertical line shows primordial nebular composition; the solid 
curve shows the fit of Eq. (2.13) to the HDW theory. The two dashed curves show 
possible (unphysical) modifications to the HDW theory that would give a correct 
Saturn age (discussed in Section 2.3, and there labeled Trials 2 and 3). 
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pressure can be replaced with their zero-temperature values and that the entropy 

is dominated by the ideal entropy of mixing. Thus we approximate Eq. (2.10) with 

G ^ E o  +  P o V -  T S m i a .  ^ H o -  T S m i x ,  ( 2 . 1 5 )  

where Eq,  Pq,  and Hq are respectively the internal energy per atom, pressure, and 

enthalpy per atom at zero temperature, and Smix is the ideal entropy of mixing per 

atom of a liquid composed of H and He, 

Smix = ksxlnx + A; b(1 —  x )  ln(l — x )  (2.16) 

If we make the approximation x  < ^ 1  and minimize G ,  approximation (2.16) yields 

B ^ O ,  ( 2 . 1 7 )  
V 9x 

such that A can be interpreted as the increase in enthalpy upon addition of a helium 

atom to pure liquid-metallic hydrogen. Here AHq is the zero-temperature enthalpy 

of mixing per atom, defined analogously to Eq. (2.12), 

A H  =  H - x H { x  =  l ) - { l - x ) H { x  =  0 )  (2.18) 

Fitting Eq. (2.14) to explicit HDW calculations at P = 5 Mbar and x = 0.08, we 

obtain B = 0.64, A = 1.37 eV. The value of B is not precisely zero because of 

limitations of approximation (2.15) and because x is not extremely small. The 

value of A agrees well with Stevenson's (1979) estimate of ~ 1.6 eV. Figure 2.4 

shows a comparison of Eq. (2.13) and other parametric representations of the form 

of Eq. (2.14) with the H-He phase curve of HDW. 

Note that A determines the rate of change of x with respect to the interior 

temperature at a fixed pressure; hence the larger the value of A, the larger the 

contribution of phase-separation to the planet's luminosity. For fixed A, the value 

of B determines the temperature at which phase separation commences: the larger 

B, the higher the temperature and the earher the epoch. 
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Figure 2.4; An alternate representation of Figure 2.3, to show the adequacy of 
approximation (2.13). Light solid curve shows the maximum He content of liq
uid-metallic hydrogen at P = 5 Mbar, according to HDW theory. Upper horizontal 
line shows primordial He abundance. Heavy solid curve shows Eq. (2.13) evaluated 
at 5 Mbar. The two dashed curves show (probably unphysical) modifications to 
the HDW theory that would give a correct Saturn age (Trials 2 and 3, discussed 
in Section 2.3). The upper dot-dashed curve shows a modification to the theory of 
Pfaffenzeller et al. (1995), in which He immiscibility increases with pressure, that 
would give a correct Saturn age (Section 2.3.4). The lower horizontal line and lower 
dot-dashed curve illustrate the point that unmixing of a less-abundant element, 
such as C, N, or O, with a larger value of A, could also give a correct Saturn age 
(Section 2.3.5). 

He 

CNO 
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2.2.3 Phase diagram of Pfaffenzeller et al. 

The theories of Stevenson (1975) and HDW assume full pressure ionization of hy

drogen and helium. Pfaffenzeller et al. (1995) use a molecular dynamics method to 

calculate the region of He immiscibility, taking into account a consistent treatment 

of the electronic structure around the nuclei. They find that the location and shape 

of the He separation region is substantially different for a partially ionized plasma. 

For the region of interest in their calculation, 4 to 24 Mbar (pressures greater than 

4 Mbar are likely safely within the region of H+), they find a critical demixing line 

with a T{P) slope opposite to that of Stevenson and HDW (this would correspond 

to a positive value of ci in Eq. 2.13). The region for the onset of helium separation 

in a solar composition mixture runs nearly parallel to planetary internal adiabats. 

However, the critical temperature for He separation is nearly a factor of 2 lower than 

values estimated for Saturn's interior, meaning Saturn could not reach this region 

in a Hubble time. (It should mentioned that there is another calculation of helium 

i m m i s c i b i l i t y  d u e  t o  K l e p e i s  e t  a l .  ( 1 9 9 1 )  t h a t  p r e d i c t s  a  i m m i s c i b i l t i y  r e g i o n  T { P )  

slope that is flat, dT/dP = 0. This phase diagram can be ruled out as the critical 

temperature for the onset of phase separation is several thousand degrees too high. 

See also Pfaffenzeller et al. (1995) for a critical analysis of their methods.) 

The Pfaffenzeller et al. theory can be represented by analytic expressions 

of the form of Eq. (2.14). Independently fitting Eq. (2.14) to the Pfaffenzeller et al. 

results, we find that A is an increasing function of pressure and can be described 

for P  in Mbar, while by hypothesis i? = 0 at all pressures. Thus, Pfaffenzeller 

et al.'s theory gives A — 1.09 eV at a pressure of 5 Mbar. The T(P) relation 

implied by Eqs. (2.14) and (2.19), for x fixed at the primordial nebular value 0.08, 

lies essentially parallel to Jupiter and Saturn adiabats on a log T vs. log P plot. 

by 

(2.19) 
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This T { P )  relation lies below Jupiter and Saturn adiabats (see Figure 2.1), implying 

that neither planet would unmix helium. However, in Section 2.3.4 we show that 

fairly minor modifications, probably well within the range of uncertainty of the 

Pfaffenzeller et al. theory, can be made to A and B, leading to a Saturn model that 

enters the region of He separation and then evolves to the current age and current 

intrinsic heat flow. 

2.2.4 Phase Separation in Binary Alloys: Data, Theory, Questions 

It seems worthwhile at this point to back away from the H-He system in order 

to gain perspective on phase separation using data and calculations from other 

metallic systems. There is a vast literature on the physics of alloys (e.g. Haasen, 

1996; Manenc, 1973). In general, the constant A introduced in equation 2.14 can 

take on essentially any value from ~ 0 to ~ 5 eV for binary alloys, with 1-2 eV 

being common values (Haasen, 1996). B values can vary widely from near zero to 

near 100 due to subtle temperature dependent effects on the mixing energies that 

manifest themselves at very low pressures. Most data exist at P of 1 bar and T of 

300 K. In the high-pressure H-He system we assume the enthalpy can be replaced 

by its zero temperature value and that temperature only comes in with the ideal 

entropy of mixing term. The latter is likely the dominant term, and all calculations 

to date have made this same assumption, but there is at least the possibility of 

valid H-He phase diagrams in which B is nonzero. Whether solubility increases 

or decreases with increasing pressure depends upon the electronic structure and 

bonding of the solute and solvent. A subset of this literature that is perhaps most 

applicable to our study here is that of noble gases dissolved in metals. These 

systems are interesting because the two types of atoms (noble gas vs. metal) have 

vastly different electronic structures. First we will discuss relevant data and then 

relevant theoretical calculations. 
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Data on the solubihty of the noble gases in metals has been important for 

a general understanding of alloy physics and also has applications to the study of 

nuclear fission reactors. It is valuable for our studies here that some of this work has 

especially concentrated on the alkali metals, since the alkalis and metallic hydrogen 

both have one valence electron. As of 2001 all the available data on the subject have 

been collected in the volume lUPAC-NIST Solubility Data Series. 75. Nonmetals 

in Liquid Alkali Metals. Within this data set, what would be of interest for this 

discussion is solubility as a function of pressure. These data at constant T as a 

function of P apparently only exist for He in Li (up to 3 bars) and Na (up to 9 

bars). There are no other pressure dependent solubility data for other nonmetals. 

For both of the systems where data exist, with T constant, as P increases, so does 

the solubility of He in the liquid metal. This is the behavior found for He-H system 

by Stevenson and HDW. Here it is the trend with pressure that is important, not 

the actual solubility values. The electron density in H+ is so much greater than for 

Li or Na that quantitative comparisons are not of great value (Stevenson, 1979). 

A very interesting set of experiments were conducted on mixtures of He 

and mercury (Hg) by Marceca et al. (1996). The investigators compressed liquid 

metallic Hg to T and P values above the critical point of Hg, at 1751 K and 1.673 

kbar. The miscibility of He in this high pressure supercritical Hg metal fluid was 

found at these high T and P values. Interesting, the behavior was much different 

than that of He-Li and He-Na systems. At constant T, as P increased, the solubility 

of He in Hg decreased. This is the behavior found for He-H system by Pfaffenzeller 

et al. Hensel et al. (1998) point out that an understanding of the He-Hg system 

will give insight into the He-H system. While that is certainly true, it is unclear 

how directly our understanding of phase separation in supercritical metallic Hg at 

kbar pressures translates into knowledge of phase separation at the Mbar transitions 

pressure of H. Hg has two valence electrons, while H"*" has one. Nonetheless, these 

experiments are a valuable movement in the right direction, as they attain fairly high 
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pressures (up to 3 kbar) and temperatures (up to 2000 K) and provide quantitative 

immiscibility data. 

To date very few theoretical investigations into the dissimilar He-metal 

systems have been calculated, probably due to limited data and computational dif

ficulty. Recently Shpil'rain et al. (2002) have calculated the miscibility of the noble 

gases in liquid alkali metals at temperatures from 600 - 1500 K and pressures from 

1 to 100 bar. These data agree with those in the Solubility Data Series Handbook 

(which is mostly from Veleckis et al., 1971) at the rather low pressure of the exper

iments. In agreement with the data, they find that at constant T, as P increases, 

so does the solubility of the noble gases (including He) in liquid alkali metals. By 

analogy, one could imagine that when all B. is in the form of H"*" at very high pres

sure, (where H acts the most like a pure alkali metal), the solubility of He in H may 

follow this pressure dependence, as predicted by Stevenson (1975) and HDW. 

Experimental data up to 100 kbar and calculations up to 1 Mbar (Schouten 

et al, 1991) for the He-H2 system indicate a change in solubility with pressure 

similar to the He-Hg system, namely at constant T, as P increased, the solubility 

of He in H2 decreased. However, they find that the critical temperature for He-H2 

at 1 Mbar is only 2500 K, well below planetary temperatures. 

In binary systems of two unlike components, we have seen both positive and 

negative T(P) slopes for the conditions for phase separation. In high-pressure He-

H2 systems, we have seen a positive T{P) slope for constant composition isopleths, 

while for the He-alkalis we have seen a negative T{P). Echoing Stevenson's (1979) 

frustration, we are still unable to determine the slope of this curve and temperature 

for immmiscibility in the problematic H2-H+ transition region, where both phases 

hkely coexist. Pfaffenzeller et al. attribute their isopleth's positive T{P) slope in 

their calculation region (4-24 Mbar) to residual H2 in the mostly metalhc region, 

so this region shares the positive T{P) slope of the pure H2 region. However, at 
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higher pressures the calculations of Stevenson (1975) and HDW must eventually 

be correct, but perhaps only when He eventually becomes fully ionized at ~ 100 

Mbar (Young et al., 1981). In the following section we explore the evolutionary 

consequences of the Stevenson/HDW and Pfaffenzeller phase diagrams. 

2.3 Evolutionary Models 

2.3.1 Homogeneous Evolution 

We first create evolutionary models for Jupiter and Saturn for which the planet's 

interior remains homogeneous during its entire cooling history. Our equation of 

state is the "interpolated" equation of state of hydrogen and hehum of SCVH. We 

use the non-gray isolated-object grid of model atmospheres of Burrows et al. (1997). 

With these in place we can calculate the time step between successive models in an 

evolutionary sequence. Eq. (2.8) can be rewritten as 

where dt is the time step, and the other variables have the same meanings as defined 

earher. For the equation of state for our rocky core we use the ANEOS equation of 

state of olivine. For the heavy element enhancement in the hydrogen envelope we 

use the H2O equation of state of ANEOS, and assume the volume-additivity rule: 

The first five columns of Table 2.3 give the planet and the observed quantities 

that constrain the final model. The last three columns give inferred parameters for 

homogeneous evolution. 

As shown in Figure 2.5, with our homogeneous models, Jupiter reaches 

Tgff = 124.4 K in 4.7 Gyr, while Saturn reaches Tg// = 95.0 K in 2.1 Gyr. These 

TdSdm (2.20) 

1 _ 1  ̂J_ 
P  P H / H e  P i c e  

(2.21) 



Table 2.3: Planetary Parameters 

Planet Known Age '^eff Mean a Model Age Model Zice Model Mcore 
(Gyr) (K) (km) (Gyr) (•^e) 

Jupiter 4.56 124.4 69235 0.264 4.7 0.059 10 
Saturn 4.56 95.0 57433 0.220 2.1 0.030 21 

4^ 
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results are very similar to those found by many other authors, including Hubbard 

et al. (1999), which lends confidence that the simphfications made in our evolution 

models are acceptable. 

Uncertainties in the atmospheric boundary condition and the H/He EOS 

make up the bulk of the uncertainties in modeling the evolution of giant planets. 

The Burrows et al. (1997) model atmosphere grid is the best atmospheric boundary 

condition currently available for modeling the evolution of giant planets and brown 

dwarfs. The grid is nongray and utilizes the predicted abundances of atoms and 

molecules in chemical equilibrium. It should be noted that this grid is for solar 

metallicity, whereas the atmospheres of Jupiter and Saturn appear to have 3 and 

~ 5 metallicity enhancements in their atmospheres. The increased opacity of a 

metal enhanced atmosphere should tend to slow a planet's evolution, but not nearly 

enough to make up Saturn's shortfall. Knowledge of the EOS of hydrogen and 

helium has been a long-standing problem in the modeling of giant planets and leads 

to the greatest uncertainty in evolutionary calculations. Recent shock experiments 

(Collins et al., 1998) on hydrogen indicate deficiencies in the SCVH "interpolated" 

EOS, but even these experiments are the subject of controversy (Knudson et al., 

2001; Nellis, 2002). The SCVH EOS is the best currently available for astrophysical 

apphcations. Uncertainties in the EOS could lead to errors of up to ~ 0.4 Gyr in 

evolution calculations for Jupiter and Saturn. 

2.3.2 Inhomogeneous Evolut ion 

Inhomogeneous evolution adds a complicating factor to the evolution picture. When 

the initially protosolar ratio helium/hydrogen mixture encounters a region of pres

sure and temperature is which helium is immiscible, the hehum separates into two 

phases. As noted earlier, one phase is essentially pure helium. Enough helium 



46 

160  

140 

Jupiter 

<D 

100  
Saturn Saturn:HDW 

80 

2 3 5 0 4 
Tinne (GYr) 

Figure 2.5; Homogeneous evolution of Jupiter and Saturn, along with inhomo-
geneous evolution of Saturn using the standard theory of helium immiscibility of 
HDW. This increase in the cooling time due to the HDW phase diagram is actually 
an upper limit, as discussed in the text. Marked in dotted lines are the age of the 
solar system (4.56 Gyr) and the current effective temperatures of Jupiter and Sat
urn, 124.4 K and 95.0 K, respectively. The inhomogeneous Saturn model's Yatmos 
falls to 0.215 at an effective temperature 95.0 K. 
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separates out such that the remaining hehum is miscible in the hydrogen. The he

lium that separates out will coalesce via diffusion to form droplets. These droplets 

will fall to deeper layers in the planet under the influence of gravity, despite con

vection (Stevenson and Salpeter, 1977a). The droplets then redissolve at higher 

pressures in the when they leave the immiscibility region. Since the interior is 

fully convective up to the planet's visible atmosphere, helium from lower-pressure 

layers nearer to the planet's surface will continuously mix down into the immisci

ble region. We assume that this happens instantaneously relative to evolutionary 

timescales. Layers at pressures lower than that of the immiscible region become 

helium-depleted, and layers at pressures higher than that of the immiscible region 

become helium-enriched. An observable consequence is that the planet's atmosphere 

becomes depleted in helium relative to the protosolar ratio. 

As discussed in detail by Stevenson and Salpeter (1977a), the He concentra

tion gradient has important effects on the temperature gradient in the immiscibility 

region. It is well known that composition gradients tend to inhibit convention, such 

that a steeper temperature gradient is needed to maintain convective instability. In 

addition, the temperature at the bottom in the immiscibility region is the starting 

point for the helium-enriched adiabat in the homogeneous helium-enriched regions 

of the deep H+ interior. Stevenson and Salpeter (1977a) found that the temperature 

gradient in the immiscibility region matches a condition for over stability, and esti

mated the thickness of the immiscibility region to be 10^-10'^ km, which is ~ 1.5-15% 

of the planet's radius, a fairly large range. 

Deriving the actual temperature gradient is non-trivial because it involves 

interplay with the phase diagram. If, at a given pressure, the temperature is in

creased, this allows a greater Y to be miscible at that pressure. But this then 

increases the composition gradient, which leads to a steeper temperature gradient, 

and again allows a greater Y at this pressure. Here we attempt to derive the temper

ature gradient in the immiscibihty region, but we are instead led to the two hmits 
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for this temperature gradient, and we then investigate the effect on the evolution 

of Saturn's Te//. 

The first limit would be that the composition gradient does not affect the 

temperature gradient. This would be the smallest temperature gradient possible and 

would lead to the He gradient region taking up the largest amount of the planet's 

radius. We find this lower limit by essentially setting Y for the depleted (outer) 

layer, and then calculating Y in the gradient region and homogeneous enriched 

(inner) regions of the planet, with the constraints that the mass of the helium in 

the planet must be conserved, and Y in the gradient region given by the maximum 

allowed by the HDW phase diagram. The adiabatic temperature gradients of the 

homogeneous inner and outer regions are joined in the center of the immiscibility 

region. 

We attempted to find an upper hmit to the temperature gradient by setting 

the gradient equal to the limit for convective stability. This is the boundary between 

overstability and instability. The temperature gradient could be steeper than this 

condition, if the overstable modes are inefficient (Stevenson and Salpeter, 1977a). 

However, as described later, this condition did lead us to the maximum possible 

temperature gradient. Our limit is derived as follows. We have 

d P  f d P \  f d P \  d T  f d P \  d x  

and since 
' d P \  _  T  ( d P  2 

d p  I s . ,  \ d p )  

after manipulation, the temperature gradient at the convective stability limit can 

be written 

(2 24) 
dP p'Cv dP dP\dx J ^ ' 

where the first term is the standard adiabatic temperature gradient and the second 

term has two factors due to the composition gradient. The first factor, dx/dP, is 
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the actual composition gradient and the second factor, d T / d x ,  must be calculated 

f r o m  t h e  H / H e  E O S .  I n  o u r  s i t u a t i o n  b o t h  f a c t o r s  a r e  a l w a y s  p o s i t i v e ,  w i t h  d T / d x  

being on the order of a few x 10^ K. 

In the absence of an a priori constraint on the thickness of the immiscibil-

ity region, this stability limit leads to a vanishing thickness for the inhomogeneous 

region and a very steep temperature gradient (essentially a jump) because of the 

large positive value of dT/dx. For example, if we consider a case where the planet's 

atmospheric helium mass fraction Yatmos has dropped to 0.215, overall conservation 

of He in the planet requires that the interior helium mass fraction (below the in-

homogeneous layer) Yinterior ~ 0.35. The phase diagram then requires that there 

be a temperature jump equal to 1300 K as we reach the bottom of the inhomoge

neous layer. Deeper interior layers continue on this warmer, He-enriched adiabat. 

A schematic representation is shown in Figure 2.6. 

For our lower limit for the temperature gradient, the entire planet cools as a 

region of the interior falls through the region of helium immiscibility. For the upper 

limit of the temperature gradient, as the helium-depleted (H2) exterior cools, the 

helium-enriched (H"*") interior becomes increasingly warmer, due to the increasingly 

large step in temperature in the gradient region. These two possibilities lead to very 

different evolutionary histories. For a cooling history with the upper limit of the 

temperature gradient, the deep interior is much warmer (and hence has a higher 

entropy) than for the case with the minimum temperature gradient. If the interior is 

kept at a high entropy state, little energy is released, so the helium separation does 

little to affect the planet's cooling. In the second case (the minimum temperature 

gradient), the entropy drops rapidly in the interior, and much energy is released, 

which allows the planet to remain at a high Tg//, and hence, retards its cooling. 

Stevenson and Salpeter (1977a)'s analysis found that the temperature does increase 

in the deep helium-enriched interior, so the actual temperature gradient is likely to 

be closer to the upper limit than the lower limit. 
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Figure 2.6: A schematic representation of the temperature gradient in the immisci-
bility region. In one scenario, all energy liberated goes into the planet's luminosity, 
and none goes into heating the interior. There is then no effect on the temperature 
gradient. In the other, the maximum amount of energy goes into heating the inte
rior, as dictated by the phase diagram. This leads to a temperature jump of that 
can reach over a thousand K. In both cases the total mass of helium in the planet 
is conserved. 
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The size of the immiscibiUty region will grow as the planet cools. This is 

due to two reasons. First, the predicted immiscibility region is roughly triangular on 

a  log P - log  T plot .  More  important ly ,  the  s ize  of  the  immiscibi l i ty  region ( in  P-T 

phase space) is larger for a greater helium mass fraction—immiscibility will occur 

at a higher temperature. Since the maximum ratio of helium to hydrogen that 

is miscible is a function of pressure and temperature, in the immiscibility region 

of Saturn's interior just deeper than hydrogen's molecular-metallic transition, a 

gradient in helium mass fraction is established. As mentioned, at a given mass shell 

in the gradient region, the helium mass fraction is the maximum allowed by the 

HDW phase diagram. 

With our inhomogeneous evolution code we are able to test whether the 

HDW phase diagram leads to enough helium separation to prolong Saturn's cooling 

to its current known effective temperature and age. Figure 2.5 shows the results of 

homogeneous evolutionary models of Jupiter and Saturn, as well as the evolution 

of Saturn with helium separation, using the phase diagram of HDW and PPT 

hydrogen transition phase line of SCVH. This transition pressure is ~ 1.9 Mbar in 

our region of interest. Both planets are assumed to have an initial helium mass 

fraction Y = 0.27. Jupiter reaches its current effective temperature and age just 

short of reaching the HDW helium immiscibility region, so helium separation has 

no effect on its evolution until t « 5 Gyr. 

In Saturn, helium separation starts at ~ 107 K, and its atmospheric 

Y falls to 0.215 by T^ff = 957^. The extension of cooling shown, ~ 0.8 Gyr, is 

for the lower limit for the temperature gradient in the immiscibility region. This 

is the maximum extension of cooling. The cooling curve for the upper limit for 

the temperature gradient (not shown) plots on top of the homogeneously evolving 

Saturn—the energy from helium separation goes into heating the deep interior, 

but does not change the planet's luminosity. This is the minimum extension of 

cooling. Since the actual temperature gradient will be between these limits, the 
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extension of cooling will be between 0 and 800 million years. Figures 2.7 and 2.8 

show the change of Y and S during the helium-separation phase of the planet's 

evolution for the minimum helium immiscibility temperature gradient. Figures 2.9 

and 2.10 show the same, but with the maximum temperature gradient. Apparent 

in the figures is the partitioning of helium toward deeper layers, at the expense of 

helium in the molecular region, as well as the drop in S in the planet's helium-

rich layers. The greater the decrease in S, the greater the energy release, and 

consequently, the greater effect helium separation has on the planet's cooling. In 

the maximum temperature gradient case, since the interior temperatures become 

warmer, S falls only modestly. Since the maximum extension of Saturn's cooling 

only allows the planet to reach 3.0 Gyr at an effective temperature at 95.0 K, 

we conclude that if helium were the only species currently differentiating in Saturn, 

and this differentiation were Saturn's only additional energy source, the HDW phase 

diagram must be incorrect. Later, in Section 2.3.5, we will discuss the likelihood 

and possible effects of the phase separation of heavier elements. 

2.3.3 Modified HDW Phase Diagrams 

The constants A and B are fixed in HDW theory. How much must these constants be 

modified to allow models of Saturn to reach the planet's known effective temperature 

at its current age of 4.56 Gyr? And how physically reasonable is the resulting phase 

diagram? 

Two alternate phase diagrams are shown in Figure 2.3 (dashed curves). 

Both are modifications of the HDW phase diagram, keeping the same value of ci 

in Eq. (2.13), but with a change in shape such that as the planet cools, and its 

adiabat falls into the unmixing region, the helium-poor phase has less helium than 

predicted by the HDW phase diagram, leading to more helium raining down for 

a given temperature decrement. The first alternate phase diagram (designated as 
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Figure 2.7; Saturn's interior helium mass fraction for the minimum temperature 
gradient limit as the planet evolves into the helium immiscibility region. Both 
Figures 2.7 and 2.8 show the last 9 Saturn models used to create the "Saturn HDW" 
cooling curve in Figure 2.5. However, here the first 3 models overlap because their 
interior maintains a constant Y — 0.27. Helium is lost from the H2 region and 
gained in the H"*" region. 
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Figure 2.8: Saturn's interior entropy in the minimum temperature gradient limit 
as the planet evolves in the helium immiscibility region. All hydrogen rich layers 
are homogeneous and posses the same entropy until a portion of the planet starts 
to lose He. The He gradient region grows as the planet cools. The nine models 
shown are the same as in Figure 2.7. The progressive drop in S of the H2 region 
is stalled as S drops significantly in the H+ region. The transition from H2 to H+ 
remains nearly constant at a mass fraction of 0.53. The core, here the inner 20% 
of the planet's mass, is assumed to not take part in the planet's evolution, as it is 
made of low heat capacity matter. 
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Figure 2.9: Similar to Figure 2.7, but here for the maximum temperature gradient 
limit as the planet evolves into the helium immiscibility region. Helium is lost from 
the H2 region and gained in the H"^ region. 
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Figure 2.10: Similar to Figure 2.8, but here for the maximum temperature gradient 
limit as the planet evolves in the helium immiscibility region. All hydrogen rich 
layers are homogeneous and posses the same entropy until a portion of the planet 
starts to lose He. The nine models shown are the same as in Figure 2.9. The 
drop in S in the is relatively modest compared to Figure 2.8, because interior 
temperatures increase with increased Y, instead of decreasing. Again, the transition 
from H2 to H"*" remains nearly constant at a mass fraction of 0.53. 
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Trial 2 in Table 4 below) was required to have the same onset temperature as 

HDW for the start of He separation. According to HDW theory combined with our 

model-atmosphere grid, hehum separation begins in Saturn at Tg// = 107 K. Trial 2 

supposes that the H-He phase diagram is similar to HDW theory in pressure depen

dence and temperature of onset of He separation, but that the actual temperature 

dependence of the effect is much steeper. As a result, the helium mass fraction in 

the planet's H2 region must fall to Y = 0.10 to allow enough heat release to prolong 

Saturn's age to ~ 4.56 Gyr at T^ff = 95.0 K. Figure 2.11 shows, on the P-T plane, 

how HDW theory is modified for Trial 2. 

The second alternate phase diagram (Trial 3) allows the planet to cool 

longer before He separation begins. We suppose that Saturn does not reach the im-

miscibility region until Tg// = 98.5 K, only 3.5 K above its current T^ff- This phase 

diagram differs even more from that predicted by HDW. Because the additional 

energy from unmixing is added later in Saturn's evolution, the age prolongation is 

greater for a given mass of He unmixing; the atmospheric He mass fraction falls to 

0.13 at 4.56 Gyr. The evolution of the model Saturns in Trial 2 and 3 can be seen 

in Figure 2.12. It is important to note that the minimum temperature gradient was 

assumed in these modified HDW phase diagram trials, leading to the maximum 

possible prolongation of cooling. 

But from their B  constants (see Table 2.4 below), it seems unlikely that 

either of these modified phase diagrams could be physically realizable. As discussed 

above, in the limit of small He mass fraction, the B constant should be close to 

zero, while trials 2 and 3 have B constants of 6.3 and 8.7 respectively. So while 

they allow Saturn to reach its current age, it is unlikely that these phase diagrams 

correspond to reality. A B constant that is positive and far from being nonzero, 

with a large A, leads to a phase diagram where immiscibility does not begin until 

relatively low temperatures. However, once the phase separation is underway, the 

saturation concentration of He in the H decreases extremely quickly with a small 



58 

PPT 

10000 

I— 

ISCIBLC. Y=.50 
Y=.50 

.Y=.10 

1  1 0  1 0 0  
P (Mbar)  

Figure 2.11: The phase diagram of HDW with our first trial at modification (Trial 
2 in Table 4). Also shown are current Jupiter and Saturn adiabats, as well as the 
SCVH phase line (PPT), which we chose as our H2/H"'' transition boundary. Solid 
diagonal lines are the immiscibility boundaries from HDW theory. Shown are lines 
for helium mass fraction Y = 0.10, 0.27 (protosolar), and 0.50. Dashed diagonal 
lines show the modification to the phase diagram. Unmixing atY = 0.27 remains in 
the same position, but all other unmixing lines are brought in closer, meaning more 
He separation will occur than for HDW, for the same drop in internal temperature. 
T h i s  m o d i f i c a t i o n  r e s u l t s  i n  a n  i n c r e a s e  i n  b o t h  A  a n d  B .  



59 

105 

1 0 0  
0) 

h-

95 

Saturn 

90 

2 3 4 5 
Time (GYr)  

Figure 2.12: Cooling of Saturn after modifications to the HDW phase diagram. 
Homogeneous evolution and evolution of Trials 2 and 3, as described in Table 4, are 
shown. Both allow Saturn to reach ~ 4.56 Gyr at 95.0 K, although the minimum 
temperature gradient in the immiscibility region is used, as described in the text. 
This leads to the maximum prolongation of the planet's cooling. The evolutionary 
paths of the models before the onset of He separation are slightly different due to 
the differences in core masses and hydrogen-envelope heavy element enhancement 
between the models. The phase diagram for both trials is probably not physically 
realizable. Cooling curves for other pairs of Trials (4-5 and 6-7) look very similar 
to those of 2 and 3. For Trials 2-7, modifications to the value of B are unrealistic. 
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decreases in T. So once the phase separation begins it has a substantial effect on 

the planet's cooling. This was shown graphically in Figure 2.3. 

In addition, we constructed phase diagrams similar to those described, but 

with the H+/H2 transition pressure moved to 1.0 Mbar (below the PPT) or 3.0 

Mbar (above the PPT). The evolution proceeded in the same fashion as described. 

As before, the B constants were in general too large for the phase diagram to be 

physically plausible. 

One item of note from this analysis is a general trend; the higher the 

transition pressure, the greater the mass fraction of helium left in the planet's 

molecular hydrogen region. This is due to the fact that the higher the H2/H"^ 

transition pressure, the greater the total mass of the H2 region relative to the 

H+ region in the planet, so there is a larger reservoir of helium to be brought by 

convection into the immiscibility region. The helium mass fraction does not need 

to decrease as much in order to transport the mass of helium necessary to prolong 

the planet's cooling. It seems unlikely that a modified phase diagram in the style 

of HDW, in which helium separates out of a small region of the planet, but then 

redissolves into the below the immiscibility region without falling down to settle 

onto the core, can explain Saturn's current luminosity, if helium separation is the 

planet's only additional energy source. 

2.3.4 Modifications to the Pfaffenzeller et al. Phase Diagram 

The most recent calculation of the location of the helium immiscibility region is that 

of Pfaffenzeller et al. (1995). For a solar composition mixture of helium and hydro

gen, Saturn's interior does not enter the immiscibility region, as seen in Figure 2.1. 

Nevertheless, the predicted position of helium immiscibility is plausibly near the 

internal adiabat of Saturn, so we created a modified version of the Pfafi^enzeller 

et al. phase diagram with a higher temperature for the onset of immiscibility. The 
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modification scheme was similar to that of the modified HDW phase diagrams, in 

which the shape of the phase diagram was changed as shown in Figure 2.3. Again, 

we found the constants A and B by fitting Eq. (2.17) to the modified phase dia

gram. The shape of the immiscibility region is much diflFerent from that predicted 

by HDW, having a positive Ci. Immiscibility increases with increasing pressure and 

the upper boundary of the region runs nearly parallel to the interior adiabats. 

In our modified phase diagram, we simplified the evolution calculations 

by slightly changing the slope of the top of the immiscibility region to be exactly 

parallel to the adiabats. As in our HDW trials, Jupiter still does not enter this 

region in the age of the solar system. As in the original Pfaffenzeller et al. phase 

diagram, the immiscibility region extends from 4 to 24 Mbar, aflfecting a large 

fraction of the liquid-metallic hydrogen region, and encompassing the pressure at 

the liquid metallic hydrogen / core boundary (~ 10 Mbar). Therefore, when helium 

separates from liquid metallic hydrogen it sinks towards the center of the planet and 

settles onto the planet's core, forming a pure helium layer. This is the same style 

of evolutionary models discussed in Hubbard et al. (1999). Helium is lost from 

all hydrogen-rich regions of the planet, due to the convective transport of helium 

amongst all layers, and this helium settles onto the core. 

A small decrease in the helium mass fraction in the hydrogen can lead to a 

significant amount of evolutionary change in the planet. Starting helium separation 

at Teff — 107 and 98.5 K respectively (Trials 8 and 9 in Table 4 below), as in previous 

models, these phase diagrams can lead to the necessary prolongation in evolution 

with only relatively modest decreases in Yatmos, to 0.185 and 0.20 respectively. The 

latter reproduces the result of Hubbard et al. (1999): if helium separation started 

very late in the planet's evolution (at Tg// ~ 98.5 K) and helium was lost from 

all hydrogen layers down to the core, a decrease in the atmospheric Y to only 0.20 

could prolong Saturn's cooling to reach Tgff — 95.0 K at 4.56 Gyr. Since there is no 

region where a gradient in composition exists, just a helium-poor and pure helium 
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region, the planet remains fully convective and the adiabatic temperature gradient 

holds down to the core. Therefore, our predictions of Saturn's extension of cooling 

for this phase diagram are not upper limits, but are our actual predictions for the 

modified phase diagrams. 

Of the modified phase diagrams that lead to sufficient prolongation of Sat

urn's evolution, the Pfaffenzeller et al. style of phase diagram has the highest 

likelihood of being physically realized. Trial 8 increases the value of ^ to 2.1 eV, 

somewhat higher than, but similar to, all previous calculations (Stevenson, HDW, 

Pfaffenzeller et al.), while B is close to zero, as expected for the theory of binary 

mixtures at low concentration. Trial 8 leads to enough helium separation to suffi

ciently prolong Saturn's evolution, while leaving an atmospheric He mass fraction 

that falls within the error bars of the Conrath and Gautier (2000) analysis. Fig

ure 2.13 shows the evolution of Saturn for Trials 8 and 9. Figure 2.14 shows the 

evolution of S in the planet for Trial 8 after the onset of helium separation. 

2.3.5 Separation of Heavier Elements 

Helium may not the only element that has a limited solubility in hydrogen at the 

temperatures and pressures encountered in giant planets. Since the Galileo entry 

probe measurements have provided strong evidence that Jupiter has an abundance 

of heavy elements around 3 times solar, and Saturn has perhaps a larger enhance

ment, the question of whether separation of "metals" could have an appreciable 

effFect on a planet's evolution naturally arises. 

We created an evolutionary model for Saturn in which a heavy element 

or group of heavy elements separates from the hydrogen-helium mixture. In the 

planet's initial state the heavy elements are uniformly mixed throughout the en

velope. We generically call this evolution "CNO element separation," and use the 

ANEOS H2O equation of state as described earlier. Our modeling of the CNO 
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Figure 2.13: Cooling of Saturn after modifications to the Pfaffenzeller et al. phase 
diagram. Homogeneous evolution and evolution of Trials 8 and 9, as described 
in Table 4, are shown. Both allow Saturn to reach ~ 4.56 Gyr at 95.0 K. These 
coohng curves are not upper limits, as they were for the HDW phase diagram. 
(See text.) The evolutionary paths of the models before the onset of He separation 
are slightly different due to the differences in core masses and hydrogen envelope 
heavy element enhancement between the models. The phase diagram for Trial 8 is 
probably physically realizable, but less so for Trial 9. 
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Figure 2.14; Evolution of Saturn's interior entropy distribution under the modified 
phase diagram of Trial 8. The pure helium layer on top of the core has much 
lower specific entropy than the hydrogen rich regions, leading to a release of energy. 
Helium rains down from all hydrogen rich regions, causing the pure helium region 
to grow as the planet cools. 
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separation is not as detailed as that of He separation, since there are no computed 

phase diagrams that may shed light on the area of pressure-temperature space where 

these elements may become immiscible. In this trial, we created another Pfaffen-

zeller et al. style phase diagram, in which the "ices" are lost uniformly from the 

H/He envelope and form a pure layer on the core. For our CNO separation phase 

diagram we constrained the B constant to be zero. As described above in Section 

2.2.2, for a low number fraction of the immiscible species (here the number fraction 

x ~ 0.014) B should be very close to zero. At 5 Mbar pressure we find A — 3.65 

eV. The phase diagram was shown in Figure 2.4. 

There have been at least two prior calculations concerning the phase sep

aration of carbon and oxygen from liquid metallic oxygen. In a fashion similar to 

prior helium separation calculations, the assumption is made that the carbon or 

oxygen atoms are fully ionized. However, one investigation (Stevenson, 1976) only 

calculated the critical temperatures and compositions for these mixtures. No phase 

diagrams were calculated. The critical compositions were found to be 0.086 and 

0.064 for carbon and oxygen, respectively, which are ~ 25 times greater than one 

would expect to find in Jupiter or Saturn, even if the planets are enhanced in oxygen 

by a factor of 10 over solar abundance. It is unclear at what temperatures such 

low concentrations of carbon and oxygen would separate out. Brami et al. (1976) 

calculated phase diagram for fully ionized carbon/hydrogen and oxygen/hydrogen 

mixtures, but only for pressures in excess of 3 Gbar. Their calculations at least qual

itatively seem to indicate that very low concentrations of carbon or oxygen could 

become immiscible at temperatures on the order of 1-10 xlO^ K. The applicability 

of these calculations to the deep interiors of giant planets is not clear, since carbon 

and oxygen are not expected to be fully ionized. 

In our "Ice" trial, Saturn has an initial olivine core of 0.14 Msat and uni

form heavy element distribution of Zice = 0.145 in the H/He envelope. When Saturn 

reaches Tg// = 125 K, the ices begin to separate out, and by the time the planet 
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reaches Tg// = 95 K, the mass fraction Zice of heavy elements in the H/He layer has 

fallen to 0.045. The entropy of the hydrogen-rich envelope increases slightly, since 

its mean molecular weight decreases, while the heavy-element core (with specific en

tropy set equal to zero) grows in size. Energy is released as mass shells near the core 

are turned from high-entropy H/He layers to zero-entropy ice layers. Figure 2.15 

shows the cooling of Saturn with CNO separation, compared with homogeneous 

evolution of Jupiter and Saturn. 

Although CNO separation starts at a planetary effective temperature 

greater than that for the onset of He separation, CNO separation cannot occur 

during the evolution of Jupiter for this phase diagram. Our best-fit Jupiter model 

has Zice in the planet's envelope of 0.059. Jupiter's adiabat never drops to temper

atures low enough to encounter an immiscibility region for Zice = 0.059. 

Our CNO-separation evolutionary models can be seen as a proof of concept 

for heavy-element separation in Saturn. If the abundant CNO elements are initially 

enhanced by a factor of 5-10 in Saturn relative to solar abundance, the A constant 

does not need to be unreasonably large for CNO separation to occur. An A constant 

larger than that of helium is probably even likely, considering that insertion of 

a larger atom such as oxygen into liquid-metallic hydrogen should incur a larger 

enthalpy increase. Since Saturn is colder than Jupiter and is perhaps more enriched 

in heavy elements, a significant amount of heavy element separation (and extension 

of cooling) can occur in Saturn without any corresponding effect on Jupiter. 

Determining the water abundance in Jupiter is important both for a census 

of oxygen in the solar system and because it has recently been put forward as a 

sensitive test for the formation of the planet. A model proposed by Owen et al. 

(1999) predicts Jupiter's ice component came from ISM planetesimals that were 

never heated above 30 K. A prediction of this formation scenario is that Jupiter has 

three times solar abundance of water, the same as the enrichment that has already 
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Figure 2.15: Evolution of Saturn with separation of heavy elements. Homogeneous 
evolutionary models are labeled "Saturn" and "Jupiter," while the evolution of 
Saturn with separation of CNO elements is labeled "Saturn:Ice." The phase diagram 
used is similar to that of Pfaffenzeller et al. (1995), with a positive c\. Here the 
"ices" are lost from the entire hydrogen-rich envelope and form a layer of pure ice on 
the planet's core. Separation of CNO elements allows Saturn to reach Tg// = 95.0 
K at an age close to the solar system's. 
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been detected for other elements. In another scenario (Gautier et al., 2001a; Gautier 

et al., 2001b) the planetesimals that gave rise to Jupiter's ice component were 

clathrate hydrates, and they predict Jupiter should have an oxygen abundance at 

least 9.4 times solar. Since we perform no detailed static models, and our equation 

of state for the ice component of the envelope of the planet (ANEOS H2O EOS) 

has been shown to be inaccurate at high pressure (Chau et al., 2001), one should 

consider our quoted best-fit Zjce values to be schematic. The reader should be 

aware of the possibility that phase separation of water could lead to the planet's 

atmospheric abundance differing from that of the planet as a whole, although this 

scenario is probably more likely for Saturn than Jupiter. 

2.3.6 Summary of Trials 

Table 4 summarizes the results for all of the phase diagrams explored in this chapter. 

Figure 2.16 shows the A and B constants (at 5 Mbar) for all of the trials in Table 4. 

While these constants are not bounded by any fundamental constraints at present, 

the shaded area in Figure 2.16 shows the range of values for A and B that would 

be consistent with previous studies and with the theory presented in Section 2.2. 

As we see, only two trials that give the correct Saturn age fall within this shaded 

region. Trial 8 and "Ice". These trials are marked in bold face in Table 2.4 and 

represent the preferred models of this work. They also provide a prediction, both 

for possible future Saturn abundance measurements, and for experimental studies 

of mixtures of hydrogen with heavier elements at high pressure. 



Table 2.4: Saturn He Separation Models. *Final Zjce; ^initial Zjce.Preferred models in boldface. The ages for models 
1-7 indicate Saturn's age for the maximum extension of cooling, as discussed in Section 2.3.2. 

Trial H phase Phase Te/, (K) Final 7. ^ice ^core Age A B 
line diagram onset ^atmos (Msat) (Gyr) (eV) 

1 PPT Standard HDW 107 0.215 0.04 0.20 2.9 1.3 0.69 
2 PPT Modified HDW 107 0.10 0.09 0.15 4.5 3.7 6.3 
3 PPT Modified HDW 98.5 0.13 0.08 0.16 4.6 4.6 8.7 
4 1 Mbar Modified HDW 107 0.06 0.09 0.15 4.6 2.8 3.8 
5 1 Mbar Modified HDW 98.5 0.09 0.08 0.16 4.5 3.4 5.5 
6 3 Mbar Modified HDW 107 0.14 0.09 0.15 4.9 2.1 2.2 
7 3 Mbar Modified HDW 98.5 0.16 0.08 0.16 4.6 3.4 5.5 
8 N/A Mod. Pfaff. 107 0.185 0.085 0.17 4.5 2.07 0.28 
9 N/A Mod. PfaflF. 98.5 0.20 0.065 0.185 4.4 3.2 2.1 

Ice N/A Mod. Pfaff. 125 0.045* 0.145* 0.14 4.3 3.65 0 

Oi CO 



70 

5 

4 

3 

2 

(HDW) 

'on 

0 

0 2 4 6 8 1 0  

B (dimensionless) 

Figure 2.16; A and B  parameters at 5 Mbar from Eq. (2.14) for Saturn models 
tabulated in Table 4. The open square and open circle are respectively the unmod
ified Pfaffenzeller et al. and HDW theories. Solid squares are modified Pfaffenzeller 
et al. phase diagrams, while solid dots are modified HDW phase diagrams. The 
solid triangle corresponds to a phase diagram for separation of CNO heavy elements 
as discussed in Section 2.3.5. The latter model can work with B = 0 because the 
mole fraction of CNO elements is much less than that of He (although still ele
vated with respect to solar mixing ratios). The hatched region shows models with 
plausible B values, based on prior calculated phase diagrams. 



71 

2.4 Discussion 

2.4.1 Implications for Primordial Saturn Core Mass 

Note the rocky (primordial) core mass for the Saturn models in Table 2.4. This 

mass can be as low as ~ 14-15 Earth masses (Me), due to the large redistribution 

of helium towards the center of the planet for certain extreme models. Although 

the models with smaller rock core masses have unphysical H-He phase diagrams, 

the ice-separation model is plausible and has a primordial core mass of ~ 14 Mg. 

A smaller rocky core, together with either very helium-rich or ice-rich layers near 

the planet's core can reproduce Saturn's observed moment of inertia. Fourteen 

Me is only 4 Me larger than the mass derived for Jupiter's core, using the SCVH 

"interpolated" equation of state for hydrogen and helium. This would fit neatly in 

the core accretion theory for the formation of the giant planets, since it would then 

seem both planets began to accrete gases onto their cores when they reached nearly 

the same "critical mass." But as noted below, there may be other complications as 

to how the primordial core mass relates to the current core mass. 

2.4.2 Constraint on the H-He Phase Diagram? 

As has been highlighted in this chapter, the T { P )  slope of the immiscibility region 

has an important effect on the efficiency of helium phase separation as an addition 

energy source. If the T(P) slope is negative, as calculated by Stevenson and HDW, 

there is a very narrow region of the planetary adiabats where helium becomes im

miscible. The helium that rains down redissolves at higher pressures after falling a 

fraction of the planet's radius. However, if the T{P) slope is positive, as calculated 

by Pfaffenzeller et al., the immiscibility region encompasses a larger section of the 

planet's adiabat, and helium is able to rain down deeper into the planet, liberating 

more energy. 



72 

It should be noted that we can not place a constraint on the maximum 

positive T{P) slope. If the immiscibility region were even steeper than the planetary 

adiabats, then the highest pressure right above the core, would have the lowest 

saturation value of Y. All layers at lower pressure would have higher Y saturation 

values and a composition gradient with negative dY/dP would be set up. However, 

due to mixing in the convective planet this would not be stable, and the entire 

planet would lose helium down to the planet's core until all hydrogen-rich regions 

possessed a Y determined by the saturation value of Y in the highest pressure 

layer. The evolution and mechanics would work like our well-studied examples 

where helium is lost from all hydrogen-rich layers and settles on the core. 

2.4.3 Helium, Neon, and Speeding Jupiter's Evolution 

We have explored the evolution of Saturn and shown that various binary phase 

diagrams allow Saturn to reach the age of the solar system at Tg// = 95.0 K. All re

quire substantial redistribution of helium or other abundant elements in the planet's 

interior, leading to a corresponding decrease in the mass fraction of that element 

in the planet's visible atmosphere. In our current theoretical understanding, any 

such separation in Jupiter would lead to a prolongation of evolution, worsening the 

agreement with the age of the solar system attained with homogeneous models. The 

observation that Jupiter's atmospheric helium mass fraction is 0.231, less than the 

protosolar value of 0.27, remains problematic and significant. Surely hehum separa

tion is a likely explanation, and this case is bolstered by the observation that neon 

is depleted in Jupiter's atmosphere (see Table 2), which Roulston and Stevenson 

(1995) attributed to the incorporation of neon into helium droplets separating out 

from the hydrogen. 

We have assumed throughout this work that the droplets that separate out 

are pure helium, but one can readily roughly estimate the effect that droplets of 
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helium plus neon would have on the evolution of Saturn or Jupiter, using Jupiter's 

mass and elemental abundances. If 15% of Jupiter's helium has become immiscible, 

this is a helium mass of ~ 7.5 x 10^® g. If Jupiter's bulk neon abundance is proto-

solar, then the total mass of neon is ~ 5 x 10^^ g. Ninety percent of this neon is 

incorporated with the helium, so the neon mass rained down is ~ 4.5 x 10^^ g. The 

neon "immiscible mass" is then 6% of the heUum "immiscible mass." If the neon is 

dissolved in the hehum droplets, then these droplets are then ~ 6% denser than we 

assume here. The upshot is that incorporating neon into the helium droplets will 

slightly prolong a planet's evolution over what we predict here for pure helium phase 

separation, but it appears to be a minor effect. If Jupiter's bulk neon abundance is 

3 times protosolar, hke the other noble gases, then this effect due to neon cannot 

be ignored. 

A recent review (Hubbard et al., 2002) points out that reduction of the 

neon concentration by about a factor of ten (from the protosolar composition), 

accompanied by the indicated reduction of the helium concentration, would require 

an unusually high solubility of neon atoms in the helium droplets. But if this is 

the case, some other factor must be involved that without helium separation would 

allow Jupiter to cool more quickly than current homogeneous models predict. 

There are several candidates for a process that could lead to faster cooling 

to counteract the prolongation of cooling due to phase separation. A full range of 

possibilities is discussed in Guillot et al. (2004). Before any additional processes 

are invoked, perhaps the first item to consider is the new generation of model 

atmospheres that have been developed in the past few years for EGPs and BDs 

(Sudarsky et al., 2003). They incorporate better knowledge of chemistry, cloud 

formation, and stellar irradiation, and will lead to a more accurate grid of model 

atmospheres for Jupiter and Saturn. Work on developing a new grid suitable for 

evolution calculations is currently in progress. This grid will incorporate the planets' 

metal enhancement (relative to solar) and the effect of absorption of solar photons 
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in thin outer atmosphere, which tends to make Jupiter's and Saturn's atmospheres 

sHghtly more isothermal than isolated atmosphere models predict. It seems likely 

that these improvements will lead to slightly larger cooling ages for both planets. 

In concert with better atmospheric models, progress has been made on the albedos 

of giant planets, which will allow a more refined estimate of the amount of absorbed 

solar flux over the planet's history (Sudarsky et al, 2000). If Jupiter had a higher 

albedo in the past, it would absorb less stellar energy, and therefore cool faster. 

The equation of state near 1-5 Mbar is still uncertain, as discussed in detail 

earlier. This has a large effect on evolutionary models of Jupiter and Saturn. For 

example, Guillot (1999) calculated an age of 2.0 Gyr for an adiabatic Saturn using 

the SCVH "interpolated" EOS, while using the SCVH "PPT" EOS gave 2.7 Gyr. 

The uncertainty in the EOS alone probably adds an uncertainty of ± 0.01 in the 

final calculated Yatmos for Saturn evolutionary models. Slightly more or less He 

may need to separate out in order to give the correct extension of cooling. Per

haps soon, differences between calculations and experiment will narrow. Further 

experiments pushing to higher pressures may help to elucidate the possibility of 

a zone that is unconditionally stable to convection, as discussed in Section 2.1.3. 

Such a zone might offer a possibility for modest diffusive separation of elements. 

Likewise, experimental measurements of the high-pressure properties of H-He mix

tures may provide information about the value of A and the sign of its pressure 

dependence. Temperature measurements of shock compressed deuterium have been 

made (Holmes et al., 1995; Colhns et al., 2001), and they indicate the SCVH EOS 

(and other EOSs) may predict temperatures that are too high in the several Mbar 

region. If the temperatures within the bulk of Jupiter and Saturn are lower than 

expected, their thermal energy reservoir would be smaller, leading to faster cooling. 

An intriguing possibility for accelerating Jupiter's (and Saturn's) evolution 

could be core erosion by convective plumes. If heavy elements were eroded through

out the life of the planet and distributed in the interior against the force of gravity. 
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some fraction of the planet's internal energy could be transformed into gravitational 

potential energy. Less of the planet's internal energy would have to be radiated to 

space, leading to faster evolution. This hypothesis would also be a natural expla

nation for the origin of the heavy element enhancement in the envelopes of the two 

planets (Guillot et al., 2004). A possible next step for inhomogeneous evolutionary 

models of Jupiter and Saturn would be to try to create a physically-reasonable phase 

diagram such that Jupiter enters the region of He immiscibility and its Vatmos drops 

to 0.231 at 4.56 Gyr, while Saturn is supplied sufficient energy via He separation 

to reach 4.56 Gyr. Some other process, such as core erosion and redistribution may 

have to be invoked to counteract the cooling extension of Jupiter. A study of that 

nature will be undertaken as a revised model atmosphere grid and high-pressure 

equation of state become available. 

2.5 Chapter Conclusions 

If the recalculated Conrath and Gautier (2000) hehum abundance for Saturn 

(Vatmos = 0.215 ± 0.035) is correct, a few statements can be made about the phase 

diagram of hydrogen and hehum. If helium separation is the planet's only additional 

energy source, models in which helium rains out and settles onto the planet's core, 

rather than remixing at deeper levels, are preferred. Thus, the phase diagrams of 

Stevenson and HDW, which predict a narrow region of hehum separation, and mod

est extension of Saturn's cooling (less than 800 Myr) are likely to be inapplicable to 

Jupiter and Saturn. Models where helium is free to rain down to the planet's core 

lead to a large energy release with only moderate depletion of helium in the planet's 

atmosphere. As we show, this could be accomplished by a phase diagram similar to 

that of Pfaffenzeller et al. (1995), but with about twice as large an A, in which the 

immiscibility region runs roughly parallel to the planet's adiabats and maintains 

this shape past a pressure of ~ 10 Mbar. With this phase diagram Saturn's cooling 
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can be extended so the planet reaches its current effective temperature at the age of 

the solar system, while the He mass fraction of its atmosphere falls from a protosolar 

V of 0.27 to 0.185. In addition, we find if Saturn's current Yatmos is > 0.20, then He 

phase separation is not the only process prolonging Saturn's cooling. Separation of 

heavy and abundant CNO elements could affect the evolution of both planets, but 

this conclusion is necessarily tentative. 

New observations from the Cassini spacecraft that could lead to another 

measurement of the helium abundance in Saturn's atmosphere will be extremely 

valuable. Even if higher precision than that obtained by Conrath and Gautier 

(2000) cannot be achieved, a new determination in support of their work would lend 

confidence that we are finally closing in on the correct value of Saturn's atmospheric 

helium abundance. Knowing this number would shed considerable light on the 

mechanics of helium phase separation in Saturn, Jupiter, and all giant planets. 
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CHAPTER 3 

Inhomogeneous Evolutionary Models of Extrasolar Giant Planets 

This chapter comes from a paper that is accepted to The Astrophysical Journal and 

will be printed in the summer of 2004. Some introductory material from that paper 

has been excised, since it was a repetition of the discussion found in Chapter 2. 

What we have from Chapter 2 is a high-pressure hydrogen-helium phase 

diagram that is calibrated to Jupiter and Saturn. Specifically, both planets reach 

their known effective temperatures after ~ 4.6 Gyr, with an improved but still 

imperfect understanding of hehum phase separation. The purpose of the present 

chapter is to investigate the effects of helium phase separation on the evolution 

of theoretical giant planets in orbits around other stars using the phase diagram 

derived in Chapter 2. To date, inhomogeneous evolutionary models of extrasolar 

planets have not been calculated. But as we have seen from our thermal history 

models of Saturn, phase separation cannot be ignored when one tries to understand 

the evolution of low-mass EGPs. The direct detection of EGPs is just over the 

horizon, and accurate models that predict the luminosity of these objects must 

be created so that we can accurately plan observations. In addition, once these 

observations are made, accurate cooling models will allow for better interpretation of 

the observations. The number of surveys for transiting planets have exploded in past 

few years, and it seems likely that many cooler transiting planets await detection 

(Bodenheimer et al., 2003). The knowledge of how helium phase separation effects 

the radii of giant planets will allow us to better understand the structure of these 

planets from planetary radius measurements. 
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Here we concentrate on planets ranging in mass from 0.15 Mj (half Saturn's 

mass) to 3.0 Mj, and derive the luminosity, Te//, radius, and Yatmoa as a function of 

time during the planets' evolution. Of the many extrasolar planets found to date, 

the planet with the smallest minimum mass is HD 49674b, at 0.12 Mj (Butler et al., 

2003). As we will discuss later, a planet with a mass this small likely contains no 

liquid metallic hydrogen, only dense molecular hydrogen. Approximately 70% of all 

known planetary candidates have minimum masses of less than 3.0 Mj, so planets 

of the masses we explore here are sure to be abundant. 

Figure 3.1 shows in detail our current knowledge of the high pressure phase 

diagram of hydrogen and heUum (Hubbard et al., 2002). It is an expanded view 

of the region of T-P space shown in Figure 2.1. Labeled are the current interior 

adiabats of Jupiter, Saturn, and a hypothetical 0.15 Mj (Jupiter mass) planet. 

Relevant experimental and theoretical boundaries are also labeled, as are regions of 

calculated helium immiscibility. 

Our standard models have Z = 0.02 and Y — 0.27 in the hydrogen-rich 

envelope and incorporate a primordial 10 Me heavy element core for all planets, 

but later in Section 3.1.3 we investigate the effects of 20 Mg and coreless models. 

(1 Jupiter mass, Mj, is 317.7 Earth masses. Me.) We also investigate the effects 

of modest stellar irradiation in Section 3.1.2. Stellar heating retards a planet's 

cooling, and if a planet is within a few AU of its parent star, the planet will reach 

its equilibrium temperature before its interior reaches temperatures cool enough for 

hehum to become immiscible. We calculate the cooling of planets in isolation and at 

10 and 5 AU from a constant luminosity 1.0 L© star. In the Section 3.2.1 we discuss 

the detectability of these EGPs likely to be undergoing helium phase separation. 

Finally, in Section 3.2.2 we relate these calculations back the those of Chapter 2, 

and discuss future directions in creating a consistent evolutionary history for Saturn 

and Jupiter. 
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Our homogeneous and inhomogeneous evolutionary models are the same as 

those described in Chapter 2 and use the method first described by (Hubbard, 1977). 

It has already been outlined in Sections 2.1.1, 2.1.2, and 2.1,5. For our calibrated 

phase diagram, constant composition isopleths run parallel to the planets' adiabats, 

such that when helium phase separates, it will rain all the way down to the planet's 

core, creating a layer of helium. As long as these isopleths have that same slope, 

at larger pressures and temperatures considered in Chapter 2, then the hehum 

distribution in the planets more massive than Saturn will be similar to that just 

described—helium will phase separate, fall to deeper layers, will not find a region 

where it is again miscible, and hence will fall to the core. Putting it another way, 

this would mean extending the isopleths labeled PI in Figure 3.1 over an order 

of magnitude higher in pressure while maintaining their same slope. However, as 

discussed in Section 2.2.4, at some higher pressure, the T{P) slope likely turns 

over from positive to negative, as predicted by Stevenson (1975) and HDW. This 

transition pressure is unknown, and could be higher than 100 Mbar, where helium 

finally fully ionizes (Young et al., 1981). The central pressure of the 1.5 Mj and 3.0 

Mj planets we investigate are on the order of 100 Mbar and 300 Mbar, respectively, 

at Gyr ages. For these massive planets, it seems more likely that helium will not rain 

down to the planet's core, but will fall until it reaches a pressure and temperature 

where it is again miscible and redissolves, similar to planetary evolution with HDW 

phase diagram in Section 2.3.2. So while we feel the evolutionary models for the 

0.15 MJ to ~ 1.5 MJ planets are likely close to reality, the extension of cooling we 

find here for the more massive planet may be an overestimation. 
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Figure 3.1: Our current understanding of the high pressure phase diagram of hydro
gen. Regions of Uquid molecular hydrogen (H2) and liquid metallic hydrogen (H+) 
are shown at high temperatures, and their solid counterparts at much lower temper
atures. The curve marked PPT? is a possible transition from liquid H2 to liquid 
as calculated by Saumon et al. (1995). The solid line marked 50% shows, for the 
theory of Ross (1998), where liquid H2 should be 50% dissociated. Laser shock data 
points from CoUins et al. (1998) are shown as a dash-dot line. The reverberation 
shock data of Nellis et al. (1999) are shown as pluses (for deuterium) and asterisks 
(for hydrogen). The large black dot indicates the highest pressure that the conduc
tivity of H2 has been measured. The calculated region of helium immiscibility from 
Hubbard and Dewitt (1985) and Stevenson (1975) is labeled HDW/S. The lines 
marked Y = 0.27 and Y = 0.21 mark the immiscibility boundaries for these two 
compositions. The parallel lines labeled Pfaff. show the helium immiscibility region 
as calculated by PfafFenzeller et al. (1995). Again, the upper and lower boundaries 

are Y=0.27 and 0.21, although they are not labeled. The current internal adiabats 
of Jupiter and Saturn are shown as heavy lines, while the dashed extensions show 
the pressure range within their cores. Also shown in a heavy line is the adiabat 
of a hypothetical coreless 0.15 Mj planet at an age of 4.5 Gyr. The parallel lines 
marked PI is the ad-hoc immiscibility region from Chapter 2. The immiscibility 
lines are defined to be exactly parallel to the adiabats. 
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3.1 Results of Calculations 

3.1.1 Evolution of Isolated EGPs 

The evolution of the low-mass EGPs we explore here can be drastically changed by 

the onset of phase separation of helium from hydrogen. Figures 3.2, 3.3, 3.4, and 3.5 

taken together map out our calculations for the luminosity, Tg/f, Yatmos, and radii of 

isolated EGPs. Solid lines show inhomogeneous evolutionary models incorporating 

helium phase separation, while dotted lines are for homogeneous models. A planet's 

luminosity falls at a much smaller rate, the gradual contraction of the planet is 

slowed, and the Yatmos falls as helium is lost from molecular and metallic regions, 

with the excess helium raining down to the planet's core. 

The lowest mass planet we model is 0.15 Afj, which is 47.7 Mg. This means 

~75% of the planet's mass is hydrogen/helium envelope. This is approximately 

the lowest mass a planet can be while still having some liquid metallic hydrogen 

in its deep interior. For comparison Uranus and Neptune are 14.5 and 17.1 M-^, 

respectively. This lower mass limit is dependent on the mass of the core and the 

exact pressure(s) at which hydrogen becomes metallic. Later on we will show that 

coreless models for planets of this mass do not contain liquid metallic hydrogen. 

For our standard 0.15 Mj model, the onset of helium separation is fairly early in 

the planet's evolution, at an age of 700 miUion years. Of course our determination 

of this age for the onset of phase separation is dependent on the temperatures 

predicted by the Saumon et al. (1995) EOS and the planets' assumed initial helium 

mass fraction. 

The evolution of planets of increasing masses proceed similarly. Note that 

except for Figure 3.2, all figures show time linearly in Gyr. This makes it clear how 

quickly giant planets fall from their initial large, highly luminous state. At a given 

age, the higher the mass of the planet, the higher the entropy of the planet's interior. 
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Figure 3.2: Evolution of the luminosity for planets of mass 0.15 to 3.0 Mj for our 
standard models with no stellar irradiation and 10 Me cores. The dotted lines are 
models without helium phase separation, while the solid lines include the effects of 
helium phase separation on the planets' cooling. The top curve is for the highest 
mass planet while the bottom curve is for the lowest mass planet. 
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Figure 3.3: Evolution of ^e// for planets of mass 0.15 to 3.0 Mj for our standard 
models. The top curve if for the highest mass planet while the bottom curve is for 
the lowest mass planet. 
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Figure 3.5: Evolution of the radius of planets of mass 0.15 to 3.0 Mj for our standard 
models. The top curve is for the highest mass planet while the bottom curve is for 
the lowest mass planet. 
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Consequently, the greater the planet's mass, the later in the planet's evolution 

helium phase separation begins. For our phase diagram, the liquid metallic region 

of the planet must reach a specific entropy of 6.11 A:B/baryon before hehum begins 

to separate. 

Figure 3.2 shows the full evolution of the planets' luminosities, starting 

from 1 Myr, for our range of planets. Once hehum phase separation begins, the 

luminosity of the lower mass planets (0.15 to 0.3 Mj) is increased by a maximum 

factor of 2.25 over the prediction of the homogeneous models. For the higher mass 

planets this ratio is near 1.7. The coohng rate in Tg// per Gyr decreases by a factor 

of 4.5 upon the onset of phase separation. A 1.0 Mj planet cools at a rate of -12 K 

Gyr~^ just before the onset of phase separation and -2.6 K Gyr~^ after. This new 

cooling rate is maintained to within ~ 10% past an age of 10 Gyr. 

Changes in planetary Tg// can be on the order of 10-15 K, when compared 

to homogeneous models, which is quite a marked difference, while radius increases 

are on the order of 1000-2000 km, which is somewhat small. However, for the 1.5 

and 2.0 Mj objects the onset of phase separation leads to a near halt of contraction 

of the planets. Figure 3.4, which shows Yatmos as a function of time gives one a 

feeling for how hehum phase separation is proceeding in the planet as a function 

of time. Information will be gleaned from similar figures when stellar irradiation is 

added. Unfortunately, Yatmos will never be an observable quantity except in Jupiter 

and Saturn. Notice that the 1.0 Mj model begins to lose helium to deeper layers 

at an age of 3.25 Gyr, 1.3 Gyr earlier than the age of the solar system. The onset 

of phase separation will be delayed for all planets once the absorption of stellar 

photons is accounted for. 
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3.1.2 Effects of Stellar Irradiation 

The proceeding discussion is only correct for planets in isolation, such that no 

energy is absorbed from a parent star. Very low mass planets in isolation may 

exist, but Gyr-old isolated planets seem unlikely targets for direct detection and 

characterization. In our solar system, both Jupiter and Saturn reradiate more 

absorbed solar energy than internal energy. 

In order to investigate how stellar irradiation may alter the effects of helium 

phase separation, we place our same model planets at a distance of 10 and 5 AU 

from a star with a constant luminosity of 1.0 L©. We make use of the theory of 

Hubbard (1977) outlined in Chapter 2. The accuracy of this method breaks down 

when a planet's Tg// reaches its T^q, however. As has been discussed in relation to 

the intensely irradiated EGPs such as HD 209458b (Guillot and Showman, 2002), 

the Hubbard (1977) theory, when making use of a model atmosphere grid for isolated 

planets, predicts a halting of the contraction of a planet at Tg// = Tgg (and hence 

a halting of the cooling of their interiors) but in reality a planet likely continues 

to contract while maintaining a constant Tg// = Tgq, as the radiative region of the 

planet's atmosphere expands to encompass higher pressures. This should be kept in 

mind when interpreting Figures 3.7 and 3.9, which show a likely unphysical halting 

of phase separation. The calculations of Tg// in Figures 3.6 and 3.8 are accurate, 

as Teff will eventually fall to the Tgg value. 

Currently, Jupiter and Saturn have essentially the same bond albedo of 

0.343. To date, evolutionary models of these planets have used this value for their 

entire evolution, which is overly simplified. Since we are not calculating consistent 

atmosphere models for various stellar distances and planet gravities, we too assume 

our model planets have a bond albedo of 0.343. Although progress in modeling giant 

planet albedos has been made (Sudarsky et al., 2000), great uncertainties in the 

modeling of equilibrium condensate clouds in EGP atmospheres remain (Ackerman 
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and Marley, 2001; Cooper et al, 2003). Since an understanding of nonequilibrium 

condensates is needed to account for the albedos of Jupiter and Saturn (which are 

still not that well understood), much work still needs to be done. Prospects for an 

accurate understanding of EGP albedos in general will be helped by detections of 

reflected light from EGPs. 

Since the store of internal energy for the lowest mass planets is the smallest, 

and they consequently have the lowest TeffS at a given age, they will be the most 

affected by stellar irradiation. We derive a planet's equilibrium temperature, Tgq, 

the effective temperature the planet would have if it had no self-luminosity, from 

the equation: 

= (1 — AB)T^o?'L^/A'nd^, (3.1) 

where Ab is the bond albedo (here fixed to be 0.343 for all planets), a is the Stefan-

Boltzmann constant, a is the planet's radius (which cancels out), d is the planet-star 

distance, and is the parent star's luminosity. At a distance of 10 AU from an 

L = I.OLq star, we find a planetary Teg of 79.2 K and at 5 AU a T^q of 112.0 K. 

For reference, if one were instead to consider a M5 main sequence parent star with 

a luminosity L = 0.22Lq, these TgqS would correspond to distances of 2.3 and 4.6 

AU from the parent star. 

Figures 3.6 and 3.7 show how the planets' Tg// and Yatmoa are affected by 

stellar irradiation at 10 AU from a 1.0 Lq star. The onset of helium phase separation 

is delayed by ~ 300 Myr, but the planetary evolution proceeds in a fashion similar 

to the isolated case for the more massive planets. However, the less massive planets 

are qualitatively affected by the stellar heating. The 0.15 and 0.2 Mj planets reach 

their T^q in 7 and 8 Gyr, respectively, and at that point their energy budget is 

dominated by the stellar, rather than intrinsic, source. The age of the 1.0 Mj 

planet at the onset of helium phase separation is 3.5 Gyr, still only ~ 77% of the 

age of the solar system. 
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Figure 3.6: Evolution of the Tg// of irradiated model planets with a constant T^q of 
79.2 K. This corresponds to a distance of 10 AU from a constant luminosity 1.0 Lq 

star. Only the lowest mass planets reach their T^g in 10 Gyr. 
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Figure 3.7: The Yatmos for the model planets at 10 AU. When the lowest mass planets 
reach their Tf,q, their evolution stalls, so our theory predicts that no additional 
helium is lost to deeper layers. The 0.15 and 0.2 Mj planets reach this point. 
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The effects of stellar irradiation are even more clear in Figures 3.8 and 3.9. 

These figures show planets with Teq—112.0 K. The planets with masses less than 

0.7 Mj reach their T^q before helium phase separation can even begin. With their 

evolution stalled at this early age, our theory predicts that they never cool enough 

for helium to become immiscible in their interiors. However, as these planets likely 

do continue to contract ai Tgff — Tgq, a. more correct statement would be that they 

begin phase separation well after their Tg// is dominated be absorbed stellar energy 

rather than internal energy. The time of onset of phase separation is extended about 

2 Gyr for all the planets. The 0.7 Mj planet has just begun to lose helium to deeper 

layers when its evolution is stalled, as is seen in Figure 3.9. For the 1.0 Mj object, 

helium phase separation begins at an age of ~ 5.4 Gyr, 

For both sets of irradiated models, the planetary radii can be calculated by 

reading off the mass and T^ff from Figure 3.6 or 3.8, consulting Figure 3.3 for the 

age of an isolated model for that M/Teff, and then reading the radius off Figure 3.5 

at the isolated planet age. This works because of our approximation described in 

Section 2.1.2 that the stellar flux is absorbed in the convective region of the planet. 

3.1.3 Effects of Alternate Core Masses 

The current mass of Jupiter's and Saturn's heavy element cores can be constrained 

with static models that must match each planet's mass, rotation rate, radius at 1 

bar, temperature at 1 bar, and gravitational moments J2, J4, and Je, using given 

EOSs for hydrogen, helium, and heavier elements. The most recent estimates for 

these core masses, taking into account uncertainties in all parameters, give a core 

mass of 0-10 Mg for Jupiter and 10-20 Me for Saturn (Saumon and Guillot, 2003). 

Our understanding of Jupiter and Saturn led us to choose 10 Me as a real

istic core mass for our standard models. Prospects for determining whether or not 
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Figure 3.8: Evolution of the Tg// of irradiated model planets with a constant Teg 
of 112.0 K. This corresponds to a distance of 5 AU from a constant luminosity 1.0 
L© star. The evolution of all planets is significantly affected, with the lowest mass 
planets reaching Teq in less than a few Gyr. The 0.15 to 0.5 Mj planets reach their 
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Figure 3.9: The Yatmos for the model planets at 5 AU, up to an age of 20, rather 
than 10, Gyr. Curve labels are the planets' masses in Mj. Due to the stellar heating 
0.15 to 0.5 Mj planets reach their Tgg before the onset of phase separation, while 
the 3.0 MJ planet stays too warm for 12 Gyr. Once a planet reaches its Tgg, its 
thermal radiation is dominated by thermalized stellar photons, rather than intrinsic 
energy. This is most obvious for the 0.7 Mj planet as its Yatmos nearly reaches an 
asymptotic value just below 0.24. 
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EGPs possess cores are uncertain. For transiting EGPs, if a detection of a planet's 

oblateness could be measured from a light curve, and its rotation rate derived with 

some other method, some indication of the amount of central concentration of the 

mass could be estimated (Barnes and Fortney, 2003; Seager and Hui, 2002). A 

more promising route may come from obtaining the radii of low-mass transiting 

giant planets, where differences in radii for planets with and without cores will be 

large (Bodenheimer et al., 2003). However, a number of unknowns may complicate 

this picture, as uncertainties in stellar age, radius, and mass translate directly into 

uncertainties in planetary age, radius, and mass. These effects may be somewhat 

difficult to untangle (see Cody and Sasselov, 2002). 

Therefore, it is worthwhile to investigate what effects larger or smaller core 

masses may have on the evolution of EGPs. Our alternate models have core masses 

of zero and 20 Me. As one would presume, and can be seen in Figure 3.10, the 

most obvious effect is on the radii of the planets. A larger mass of heavy elements 

will significantly reduce a planet's radius. This difference can be 10,000 km for the 

lower mass planets. (This is true whether the heavy elements are in the core or are 

uniformly mixed, barring any phase transitions) As the model planets increase in 

mass, the difference between zero and 20 Me of heavy elements becomes a decreasing 

smaller percentage of the planets' mass, and therefore has a corresponding smaller 

effect on the planetary radii. 

As was noted in Figure 3.1, EGPs below a certain mass will not have a high 

enough central pressure to possess any liquid metallic hydrogen. Therefore, these 

planets cannot undergo phase separation of helium at these temperatures, because 

no liquid metallic hydrogen exists for the helium to become immiscible in. Helium 

likely becomes immiscible in dense molecular hydrogen at some temperature, but 

this is almost assuredly at temperatures much lower than those found in giant 

planets (Stevenson and Salpeter, 1977b). At a given planet mass, the greater the 

mass of the core the larger the central pressure in the core and the larger the 
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Figure 3.10: The evolution of isolated planets' radii as a function of time for coreless 
models and models with heavy element cores of 20 Me- Planets are labeled in Mj: 
0.15, 0.2, 0.3, 1.0, and 2.0. For each mass pair, the planet with the larger radius 
is the coreless model. The coreless model planets of mass 0.15 and 0.2 Mj (dashed 
lines) do not have central pressures high enough for liquid metallic hydrogen to form 

2 Mbar) at any age, and therefore helium will not become immiscible. 
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pressure at the core/envelope boundary. Since the pressure at which hydrogen turns 

metaUic is currently unknown we simply choose 2 Mbar as the transition pressure, 

independent of temperature. Our coreless 0.15 and 0.2 Mj planets do not reach this 

central pressure in 10 Gyr, while the coreless 0.3 Mj planet does in ~ 1 Gyr, so 

helium immiscibility proceeds as described earlier. (Current evidence indicates the 

hydrogen insulator/metallic transition is likely continuous, rather than 1st order, 

and theory predicts this transition is also a function of temperature. See Figure 3.1 

and references in the caption.) 

This effect leads to an interesting bifurcation in the evolution of the lowest 

mass EGPs. The 0.15 and 0.2 Mj coreless planets possess no hquid metallic hy

drogen and cool homogeneously during their entire evolution, unaffected by helium 

phase separation. The models with 10 and 20 Me cores are affected by helium phase 

separation, and consequently have quite different TeffS after several Gyr. This effect 

can be seen in Figure 3.11 which shows the evolution of coreless EGPs and those 

with 20 Me cores. The models with large cores can have Te//s ~ 15 K higher than 

coreless models—a difference of ~ 20% due to core size alone! The coreless 0.15 

and 0.2 MJ planets are shown as dashed lines for clarity. It should be noted that if 

helium immiscibility does occur at planetary temperatures in very dense conducting 

molecular hydrogen near ~ 0.7-1 Mbar, this bifurcation in evolution would occur 

at slightly lower masses. 

3.2 Discussion 

3.2.1 Ammonia Cloud Formation Timescales 

From the proceeding discussion and figures it is clear that helium phase separation 

can be a substantial additional energy source in EGPs, therefore making these 

objects more luminous than one would predict from homogeneous models. This 
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Figure 3.11: The evolution of isolated planets' effective temperatures as a function 
of time for coreless models and models with heavy element cores of 20 Me- Planets 
are labeled in Mj: 0.15, 0.2, 0.3, 1.0, and 2.0. For each mass pair, the planet with 
the lower Tg// is the coreless model. The coreless model planets of mass 0.15 and 
0.2 Mj (dashed lines) do not have central pressures high enough for liquid metallic 
hydrogen to form (~ 2 Mbar) at any age, and therefore helium will not become 
immiscible. 
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increased luminosity will also delay the time until the formation of condensates 

in the planets' atmospheres. For our phase diagram considered here, since helium 

phase separation does not begin until the EGPs are rather cold, most abundant 

condensates will have formed and moved to high pressures (well below the visible 

atmosphere) before helium becomes immiscible in a planet's interior. However, the 

formation of ammonia clouds is during or after the onset of helium phase separation, 

and consequently, timescales associated with these clouds will be delayed due to this 

additional energy source. This will change the time these planets are Class I EGPs, 

as defined by Sudarsky et al. (2000) and Sudarsky et al. (2003). 

We calculated the time necessary for our planetary adiabats, at a pressure 

of 1 bar, to reach the condensation curve of ammonia, as taken from Ackerman and 

Marley (2001). This is the time necessary for the ammonia cloud base to reach 1 bar. 

We were interested in whether the additional energy source due to helium phase 

separation could delay or stall the formation of clouds in a planet's atmosphere. 

This calculation is only correct if the planets are adiabatic by a pressure of 1 bar 

in the atmosphere. This seems to hold true for Jupiter and most EOF atmosphere 

models for isolated or moderately irradiated planets (Sudarsky et al., 2003). Since 

we do not compute atmosphere models, we cannot describe the effects on cloud 

formation at higher altitude, lower pressure regions of the atmosphere that do not 

lie on the interior adiabat. As the pressure decreases, atmospheric T-P profiles 

become more isothermal. But here we outline the general effect. 

Figure 3.12 shows, for our isolated and irradiated models, how phase sep

aration and stellar irradiation change the time for the ammonia clouds to reach 1 

bar. The delay due to phase separation is always greater than ~ 1 Gyr, and can 

be 6 Gyr or longer for more massive planets. Planets within 5 AU of the parent 

star only marginally reach this point with no helium phase separation. The lowest 

mass planets reach their Teg before the ammonia clouds can reach 1 bar. When 

phase separation is included this is true for all planets, independent of mass. What 



99 

remains unclear without atmosphere models is whether helium phase separation de

lays the start of the formation of the ammonia clouds, or alternatively, if the clouds 

have already begun forming before phase separation begins, and the helium phase 

separation merely greatly extends the timescale the clouds are in the visible atmo

sphere. If we use Saturn as a guide, which has visible clouds that are thought to be 

composed of condensed ammonia, it is likely the latter, although the position of the 

condensation curve of ammonia will depend on the planet's nitrogen abundance. It 

seems that due to the predicted delay in cooling, ammonia clouds will reside in a 

planet's visible atmosphere for several additional Gyr. 

3.2.2 Towards a Consistent Evolutionary History for Jupiter and Saturn 

As can be seen from the models in Section 3.1, the amount of energy absorbed 

by a giant planet due to stellar irradiation has a critical effect on the time for the 

onset of helium phase separation. The model planets at 5 AU reach helium phase 

separation 2 Gyr later than the isolated planets. The fact that we highlighted the 

evolution of 1.0 Mj planets especially is no accident. Jupiter's Yatmos is only 86% of 

the Yprotosoiari and this number, along with the Yatmos of Saturn, must be explained 

in any consistent evolutionary history of the planets. 

Hubbard et al. (1999) showed that the onset of hehum phase separation in 

Jupiter leads to model planet ages greater than the age of the solar system when 

Jupiter reaches Teff — 124.4 K. However, Hubbard et al., and we in our treatment, 

make a simplifying assumption. We assume all photons that are absorbed are done 

so in adiabatic layers (which for Jupiter begins at pressures great than 1-2 bar), and 

that Jupiter's atmospheric T-P profile does not deviate from that of an isolated 

object with the same Teff. From the Galileo entry probe data we know that this is 

not the case. In addition, these papers assume Jupiter's Bond albedo is a constant 

0.343 with time. 
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Figure 3.12: Helium phase separation occurs before or (more likely) during the 
formation of ammonia clouds, which will delay their settling to higher pressures in 
the planets' atmospheres as they cool. This figure shows, as a function of planet 
mass and irradiation, how long it takes ammonia clouds to reach 1 bar pressure in 
the planets' atmospheres. If the effects of phase separation are included, planets at 
5 AU will never form ammonia clouds that reach 1 bar. 
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A planet's actual bond albedo will change with time; the calculation of 

this quantity is not trivial. The absolute flux and spectrum of stellar photons will 

change as the parent star ages and becomes more luminous. The absorption and 

scattering properties of the planet's atmosphere will change as the planet cools 

(Marley et al., 1999; Sudarsky et al, 2000). Cloud layers will fall below the visible 

photosphere, but less volatile compounds will form new clouds at still lower T^ffS. 

If Jupiter's Bond albedo was larger in the past, when H2O clouds were higher in 

the planet's atmosphere, one could (naively?) assume its Bond albedo could be 

somewhat larger and less solar radiation would be absorbed. This would lead to 

faster cooling and could admit into Jupiter models some phase separation before an 

age of 4.6 Gyr. While evolutionary models consistently incorporating incident stellar 

radiation (assuming a constant stellar flux and spectrum) have been calculated for 

HD 209458b (Baraffe et al., 2003; Burrows et al., 2003), similar work has not yet 

been done for Jupiter and Saturn. 

3.2.3 EYiture Work and Observations 

Since we have yet to work out a consistent evolutionary history for Jupiter and 

Saturn that explains the atmospheric abundance of helium in both of these planets, 

the possibility that a different element could be undergoing phase separation must 

be entertained. This could be happening in addition to, or instead of, helium's 

phase separation. Possibilities include neon, which was found in only 1/lOth the 

solar abundance in Jupiter's atmosphere (no value is known for Saturn) and oxygen, 

since a recent model of Jupiter's formation (Gautier et al., 2001a; Gautier et al., 

2001b) predicts H2O may be at least 9 times more abundant in Jupiter than it is 

in the Sun, This fairly large abundance could lead to irnmiscibility temperatures of 

several thousand K at megabar pressures, but no detailed oxygen/hydrogen phase 

diagrams have yet been calculated at these pressures. 
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If a radial velocity candidate planet is directly imaged in the coming years, 

without an accurate mass determination by another method, it will be important 

to use inhomogeneous evolutionary models that include helium phase separation 

when trying to deduce the planet's mass from model evolution tracks. In addition, 

if astrometry missions such as SIM lead to EGP detections (with mass determina

tions) around stars, it will be worthwhile to include the effects of phase separation 

when trying to understand the sensitivity needed to image these planets. A mea

sured luminosity of a low-mass EGP with a known mass would be an important 

observational test of our suggested phase diagram. In addition, these larger intrin

sic luminosities should be taken into account when calculating accurate atmosphere 

models for EGPs, and their corresponding emission and reflection spectra. 

While younger planets have the advantage of being several orders of magni

tude brighter if their systems are only millions of years old, planets found by radial 

velocity or astrometry perturbations will be attractive targets because planetary 

orbital parameters will already be known. These planets that orbit at several AU 

and beyond around their parent stars, if one can use Saturn and Jupiter as a guide, 

may well be ~ twice as luminous as current homogeneous models predict. Of the 

currently available planetary candidates, e Eri b and 55 Cnc d at first glance seem 

to have the greatest likelihood of having helium phase separation currently affecting 

their evolution. However, even though e Eri b has a low minimum mass (0.92 Mj 

(Hatzes et al., 2000)), its age is hkely only 1 Gyr (Drake and Smith, 1993). 55 Cnc 

b, although it orbits with a semimajor axis of 5.9 AU, has a minimum mass of 4.05 

Mj (Marcy et al, 2002), making it too massive to undergo helium phase separation. 

3.3 Chapter Conclusions 

Using the phase diagram described in Chapter 2, which allows both Jupiter and 

Saturn to reach their known ages and effective temperatures, we have explored the 
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effects that hehum phase separation will have a variety of EGPs. The additional 

energy liberated as helium rains to deeper layers of a planet will significantly delay 

the cooling and contraction of giant planets. Once helium phase separation is 

underway, our inhomogeneous evolutionary models predict luminosities ~ 2 times 

greater than predictions from homogeneous models. This will make these giant 

planets in the 0.15 to 3.0 Mj mass range somewhat easier to detect that has been 

previously thought. Improvements in understanding the evolution of these EGPs 

will come through a better understanding of our closest giant planets, Jupiter and 

Saturn. 
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CHAPTER 4 

Characterizing the Atmosphere of the Transiting Planet HD 209458b 

4.1 Anatomy of the Transit 

This chapter is predominantly made up of material first published as Fortney et al. 

(2003) in The Astrophysical Journal, with additional material that was written by 

the author for Hubbard et al. (2001). Some additional discussion has not yet 

appeared in print. Topics from Hubbard et al. (2001) that were not written by the 

author are not treated in detail. 

Measurements of the diminution of starlight during transit of a planet across 

the disk of a star provide an almost direct means to detect extrasolar giant planets 

(EGPs) with orbital inclinations close to 90 degrees. When coupled with measure

ments of the radial velocity variation of the orbited star during motion about the 

common barycenter, the mass M of the planet can be measured, and the radius R 

of the planet can be derived from the depth of the transit lightcurve. 

To date, two transiting extrasolar planet has been observed: HD 209458b 

(Charbonneau et al., 2000; Henry et al, 2000) and OGLE-TR-56b (Konacki et al., 

2003). Much better data are available for HD 209458b and consequently that is 

the planet we study in detail here. A high-quality composite transit lightcurve has 

b e e n  o b t a i n e d  u s i n g  t h e  S T I S  s p e c t r o g r a p h  o n  t h e  H u b b l e  S p a c e  T e l e s c o p e  { H S T ;  

Brown et al., 2001), and a model fit to the lightcurve and radial velocity data yields 

the following results: inclination i = 86.68 ±0.14 degrees, mass M=0.69 Mj (where 

Mj is the mass of Jupiter), and radius R = 1.347±0.060i?j (where i?j is the radius 
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of Jupiter). Fig. 4.1 shows the binned hghtcurve of Brown et al. (2001). Thus, 

HD209458b has been confirmed as a genuine hydrogen-rich EGP (Burrows et al., 

2000). Spectroscopic radial velocity data for HD209458 give a precise value for the 

planet's orbital period, P=3.524738 days. 

Brown et al. (2001) modeled planet HD209458b as a uniform occulting 

disk of radius R. However, as Seager and Sasselov (2000) first pointed out, the 

value of R for a real planet will be a function of wavelength, depending on the 

transmissive properties of the planet's atmosphere, as well as on other properties of 

the atmosphere, such as the location of dense cloud layers. At wavelengths where 

the atmospheric opacity is high, the planet blocks more light, yielding a deeper 

transit light curve that makes the planet appear physically larger. The location 

and strength of these absorption features serve as diagnostics of the temperature 

and chemistry of the planet's atmosphere. Seager and Sasselov (2000) predicted 

variations in the transmission spectrum of HD 209458b due to neutral Na and K and 

to singly-ionized He. Soon after. Brown (2001) explored effects such as ionization 

and winds and predicted large variations due to H2O, CO, and CH4 in the infrared. 

Hubbard et al. (2001) explored a variety of physical effects that could be found 

in transits, including refraction and the angular redistribution of photons due to 

Rayleigh scattering. These were found to be minimal for HD 209458b; Hubbard 

et al. (2001) went on to derive the planet radius as a function of wavelength from 

300 to 2500 nm. Importantly, Hubbard et al. (2001) also derived the radius at 1 

bar pressure, which is the standard reference pressure when expressing the radius 

of Jupiter or Saturn. For Jupiter, this radius at the equator is Rj — 71492 ± 4 km 

(Lindal et al., 1981). 

The actual transit hghtcurve depends on (a) Rayleigh scattering of hght 

from the host star, (b) refraction of the stellar surface brightness distribution, and 

(c) the slant optical depth r through the planet's atmosphere, as determined by 
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Figure 4.1: Binned data (open circles) from Brown et al. (2001) using HST, with 
the best-fit model from Hubbard et al. (2001). The transit depth is 1.64%. 
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molecular opacity and clouds. All of these effects depend in turn upon the atmo

s p h e r i c  t e m p e r a t u r e  ( T )  v s .  p r e s s u r e  ( P )  p r o f i l e ,  a n d  u p o n  t h e  s u r f a c e  g r a v i t y  g .  

An initial paper, (Hubbard et al., 2001), considered the effects of the T-P profile, 

effects (a) through (c), and then presented results for the relation of i? as a func

tion of wavelength A. Later, in Section 4.3, we will discuss the transit modeling 

procedures. 

Confirmation that absorption features due to the opacity of gaseous species 

(such as those predicted by Seager and Sasselov, 2000 and Hubbard et al., 2001) 

could be observed with current technology was obtained by Brown et al. (2001). 

They observed the transit of HD 209458b from 581 to 638 nm with the STIS instru

ment on HST and obtained photometric accuracy near 100 micro-magnitudes. This 

spectral region encompasses the Na-D doublet at 589 nm. Using these data, Char-

bonneau et al. (2002) found that the transit was deeper by (2.32 ± 0.57) x lO"'' in 

a narrow band centered on the star's Na-D lines than in adjoining bands at shorter 

and longer wavelengths. Importantly, the observed difference in transit depth in 

and out of the Na-D fine is smaller than previously predicted (Charbonneau et al., 

2002). The nominal model of Hubbard et al. (2001) predicted a difference between 

these two bands of 4.7 x 10""^. 

Charbonneau et al. (2002), using the models of Brown (2001), performed 

a parameter study to investigate a variety of possible reasons for this difference. 

These included a bulk underabundance of Na, the sequestering of atomic Na in 

condensates and/or molecules, clouds very high in the planet's atmosphere, and 

photoionization of atomic Na due to the UV flux from the parent star. Barman 

et al. (2002) suggested that Na is not in local thermodynamic equilibrium (LTE). 

They speculated this leads to a core reversal of the 589-nm absorption doublet in 

the planet's emission spectrum, but they did not calculate its effect on a transit 

light curve. 
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Here we explore the effects of cloud formation and ionization of Na in HD 

209458b's atmosphere. We find that cloud opacity is the dominant effect that 

determines the depth of the Na-D feature, but ionization of Na also leads to a 

non-negligible weakening of the Na-D doublet. 

In our analysis, following Charbonneau et al. (2002), we define a narrow "in 

feature" wavelength band as the wavelength range 588.7-589.9 nm, and an "out of 

feature" band as the combination of the 518.8-588.7 and 589.9-596.8 nm wavelength 

ranges. The "in feature" band includes the wavelength extent of the easy-to-observe 

HD 209458A (stellar) Na absorption doublet. When quoting a depth for the Na-

D feature, we simply mean the difference in transit depth (the fractional change 

in flux) between the "in feature" and "out of feature" bands at midtransit. The 

fractional change in flux at midtransit across the entire 581 to 638 nm wavelength 

range is -0.0164, meaning 1.64% of the star's light is blocked. 

4.2 Temperature-Pressure Profile 

The temperature-pressure (T -P )  profile for a close-in extrasolar giant planet is 

flatter (more isothermal) than that of an isolated object with the same effective 

temperature because of heating of the outer atmosphere by the parent star. In 

the present work, we have employed TLUSTY (Hubeny and Lanz, 1995), a self-

consistent atmosphere code that uses the Discontinuous Finite Element (DFE) 

method for radiative transfer (Hubeny and Lanz, 1995; Castor et al., 1992). The 

atmosphere model is plane parallel. Radiative equilibrium is achieved by adjust

ing the atmospheric temperature-density structure iteratively via the Accelerated 

Lambda Iteration (ALI) method. The important physical quantities, including net 

flux, temperature, and density in every atmospheric depth zone, are converged to 

better than 0.1%, and total energy is conserved to this same precision. For the 

deep convective layers a mixing-length prescription is used with a mixing-length 
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parameter of one scale height. Further detail on atmosphere modeling can be found 

in Sudarsky et al. (2003). 

For a close-in planet such as HD 209458b, an inner boundary flux corre

sponding to that of an isolated object with an effective temperature of ~500 K 

or less results in an outer atmospheric structure that is independent of this inner 

boundary. The outer structure is determined by the stellar flux, the surface gravity, 

the atmospheric compositions, and the opacities (see Sudarsky et al., 2003; Burrows 

et al., 2001). The metaUicity of the parent star has been shown to be consistent 

with solar abundances (Mazeh et al, 2000), and we use these abundances when 

modeling the planet's atmosphere. 

The T-P profile of HD 209458b's atmosphere that we derive is shown in 

Fig. 4.2. We use a surface gravity of 980 cm/s^ for the planet. We find that HD 

209458b is a "Class V" planet as defined in Sudarsky et al. (2000) and Sudarsky 

et al. (2003), meaning that silicate and iron clouds occur at altitudes in the planet's 

atmosphere relevant to spectroscopic observations. We model the location, distri

bution, and size of cloud particles using the model of Cooper et al. (2003). As seen 

in Fig. 4.2, the cloud bases of forsterite (Mg2Si04) and iron (Fe) are at the several 

mbar level. The effect of these clouds on the transit is discussed in Section 4.4. 

In calculating the T-P profile, we assume that incoming stellar energy is 

absorbed and redistributed evenly on the day side, but is not redistributed onto the 

night side. In a recent paper, Showman and Guillot (2002) find that redistribution 

of energy around the entire planet may be inefficient, leading to a ~500 K effective 

temperature difference between the planet's day and night sides. The transit obser

vation is sensitive to the planet's atmosphere on the limb, which could have a T-P 

profile slightly cooler than we predict here. (Note that the atmospheric circulation 

code of Showman and Guillot (2002) is not able to calculate T-P profiles for the 

planet.) Based on this possibly large temperature difference, Guillot and Showman 
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Figure 4.2: Temperature-pressure profile for the atmosphere of HD 209458b (solid 
line). The dotted line is the T-P profile we derive without the opacity due to 
clouds. The condensation curves for Na2S, forsterite (Mg2Si04), and iron are shown 
as dashed lines. When cloud opacity is taken into account the forsterite cloud base 
moves from 5.4 mbar to 1.8 mbar. There is a wide range of possible T-P profiles 
for which forsterite and iron clouds form high in the planet's atmosphere but Na 
remains in atomic form. We used a surface gravity of 980 cm/s^ for the planet. 



I l l  

(2002) make the point that if HD 209458b does have a 500 K effective temperature 

contrast between the night and day sides, condensates could form on the night side 

and tie up Na, thereby weakening the Na-D absorption feature. While this idea has 

merit, we note that the "cold" T-P profile used in Hubbard et al. (2001), with a 

temperature 400 K cooler at 1 mbar than seen in Fig. 4.2, still has a 589-nm Na 

feature depth of 3.2 x 10"^, deeper than observed. In Figure 4.3 we show the mix

ing ratios that we derive for various important molecules and atoms in the planet's 

atmosphere. 

Our T-P profile differs significantly from that calculated in the recent paper 

on HD 209458b by Barman et al. (2002). We find a temperature of 1280 K at 1 

mbar and 950 K at 10 /ubar. Examination of Fig. 1 in Barman et al. (2002) shows 

temperatures of ~1790 K at 1 mbar and 1630 K at 10 /^bar. The reasons for these 

large differences are unclear, but could be due to differing opacities, stellar flux, or 

planet surface gravity. Our T-P profile is closer to those for HD 209458b discussed 

by Seager and Sasselov (2000) and Richardson et al. (2003). These differences 

are significant, and we are led to very different conclusions concerning the physical 

processes of importance for the Na-D transit depth. As with late L dwarfs and T 

dwarfs, our HD 209459b atmosphere is free of metals such as Mg, Al, Ca, Fe, and 

Si, which have been incorporated into condensates. Barman et al. (2002) find an 

atmosphere that is not cool enough to allow for the formation of these condensates, 

which leaves their atmosphere rich in heavy metals in atomic form. Due to the 

high UV opacity of free metals that remain in the atmosphere and absorb stellar 

radiation, Barman et al. (2002) conclude that ionization of Na at pressures greater 

than 1 ;ubar is negligible. Our model temperatures allow deeper ionization of Na in 

the atmosphere of the planet. 
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Figure 4.3: Shown are the mixing ratios as a function of pressure as predicted with 
our equiUbrium chemistry code, for our derived T-P profile. 
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4.3 Transit Calculations 

The methods we use for calculating the effects of absorption by gaseous species, 

absorption and scattering by condensates, Rayleigh scattering, and refraction are 

essentially identical to those described in Hubbard et al. (2001), although later we 

remove the simphfication that the opacity versus pressure profile is the same around 

the entire planet. The calculations methods are outlined in varying amounts of 

detail below. 

4.3.1 Rayleigh Scattering 

Rayleigh scattering was treated in an approximate manner. As we demonstrate 

below, Rayleigh scattering has only a minor effect on the value of R, so an ap

proximate treatment is sufficient. The effect of Rayleigh scattering (or any other 

scattering) is complex, because stellar photons incident on the planet's atmosphere 

in a given pencil with incident intensity / are partially removed from the pencil 

and scattered into different solid angles. Thus, if only conservative Rayleigh scat

tering were occurring, the limb at R would be defined by the radius at which a high 

probability of such removal occurs. However, photons are scattered into the beam 

to the observer as well as removed. Rather than treat the full three-dimensional 

problem of Rayleigh scattering in a spherically-stratified atmosphere, we replaced 

the atmosphere with a series of slabs located in a plane containing the center of the 

planet and orthogonal to the star-observer line. In the following, we will denote the 

two-dimensional vector separation of a point in this plane from the projected plan

etary center by r, and the scalar value by r. The three-dimensional vector position 

of an atmospheric point from the planetary center will be denoted by r". 
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Each slab, located at a two-dimensional radius r from the projected planet 

center, has a Rayleigh-scattering optical depth tr given by 

rcxi 
Tr = 2 / r"dr"cr^N{r")/Vr"'^ — r'^, (4.1) 

' r 

where N is the number density of molecules in the atmosphere, and aR is the 

Rayleigh-scattering cross-section per molecule, given by 

^ 3A4iV2 ' ^ 
where u is the refractivity (refractive index minus 1) of the gas (Chandrasekhar, 

1960). Since u <^1 and z/ a ctr is a function only of A and the gas composition. 

We wrote a Monte Carlo scattering code to investigate the effects of 

Rayleigh scattering in the planet's atmosphere. The code follows every photon 

as it travels through a plane-parallel slab of a given optical thickness. Incident 

photons can arrive at the top of the slab from any direction on an imaginary hemi

sphere. Inside the slab, after every scattering event, a new photon direction in three 

dimensions is calculated, based on the Rayleigh-scattering phase function. Photons 

are followed until they emerge from either side of the slab, and the total path trav

eled, in units of optical depth, is tabulated. When the photon finally emerges from 

the bottom of the slab it is placed into a bin that corresponds to its final direction. 

Upon completion, the total number of photons in each bin is obtained, along with 

the average path traveled per photon in that bin. 

Our code was tested against the analytical results of van de Hulst (1974) 

and Chandrasekhar (1960). To within the noise in the Monte Carlo simulations 

(~ 1%), we were able to match van de Hulst's results for an isotropic distribution 

of photons and Chandrasekhar's for isotropic and "pencil beam" distributions at a 

variety of incident angles. 

We ran our simulations for radiation at normal incidence to the slab for a 

variety of different optical thicknesses, logarithmically spaced from 0.01 to 28. If we 
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assume an imaginary observer looks at normal incidence from the other side of the 

slab, the observer will see photons that pass through the slab unobstructed, as well 

as those that are multiply scattered back into the beam and emerge normal to the 

surface. Of most interest to us in this situation are those photons that, although 

scattered, emerge normal to the slab surface and ultimately reach the observer. 

These photons create a Rayleigh-scattering "glow" from the slab. We found that 

the glow intensity in the direction of the observer increases until tr ~ 3.4, as fewer 

and fewer photons are able to pass through the slab unscattered. At tr > 3.4, up to 

tr = 28, the greatest thickness we ran, Rayleigh-scattered intensity decreases more 

or less exponentially, as a larger fraction of the photons are scattered back out the 

top of the slab, rather than scattering all the way through. We fitted an equation 

to both sides of this curve so that the glow intensity could be interpolated, and 

extrapolated to higher tr if necessary. 

In our transit simulations, the atmosphere of the planet was broken up into 

many small annuli, each with its own optical thickness, which is dependent on wave

length, as calculated using our model for the structure of the planet's atmosphere. 

At a given wavelength of light, for every optical thickness in the atmosphere, the 

Rayleigh glow intensity was calculated. This intensity results in a small additive 

component to the star plus planet signal outside of transit, but in general has no 

detectable effect on the observed light curve. In addition, since the total average 

path traveled for a scattered photon is also known, the effects of absorption due 

to molecular opacity can be calculated. At high optical thicknesses, most scattered 

photons that would emerge from the slab are actually absorbed by opacity sources 

in the atmosphere. 
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4.3.2 Refraction 

The theory used to compute refractive effects is essentially identical to that of the 

standard theory for occultations of stars by planetary atmospheres (Hubbard et al., 

1990). This an interesting topic that has also been investiaged in detail by Hui and 

Seager (2002). As described in Hubbard et al. (2001), the effects of refraction are 

negligible for HD 209458b. 

4.3.3 Gaseous Absorption 

The total optical depth for photons initially incident with impact parameter r is then 

given by r = tr + tq+tc, where tr is as defined above, tq is the optical depth due 

to absorption by gaseous species, and tq is the optical depth due to cloud particle 

scattering and absorption. Depending on the wavelength and cloud location, any 

of the three can dominate the other two. For HD 209458b, refractive effects are 

still negligible when r becomes significant. Thus, for purposes of computing tq, the 

photon path can be taken to be a straight line through the planetary atmosphere, 

such that 

where r is the impact parameter of a light ray, r" is the magnitude of the three-

dimensional vector position of an atmospheric point from the planet's center, a is 

the absorption cross-section per molecule, and N is the number density of molecules 

in the atmosphere. Two terms in the tq expression are needed because cr(r") is 

different on the day and night sides. Figure 4.4, from Hubbard et al. (2001), shows 

the three different optical depths and the radius at which refraction can become 

important, for the fiducial model of that study. Here we find a silicate cloud at 

lower pressures, and hence, a larger radius. 

I •oo ^"(f^"cr(r")A''(r") 

_ 7-2^1/2 ' 
(4,3) 
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Figure 4.4: Figure from Hubbard et al. (2001) showing slant optical depth vs. plan
etary radius. Rayleigh scattering, absorption due to neutral Na opacity, absorption 
to a silicate cloud, and refraction is shown. For this model of HD 209458b, at this 
wavelength, the opacity of gaseous species dominates. The silicate cloud is optically 
thick, but is found too low in the planet's atmosphere. For a warmer T-P profile, 
the cloud would be higher in the planet's atmosphere. 
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Since in our transit calculations the planet is a disk passing in front of 

its star, we assume the atmosphere of the planet is a flat slab with an optical 

thickness that decreases with increasing distance from the planet center. In this 

way, our results for different slab thicknesses can be used directly in our planetary 

atmosphere calculations. 

Throughout, we use the planetary and stellar properties from Brown et al. 

(2001). Fig. 4.5 shows, for a cloudless atmosphere with no ionization, the radius 

as a function of wavelength over the range covered by the Brown et al. (2001) 

and Charbonneau et al. (2002) observations. The auxiliary axis of Fig. 4.5 shows 

the pressure at the terminator to which this radius corresponds; the figure thus 

indicates the pressure range probed by the transit of HD 209458b. 

4.4 Cloud Model 

4.4.1 Location, Distribution, and Opacity 

The T-P profile we derive is warmer than the ad hoc profiles studied in Hubbard 

et al. (2001). Because of this, we find forsterite and iron clouds higher in the 

planet's atmosphere. If we examine the forsterite cloud in Fig. 4.2, for the T-

P profile without cloud opacity, the cloud base is at 5.4 mbar. The opacity due 

to clouds slightly warms the planet's atmosphere, especially at the location of the 

clouds, moving the cloud base farther out, to 1.8 mbar. Predicting the exact location 

of the cloud base is a non-trivial problem, and in a fully self-consistent calculation 

of cloud location, one would need to iterate many times successively between the 

cloud code and atmosphere code. Since cloud opacity is a strong function of particle 

size, and the predicted particle sizes are altered due to a change in the cloud base 

and as function of pressure within the cloud itself (as described below), this step is 

challenging. Since uncertainties remain in the modeling of clouds, and the effects 
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Figure 4.5: Planetary radius versus wavelength, also showing the pressure at the 
planet's hmb corresponding to the derived radius, for a neutral cloudless atmo
sphere. (1 Rj = 71492 km, Jupiter's equatorial radius at 1 bar.) The radius values 
are the radii derived from calculating the apparent cross-sectional area of the spher
ical planet, and this radius is essentially identical to the radius at a slant optical 
depth of 2/3. The wavelengths shown encompass the Brown et al. (2001) observa
tions. During the transit, an observer is sensitive to pressures from tens of mbar to 
~10 /^bar. The average pressure across this wavelength band is 15 mbar. 
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of redistribution of energy on the T-P, we do not attempt this fully self-consistent 

treatment. Instead, our T-P profile shown in Fig. 4.2 incorporates the opacity of 

the cloud with the location of the base given by the point of intersection with the 

condensation curve, and with a cloud particle size given by the modal size for the 

entire cloud. The particle number density falls of exponentially for one scale height. 

The cloud model of Cooper et al. (2003) predicts particle radii in this 

radiative region for the iron cloud that range from tens of fim at the base to less 

than a ^m at the cloud tops. In the forsterite cloud, all particles are 0.05 to 0.5 

12m in size. The cross-sections are calculated as in Sudarsky et al. (2003). For 

these submicron particles, scattering dominates over absorption, and the opacity of 

the forsterite cloud is significantly larger than that of the iron cloud. The Cooper 

et al. (2003) model predicts a distribution of cloud particle sizes and densities as a 

function of pressure in the atmosphere. Therefore, we calculate the cross-sections 

for the cloud as a function of pressure at many pressures within the cloud and put 

no artificial cap on the cloud top. While understanding the vertical distribution of 

cloud material is a well-known area of importance for brown dwarf atmospheres, 

it is of even greater importance for the transit spectroscopy of EGP atmospheres, 

because cloud opacity can be so great for our slant viewing geometry. 

For HD 209458b, we find a forsterite cloud with significant vertical extent, 

with a large slant optical depth (TR ~ 500 at the base) that does not fall to TR, ~ 2/3 

until 1.9 gas scale heights above the cloud base. Even though 99% of the cloud's 

mass is found within 1 gas scale height, a non-negligible population of small, highly 

scattering cloud particles continues above this level, giving rise to a forsterite cloud 

with a significant slant optical depth up to ~1.9 scale heights. Since our predicted 

forsterite cloud is in a region of interest for HD 209458b's transit spectroscopy, 

the vertical extent of the cloud is of great importance. It seems likely that any 

clouds seen during transit spectroscopy will be in a radiative (quiescent) region, 

in which case the cloud particles will likely remain small, in contrast to the large 



121 

sizes (10-200 ^m) predicted for convective regions. Given current uncertainties in 

cloud modeling (see Cooper et al., 2003), much work still needs to be done in this 

area. While Seager and Sasselov (2000) were the first to note the importance of 

clouds in determining the depth of transit absorption features, here we note that 

understanding the vertical distribution of clouds is yet a further challenge in EGP 

transit spectroscopy. 

In this narrow spectral region (581-638 nm), the cross-sections have vir

tually no wavelength dependence. Thus, clouds lead to a wavelength-independent 

absorption of stellar light greater than that of the gaseous species alone, leading to a 

uniform increase in the planetary radius across much of the wavelength band. That 

is, at some wavelengths tq dominates the total r at low pressures in the atmosphere. 

In the core of the Na-D feature, where the slant optical depth reaches unity at much 

lower pressures, the clouds have no effect, because tq becomes large while tc is still 

neghgible. This leads to a decrease of the contrast in transit depth between the 

"in feature" and "out of feature" bands. Fig. 4.6 is analogous to Fig. 4.5, but in 

this case shows the planet's radius and pressure at the terminator as a function of 

wavelength, for our atmosphere including clouds, with the base at 5.4 mbar. In 

both cases, the planet's radius at 1 bar has been adjusted so that the transit depth 

remains 1.64%. 

Fig. 4.7 shows the transit depth versus wavelength for a neutral cloud-free 

atmosphere and a neutral atmosphere with the predicted clouds. The cloud-free 

model gives a feature depth of 5.20 x 10"^, deeper than that obtained by Hubbard 

et al. (2001) because of our warmer T-P profile. The model with clouds decreases 

this depth significantly. With the forsterite cloud base at 5.4 mbar, the depth 

is 2.42 X 10"^, while if the cloud base is at 1.8 mbar the depth is 0.93 x 10"^. 

The depth is actually smaller than the Charbonneau et al. (2002) observations, 

(2.32±0.57) X10""^, indicating that if clouds form too high in the planet's atmosphere 

they can dominate over the opacity of gaseous species. 
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Figure 4.6: Similar to Fig. 4.5, but for a neutral atmosphere with a forsterite 
cloud base of 5.4 mbar. The pressure axis changes due to the different opacity 
in the planet's atmosphere, as compared to Fig. 4.5. The clouds lead to a wave
length-independent increase in planetary radius. The average pressure across this 
wavelength band is 1 mbar. 
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Figure 4.7: Transit depth (at midtransit) versus wavelength for several models. 
Curves appear offset because the transit depth is required to be a fractional change 
in flux of -0.0164 from 581 to 638 nm, the full Brown et al. (2001) observation 
band. The two black plusses mark the wavelength extent of the "in feature" band 
from Charbonneau et al. (2002), while the wavelengths between the plusses and 
diamonds, on either side of the "in feature" band, make up the "out of feature" band. 
The observed difference in transit depth between these bands is (2.32 ±0.57) x 10""^. 
Shown are neutral models with and without clouds. The Na feature depth for 
neutral cloudless model (thin solid line) is 5.20 x 10"^. For a forsterite cloud base 
at 5.4 mbar, the feature depth is 2.42 x 10"'^ (dashed line), and 0.93 x 10~^ for a 

cloud base at 1.8 mbar (thick black line). 



124 

4.4.2 Sensitivity of Results 

Fig. 4.2, which shows the T-P profile, along with the pressure axes on Figs. 4.5 

and 4.6, highlight how sensitively the Na-D feature depth depends on the location 

of clouds. Moving the cloud base ~1 gas scale height can cause an appreciable 

difference in the Na-D feature strength. As Fig. 4.2 and the transit depths for the 

two models with clouds show, a change in the pressure of the cloud base of this 

amount would happen with fairly minor deviations from our derived T-P profile for 

the planet's atmosphere. If the cloud base occurs at 1.8 mbar, rather than 5.4 mbar, 

the feature depth moves from comfortably within the error bars to significantly 

below. Even higher clouds (warmer T-P profiles) would lead to even weaker Na-D 

features. At several hundred K warmer, no condensate clouds would form, as is 

the case in the model of Barman et al. (2002). Perhaps the most important issue 

is that changing our assumption of how absorbed stellar radiation is redistributed 

around the planet causes non-negligible changes to the planet's T-P profile (e.g., 

Sudarsky et al., 2003). 

We turn next to the role of ionization, and treat the case where the opacity 

profile varies over the planet. We find that the depth to which the Na is ionized 

changes with angle from the planet's subsolar point. In Hubbard et al. (2001), 

Na ionization by UV irradiation was ignored. Here we find that ionization of Na 

probably has a secondary but non-negligible effect on the observed Na-D feature. 

4.5 A Simple non-LTE Sodium Ionization Model 

The proximity to the parent star subjects the transiting planet to large amounts of 

ionizing radiation, making equilibrium chemistry treatments inadequate. In partic

ular, Na ionization alters the profile of neutral Na. This is crucial, since the Na-D 

hne and its transit signature are features of the neutral state. A rigorous study of 
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the ionization of sodium in the atmosphere of HD 209458b would require sophis

ticated non-LTE and non-equihbrium photochemical modeling. However, most of 

the necessary atomic and molecular data (in particular, collisional rates and disso

ciation parameters) are either poorly known or completely unknown. Therefore, we 

attempt to calculate the effects of ionization using simple, parametric models. 

Barman et al. (2002) have performed a detailed study of non-LTE effects 

on excitation and ionization of Na I in the atmosphere of HD 209458b. However, 

they find that the UV opacity is dominated by atomic metals (Mg, Al, Ca, Fe, and 

Si). Because of the much cooler temperatures we find, these elements are tied up 

in condensates and are thus depleted from the outer layers of the atmosphere of 

HD 209458b. Therefore, they cannot shield sodium from intense stellar ionizing 

radiation. Moreover, Barman et al. (2002) had to parameterize the corresponding 

coUisional rates, and they found that free electrons are only due to ionization of 

potassium. 

In view of all uncertainties in the atomic and molecular parameters, and 

especially the UV opacities, we feel that it is not warranted to perform a detailed 

non-LTE study. Instead, we devise a simple, non-LTE analytical model that allows 

us to study the effects of various uncertainties in relevant quantities (opacities, 

free electron densities, collisional rates) on the degree of ionization of sodium in a 

straightforward way. 

We find that much of the outer layers of the atmosphere (P j 1/2 mbar), 

where Na I has the greatest likelihood of having non-LTE level populations, are 

ionized by the stellar UV flux. We also calculate the change in the ionization depth 

as a function of angle from the substellar point, which to this point has not been 

investigated in the literature. 
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4.5.1 Description of the Model 

This model was constructed by Dr. Ivan Hubeny as part of the original Fortney 

et al. (2003) publication. Additional work on ionization was performed by Dr. 

David Sudarksy and Dr. Adam Burrows. We assume both neutral and ionized 

sodium are represented by one-level atoms, with populations (number densities) ni 

and 712. The third unknown of the problem is the electron density, Ue- The three 

equations that specify these unknown number densities are the particle conservation 

equation, 

ni + n2 = iVNa , (4.4) 

charge conservation equation, 

Tie = n2 + aA^Na + Pn2 ,  (4.5) 

and the statistical equilibrium equation for sodium, 

'>^i[Ri2 + We Ci2 + Tl}i2 Ci2 ̂ m] = •^2[^21 + C21 + C21 eH2] , (4-6) 

where A^Na is the total sodium number density. In Eq. (4.5), we assume that the 

total number of electrons is given by the total number of ionized sodium atoms, 

plus a contribution from an unspecified source that is given through some fraction 

a of the total number of sodium atoms (that is, it scales as the total density), plus 

another empirical contribution that scales as ionized sodium, with a multiplicative 

factor 13. Setting a — [3 = Q stipulates that free electrons are provided only by 

ionization of sodium. 

In the statistical equilibrium equation (4.6), R12 and R21 are the photoion-

ization and radiative recombination rates, respectively; neCi2 and neC2i are the 

collisional ionization and recombination (three-body recombination) rates with free 

electrons. Since the dominant species in the atmosphere is H2, we have to consider 

ionization of sodium by collisions with H2 and its inverse process as well. In the 
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absence of any knowledge of relevant rates, we assume, similar to Barman et al. 

(2002), that the collisional rate is given by a scaled electron rate with some factor 

em- It is reasonable to consider this factor to be the ratio of reduced masses of the 

Na + H2 pair to that of Na + electron, which is about 1/60. However, we keep em 

as a free parameter, allowing us to study the effects of the H2 collision efficiency on 

Na ionization. 

By detailed balancing arguments (e.g., Mihalas, 1978), the inverse rates are 

given by 

C21 - C12 {niln^y = ne 0(T) C12, (4.7) 

where {ni/n2)* denotes the LTE value, and 0 is the Saha-Boltzmann factor, given 

by 

0(T) = 2.0706 X 10-^^ {91/92) exp(/iz/o//cT), (4.8) 

where T is the temperature, gi and 92 the statistical weights (^1 = 2,^2 = 1 

for sodium), Vq the ionization frequency, and h and k the Planck and Boltzmann 

constants. 

The radiative rates are given by 

and 

R21 = ne 0(T) ^ exp{-hu/kT)du, (4.10) 

where cr(j^) is the photoionization cross-section, and is the mean intensity of ra

diation. However, Eq. (4.10) takes into account only recombinations to the ground 

state of Na I. In reality, recombinations can occur to any state, and at low temper

atures these processes are very efficient. We therefore take the recombination rate 

to be 

R21 = 5.461 X 10-^V[V^o{l + , (4.11) 

as given by Verner and Ferland (1996). 
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The radiation intensity should in principle be determined by solving the 

radiative transfer equation. We could do so, but in view of gross uncertainties 

in relevant UV opacities, this is not warranted. Instead, we simply assume that 

the specific intensity is given as a sum of attenuated stellar irradiation intensity 

plus a thermal component given by the Planck function at the local temperature. 

(This part is negligible at surface layers of interest, but gives the correct behavior 

of intensity at depth.) To allow for uncertainties in UV opacities, we introduce 

another multiplicative factor, Wadd) which represents an additional attenuation of 

radiation, perhaps by an unspecified opacity source. 

The intensity as a function of depth is given by 

hi^iru) = w^dd exp{-T^fi) + B^{T), (4.12) 

where fi is the cosine of the angle with respect to the surface normal, rj,(P) is the 

optical depth (in the normal direction), and is the specific intensity of the stellar 

radiation at the top of the planetary atmosphere. We use a Kurucz model for a 

GOV star with a dilution factor of w — 1.4 x 10"^ due to the planet-star distance. 

For simplicity, we assume isotropic irradiation, which gives 

s i \ WM l'rE2(r) + BAT), (4.13) 

where E2 is the second exponential integral. 

The electron collisional ionization rate is assumed to be given by Seaton's 

formula, 

C12 = 1.55 X 10^^ g a{uo) exp{—uo)/uo, (4-14) 

where a{uo) is the photoionization cross-section at the edge, g = 0.1, and Uq = 

huo/kT. 
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4.5.2 UV Opacities 

Since we find no free heavy elements in atomic form above the clouds in which 

these elements are sequestered, any opacity that may affect Na ionization must be 

provided by molecular species. We have searched the literature, and found only two 

equilibrium species that contribute significantly to the opacity in the near UV— 

H2O (Yoshino et al., 1996), and H2S (Lee et al, 1987). Rayleigh scattering on H2 is 

much less important at this range. For both H2O and H2S data are only available 

at 295 K. We plot in Fig. 4.8 the total opacity, plus the individual contributions of 

H2O, H2S, H2, and a maximum possible contribution of Na I (that is, assuming that 

sodium is completely neutral) at upper layers of the atmosphere of HD 209458b, as 

they follow from the atmosphere model. The corresponding Na I photoionization 

cross-section is taken from the Opacity Project database (Cunto et al., 1993). 

4.5.3 Representative Results 

The basic set of equations (4.4) - (4.6), together with auxiliary expressions (4.7) 

- (4.13), can be cast into a single cubic equation for n2/N-^a.- All the necessary 

quantities, T, A^Na, ^^(1^2), n(H20), and n{H2S), as functions of depth, are provided 

by our model atmosphere for HD 209458b. 

Our nominal model, without any empirical modifications, uses a — P = 0, 

Em = 1/60) Wadd = 1- The depth dependence of Na ionization for this model 

is shown in Fig. 4.9. This calculation corresponds to the planet's subsolar point, not 

the terminator, as we will discuss in detail in Section 4.5.4. For the nominal model, 

the pressure at which the number densities of Na I and Na""" are equal is 1.6 mbar. 

At greater pressures, neutral Na dominates. Deep in the planet's atmosphere, at 

pressures >100 bar, ionization of Na again becomes appreciable due to the higher 

temperatures. Also shown is the ionization depth dependence without shielding due 
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to the other UV absorbers. The pressure at which Na is 50% ionized increases to 3 

mbar. 

We next test our predictions for Na ionization depth by varying several of 

the parameters mentioned earher. These trials can be seen in Fig. 4.10. In the 

first case a = 1, which represents the case where there is another donor, with a 

total abundance equal to that of sodium, which is fully ionized. The model with 

P = I represents an additional empirical donor of free electrons that has the same 

abundance as ionized sodium. The model with Wadd = 0.1 represents the situation 

where unknown UV absorbers leave only 10% of the calculated incoming ionizing 

flux available to ionize Na. The electron donor factors seem like reasonable upper 

limits because species more abundant than Na in the planet's atmosphere tend to 

have 2-3 times larger ionization energies and consequently are difficult to ionize. 

These factors have a modest effect on the pressure at which Na is 50% ionized. 

Changing the value of eH2 (which characterizes the H2 collision efficiency) by factors 

of even 100 had negligible effects on the ionization depth for pressures < 100 mbar. 

4.5.4 Ionization on the Planet's Limb 

The important drawback of the ionization model outlined above is that the calcula

tions are representative of the subsolar point only. We are interested in ionization 

at the planet's limb. At a given location in the planet's atmosphere an angle 6 from 

the subsolar point, the absorbed radiation of a given surface area will be diluted 

by a factor cos6, meaning the ionization depth will not be as great. Even this 

geometric view is too simple, as it would imply no photoionization at the planet's 

terminator. To overcome this shortcoming, we have employed a somewhat different 

and simpler ionization model that can predict the ionization depth vs. angle around 

the planet. 
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or additional UV opacity. The thick solid curve is our default calculated ionization 
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P = 1, while the dashed curve is tWadd = 0.1. The thin horizontal dotted line shows 
the location of 50% Na ionization. All these factors would push the ionization depth 
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In this angle-dependent 2-D ionization model (which we wiU call model 2, 

while the prior model is model 1), we assume incoming photons with energy greater 

than 5.14 eV (the ionization energy of Na) and less than 11.2 eV, the energy at 

which significant H2 absorption begins, ionize atomic Na. Na"^ is the only ionized 

species and consequently the number of free electrons is equal to the number of Na"^ 

ions. We use 2- and 3-body radiative recombination coefficients from Verner and 

Ferland (1996) and Gudzenko et al. (1974). Incoming photons at some oblique angle 

relative to the surface can ionize all the Na along a chord until, at some pressure, 

most ionizing photons (per second) have been used up, and recombinations (per 

second) can match ionizations (per second). This is the ionization depth. Much as 

for a Stromgren sphere, we find a sharp boundary between regions of the planet's 

atmosphere with complete ionization and with no ionization. (Calculations from 

model 1 find a more gradual onset of neutral Na with depth.) We calculate the 

depth to which the atmosphere is ionized at several hundred angular positions from 

the planet's substellar point. We find that Na is ionized to a depth of ~12 mbar 

at the planet's substellar point (this was 1.6 mbar for model 1 with shielding due 

to UV absorbers, and 3 mbar without), and as one moves away from this point, 

the pressure to which Na is ionized decreases. At the terminator (90 degrees from 

the subsolar point) the ionization depth is 1.7 mbar. Fig. 4.11 shows representative 

calculations for the change in ionization depth with angle near the terminator. At 

an angle of ~10 degrees past the terminator, no Na is ionized. The model possesses 

cylindrical symmetry about the planet's subsolar-antisolar axis. The removal of the 

opacity of atomic Na in the 10 mbar to 1 /xbar region of the atmosphere produces 

a negligible difference in the T-P profile. 

The column density of atmosphere through which photons travel until one 

reaches the ionization depth of Na can be calculated at the subsolar point for model 

1, and at any angle, including the subsolar point for model 2. Using the ratio 

of the column depths of the two models at the subsolar point, one can scale the 
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results from model 2 to calculate the ionization depth around the planet for model 

1. Fig. 4.11 shows the ionization depth versus angle for the scaled model 1 results. 

Fig. 4.12 depicts how ionization leads to a shallower transit depth. The differences 

between the Charbonneau et al. (2002) "in feature" and "out of feature" bands 

are, for model 1, 4.72 x 10""^ and for model 2, 4.83 x 10"^. Neither of these models 

include the predicted clouds, so that the relatively minor effect due to ionization 

can be shown clearly. Fig. 4.11 shows a model in which we increased the pressure 

level to which Na is ionized, in order to gauge how much ionization is needed to 

match the Charbonneau et al. (2002) observations without the opacity of clouds. 

The feature depth for this model is 2.87 x 10""^. 

4.6 Considerations for the Evolution of the Planet's Radius and Com

parisons with Observations 

There has been much discussion as to how HD 209458b has come to its current 

location and whether or not its large radius (~ 1.35i?j) can be explained by "stan

dard" EGP cooling models. A first analysis by Burrows et al. (2000) found the 

radius could be explained if the planet arrived at 0.046 AU within 10^ years of its 

formation. However, as pointed out by Guillot and Showman (2002), the model 

atmosphere grid used in Burrows et al. (2000) is likely inapplicable to a planet 

under such intense stellar irradiation. It is likely that the planet's atmosphere is ra

diative to high pressures (perhaps to greater than ~ 1 kbar) (Guillot and Showman, 

2002), leading to atmospheric temperatures at these pressures that are cooler than 

one would predict for an isolated object of the same Tg// and gravity. Guillot and 

Showman (2002) modified the atmosphere grid used by Burrows et al. (2000), in 

order to grossly simulate cooler temperatures in the deep atmosphere. They found 

that without an additional energy source inside the planet the contraction of the 

planet still progresses rather quickly, and models are 0.1-0.2 Rj smaller than the 
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measured radius. Bodenheimer et al. (2001) obtained similar results, using an even 

more coarse boundary condition. 

BarafFe et al. (2003) were the first to consistently couple atmosphere mod

els specifically computed for HD 209458b to a planetary evolution code. They also 

found a discrepancy of 0.1 i?j between theory and observation. Independently, Bur

rows et al. (2003) computed consistent coupled atmosphere and evolution models, 

and also investigated in detail the error bars of the measured radius. Including all 

errors in the stellar age and radius, their HD 209458b models radii can fit the lower 

edge of the error bars. 

As we show here, and is mentioned in Baraffe et al. (2003) and discussed 

in detail by Burrows et al. (2003), the radius one measures during a transit (where 

the slant optical depth of the planet's atmosphere falls to ~ 1) is at a very low 

pressure and depends quite sensitively on the atmospheric opacity. Here we find 

that pressure is 1 mbar across the Charbonneau et al. (2002) wavelength range (582-

597 nm). The convective/radiative boundary deep in the planet's atmosphere (~ 1 

kbar) is that which is relevant for evolutionary calculations. The difference between 

these two pressure levels is itself ~ 0.1 -Rj of the planet (Burrows et al., 2003). 

This can go a long way to explaining the discrepancy found between the measured 

and model radii of earlier studies. This issue further highlights the importance 

of understanding at exactly what pressure level (as a function of wavelength) an 

observation is sensitive to when transit observations are made. 

4.7 Conclusions 

We find that HD 209458b's atmosphere is cool enough for most heavy elements to 

have been incorporated into condensates but still warm enough for Na to remain in 

atomic form. As seen in Fig. 4.2, there is a range of ~600 K in the mbar region of 

the planet's atmosphere where this situation holds. High clouds arise naturally in 
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the planet's atmosphere near ~l-5 mbar. Although the abundances of condensable 

vapor of the chief cloud-forming species are small, the particles that form in this 

radiative region are small and have large scattering cross-sections. Clouds lead to an 

increase in the apparent planet radius outside of the Na-D core, and on their own 

they could easily explain the observations. Clouds will affect gaseous absorption 

features at all wavelengths, as shown in Fig. 4.13. In addition, clouds can be so 

high that the predicted sodium feature is less than observed. With our simple non-

LTE model, we have shown that stellar UV flux will ionize Na to ~l/2 mbar on the 

limb in the planet's atmosphere, reducing the strength of the 589-nm absorption 

feature. The change in the Na-D feature due to ionization is fairly insensitive to the 

derived T-P profile. Ionization is a secondary effect, and it alone cannot explain 

the weak Na-D features. This conclusion was also reached by Charbonneau et al. 

(2002) in their analysis. Since the majority of Na on the planet's limb at pressures 

less than ~l/2 mbar is ionized by stellar UV flux, the possible effects of neutral Na 

non-LTE level populations found by Barman et al. (2002) are reduced. In addition, 

since the T-P profile we derive is cooler, a region where Na LTE level populations 

may not hold will be pushed out to lower pressure. 

For our T-P profile, we find an opaque forsterite cloud base at a pressure of 

several mbar. Predicting the exact location of the cloud base and vertical distribu

tion of cloud material is challenging, but the Na-D feature is quite sensitive to these 

factors. An atmosphere incorporating the forsterite cloud at 1.8 mbar and ioniza

tion gives a Na-D feature less than observed (due to clouds, not ionization), but for 

a cloud base of at 5.4 mbar, we obtain a feature depth that matches observations 

with or without ionization. 

More advanced modeling of photochemistry may reveal other non-

equilibrium compounds, perhaps including a photochemical haze, which could both 

increase the importance of particulate absorption and decrease the extent to which 
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the atmosphere is ionized. The potassium feature at 770 nm should be more sensi

tive to ionization than is Na, because the former's ionization energy is 0.8 eV less 

than that of Na. We are currently updating our UV opacity database and collect

ing all available collsional parameters. Once this is completed, it will be worthwhile 

to revisit the sodium ionization problem, taking into account many levels of Na I, 

and computing consistent non-LTE level populations of sodium together with the 

radiation field. 

More advanced global circulation models for HD 209458b will be of great 

interest, as they will give a better indication of the temperatures expected on the 

hmb of the planet. It is likely that observations will push modehng in new directions, 

and data obtained across many wavelengths, both from the ground and from space, 

including predicted K, H2O, and CO features, will help gauge the importance of 

processes at work in HD 209458b's atmosphere and decide between explanations of 

the Na-D feature depth. 
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CHAPTER 5 

Conclusions and Future Work 

Since 1995 we have been in a new era in the study of giant planets. The discovery 

of EGPs has led to a flurry of research on the study of giant planet atmospheres, 

interiors, structure, and evolution. The studies I have undertaken in this dissertation 

focus on giant planets near and far, and bridge the gap between the two. The studies 

are related in their overall subject matter, and in the following I will highlight the 

conclusions of this dissertation that point towards new areas of research necessary 

for a better understanding of these planets. 

5.1 Giant Planet Interiors 

5.1,1 Dissertation's Findings 

• Since the phase diagram predicted by Stevenson (1975) and HDW can only 

prolong Saturn's evolution to an age of 3.0 Gyr at a Tg// of 95.0 K, this "stan

dard theory" of hydrogen-helium mixtures is incorrect. The simplification of 

a fully ionized hydrogen-helium plasma is likely not technically correct un

til pressures closer to ~ 100 Mbar, when helium is expected to become fully 

ionized. 

• The phase diagram of HDW can be modified such that Saturn reaches an age 

of 4.6 Gyr at 95 K, while its Yatmos falls to ~ 0.06 — 0.14, but these phase 

diagrams are likely unphysical. 
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• One can modify the phase diagram of Pfaffenzeller et al. (1995), by increasing 

the temperature for the onset of hehum phase separation by a factor of 2, 

and derive a phase diagram to allows Saturn to reach an age of 4.6 Gyr at 

95 K. Based on theoretical constraints, this phase diagram seems physically 

reasonable. Saturn's Yatmos falls to 0.185 by 4.6 Gyr, just at the lower end of 

Saturn's value derived by Conrath and Gautier (2000) (Yatmos = 0.18 — 0.25). 

• If Saturn's current Yatmos is greater than 0.20, hehum phase separation alone 

cannot explain Saturn's luminosity. 

• Given the possibility of a large supersolar abundance of the CNO elements, 

this "icy" component could alternatively separate out and prolong Saturn's 

evolution. 

• Using our modified hydrogen-hehum phase diagram, we find that EGPs in 

the 0.15 to 3.0 Mj mass range are predicted to have luminosities a factor of 2 

larger and TeffS 10-15 K larger than predicted with homogeneous models. 

• Phase separation will begin to affect the evolution of 0.15 Mj planets at i = 

700 Myr and 3.0 Mj planets at /: = 10 Gyr, when the planets are in isolation. 

• Relatively modest stellar irradiation (such as that received by Jupiter) can 

alter the evolution of planets below 0.7 Mj such that they reach their Tg^s 

before their interiors begin helium phase separation. 

• Whether a planet has a dense core has a much larger effect on the planet's 

radius than whether it is undergoing helium phase separation. For the lowest 

mass planets, this difference in radii due to core mass can be 10,000 km. 

• The prolongation of cooling due to helium phase separation likely extends 

the time that ammonia clouds are visible in these planets' atmospheres. This 

extension is 2 Gyr for a 0.15 Mj planet and increases to 8 Gyr for a 1.5 Mj 

planet. 
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5.1.2 Future Work on Physical Inputs 

Since our understanding of pure hydrogen is still far from satisfactory, especially in 

the important 1-10 Mbar region at ~ 10^ K, this must be the first area to address. 

Currently there are large discrepancies between the two single-shock deuterium 

compression experiments near 1 Mbar. The experiments of Colhns et al. (1998) 

observe a limiting compression (p/po) of ~ 6, while those of Knudson et al. (2003) 

observe a limiting compression of ~ 4, which appears to be more in line with ab 

initio calculations. These experiments have a bearing on structural and evolutionary 

models, and have a significant bearing on trying to understand the abundances of 

metals and sizes of the cores of Jupiter and Saturn. At this point, by using different 

theoretical techniques, hydrogen EOSs can be devised to match either data set, with 

still little direction as to which approaches have the better underlying physics. On 

one positive note, it does appear that the transition from liquid molecular hydrogen 

to liquid metallic hydrogen is continuous, rather than first order, since earlier it was 

an open question (Nellis et al., 1999). It is also important to continue to measure 

the temperatures for shocked hydrogen, as this is invaluable in understanding the 

magnitude of the thermal energy reservoir a giant planet must lose at it cools. 

The problems with understanding hydrogen will eventually be cleared up, 

but it will surely take several years. In the meantime, one approach may be to devise 

several different hydrogen EOSs, spanning the entire range allowed by high-pressure 

shock data, and construct static and evolutionary models with all these EOSs. It 

that way it would be possible to gauge how much of our lack in understanding of 

these planets' structure and evolution is based on our knowledge of high-pressure 

hydrogen. This approach is just now being undertaken for new static models of 

Jupiter and Saturn (Saumon and Guillot, 2003). 

Moving towards a better description of hydrogen-helium mixtures will 

surely be based mostly on a better understanding of the pure hydrogen phase. 
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However, helium should not be ignored, as it makes up nearly 10% of the atoms 

in a solar composition mixture. Surprisingly, there have been no helium shock-

compression experiments in 20 years (Nellis et al., 1984). New shock experiments 

on helium would allow for more and better comparisons between theory and real

ity. In addition, shock experiments on hydrogen/helium mixtures have not been 

attempted. When they are undertaken, care should be taken to study two areas. 

First, how accurate is the additive-volume rule (Equation 2.21) that is frequently 

used when computing hydrogen-helium EOSs for giant planet modeling? Second, 

at what pressures and temperatures does hehum become immiscible in hydrogen? 

An experimental answer to this question will likely require that even higher pres

sures be attained, which is no trivial task. These high-pressure shock experiments 

are certainly expensive, but performing laboratory astrophysics is a direct way to 

access this important information. 

No new calculations of hydrogen-helium phase diagrams have been at

tempted since Pfaffenzeller et al. (1995). Given the drastically different phase 

diagram shapes predicted by the various studies mentioned earlier, and shown in 

Figures 2.1 and 3.1, additional calculations would shed light on whether the compo

sition isopleths in the immiscibility region have a positive or negative T(P) slope. 

Here we have shown that phase diagrams with a positive T{P) is preferred, as least 

until pressures of ~ 10 Mbar. In addition, if Jupiter and Saturn do possess a large 

super solar abundance of water, calculations of hydrogen-oxygen phase diagrams 

should be calculated, to see if oxygen could become immiscible in liquid metallic 

hydrogen at the temperatures encountered in giant planets. 

A possibility for the helium phase separation region is shown in Figure 5.1, 

which is similar to Figure 3.1. The basics of this figure have been described earlier 

in Chapters 2 and 3, but here a new dash-dot curve is highhghted. This is a 

possible curve of the Y = 0.27 immiscibility boundary. In high pressure H2, this 

curve shows the calculations of Schouten et al. (1991), which at lower pressures 
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match experimental data. The asterisk marks the termination of their calculation. 

The curve then turns upward at H begins to ionize. We know this immiscibility 

boundary must move to higher T in order to reach the interior of Saturn and likely 

skims the interior of Jupiter. In the several Mbar pressure range we have a T{P) 

slope similar to that calculated by Pfaffenzeller, et al. Eventually the fully ionized 

bare H-He nuclei calculations of Stevenson and HDW must become correct, and 

the T{P) slope turns negative. Whether this turnover pressure is 10 or 100 Mbar 

is unknown, but here we show it at ~ 30 Mbar. Since experiments in this pressure 

range are quite unlikely, additional theoretical and evolutionary calculations may 

help shed light on this region. 

5.1.3 Future Work on Observations and Implications 

While it seems we now know the true abundance of helium in Jupiter's atmosphere, 

this important number is still very poorly known for Saturn. A Saturn entry probe 

that could measure this abundance would be invaluable. Unfortunately, an entry 

probe for Saturn is two decades away, at the earliest, since one is not currently 

planned. In theory, it could be more useful than a new Jupiter entry probe, as 

a helium abundance measurement in Saturn would shed light on the interiors of 

Saturn and Jupiter. In addition, once the atmospheric helium abundance is known 

for both planets, the effects of helium phase separation could be calibrated better 

than we are able to do here, and we would then be in a much better position to 

understand the cooling of all low-mass EGPs. 

The Cassini orbiter will obtain infrared spectra and radio occultation pro

files that will allow for another indirect derivation of Saturn's helium mass fraction. 

Unfortunately, the error bars will likely be large. We have shown that if Saturn's 

yatmos is > 0.20 then helium phase separation cannot on its own explain Saturn's 

current observed luminosity. If Saturn's Yatmos is indeed larger than this value work 
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Figure 5.1: An additional view of the high pressure and temperature phase diagram 
of hydrogen. The thin solid lines show Y = 0.27 immiscibility boundaries for the 
theories of Stevenson and HDW (marked HDW/S), Pfaffenzeller et al. (marked 
Pfaff) and modified phase diagram used in our evolutionary calculations (marked 
PI). The PPT of SCVH and 50% H ionization line of Ross (1998) are shown as 
well. The dash-dot line shows an educated guess of the likely shape of the helium 
immiscibility boundary, which is described in the text. The asterisk marks the 
highest pressure calculated by Schouten et al. (1991) for He immiscibihty in Hg. 
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will need to be done to understand whether a region with {dP/dT)p < 0, as pre

dicted by Ross (1998) could preferentially slow the evolution of Saturn more so than 

Jupiter, due to inhibition of convection in Saturn's interior. It would have to be a 

surprisingly strong effect, but it could play a role in addition to phase separation. 

Again, further shock experiments and calculations will help clarify this issue. 

5.2 Characterizing Transiting Planet Atmospheres 

5.2.1 Dissertation's Findings 

• The magnitude of the sodium absorption feature at 589 nm measured by 

Charbonneau et al. (2002) is likely smaller than predicted because of a silicate 

cloud high in the planet's atmosphere. This determination is quite sensitive 

to the derived P-T profile. Due to our slant viewing geometry, the optical 

depth of this cloud is over 500 at the base. 

• The ionization of sodium by UV photons can also weaken the sodium absorp

tion feature, but likely not enough to match the observations. Gauging the 

depth to which ionization proceeds on the planet's limb is difficult, especially 

on the night side of the terminator, but the sodium feature depth is sensitive 

to this region of the planet. 

• Transit observations are sensitive to the pressure, temperature, stellar flux, 

and chemical abundances representative of the planet's terminator, and cal

culations for this portion of the planet (as opposed to the subsolar point) are 

necessary for transit models to be applicable. 

• The pressure at the limb where the slant optical depth of the atmosphere falls 

to ~ 1 is a very sensitive function of wavelength. Across the Charbonneau 

et al. (2002) wavelength observation band this pressure is 1 mbar. This is ~ 
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0.1 Ri from the radiative/convective boundary near 1 kbar (Burrows et al., 

2003). 

5.2.2 Observations and Modeling 

In retrospect, it is no surprise that the Charbonneau et al. (2002) sodium observa

tions of HD 209458b did not match predictions. The first generation models were 

quite simple in that they ignored sodium ionization, non-LTE level populations, 

and global circulation in the atmosphere. While we showed in Chapter 4 that the 

opacity due to clouds is a natural explanation, we explicitly assume that the leading 

and trailing limbs of the planet have the same T-P profile. Although they involve 

a number of free parameters, new work on general circulation models for the atmo

sphere of HD 209458b could help shed light on how the T~P profile varies around 

the planet. 

To date very few models have investigated the photochemistry that likely 

arises in the hot and intensely irradiated atmospheres of close-in "roaster" EGPs. 

The calculations that have been done, including the one presented here in Chapter 

4, really have only attempted to explain one data point. A more encompassing 

study of the photochemistry of the atmosphere of HD 209458b has not yet been 

published. HD 209458b provides a unique atmosphere for study, as nearly all of 

the carbon is likely tied up in CO, rather than CH4, unhke Jupiter and Saturn. 

Detailed photochemical models may allow us to better interpret current and future 

transit observations, so that we can better determine the temperature(s) on the 

Umb of the planet. The recent observations by Vidal-Madjar et al. (2003), who 

found a vast opaque exosphere of neutral atomic H surrounding HD 209458b, has 

shed light on the stability and environment of the planet. This has finally spurred 

modelers to construct more detailed atmosphere models in order to investigate this 

planet's exosphere (Liang et al., 2003). The observation of predicted H2O and CO 
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absorption features in the infrared would help constrain the temperature of the 

atmosphere and could confirm our prediction for the location of the cloud base, if 

all infrared absorption features are reduced in magnitude, similar to the sodium 

feature. Hopefully we are poised, with the addition of data from current or future 

observations, to understand the atmosphere of HD 209458b. This is a necessary 

step if we are to understand how the planet has evolved to its current state. 

Future work on understanding how intense stellar irradiation can affect the 

thermal history and evolution of giant planets will be helped greatly by observations 

of new transiting planets. Already, the transit of OGLE-TR-56b (Konacki et al., 

2003) has begun to shed light on the situation. Very recently, Chabrier et al. 

(2004) have shown that the observed radius for this planet can correctly be modeled 

without resorting to any additional internal energy sources, which may be necessary 

to explain the radius of HD 209458b. Additional discoveries of transits of close-in 

EGPs are surely likely to occur in the next few years. This should allow for a 

consistent picture to emerge on how intense stellar irradiation affects the cooling 

and contraction of these planets. 
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