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ABSTRACT 

For my Ph.D. research I investigated the prospects for characterizing transiting 

extrasolar giant planets from their transit lightcurves. Hubble Space Telescope 

photometry of transiting planet HD209458b revealed that the planet has no moons. 

Here, I show that tidal orbital evolution of moons limits their lifetimes, and hence 

that no moons larger than Amalthea in size should survive around HD209458b, 

consistent with observations. 1 then calculate the detectability and scientific po

tential of planetary rings and oblateness. Oblateness will prove difficult to reliably 

detect, even with the Hubble Space Telescope. However, large Saturn-like ring sys

tems should be easy to find around transiting extrasolar giant planets if such rings 

exist. 
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CHAPTER 1 

Introduction 

1.1 OVERVIEW 

In October of 1995, Mayor and Queloz (1995) announced the discovery of the first 

planet orbiting a main-sequence star other than the Sun. Mayor and Queloz found 

extrasolar planet 51 Pegasus b by precisely monitoring the radial velocity of its 

parent star, 51 Pegasus. Since 1995, a total of 110 new planets have been discovered, 

all but one using the same radial velocity method. For me, this is an extraordinarily 

exciting time to be studying planets; in the last decade we've found 15 times more 

than we did in the rest of human history. 

Furthermore, the planets we found defied expectations. Based on the only 

empirical data in existence, that from our own solar system, conventional wisdom 

assumed that the Sun was typical and that most stars would have planetary systems 

broadly like our own: gas giant planets beyond the ice line and terrestrial planets 

interior to the ice line, all on nicely spaced circular orbits. That's not what we 

found at all. 

The initial survey of extrasolar planets showed three major surprises (Marcy 

et al., 2000; Naef et al., 2001; Gonzalez, 2003): 

• Many giant planets are closer to their stars than the ice line, the point in the 

solar nebula beyond which water vapor could condense into solid form. 

• Many planets have highly eccentric orbits. 
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• Metal-rich stars are more likely to possess planets than metal-poor stars. 

The indirect nature of radial velocity detections allows only the planet's 

semimajor axis, eccentricity, argument of periapsis, orbital epoch, and minimum 

mass to be determined (see Figure 1.1). To date, the only further characterizations 

of an extrasolar planet have been done to HD209458b (Charbonneau et al., 2000), 

a planet that passes between its star and the Earth each orbit, a situation known 

as a transit. 

Having a planet that transits immediately allowed direct measurement of 

the stellar radius, planetary radius, orbital inclination, and stellar limb darkening 

parameters (Brown et al., 2001; Cody and Sasselov, 2002). HD209458b was found 

to have a radius of 1.42 Rjup, empirically constraining it to be a gas giant. 

The transits have allowed follow-up observations to further characterize the 

planet. Brown et al. (2001) used Hubble Space Telescope photometry of the star 

during transit to search for moons. Using the same dataset, Charbonneau et al. 

(2002) detected the presence of sodium in HD209458b's upper atmosphere. Vidal-

Madjar et al. (2003) detected an extended envelope of hydrogen gas escaping from 

the planet, and more recently detected escaping carbon and oxygen as well (Vidal-

Madjar et al., 2004). Richardson et al. (2003) placed constraints on the infrared 

emission of the planet by searching for the secondary eclipse, when the planet passes 

behind the star. 

This dissertation is composed of three parts, each a different investigation 

of how transits can be used to characterize transiting extrasolar giant planets. In 

Chapter 2 I use analytical orbital tide dynamics theory to investigate whether or not 

close-in extrasolar giant planets should have moons. Chapter 3 is an investigation 

of whether a planet's oblateness would be detectable from transit data, and what 

could be learned if it were detectable. Finally, Chapter 4 shows that large, Saturn

like ring systems should be detectable with current technology, and that diffraction 
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Semimajor Axis 

Semiminor Axis 

Line of Nodes 

Figure 1.1: Diagram showing the values measured by the radial velocity planet 
detection technique. If the reference plane is the plane of the sky, then RV measures 
the orbit's argument of periapsis. 



14 

around particles can tell us the typical ring particle size. 

1.2 DETECTION METHODS 

1.2.1 Radial Velocity 

All but one of the planets known to date were detected using the radial velocity 

method. Planets don't strictly orbit their stars - more precisely they orbit the 

center of mass of the system that they are in. The planet's gravity induces the 

parent stars to also orbit this center of mass. Jupiter causes the Sun to move at 10 

m/s in a circle around the solar system barycenter. 

The radial velocity (RV) method finds planets by looking for this reflex 

motion of the parent star by the doppler shift of the star's spectral lines as it moves 

toward and away from Earth. Because the star may not be moving directly toward 

and away from Earth, it can only reveal the minimum mass of the planet due to 

the unknown component of velocity perpendicular to the line of sight. It requires 

insanely precise measurements of the doppler velocity, with errors below 10 m/s -

the ability to recognize wavelength shifts of only one part in 10^! 

There are two primary difficulties involved in achieving the necessary pre

cision: minimizing error for individual measurements and preventing long-term sys

tematic error. To make precise individual radial velocity measurements, RV planet 

hunters use optical eschelle spectrographs to take high-resolution spectra of target 

stars over a wide bandpass (0.1 jim wide) that contains many spectral lines. To 

derive the star's radial velocity from the spectrum, Geoff Marcy and the others that 

use RV fit the observed spectrum with an intricate and accurate model spectrum. 

By doing so they can fit the spectral line positions to within 1/1000 of the lines' 

widths; however, doing so requires high signal-to-noise spectral data (S/N ~ 300) 

and therefore large telescopes, long integrations, and bright stars. 
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The remaining problem is the long-term stability of radial velocity measure

ments. Taking measurements over the course of years with differing atmospheric 

conditions, telescope geometries, detectors, optics, observers, and other parameters 

leads to egregiously large systematic error. Taking arc lamp wavelength calibration 

frames right before and right after each observation proves insufficient. Marcy and 

Butler (1992) solved this problem by taking the wavelength calibration simultane

ously with the data; they pass the starlight through a cell with iodine that produces 

well-characterized absorption lines superimposed on the stellar spectrum. By mod

elling the stellar and iodine calibration lines simultaneously, by this point using the 

Keck telescope Butler et al. (2003) report long-term radial velocity precisions of 3 

m/s since 1996. 

So far the radial velocity method is responsible for having discovered 109 

extrasolar giant planets. As the total observation times increase, planets with larger 

and larger semimajor axes are being detected. However, nearly all of the appropriate 

bright stars are currently being monitored for RV variability. Hence without larger 

telescopes, higher precision, or an extension of the technique to new classes of stars 

the radial velocity planet search technique won't find more than a few hundred more 

planets, and none less massive than about 50 M®. 

1.2.2 Transit 

The only other planet detection method that succeeded so far is the transit method. 

To search for planets using the transit method, planet hunters monitor the bright

ness of many, many stars for at least tens of days looking for the telltale drop in 

brightness associated with a planet passing in front of its star. 

The first transit search, a 7-day stare at globular cluster 47 Tucanae using 

the Hubble Space Telescope, failed to detect any planets (Gilliland et al., 2000). 

Since then upwards of 20 ground-based transit searches have undergone various 
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degrees of planning, testing, and implementation (see Home (2003) for a review) -

including one, the Galactic Open Cluster Arizona Transit Survey (GOCATS), that 

I started (Barnes and Fortney, 2002). 

The difficulties in implementing a ground-based transit search are: 

• Searching enough stars 

• Searching enough of the right kind of stars 

• Searching for long enough 

• Searching at the right times 

• Achieving sufficient photometric precision 

• Observing with high enough time resolution 

• Weeding out false positives. 

According to Marcy et al. (2000) 1-2% of solar-like stars have close-in 

giant planets orbiting them. Because of their short period and higher probability 

of transiting, ground-based surveys at this point are designed around finding these 

close-in planets. At 0.05 AU there is about a 10% chance that a planet will transit 

(assuming isotropic orbital inclination distributions), so about 1 in 1000 solar-type 

stars should exhibit transits. To get acceptible statistics, a transit survey would 

need to monitor about 10,000 stars. 

Most of the brightest stars in the night sky, however, are not solar-type. 

Giant stars are so large that the transit signal is not detectable. Main sequence stars 

earlier than type F5 or so have physical radii large enough that the transit signal 

is greatly reduced. Stars with small radii, M-type say, will be fainter at a given 

distance but have a larger relative transit depth, and so may still be appropriate 
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for transit detection. In a properly designed survey, perhaps 1/3 to 1/2 of the stars 

monitored will be appropriate for planet transit detections. 

Close-in planets have periods as short as 1.2 days, and therefore a transiting 

planet could be detected by a relatively short observing run. However, there are 

some catches to this idea: at least 2, and preferably 3 individual transits must be 

detected to determine the planet's period. So, to have a chance of finding a transit 

and being able follow up on it later the target stars need to be monitored for at 

least a week. 

To make matters worse, ground-based telescopes cannot continuously mon

itor the target stars. Weather, daylight, and moonlight drastically curtail the duty 

cycle that a ground-based campaign can achieve relative to a space-based survey. 

And, since observations are made every 24 hours, it is possible that a planet whose 

period is an integral multiple of 24 hours will never be seen at all because its transits 

happen only during the day. For these reasons Borucki et al. (2001) show that 21 

nights of observations are required to achieve 50% completeness for a ground-based 

transit survey. Higher completeness can be obtained by observing for longer, or by 

observing from different sites well-separated in longitude. 

Transits of non-luminous objects result in a drop in the light flux from 

the star by a factor proportional to the ratio of the cross-sectional areas of the 

two objects = Rpianet/^Itar) — HD209458b, this corresponds to a 1.6% 

reduction in stellar flux (stellar type GO). For larger stars, this drop is proportionally 

less for the same size planet (.31% for type AO), and for later-type stars the flux 

reduction is greater (5.0% for MO) (Borucki et al., 2001). To monitor Sun-like 

stars then requires relative photometric precision of greater than 1%, a goal feasible 

to achieve from the ground with good instruments and data reduction techniques 

(Everett and Howell, 2001). 

A transit planet hunter must obtain enough data points over the course of 
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a transit to both identify it as a transit and to be able to tell its shape well enough 

to rule out grazing eclipsing binary stars. This is one of the mistakes that the 

early surveys learned quickly. In the GOCATS pilot project, I monitored 7 different 

fields in order to increase the total number of stars surveyed for planets. This was a 

mistake. With only 3-4 points across a transit, it is not possible to perform even a 

first-order weedout of M-dwarf transits, eclipsing binaries, and blends, leading to an 

overwhelming followup sequence. This problem can largely be solved with the right 

instrumentation. Facility CCDs and cameras are not designed with this type of job 

in mind. The ideal instrument would cover a large field of view, perhaps 1/2 degree 

square; have enough pixels so as to reasonably sample the point spread function; 

and have a fast readout time. At the 61" Kuiper telescope used for the GOCATS 

pilot, I would expose for 3-5 seconds and read out the CCD for 45 seconds. An ideal 

transit survey instrument would read out as fast as possible, sacrificing read noise 

and A/D (analog to digital conversion) precision because those would be swamped 

by Poisson photon statistics anyway. 

After succeeding in all of the above tasks, it is still not possible to tell 

for sure whether you have detected a transiting planet. The OGLE collaboration, 

designed to look for microlensing stars in the galaxy, instead used one month of its 

time to monitor a region of the halo for transiting planets. They found 59 transiting 

low-luminosity objects (see both (Udalski et al., 2002)). After an extensive followup 

involving more photometry to rule out grazing binaries, low-resolution spectroscopy 

to help rule out blends, and high-resolution iodine-cell radial velocity to measure 

mass (Konacki et al., 2003) a single one of the original 59 was determined to be a 

transiting planet: OGLE-tr-56b (Konacki et al., 2003b). 

In addition to ground based searches for transiting planets, the NASA Dis

covery mission Kepler, to be launched in 2006, will monitor 100,000 stars with pre

cision sufficient to detect Earth-sized planets. Kepler estimates that it will discover 

100 close-in transiting giant planets and 30 long period transiting giant planets. 
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Drawbacks to searching for planets using the transit method include the 

large amounts of observing time it requires and the high photometric precision, both 

of which make searching for transits from space appealing (though expensive). Also, 

transits alone are insufficient for determining the nature of the objects detected; 

radial velocity must be used to measure the object's mass. 

1.2.3 Astrometry 

Because of the periodic variation in a parent star's radial velocity, an orbiting 

planet's gravity also causes the star to move back and forth in the sky as it or

bits the system's center of mass. This positional wobble can also potentially be 

detected and therefore it can be used to find extrasolar planets. 

The astrometric motion of the star is the integral of the same stellar reflex 

motion detected by RV planet detection teams. It is most sensitive to more mas

sive planets, like RV, because heavier planets induce greater reflex motion. Unhke 

RV, however, astrometry can more easily detect planets with large semimajor axes 

because the distance between the parent star and the system's center of mass is 

greater. For the same reason, the astrometric signal of a planet is greater around 

low-mass stars, though larger telescopes are needed to measure those stars' loca

tions. Astrometry is also not subject to the sinz inclination ambiguity that RV is 

because two dimensions of reflex motion can be measured simultaneously. 

The problem with astrometry is that it's hard. Astrometric precisions of a 

milliarcsecond or better are necessary, and so, despite flawed claims to the contrary 

(Han et al., 2001), a space-based platform is required. NASA's Space Interferometry 

Mission, SIM, will have as part of its scientific goals the mission of detecting giant 

planets using astrometry. 

Meanwhile, the Hubble Space Telescope has seen the astrometric wobble 
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associated with previously discovered extrasolar planet GJ876b. Benedict et al. 

(2002) used the prior knowledge of the planet's mass and orbital parameters ob

tained from the radial velocity measurements to both design their observations and 

constrain the reflex motion model. Benedict et al. (2002) then used the astrometric 

information to measure the orbital inclination of the planet's orbit; they obtained 

a value of 84 ± 6°, nearly edge-on. This demonstrates the viability of the method. 

However, GJ876 is the lowest mass planet-hosting star discovered to date (see Ap

pendix A), and one of the closest to the Sun. Searches for the astrometric wobble 

of other planets have not yielded a positive signature (McGrath et al., 2002). 

1.2.4 Microlensing 

Gravitational microlensing by foreground stars of unseen background stars can lead 

to temporary (a few hours or days in duration) increases in the apparent brightness 

of the foreground stars as the lensing (foreground) star gravitationally focuses the 

light of the lensed (background) star. Typical observations of this phenomenon are 

done by monitoring millions of stars simultaneously in the direction of the galactic 

bulge or the Large Magellanic Cloud (Udalski et al., 2000). Microlensing allows 

astronomers to probe the nature of dark matter (in the form of MACHOs, MAssive 

Cometary Halo Objects) and the stellar mass distribution. 

If the lensing star has a planetary system, and the lensed star passes near 

the planet as viewed from Earth, the planet can produce a brief but large spike in 

the measured stellar flux. The detection of such a spike would indicate the presence 

of a planet, and allow its mass and instantaneous distance from its star to be 

measured. The discovery of a large number of planetary microlensing events would 

allow measurement of the distribution of planet masses as a function of semimajor 

axis (Gaudi, 2003). 

No planets have been found using this method yet. Claims of microlensing 
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planets, such as Bennett et al. (1999), have been shown to be incorrect (Albrow 

et al., 2000). The lack of planet detections allowed Gaudi et al. (2002) to place 

an upper limit of 33% on the fraction of M dwarf stars that have Jupiter-mass 

companions between 1 and 4 AU away from them. 

In my mind, the main problem with microlensing planet discoveries is the 

lack of follow-up capability. Even if a planet were found, we would never learn 

anything more about the system, never have any way of testing hypotheses about 

it. In addition, a search capable of detecting terrestrial planets still requires a space-

based telescope such as the proposed GEST Discovery mission (Bennett et al., 2003). 

Gaudi et al. (2003) notes that characterization of microlensing-discovered planets 

may be possible with high signal-to-noise data of the original microlensing event, 

and therefore wouldn't require follow-up capability. 

1.2.5 Direct Detection 

Conceptually, the easiest way to find a planet might seem to be to just go take 

a picture of one. Two aspects of the planet detction problem make this difficult: 

proximity of the planet to the star (within ~ 1 arcsecond) and the extraordinarily 

high contrast between the planet at the star (10®). These two effects render ground-

based direct detection impossible for nearly any plausible planet parameters. 

As a result, NASA is in the process of deciding the best space-based mission, 

which will be called Terrestrial Planet Finder (TPF), to directly detect Earth-sized 

planets. The two competing concepts at present are a 100 m baseline 4-element 

free-floating infrared interferometer and a 10 m coronographically optimized optical 

telescope. Either would be tremendously expensive (many billion dollars), and 

wouldn't launch until 2015. 
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TPF would be capable of recording lightcurves of planets, thereby deter

mining their rotation rates, and of taking spectra of planets, allowing determination 

of their surface and atmospheric properties. 

1.3 THE NEW PLANETS 

The 108 extrasolar planets that have been reliably reported are listed in 

Appendix A. I keep an up-to-date sortable and customizable listing of 

known planets in my Extrasolar Planets Database, available on the web at 

http://c3po.barnesos.net/egpdb. Other reputable places to find info on 

the known extrasolar planets are the California & Carnegie Planet Search 

page, http://exoplanets.org, and the Extrasolar Planets Encyclopedia, 

http://ofa-www.harvard.edu/planets/. 

1.3.1 Roasters 

The initial extrasolar planet discovery, that of 51 Pegasus b (Mayor and Queloz, 

1995), was startling because it was entirely unexpected. 51 Pegasus b orbits its star 

with a semimajor axis of 0.05 AU, 20 times closer to its star than Earth is to the 

Sun, and 100 times closer to its star than Jupiter is to the Sun. Conventional planet 

formation theory holds that giant planets form from the buildup of planetessimals 

into a core lOM® in size, whereupon the gravity of the core is sufficient to prevent 

the escape of hydrogen gas and an envelope of hydrogen and helium collapses onto 

the core to form the planet. 

Formation of cores as large as lOM© is only thought to be possible beyond 

the condensation line for water and other volatiles. Interior to this point, water, 

the third most abundant chemical species in the solar system after hydrogen and 

helium, is a vapor and cannot condense to form a solid. In time, water vapor 

http://c3po.barnesos.net/egpdb
http://exoplanets.org
http://ofa-www.harvard.edu/planets/
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is driven out of the inner solar system by nebular processes. However, exterior 

to the condensation line water exists in the form of ice and goes into making up 

planetessimals, protoplanets, and, presumably, the cores of giant planets. 

Thus the existence of 51 Pegasus b, at a distance from its star such that 

the equilibrium temperature is 1250K, is not congruent with conventional ideas for 

giant planet formation. Two main explanations for the existence of 51 Pegasus b 

remain today: 

• Migration - 51 Pegasus b formed outside the ice line in a traditional fashion, 

but then was driven inward by gravitational torques between the planet and 

the circumstellar disk it formed out of (see, for instance. Trilling et al. (1998)). 

Some problems with this hypothesis are that, for it to be valid, the planet 

must have formed quickly enough to have reached a substantial size prior to 

the disappearance of the protostellar disk. Additionally, there must be some 

mechanism to stop the migration, otherwise migrating planets will march 

right into their parent stars (see Bodenheimer and Lin (2002) for a review). 

• Disk Instability - Instead of forming from the bottom up, from planetes

simals to cores to gas giants, the mechanism for planet formation may have 

been entirely different than previously supposed. (Boss, 1997) suggests that, 

instead, giant planets may form directly from gravitational instabilities in 

their incipient disk. This model can form planets quickly (hundreds of years) 

and interior to the ice line. However, current models require large protostellar 

disk masses and have difficulty forming small planets {e.g., the size of Jupiter 

rather than 10 times that size) (Bodenheimer and Lin, 2002). 

51 Pegasus b might also have been an outlier, in which case it could have 

arrived at its present semimajor axis after a close encounter with another giant 

planet which would have drastically altered the configuration of the 51 Pegasus 
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planetary system. However, since 1995 many more of these super-close-in giant 

planets, termed 'roasters' by (Sudarsky et al., 2000) and also referred to as 'hot 

Jupiters', have been discovered. In total, 19 planets have orbits within 0.1 AU of 

their parent stars (see Appendix A) - 17% of all known extrasolar planets. This 

actual fraction of giant planets that are roasters is likely to be substantially below 

this value, as the detection of roaster-type planets is easier than for planets farther 

out using the radial velocity method. (Marcy et al., 2000) estimate that 1-2% of all 

solar-like stars in the solar neighborhood harbor roaster-type giant planets. 

1.3.2 Eccentric Planets 

Contrary to the predictions of core formation-gas accretion theory, most of the dis

covered extrasolar planets travel on high-eccentricity (e) orbits. 74% of the known 

planets have e greater than or equal to 0.1! For comparison, Jupiter and Saturn 

each have orbital eccentricities near 0.05. Either our solar system and extrasolar 

system formed in different ways, or our system is a statistical outlier with circular 

orbits just by chance. 

The extrasolar planet with the most eccentric orbit is HD80606b (Naef 

et al., 2001). HD80606b has an orbital eccentricity of 0.93 and a semimajor axis of 

0.439 AU, bringing it in as close to its star as a roaster at periastron, and out to 

near 1 AU at apoastron. My former ofRcemate Fred Ciesla refers to this object as 

"the first extrasolar comet" (e for Halley's comet is 0.965). 

The existence of so many highly eccentric planets presents a challenge to the 

core formation-gas accretion planet formation mechanism. As that hypothesis forms 

planets with circular orbits, to explain the observed eccentricity distribution requires 

later disruptions. Close encounters between giant planets, gravitational planet-disk 

interactions, or gravitational disturbances from nearby stellar encounters (binary 

or chance) could generate planets with eccentric orbits. However, the prevalence of 
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eccentric objects implies that the mechanism that drives the eccentricity must be 

common among planetary systems. 

Gravitational disk instabilities naturally form planets with eccentric orbits, 

and thus later orbital alterations are unnecessary under that hypothesis. 

1.3.3 Planets Around High-Metallicity Stars 

The Sun contains a higher fraction of metals (atoms with atomic numbers greater 

than 2) than the neighborhood median. Metallicity is defined as log|^^^; thus 

the Sun has metallicity 0.0. The median metallicity of stars near the sun is -0.2. 

Of the 88 extrasolar planet parent stars with published metallicity values, 

only 7 have metallicities less than the median, and 55 of 88 are more metal-rich than 

the Sun (see Gonzalez (2003) for a review of the planet-metallicity correlation). 

By searching metal-rich stars preferentially, RV planet hunters have used 

this correlation to increase their planet yield. What the correlation means for the 

formation of extrasolar giant planets, though, remains unclear. It may favor the core 

formation-gas accretion planet formation model as higher metallicity circumstellar 

disks might allow lOM© cores to form more readily inward of the ice line. 

1.3.4 Multiple-Planet Systems 

GJ876, 55 Cancri, HD12661, HD168443, 47 Ursae Majoris, HD74156, HD82943, 

HD169830, and v Andromedae all harbor more than one known extrasolar planet. 

Moreover, about half of the remaining stars with only one known planet show 

a residual doppler signature that probably indicates another companion (Fischer 

et al., 2001). 

These systems show some interesting behaviors. GJ876b and GJ876c are 
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locked into a 2:1 orbital resonance similar to that between lo and Europa (Lee and 

Peale, 2002). v Andromedae and 55 Cancri each have 3 planets. 47 Ursae Majoris 

has 2 planets on large circular orbits, superficially similar to the solar system. 

1.3.5 Jupiter Analogs 

A Jupiter analog would be an object between 0.3 and 10 Mjup on a circular orbit at 

least 5 AU from its parent star. At present, nothing that meets this criterion has 

been found. 

The closest Jupiter approximations so far are 55 Cancri d, a 4 Mjup planet 

at 5.9 AU but on an orbit with eccentricity 0.16; GJ777A b, a 1.33 Mjup planet at 

4.8 AU and with orbital eccentricity 0.48; and 47 Ursae Majoris c, with 0.76 Mjup 

and e = 0.1 but at only 3.73 AU. 

Dr. Geoff Marcy and his California Planet Search RV planet-hunting team 

have made the search for true Jupiter analogs their highest priority. However, 

reliable detections require at least one full orbit of RV data. In the coming years 

a large number of stars will have been monitored for 10 years, comparable to the 

12 yr period of Jupiter's orbit, and thus more long-period planets should be found 

soon. 

1.4 TRANSIT CHARACTERIZATION OF EGPs 

Characterization of the planets newly discovered using the radial velocity method 

has proven difficult. Due to the indirect nature of the radial velocity technique, 

it allows the determination of only the orbital characteristics (semimajor axis a, 

eccentricity e, argument of periastron, and the epoch, though not the inclination or 

orientation angle) and the planet's minimum mass. Because the amplitude of the 

radial velocity variation measures a lower limit to the planet mass, m sin i where i 
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is the orbital inclination, some of the objects found this way and listed in Appendix 

A may be significantly more massive than listed, and may not be planets at all. My 

own suspicion is that the planet r Bootis b, with a minimum mass more than 5 times 

greater than any other roaster planet, may really be a brown dwarf or low-mass star 

in a nearly face-on orbit. 

Radial velocity is good at finding planets. However, to learn more about 

those planets we have to turn to other methods. 

Several groups have tried to detect the doppler shift of reflected light from 

close-in EGPs in the visible (Charbonneau et al., 1999; Collier Cameron et al., 1999; 

Collier Cameron et al., 2002). None have succeeded for the two planets searched so 

far, V Andromedae b and r Bootis b. Today it remains unclear why the reflected 

light searches have failed. There are two major hypotheses: (1) the planets' albedoes 

are too low (2) the planets are in nearly face-on orbits. Although option (2) may be 

the case for r Bootis b, it probably isn't for v Andromedae b because if that object's 

orbit were face-on, it would be massive enough to destabilize the other planets in 

the system. Option (1) is more attractive: Sudarsky et al. (2000) predict extremely 

low albedoes for close-in objects. 

The only successful post-discovery characterization of extrasolar planets has 

been done using the transit method. Though it was detected using RV, the planet 

HD209458b was quickly identified to transit its star once per orbit (Charbonneau 

et al., 2000; Henry et al., 2000). Hubble Space Telescope photometry of the transit 

using the STIS instrument resulted in an extremely precise lightcurve with errors 

of 1 X 10""^. Brown et al. (2001) fit the HST observations to directly measure 

the stellar radius (I.I46R0), the planetary radius (1.347Rjup, the transit impact 

parameter (0.504), and the stellar limb darkening parameters (ci = 0.64). Along 

with the RV data, the determined sin i pinpointed HD209458b's mass to be 0.69Mjup 

and therefore determined its density to be 0.35-S-- This was the first direct evidence 
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that any of the discovered extrasolar planets were gas giants. 

Using the same HST dataset, Charbonneau et al. (2002) detected absorp

tion in the sodium 0.589//m line attributed to HD209458b's upper atmosphere. 

The amount of Na found was less than had been predicted (Brown, 2001; Hubbard 

et al., 2001), leading to many explanations and hypotheses about the nature of 

HD209458b's atmosphere (see Fortney et al. (2003) and references therein). More 

recently, Vidal-Madjar et al. (2003) claim to have discovered an extended cloud of 

escaping hydrogen gas that fills the Hill sphere of HD209458b. 

The HST data are perfectly fit with a spherical planet transit model, and 

hence show no evidence for moons or rings around HD209458b. However, one 

additional transiting planet has been found (Konacki et al., 2003b) and ongoing 

ground-based searches and future missions hold the promise for the detection of 

many more. For my doctoral dissertation, I investigated the circumstances behind 

the nondetection of moons around HD209458b and the prospects for using similar 

future transit lightcurves to probe other transiting planets for non-sphericity and 

circumplanetary rings. 
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CHAPTER 2 

Extrasolar Moons 

This chapter was originally published in The Astrophysical Journal as Barnes and 

O'Brien (2002). 

2.1 INTRODUCTION 

Each of the giant planets in our solar system posesses a satellite system. Since 

the discovery of planets in other solar systems (Marcy et al., 2000), the question 

of whether these extrasolar planets also have satellites has become relevant and 

addressible. Extrasolar planets cannot be observed directly with current technol

ogy, and observing moons around them poses an even greater technical challenge. 

However, high precision photometry of stars during transits of planets can detect 

extrasolar moons either by direct satellite transit or through perturbations in the 

timing of the planet transit (Sartoretti and Schneider, 1999). Using these tech

niques, Brown et al. (2001) placed upper limits of 1.2 Earth radii (R©) and 3 Earth 

masses (M©) on any satellites orbiting the transiting planet HD209458b based on 

the Hubble Space Telescope transit lightcurve. 

The tidal bulge that a satellite induces on its parent planet perturbs the 

satellite's orbit {e.g., Burns, 1986), causing migrations in semimajor axis that can 

lead to the loss of the satellite. For an isolated planet, satellite removal occurs 

either through increase in the satellite's orbital semimajor axis until it escapes, or 

by inward spiral until it impacts the planet's surface (Counselman, 1973). In the 
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presence of the parent star, stellar-induced tidal friction slows the planet's rotation, 

and the resulting planet-satellite tides cause the satellite to spiral inward towards 

the planet (Ward and Reid, 1973; Burns, 1973). This effect is especially important 

for a planet in close proximity to its star, and has been suggested as the reason for 

the lack of satellites around Mercury (Ward and Reid, 1973; Burns, 1973). 

In this chapter, we apply tidal theory and the results of numerical orbital 

integrations to the issue of satellites orbiting close-in extrasolar giant planets. We 

place limits on the masses of satellites that extrasolar planets may posess, discuss 

the implications these limits have for the detection of extrasolar satellites, and apply 

our results to the issue of Earth-like satellites orbiting extrasolar giant planets. 

2.2 TIDAL THEORY AND METHODS 

According to conventional tidal theory, the relative values of the planetary rotation 

rate, Qp, and the orbital mean motion of the moon, (both in units of radians/sec), 

determine the direction of orbital evolution (see e.g., Murray and Dermott, 2000). 

For a moon orbiting a planet slower than the planet rotates (n^ < Op), the tidal 

bulge induced on the planet by the satellite will be dragged ahead of the satellite 

by an angle d, with tan(25) = 1/Qp. Here, Qp is the parameter describing tidal 

dissipation within the planet (after Goldreich and Soter, 1966), with 1/Qp equal to 

the fraction of tidal energy dissipated during each tidal cycle. Gravitational interac

tions between the tidal bulge and the satellite induce torques that transfer angular 

momentum and dissipate energy, slowing the planet's rotation and increasing the 

orbital semimajor axis of the satellite. Conversely, for satellites orbiting faster than 

their planet's rotation (n^ > Qp), the planet is spun up and the satellite's semi-

major axis decreases. The same mechanism causes torques on the planet from its 

parent star which slow the planet's rotation (Murray and Dermott, 2000). 

The torque on the planet due to the tidal bulge raised by the moon (rp-^) 
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is (Murray and Dermott, 2000) 

3 h j , G M l R l  

"2 g, 
sign(f2p - n^) , (2.1) 

where k2p is the tidal Love number of the planet, Rp is the radius of the planet, and 

G is the gravitational constant. The term sign(Q — n„) is equal to 1 if (f2 — n^) is 

positive, and is equal to —1 if it is negative. We obtain the expression for the stellar 

torque on the planet by replacing M„, the mass of the moon, with M*, the mass 

of the star; by replacing a^, the semimajor axis of the satellite's orbit with ap, the 

semimajor axis of the planet's orbit about the star (circular orbits are assumed); 

and by using the planet's mean orbital motion Hp instead of 

3 k 2 p G  M l  R l  

~ 2 Qpa l  
sign(fip - rip) . (2.2) 

The moon's semimajor axis, a^, and the moon's mean motion, rim, are related by 

Kepler's law, = GMp. These torques affect both rim and Qp. The rate of 

change of Qp is obtained by dividing the total torque on the planet by the planet's 

moment of inertia: 
d^p '^p—m "^p—* ^2 2^ 
dt Ip 

where Ip is the planet's moment of inertia. 

Under the circumstances studied in this paper, where a planet is orbited 

by a much smaller satellite, rp_* is much greater than for most of the system's 

lifetime. Because the moon's orbital moment of inertia depends on rim, the equiv

alent expression for rim is less trivial to derive. We obtain it by setting the torque 

equal to the rate of change of the angular momentum and solving for dn/dt using 

the planet's mass, Mp (e.g'.,Peale, 1988): 

drim 3 Tp—m rim 
4/3 

(2.4) 
dt Mm {GMpf/^ • 

Given appropriate initial and boundary conditions, integration of Equations 2.3 and 

2.4 determines the state of the system at any given time. 
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An important boundary condition for such an integration is the critical 

semimajor axis, or the location of the outermost satellite orbit that remains bound 

to the planet. This location must be within the planet's gravitational influence, or 

Hill sphere, and has been generally thought to lie between 1/3 and 1/2 the radius 

of the Hill sphere {Rh) (Burns, 1986), where 

Recently, Holman and Wiegert (1999) investigated the stability of planets in binary 

star systems and their results are applicable to the planet-satellite situation as well. 

Through numerical integrations of a test particle orbiting one component of a binary 

star system, Holman and Wiegert (1999) found that for high mass ratio binaries, 

the critical semimajor axis for objects orbiting the secondary in its orbital plane is 

equal to a constant fraction (/) of the secondary's Hill radius, or 

We treat a star orbited by a much less massive planet as a high mass ratio binary 

system and deduce that the critical semimajor axis for a satellite orbiting the planet 

is .36i?H (/ = -36) for prograde satellites (from Holman and Wiegert, 1999, Figure 

1). This agrees closely with Burns (1986). In fact, none of the prograde moons of our 

solar system orbit outside this radius (see Table 2.1). Holman and Wiegert (1999) 

did not treat objects in retrograde orbits (which are expected to be more stable than 

prograde ones), so to treat possible captured satellites we take fretrograde = 0.50 

based on the solar system values for am/Rh in Table 2.1. 

(2.5) 

^crit  f  Rh • (2.6) 

2.3 CONSTRAINTS ON SATELLITE MASSES 

Satellites orbiting close-in giant planets fall into one of three categories based on 

the history of their orbital evolution. Satellites that either start inside the planet's 
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Table 2.1: Orbital sejmimajor axes of selected solar system satellites, listed as a 
function of their their parent planet's hill sphere radius, Rh-

Planet Satellite ^m/ RH 
Earth Moon 0.257 
Mars Deimos 0.0216 
Jupiter Callisto 0.0354 
Jupiter Elara 0.221 
Jupiter Sinope 0.446^ 
Saturn Titan 0.0187 
Saturn lapetus 0.0545 
Saturn Phoebe 0.198^ 
Saturn S/2000 S 9 0.283 
Uranus Oberon 0.00837 
Uranus Setebos 0.352^-
Neptune Triton 0.003^ 
Neptune Nereid 0.0475 

- Retrograde 
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synchronous radius (the distance from the planet where rim = or become sub-

synchronous early in their lifetimes, as a result of the slowing planetary rotation, 

spend their lives spiraling inward toward the cloud tops. Eventually these moons 

collide with the planet or are broken up once they migrate inside the Roche limit. 

Moons that start and remain exterior to the synchronous radius evolve outward 

over the course of their lives and, given enough time, would be lost to interplane

tary space as a result of orbital instability. In between these two is a third class 

of orbital history. In this case, a satellite starts well outside the synchronous ra

dius and initially spirals outward, but its migration direction is reversed when the 

planet's rotation slows enough to move the synchronous radius outside the moon's 

orbit. These moons eventually impact the planet. 

In order to determine which satellites might still exist around any given 

planet, we determine the maximum lifetime for a moon with a given mass in each 

orbital evolution category. Inward-evolving satellites should maximize their lifetime 

by starting as far from the planet as possible, at the critical semimajor axis a^rit 

(Equation 2.6), and spiraling inward all the way to the planet. Outward-evolving 

satellites can survive the longest if they start just outside the synchronous radius 

of the planet, then spiral outward to the critical semimajor axis. The maximum 

lifetime for the out-then-in case occurs when a satellite reverses migration direction 

at the outermost possible point, the critical semimajor axis. In this case, the moon 

starts at the semimajor axis that allows for it to have reached acrit by the time 

its planet's synchronous radius also reaches acrit-, thus maximizing the time for its 

inward spiral (see Figure 2.1). For a given satellite mass, if the maximum possible 

lifetime is shorter than the age of the system, then such a satellite could not have 

survived to the present. Because the orbits of higher-mass satellites evolve more 

quickly than those of lower-mass satellites (Equation 2.4), an upper limit can be 

placed on the masses of satellites that could still exist around any given planet. 
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Figure 2.1: Satellite orbital semimajor axis versus time for the maximum-mass moon 
in three different hypothetical 4.6 Gyr old 1 M©, 1 Mjup planetary systems. The 
solid lines represent a system with a planet-star distance of 0.15 AU, with the thick 
and thin lines corresponding to the satellite semimajor axis and planet synchronous 
radius respectively. Tides between this planet and its star spin down the planet 
in short order, and the moon spends the majority of its lifetime evolving inward 
through tidal interactions with the planet. It is destroyed upon reaching the cloud 
tops of the planet. The dotted lines correspond to a system in which the planet-star 
separation is 0.20 AU; this planet is despun in just under half the age of the system. 
Thus its maximum-mass moon initially moves outward due to tidal influences, but 
later reverses direction due to the spindown of the planet and eventually crashes 
into it. This moon reverses direction at the critical semimajor axis (the outermost 
stable orbit point) because doing so maximizes its orbital lifetime. The dashed 
lines are for a planet orbital semimajor axis of 0.25 AU. The star's tidal torques 
on the planet have less influence at this distance, and the planet does not despin 
sufficiently over its lifetime to reverse the orbital migration of its maximum-mass 
satellite. This satellite is lost into interplanetary space due to orbital instabilities. 
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2.3.1 Analytical rrreatment 

For a given semimajor axis of a moon, a^, the migration rate is the same whether the 

moon is moving inward or outward (with the assumption that Qp is independent 

of the tidal forcing frequency Q.p — Um), and the migration rate is much faster 

for satellites close to their parent planets. For both the inward- and outward-

migrating categories, the total hfetime of a satellite (T) is well-characterized by 

the time necessary for a satellite orbit to traverse the entire region between the 

critical semimajor axis (a^ = cicrit) and the planet's surface (a^n — Rp), (Murray 

and Dermott, 2000): 

Since Rp acrit and the exponents are large, the Rp term inside the parenthesis 

can be neglected. Substituting acrit = JRh (Equation 2.6), allowing T to be equal 

to the age of the system, and solving for Mm collectively result in an analytical 

expression for the maximum possible extant satellite mass in both the inward and 

outward cases. 

which is the equation of the bottom, dot-dashed line in Figure 2.2. In the case of 

satellites that evolve outward then inward, the spindown of the planet is important. 

These moons can be saved temporarily by the reversal of their orbital migration. 

This reversal prolongs their lifetimes, but by less than a factor of two, because the 

satellite transverses the region where a^, < acrit twice. The upper mass limit for 

these satellites is 

and this limit is plotted as the upper dotted line in Figure 2.2. 

We obtain the boundaries between the in, out-then-in, and out cases by 

comparing the time necessary to despin the planet to the age of the system. The 

(2.7) 

'ik2pTRl\/G 
(2.8) 

3k2pTRlVG 
(2.9) 
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time necessary to spin down the planet to the point that the synchronous radius 

becomes exterior to the critical semimajor axis is equal to (Guillot et al., 1996) 

where fipo is the initial planetary rotation rate and is the rotation rate at which 

the planet's synchronous radius is coincident with acrit- At this point, from Kepler's 

law we infer that 

For the case where Tspindown T (where T is the system liftime), the maximum-

mass moon evolves inward and Equation 2.8 should be used. When the system 

age is greater than this spindown time (Tspindown ^ T), moons evolve outward and 

again Equation 2.8 is valid. However, when Tspindown ~ T, the reversal of satellite 

orbital migration is important and Equation 2.9 provides a more robust upper mass 

limit for surviving satellites. 

These results for the maximum are limited by the requirement that the 

rate of angular momentum transfer between the planet and the satellite must be less 

than that between the planet and the star when is relatively large (i.e., rp_* > 

Tp-rn in Equation 2.3) such that synchronization between the planet and moon does 

not occur. In the case of rocky satellites orbiting gaseous planets, this condition is 

met. For large moon-planet mass ratios or large this assumption breaks down, 

yielding a situation more closely resembling the isolated planet-satellite systems 

treated in Counselman (1973). In this case the planet and moon can become locked 

into a 1:1 spin-orbit resonance with each another, halting the satellite's orbital 

migration and extending its lifetime. For extrasolar Jovian planets (0.3Mjup < 

Mp < 13.0Mjup) this occurs when satellite masses become very large, i.e. greater 

than 8M© for a IMjup planet. Such a moon is large enough to accrete hydrogen gas 

during its formation, however, and in such a case the system is better treated as 

a binary planet, taking into account the tidal torques of each body on the mutual 

Tspindown — Qpi^pO ^pl)  (2.10) 

(2.11) 
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orbit. We do not address that situation here. 

We assume prograde, primordial satellites, but objects captured into or

bit by a planet late in its life could also remain in orbit. We do not treat the 

physics of satellite capture, but the lifetimes of such moons would be affected by 

the same processes described above if prograde, and limited by inward migration 

like Neptune's moon Triton (McCord, 1966) if retrograde. In the case of retrograde, 

captured moons, the following upper limit on their survival lifetime can be placed 

by rearranging Equation 2.8: 

131, 3M. J  ̂  ̂

Our analysis assumes a single satellite system. Inward-migrating moons 

could not be slowed significantly by entering into a resonance with another satellite 

further in because the interior satellite would be migrating faster (due to the 

dependance of the torque in Equation 2.1), unless its mass is less than .08 

(assuming a 2:1 resonance). Slowly-migrating moons exterior to the satellite in 

question cannot slow its orbital migration because objects in diverging orbits can

not be captured into resonances. However, outward-migrating satellites could have 

their lifetimes extended by entering into a resonance with an exterior neighbor 

through intersatellite angular momentum transfer (Goldreich, 1965), similar to the 

resonances currently slowing the outward migration of lo from Jupiter. Thus some 

outward-limited satellites above the mass limit derived in Equation 2.8 may still 

survive because of resonances entered into earlier in their lifetimes. 

2.3.2 Numerical Treatment 

To verify the limits stipulated in Equations 2.8 and 2.9, we integrate Equations 

2.3 and 2.4 numerically, from the initial rotation rate and semimajor axis until the 

satellite's demise either through impact with the planet or through orbital escape. 
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Figure 2.2: Stability diagram for satellites in a hypothetical 4.6 Gyr old 1 M©, 
1 Mjup planetary system as a function of the planet's orbital semimajor axis. The 
solid line represents the results from numerical integrations of Equations 2.3 and 
2.4, and the broken lines are the analytical approximations given in Equations 2.8 
(lower, dot-dashed) and 2.9 (upper, dotted). Satellites above this line are excluded, 
while those which lie below the line may or may not still exist depending on their 
specific orbital evolutionary histories. For this specific case, below Op ~ 0.15AU 
satellite masses are limited by their inward migration, above ~ 0.23AU by their 
outward migration, and in between by outward followed by inward migration with 
the reversal being the result of slowing planetary rotation. 
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We use an adaptive stepsize Runge-Kutta integrator from Press et al. (1992) and 

have verified that it reproduces our analytical results for small satellite masses. We 

also assume that only ftp and change over time — other planetary parameters 

such as Qp, ap, Rp, and all others are taken to be constant for the length of the 

integration. The expected changes in the planet's orbital semimajor axis Up over 

the course of the integration do not significantly affect the calculations, and larger 

planetary radii Rp in the past would only serve to further reduce lifetime of a given 

satellite beyond what we have calculated here, pushing the upper surviving satellite 

mass lower. 

For each planet, we determine the maximum satellite mass that could sur

vive for the observed lifetime of the system by optimizing the initial semimajor axis 

of the satellite so as to maximize its lifetime and then tuning the satellite mass 

until this lifetime is equal to the system age. Sample evolutionary histories of this 

maximum mass satellite for a hypothetical IMq, lMj„p system from each orbital 

evolutionary history category are shown in Figure 2.1. The numerically determined 

maximum mass as a function of planetary orbital semimajor axis is shown in Figure 

2.2 as the solid line. These numerical results are consistent with our analytical 

upper mass limits from Equations 2.8 and 2.9. 

2.4 IMPLICATIONS 

2.4.1 Known Extrasolar Planets 

In applying these results to the specific test case of the transiting planet HD209458b, 

we adopt the values M* = 1.1 M©, MP — 0.69 Mjup, = 0.0468 AU, T = 5.0 Gyr 

(Mazeh et al., 2000), and Rp = 1.3b Rjup (Brown et al., 2001) based on observational 

studies. We take k2p for the planet to be 0.51, the value for an n = 1 polytrope 

(Hubbard, 1984). The least constrained parameter is the tidal dissipation factor Qp; 
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for HD209458b we adopt Qp = 10^, which is consistent with estimates for Jupiter's 

Qp (Goldreich and Soter, 1966). However, Qp is not known precisely even for the 

planets in our own solar system, and the precise mechanism for the dissipation of 

tidal energy has not been established. Qp for extrasolar planets, and especially for 

ones whose interiors differ from Jupiter's such as close-in giant planets (Burrows 

et al., 2000), may differ substantially from this value. 

Because HD209458b was likely tidally spun down to synchronous rotation 

very quickly (Guillot et al., 1996), satellites around it are constrained by the in-

fall time and we use Equation 2.8 to obtain an upper limit of 7 x 10"^ M® for 

their masses. Assuming a density of p = 3 g/cm^, the largest possible satellite 

would be 70 km in radius — slightly smaller than Jupiter's irregularly-shaped moon 

Amalthea. These limits are consistent with the those placed on actual satellites ob-

servationally by Brown et al. (2001). It is possible for captured satellites to exist 

around HD209458b. Their lifetimes, however, would be exceedingly short — a IM® 

satellite could survive for only 30, OOOyr (Equation 2.12), making the probability of 

detecting one low unless such captures are common. 

We also calculate the maximum masses for surviving moons around other 

detected extrasolar planets; the results are in Table 2.2. We take the planet masses 

to be equal to the minimum mass determined by radial velocity monitoring, as 

the orbital inclination has not been reliably determined for any planet except 

HD209458b. We use the same k2p and Qp as we did for HD209458b, but take 

Rp — Rjup because the radii for these objects is unknown. For this table, we have 

only chosen planets whose orbital eccentricities are less than 0.10 because Equation 

2.6 applies only to planets in circular orbits. The critical semimajor axis for planets 

in noncircular orbits has not yet been determined, thus we leave the calculation of 

upper mass limits for satellites around these eccentric planets for future work. 
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Table 2.2: Upper satellite mass limits are determined with Qp = 10®, Rp — Rjup, 
and with Mp = msini. Where no system lifetime was available in the literature, we 
have taken the system age to be 5 Gyr, and those cases are indicated by parenthesis. 
To obtain maximum moon radii, we assume p = 3 g cm"^. We can not place useful 
limits for those planets where maximum masses and radii are not listed. Planets 
with orbital eccentricities greater than 0.1 are excluded due to the difficulty in 
determining the proper value of /. The planet data used to generate this table 
have been formed into a world wide web accessible database of extrasolar planets 
(http://c3po.Ipl.arizona.edu/egpdb). 
* = http://obswww.unige.ch/~udry/plaiiet/hdl68746.html 

Name Star M sin i a e Max Max Reference 
Age i^Jup) (AU) Moon Moon 

(Gyr) Mass 
(Me) 

Radius 
(km) 

HD83443b (5) 0.35 0.038 0.08 8 X 10-« 30 Mayor et al. (2000) 
HD46375b (5) 0.25 0.041 0.04 6 X 10-® 30 Marcy et al. (2000) 
HD187123b (5) 0.52 0.042 0.03 6 X 10-^ 60 Butler et al. (1998) 
HD209458b 5 0.69 0.045 0 7 X 10-^ 70 Fischer et al. (2002) 
HD 179949b (5) 0.84 0.045 0 3 X 10-® 110 Tinney et al. (2001) 
HD75289b (5) 0.42 0.046 0.053 6 X 10-^ 60 Udry et al. (2000) 
BD -10 3166 b (5) 0.48 0.046 0.05 7 X 10-^ 70 Butler et al. (2000) 
T Boo b 2 4.1 0.047 0.051 5 X 10-4 600 Butler et al. (1997) 
51 Pegasus b (5) 0.44 0.051 0.013 2 X 10"® 90 Marcy et al. (1997) 
U And b 2.6 0.71 0.059 0.034 2 X 10-® 190 Butler et al. (1999) 
HD168746b (5) 0.24 0.066 0 2 X 10-® 100 * 

HD130322b (5) 1 0.088 0.044 0.0008 730 Udry et al. (2000) 
55Cnc b 5 0.84 0.11 0.051 0.001 810 Butler et al. (1997) 
G186b (5) 3.6 0.11 0.042 0.1 3950 Queloz et al. (2000) 
HD195019b 3.2 3.5 0.14 0.03 0.8 7090 Fischer et al. (1999) 
GJ876C 5 1.9 0.21 0.1 6 14050 Marcy et al. (2001) 
rho CrB b 10 1.1 0.23 0.028 0.3 5310 Noyes et al. (1997) 
U And c 2.6 2.1 0.83 0.018 Butler et al. (1999) 
HD28185b (5) 5.6 1 0.06 Santos et al. (2001) 
HD27442b (5) 1.4 1.2 0.02 Butler et al. (2001) 
HD 114783b (5) 1 1.2 0.1 Vogt et al. (2002) 
HD23079b (5) 2.5 1.5 0.02 Tinney et al. (2001) 
HD4208b (5) 0.8 1.7 0.01 Vogt et al. (2002) 
47UMa b 6.9 2.5 2.1 0.061 Fischer et al. (2002) 
47UMa c 6.9 0.76 3.7 0.1 Fischer et al. (2002) 

http://c3po.Ipl.arizona.edu/egpdb
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2.4,2 Earth-like Moons 

Our approach can also shed hght on the issue of Earth-like satellites, which we 

define to be moons capable of supporting liquid water. Low-mass satellites do not 

fit this definition due to their inability to retain volatiles (Williams et al., 1997). 

Here we note that high-mass satellites may not survive for long periods around 

close-in planets because planets with low masses have smaller Hill spheres and 

therefore, for a given satellite mass, also have shorter maximum moon lifetimes. To 

calculate in general which giant planets might harbor Earth-like satellites, we use 

Equation 2.8 and constrain ap based on the insolation at the planet, F, relative to 

the Earth's insolation F^ = 1370 W m~^. We use the rough approximation (Hansen 

and Kawaler, 1994) 

5 • (£)" 
for the stellar luminosity, L», together with the insolation at the planet, 

f I = ̂  
% -^o 

to fix the planet's semimajor axis by solving for Up. By plugging the resulting value 

for ttp into Equation 2.8, we can exclude Earth-like moons around planets in systems 

that don't satisfy the inequality 

Mp > 
39 Mrnk2pTRl^fG' 

3/8 ,.273/64 / p s -39/32 

4 V 3 ; Qp 

Equation 2.15 is plotted in Figure 2.3 for the same values of k2p,  Qp,  and / as we 

use for HD209458b, with Rp = Rjup and T — 5 Gyr. 

Williams et al. (1997) found the lower limit Mm > 0.12 M® for moons that 

can retain volatiles over Gyr timescales. Using this mass, we find that Earth-like 

moons orbiting Jovian planets could survive for solar system lifetimes around stars 

with masses greater than 0.15 MQ, and that Earth-mass satellites which receive 

similar insolation to the Earth are stable around all Jovian planets orbiting stars 
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Figure 2.3: Stability of Earth-like moons. For stars of a given mass, we estimate a 
luminosity from Equation 2.13, and then calculate the limits on planet masses that 
allow for the stability of moons with insolation F = 1370 W m~^ and mass 1 MLuna 
(solid line, left), 1 Mwars (solid line, center), and 1 M^arth (solid line, right). Planets 
with the proper (top) and masses above the appropriate solid line might still 
harbor Earth-like satellites after 5 Gyr. For this plot, we have taken Rp = 
and as such the values are not valid for planets with masses less than 0.3 Mjup-
Planet mass limits for very low mass stars where Mp ~ M* are also suspect. From 
this plot we infer that Earth-like satellites of Jovian planets are plausibly stable for 
5 Gyr around most stars with masses greater than 0.15 M©. 
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with M^,  > 0.5 Mq.  Planets with masses less than 0.3 MJUP differ in radius, QP,  and 

interior structure from those with masses greater than 0.3 Mjup- In addition, for 

lower planet masses the planet/satellite mass ratio increases beyond the assumption 

of non-synchronization between the planet and moon. For these reasons, we do not 

treat the question of Earth-like satellites of ice-giant planets (Mp < 0.3Mjup) here. 

The radial-velocity planet most likely to harbor Earth-like moons is 

HD28185b because of its circular, Up — lAU orbit around a star similar to the 

Sun withspectral type G5V and L* = l.OQL© (Santos et al., 2001). Because the 

calculated upper satellite mass for this planet is above 8 M®, we can not rule out 

any satellite masses for this object. Thus, Earth-like moons with any mass could 

plausibly be stable around HD28185b. 

2.4.3 Future Discoveries 

Several missions to search for extrasolar planet transits by high-precision space-

based photometry are in the planning stages and will, if launched, have the capabil

ity of detecting satellites (Sartoretti and Schneider, 1999). The probability that a 

given planet will transit across its parent star decreases with planetary orbital semi-

major axis as l/ap. Hence these surveys will preferentially detect planets in orbits 

close to their parent stars. However, we have shown that it is unlikely that these 

close-in objects will harbor satellites. Therefore satellite transits are most likely to 

be detected around planets orbiting at moderate distances from their parent star ( 

0.3AU < flp < 2AU), even though planet transits are most likely at small orbital 

distances. If a satellite were detected, Equation 2.9 could be used to place limits 

on the planetary tidfil dissipation parameter Qp. By using extreme values of the 

lifetimes, masses, and possible values Qp that may exist, we estimate this process 

will not significantly affect planets more than 0.6AU from their parent star, leaving 

any satellite systems they might posess intact. 
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CHAPTER 3 

Extrasolar Oblateness 

This chapter was originally published in The Astrophysical Journal as Barnes and 

Fortney (2003). 

3.1 INTRODUCTION 

Discovery of a transiting extrasolar planet, HD209458b (Charbonneau et al., 2000; 

Henry et al., 2000), has provided one mechanism for researchers to move beyond 

the discovery and into the characterization of extrasolar planets. Precise Hubble 

Space Telescope measurements of HD209458b's transit lightcurve revealed the radius 

(1.347 ± 0.060Rjup) and orbital inclination (86.68° ± 0.14°, from impact parameter 

0.508) of the planet, which, along with radial velocity measurements, unambiguously 

determine the planet's mass (0.69±0.05Mjup) and density (0.35g cm~^; Brown et al. 

(2001). Of the over 100 extrasolar planets discovered so far, this large radius makes 

HD209458b the only one empirically determined to be a gas giant. 

Knowledge of a planet's cross-sectional area provides a zeroeth order deter

mination of its geometry, and the HST photometry is precise enough to constrain 

the shape of HD209458b to be rounded to first order. While a planet transits the 

limb of its star, the rate of decrease in apparent stellar brightness is related to the 

rate of increase in stellar surface area covered by the planet in the same time inter

val. We investigate whether it is possible to use this information to determine the 

shape of the planet to second order. 
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Rotation causes a planet's shape to be flattened, or oblate, by reducing the 

effective gravitational acceleration at the equator (as a result of centrifugal accel

eration) and by redistributing mass within the planet (which changes the gravity 

field). Oblateness, /, is defined as a function of the equatorial radius {Req) and the 

polar radius (Rp):  

(3.1) 
^eq 

For Jupiter and Saturn, high rotation rates and low densities result in highly oblate 

planets: fjupiter = 0.06487 and fsatum — 0.09796, compared to fEarth = 0.00335. 

An earlier investigation of the detectability of oblateness in transiting ex-

trasolar planets was published by Seager and Hui (2002). Our work represents an 

improvement over Seager and Hui (2002) in the use of model fits to compare oblate 

and spherical planet transits, the use of the Darwin-Radau relation to associate 

oblateness and rotation, and a thorough investigation of the degeneracies involved 

in fitting a transit lightcurve. 

In this paper, we investigate the reasons for measuring planetary rotation 

rates, the relationship between rotation rate and oblateness for extrasolar giant 

planets, the effect of oblateness on transit lightcurves, and the prospects for deter

minating the oblateness of a planet from transit photometry. 

3.2 EXOPLANETS AND ROTATION 

While knowledge of a planet's mass and radius provides information regarding com

position and thermal evolution, measurements of rotation and obliquity promise to 

constrain the planet's formation, tidal evolution, and tidal dissipation. What these 

data might reveal about a planet depends on whether the planet is unaffected by 

stellar tides, slightly affected by tides, or heavily influenced by tides. 
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3.2.1 Tidally Unaffected 

The present-day rotation rate of a planet is the product of both the planet's for

mation and its subsequent evolution. Planets at sufficiently large distances from 

their parent stars are not significantly affected by stellar tides, thus these objects 

rotate with their primordial rates altered by planetary contraction and gravitational 

interactions between the planet, its satellites, and other planets. To the degree that 

a planet's rotational angular momentum is primordial, it may be diagnostic of the 

planet's formation. Planets formed in circular orbits from a protoplanetary disk 

inherit net prograde angular momentum from the accreting gas, resulting in rapid 

prograde rotation (Lissauer, 1995). Planets that form in eccentric orbits receive less 

prograde specific angular momentum than planets in circular orbits, and as a result 

they rotate at rates varying from slow retrograde up to prograde rotations similar 

to those of circularly accreted planets (Lissauer et al., 1997). Thus, comparing the 

current-day rotation rates for planets in circular and eccentric orbits may reveal 

whether extrasolar planets formed in eccentric orbits or acquired their eccentricity 

later from dynamical interactions with other planets or a disk. 

The orientation of a planet's rotational axis relative to the vector perpen

dicular to the orbital plane, the planet's obliquity or axial tilt t, can also pro

vide insight into the planet's formation mechanism. Jupiter's low obliquity (3.12°) 

has been suggested as evidence that its formation was dominated by orderly gas 

flow rather than the stochastic impacts of accreting planetesimals (Lissauer, 1993). 

Tidally unevolved extrasolar planets determined to have high obliquities could be 

inferred either to have formed differently than Jupiter or to have undergone large 

obliquity changes as has been suggested for Saturn (t = 26.73°;Ward and Hamilton 

(2002)). 
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3.2.2 Tidally Influenced 

Tidal interaction between planets and their parent stars slows the rotation of those 

planets with close-in orbits (Guillot et al., 1996). This tidal braking continues until 

the net tidal torque on the planet becomes zero. Whether a planet reaches this end 

state depends on its age, radius, semimajor axis, and the planet : star mass ratio. 

The rate of tidal braking also depends on the parameter Q, which represents 

the internal tidal dissipation within the planet. The value of Q is poorly constrained 

even for the planets in our own solar system (Goldreich and Soter, 1966). Neverthe

less, measurements of extrasolar planet rotation rates could constrain Q for these 

planets based on the degree of tidal evolution that has taken place (Seager and Hui, 

2002). 

Tidal braking for objects with nonzero obliquity can, somewhat counterin-

tuitively, act to increase an object's obliquity. Tidal torques reduce the component 

of a planet's angular momentum perpendicular to the orbital plane faster than 

they reduce the component of the planet's angular momentum in the orbital plane 

(Peale, 1999). This occurs because at solstice the planet's induced tidal bulge is 

not carried away from the planet's orbital plane by planetary rotation. Therefore 

for large fractions of the year stellar tidal torques do not act to right the planet's 

spin axis, while torques that reduce the angular momentum perpendicular to the 

orbital plane act year-round. As a result, planets that have undergone partial tidal 

evolution can exhibit temporarily increased obliquity as the planet's rotation rate 

decreases. Eventually, such a planet reaches maximum obliquity and thereafter 

approaches synchronous rotation and zero obliquity simnultaneously. Planets un

dergoing tidal evolution may be expected to have higher obliquities on average than 

planets retaining their primordial obliquity. 
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3.2.3 Tidally Dominated 

The end state of tidal evolution for planets in circular orbits is a 1 : 1 spin-orbit 

synchronization between the planet's rotation and its orbital period, along with 

zero obliquity. However, most of the extrasolar planets discovered thus far are on 

eccentric orbits (Marcy et al., 2000) (we sometimes shorten 'planets on eccentric 

orbits' to 'eccentric planets' even though the eccentricity is not inherent to the 

planet). Thus these eccentric planets will never reach 1 : 1 spin-orbit coupling as a 

result of tidal evolution because the tidal torque (Eq. 3.2) on the planet from its 

star is much stronger (due to the dependence) near periapsis. 

The tidal torque between a planet and star is given by (Murray and Der-

mott, 2000) 
3 k 2 G M ^ R '  

rp_, = - sgn{Q. - (j)) , (3.2) 

where k2 is the planet's Love number, R its radius, Q. its rotation rate (in radians per 

second), 0 the instantaneous orbital angular velocity (also in radians per second), 

and r is the instantaneous distance between the planet and star. The function 

sgn(a;) is equal to 1 if a? is positive and —1 if a; is negative. The magnitude of 

the stellar perturbation is proportional to GM^, the product of the stellar mass 

(M„) squared and the gravitational constant (G). The planet is spun down by tidal 

torques if its rotation is faster than its orbital motion (Q > 0), and it is spun up if 

its rotation is slower than the orbital motion (fi < 0). 

If an eccentric planet were in a 1 : 1 spin-orbit state, it would be spun up 

by the star when its orbital angular velocity is greater than average near periapsis, 

and it would be spun down when the orbital angular velocity is low near apoapsis. 

The total positive tidal torque induced while the planet is in close will exceed the 

negative torque while it is far away, despite the shorter time spent near periapsis. 

Thus to be in rotational equilibrium with respect to stellar tides, an eccentric, fluid 

planet must rotate faster than its mean motion. 
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The Earth's moon avoids this fate because it has a nonzero component of 

its quadrupole moment in its orbital plane. The torque that the Earth exerts on 

this permanent bulge exceeds the net tidal torque imparted on the moon due to its 

eccentric orbit, keeping the Moon in synchronous rotation (Murray and Dermott, 

2000). Fluid planets, however, have no permanent quadrupole moment and thus 

have no restoring torque competing with the stellar tidal torques (Greenberg and 

Weidenschilling, 1984). Tidal evolution ceases for these bodies when the net torque 

per orbit is zero, which can only be achieved by supersynchronous rotation. 

The precise rotation rate necessary to balance the tidal torques over the 

eccentric orbit depends on how Q varies with the tidal forcing frequency (the differ

ence between the rotation rate and instantaneous orbital angular velocity, Qp — (pp). 

Conventionally, Q has been assumed to be either independent of the forcing fre

quency or inversely proportional to it (Goldreich and Peale, 1968). The resulting 

equilibrium spin-orbit ratios as a function of eccentricity for each of these cases are 

plotted in Figure 3.1. 

Probably both of these assumptions for the behavior of Q are too simple. 

In particular, if the behavior of Q changes under a varying tidal forcing frequency 

{Qp — <j)p is a function of time), then the tidal equilibrium rotation rate would differ 

significantly from that plotted in Figure 3.1. Measurement of rotational rates of 

eccentric extrasolar planets in tidal equilibrium could, in principle, either differen

tiate between these two models or suggest other frequency dependences, shedding 

light on the yet unknown mechanism for tidal dissipation within giant planets. 

3.3 ROTATION AND OBLATENESS 

Rotation affects the shape of a planet via two mechanisms: gravity must provide 

centripetal acceleration, thus the higher velocity at the equator causes the planet 

to bulge by transfer of mass from polar regions; and, secondarily, the redistributed 
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Figure 3.1: Spin to orbital mean motion ratios for tidally evolved fluid planets in 
equilibrium. The solid line represents the ratio as calculated under the assumption 
of a frequency-indenpendant tidal dissipation factor q, and the dashed line is cal
culated assuming q oc frequency"^. Under these assumptions, extremely eccentric 
planet HD80606b (e = 0.93) would, if allowed to come to tidal equilibrium, rotate 
over 90 times faster than its mean orbital motion! 
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mass alters the planet's gravitational field and attracts even more mass toward the 

equatorial plane. The ratio of the required centripetal acceleration at the equa

tor to the gravitational acceleration, q, represents the relative importance of the 

centripetal acceleration term: 

where Q is the rotation rate in radians per second, Mp is the mass of the planet, 

and Reg is the planet's equatorial radius (Murray and Dermott, 2000). 

We use the Darwin-Radau relation to relate rotation and oblateness ac

counting for the gravitational pull of the shifted mass: (Murray and Dermott, 2000): 

where c  is the planet's moment of inertia around the rotational axis and C is 

shorthand for The Darwin-Radau relation is exact for uniform density 

bodies (C = 0.4), but is only an approximation for gas giant planets (C ~ 0.25; 

Hubbard (1984). 

By combining Equation 3.3 and Equation 3.4, we arrive at a relation for 

rotation rate, Q, as a function of oblateness, /: 

For our solar system, the Darwin-Radau relation yields rotation periods accurate 

to within a few percent (Table 3.1) using model-derived moments of inertia from 

Hubbard and Marley (1989). 

Extending the Darwin-Radau relation to extrasolar planets requires esti

mation of the appropriate moment of inertia coefficients, C, for those planets. For 

transiting planets whose masses and radii are known, we use a self-consistent hydro-

dynamic model of the planet and assumptions about its composition to estimate C 

(3.4) 

(3.5) 
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Table 3.1: Comparison of calculated rotation rates from the Darwin-Radau 
approximation (Equation 3.4) to actual rotation rates for selected planets in our 
solar system. 
^ Hubbard and Mar ley (1989) 
* assumed 

Planet f C Calculated Actual Error 
Period Period 

Jupiter 0.06487 0.26401^ 10.1609 hr 9.92425 hr 2.38% 
Saturn 0.09796 0.22037^ 10.8817 hr 10.6562 hr 2.12% 
Uranus 0.02293 0.2268 1 16.6459 hr 17.24 hr 3.45% 
Neptune 0.01708 0.23 * 16.8656 hr 16.11 hr 4.69% 
Earth 0.00335 0.3308 23.8808 hr 23.9342 hr 0.223% 
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following Fortney and Hubbard (2002). To first order, C is independent of oblate-

ness due to similar symmetry around the rotational axis, so our hydrodynamic 

model does not need to explicitly incorporate oblateness. The Darwin-Radau re

lation and spherically symmetric hydrodynamic models provide sufficient precision 

for the current work; however, to estimate the oblateness as a function of rota

tion more robustly, a two-dimensional interior model involving both rotational and 

gravitational forces should be used (e.^., Hubbard and Marley (1989). 

Under the spherically symmetric assumption, we calculate the C of Jupiter 

to be 0.277 with no core and 0.253 with a 20 M® core, and we calculate the C of 

Saturn to be 0.225 with a core (we are unable to calculate the interior structure 

of Saturn without a core due to deficiencies in our knowledge of the equation of 

state). Using these moments of inertia instead of the measured ones listed in Table 

3.1 yields similar rotation errors of a few percent. We apply our model to generic 

1.0 Rjup extrasolar giant planets of varying masses and architectures in Figure 3.2. 

For HD209458b, our models calculate C to be 0.218 with no core and 0.185 

with a 20 M® core. To estimate the oblateness of HD209458b assuming synchronous 

rotation, we rearrange Equation 3.5 to solve for /, 

and then use the synchronous rotation rate ̂  = 2.066 x 10~^ radians per second to 

obtain / = 0.00285 with no core and / = 0.00256 with a 20 M© core. These results 

imply an equator-to-pole radius difference of ~ 200 km, which, although small, is 

still comparable to the atmospheric scale height at 1 bar, ~ 700 km. 

Showman and Guillot (2002) suggest that zonal winds on HD209458b may 

operate at speeds up to ~ 2 km s~^ in the prograde direction, and Showman and 

Guillot (2002) go on to show that these winds might then spin up the planet's 

interior, possibly to commensurate speeds of several hundred m s~^ up to a few 

-1 
Q2 

G Mp 
(3.6) 
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Figure 3.2: The moment of inertia coefficient, C, as a function of planet mass for 
hypothetical generic 1.0 Rjup extrasolar giant planets. Extrasolar giant planets may 
or may not possess rocky cores depending on their formation mechanism, so we plot 
C for both no core (upper curve) and an assumed 20 M© core (lower curve). 
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km 5"^ (though the model of Showman and Guillot (2002) does not treat the outer 

layers and interior self-consistently). This speed is a non-negligible fraction of the 

orbital velocity around the planet at the surface, 30 km s~^, and is also comparable 

to the planet's rotational velocity at the equator, 2.0 km s~^ As such, if radiatively 

driven winds prove to be important on HD209458b they would affect the planet's 

oblateness. We use the rotation rate implied by the Showman and Guillot (2002) 

calculations to provide an upper limit for the expected oblateness of HD209458b. 

If the entire planet were spinning at its synchronous rate plus 2 km s~^ at the 

cloud tops, the rotational period would be halved to 1.8 days, with a corresponding 

oblateness of 0.0109 and 0.0098 for the no core and core models respectively. 

During revision of this paper, Konacki et al. (2003a) announced the dis

covery of a second transiting planet. This new planet, OGLE-TR-56b, has a radius 

of 1.3 Rjup, a mass of 0.9 Rjup, and an extremely short orbital period of 1.2 days. 

Although these parameters are less constrained than those for HD209458b, we pro

ceed to calculate that the oblateness of this new object should be 0.017 with no 

core and 0.016 with a 20 M® core, for C of 0.228 and 0.204 respectively. 

Current ground-based transit searches detect low-luminosity objects like 

brown dwarfs and low-mass stars in addition to planets. However, the high surface 

gravity for brown dwarfs and lower main sequence stars leads to low values of q and 

very small oblatenesses for those objects. For a 13Mjup brown dwarf with l.ORjup 

in an HD209458b-like 3.52 day orbit, the expected oblateness is only 0.00007. Mea

suring oblateness will therefore only be practical for transiting planets and not for 

other transiting low-luminosity bodies. 

We also note that the measurement of oblateness along with an independent 

measurement of a planet's rotation rate Vl would determine the planet's moment of 

inertia. This would provide a direct constraint on the planet's internal structure, 

possibly allowing inferences regarding the planet's bulk hehum fraction and/or the 
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presence of a rocky core. 

3.4 OBLATENESS AND TRANSIT LIGHTCURVES 

3.4.1 Transit Anatomy 

Brown et al. (2001) (hereafter BCGNB) investigated the detailed structure of 

a transit lightcurve while studying the Hubble Space Telescope lightcurve of the 

HD209458b transit. Figure 3.3 relates transit events to corresponding features in 

the lightcurve, modeled after BCGNB Figure 4. The flux from the star begins to 

drop at the onset of transit, known as the first contact. As the planet's disk moves 

onto the star, the flux drops further, until at second contact the entire planet disk 

blocks starlight. Third contact is the equivalent of second contact during egress, 

and fourth contact marks the end of the transit. Due to stellar limb darkening the 

planet blocks a greater fraction of the star's light at mid-transit than at the second 

and third contacts, leading to curvature at the bottom of the transit lightcurve. 

For a given stellar mass, M*, the total transit duration, I, is a function of 

the transit chord length and the orbital velocity. We assume a circular orbit, which 

fixes the planet's orbital velocity. The chord length depends on the stellar radius, 

i?*, and the impact parameter, b. The impact parameter relates to i, the inclination 

of the orbital plane relative to the plane of the sky, as 

^ |acos(z)| 

r. ' 

where a is the semimajor axis of the planet's orbit. 

{3.7) 

The duration of ingress and egress, is the time between first and second 

contact, and is a function of i?p, i?*, and b (or i). Transits with 6 ~ 0 have smaller 

w than transits with higher b. For transits with 6 ~ 1, called grazing transits, w is 

undefined because there is no second or third contact. 



Figure 3.3: Anatomy of a transit, after BCGNB. 
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The total transit depth, d, fixes the ratio Rp/R^:, where Rp is the radius of 

the planet (except in the case of grazing transits). 

The magnitude of the curvature at the bottom of the transit lightcurve, r],  

determines the stellar limb darkening. We use limb darkening parameters ui and 

U2, or ci and C2, which we define mathematically in Section 3.4.2. 

3.4.2 Methods 

We calculate theoretical transit lightcurves by comparing the amount of stellar flux 

blocked by the planet to the total stellar flux. The relative emission intensity across 

the disk of the star is greatest in the center and lowest along the edges as a result of 

limb darkening. Many parameterizations of limb darkening exist (see Claret (2000)); 

however, we use the one proposed by BCGNB because it is the most appropriate 

for planetary transits. 

The emission intensity at a given point on the stellar disk, I ,  is parame

terized as a function oi jj, — cos(sin~^(/9/i?»)), where p is the projected (apparent) 

distance between the center of the star and the point in question. BCGNB de

fined a set of two limb darkening coefficients, which we call Ci and C2, that are are 

equivalent to 
klj) „ (1 -/^)(2-/^) (1-/^)/^ .OON ^ +02-^—. (3.8) 

The advantage of this limb darkening function is that Ci describes the magnitude 

of the darkening, while C2 is a correction for curvature. This makes the BCGNB 

coefficients particularly useful for fitting transit observations because a good fit to 

data can be achieved by fitting only for the Ci coefficient. 

Our algorithm for calculating the lightcurve takes advantage of the sym

metry inherent in the problem: that /(/i) depends only on p and not on the angle 

a r o u n d  t h e  s t a r ' s  c e n t e r ,  6 .  W e  e v a l u a t e  t h e  a p p a r e n t  s t e l l a r  f l u x  a t  t i m e  r ,  F { T ) ,  
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relative to the out-of-transit flux Fq, by subtracting the amount of stellar flux 

blocked by the planet from Fq: 

nR, 

Fo= '2. i r l {p)  dp , (3.9) 
Jo 

pr* 
Fbiocked= 2nl {p)  x{p,r )  dp ,  (3.10) 

Jo 

and 

f(t) = ~ , (3.11) 

where x{p,  r )  is the fraction of a ring of radius p and width dp covered by the planet 

at time r. In effect, we split the star up into inflnitesimally small rings and add 

up the fluxes in Equation 3.9, then we determine how much of each of these rings 

is covered by the planet in Equation 3.10. We calculate the integrals numerically 

using Romberg's method (Press et al., 1992); x{r, t) is evaluated numericaUy as well 

— there is no closed form general analytical solution to the intersection of an ellipse 

and a circle. 

This algorithm is more efficient than the raster method used by Hubbard 

et al. (2001) for planets treated as opaque disks because the use of symmetry and 

Romberg integration minimize the number of computations of the stellar intensity, 

/M. 

3.4.3 Results 

To illustrate the effect oblateness has on a transit lightcurve, we calculate the differ

ence between the lightcurve of an oblate, zero obliquity planet and that of a spherical 

planet with the same cross-sectional area. For familiarity, we adopt the transit pa

rameter values measured by BCGNB for the HD209458b transit: rp = 1.347Rjup, 

= 1.146Ro, and cj = 0.640. Plots of the oblate-spherical differential as a func

tion of impact parameter are shown in Figure 3.4. 
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Figure 3.4: Oversimplified model of the effect of oblateness on a transit lightcurve. 
We plot the differences between the lightcurve of an oblate planet and the lightcurve 
of a spherical planet with the same cross-sectional area, F/=o,i(0 — -P/=o.o(0 while 
holding all other transit parameters, i?*, Rp, b, and Ci the same and setting these 
values equal to those values measured by BCGNB for HD209458b. The top panel 
plots the lightcurve differential for impact parameters b = 0.0 (solid line), b ~ 0.3 
(dashed line), and b = 0.6 (dot-dashed line). An oblate planet for b < 0.7 encoun
ters first contact before, and second contact after, the equivalent spherical planet, 
resulting in the initial negative turn for F/=o.i(^) ~ •P/=o.o(0) subsequent pos
itive section of the curve for these impact parameters. In the bottom panel, we 
plot the differential Hghtcurve for b = 0.8 (solid line), b = 0.9 (dashed line), and 
b = 1.0 (dot-dashed line). For b > 0.7, under otherwise identical conditions, an 
oblate planet first encounters the limb of the star after the equivalent spherical 
planet, and last touches the limb later on ingress. For b = 0.9, because Rp > 0.1 
there is no second contact, i.e. the transit is partial, so the flux differential does 
not return to near zero, even at mid-transit. The middle plot shows the lightcurve 
differential at the changeover point between these two regimes, where b — 0.7. 



63 

For nearly central transits, an oblate planet encounters first contact before, 

and second contact after, the equivalent spherical planet. This situation causes the 

oblate planet's transit lightcurve initially to dip below that of the spherical planet. 

However, near the time when the planet center is covering the limb of the star, each 

planet blocks the same apparent stellar area and the stellar flux difference is zero. 

As the two hypothetical transits approach second contact, this trend reverses and 

the spherical planet starts blocking more light than the oblate one until the oblate 

planet nearly catches up at second contact. Between second and third contacts, the 

lightcurve differences are slightly nonzero because the two planets cover areas of the 

star with differing amounts of limb darkening. The lightcurves are symmetric, such 

that these effects repeat themselves in reverse upon egress. 

At high impact parameters (nearly grazing planet transits) the opposite 

occurs. First contact for the oblate planet occurs after that for the spherical planet, 

because the point of first contact on the planet is closer to the pole than to the 

equator. In this scenario, the oblate planet's transit flux starts higher than, becomes 

equivalent to, and then drops below that of the spherical planet before returning to 

near zero for the times between second and third contact. In the case of a grazing 

transit, this sequence is truncated because there is no second or third contact. 

The boundary between these two regions occurs when the local oblate 

planet radius at the point of first contact is equal to Rea, the radius of the equil-

valent spherical planet. For planets that are small compared with the sizes of their 

stars {Rp i?*) and that have low oblateness (/ < 0.1), this transition occurs 

when 9 = n/i (from Figure 3.3) and b = \/2/2 = 0.707. The flux difference be

tween transits of oblate planets and that for spherical planets, all else being equal, 

is at a minimum at this point and deviates from zero because the rate of change in 

stellar area covered is different for the two planets. First, second, third, and fourth 

contacts all occur at nearly the same time for each planet. However, if all else is 

not equal, as is usually the case since the stellar parameters are poorly constrained, 
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then this result is misleading and does not represent the detectability of planetary 

oblatness. 

3.5 TRANSIT LIGHTCURVES AND EXOPLANETS 

To test whether these flux differences are detectable, we use a Levenberg-Marquardt 

curve-fitting algorithm adapted from Press et al. (1992) to fit model transits to both 

the hst HD209458b lightcurve and hypothetical model-generated lightcurves by 

minimizing As a test, we fit the hst HD209458b transit lightcurve and obtain 

FU = 1.142RQ, Rp = 1.343Rjup, i = 86.72° {h = 0.504), ci = 0.647, and C2 = -0.065 

with a reduced of 1.05, consistent with the values obtained by BCGNB. 

In order for planetary oblateness to have a noticeable effect on a transit 

lightcurve, it must be distinguishable from the lightcurve of a spherical planet. 

For a spherical planet transit model, the combination of transit parameters that 

correspond to the lightcurve that best simulates the data from an actual oblate 

planet transit become the measured values, and these measured quantities may not 

be similar to the actual values. Therefore to consider the detectability of planetary 

oblateness, we compare oblate planet transit lightcurves to those of the best-fit 

spherical planet lightcurve instead of to the lightcurve of a planet that differs from 

the actual values only in the oblateness parameter (as we did in Section 3.4.3). 

3.5.1 Zero Obliquity 

We compare a model transit of an oblate planet (/ = 0.1) with zero obliquity, as is 

the case for a tidally evolved planet, to the transit of the best-fit spherical planet in 

Figure 3.5 and Figure 3.6. The oblate planet transit signature is muted in each when 

compared to Figure 3.4 due to a degeneracy between the fitted parameters R^:, Rp, 

b, and the oblateness /. This degeneracy is introduced by the unconstrained nature 
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of the problem: in essence, we are trying to solve for 5 free parameters, Rp, b,  Ci,  

and /, given just 4 constraints, d, w, I, and r} assuming (as BCGNB did) knowledge 

of the stellar mass M^,. Without assuming a value for M*, absolute timescales 

for the problem vanish, yielding a similar conundrum of solving for Rp/R*, b,  Ci,  

and / given only d, 77, and w/l. The previous two sentences are intended only 

to be simplifications, as at higher photometric precision more information about 

the conditions of the transit is available. Hereafter we assume knowledge of M*, 

though this analysis could also have been done without this assumption, or with 

an assumed relation between M* and i?* as proposed by Cody and Sasselov (2002). 

Changes in R^., Rp, and b mimic the signal of an oblate planet by altering the ingress 

and egress times while maintaining the total transit duration by keeping the chord 

length constant. 

For planets transiting at low impact parameter (b < 0.7), an oblate planet's 

longer ingress and egress (higher w from Figure 3.3) are fit better using a spheri

cal model with a higher impact parameter than actual, thus lengthening the time 

between first and second contact. Since for a given star transits at higher impact 

parameter have shorter overall duration, the best-fit spherical model has a larger 

i?* than the model used to generate the data to maintain the chord length, and 

thus a larger Rp to maintain the overall transit depth. 

Similarly, for simulated lightcurve data from a transiting oblate planet at 

high impact parameter {b > 0.7), the best-fit spherical model has a lower impact 

parameter than the simulated planet to increase the duration of ingress and egress. 

For these planets, the fitted spherical parameters have smaller R* and Rp than the 

simulated planet to maintain the character of the rest of the lightcurve. 

Oblate planets that have impact parameters near the critical value, b ~ 

0.7, cannot be as easily fit using a spherical model because changes in the impact 

parameter of the fit cannot increase the duration of ingress and egress. For these 
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Figure 3.5; Detectable difference between the hghtcurve of an oblate (/ = 0.1) 
planet and the best-fit  spherical model, fitting for Rp, b,  and ci. Higher b 

combined with larger values for and Rp simulate the lenghened ingress and 
egress of an oblate planet, diminishing the difference between oblate and spherical 
planets from Figure 3.4 for planets with b < 0.7 (upper panel: solid line, b = 0.0; 
dashed line, b — 0.3; dotted line, b = 0.5). For planets near b = 0.7, the length of 
ingress and egress cannot be simulated by higher b, and as a result the transit signal 
is highest for these planets (middle panel: solid line, b — 0.6; dashed line, b — 0.7; 
dotted line, b = 0.8). Above the critical value, b > 0.7, the oblate planet's signal can 
be simulated by lowering b for the spherical planet fit, reducing the detectability of 
oblateness (lower panel: solid line, b = 0.9; dashed line, b = 1.0). It is very difficult 
to determine the oblateness for planets involved in grazing transits (6 ~ 1.0). The 
magnitude of the detectability difference is proportional to / to first order, hence 
to estimate the detectability of a planet with arbitrary oblateness, multiply the 

differences plotted here by • 
U.i •K/J02O94586 
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Figure 3.6; Detectable difference between the lightcurve of an oblate (/ = 0.1) 
planet and its best-fit spherical model with 5 parameters: i?*, Up, b, ci, and C2. 
As in Figure 3.5, differing values for R^, Rp, and b for a spherical planet transit 
can allow it to mimic the transit of an oblate planet. With the addition of C2, the 
fit is much better for planets transiting at low impact parameter. (Upper panel: 
solid line, b = 0.0; dashed line, b = 0.3; dotted line, b = 0.5. Middle panel: solid 
line, b — 0.6; dashed line, b = 0.7; dotted line, b = 0.8. Lower panel: solid line, 
b = 0.9; dashed line, b = 1.0.) The differences for the 5 parameter, like those for 

f 
the 4 parameter model, vary as — . 

U.i ^hD2094586 

[ 1 1 1 1 1 i 1 1 
— b= 0.1,0.3,0.5 

1 1 1 1 1 1 1 1 

• 

1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 t i l l  
— ^=0,6,0,7,0 

- A'' /A / 1 \ 

1 1 1 1 
8-\ 

'• 

1 1 1 1 

/ V 
; / 

1 1 1 1 

\ \ 

1 "/ i' \ — : • 1 / / ' i \ l  \  I f. \ }  
Vi i \  !  

1 1 1 f"' 

h • ; 
V 

1 1 1 1 

i i 1/ 
: 

1 1 1 1 
W ^ 

'•"l 1 1 1 i 1 1 f 
— b= 0.9, 1.0 

1 1 1 1 1 1 1 1  1 1 1 1 

1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 



68 

planets, the difference between the oblate planet transit lightcurve and the best-

fit spherical planet transit lightcurve is maximized, providing the largest possible 

photometric signal with which to measure oblateness. 

At present, it is necessary to fit for and stellar limb-darkening parameters 

because of our limited knowledge of these values for the host stars of transiting 

planets. If R^: were known to sufficient accuracy (less than 1%), then with knowledge 

of M* the degeneracy between i?*, Rp, and b would be broken, allowing measurement 

of planetary oblateness without fitting. However, without assumptions about the 

stellar mass, knowledge of R^, would only help to constrain M*. Cody and Sasselov 

(2002) show that, for the star HD209458, current evolutionary models combined 

with transit data serve to measure the stellar radius to a precision of only 10%. 

In Figure 3.5 we plot the difference between the transit lightcurve of a 

hypothetical planet with the characteristics of HD209458b but an oblateness / = 

0.1, and that planet's best-fit spherical model fitting for i?*, Rp, b, and ci. For low 

values of the impact parameter, b < 0.5, the best-fit spherical lightcurve emulates 

the oblate planet's ingress and egress while leaving a subtly different transit bottom 

due to the planet traversing a differently limb-darkened chord across the star. The 

magnitude of the difference is approximately a factor of 10 smaller than the non-fit 

difference from Figure 3.4. Near the critical impact parameter, b — 0.7, the transit 

lightcurve bottoms are very similar since the best-fit b is very similar to the actual 

oblate planet's impact parameter; however, the ingress and egress differ in flux by 

a few parts in 10^ for / = 0.1. For grazing transits, 6 ~ 1.0, the best-fit spherical 

model's lightcurve is indistinguishable from the oblate planet transit lightcurve even 

at the 10~® relative accuracy level. 

Figure 3.6 shows the same differences as in Figure 3.5, but with a second 

stellar limb darkening parameter, BCGNB's C2, also left as a free parameter in 

the fit. Including C2 in the fit allows the fitting algorithm to match the transit 
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bottom (the time between second and third contacts) better. This effect leads to 

excellent fits of oblate planet transits using spherical planet models and reduces the 

detectable difference to less than one part in 10® for 0.0 < b < 0.5 and b > 0.9 using 

HD209458 stellar and planetary radii and an oblateness of / = 0.1. For b = 0.0 and 

b = 1.0 the spherical model emulates an oblate transit particularly well, with the 

differences between the two being only a few millionths of the stellar flux. 

In both the 4- and 5-parameter zero-obliquity models, it is easiest to mea

sure the effects of oblateness on the transit light curve for transits near the critical 

impact parameter. For HD209458 values with / = 0.1, the oblateness signal then 

approaches 3 x 10~® for tens of minutes during ingress and egress and peaks near 

b = 0.8 instead of the critical value of 6 = 0.7 due to the finite radius of HD209458b 

relative to its parent star. 

Based on observations of the Sun, Borucki et al. (1997) expect the intrinsic 

stellar photometric variability on transit timescales to be 10 Jenkins (2002) 

used 5 years of 3 minute resolution SOHO spacecraft data to deduce the noise 

power spectrum of the Sun. These noise effects are close enough in magnitude to 

the transit signal so as to affect the detectability of a transiting oblate planet. 

Future high-precision space-based photometry missions such as MOST and 

Kepler may be able to detect the effect for highly oblate transiting extrasolar plan

ets, but the S/N ratio could be so low as to make unambiguous measurements of 

oblateness diffucult to obtain. 

If an observer were to fit photometric timeseries data from a transit of an 

oblate planet without fitting explicitly for the oblateness / (as, for instance, if the 

precision is insufficient to measure /), the planet's oblateness will be manifest as 

an astrophysical source of systematic error in the determination of the other transit 

parameters. Figure 3.7 shows the effect that oblateness has on the stellar radius, 

planetary radius, impact parameter, and limb darkening coefficient for HD209458b. 
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This variation is a strong function of the planet's impact parameter. In Figure 3.8, 

we show the how this systematic variation changes as a function of the initial impact 

parameter for the HD209458b system. As a severe but still physical example, an 

HD209458b-like planet with oblateness / = 0.1 that transits at b = 0.0 would be 

measured to have radii 2% above actual and an impact parameter nearly 0.3 above 

the real impact parameter. 

HD209458b 

To illustrate the robustness of the degeneracy between R^, Rp, b,  and / discussed 

in Section 3.5.1, we fit the hst lightcurve from BCGNB using a planet with a 

fixed, large oblateness of 0.3(!). The best-fit parameters were R* — 1.08 Rq, Rp = 

1.26 Rjup, b = 0.39, and ci = 0.633 with a reduced — 1-06 — indistinguishable 

in significance from the spherical planet model! Although unlikely, a high actual 

oblateness for HD209458b could alter the measured value for the planet's radius 

into better agreement with theoretical models. 

The expected detectability of oblateness for HD209458b is extremely low. 

During ingress and egress the transit lightcurve for HD2G9458b should differ from 

that of the best-fit spherical model by only one part in 10® for / = 0.01 and at 

the level of 3 x lO"'^ if / = 0.003. For comparison, the BCGNB hst photometric 

precision is 1 x 10~^. 

Although the systematic error in the determination of transit parameters 

can be important for highly oblate planets, it is not at all significant for HD209458b. 

Assuming HD209458b has an oblateness of / = 0.003 as calculated in Section 3.3, 

the fitted radii are only ~ 0.05% above the actual radii, and the fitted impact 

parameter is 0.0006 above what the actual impact parameter should be. 
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OGLE-TR-56b 

Measuring the oblateness of the new transiting planet OGLE-TR-56b (Konacki 

et al., 2003a), / = 0.016 (see Section 3.3), would require photometric precision 

down to at least 4 x 10~®. Since the impact parameter for this object is as yet 

unconstrained, the above precision corresponds tob — 0.7. For other transit geome

tries, higher precision photometry would be necessary to measure the oblateness of 

this object. 

3.5.2 Nonzero Obliquity 

We plot the detectability of oblateness and obliquity for planets with nonzero obliq

uity in Figure 3.9. Here we define the projected obliquity (which we refer to as 

just obliquity hereafter), or axial tilt t, as the angle between the orbit angular mo

mentum vector and the rotational angular momentum vector projected into the 

sky plane, measured clockwise from the angular momentum vector (see Figure 3.3). 

The major effect of nonzero obliquity is to introduce an asymmetry into the transit 

lightcurve (Hui and Seager, 2002). 

The plots in Figure 3.9 are difference plots for planets with different obliq

uities and impact parameters, yet all have the same shape qualitatively. In trying to 

fit the asymmetric ingress and egress lightcurves, the best-fit spherical planet splits 

the difference between them. For planets with 0 < t < 7r/2, this process yields a 

difference curve that initially increases as the spherical planet covers the star at a 

faster rate than does the oblate planet. Because of the asymmetric nature of the 

problem, however, the egress of the oblate planet takes longer than the spherical 

one, causing an initial upturn near third contact. The transit lightcurve difference 

for planets with 0 > t > —7r/2 is equal to the one for 0 < t < 7r/2, but reversed in 

time. 
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Figure 3.9: Detectability of oblateness and obliquity relative to the best-fit spherical 
model for planets with nonzero obliquity. The top panel shows the detectability 
difference for b = 0.35 and t — 0° (dotted line), t = 15° (dot-dashed line), t = 30° 
(dashed line), and t = 45° (solid line). The middle panel represents the same varying 
obliquities calculated for b = 0.7, and the bottom panel shows the differences for 
b = 0.83. The shape of the difference is qualitatively similar for each case. The 
difference is maximized for t = 45° and b = 0.7, and falls off as the parameters 

near t = 0°, t = 90°, b = 0.0, and b — 1.0. Due to the symmetry of the problem, 
obliquities the ones shown plus 90° are the time inverse of the differences shown. 
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This general shape is the same for the asymmetric component of each transit 

lightcurve, and it is superimposed on top of the symmetric component studied in 

Section 3.5.1. The asymmetric component is maximized near the critical impact 

parameter {b — 0.7), because the planet crosses the stellar hmb with its projected 

velocity vector at an angle of 7r/4 with respect to the limb. For transits across the 

middle of the star, b — 0, the asymmetric component of the lightcurve vanishes 

as a new symmetry around the planet's path is introduced, and the local angle 

between the velocity vector and the limb is 7r/2. Similarly the asymmetric planet 

signal formally goes to zero for grazing transits at 6 = 1.0, but in practice the 

asymmetric component is still high for Jupiter-sized planets. 

Planets with obliquities of zero {t  = 0) are symmetric and have no asym

metric lightcurve component (see Section 3.5.1). Likewise, planets with t = n/2 are 

also symmetric. The asymmetric component is maximized for planets with t  — iv/A. 

Transiting planets with nonzero obliquity can break the degeneracy be

tween transit parameters discussed in Section 3.5.1. However, when the obliquity 

is nonzero a degeneracy between projected obliquity and oblateness is introduced; 

a measured asymmetric lightcurve component of a given magnitude could be due 

to a planet with low oblateness but near the maximum detectability obliquity of 

i = 7r/4, or it could be the result of a more highly oblate planet with a lower obliq

uity. In this case only a lower limit to the oblateness can be determined based on the 

oblateness for an assumed obliquity of 7r/4. This degeneracy can be broken with 

measurements precise enough to determine the symmetric lightcurve component. 

In addition, transit photometry is only able to measure the projected oblateness 

and obliquity of such objects due to the unknown component of obliquity along the 

line-of-sight (Hui and Seager, 2002), therefore the true oblateness is never smaller 

than the measured, projected oblateness. 

The asymmetric transit signal of an oblate planet with nonzero obliquity 
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could also be muddled by the presence of other bodies orbiting the planet. Orbit

ing satellites or rings could both introduce asymmetries into the transit lightcurve 

that may not be easily distinguishable from the asymmetry resulting from the oblate 

planet. Satellites around tidally evolved planets are not stable (Barnes and O'Brien, 

2002), and rings around these objects may prove to be difficult to sustain as well. 

However, objects that are not tidally evolved, those farther away from their par

ent stars, may potentially retain such adornments, and their effects on a transit 

lightcurve could be difficult to differentiate from oblateness. 

Orbital eccentricity can also cause a transit lightcurve to be asymmetric. 

Although the eccentricity of HD209458b is zero to within measurement uncertainty 

based on radial velocity measurements, future planets discovered solely by their 

transits may not have constrained orbital parameters. For these objects with un

known eccentricity, if the eccentricity is very high then under some conditions the 

velocity change between ingress and egress may be high enough to emulate the 

oblateness asymmetry discussed in this section. However, we do not explicitly treat 

that situation in this paper. 

3.6 CONCLUSIONS 

Examining a transiting planet's precise lightcurve can allow the measurement of 

the planet's oblateness and, therefore, rotation rate, beginning the process of char

acterizing extrasolar planets. To a reasonably close approximation (a few percent), 

the rotation rate of an extrasolar giant planets is related to the planet's oblateness 

by the Darwin-Radau relation. Measurements of a planet's rotation rate could con

strain the tidal dissipation factor q for those planets, as well as possibly shed light 

on the tidal dissipation mechanism within giant planets based on the spin : orbit 

ratios of tidally evolved eccentric planets. 

The detectable effect of oblateness on the lightcurve of a planet with zero 
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obliquity is at best on the level of a few parts in 10^. This effect may be discernable 

from space with ultra high precision photometry, but could prove to be indistin

guishable from stellar noise or other confounding effects. Accurate independent 

measurements of stellar radius can break the degeneracy between the stellar radius, 

planetary radius, and impact parameter, allowing for much easier measurement 

of oblateness. Without such measurements, the primary effect of oblateness and 

zero obliquity when studying transit lightcurves will be to provide an astrophysical 

source of systematic error in the measurement of transit parameters. 

Planets with nonzero obliquity have higher detectabilities (up to ~ 10~'^) 

than planets with no obliquity, but yield nonunique determinations of obliquity and 

oblateness. In order to obtain unique obliquities and oblatenesses for these objects, 

precision comparable to that needed for the zero obliquity case is needed. 

The detectability of oblateness for transiting planets is maximized for im

pact parameters near the critical impact parameter of 6 = 0.7. Many transit searches 

are currently underway, yielding the potential for the discovery of many transiting 

planets in coming years. Given the opportunity to attempt to measure oblateness, 

our analysis suggests that the optimal observational target selection strategy would 

be to observe planets around bright stars that transit near an impact parameter of 

0.7. 
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CHAPTER 4 

Extrasolar Rings 

This chapter was originally written as an The Astrophysical Journal paper with co

author Jonathan Fortney. I intend to submit the paper in the next few weeks. 

4.1 INTRODUCTION 

In 1610 Galileo first used the telescope for astronomy. He discovered that the planets 

of our solar system variously display disks, phases, moons, and ring systems (Galilei, 

1989). Though the planets he was studying had been known for thousands of 

years, before Galileo's telescopic observations scientists knew only the characteristics 

of their motion and lacked a method for learning more. Now that the orbital 

parameters for 110 planets orbiting other stars are available, we are looking for the 

breakthrough techniques that will lead us to the next level of understanding for 

these new extrasolar planets, just as Galileo's telescope did 400 years ago for the 

planets known in ancient times. 

We think that the most promising technique for characterizing extrasolar 

giant planets in the near future is precision photometry. 

Photometric monitoring of stars has resolved one transiting planet detected 

by radial velocity methods, HD209458b (Charbonneau et al., 2000; Henry et al., 

2000), and possibly another detected by ground-based transit surveys, OGLE-TR-

56b (Konacki et al., 2003a). Fitting the transit lightcurve of HD209458b allowed 



79 

Brown et al. (2001) to measure the size of the planet's disk, which determined 

HD209458b to be a gas giant like Jupiter. Further observations of the wavelength 

dependance of HD209458b's transit lightcurve revealed the presence of upper at

mospheric sodium (Charbonneau et al., 2002) and an extensive hydrogen envelope 

(Vidal-Madjar et al., 2003). 

Extrasolar planets in orbits not in the plane of the sky {i.e., not face-

on) should show phases, like the phases of Venus discovered by Galileo. Though 

searches to date have not detected the photometric signature expected for the phases 

of orbiting extrasolar planets, these studies were able to place constraints on the 

reflective properties of close-in giant planets (Charbonneau et al., 1999; Collier 

Cameron et al., 2000; Collier Cameron et al., 2002). 

Sartoretti and Schneider (1999) showed that large moons around transiting 

extrasolar planets should reveal themselves both by additional stellar dimming while 

they transit and by their effect on the transit timing of their parent planets. Using 

transit photometry from the Hubble Space Telescope, Brown et al. (2001) employed 

this technique to search for moons orbiting HD209458b, but found no evidence for 

any, consistent with theory for the orbital evolution of such moons (Barnes and 

O'Brien, 2002). 

The most enigmatic of Galileo's early discoveries, both at the time and 

continuing today, was that of Saturn's spectacular ring system. In this paper, we 

investigate the reasons for and possibility of detecting systems of rings around ex

trasolar giant planets using transit photometry by first discussing the ring systems 

of the solar system, next by determining the effect on transit lightcurves of both 

absorption in and scattering through rings, and finally by simulating transits of hy

pothetical ringed planets and discovering what can be learned from the lightcurves. 
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4.2 MOTIVATION 

4.2.1 Rings in the Solar System 

Ring systems orbit each of the giant planets in our solar system. The rings are 

made up of individual particles orbiting prograde in their host planet's equatorial 

plane. However, each system of rings is unique, differing in character, radial and 

azimuthal extent, optical depth, composition, albedo, and particle size. 

The ring system around Saturn is the most massive, with an overall mass 

similar to that of the satellite Mimas (6x 10~^M©). Its large radial extent (extending 

from 1.2 to 2.3 Saturn radii, R^), high normal optical depth (typically around 

~ 1.0), and high albedo (~ 0.6; Stone and Owen (1984)), in concert with the effect 

of Saturn's obliquity on the viewing geometry, make the rings easy to detect using 

many different techniques. Saturn's rings are made up of somewhat large particles, 

with diameters between 1cm and 10m (French and Nicholson, 2000), and are made 

predominantly out of water ice. 

Ground-based observers resolved the rings into four main parts: the A ring, 

extending from 2.03 to 2.27 R|^ with normal optical depth around 0.7; Cassini's 

division, an apparent gap in the rings between 1.95 and 2.03 R]^ that has a much 

lower optical depth near 0.1; the B ring, between 1.53 and 1.95 R]^ and having an 

optical depth of ~ 2; and the C ring, located between 1.24 and 1.53 R^ with a 

low optical depth of 0.1 (de Pater and Lissauer, 2001). Spacecraft imaging revealed 

this initial characterization to be only a generalization. High resolution imaging 

from the Voyager spacecraft showed that the main rings are made up of an intricate 

system of thousands of narrow groove-like subrings, a structure maintained by low-

order orbital resonances from tiny embedded moonlets and high-order resonances 

from larger, more distant satellites. Azimuthal asymmetries exist in Saturn's rings, 

but they are both transient and small in magnitude (de Pater and Lissauer, 2001). 
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For 350 years Saturn's rings were thought to be a unique feature among 

solar system planets; it wasn't until 1977 that the rings of Uranus were discovered 

during a stellar occultation (Elliot et al., 1977). Unlike Saturn's wide rings with 

narrow gaps, the nine Uranian rings are themselves quite narrow: between 2 km 

and 100 km in width (Elliot and Nicholson, 1984). The rings' normal optical depths 

are ~ 1.0. Each ring is both eccentric and inclined. The eccentricity of the e ring, 

0.0008, along with an eccentricity gradient across the ring, leads to variation in the 

ring width between 20 km and 96 km (Elliot and Nicholson, 1984). Because the 

ring particles spend more time near apoapsis than near periapsis, they bunch up at 

apoapsis leading to azimuthal optical depth variations around the ring. The ring 

particles have very dark albedos near 0.05 (Cuzzi, 1985), and their spectra resemble 

those of the small inner satellites found by Voyager 2 (Esposito et al., 1991). The 

composition of the ring particles is uncertain, but they may be made out of radiation 

darkened water or methane ice, resemble carbonaceous chondrite-like material, or 

be coated by a 100/um veneer of pure carbon (Esposito et al., 1991). 

The ring arcs of Neptune were also discovered using the stellar occultation 

technique (Hubbard et al., 1986). In total the Neptunian ring system has two 

wide (1000s of km), dusty rings of quite low optical depth 10~^; three narrow 

(10s of km) rings of higher, but still low, optical depth of 0.003; and 5 clumps 

of material within the outermost narrow ring with maximum optical depth of 0.1. 

These clumps, or ring arcs, are each several degrees wide in azimuth and exist within 

a 40° swath (Porco et al., 1995). The ring particles themselves have low albedoes 

similar to those of the Uranian ring particles (0.04), implying that their compositions 

may also be similar (though equally unknown). Particle sizes of Neptunian ring 

particles remain unconstrained, but are thought to have a larger dust component 

than the similarly-sized Saturnian F ring (Porco et al., 1995). 

Jupiter's ring system is thin compared to those of Saturn, Uranus, and 

Neptune. It is composed of three parts: the main ring, a tenuous (normal optical 
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depth ~ 10"^), low-thickness (< 30 km) ring 6000 km wide and located near 1.81 Rj-, 

the halo ring, an extremely low optical depth (~ 10"®), thick (600 km scale height) 

toroidally shaped cloud of material located interior to the main ring; and the outer 

gossamer ring, an even more optically thin (~ 10"®) ring thousands of km in height, 

with two distinct outer boundaries at the orbits of the small satellites Amalthea 

and Thebe (Ockert-Bell et al., 1999). The particles that make up Jupiter's rings 

are small, dusty, and forward-scattering, which is why they were first discovered 

by Voyager 1 in 1979 while looking back toward the inner solar system. Although 

the size distribution remains poorly constrained, most particles are micron-sized or 

smaller, with the maximum size as high as 300 fim (Brown et al., 2003). Precise 

particle compositions are also unknown, though the particles are probably composed 

of some sort of silicate dust. 

Of this diverse crop of rings, only one has a positively determined origin: 

Jupiter's gossamer ring is produced by high-velocity meteorite bombardment of 

adjacent small satellites (Burns et al., 1999). More massive ring systems like those 

around Saturn and Uranus may have formed in one of two ways: (1) primordially, 

during the formation of the satellite system or (2) later on as the result of the 

breakup of a moon by either tidal disruption or by a disruptive impact event (Pollack 

and Consolmagno, 1984; Harris, 1984). The problem with the former is that inward 

radial orbital migration of ring particles is predicted to occur over timescales of 

hundreds of millions of years (Cuzzi et al., 1984); the problem with the latter is 

that it requires an extraordinary event to have occurred recently enough in solar 

system history for us to still observe its effects. As de Pater and Lissauer (2001) 

put it, "If rings don't last that long, why do we observe them around all four giant 

planets?" 
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4.2.2 Rings in Extrasolar Systems 

A survey of ring systems orbiting extrasolar giant planets can empirically answer 

the two big picture questions about ring systems: (1) how do rings form? and (2) 

how long do rings last? 

If Saturn's ring system formed recently and ring systems decay quickly, then 

extrasolar ring systems as spectacular as Saturn's should be rare. If ring systems 

around extrasolar giant planets are shown to be common, then ring systems are 

either long-lived, easily and frequently formed, or both. 

The typical Hfetime of ring systems can be tested directly based on the 

distribution of ring systems detected around stars of differing ages. If ring systems 

survive for many billions of years, then the frequency of ring systems as a function 

of stellar age should be either flat (if rings are primordial) or increasing (if they are 

formed by later disruptive events). If rings are less prevalent around planets orbiting 

older stars, then typical ring lifetimes can be constrained by the observations. 

Photometry during stellar occultations revealed the Uranian and Neptunian 

ring systems; photometry of extrasolar giant planet transits can be used to search 

those planets for rings. Note, though, that an extrasolar ring census could also be 

done using photometry of reflected light from directly detected planets (Dyudina 

et al., 2003; ?) or by microlensing (Gaudi et al., 2003). 

Planets with small semimajor axes are most likely to transit. However, 

ring systems around the closest-in planets (semimajor axis less than ~ 0.1 AU) 

are expected to decay over timescales that are short compared with the age of 

the solar system, due to such effects as Poynting-Robertson drag and viscous drag 

from the planet's exosphere (Gaudi et al., 2003). Although the currently ongoing 

transit searches are aimed at finding only these short-period planets (Home, 2003), 

the Kepler (see Jenkins and Doyle (2003) and references therein) and Eddington 
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(Roxburgh and Favata, 2003) space missions will monitor a single region of the sky 

for up to 4 years and be capable of detecting transiting planets with any period. 

Planets with periods greater than the length of a photometric survey cannot 

have their periods determined, and thus cannot be followed up on. As we show in 

this paper, though, the Kepler mission should attain sufficient temporal resolution 

and photometric precision to detect Saturn-Hke ring systems without additional 

observations. The number of transiting planets at 10 AU that we expect to be 

detected is low. Using the approximate detection probability R^/a x Tobs/-Ppianet 

(with i?* as the stellar radius and a the planet's semimajor axis) for planets with 

periods (Ppianet) longer than the observation time (Tobs), if every star had a Saturn 

then Kepler would find ~ 7 per 100,000 stars. If all Saturn-like ring systems are 

made of water ice, then only transiting planets at large semimajor axes could posess 

rings and therefore the statistics for a ring survey of extrasolar giant planet are not 

good. 

However, every large ring system need not necessarily be made of water 

ice. Although the composition and temperature of Saturn's rings may yet prove 

necessary for their formation and continued existence, we cannot at present rule out 

sihcate rings inward of the ice line, metallic rings around close-in planets, or rings 

made of lower temperature ices at larger planetary semimajor axes. The presence 

or absence of these unfamiliar ring systems will help constrain the formation and 

evolution of ring systems as a whole. 

4.3 EXTINCTION 

4.3.1 Methods 

Rings affect a planet's transit lightcurve in two ways: extinction and scattering. 

Multiple scattering is negligible in most cases. Extinction occurs as a result of the 
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interception of incoming starlight by ring particles that either absorb, reflect, or 

diffract the light, removing it from the beam. The amount of light transmitted 

through any given portion of the ring is equal to where r is the normal optical 

depth and /? is equal to the sine of the apparent tilt of the rings (zero being edge-on). 

The factor f5 compensates for the increased extinction at low tilt angles. 

No presently existing or near-future technology can resolve other main-

sequence stars, much less a planet in transit across a star's disk. Instead, we cal

culate the total stellar brightness that would be observed during the transit, and 

determine whether the structure of dimming expected for transiting planets with 

rings could be differentiated from the structure expected for planets without rings. 

To determine the amount of expected dimming, we compare the integrated 

stellar surface brightness to the flux intercepted by a planet and its potential ring 

system. The stellar surface brightness / as a function of projected distance from 

the star's center, p, is expressed in terms of /x = cos(sin~^(p/i?*)). 

W ) '  2 

The constants Ci and C2 define the character of the limb darkening, with ci mea

suring the overall magnitude and C2 the second order shape. This nontraditional 

limb darkeneing parameterization allows meaningful represetntation of stellar limb 

darkening from a single parameter, ci, instead of two or more (see also Brown et al. 

2001, Section 3; our ci corresponds to their iii+U2 and is therefore more appropriate 

for the case of transiting planets). 

We calculate the total stellar flux ( F Q )  by integrating across the disk 

of the star over the projected distance from the star's center, p: 

rR, 
F Q= L  2npl{p) dp . (4.2) 

Jo 

To determine the fraction of starlight blocked by the planet or intercepted 
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by ring material, we integrate over both p and the apparent position angle d\ 

Fuocked = / / I{ p )  (1 - T { p ,  e)  de d p  , (4.3) 
Jo JO 

where T { p ,  9 )  is the fraction of light transmitted at the corresponding p ,  0  location. 

The relative flux detected by an observer at time t is then 

= -̂ 0 ~ ^blocked _ 
fo 

This algorithm is similar to the one that we used in Barnes and Fortney (2003), but 

with an exphcit azimuthal integral to incorporate ring effects. 

As we demonstrated in Barnes and Fortney (2003), the difference between 

the transit lightcurve of a given planet and the lightcurve of that same planet with 

an additional feature (such as rings or oblateness) is not an appropriate measure 

of the detectability of the feature. Because the parameters of the transit such as 

the planet radius (i?p), stellar radius {R*), impact parameter (6 = Pmm/R*)) ^nd 

stellar limb darkening (ci) are initially unknown and must be determined using a 

fitting process, the presence of the ring manifests itself as an astrophysical source 

of systematic error in the measurement of these quantities. These errors act to 

simulate the transit of the ringed planet, and thus diminish the ring detectability. 

We then define the detectability of a ring around a transiting planet to be equal to 

the difference between the ringed planet's transit lightcurve and the lightcurve of 

the planet-only model that best fits the ringed planet's lightcurve. 

4.3.2 Results 

Figures 4.1 and 4.2 show the expected detectability (in extinction only) of a plan

etary ring. In these figures, we simulated transits of a spherical IRjup planet with 

a T = 1.0 ring in its equatorial plane extending from 1.5i?j„p to 2.0i?j„p in order 

to show the character that the detectability of rings might have. We address more 
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realistic ring systems in Section 4.5. Although the particular lightcurves shown are 

for a planet with a same semimajor axis of 1.0 AU, the detectability for planets at 

other distances from their stars is the same, differing only in the timescale. Thus, 

the results in this section apply equally well for transiting planets that orbit their 

stars at lOAU and for close-in planets. For a IM© star, to obtain the detectability 

curve of a planet with semimajor axis Up multiply the values on the time axis by 

a factor of ^ap/l.OAU. Transits of planets with differing radii and ring structures 

will differ quantitatively from those plotted in Figures 4.1 and 4.2. 

For each case, the extinction of starlight through the rings leads to a deeper 

transit, and therefore a transit lightcurve's best-fit ringless model planet is larger 

than the real planet. If an observer were to use the transit depth to estimate the 

planet's parameters, she would overestimate the planet's radius. This could account 

for the anomalously high radius of HD209458b {e.g., (Bodenheimer et al., 2003)). 

However, we find this explanation unlikely: rings around HD209458b would be sub

ject to strong orbital perturbations due to their proximity to the star (Gaudi et al., 

2003), and any ring system would be in the planet's equatorial plane and therefore 

be seen edge-on during transit if, as expected, the planet is in tidal equilibrium. 

We introduce an angle (p, which we call the axis angle, to represent the 

azimuthal angle around the orbit normal corresponding to the direction that the 

planet's rotational angular momentum vector points (see Figure 4.3). We measure 

0 from the direction that the planet is travelling in at mid-transit, and positive 

is defined to be toward the star. The axis angle thus corresponds to the planet's 

season at midtransit, with cj) = 0 being the northern fall equinox, 0 = 7r/2 being the 

northern summer solstice, (p — n being the northern spring equinox, and 0 = 37r/2 

being the northern winter solstice. 

We assume the rings to be two dimensional, which is quite a good approx

imation for the rings of Saturn, Uranus, and Neptune: Uranus' rings, for instance. 
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Figure 4.1: Detectability of extinction through symmetric planetary rings in transit, 
defined as the difference between the transit lightcurve of the given ringed planet 
and its best-fit spherical planet model. This graph shows the detectabilities for 
rings tilted directly toward the observer, Figure 4.2 shows the detectability for 
asymmetric geometries. Each subgraph shows the detectability for planets of four 
different obliquities, 10° (dotted line), 30° (dash-dot line), 45° (dashed line), and 
90° (solid line; face on) for simulated transits with impact parameter 0.2 (upper), 
0.7 (middle), and 0.9 (lower). The signal is greater than the typical noise limit 
for both Kepler and the HST HD209458b observations, 1 x 10"^ (gray lines), but 
is very localized in time to the regions surrounding ingress and egress. Both high 
photometric precision and high temporal resolution would be necessary to detect 
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Figure 4.2: Detectability of extinction through asymmetric planetary rings in tran
sit, defined as the difference between the transit lightcurve of the given ringed 
planet and its best-fit spherical planet model. This graph shows the detectabilities 
for rings tilted in a direction such as to maximize their transit detectability, Figure 
4.1 shows the detectability for symmetric geometries; here the axis angle (j) is set to 
7r/4. Each subgraph shows the detectability for planets of four different obliquities, 
10° (dotted line), 30° (dash-dot line), 45° (dashed line), and 90° (solid line; face 
on) for simulated transits with impact parameter 0.2 (upper), 0.7 (middle), and 
0.9 (lower). The signal is greater than the typical noise limit for both Kepler and 
the HST HD209458b observations, 1 x 10""4 (gray lines). The asymmetric signal is 
greater than that in the symmetric case, but only by a factor of ~ 2. 
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Figure 4.3: Schematic of transit geometry and variable definitions. 
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are only 1 m thick (Karkoschka, 2001). Hence, the rings we model do not at all 

contribute to the lightcurve if they are edge-on during transit, and thus the de-

tectability for planets with obliquity {q) near 0° or with axis angle (0) near 0 or 

TT is negligible. Also, due to the geometry of the problem, transits for a given axis 

angle and its opposite are identical. Hence, the transits of planets at solstice, such 

as those in Figure 4.1, could have either (p = 7r/2 or 0 — —7r/2 = 37r/2. 

In the symmetric case (0 = 7r/2; Figure 4.1), for low impact parameter 

transits {b — 0.2, upper subgraph) the lightcurve of the ringed planet starts earlier 

than that of that transit's best-fit spherical planet as the rings encounter the stellar 

limb first, leading to an initial downturn in the detectability curve. That curve turns 

around when the best-fit naked planet hits and the ring's inner gap encounter the 

stellar limb at nearly the same time causing a sharp change in derivative, whereby 

the best-fit lightcurve starts to overtake the ringed planet in total light blocked. As 

a large fraction of ringed planet itself starts to occult the star, the two hypothetical 

transits become equal about midway through their ingresses. This trend continues 

past the midpoint until the inner gap once again causes the simulated ringed planet 

transit to brighten relative to its best-fit model, and by the end of ingress the edge 

of the ring encounters the limb of the star at second contact. The bottom of the 

transit is nearly flat, as both the planets block the same fraction of starlight. This 

process repeats itself in reverse upon egress. 

All things being equal, a non-ringed planet would have a much shorter 

ingress and deeper transit depth than its ringed twin. But all things are not equal. 

What happens instead is that the best-fit naked spherical planet model mimics 

the simulated ringed planet's lightcurve by lengthening the model fit's ingress and 

increasing the model's transit depth. The resulting fits have a higher impact pa

rameter (6) and greater stellar radius (/?*), which both act to increase the time 

that the model planet takes to cross the star's hmb. At the same time, the model 

planet's radius {Rp) is higher than that of the actual planet to account for the 
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greater effective cross-sectional area that the rings provide the ringed planet. The 

stellar limb darkening coefficient (ci) differs only slightly in this case to compensate 

for the different transit impact parameters, and its inability to completely do so 

results in the downward bow of the detectability curve through the transit bottom. 

At this low impact parameter, the most important distinction between the 

ringed planet transit and its best-fit model is the ringed planet's longer ingress, or 

earlier first contact and later second contact. Because a planet's rings extend equally 

far from the planet's center regardless of obliquity, low obliquity rings (g ~ 10°) are 

as detectable as high obliquity rings {q >~ 30°), but remain distinctive by their 

smaller central clearing. Though the ingress only lasts about 45 minutes for a planet 

with HD209458b's semimajor axis, a planet at 1 AU would have a more leisurely 

(and more easily sampled) 3.75 hour ingress. 

The signature of a symmetric ringed planet is similar to, but distinct from, 

the detectability signature of a highly oblate planet (Barnes and Fortney, 2003). 

The signature for a symmetric ringed planet returns to zero three times during 

ingress, while the oblate planet detectability signature returns to zero just twice. 

The difference between the two is caused by the interior clear area between the 

planet at the inner edge of the ring. A planet with rings that extend all the way 

down to the top of the atmosphere would be very difficult to distinguish from a very 

highly oblate planet by observational means. 

At moderate impact parameters {i.e., b = 0.7; Figure 4.1, middle subgraph), 

expected ring detectabilities are similar in character and magnitude to those at low 

impact parameter, but last longer due to longer ingress and egress times. However, 

symmetric, low obliquity ringed planets no longer have such extended ingress times 

relative to a ringless planet, and thus have significantly lower detectabilities than 

they do at lower impact parameters. 

High impact parameter symmetric transits of ringed planets {i.e., b = 0.9; 
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Figure 4.1, bottom subgraph) deviate from the patterns described above. Planets 

with high obliquity have their ring systems extend beyond the star's edge throughout 

the transit, and thus become grazing. Lower obliquity planets transiting at high 

impact parameter have their first contact start no earlier than that of a ringless 

planet, and thus their detectabilities are less than expected noise levels. 

When a ringed planet is not tilted directly toward or away from the ob

server, the lightcurve that results when the planet transits its star is asymmetric. 

The asymmetry is greatest for planets in mid-season, those with (j) = 7t/A + n7r/2 

where n is any integer, and the predicted detectabihty of rings around these planets 

is displayed in Figure 4.2. Differences from the symmetric case come about due 

both to differing lenghts of ingress and egress times and to a different part of the 

planet-ring system making contact with the stellar limb first. These effects are most 

important when the planet's projected equatorial plane {i.e. the line containing the 

planet center and the apparent furthermost edges of the rings) is parallel to the 

stellar limb during ingress and egress. 

At low impact parameter (6 = 0.2; Figure 4.2, top subgraph), the planet's 

direction of motion is nearly perpendicular to the stellar hmb, and thus the dif

ferences between the symmetric and asymmetric lightcurves are small, changing 

primarily the intensity of the positive and negative deviations but not their char

acter. Small to moderate planetary obliquities (10° < q < 60°) thus have transit 

lightcurves that strongly resemble the lightcurves from the symmetric case. The 

least detectable configuration at low impact parameter in the mid-season case is for 

planets with obliquity q = 90°. These Uranus-like objects have symmetric transit 

lightcurves for all impact parameters, and low detectabilities at 6 = 0.2 because 

the stellar limb is covered by the rings at the same time the rings' parent planet is 

covering the limb (a situation that the best-fit nonringed planet simulates well). 

Differences between the time required for ingress relative to the time for 
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egress dominate the Hghtcurves for planets transiting near the critical impact pa

rameter {b = 0.7; Figure 4.2, middle subgraph). The most detectable cases are 

those where the projected equatorial plane is parallel to the limb: the q = 30° and 

q = 45° cases in Figure 4.2. For these ringed planets, first contact occurs after, and 

second contact occurs before, the contacts for their best-fit ringless counterparts in 

the case where the apparent planet motion is left to right (see diagram at upper left 

of subfigures of Figure 4.2. Upon egress from transit, the rings encounter the stellar 

limb before the best-fit spherical planet, and hang on to the limb after the best-fit 

ringless planet ends its transit. These differences in limb-crossing time result in a 

large initially positive detectability (ringed minus best-fit nonringed) as the best-fit 

planet starts its transit before the ringed planet, a transition to negative values 

while both are near second contact, and then a return to near-zero detectability for 

the transit bottom when both objects are entirely in transit. On egress, the result

ing detectability is again initially positive as the ringed planet lightcurve brightens 

when the rings exit transit before the limb of the best-fit planet, and again becomes 

negative when the best-fit planet exits transit before the lingering final edge of the 

rings of the ringed planet. This character of transit lightcurve is appropriate for 

planets with —7r/2 < 0 < 7r/2. For planets with 7r/2 < (f) < 2>t^/2 the sequence 

would be time-reversed. For low obliquity ringed planets transiting at 6 = 0.7, the 

asymmetric component of the transit lightcurve is overshadowed by the symmetric 

component, and thus in character resembles a cross between the two. At maximum 

obliquity {q — 90°), the detectability curve is symmetric but moderately large, with 

maxima resembling the (/> = 0 case in magnitude. 

The detectabilities of asymmetric ringed planets when transiting at high 

impact parameters {h = 0.9; Figure 4.2, bottom subgraph) are similar to those 

for b = 0.7, except that the transit lightcurve sequences are truncated due to the 

grazing nature of this particular transit. Because there is no second or third contact, 

there is no transit bottom and the detectabilities never return to near zero as they 
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do in the non-grazing cases. 

The Discovery mission Kepler, with typical photometric precision 1 x 

and 15 minute sampling (Jenkins and Doyle, 2003) should be most sensitive to 

planets with large ring systems and with periods longer than ~ 1 yr, in cases 

where scattering is unimportant (see Section 4.4). Higher cadence measurements 

with similar precision, as acquired by HST (Brown et al., 2001) and as may be 

possible in the near future from the ground (Howell et al., 2003), would be capable 

of detecting rings around closer-in planets, if such rings exist (see Section 4.2). 

4.4 DIFFRACTION 

4.4.1 Theory 

Calculation of scattering from a transiting extrasolar ring system resembles the 

calculation of scattering from a ring in the solar system as it occults a star. In 

both problems, starlight passes through a thin slab of ring particles and is altered 

on its way to the observer, who measures the star's brightness. However, while 

for solar system applications the distance between observer and ring is small and 

the observer-star and ring-star distances are both large, in the transit case the 

distance between the ring and the star is small and the observer-star and observer-

ring distances are large. French and Nicholson (2000) analyzed photometry from 

Saturn's occultation of the star 28Sgr in 1989, and we base our theoretical models 

on theirs, with appropriate modifications for the altered circumstances between 

occultations and transits. 

Particles between 1mm and 10m in size contribute most of the opacity 

in the rings around Saturn, Uranus, and Neptune (French and Nicholson, 2000; 

Cuzzi, 1985; Ferrari and Brahic, 1994). Particles like these, much larger than the 

wavelength of light passing through them, scatter light in the forward direction 
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when incident hght diffracts around individual particles. The relative scattered flux 

as a function of the scattering angle, the phase function P{d), is (assuming spherical 

particles;French and Nicholson (2000)) 

where a is the particle radius, A is the wavelength of light, and the function Ji() 

represents the first Bessel function. Equation 4.5 integrates to 1.0 over the forward 

27r steradians in order to conserve flux, but is only accurate when 6 2TV. The 

shape of this function resembles that of a stellar diffraction point spread function 

from a telescope. In effect, it represents the collective Poisson's spots of the ring 

particles viewed from, say, 50 parsecs away. 

The total flux diffracted by the ring particles is equal to the flux that 

they intercept. This can be inferred from Babinet's Principle: the diffraction of a 

beam caused by a particular screen containing both transparent and opaque areas 

appears the same as the diffraction of the screen's inverse, which has the opaque 

and transparent areas switched (see, e.g., Hecht (1998) - the phase of the diffracted 

light is opposite in each case). Hence the flux of light diffracted by a ring filled 

with particles of radius a is the same as the flux of diffracted light coming from a 

black sheet peppered with holes of radius a, which is equal to the light transmitted 

thorugh the holes in the sheet. Thus on top of absorption, diffraction provides an 

additional, equal source of opacity for photons travelling straight through the ring. 

This effect can be confusing (Cuzzi, 1985), so we follow French and Nicholson (2000) 

in explicitly representing the optical depth resulting from geometrically intercepted, 

absorbed light as Tg and the total optical depth, including scattering effects, as 

r = 2Tg. 

The actual effective geometrical cross-sectional area of the ring particles 

varies with optical depth due to shadowing effects. We express the total scattered 

flux that emerges from a point on the ring integrated over all angles (F^) as a 

(4.5) 
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function of the flux incident on that point (Fj) (French and Nicholson, 2000): 

= Zkp-2Ts//3 C4 g\ 
Fi 13 • ^ ^ 

peaks at r = 1 with a value (2e)~^. The variable (3 is equal to the sine of the 

apparent tilt of the rings (zero being edge-on), and compensates for the correspond

ingly higher optical depths for low tilt. The flux exitting the ring in the direction 

of the observer (designated ©) at a specific angle {9) when diffracted from a point 

source star, 'F®, is the product of the total scattered flux and the phase function, 

where 9 corresponds to the angle between the point source star-ring particle line 

and the line of sight (French and Nicholson, 2000): 

In the occultation case, the star behaves as a point source when viewed 

from both Earth and the ring. However, for transits the planet is in close enough 

proximity to the star such that the star must be treated as an extended source. 

Hence, the scattered flux from a point on the ring is not simply the product of 

the incident flux on the ring and the phase function, as in the solar system case, 

because 9 is not constant. Instead we integrate over the stellar disk to derive the 

t o t a l  s c a t t e r e d  f l u x  a t  E a r c h  f r o m  a c r o s s  t h e  e x t e n d e d  s t a r ,  ° F ® .  

We first calculate the illumination provided for each parcel of the star onto 

the ring. To determine this incident flux, we treat the star as a limb-darkened 

lambertian disk. The flux incident on a point in the rings from a region of that disk 

depends on the emergent stellar flux from the region as a function of the projected 

distance from the star's center, Ft,{p) (which can be found using Equation 4.1); the 

area of the region, E; and the distance between the region and the ring portion in 

question, which we approximate to always be ap, the planet's semimajor axis: 

F,®{«) = P(D) (4.7) 

Fi{R,l>,4') = F,{f) 
E cos^(0(R, p,<p)] 

nal 
(4.8) 
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One of the two cos0 terms derives from our assumption that the star is 

a flat disk, and the other comes from the need to measure the incoming flux in a 

plane perpendicular to the observer's line of sight. Though the second cos 9 is real, 

the first term is an artifact of our model, and as such is probably not representative 

of an actual planet around a spherical star. However, in the transit situation 9 is 

small and the extra cos 6 does not inflict a significant adverse effect on the resulting 

calculation. 

To obtain the total scattered flux from the extended star, we integrate the 

scattered fiux for a point source. Equation 4.7, over the projected distance from the 

star's center (p) and the azimuthal angle (0), using Equation 4.8 for the incident 

flux Fi- The total flux emergent from the ring, scattered from the extended star in 

the direction of the observer {°F®{R)), comes from integrating the star's flux over 

each infinitessimal area of the star E — p dcj) dp, times the phase function for the 

particular angle 9 between that area, the scatterer, and the observer: 

Due to circular symmetry around the center point of the limb darkened star, the total 

integrated incident flux is only a function of the projected distance of the ring from 

the star's center, R, and not of the azimuthal location of the rings around the star, 

(f). When incorporating scattered light into the calculation of transit lightcurves, 

we integrate Equation 4.9 numerically using an adaptive stepsize Runge-Kutta al

gorithm from Press et al. (1992). 

4.4.2 Results 

We show the relative contribution of diffracted light through a cloud of same-size 

particles in Figures 4.4 and 4.5. The amount of refracted light per unit projected 

area relative to the flux per unit area at the star's apparent center is plotted as a 

function of particle size for differing projected distance from the star center (Figure 

(4.9) 
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Figure 4.4: This plot shows scattering effectiveness as a function of particle size 
at 0.5yum for hypothetical parcels of ring particles located 1 AU from the star but 
at varying projected distances from the star's center. We used a stellar diameter 
of 1.0i?o and limb darkening coefficient ci equal to 0.64 (similar to the measured 
value for HD209458); the limb darkening in the inset graphic is true. We plot for 
the projected distances depicted in the graphic inset in the upper left: p = 0.0/?* 
(thick solid line), p — 0.5i?H< (dotted line), p = 0.9i?* (dot-dashed line), p = 1.0/?* 
(short-dashed line), p = 1,1/?* (long-dashed line), and p = 1.5/?* (thin solid line). 
We have not included the effects of optical depth on the amount of light scattered 
- to get the actual expected scattered flux multiply the values in this graph by the 
r-factor, the right side of Equation 4.6. At low particle diameters, the scattering 
efi'ectiveness approaches a constant and diminishing value for all projected stellar 
distances. For high particle diameters, the effectiveness approaches the relative flux 
of the point on the star directly behind the cloud of particles - zero for points off 
the limb of the star, and following the limb darkening while inside the limb. For 
particle diameters near the critical particle diameter Ocrit (see Equation 4.10; ttcHt 

>-1 /-*r<o 
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Figure 4.5: Here we graph the scattering efficiency calculated in the same way 
as it was for Figure 4.4, but do so in a different way, as a function of projected 
distance from the star center and for different particle diameters. The shading in 
the background represents the actual limb darkened stellar flux. 
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4.4), and as a function of projected distance from the star center for differing particle 

sizes (Figure 4.5). For each we assume the planet's semimajor axis is 1.0 AU and 

that its parent star has a radius of 1 R© with limb darkening coefficient ci equal to 

0.64 ((lii + U2) as measured by Brown et al. (2001) for HD209458b) for the star. 

The optical depth factor from Equation 4.6 is not included - to obtain °F® for 

any particular optical depth multiply the values on the graph by the right side of 

Equation 4.6 . 

In the limit of very large particle sizes (~ 1 mm or larger for the 1 AU 

case), the angles by which light is diffracted around particles becomes very small. 

These very large particles diffract the light only from the point directly behind 

them on the star toward the observer, and therefore in the large particle limit the 

maximum diffracted flux per unit area at a given point is equal to the flux emitted 

by the star at the point behind the ring (times the optical depth factor). Hence to 

the rightward edge of Figure 4.4 the scattered fluxes approach the flux levels at the 

equivalent point on the stellar disk. In Figure 4.5, the flux scattered by a sufficiently 

large particle would trace the limb darkening of the star for p < 0.5D» and be zero 

for all values larger than 0.5i?», similar to the curve of the 1 mm particles plotted. 

For a transiting ring made up of large particles, diffraction does not affect 

the shape of the lightcurve. However because light diffracted out of the incident 

beam is redirected to the observer, diffraction would act to partially fill in the 

lightcurve during the transit, reducing the total transit depth (Figure 4.6). The 

reduced depth gives the impression that the rings are dispersing less flux than they 

really are. Thus, if the ring particles are large, the measured optical depth of the 

rings is equal to the geometrical optical depth, = r/2, because the light diffracted 

out of the beam is entirely replaced (the same as if there were no diffraction at all). 

For small particles (smaller than ~ 10//m for the 1 AU case), incoming light 

is diffracted nearly isotropically. In this limit only a small fraction of the incident 
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Figure 4.6: Here we show the changes introduced into a transit hghtcurve when 
diffractive forward scattering is incorporated into the calculation. This figure shows 
transit lightcurves at O.BFIM for & 1 RJ planet with a 1.5 RJ to 2.0 RJ optical 
d e p t h  u n i t y  r i n g  c o m p o s e d  o f  p a r t i c l e s  o f  v a r y i n g  s i z e s .  T h e  p l a n e t  o r b i t s  i t s  1  R q ,  
ci = 0.64 star at 1 AU, and transits with an impact parameter of 0.2. The bottom 
solid line represents what the lightcurve calculated with extinction only - no scat
tering. The rest of the curves do incorporate scattering along with extinction, and 
do so for differing particle diameters: lOfim (dotted line), 20//m (dash-dotted line), 
30/im (short-dashed line), TO^um (long-dashed line), and the theoretical (though 
meaningless in practice) limit of infinite particle size (top solid line). 
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flux is diffracted in any one direction, and the received scattered flux is constant over 

the planet's orbit (except, of course, during the secondary eclipse). The diffracting 

behavior of such particles is represented by the leftmost edge of Figure 4.4 and 

resembles the behavior of the 10//m particle in Figure 4.5. 

Since for a ring made up of small particles the diffracted flux reaching the 

observer is unvarying, the shape of the planet's transit lightcurve is the same as 

it would be in the absence of scattering (Figure 4.6). For this case the best-fit 

measurement of the ring's optical depth would represent the total optical depth, 

r = 2Tg\ a negligible fraction of the diffracted light reenters the beam. 

Note that the large particle and small particle cases cannot be distinguished 

based on their transit lightcurves alone. If a ring were detected in transit, but no 

distinctive signature of scattering was found (like are described below), it would 

be impossible to determine whether the ring's component particles were large or 

small. Likewise the proper interpretation of the measured optical depth would also 

be degenerate. 

For ring particles that lie in between these extremes of size, scattering affects 

the lightcurve and can be used to infer the size of the component particles that make 

up the ring. In this moderate regime, the light diffracted toward the observer from 

a parcel of ring particles comes from a circularly symmetric region behind the parcel 

that grows in size as the particles' diameters shrink. This footprint, shown in Figure 

4,7, represents a weighted map of where photons scattered toward the observer come 

from. Most of the light comes from the area within the first fringe. 

The effect of scattering on a transit lightcurve is maximized for ring particles 

near the size that has its first diffrataction fringe a projected distance i?* from the 

particles. This critical particle size is large enough to allow the footprint to scatter 

a lot of light toward the observer while the ring is in front of the star's disk, but 

small enough to scatter significant light toward the observer while the planet is off 
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Figure 4.7; This image represents the diffraction footprint of a hypothetical cloud 
of 150//m particles (located at the center of the image) 1 AU from a 1 R© star (the 
star's limb is depicted as a white circle) as it would look at 0.5//m. The intensity 
of each pixel represents the logarithm of the relative contribution of light that 
diffraction scatters toward the observer from each area. The area directly behind 
the particles contributes most of the diffracted light. The effect of diffraction on 
a ringed planet's transit lightcurve is most detectable when the radius of the first 
dark fringe is ~ lJi». Since this process is reversible, the same pattern would result 
if you fired a laser toward the cloud of particles from Earth and then, hundreds of 
years later, viewed the resulting diffraction pattern on a gigantic screen millions of 
km across centered on the position of the star. 
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the Hmb of the star as well. We set 9 to the first zero of the the phase function, 

P{6) (Equation 4.5), and solved to obtain the critical particle size, acHt, which we 

define to be the ring particle radius near which diffraction's effect on the lightcurve 

is maximized, using the small angle approximation: 

Ocrit = .61 X ^ (4.10) 

Transit lightcurves for ringed planets change significantly as a varies within 

an order of magnitude of acnt- However for particle diameters a > 10 x Ocrit and 

o ^ ctcrit/lO, transit lightcurves are indistinguishable from those for a = 10 x Ccrit 

and for a — acrit/10 respectively. Thus large particles are those with a ^ Ocrit, and 

small particles are those with a ^ Ocrit-

Parcels of ring containing particles with diameters within a factor of ~ 10 

of flcrit scatter light to the observer both before and after they encounter the stellar 

limb, as viewed from Earth. This leads to an increased photometric flux measured 

just before first contact, and just after fourth contact during a transit event. The 

lightcurve signature (see Figure 4.6, inset) of this ramp is diagnostic of diffractive 

scattering. Moreover, the characterisic size of the extrasolar planet ring particles can 

be determined from the shape and magnitude of the pre- and post-transit scattering 

signature. 

Only if the ring particle diameters are within a factor of 10 of Ocrit can 

anything at all be discerned about the particle sizes - otherwise, lightcurve models 

using very large particles and those using very small particles will fit equally well. 

Similar lightcurve ramps to the ones shown in Figure 4.6 can result from 

refraction through the outer layers of the atmosphere of a transiting extrasolar giant 

planet. Hubbard et al. (2001) showed that refractive scattering will likely become 

important only for planets with semimajor axes of tens of AU or greater. In par

ticular, our calculations (using the codes developed for Hubbard et al. (2001)) 
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show that the refraction ramp for a typical transiting EGP at 14 AU would be 

100 times smaller than the ring diffraction ramps in Figure 4.6. Therefore, a de

tected lightcurve ramp for a transiting ringed planet can reasonably be ascribed to 

diffraction from ring particles. 

Near acrit, rings' diffractive scattering affects the planet's transit lightcurve 

in between first and fourth contacts as well. As shown in Figure 4.6, the depth 

of the transit bottom decreases as ring particle size increases because inside the 

transit larger particles scatter light incident upon the ring into the direction of the 

observer more efficiently than small particles do. If a ~ acritj more of the diffraction 

footprint will overlap with the star near mid-transit than at the beginning and end of 

transit. In this case, more diffracted light is detected at midtransit, and the transit 

lightcurve bottom is flattened. Fitting the simulated lightcurves plotted in Figure 

4.6 with spherical planets, we calculate that the flattening is of order Acj ~ 0.1 for 

a standard ring. 

4.5 APPLICATION 

Saturn's ring system is distinctly more complex than the r — 1, 1.5 — 2.0Rjup 

standard ring that we have used up to this point. In particular, Dyudina et al. 

(2003) showed that the intricate radial optical depth structure of Saturn's rings 

significantly alters the directly-detected orbital lightcurve relative to the lightcurve 

for radially uniform rings. 

To test whether the detectability of complex ring systems differs substan

tially from that of our simple standard ring, we used a radial optical depth profile of 

Saturn's rings obtained during the 28 Sgr occultation in 1989 (French and Nichol

son, 2003) binned down into 39 subrings. We set the rings' particle diameter to 1 

cm, a typical value from French and Nicholson (2000). We then simulated transits 

of Saturn at impact parameter 0.2, calculated a best-fit spherical planet transit to 
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Figure 4.8: Predicted transit detectability of Saturn's rings, as might be viewed 
from 28 Sgr. The magnitude is lower than that for the standard ring owing to 
the smaller cross-sectional area of Saturn's rings, but the character of the signal 
is the same. No scattering is evident, so Saturn's ring particle size would not be 
discernable. 
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match, and subtracted the two to represent Saturn's detectability. 

The detectabihty of the rings around Saturn, as shown in Figure 4.8, is a 

bit less than the standard ring because the total area covered is smaller. However, 

the character of the ring signal is the same as that of the standard ring. Extrasolar 

astronomers, viewing a transit of Saturn with a photometric precision of 10"^ from 

28 Sgr, would detect Saturn's rings as long as the axis angle (p wasn't such that 

they were viewed edge-on. 

At 10 AU from the Sun, Ocrit for Saturn is 0.66 mm (from Equation 4.10). 

Therefore, as calculated Saturn's particle size falls in the large regime and we would 

predict no scattering effects to be discernable. Figure 4.8 does not show any signif

icant pre- or post-transit scattered light, in agreement with our analysis. Without 

a positive identification of scattering, the astronomers from 28 Sgr would not know 

whether the ring particles were large or small, and therefore would not know whether 

their measured ring optical depth corresponded to the geometric optical depth (r^) 

or the total optical depth (r - see Section 4.4.2). 

4.6 CONCLUSION 

The primary effect rings have on a planet's transit lightcurve is to increase the 

transit depth. Without knowledge of the rings' existence, the best-fit unadorned 

spherical model planet will have an anomalously large radius and transit closer to 

6 = 0.7 than the actual ringed planet. 

The detection of large, Saturn-like ring systems requires photometric pre

cision of a few xlO"^, achievable with space based photometers and potentially 

from future ground-based platforms. The transit signature of rings is concentrated 

at ingress and egress, and therefore ring detection requires high time-resolution 

photometry. 
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Diffraction around individual ring particles manifests as forward scattering 

tfiat can be detected from transit lightcurves as excess flux just before and just after 

a ringed planet's transit. The shape and magnitude of the scattering signal can be 

used to discern the ring particles' modal diameter. 

The frequency and distribution of rings around planets at different semima-

jor axes, of different ages, and with different insolations can empirically constrain 

how rings form and how long they last. 

In the near-future, the experiments described in this paper can be tested 

on close-in transiting planets found from the ground, using follow-up transit pho

tometry from space. Later, the NASA Discovery mission Kepler will be capable of 

both detecting planets with larger semimajor axes, and surveying these new worlds 

for rings. Together, these observations hold the promise for solving the 400-year old 

enigma of planetary rings within the next decade. 
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CHAPTER 5 

CONCLUSION 

In this doctoral dissertation I have investigated the science that can be done char

acterizing extrasolar giant planets' transit lightcurves. 

5.1 Moons 

Moons are unstable around close-in giant planets. Though uncertainties regarding 

the outermost stable moon orbit and giant planet tidal Q factors remain, I derived 

an analytical expression for the maximum lifetime of a moon of a given mass. I then 

used this formula to calculate the maximum mass that a moon surviving around 

known extrasolar planets could have. I found that close-in extrasolar giant planets 

cannot still harbor primordial moons, though they could posess captured ones. 

Specifically, HD209458b shouldn't have any surviving moons larger than Jupiter's 

Amalthea. 

I went on to use these results to place limits on the type of stars that 

might have giant planets that posess habitable moons. As it turns out, there are 

scenarios in which an Earth-mass habitable moon might survive for 4.6 Gyr around 

any star more than 0.2Mo in mass. Considering at least some, and perhaps many 

(we don't know yet) planetary systems do not have traditional architectures. Earth-

mass moons orbiting giant planets in the habitable zone may be more numerous 

than habitable planets. 
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There are several future projects that I am considering working on that grow 

out of the completed work. First, the analysis in Chapter 2 is only applicable to 

planets and moons with high mass ratios. Another paper could be an investigation 

of the survivability of moons with low mass ratios, as would be appropriate for, say, 

the Earth/Moon system, large moons of ice giant planets, or binary planets. This 

could probably be done analytically in the low mass ratio endmember state, as I 

did for the high mass ratio endmember in Chapter 2. However, the messy zone in 

between would probably require a numerically-based approach that might or might 

not constitute a separate journal communication. 

There's also room for a paper, possibly for International Journal of Astrobi-

ology, that more thoroughly investigates the survivability of Earth-like moons with 

more realistic stellar luminosities, more sophisticated habitable zone definitions, 

and encompassing ice giant and terrestrial planets as well. Although I thought this 

to be an interesting line of study when writing Barnes and O'Brien (2002) I had 

decided to leave it for future work. Section 2.4.2 was added at the behest of the 

referee, so although it is appropriate for the paper in the Astrophysical Journal, it 

is not as thorough as it might be. 

The use of the fraction of the Hill sphere that constitutes a planet's outer

most stable moon orbit, defined as / in Chapter 2, may be too simplistic. Orbital 

decay times are strongly dependent on /: orbital migration is slowest at large or

bital distances, therefore a migrating moon spends most of its time just below / 

and different values of / can strongly affect lifetimes and maximum masses. Worse, 

the variation of / as a function of planet and moon orbital eccentricities and incli

nations remain unexplored. I started a massive numerical integration project using 

the SWIFT integrator to start to explore parts of this problem, but got intimidated 

and wrote the paper that became Chapter 4 instead. The original value of / comes 

from numerical integrations by Holman and Wiegert (1999), who place 8 moons in 

circular orbits at 45 degree intervals around the planet, set them in motion, and 
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set the stabihty hmit where only 50% of the moons survive. I noted that if they 

don't behave very similarly, then the moons at various angles must have their orbits 

changed after only a fraction of an orbit! Therefore my approach was to create a 

massive grid of moons varying their orbital semimajor axis, eccentricity, argument 

of pericenter, and starting location, run the simulation for a few tens of thousands 

of orbits, and then perform an analysis of the behavior of / based on the statistics 

of the surviving moons and their orbits as a function of time. I don't really think 

that I understand the analytical three-body problem well enough to tie this work 

into the established framework yet, but its something I would like to do some day. 

Lastly, I'd like to either get involved with NASA's Darwin mission or take 

lightcurves of transiting planets from the ground to look for moons using the meth

ods set down in Sartoretti and Schneider (1999). 

5.2 Lightcurve Deviations 

I also investigated what else could be learned from a high-precision transit 

lightcurve. 

First I looked into the detectability of planetary oblateness. Although I was 

beat to publication by Seager and Hui (2002), their results are wrong so my paper 

(Barnes and Fortney, 2003) was still relevant. We improved over Seager and Hui 

(2002) by taking an approach to the problem mindful of the constraints that actual 

observations would have. In doing so, we showed that the expected detectability 

of the oblateness of transiting extrasolar giant planets is of order 1 x 10"'' at best 

for zero-obliquity planets - 10 times lower than predicted by Seager and Hui (2002) 

and essentially undetectable. For planets with nonzero obliquity the lightcurves 

are asymmetric and the detectability is much higher, similar in magnitude to the 

Seager and Hui (2002) values, but we showed that the degeneracy between obliquity 

and oblateness still prevents a direct measurement of the planet's oblateness. We 
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applied a method for deriving rotation rate from a measured oblateness, in a way 

that is much more precise than Seager and Hui (2002). We also pointed out that 

giant planets in eccentric orbits don't become tidally locked into 1:1 spiniorbit 

resonances with their parent stars. Instead, they rotate supersynchronously, and 

we calculated the equilibrium spin:orbit ratios as a function of eccentricity under 

varying assumptions about the planet's tidal Q. 

Oblateness proved difficult to detect. I had assumed that planetary rings 

would be much more easily detectable, but nobody had actually done the problem 

to explicitly calculate how detectable, under what circumstances, and what science 

could be done. Chapter 4, soon to be submitted to The Astrophysical Journal, 

shows that large, Saturn-like ring systems around extrasolar giant planets should 

be rather easily detectable from transit lightcurves. If a moderate number of EGPs 

could be searched for rings, say 10-30, hypotheses regarding the formation, longevity, 

and frequency of large ring systems could be tested. Furthermore, we found that if 

the median ring particle diameters are in the appropriate range, diffraction would 

forward-scatter light through the rings to create a detectable ramp before transit 

ingress and after egress that could be used to measure the particle sizes. 

I really only have one other idea for a paper in this vein. I would like to 

investigate what could be learned by long term monitoring of transits, how often 

they would have to be monitored, and with what precision. First I would deter

mine whether you could constrain the planet's orbital eccentricity based on transit 

lightcurves for two reasons; (1) long-term monitoring of eccentricity could measure 

orbital precession and therefore the stellar J2 and/or the presence of other planets 

in the system (2) many of the transiting planets discovered by Kepler will be too 

faint for radial velocity follow-up that could characterize their orbits. Monitoring 

variations in impact parameter could yield the rate of precession of the planet's 

orbital plane, telling observers something about the planet's orbital inclination and 
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again about the stellar J2 and other perturbing bodies in the system. I can't imag

ine the stellar radius, planet radius, or limb-darkening parameters would vary over 

time, but I would have to consider the matter further in order to completely address 

the problem. 
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APPENDIX A 

Extrasolar Planet and Parent Star Data 

Key to following tables: 

• i - planet orbital inclination 

• a - planet orbital semimajor axis 

• e - planet orbital eccentricity 

• d - distance of stellar system from the Sun 

• Rif - radius of star 

• my - apparent visual magnitude of star 

• L* - luminosity of star 

In the stellar table, stars with multiple planets are listed multiply. Values 

for which no data were available are shown as 'NULL'. 

For up-to-the-minute data with table customizability and sorting features, 

see my Extrasolar Planets Database website: http://c3po.barnesos.net/egpdb. 

http://c3po.barnesos.net/egpdb
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Table A.l: Extrasolar giant planet data from the Extrasolar Giant Planets 
Database, http://c3po.barnesos.net/egpdb 

planet mass i radius period a e 
(Mjup)  (Rjup)  (days) (AU) 

OGLE-TR-56b 0.9 NULL 1.3 1.2119 0.0225 0 
HD73256b 1.87 NULL NULL 2.54858 0.037 0.029 
HD83443b 0.35 NULL NULL 2.986 0.038 0.08 
HD46375b 0.249 NULL NULL 3.024 0.041 0.04 
HD187123b 0.52 NULL NULL 3.09 0.042 0.03 
HD209458b 0.69 86.68 1.347 3.524738 0.045 0 
HD179949b 0.84 NULL NULL 3.093 0.045 0 
HD75289b 0.42 NULL NULL 3.51 0.046 0.053 
BD -10 3166 b 0.48 NULL NULL 3.487 0.046 0.05 
T Boo b 4.14 NULL NULL 3.3128 0.047 0.051 
HD76700b 0.197 NULL NULL 3.971 0.049 0 
51 Pegasus b 0.44 NULL NULL 4.23 0.0512 0.013 
HD49674b 0.12 NULL NULL 4.948 0.0568 0 
U And b 0.71 NULL NULL 4.617 0.059 0.034 
HD 168746b 0.24 NULL NULL 6.409 0.066 0 
HD68988b 1.9 NULL NULL 6.276 0.071 0.14 
HD217107b 1.27 NULL NULL 7.126 0.072 0.14 
HD130322b 1.02 NULL NULL 10.72 0.088 0.044 
HD108147b 0.34 NULL NULL 10.881 0.098 0.55 
G186b 3.6 NULL NULL 15.835 0.11 0.042 
55 Cnc b 0.84 NULL NULL 14.653 0.115 0.02 
HD38529b 0.78 NULL NULL 14.309 0.129 0.29 
GJ876b 0.56 NULL NULL 30.12 0.13 0.27 
HD195019b 3.51 NULL NULL 18.27 0.14 0.03 
HD6434b 0.48 NULL NULL 22.09 0.15 0.3 
HD192263b 0.72 NULL NULL 24.348 0.15 0.01 
GJ876C 1.89 NULL NULL 61.02 0.208 0.1 
rho CrB b 1.1 NULL NULL 39.65 0.23 0.028 
55 Cnc c 0.21 NULL NULL 44.276 0.241 0.339 
HD74156b 1.56 NULL NULL 51.61 0.276 0.649 
HD3651b 0.2 NULL NULL 62.23 0.284 0.63 
HD168443b 7.73 NULL NULL 58.1 0.295 0.53 
HD121504b 0.89 NULL NULL 64.6 0.32 0.13 
HD178911Bb 6.3 NULL NULL 71.48 0.32 0.123 
HD16141b 0.215 NULL NULL 75.82 0.35 0.28 
70Vir b 6.6 NULL NULL 116.67 0.43 0.4 
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Table A.2: 
planet mass i radius period a e 

(Mjup) (Rjup) (days) (AU) 
HD80606b 3.41 NULL NULL 111.78 0.439 0.927 
HD216770b 0.7 NULL NULL 118.29 0.46 0.32 
HD52265b 1.13 NULL NULL 118.96 0.49 0.29 
GJ3021b 3.32 NULL NULL 133.8 0.49 0.505 
HD37124b 0.86 NULL NULL 153 0.54 0.1 
HD73526b 3 NULL NULL 190.5 0.66 0.34 
HD82943C 0.88 NULL NULL 221.6 0.73 0.54 
HD8574b 2.23 NULL NULL 228.8 0.76 0.4 
HD104985b 6.3 NULL NULL 198.2 0.78 0.03 
HD134987b 1.58 NULL NULL 259 0.81 0.24 
HD150706b 1 NULL NULL 264.9 0.82 0.38 
HD169830b 2.96 NULL NULL 230.4 0.823 0.34 
U And c 2.11 NULL NULL 241.2 0.83 0.018 
HD12661b 2.3 NULL NULL 263.6 0.83 0.35 
HD40979b 3.28 NULL NULL 263.1 0.83 0.25 
HD89744b 7.2 NULL NULL 256 0.88 0.7 
HRSlOb 2.26 NULL NULL 320 0.925 0.161 
HD92788b 3.86 NULL NULL 338 0.97 0.28 
HD28185b 5.6 NULL NULL 385 1 0.06 
HD142b 1.03 NULL NULL 339 1 0.37 
HD128311b 2.57 NULL NULL 422 1.02 0.31 
HD 108874b 1.71 NULL NULL 397.5 1.06 0.17 
HD142415b 1.73 NULL NULL 387.6 1.07 0.5 
HD177830b 1.22 NULL NULL 391.6 1.1 0.41 
HD210277b 1.28 NULL NULL 435 1.1 0.45 
HD4203b 1.6 NULL NULL 406 1.1 0.53 
HD82943b 1.63 NULL NULL 444.6 1.16 0.41 
HD27442b 1.43 NULL NULL 424 1.18 0.02 
HD 114783b 1 NULL NULL 501 1.2 0.1 
HD20367b 1.17 NULL NULL 469.5 1.25 0.32 
HD147513b 1 NULL NULL 540.4 1.26 0.52 
HD19994b 2 NULL NULL 454 1.3 0.2 
HD65216b 1.33 NULL NULL 578 1.31 0.29 
HD41004Ab 2.3 NULL NULL 655 1.31 0.39 
HIP75458b 8.64 NULL NULL 550 1.34 0.71 
HD222582b 5.29 NULL NULL 575.9 1.35 0.71 



Table A.3: 
planet mass i radius period a e 

(Mjup) (Rjup) (days) (AU) 
HD141937b 9.7 NULL NULL 658.8 1.49 0.404 
HD160691b 1.7 NULL NULL 637 1.5 0.31 
HD23079b 2.5 NULL NULL 626 1.5 0.02 
HD213240b 3.7 NULL NULL 759 1.6 0.31 
HD114386b 0.99 NULL NULL 872 1.62 0.28 
HD4208b 0.8 NULL NULL 829 1.67 0.01 
leCygB b 1.5 NULL NULL 801 1.72 0.63 
HD111232b 7.8 NULL NULL 1138 2.07 0.25 
HDl 14729b 0.84 NULL NULL 1135 2.08 0.32 
47UMa b 2.54 NULL NULL 1089 2.09 0.061 
HD10647b 1.17 NULL NULL 1056 2.1 0.32 
HD10697b 6.35 NULL NULL 1072 2.12 0.12 
HD2039b 5.1 NULL NULL 1190 2.2 0.69 
HD50554b 4.9 NULL NULL 1279 2.38 0.42 
HD190228b 5 NULL NULL 1161 2.4 0.5 
HD216437b 2.1 NULL NULL 1294 2.4 0.33 
HD196050b 2.8 NULL NULL 1300 2.4 0.19 
U And d 4.61 NULL NULL 1266.6 2.5 0.41 
HD216435b 1.26 NULL NULL 1391 2.5 0.14 
HD12661C 1.57 NULL NULL 1444.5 2.56 0.2 
HD33636b 7.7 NULL NULL 1553 2.6 0.39 
HD30177b 7.7 NULL NULL 1620 2.6 0.22 
HD106252b 6.81 NULL NULL 1500 2.61 0.54 
14Her b 4.89 NULL NULL 1724 2.82 0.37 
HD169830C 2 NULL NULL 1487 2.85 0 
HD168443C 17.15 NULL NULL 1770 2.87 0.2 
HD23596b 8.1 NULL NULL 1565 2.88 0.292 
HD37124C 1.01 NULL NULL 1942 2.95 0.4 
HD72659b 2.55 NULL NULL 2185 3.24 0.18 
HD70642b 2 NULL NULL 2231 3.3 0.1 
HD39091b 10.3 NULL NULL 2083 3.34 0.62 
E Eridani b 0.86 NULL NULL 2502.1 3.4 0.601 
HD74156C 7.5 NULL NULL 2300 3.47 0.395 
47UMa c 0.76 NULL NULL 2594 3.73 0.1 
GJ777Ab 1.33 NULL NULL 3902 4.8 0.48 
55 Cnc d 4.05 NULL NULL 5360 5.9 0.16 
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Table A.4: Table of extrasolar giant planet parent star data, from the Extrasolar 
Giant Planets Database, http://c3po.barnesos.net/egpdb 

star spectral age [Fe/H] d mass R* mv 
type (Gyr) (pc) (Mo) (Ko) (LQ) 

HD89744 F7V 2 0.18 40 1.4 2.14 5.741 NULL 
HD8574 F8 NULL -0.09 44.15 1.1 NULL 7.12 2.28 
HD50554 F8 NULL 0.02 31.03 1.1 NULL 6.84 1.46 
HD23596 F8 NULL 0.32 52 1.3 NULL 7.25 2.76 
HD23079 F8/G0V NULL NULL 34.6 1.1 NULL 7.1 NULL 
U Andromedae F8V 2.6 0.09 13.47 1.3 1.56 3.45 3 
U Andromedae F8V 2.6 0.09 13.47 1.3 1.56 3.45 3 
U Andromedae F8V 2.6 0.09 13.47 1.3 1.56 3.45 3 
HD179949 F8V NULL 0.22 27 1.24 NULL 6.254 NULL 
HD19994 F8V 3.1 0.23 22.38 1.35 NULL 5.07 3.87 
HD169830 F8V 4 NULL 36.32 1.4 NULL 5.9 4.63 
HD169830 F8V 4 0.21 36.32 1.4 NULL 5.9 4.63 
HD 10647 F8V 1.75 -0.08 17.4 1.1 NULL 5.52 1.52 
HD40979 F8V 1.5 0.194 33.3 1.1 1.26 6.74 1.87 
HD150706 GO NULL -0.13 27.2 0.98 NULL 7.01 0.98 
HD82943 GO 5 0.27 27.46 1.05 NULL 6.54 1.54 
HD82943 GO 5 0.27 27.46 1.05 NULL 6.54 1.54 
HD74156 GO NULL 0.13 64.56 1.05 NULL 7.61 3.12 
HD74156 GO NULL 0.13 64.56 1.05 NULL 7.61 3.12 
HD106252 GO 1.1 -0.16 37.44 1.05 NULL 7.41 1.3 
HD20367 GO NULL 0.14 27.1 1.17 NULL 6.4 1.67 
HD108147 GOV NULL NULL 38.57 NULL NULL 6.99 NULL 
HD75289 GOV NULL NULL 28.94 NULL NULL 6.35 NULL 
HD209458 GOV 5 NULL 47 1.05 1.146 7.65 NULL 
HD52265 GOV NULL 0.11 28 1.13 NULL 6.29 NULL 
rho CrB GOV 10 -0.19 17.4 1 1.31 5.41 1.77 
HD210277 GOV 12 0.24 21.3 0.92 NULL 6.63 0.93 
HR810 GOV 1 -0.12 17.2 1.03 1.097 5.4 1.52 
47UMa GOV 6.9 0.01 12.3 1.05 NULL 5.05 NULL 
47UMa GOV 6.9 0.01 12.3 1.05 NULL 5.05 NULL 
HD33636 GOV NULL -0.13 28.7 0.99 NULL 7 NULL 
HD72659 GOV NULL -0.14 51.4 0.95 NULL 7.46 NULL 
HD114729 GOV NULL -0.22 35 0.93 NULL 6.68 NULL 
HD142 GlIV NULL 0.04 25.6 1.15 NULL 5.7 NULL 
HD39091 GIV NULL 0.09 18.2 1.1 NULL 5.65 NULL 
HD142415 GIV 1.11 0.14 34.6 1.1 NULL 7.33 1.18 
leCygB G2.5V NULL 0.05 21.4 1 NULL 6.2 NULL 



120 

Table A.5: 

star spectral age [Fe/H] d mass R* my 
type (Gyr) (pc) (Mo) (RG) (L©) 

HD2039 G2/G3IV NULL 0.1 90.1 0.98 NULL 9.01 NULL 
HD141937 G2/G3V 1.5 0.16 33.46 1 NULL 7.25 1.19 
51 Pegasus G2IV NULL NULL 14.7 1.06 NULL 5.5 NULL 
HD121504 G2V 2.8 0.16 44.37 1 NULL 7.54 1.58 
HD68988 G2V NULL 0.24 58.8 1.2 NULL 8.2 NULL 
HD147513 G3/G5V 0.3 -0.03 12.9 0.92 NULL 5.37 1 
HD6434 G3IV NULL NULL 40.32 NULL NULL 7.72 NULL 
HD216435 G3IV 5 0.15 33.3 1.25 NULL 6.03 3.56 
HD160691 G3IV/V NULL 0.28 15.3 1.08 NULL 5.15 NULL 
HD196050 G3V NULL 0.3 46.9 1.13 NULL 7.6 1.84 
HD195019 G3V/IV 3.16 NULL 37.4 0.98 NULL 6.87 NULL 
HD38529 G4IV NULL 0.313 42.4 1.39 2.82 5.95 6.25 
HD213240 G4IV 2.7 0.23 40.75 0.95 NULL 6.81 2.62 
HD216437 G4IV-V NULL 0.21 26.5 1.15 NULL 6.04 2.24 
BD -10 3166 G4V NULL NULL NULL 1.1 NULL 10.08 NULL 
HD37124 G4V NULL -0.42 33.2 0.91 NULL 7.68 NULL 
70Vir G4V 8 -0.11 8.9 0.92 NULL 5 NULL 
HD37124 G4V NULL -0.42 33.2 0.91 NULL 7.68 NULL 
HD168746 G5 NULL NULL 43.12 NULL NULL 7.95 NULL 
HD187123 G5 NULL NULL 50 1.06 NULL 7.9 NULL 
HD28185 G5 NULL 0.24 39.56 0.9 NULL 7.8 1.09 
HD80606 G5 NULL 0.43 58.38 0.9 NULL 9.06 0.75 
HD70642 G5 4 0.16 28.8 1 NULL 7.17 1 
HD16141 G5IV NULL NULL 35.9 NULL NULL 6.78 NULL 
HD190228 G5IV NULL NULL 62.11 1.3 NULL 7.3 4.38 
HD10697 G5IV NULL 0.15 32.6 1.1 NULL 6.27 NULL 
HD65216 G5V NULL -0.13 35.6 0.9 NULL 7.97 0.71 
HD49674 G5V NULL 0.25 40.7 1 NULL 8.1 NULL 
HD134987 G5V NULL NULL 25.6 1.05 NULL 6.47 NULL 
HD92788 G5V NULL 0.24 32.3 0.97 1.05 7.31 NULL 
HD222582 G5V NULL -0.01 41.9 1 NULL 7.68 NULL 
HD4208 G5V NULL -0.24 32.7 0.93 NULL 7.78 NULL 
HD4203 G5V NULL 0.22 77.8 1.06 NULL 8.7 NULL 
HD108874 G5V NULL 0.14 68.5 1 NULL 8.76 NULL 
HD111232 G5V NULL -0.36 28.9 0.9 NULL 7.59 0.68 
HD 168443 G6IV 10 0.1 37.9 1.01 NULL 6.92 2.1 
HD 168443 G6IV 10 0.1 37.9 1.01 NULL 6.92 2.1 
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Table A.6: 

star spectral age [Fe/H] d mass R* my 
type (Gyr) (pc) (Mo) (Ro) (L©) 

GJ777A G6IV NULL 0.25 15.9 0.96 NULL 5.73 1.13 
HD12661 G6V NULL 0.194 37.2 1.07 1.096 7.43 1.2 
HD12661 G6V NULL 0.194 37.2 1.07 1.096 7.43 1.2 
GJ3021 G6V 0.6 0.2 17.62 0.9 NULL 6.59 0.66 
HD73526 G6V NULL 0.1 94.3 1.05 NULL 9 NULL 
HD76700 G6V NULL 0.1 59.5 1 NULL 8.13 NULL 
HD217107 G7V NULL 0.29 19.7 0.96 NULL 6.17 NULL 
HD73256 G8/K0 6.75 0.29 36.52 1.05 0.89 8.08 0.69 
55 Cnc G8V 5.5 0.27 12.53 0.95 NULL 5.95 NULL 
55 Cnc G8V 5.5 0.27 12.53 0.95 NULL 5.95 NULL 
HD178911B G8V NULL 0.28 46.73 0.87 NULL 7.97 1.3 
HD30177 G8V NULL 0.2 54.6 0.95 NULL 8.41 NULL 
55 Cnc G8V 5.5 0.27 12.53 0.95 NULL 5.95 NULL 
HD104985 G9III NULL -0.35 102 1.6 11 5.78 59 
OGLE-TR-56 G? NULL NULL 1500 NULL NULL 16.6 NULL 
HD177830 KOIV NULL NULL 59 1.15 NULL 7.18 NULL 
HD83443 KOV NULL NULL 43.54 NULL NULL 8.23 NULL 
HD130322 KOV NULL -0.02 29.8 0.79 NULL 8.04 0.5 
G186 KOV NULL -0.24 10.9 0.79 NULL 6.12 0.4 
T Bootis KOV 2 0.28 18.3 1.3 NULL 4.5 NULL 
HD128311 KOV NULL 0.08 16.6 0.8 NULL 7.48 NULL 
14Her KOV NULL 0.35 18.1 1 NULL 6.64 NULL 
HD3651 KOV NULL 0.05 11.1 0.79 0.93 5.88 NULL 
HD216770 KOV 2.5 0.23 37.9 0.9 NULL 8.11 0.79 
HD46375 KlIV NULL NULL 33.4 NULL NULL 7.94 NULL 
HD41004A K1V/K2V 1.6 -0.09 43 0.7 NULL 8.65 0.65 
HIP75458 K2III NULL 0.03 30 1.05 NULL 3.3 NULL 
HD27442 K2IV NULL 0.2 18.2 1.2 NULL 4.44 NULL 
E Eridani K2V 1 -0.1 3.22 0.8 NULL 3.7 NULL 
HD192263 K2V NULL 0.04 19.9 0.75 NULL 7.79 0.34 
HD114783 K2V NULL 0.33 20.4 0.92 NULL 7.57 NULL 
HD114386 K3V NULL -0.03 28 0.75 NULL 8.73 0.28 
GJ876 M4V 5 NULL 4.7 0.32 NULL 10.1 0.0124 
GJ876 M4V 5 NULL 4.7 0.32 NULL 10.1 0.0124 
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