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Abstract 

 This dissertation explores the non-Doppler shifting of Helium lines in the high pressure 

conditions of a white dwarf photosphere.  In particular, this dissertation seeks to 

mathematically quantify the shift in a way that is simple to reproduce and account for in 

future studies without requiring prior knowledge of the star’s bulk properties (mass, radius, 

temperature, etc.).  Two main methods will be used in this analysis.  First, the spectral line 

will be quantified with a continuous wavelet transformation, and the components will be used 

in a 𝜒2 minimizing linear regression to predict the shift.  Second, the position of the lines will 

be calculated using a best-fit Levy-alpha line function.  These techniques stand in contrast to 

traditional methods of quantifying the center of often broad spectral lines, which usually 

assume symmetry on the parts of the lines. 
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I. Introduction 

I.1 Stellar Evolution at a glance 

White Dwarf (WD) stars represent the final state of stellar evolution for approximately 98% of 

the stars in our galaxy (with few exceptions, those stars with masses lower than ~8𝑀⊙) (Fontaine et al., 

2001).  During the active life of a star, it is in a state of quasi-equilibrium between gravity and internal gas 

and Eddington pressures.  Gas pressure predominates for low mass stars such as our Sun and 

Eddington/radiation pressure predominates for massive stars, but both sources of pressure require active 

sources of power.  During the main sequence phase of a star’s life, most of this energy comes from fusion 

processes, which results in the net conversion of Hydrogen (1H) into Helium (4He).  These processes 

release approximately 0.7% of the mass of the fused 1H in the form of neutrinos, positrons, and gamma 

ray photons.  This fusion can only take place in the region of core where the densities and temperatures 

are high enough to sustain fusion.  As the star burns, the He/H ratio of the core increases, reducing the 

rate at which this fusion can take place, and setting the stage for the final step of the stars evolution.  This 

reduced rate of fusion causes the stellar core to compress, increasing the core temperature and density, 

which results in a larger fusing region.  This, in turn results in a higher luminous output, but lower surface 

temperature due to the increased stellar radius. (Clayton, 1983)  

A star starts to leave the main sequence when the shrinking, hotter core allows the extension of 

hydrogen burning into a shell outside the core. This permits the star to produce significantly more power.  

With this increased power, the outer envelope of the star becomes much larger and cooler, and the star 

becomes a red giant.  This marks the beginning of a sequence of events that will ultimately result in the 

full extinction of energy production.  The time scale for these changes is controlled by the stellar mass.  

For the sun, this will occur around 5 × 109years from now, or approximately 1010years after its 

formation.  This lifespan has a strong inverse relationship with the main sequence mass of a star; 

extremely massive O type stars can have a lifespan of around 106years, while the least massive stars can 

have lifetimes nearly 100 times longer than the current age of the universe. (Clayton, 1983) 
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 Eventually, the star reaches the point where the now 4He-rich core achieves the temperature and 

density required for 4He to fuse into carbon (12C) and Oxygen (16O).  The fusion of 4He is not as efficient 

as 1H, with only 0.065% of the mass being converted.  It is also a less stable process; it requires 

significantly higher fusion temperature and pressure at the fusing core to occur, but due to the virtually 

superconductive nature of degenerate matter, it generates more power when the conditions are met.  As a 

result, when a star reaches the red giant phase, it will experience a series of cycles, known as He flashes, 

where the star becomes unstable and starts to collapse, causing the core to heat up, fusing 4He rapidly, and 

the star rapidly expands, reducing the pressure and lowering the fusion rate. These are the so called 

Asymptotic Giant Branch stars.  During the expansion phase, the star ejects a portion of its outer 

envelope.  During this cycle, there is still 1H fusion occurring in the still 1H rich outer shell of the core, 

but it is insufficient to provide the necessary heat to either hold up the envelope of the red giant, or to 

stabilize the 4He fusion process. This process continues until the degeneracy pressure of the core of the 

star becomes great enough to prevent the star from collapsing and getting hot enough for 4He fusion to 

occur again.  At this point, most stars will arrive in their final stage, a WD star with a C/O degenerate 

core, having lost most of its nondegenerate mantle.  For example, the sun will ultimately lose 45% of its 

mass before it becomes a WD (Sackmann et al., 1993).  Depending on mass, the final stages of stellar 

evolution proceed somewhat differently.  If a star is greater than ~2𝑀⊙, its initial transition into the 

Helium burning phase will be smooth, with the period of rapid expansions and collapse happening later.  

If a star is between 8𝑀⊙ and 10𝑀⊙ while in the main sequence then it will be able to fuse 16O into Neon 

(20Ne) before becoming a WD (Werner et al., 2005).  If a star is greater than ~10.5𝑀⊙, it will be able to 

initiate other fusion reactions, but will have too much mass for electron degeneracy pressure to prevent 

further collapse, resulting in a type II supernova, which leaves behind a neutron star or a black hole.  

Nature can also produce 4He core WD through close binary star evolution where the more massive 

companion will strip the envelope from the less massive star before He core ignition can occur.  The 

result is a very low mass (< 0.47𝑀⊙) He core WD (Liebert et al., 2014).  We will not consider these 
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further.  Single stars less than 0.47𝑀⊙ have not had sufficient time to reach the WD state over the 14 

billion year age of the universe. (Rolfs & Rodney, 1988) 

I.2 White Dwarf Spectral Types 

WDs, like other stars, are classified by their optical spectra.  Due to the extreme gravity of a WD 

(on the order of 108𝑐𝑚 𝑠−2), the photosphere of a WD can be exceptionally thin (hundreds of meters) and 

highly stratified. The chemical composition of the photosphere, and thus the spectral type of the WD, are 

very sensitive to the details of envelope ejections during He flashes.  In a typical star, the He flashes can 

result in a WD with a very small (10−4𝑀⊙), but optically thick, H layer on top (Fontaine & Wesemael, 

2001).  The spectra of these WDs usually exhibit very strong H features, and are referred to as spectral 

type DA, historically due to their spectral similarity with A type stars.  However, due to the unstable 

nature of the He flashes, the final ejection of matter may remove all of the H layer, leaving the He 

envelope exposed.  The type of spectrum seen in this star depends on the temperature of the He layer.  For 

a very hot and very young WD, the outer He layer becomes ionized (becoming He-II), and the WD has 

spectral type DO.  As the surface cools, the He-II recombines (becoming He-I), and the WD now has 

spectral type DB (Mccook & Sion, 1999).  It is also possible for a WD to change from spectral type DA 

to spectral type DB as it cools to the point where convective currents reach the surface, and dilute the thin 

H layer with He (Bergeron et al., 2011). A third option is that the final ejection does not remove the entire 

hydrogen layer, but enough that it is no longer optically thick, resulting in helium spectral features mixed 

in with the hydrogen spectral features.  This WDs becomes a DAB or a DBA stars, depending on which 

spectral features are strongest.  Other possible spectral types of WDs are DQ (the WD has a significant 

amount of carbon in its photosphere) and DZ (the WD has significant amount of heavier elements – 

metals - in its atmosphere).  The DZ spectral types are usually the result of a debris belt accreting onto the 

WD, since the extreme gravity of the surface of these stars very quickly stratifies the surface.  DQ WDs 

can also be the result of strong convection currents within the WD envelope dredging carbon from its 

mantle (Atweh, 1991). Examples of all these classes of photosphere can be seen in figure 1.1.  Due to 
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both the relative optical transparency of He, and the stronger convective currents, WDs with a He 

dominated atmosphere are more likely to become DBZ or DBQ stars than are stars with a H dominated 

atmosphere to become DAZ or DAQ (Kilic et al. 2008).  This suggests that, in the case of DBZ and DBQ 

stars, many of these objects are the result of interactions with external polluting objects in the recent past 

(on the Myr timescale) rather than ongoing, in turn suggesting that these WDs may be used to find 

otherwise undetectable dense pockets within the ISM. 

 

Figure 1.1: Integrated spectrum of DQ Her with a G160L grating, from Silber et al., 1996, 

displaying strong C IV lines, as well as N V and Si IV 
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I.3 Structure 

The majority of the mass of a WD is contained in its core.  In this region, the compressive force 

of gravity is countered by the degeneracy pressure of the electrons, which is in turn a result of the Pauli 

exclusion principal (Fontaine & Wesemael, 2001).  The Pauli exclusion principal states that two fermions 

cannot exist in the same quantum state.  In a WD, the atoms that make up the core are packed so tightly 

that the wave functions of their orbiting electrons need to become more spatially condensed.  Due to the 

Heisenberg relationship between the momentum and position, this means that the ground state of orbiting 

electrons have higher momentum, and thus higher energy.  As gravity squeezes the collapsing WD, the 

electrons are required to move into higher energy states.  For a WD less than the Chandrasekhar limit, 

there will be a radius at which the additional energy required for the electrons to squeeze into a tighter 

space is greater than the gravitational potential energy released by the stars further collapse.  The final 

result is a virtually isothermal, highly conductive degenerate core, covered by a very thin, non-degenerate 

envelope. 

It is only the core of the WD that is degenerate matter.  Outside of the core is an envelope of 

nondegenerate helium, along with, possibly, a thin layer of hydrogen.  These layers, despite being a mere 

1% of the mass of the WD, have a huge impact on how we see it.  Most directly, this layer is optically 

thick, thus all of the spectral information we receive from a WD comes from the outermost layer.  Less 

directly, the envelope controls the thermal evolution of the WD star.  The degenerate matter at the core of 

a WD has high thermal and electrical conductivity, and is thus very nearly isothermal.  The envelope, 

being primarily a He-II plasma, is opaque.  As a result, the degenerate core of a WD may be nearly 107 K, 

while the outside radiating surface is a mere 104 K.  This extreme temperature difference between core 

and envelope, along with the small radiating surface and large heat capacity, is what allows WD stars to 

remain radiating billions of years after they have ceased generating any fusion power. 
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The relationship between the mass of a WD and the radius of a WD (hereafter called the Mass-

Radius relationship, or MRR) is governed primarily by the properties of electron degenerate matter, and 

defined by the equation of state.  In non-relativistic electron degenerate matter, i.e. matter where the 

kinetic energy of the degenerate electrons is significantly smaller than their rest energy, the degeneracy 

pressure goes as free electron density to the 5/3 power.  More specifically, 𝑃 = �3
𝜋
�
2
3 ℎ2

20 𝑚𝑒
 𝜌𝑒

5
3 , where h is 

Planks constant, 𝑚𝑒 is the mass of an electron, and 𝜌𝑒 is the free electron density (Griffiths, 1994).  This 

leads to an MRR for a non-relativistic WD core of 𝑅 ∝ 𝑀−13, with the proportionality depending on the 

composition of the core.  Roughly speaking, a WD that is one solar mass with a typical 12C/16O core will 

have a volume approximately similar to the Earth.  If the electron degenerate matter is ultra-relativistic, 

i.e. the kinetic energy of the degenerate electrons is much larger than their rest energy, then the 

degeneracy pressure goes as free electron density to the 4/3 power.  The resulting MRR is such that the 

radius indefinite, and mass is fixed.  One way of thinking about this is that, under these conditions, 

degeneracy pressure can overcome the force of gravity at any radius, as long as the mass of the WD is 

exactly 5.76𝑀⊙/𝜇𝑒2, where 𝜇𝑒 is the atomic mass per electron of the WD, typically ~2 for C/O WDs.  

Above that limit, degeneracy pressure cannot overcome the force of gravity at any radius.  Most WD stars 

do not precisely match either limit, but tend to be closer to the non-relativistic model than the hyper-

relativistic model.  Additionally, the state that the matter exhibits varies throughout the individual WD, 

with the interiors being more relativistic at deeper levels, see figure 1.2. 

I.4 Observational History 

The first recorded instance of a WD being observed was in 1783 by William Herschel.  

Specifically, he observed that a star in the constellation Eridanus known as 40 Eridani (or Keid) was in 

fact a triple star system. This system consisted of a bright star, 40 Eridani A, orbiting at a distance from a 

tighter binary pair of dimmer stars, the WD 40 Eridani B and the M dwarf 40 Eridani C.  Due to state of 

knowledge at the time, 40 Eridani B was not recognized as being unusual.  It wasn’t until 1910 when 
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Williamina Fleming classified 40 Eridani B as having spectral class A.  This observation did not fit with 

the understanding at the time, as stars with spectral class A were known to be very bright.   

 

Figure 1.2, The Mass Radius Relationship calculated by Chandrasekhar in 1935.  The solid line 
represents the MRR calculated by Chandrasekhar in 1935.  The dashed line represents the MRR for a 
non-relativistic Fermion gas.  The circles represent WDs at the given mass, with the portion of these WDs 
that can be considered relativistic (𝑇 > 𝑚0𝑐2) represented in grey. From Chandrasekhar (1935) 
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This lead Henry Norris Russell to conclude that 40 Eridani B represented a new type of stellar 

object.  To further cement this impression, visual estimates for the density of 40 Eridani B, and later 

Sirius B, showed that these objects had densities many thousands of times greater than had ever been seen 

before (Schatzman, 1958).  This was further confirmed when absorption spectra taken of these objects 

showed redshifting far greater than their companions, which the then new theory of general relativity 

predicted for objects of that mass and size. 

Since their initial discovery in 1910, WDs have been found at an exponential rate.  By 1930, only 

3 had been discovered (the three classical WDs).  By 1940, this number was 18, by 1950 it was over 100 

(Luyten, 1950), and by 2000 it was over 2,000.  Today, the majority of known WDs were discovered by 

the Sloan Digital Sky Survey (SDSS), which has discovered over 20,000 in just over 1/3rd of the sky.  Due 

to their low luminosity (Mv>10), WDs are extremely difficult to detect, with even the brightest WD being 

invisible to our instruments at distances of 1kpc and above. 

I.5 The Importance of WDs to Astrophysics 

In our current best model, type 1a supernovae (SNe 1a) are formed when a WD star near the 

Chandrasekhar limit accretes matter from a close binary partner.  When this accretion causes the WD to 

reach the Chandrasekhar mass (which is slightly less than the Chandrasekhar limit), a runaway carbon 

fusion reaction takes place, creating enough energy to overcome the gravitational binding energy of the 

WD (Hillebrandt & Niemeyer, 2000).  Because these supernovae are predicted to all have nearly identical 

masses, they should have nearly identical absolute luminosities (Mv=-19.3).  This, in turn, means that 

they can be used as standard candles for very distant (on the order of gigaparsecs) objects (Colgate, 

1979). WDs have long been accepted as progenitors for Sne 1a, but the precursor systems have not yet 

been directly observed.  The strongest evidence we have seen was in the supernova SN2014J in the cigar 

galaxy (Messier 82).  This supernova was the closest observed Sne 1a to earth since SN1972E.  As such, 

the fact that the progenitor to this supernova had not been seen indicates that the progenitor was a star of 
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low luminosity, while the brightness of the supernova eliminated the possibility of a low mass main 

sequence star, leaving a WD as the most reasonable explanation. 

Recently, the validity of Sne 1a as standard candles has been questioned.  Milne et al. (2015) 

demonstrated that the photometric color curves of Sne 1a fall into two distinct groups, which were 

referred to as NUV-red and NUV-blue.  These groups consistently differed in u-v color by around 0.4 

magnitudes, while the variance within each group was generally less than 0.1 magnitudes.  Additionally, 

the likelihood of these two types of supernovae occurring seems to depend on redshift, with the NUV-red 

group being more common (2:1) in observed Sne 1a at lower redshifts, while the NUV-blue group is 

more common in high redshift observations.  This creates a potential problem with using Sne 1a as 

standard candles because typically, Sne 1a are distant enough that a significant amount of extinction and 

reddening has occurred to the light before it reaches our telescope.  Typically, this is corrected by 

applying a de-reddening model to the observed light until it conforms to expected photometry.  This 

discovery, if true, would have far reaching implications, including possibly a reassessment of the 

currently accepted ΛCDM model of the universe (Nielsen et al., 2015). 

I.6 Line Formation 

Individual spectral lines are the result of electrons transitioning between two discrete energy 

states within an atom.  When an atom interacts with a photon of a particular frequency (and thus energy), 

an electron within that atom will absorb the photon and move to an orbital with a higher energy.  If a 

group of these atoms are illuminated with broad spectrum light (such as the light produced by blackbody 

radiation), then the atoms will selectively remove the photons with the proper energy.  When this light is 

spectroscopically observed, it will appear to be a blackbody like spectrum with sharp dips at the 

frequencies corresponding to the frequency of these photons absorbed. 

While these dips are caused by atoms absorbing photons with particular frequencies, the 

properties of the dips often suggest that there are other factors affecting the photon absorption.  The most 
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obvious property being that the dips often exhibit a width far in excess of what can be expected from the 

precision of the detector.  This means that a particular transition does not exclusively remove light of a 

certain energy, but from a range of energies.  There are a few factors that can create this broadening.   

I.6.a Natural Broadening 

The simplest form of broadening is a result of the atom interacting with the local quantum electric 

field.  In particular, when an excited atomic energy eigenstate mixes with a quantum electric field in the 

ground state, the result is not a true eigenstate of the Hamiltonian.  This is what allows spontaneous 

emission to take place.  The reverse (atom in ground state, QE field in an excited state) likewise is 

responsible for the absorption.  From the Heisenberg uncertainty principal, we can assume that if a 

particular excited atomic state has a mean lifetime of t, then it is a superposition of energy eigenstates 

with an energy spread on the order of h/t.  For an emission line created by a transition to the ground state 

of an atom, or an absorption line created by the reverse process, this will produce a Lorentzian spectral 

profile with a characteristic width Γ𝑈 = ∑ 𝐴𝑈𝑖𝑖<𝑈  where Aij is the Einstein A coefficient, representing the 

spontaneous emission rate from state i to state j.  For an emission line created by a transition from one 

excited state to a lower excited state, or the reverse for an absorption line, this will produce a Lorentzian 

profile with a characteristic width Γ = Γ𝑈 + Γ𝐿 (Hubeny & Mihalas, 234). 

I.6.b Doppler Broadening 

Other forms of line broadening occur because the spectral features observed are the combined 

effect of every surface atom.  For example, if each atom moves at a different speed, then each atom will 

create emission or absorption lines that have been Doppler shifted.  The spectral features created from this 

ensemble will be the convolution of the natural absorption profile and the radial velocity function of the 

atoms.  

At the macroscopic level, the object observed may be spinning.  If it is doing so with significant 

tangential velocity, and the detector is unable to spatially resolve the object, then the observed line will 
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appear to broaden, as different positions on the surface will exhibit different radial components of their 

tangential velocity (Collins, 1994).  This should broaden all of the spectral lines to the same degree.  

However, for the purpose of this analysis, the line broadening due to rotation is negligible.  WDs tend to 

have a very small radius (approximately that of Earth), and, unlike their more extreme counterparts 

neutron stars, do not tend to be rotating very rapidly.   

A second factor that can create Doppler broadening is the thermal motion of the atoms within the 

object being observed.  Atoms within a WD atmosphere follow a Maxwellian momentum distribution, 

possibly with different effective temperatures in the directions parallel and perpendicular to the ambient 

magnetic field.  If the magnetic effects on temperature are ignored, then the resulting spectral line curve 

will be in the shape of a Lorentz profile (the natural shape of a line) that has been convolved with a 

Gaussian (from the Maxwellian distribution of velocities), resulting in a shape known as a Voigt profile.  

One characteristic of thermal broadening is that it affects spectral lines by different amounts; with the 

lines coming from the lightest atoms experiencing more broadening than lines coming from heavier atoms 

due to the larger variance of velocity in lighter atoms, which does match the pattern of broad hydrogen 

lines and narrow lines from heavier elements is seen in WDs with spectral types DZ.  Another 

characteristic of thermal broadening is that the amount of broadening is strongly dependent on 

temperature.  This pattern, however, is not typically noticed in WD spectra, as the widths of spectral lines 

are typically significantly larger than would be predicted by a Maxwellian distribution model. 

I.6.c Interactional broadening 

A third factor that influences the width of spectral lines is collision broadening.  Collision 

broadening occurs when collisions between particles in a fluid are extremely common, at least on the 

order of the rate of spontaneous emission.  Under these conditions, the energy imparted upon or removed 

from an atom during a collision can affect the energy required to excite its electron(s).  The line profile 
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created by collisional broadening is a Lorentzian profile, with characteristic width Γ = 2/𝜏, with τ being 

the mean time between collisions (Hubeny & Mihalas, 234).   

A fourth factor is known as quasistatic pressure broadening.  Quasistatic pressure broadening can 

be thought of as collisional broadening in the case where duration of collisions is longer than the mean 

time between collisions, resulting in the atoms permanently being in a perturbed state.  Because of this 

semi permanence, the strength of the line is unaffected by the rate of collision, and thus relatively 

unaffected by the temperature of the fluid (Griem et al., 1962).  The primary factor that affects the width 

and shape of the line is the pressure that the fluid operates under.  Since each atom in the ensemble is in a 

constant state of being perturbed by its neighbors, quasistatic pressure broadening is often explained by 

the Stark Effect (Gigosos & Cardenoso, 1987).   

The most likely mechanism for the line shift in Helium is quasistatic pressure broadening.  In DA 

WDs, the width of the spectral line is highly dependent on log G (used as a proxy for pressure), and 

negligibly dependent on temperature.  Furthermore, the Stark pattern for hydrogen is symmetrical 

(Hubeny & Mihalas, 247), or very nearly symmetrical (Foster, 1926), while the Stark pattern of Helium 

displays significant asymmetry (Foster, 1926).  This matches the observations that show hydrogen lines 

do not exhibit any significant shifting, while helium lines do. 

 I.6.d Shifting 

 In addition to broadening, spectral lines may also experience a shift in location as a result of 

interaction.  This shifting tends to be more prominent in larger atoms, with H lines experiencing relatively 

little shifting (Halenka et al., 2015), and metal lines experiencing significantly more shifting (Hammond, 

1974. Dimitrijevic & Sahal-Brechot, 1990 [2]).  He lines follow this pattern, with a tendency to 

experience an extraneous blue shift (Dimitrijevic & Sahal-Brechot, 1990 [1]).  This blue shift was 

empirically quantified in Falcon et al. (2012) as being approximately equivalent to a Doppler shift with a 

velocity of 6.9km s-1±6.9 km s-1, see figure 1.3.  This blue shift is most prevalent in the wings of the line, 
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while the core of the line has relatively little movement.  This shifting is thought to be the result of the 

quadratic Stark effect. 

 

I.6.e Observable Effects of Broadening 

Various aspects of a WDs spectral lines can tell us many things about the WD.  These include the 

chemical composition of its atmosphere as well as mass, radius, luminosity, distance and even cooling 

age.   The basic model-based parameters are effective temperature and surface gravity (surface gravity is 

a proxy for pressure which broadens the line profiles) (Koester et al., 1981).  Most basically, the 

blackbody-like energy distribution of a WD can be used to find the temperature.  The spectral absorption 

lines can be used to determine the chemical composition of the outer atmosphere.  Additionally, the 

shapes and locations of the spectral lines can show surface gravity and gravitational redshift.  How this is 

done is shown in Fig. 1.4.   

Figure 1.3, The apparent 
Doppler shift of Hydrogen 
and Helium Lines, from 
Falcon et al., 2012/  Each 
dot represents a DAB WD 
with the redshift of both a 
H line and a He line.  The 
solid line is the expected 
result if there is no shift, 
and the dotted blue line is 
the expected shift from 
Dimitrijevic & Sahal-
Brechot, (1990 [1]) 
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Figure 1.4. Model fitting of Hydrogen lines, from Tremblay, Bergeron, & Gianninas, 2011.  These plots 
demonstrates the present ability to model H1 Balmer.  The five boxes are five different DA WD stars.  
The red lines are the fitted model spectra, while the black lines are observed line profiles spectra. The 
physical parameters of effective temperature and surface gravity of the WDs can be estimated by fitting 
the models to the observed data 

High fidelity modeling of the hydrogen Balmer lines makes it easy to determine the physical properties of 

a WD (Teff and log g) by fitting the observed line profiles.  Once these properties are known, then a model 

spectrum can be calculated for a wide range in wavelengths.   

II Research Goals 

II.1 Direct goals of research 

As mentioned in section 1.6.d, spectral lines do have a tendency to shift at high pressures.  From 

our observations of mixed atmosphere WDs and binary WDs we know that this shift cannot be fully 

explained through Doppler mechanisms.  Models do exist that can predict the amount of this shift, given 

the properties of the star in question (principally, effective surface temperature and surface gravity).  

These properties can be found through observation, but the existence of non-Doppler line shifting makes 

this difficult, as the position of the lines can no longer be relied upon to provide a usable value for 

Doppler shift.  The primary goal of this research is to find a way to quantify the shift directly from 

spectral information from the star. 
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Toward this end, two techniques have been used.  The first technique is to quantify the shape of 

the line through wavelet analysis.  This describes the line, consisting of flux values of potentially 

hundreds of spectral bins (spexels), with a few wavelet components.  These wavelet components were 

then analyzed, to determine if a pattern can be found relating these wavelet components to the value of 

the pressure shift. 

The second technique fitted the line shapes to the Levy-alpha stable family of functions.  These 

are a group of functions that are often used in statistics because they satisfy the mathematical property of 

stability, but many of these functions are used to describe spectral lines that have been broadened in 

particular ways (such as the Lorentzian function).  This analysis fitted measured spectral lines to the 

general form of the Levy-alpha stable function to determine if the observed line shifting can be 

determined from the particulars of the function 

II.2 Benefits of this Research 

II.2.a Determination of the Properties of DB White Dwarfs in White Dwarf Surveys 

WDs are, in many ways, ideal calibration targets for sensitive visible and ultraviolet telescopes.  

WDs tend to be very hot (up to 100,000K, significantly hotter than even O-type main sequence stars).  At 

this temperature, Wein’s displacement law places the peak wavelength at around 300A, well into the 

extreme ultraviolet range.  Even WD stars that have been cooling for billions of years will tend to emit a 

majority of their blackbody radiation in the ultraviolet range.  Additionally, most objects that emit 

significant UV light tend to be much larger than WDs, which means that they will tend to be more distant, 

and subsequently be affected by processes such as interstellar reddening, where the SED of the object is 

affected by interstellar matter between the source and the observer.  These two factors mean that, for 

sensitive ultraviolet instruments, WDs represent a class of objects with very well defined spectral 

properties. 
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Additionally, due to the extremely large surface gravity present on WDs, spectral lines are 

broadened to a large degree.  This makes the shape of the spectral line highly dependent on temperature 

and surface gravity of these stars.  This, in turn, allows observers to fit observed spectral lines against 

model spectral lines, and thereby determine other properties of the WD, such as its mass and radius.  The 

predictive power of the model spectra also allows us to predict photometric and spectrographic 

measurements made by a given instrument.  This can be compared to the actual measurements made by 

the instrument.  A recent example of this appears in Camarota & Holberg (2014), which found a systemic 

calibration error in the GALEX instruments at lower magnitudes. (see Figure 2.1, see Appendix B)  

Finally, Bergeron et al., (2011) suggests that the bulk properties typically used to describe the 

atmosphere of white dwarfs (effective temperature and surface gravity) are suspect when describing WDs 

with atmospheres that are dominated by He.  Even trace amounts of H (H/He~10-5) can change the 

effective temperature measured by up to 3000K.  The non-Doppler component of shift makes it difficult 

to exactly determine the Doppler effect, which in turn makes it difficult to exactly determine the bulk 

properties.  This research will make it possible to account for the non-Doppler component of line shift, 

allowing for a much more precise determination of the bulk properties of the stars.  This research may 

also have similar benefits for studies of cooler DA stars, since convection currents can put trace amounts 

of He into the photospheres of these stars, which also causes large changes in observed properties (Reid, 

1996) 

II.2.b Baseline for Laboratory Experiments Involving High Density Plasma 

Currently, at Sandia National Laboratories in New Mexico, there is a device known as the Z 

pulsed power facility, or the Z machine.  This machine creates a powerful Z-pinch in plasmas to 

momentarily produce a plasma with extremely high density and temperature.  Its primary purpose is 

fusion research, but it has also recently started to produce plasmas that are similar in density and 

temperature to the envelope of WD stars (~1018 cm-3, Heading et al., 1992).   
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Figure 2.1, Calibration curve from Camarota & Holberg, 2014, demonstrating the use of synthetic 
WD spectra to calibrate the GALEX telescope.  A similar test was done using observational data from the 
International Ultraviolet Explorer with similar results. 

This ability of the Z machine allows for experiments to directly measure Balmer line profiles in 

the laboratory, in plasmas with temperatures and densities similar to the photosphere of a WD star 

(Falcon et al., 2012, Falcon et al., 2015).  Additionally, the modeling of line broadening (Stark effect) 

using numerical simulations of ion dynamics (Ferri et al. 2014) is in progress.   If these efforts are 

successful with hydrogen, then He plasmas can also be studied in a similar fashion (Falcon et al. 2012).  

A simple way to describe the shape of He spectral lines at high pressure may be useful for calibration, and 

for basic ‘sanity checks’ of the early data. 
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II.2.c Finding unresolved DA/DB binary systems 

One of the difficulties faced in this project is that type DAB WDs are often unknown unresolved 

double degenerate binaries, one of type DA and one of type DB. For typical 0.6M stars, the orbital 

distance required for Doppler shifting to match the 7 km s-1 shifting that Falcon et al., 2012, found is on 

the order of 0.6AU.  This is much closer than binary stars tend to orbit, but not unheard of.  For example, 

the progenitor systems for AM Canum Venaticorum stars can be a pair of WD stars with orbits smaller 

than 0.01AU (Solheim, 2010).  Nevertheless, these systems represent a small minority of the double 

degenerate population. 

Kepler’s third law says that 𝑉𝑜𝑟𝑏𝑖𝑡 ∝ 𝑎−
1
2, where a is the semimajor axis, so a better model to 

predict these non-Doppler shift components would rapidly expand the scope of double degenerate 

systems that can be found through mismatches in Doppler shift.  If the measurement uncertainty were 

shrunk to the order of 1 km s-1, then this method could find typical 0.6M WDs with orbital radii up to 

around 20AU, the approximate orbital distance of the Sirius system. 

  II.2.d Improving the precision of large scale white dwarf surveys 

This empirical study of  pressure shifts in He I lines in this thesis could directly lead to the use of 

DB stars in studies of the gravitational redshifts, giving mass estimates for these stars that are independent 

of surface gravity determinations.   This is akin to what Falcon et al. (2012) did for a statistical sample of 

DB stars that yielded the result that DB stars, on average, appear to have higher masses than DA stars.  A 

potential goal of this research is to reproduce this result using individual DB stars in binary systems.  

  II.2.e Quantification of non-Doppler shifting in DB stars 

The goal of this thesis is to find a method by which observers may quantify the non-Doppler shift 

of the helium spectrum through spectroscopic observations.  To do this, a sample of stars with both 

hydrogen and helium spectral features were used.  The study focused on the position of the hydrogen 
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Balmer alpha line, corresponding to three transitions, primarily from the |3d,J=5/2> state to the |2p,J=3/2> 

state (Mohr & Kotochigova, 2016), and the position and shape of the helium Fraunhofer D3 line, 

corresponding to three transition, primarily from the |1s3d,J=3> state to the|1s2p,J=2> state (Martin, 

2016), from here on simply referred to as the H line and the He line respectively.   

III White Dwarf Selection 

 III.1 Selection of Category of White Dwarf 

One major confounding factor in determining pressure shifting of Helium lines is that Doppler shifting is 

usually far more significant.  Radial motion for nearby WD stars is on the order of ±20 km s-1 (6.67 ×

10−5 × 𝑐), and gravity produces a shift equivalent to between 20 km s-1 (6.67 × 10−5 × 𝑐) and 100 km s-1 

(3.34 × 10−4 × 𝑐).  However, in Falcon et al (2012), the difference in measured shifts between Hydrogen 

and Helium lines was equivalent to a Doppler shift of 7 km s-1 (2.33 × 10−5 × 𝑐), which is significantly 

smaller than the range of possible Doppler shifts.  In order to accurately determine the shift that is due to 

pressure, the shift from Doppler effects must be known.  This places a limit on the stars that we may use 

for this measurement.   

There are two types of WDs for which the total Doppler shift can be determined.  The first are stars that 

are a part of a resolved binary system.  The mass of the WD can be found through the orbital properties of 

the binary pair, as can their center of mass motion.  That, combined with the radius of the WD, which can 

be found if the distance is known, will let us determine the gravitational redshift of the WD.  Likewise, 

the velocity redshift can be found from the companion star.  However, these types of stars are extremely 

rare (Holberg, 2009).  The Villanova White Dwarf Catalog (McCook & Sion, 2013) has listed 25 DB 

WDs that are a part of a binary star system, with only 3 having magnitudes lower than 17. 

The second type of WD for which the Doppler shift can be accounted for are mixed atmosphere WD, 

spectral type DAB and DBA.  These are WDs that exhibit both Hydrogen and Helium absorption lines.  

Both sets of lines are subject to stellar motional and gravitational Doppler shifts, but the Hydrogen lines 
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exhibit no appreciable pressure shifting (Shipman & Mehan, 1976).  Since the factors that create Doppler 

shift (motion, gravity) will affect both sets of lines equally, the shifting of the Hydrogen lines can be used 

as a fiducial for the Doppler component of the shift in the Helium lines. The Villanova White Dwarf 

Catalog (McCook & Sion, 2013) has listed 31 DAB WDs, and 111 DBA WDs, with 12 and 22 

respectively having magnitudes lower than 17. 

It is very likely that many of the objects that are currently classified as mixed atmosphere stars are in fact 

unresolved binary systems.  Nevertheless, there are significantly more mixed atmosphere stars than there 

are binary systems, so this research will focus on the mixed atmosphere systems. 

 III.2 Instrumentation requirements 

As previously mentioned, the expected non-Doppler shift in the Helium lines are on the order of 7 km s-1 

(Falcon et. al., 2012).  In order to observe a shift of this magnitude, the observing instrument needs to 

have resolution (𝑅 = 𝜆
Δ𝜆

) on the order of 40,000 in order to detect these shifts.  The only type of 

instrument capable of this level of spectral resolution is a high order Echelle spectrograph.  Additionally, 

the observations made must be complete in the spectral regions close to the 6563A (Balmer alpha) line of 

Hydrogen, and the 5876A line of Helium.  Because of these requirements, observational data comes from 

three sources; The European Southern Observatories (ESO) Ultraviolet and Visual Echelle Spectrograph 

(UVES) (R=40,000-100,000), The Keck Observatory High Resolution Echelle Spectrometer (HIRES) 

(R=25,000-85,000), and the William Herschel Telescope (WHT) Utrecht Echelle Spectrograph (UES) 

(R=55,000-85,000).  These telescopes retain all their observational data in public archives.  Of the 142 

mixed atmosphere WD stars listed in the Villanova White Dwarf Catalog, UVES has observed 20, HIRES 

has observed 4, and UES has observed 2, for a total of 23 unique stars, accounting for overlap.  See Table 

2.1 for a list of stars. 
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White Dwarf Star Magnitude Class Telescope Observations 

EC12438-1346 16.39 DBA ESO 3 

HE1349-2305 16.3 DBAZ ESO 6 

WD0025-032 15.7 DBA2.9 ESO 2 

WD0110-565 15.86 DBAZ2 ESO 2 

WD0125-236 15.37 DAB ESO 4 

WD0128-387 15.32 DAB ESO 2 

WD0146+187 15.5 DABZ4 Keck 2 

WD0146+187 15.5 DABZ4 WHT 2 

WD0158-160 14.8 DBA ESO 2 

WD0209+085 13.9 DAB WHT 2 

WD0414-045 15.7 DBA3.7 ESO 2 

WD0453-295 15.12 DAB ESO 21 

WD0921+091 16.2 DBAM ESO 2 

WD0948+013 15.6 DBA ESO 2 

WD1149-133 16.3 DBA ESO 2 

WD1207-238 15.79 DBA2.9 ESO 2 

WD1421-011 15.97 DBA3? ESO 2 
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WD1557+192 15.4 DBA ESO 3 

WD1709+230 14.9 DBA ESO 2 

WD1709+230 14.9 DBA Keck 3 

WD1822+410 14.39 DBA Keck 4 

WD2154-437 14.69 DBA ESO 2 

WD2237-051 14 DBA3.9 ESO 2 

WD2253+803 15.8 DBAZ3 Keck 2 

WD2253-0620 15.5 DBA4 ESO 2 

WD2334-414 15.61 DBA2.8 ESO 2 

Table 3.1 a list of stars found to be observed in spectral ranges that include both the H and He lines in 
this study, and with high enough resolution for the line shape to be reasonably found. 

IV Hermite Wavelet analysis 

 IV.1 Wavelet Analysis 

The first technique to be employed is a wavelet decomposition of the spectral lines.  In a wavelet 

decomposition, the spectral line is treated like a signal, and covolved with a set of wavelets.  The 

resulting wavelet coefficients represent the original function within the wavelet basis.  For this 

technique, the wavelet set should be orthonormal in the wavelength measure.  Mathematically, this 

means that if the nth wavelet is represented by 𝜓𝑛(𝜆), then the wavelets should have the property 

∫ 𝜓𝑛(𝜆)𝜓𝑛(𝜆)𝑑𝜆 = 𝛿𝑚𝑛, where 𝛿𝑚𝑛 is the Kronecker delta.  With this set of functions, any 

continuous signal function 𝐹(𝜆) can be covolved with the set of wavelets, finding the set of 

coefficients that represent the signal function in the wavelet basis, ie 𝐹�𝑛 = ∫ 𝐹(𝜆)𝜓𝑛(𝜆)𝑑𝜆, and 

therefore 𝐹(𝜆) = ∑𝐹�𝑛𝜓𝑛(𝜆). 
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Mathematically, wavelets are very similar to the Fourier transforms, in that the values of each are 

found through convolution and they represent different basis measures for a function.  Fourier 

transforms are not, strictly speaking, wavelet transforms, since the wavelet functions must be square 

normalizable, which the sine functions of the Fourier transform are not.  However, outside very 

limited examples, mostly within mathematics textbooks, the true Fourier transform is not used; 

instead when applied to samples that are finite in size or duration, the windowed Fourier transform is 

used.  This windowed Fourier transform is a wavelet transform, since making the sine functions apply 

over a limited duration does allow them to be square normalizable. 

Wavelet bases are governed by the Gabor limit.  This limit states that if 𝜓�(ξ) is the Fourier 

transform of the wavelet 𝜓(𝜆), then the value of �∫ 𝜆2|𝜓(𝜆)|2𝑑𝜆� × �∫ 𝜉2�𝜓�(𝜉)�2𝑑𝜉� ≥ 1
16𝜋2

.  This 

is mathematically similar to the Heisenberg uncertainty principal in quantum mechanics.  Effectively, 

this inequality means that if a wavelet basis is well defined in position, it cannot be well defined in 

frequency, and vice versa. 

Wavelets are commonly used in computer science and information science to detect information 

that is otherwise buried in noise.  For example, the SETI@home program uses the windowed Fourier 

wavelets to detect frequency spikes in the data collected by the Arecibo telescope (Korpela et al., 

2001).  Cao and Fang (2009) used the Daubechies-6 family of wavelets to measure polarization 

modes of the Cosmic Microwave Background.  Jayachandran et al. (2009) used the Daubechies-4 

family of wavelets to predict myocardial infarction in hospital patients. 

Wavelets can also be used to compress information.  This ties into wavelet capabilities to 

distinguish information from noise, as the unwanted noise can be discarded.  Two commonly used 

examples would be the mp3 format, which uses windowed Fourier wavelets (ISO/IEC 13813-

3:1998), and the jpeg 2000 format, which uses variants of the Cohen-Daubechies-Feauveau wavelet 

(ISO/IEC 15444) 
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IV.2 Selection of the Hermite Wavelet for basis 

The selection of which wavelet family to use as an orthonormal basis depends strongly on the 

properties of the signal being searched for.  Spectral lines are strongly limited phenomena, with the 

presence or absence of a spectral line typically not having a significant effect outside of a small 

spectral window.  This means that the wavelet basis should be reasonably constrained on a 

wavelength basis.  Secondly, the non-Doppler shift of the He lines are most prominent as 

asymmetries in the wings of the lines.  This means the desired basis should have both symmetric and 

antisymmetric terms, as well as terms that are of varying widths.  Finally, most observations where 

this technique is useful will be done with Echelle spectrometers.  Measurements taken with Echelle 

spectrometers typically are not extremely consistent in their wavelength basis.  This would present a 

problem if the wavelet basis were a discrete wavelet, meaning that the selected wavelet basis should 

be continuous.  When all of these factors are taken into account, the wavelet basis that was selected 

was the Hermite family of functions.   

The Hermite Polynomials can be calculated by the equation ℎ(𝑥;𝑛) = �2𝑥 − 𝑑
𝑑𝑥
�
𝑛
∗ 1, and the 

associated Hermite function by 𝐻(𝑥;𝑛) = �2𝑛 ∗ 𝑛! ∗ √𝜋�
−12𝑒

𝑥2

2 ∗ ℎ(𝑥;𝑛).  The first eleven Hermite 

polynomials and Hermite functions can be seen in table 4.1.  When used in convolution, the Hermite 

functions will also be adjusted by a shift and a scale factor, taking the form 𝐻(𝑥;𝑛,𝑎, 𝑏) =

1
√𝑏
𝐻 �𝑥−𝑎

𝑏
;𝑛�.  The constant a represents the location of the center of the adjusted function, and the 

constant b represents the width of the adjusted function. 

The Hermite functions satisfy most of the desired requirements for a wavelet decomposition of 

spectral lines.  First, the Hermite functions are very well spatially constrained, being product of 

polynomials and the Gaussian function.  Second, Hermite functions are their own Fourier transforms, 

so the wavelength basis constraint also translates into a good constraint on the Fourier basis.  Third, 
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the polynomials involved in the Hermite functions are exclusively even or odd, meaning that each 

Hermite wavelet is symmetric or antisymmetric, and of increasing width with increasing order.  

Finally, the Hermite functions are typically expressed as analytical functions, so the functions 

themselves are both continuous and simple to calculate. 

In physics, the Hermite functions are more recognizable as the position representation of energy 

eigenstates of the quantum harmonic oscillator.  This is semi-coincidental; the wavelet analysis in 

question is not attempting to directly calculate the shape of the absorption line profiles by quantum 

mechanical principals.  However, the eigenstates of the quantum harmonic oscillator are guaranteed 

to be orthonormal, continuous, and relatively constrained spatially; all properties desired for this 

analysis.  This can be generalized to say that the energy eigenstates of any one dimensional quantum 

system with a potential that goes to infinity could be used as an orthonormal basis for this analysis, 

and the quantum harmonic oscillator represents one of the better understood systems. 

One downside to the Hermite functions as analysis tools is that all of the even Hermite functions 

respond to a constant, non-zero signal (i.e. ∫ 𝐻(𝑥,𝑛) ∗ 1𝑑𝑥 ≠ 0 when n is even).  To account for this, 

the normalized spectrum was placed on a logarithmic scale, so that a constant signal would have a 

value of zero.  For this analysis, the magnitude scale was used, so 𝑀(𝜆) = −2.5 × log10 𝐼(𝜆).   

A modified form of the second Hermite function (R(𝑥) = 2

√3𝜋
1
4

(1 − 𝑥2)𝑒−
𝑥2

2 ), otherwise known 

as the Ricker wavelet, or the Mexican Hat wavelet, is often used in signal analysis as a ‘blob 

detector’.  The convolution function of the 𝑅(𝑥) wavelet with a signal will respond very strongly to 

an abrupt and short term change in value.  This is because the Ricker Wavelet is both compact, and 

∫ 𝑅(𝑥)𝑑𝑥∞
−∞ = 0.  This wavelet may be shifted and expanded, similar to the Hermite functions, 

𝑅(𝑥;𝑎, 𝑏) = 1
√𝑏
𝑅(𝑥−𝑎

𝑏
).  Despite the similarity in form to the second Hermite function, the Ricker 
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wavelet is not a member of the Hermite family of functions.  It can, however, be expressed as 

𝑅(𝑥) = �1
3
𝐻(𝑥; 0) −�2

3
𝐻(𝑥; 2) 
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n h(x;n) H(x;n) 

0 1 1
√1√𝜋4 𝑒

−𝑥2
2  

1 2x 2x
√2√𝜋4 𝑒

−𝑥2
2  

2 4x2-2 4𝑥2 − 2
√8√𝜋4 𝑒

−𝑥2
2  

3 8x3-12x 8𝑥3 − 12x
√48√𝜋4 𝑒

−𝑥2
2  

4 16x4-48x2+12 16𝑥4 − 48𝑥2 + 12
√384√𝜋4 𝑒

−𝑥2
2  

5 32x5-160x3+120x 32𝑥5 − 160𝑥3 + 120x
√38401√𝜋4 𝑒

−𝑥2
2  

6 64x6-480x4+720x2-120 64𝑥6 − 480𝑥4 + 720𝑥2 − 120
√46080√𝜋4 𝑒

−𝑥2
2  

7 128x7-1344x5+3360x3-1680x 128𝑥7 − 1344𝑥5 + 3360𝑥3 − 1680x
√645120√𝜋4 𝑒

−𝑥2
2  

8 256x8-3584x6+13440x4-
13440x2+1680 

256𝑥8 − 3584𝑥6 + 13440𝑥4 − 13440𝑥2 + 1680
√10321920√𝜋4 𝑒

−𝑥2
2  

9 512x9-9216x7+48384x5-
80640x3+30240x 

512𝑥9 − 9216𝑥7 + 48384𝑥5 − 80640𝑥3 + 30240x
√185794560√𝜋4 𝑒

−𝑥2
2  

10 1024x10-23040x8+161280x6-
403200x4+302400x2-30240 

1024𝑥10 − 23040𝑥8 + 161280𝑥6 − 403200𝑥4 + 302400𝑥2 − 302401
√3715891200√𝜋4 𝑒

−𝑥2
2  

Table 4.1, The first eleven Hermite polynomials, and associated Hermite wavelets 
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Figure 4.1, the first eleven Hermite functions 

 IV.3 Normalization of the Data Sets 

In order to compare the line profiles of stars with different magnitudes, they must first be made 

comparable.  First, each of the recorded stellar spectra were convoluted with a ±50 A boxcar filter.  

This means that for every point 𝜆 of wavelength on the spectrum, the average flux value for the 

region 𝜆 ± 50Å is found.  This has the effect of creating a low resolution spectrum of the star that 

does not include any detail smaller than 100Å, such as the spectral lines and most noise.  When this is 

done in a spectral region that is not close to the blackbody peak, the resulting spectrum becomes a 

good approximation of the continuum (error is proportional to the second derivative of the 

continuum).  When the original spectrum is divided by the low resolution spectrum, the result is a 

spectra deviation function, representing the factor by which a point in a spectra differed by its 
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neighbors.  This would preserve features less than 100 A in size (including the spectral line), while 

normalizing the spectra to a standard scale. 

The first, and largest, difference between spectra of different stars is in their observed magnitude.  

Different stars exhibit different brightness, and are thus observed as having different fluxes.  The flux 

output of a particular star depends on many factors.  Factors intrinsic to the star include the size, 

temperature, internal structure, chemical makeup, and history of the star in question.  However, 

external factors, including distance and absorption by interstellar matter, make reliance on raw 

measured flux impossible.  Since a boxcar filter is a type of high pass filter, the constant component 

of the spectrum is eliminated 

Similarly, a boxcar filter normalization removes the need to correct for sensitivity of various 

measurements.  This is usually a small factor, as these sensitivities are usually known by the 

institution that operates the telescope, and accounted for in the published data.  However, calibration 

differences do exist, between different telescopes, between different instruments within a telescope, 

and at different wavelengths observed by a single instrument.  With the exception of echelle patterns, 

most calibration effects occur over a relatively large bandwidth, so they are reduced or eliminated 

with a sufficiently tight boxcar filter. 

Boxcar filter normalization is also useful to correct for shape differences between different star 

spectra.  The biggest factor contributing here is the slope of the blackbody curve, which is mostly 

determined by the temperature of the radiating object.  The filtered spectra function should be similar 

to the continuum spectra, with error proportional to second derivative term of a Taylor series 

expansion of the blackbody curve around the filter.  Furthermore, this error will not affect the shape 

of features until the third derivative term of a Taylor series.  Since the wavelengths of the spectral 

lines important to this study (6563A and 5876A) are significantly larger than the peak wavelengths 
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produced by the stars in question (A relatively cool WD at 15,000K will have a peak wavelength of 

~2000A), this error will be minimal. 

Another factor which influences the shape of a star’s spectrum is differing sensitivities of 

different measurements.  Most notably, echelle spectrometers often create a wave pattern in spectrum 

data, known as an echelle ripple, as it is difficult to account for the extreme differences in response 

between wavelengths that are close to the center of a diffraction order and wavelengths that are on the 

edge of a diffraction order.  In both the Keck HIRES and the ESO UVES instruments, the echelle 

pattern is on the order of 50A, so these patterns will not be removed by the boxcar filter 

normalization.  The spectral lines are smaller than the echelle ripple, so an analysis with good spatial 

resolution should be able to discern the actual spectral feature.  See figure 4.1 below for an example 

spectrum that is heavily affected by the echelle ripple 
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Figure 4.2, Spectrum of HE1349-2305.  The Echelle ripple is the dominant pattern.  The actual He line 
can be seen, marked by a vertical line through its peak.   

 

An additional factor that can influence the shape of a recorded spectrum is the presence of high 

energy cosmic rays.  These highly energetic particles are not focused by the telescope, nor are they 

affected by the grating (having a wavelength orders of magnitude smaller than the light the 

instruments are designed to detect).  A single cosmic ray is able to impart a significant amount of 

energy into a single pixel of the detector, resulting in a large spike in the spectrograph at the point 

where the cosmic ray struck.  This creates a very high frequency disturbance, which would not be 

caught by a high-pass filter like a boxcar filter.  To correct for these cosmic ray events, a ‘grass 

clipping’ filter is applied; any pixel that differs from the pixels around it by more than a certain 

amount is set to the average of its neighbors.  For this analysis, the amount chosen was ten times the 
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variance of the pixels near it.  This value is large enough that it will only detrimentally affect spectra 

with unusable levels of noise, while small enough to catch any cosmic ray event large enough to 

significantly affect the analysis.  The effect of this grass clipping filter can be seen in figures 4.3, 4.4, 

4.5, and 4.6 below. 

 

Figures 4.3and 4.4, the grass clipping filter applied to a high SNR spectrum of star EC12436-

1346.  Left is before the clipping filter, right is after the clipping filter (with marker added at 5875.6, 

where the unshifted He line would be) 

 

Figures 4.5 and 4.6: the grass clipping filter applied to a low SNR spectrum of star HE1349-2305.  

Left is before the clipping filter, right is after the clipping filter (with marker added at 5875.6, where 

the unshifted He line would be) 
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IV.4 Hermite Analysis 

In the first step of the Hermite function analysis, the observed WD spectrum will be convoluted 

with the modified second Hermite function, resulting in the function 

𝑅𝐼(𝜆0,𝑤) = ∫𝑀(𝜆)𝑅(𝜆; 𝜆0,𝑤)𝑑𝜆.  This convolution occurred over a range of 𝜆0 = 6552.8𝐴 −

6572.8𝐴 for the Hydrogen line, and  𝜆0 = 5865.6𝐴 − 5885.6𝐴 for the Helium line, and 𝑤 = 1𝐴 −

40𝐴 for both lines.  The function was integrated over a range 𝜆 = 𝜆0 ± 10𝑤 to ensure that the error 

resulting from only a finite convolution is small.  Finally, the maximal value of 𝑅𝐼(𝜆0,𝑤) was found, 

and the resulting 𝜆0 and w values were recorded as the center and width values of these lines. 

After the maximum for the 𝑅𝐼(𝜆0,𝑤) function was found, the corresponding 𝜆0 and w were used 

to calculate the Hermite wavelet intensity functions by 𝐻𝐼(𝑛, 𝜆0,𝑤) = ∫𝑀(𝜆)𝐻(𝜆;𝑛, 𝜆0,𝑤)𝑑𝜆 at just 

those values for center and width, and with n ranging from 0 to 10.  The resulting values were 

normalized to the maximal value for 𝐻𝐼(0,𝜆0,𝑤), to account for differences in overall line intensities. 

This resulted in each observation having eleven numerical values to represent the shape of the He 

line.  These values were w, 𝐻𝐼(1)
𝐻𝐼(0), 

𝐻𝐼(2)
𝐻𝐼(0), 

𝐻𝐼(3)
𝐻𝐼(0), 

𝐻𝐼(4)
𝐻𝐼(0), 

𝐻𝐼(5)
𝐻𝐼(0), 

𝐻𝐼(6)
𝐻𝐼(0), 

𝐻𝐼(7)
𝐻𝐼(0), 

𝐻𝐼(8)
𝐻𝐼(0), 

𝐻𝐼(9)
𝐻𝐼(0), and 𝐻𝐼(10)

𝐻𝐼(0) .   

For simplicity, the line shift can be calculated as a linear combination of the input shape 

parameters, thus �̅�0 = 𝑎0 + 𝑎𝑤 ∗ 𝑤 + ∑𝑎𝑛
𝐻𝐼(𝑛)
𝐻𝐼(0).  Furthermore, the optimum width value may also 

serve as a proxy for the uncertainty in position of line shift in a chi-squared minimization.  It is not 

equal to the uncertainty, since the same value of w will produce different uncertainties for different 

Hermite functions, but for a given Hermite function (and therefore for a formula defined by a set of 

𝑎𝑛 values), the width will be proportional to the uncertainty.  Therefore, a chi square minimization 

using w as the uncertainty parameter will produce the same result as a chi square minimization using 

the true uncertainty. 
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IV.5 Tests of Wavelet Analysis on Artificial Spectral Lines. 

 IV.5.a Creation of Artificial Spectral Lines 

To test the robustness of a wavelet analysis on this type of observation, a set of noisy artificial 

spectral lines were constructed, and tested via this technique. 

Creating wave forms suitable for this analysis is relatively simple.  Since the Hermite wavelets form 

an orthonormal basis, a wave defined in this basis will only have the desired wavelet components.  

For most spectral lines, the shape is overall defined by a single peak.  In the Hermite wavelet basis, 

this suggests that the 𝐻0 component of the artificial waves should be dominant.  Additionally, since 

the purpose of this analysis is to measure asymmetric waves, there needs to be non-zero components 

to the odd numbered Hermite wavelets.  Applying to observed spectral lines, the higher order 

Hermitian components are typically on the order of 0.1 × 𝐻0.  For most of this analysis, a basic shape 

defined by 𝐻0 = 1,𝐻1 = 𝐻2 = 𝐻3 = 0.1 will be used, but these values will be changed when testing 

the effect of wave shape. 

For the first series of tests, the basic wave shape has a flat noise component added to it, and the 

resulting waves analyzed.  The noise is added using the Box-Muller algorithm, a commonly used 

technique to transform pseudorandom numbers with a uniform distribution into pseudorandom 

numbers with a Gaussian distribution) at a variety of amplitudes, from 0.1 to 3.0 (on the same scale as 

the wavelet values), at intervals of 0.1 for the range 0.1 to 1.0, and at intervals of 0.5 for the range 1.0 

to 3.0.  For each strength of noise, 1000 simulations are run, and the average measured value of each 

component, RMS measured value of each component, average uncertainty of each component, and 

average chi-squared values were found for each noise strength.  These values can be seen in table 4.2 
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Figure 4.7:, The basic artificial shape with added noise.  Noise strength relative to shape strength is 

0,0.5,1.0,2.0 in order of top left, top right, bottom left, and bottom right. 

  IV.5.b Results With Uniform Noise Profiles 

At lower noise levels (SNR ≥1.0), the effects of noise on the measured values were fairly 

straightforward.  The measured shape values tended to be within 10%*SNR of the theoretical values.  

The RMS values of the shape components tended to follow the formula 

�(0.145 × 𝑁𝑜𝑖𝑠𝑒)2 + 𝑇ℎ𝑒𝑜𝑟𝑒𝑡𝑖𝑐𝑎𝑙 𝑣𝑎𝑙𝑢𝑒2, and the measured uncertainty was typically slightly 

higher than the planned noise.  This last is most likely due to the fact that the shape values were 

calculated by 𝑆𝑛 = 𝐻𝑛
𝐻0

, so a slightly lower measured H0 component will have a larger effect than a 

slightly raised H0 component.  
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At higher noise levels (SNR≤0.5), the simulation started to fail completely.  Even averaging 5000 

trials did not create stable results.  The most likely reason is that at these noise levels, there were 

some simulated signals that had an H0 component close to zero, and these signals dominated the 

analysis. Examples of these generated profiles can be seen above in figure 4.7 

 IV.5.c Results With Non-Uniform Noise Profiles 

With an Echelle spectrometer, the noise is usually not uniform.  For the more sensitive center of 

an Echelle order, the noise level is typically lower, while it is higher for the less sensitive fringe.  As 

such, the published error levels vary in a wavelike pattern.  To see what effect this non-flat noise had 

on the measurements, another series of simulated spectral lines were given varying levels of non-flat 

noise.  In this set of tests, the same basic waveform was used, and the noise strength was 

0.5+a*sin(x), with tests run at a=[0.1,0.2,0.3,0.4,0.45].  This series of tests did not present any 

unusual results; as the variability of the noise increased, the RMS and uncertainty of the measured 

shape values increased by a consistent amount for each shape, but there was no significant change in 

the shape values. 

The choice of defining the noise by a sine function was somewhat arbitrary.  To avoid artifacts 

from the choice of variability, a series of tests with different noise shapes was conducted.  These 

noise shapes all had an average noise strength of 0.5, and varied by around 0.1.  The noise shapes 

tested were sine, cosine, Heaviside, saw tooth, Gaussian, and a displaced Gaussian (centered around 

x=[1,2,3]).   

 IV.5.d Results with Different Line Shapes 

 

To preclude the possibility that the results of this trial were due to some peculiarity of the 

standard shape chosen, this trial was repeated for a variety of shape functions.  The shape functions 

were chosen to measure the effect of four modifications.  First, the absolute values of the shapes were 
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changed, to test the effect of moving the line away from the mostly Gaussian form.  Second, the odd 

shape values were increased, to provide a greater asymmetry for testing.  Third, the shape values were 

changed to be negative.  Finally, higher order shape values were introduced.  Some of the shapes 

selected looked at those factors individually, and some looked at those factors together.
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input 

strength 

0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.1 Flat         

Measured  0.100803 0.099474 0.099441 0.000213195 -0.00032 -0.00023 -0.00031 0.000128 -0.00028 -0.00088 

Measured 

RMS  

0.101801 0.100557 0.100442 0.0143371 0.014335 0.014025 0.014386 0.01418 0.014572 0.013982 

Uncertainty 0.100471 0.100458 0.100457 0.0999644 0.099964 0.099964 0.099965 0.099964 0.099965 0.099964 

X² 0.203877          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.2 Flat         

Measured  0.101399 0.099118 0.098794 -
0.000042633 

-0.00068 -0.00101 -0.0006 0.000261 -0.00058 -0.00185 

Measured RMS  0.105373 0.10342 0.102724 0.0288091 0.028805 0.028644 0.028791 0.028309 0.02917 0.028362 

Uncertainty 0.200967 0.200926 0.200912 0.199942 0.199942 0.199941 0.199942 0.199939 0.199944 0.19994 

X² 0.205552          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.3 Flat         

Measured  0.102592 0.098355 0.098498 0.000580848 -0.00108 -0.00075 -0.00061 0.000385 -0.00118 -0.00293 

Measured RMS  0.11117 0.107777 0.107389 0.0429643 0.042895 0.042279 0.043251 0.042667 0.043507 0.042054 

Uncertainty 0.301773 0.30166 0.301649 0.300198 0.300198 0.30019 0.300202 0.300193 0.300205 0.300187 

X² 0.203184          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.4 Flat         

Measured  0.102988 0.09807 0.097885 0.00002618 -0.00136 -0.00194 -0.00089 0.000388 -0.00158 -0.0038 

Measured RMS  0.117952 0.114439 0.11317 0.0574564 0.057633 0.057683 0.057449 0.056676 0.058335 0.056759 

Uncertainty 0.402849 0.402684 0.402627 0.400725 0.400731 0.400734 0.400728 0.400704 0.400746 0.400712 

X² 0.20388          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5 Flat         

Measured  0.104063 0.097144 0.098023 0.00117019 -0.00178 -0.00093 -0.00114 0.000435 -0.00243 -0.00487 

Measured RMS  0.126196 0.121784 0.121384 0.0715541 0.071459 0.071235 0.072345 0.071515 0.072171 0.070345 

Uncertainty 0.504767 0.504486 0.504467 0.502055 0.502056 0.502049 0.502091 0.502045 0.502079 0.502018 

X² 0.200865          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.6 Flat         

Measured  0.104222 0.097135 0.09715 0.0010621 -0.0023 -0.00278 -0.00116 0.000504 -0.00294 -0.00576 

Measured RMS  0.135486 0.131495 0.12955 0.0865759 0.086344 0.087371 0.086964 0.085623 0.087565 0.08538 

Uncertainty 0.607077 0.606744 0.606598 0.603789 0.603789 0.60385 0.603829 0.603723 0.603841 0.603747 

X² 0.201619          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.7 Flat         

Measured  0.106103 0.095831 0.097658 0.00144255 -0.00275 -0.00135 -0.0009 0.000329 -0.0042 -0.00722 

Measured RMS  0.146423 0.140726 0.140874 0.100608 0.100343 0.100878 0.101908 0.100937 0.100975 0.099362 

Uncertainty 0.711017 0.710415 0.710442 0.707 0.707007 0.707004 0.707125 0.706991 0.707029 0.706941 

X² 0.19832          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.8 Flat         

Measured  0.104629 0.099841 0.107014 0.00114041 -0.00093 -0.00162 0.001051 0.004016 -0.00142 0.002881 

Measured RMS  0.15561 0.15313 0.158862 0.117926 0.120681 0.120282 0.118288 0.120878 0.12344 0.122287 

Uncertainty 0.820917 0.820584 0.821396 0.816705 0.81704 0.816992 0.816791 0.816991 0.81733 0.817161 

X² 0.202484          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.9 Flat         

Measured  0.104873 0.102406 0.107778 0.00338431 -0.00195 -0.00131 0.002107 0.003968 -0.00211 0.002355 

Measured RMS  0.16768 0.166689 0.17114 0.131967 0.134879 0.13507 0.133304 0.134327 0.137331 0.140675 

Uncertainty 0.928742 0.928565 0.929697 0.923773 0.924295 0.924399 0.924064 0.92407 0.924578 0.924916 

X² 0.19833          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 1.0 Flat         

Measured  0.106204 0.100598 0.109663 0.00102072 -0.00157 -0.00176 0.001913 0.004723 -0.00211 0.002695 

Measured RMS  0.180112 0.178389 0.18507 0.14828 0.153197 0.153257 0.150618 0.152271 0.157357 0.15471 

Uncertainty 1.03871 1.03839 1.0398 1.0333 1.03423 1.03429 1.03384 1.0339 1.03496 1.03437 

X² 0.198248          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 1.5 Flat         

Measured 0.111264 0.106333 0.115537 0.0061026 -0.00408 -0.00354 0.004078 0.004214 -0.00421 0.003301 

Measured RMS 0.256097 0.25544 0.263694 0.230596 0.239014 0.243775 0.237349 0.235681 0.244265 0.244787 

Uncertainty 1.63358 1.6336 1.63819 1.62399 1.62862 1.63108 1.62804 1.62527 1.62992 1.62946 

X² 0.181728          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 2.0 Flat         

Measured  0.118573 0.1062 0.126525 0.00213856 -0.00557 -0.00628 0.004865 0.002514 -0.00707 0.002551 

Measured RMS  0.35682 0.356298 0.372224 0.341237 0.355185 0.370622 0.358554 0.347618 0.372859 0.351593 

Uncertainty 2.3796 2.38857 2.40731 2.37937 2.3943 2.4156 2.39875 2.3795 2.40878 2.3829 

X² 0.166337          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 2.5 Flat         

Measured  
0.150373 0.152425 0.12198 

-
0.0238432 -0.06402 -0.04174 -0.05166 -0.04394 -0.0314 -0.05567 

Measured RMS  
1.4287 1.12824 1.53182 1.41729 1.71579 0.838899 1.38634 1.02739 1.27571 1.83614 

Uncertainty 
21.2888 10.0101 22.6875 20.86 24.4166 8.231 19.305 15.2749 16.6028 26.4159 

X² 0.14704          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 3.0 Flat         

Measured  
-0.12318 0.554014 -0.44654 0.235758 0.703334 0.251398 0.842249 -0.4583 1.00071 0.788168 

Measured RMS  
7.19785 14.5066 20.2197 5.48207 21.5125 10.4428 28.6518 15.1863 3.24707 22.1589 

Uncertainty 
960.206 1961.16 2732.55 727.489 2905.93 1390.5 3871.29 2054.13 345.933 2995.16 

X² 0.13255          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5 Flat         

Measured  
0.104063 0.097144 0.098023 0.00117 -0.00178 -0.00093 -0.00113721 0.000435 -0.00243 -0.00487 

Measured RMS  
0.126196 0.121784 0.121384 0.071554 0.071459 0.071235 0.0723447 0.071515 0.072171 0.070345 

Uncertainty 
0.504767 0.504486 0.504467 0.502055 0.502056 0.502049 0.502091 0.502045 0.502079 0.502018 

X² 0.200865          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.1 Sine         

Measured  
0.102023 0.100369 0.103873 0.003223 -0.00059 -0.00096 -0.000083 0.002482 -0.00069 0.001961 

Measured RMS  
0.125014 0.123773 0.12754 0.07386 0.074655 0.072952 0.072362 0.075106 0.07361 0.079406 

Uncertainty 
0.511755 0.511646 0.512175 0.508595 0.510327 0.508031 0.509258 0.510137 0.508796 0.508617 

X² 0.206028          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.2 Sine         

Measured  
0.101981 0.098815 0.104914 0.002377 -0.00195 -0.00049 0.000100551 0.002301 -0.00068 0.002467 

Measured RMS  
0.125758 0.124074 0.130125 0.076034 0.078529 0.075105 0.0753471 0.078632 0.077648 0.080057 

Uncertainty 
0.526909 0.52666 0.528069 0.522007 0.528721 0.519895 0.524768 0.527923 0.522881 0.521402 

X² 0.208333          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.3 Sine         

Measured  
0.100929 0.099769 0.105888 0.003723 -0.00282 -0.00045 0.000752273 0.002104 -0.00134 0.000211 

Measured RMS  
0.127078 0.127288 0.133555 0.079215 0.081403 0.077234 0.0776569 0.081575 0.080514 0.083653 

Uncertainty 
0.551287 0.550986 0.553539 0.543636 0.557944 0.539055 0.549586 0.556245 0.545443 0.542161 

X² 0.205831          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.4 Sine         

Measured  
0.101056 0.098405 0.106664 0.003271 -0.0042 -0.0001 0.000964126 0.002172 -0.00073 0.002541 

Measured RMS  
0.129296 0.12957 0.137666 0.08316 0.088675 0.081635 0.083312 0.088439 0.086876 0.0868 

Uncertainty 
0.583742 0.583218 0.587339 0.572545 0.596649 0.564845 0.582688 0.59381 0.575677 0.569888 

X² 0.207979          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.45 Sine         

Measured  
0.100444 0.099444 0.107326 0.004303 -0.00403 -0.00071 0.00133328 0.001784 -0.00157 0.00237 

Measured RMS  
0.130852 0.132221 0.140262 0.085541 0.090383 0.083233 0.0832329 0.090333 0.088169 0.089098 

Uncertainty 
0.602615 0.60205 0.606977 0.589399 0.618865 0.579893 0.601796 0.615408 0.593168 0.58093 

X² 0.204760          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.1 Cosine         

Measured  
0.099983 0.096933 0.103716 0.000920 0.000203 0.002410 -0.003836 -0.001474 0.001341 -0.001513 

Measured RMS  
0.120708 0.122914 0.126584 0.073225 0.067968 0.0722142 0.070373 0.074901 0.079734 0.074306 

Uncertainty 
0.477212 0.538478 0.533684 0.500401 0.481308 0.491381 0.509491 0.524874 0.531231 0.525316 

X² 0.200219          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.2 Cosine         

Measured  
0.100337 0.097373 0.104481 0.000067 -0.000198 0.002140 -0.004341 -0.003658 0.000418 -0.002632 

Measured RMS  
0.119609 0.126884 0.129821 0.075098 0.065878 0.072179 0.074125 0.078731 0.083922 0.080909 

Uncertainty 
0.457774 0.578318 0.568701 0.508482 0.466467 0.491617 0.525019 0.552961 0.567158 0.557044 

X² 0.201035          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.3 Cosine         

Measured  
0.100746 0.097538 0.105415 -0.002005 -0.000004 0.003914 -0.004481 -0.001969 0.001174 -0.002536 

Measured RMS  
0.118806 0.132327 0.134021 0.077170 0.064538 0.073563 0.076259 0.084862 0.090695 0.085645 

Uncertainty 
0.449029 0.624186 0.610019 0.527397 0.459816 0.504436 0.549213 0.587025 0.610244 0.597054 

X² 0.199519          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.4 Cosine         

Measured  
0.100739 0.098132 0.105874 -0.002563 -0.000387 0.003589 -0.004690 -0.004115 0.000311 -0.003262 

Measured RMS  
0.119136 0.137333 0.138922 0.081561 0.065390 0.077338 0.081876 0.090111 0.097052 0.094516 

Uncertainty 
0.451698 0.674794 0.656511 0.556182 0.461804 0.529032 0.581230 0.626030 0.659008 0.644137 

X² 0.200217          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.45 Cosine         

Measured  
0.101453 0.098409 0.106934 -0.004041 0.000106 0.004678 -0.005122 -0.001883 0.001193 -0.003044 

Measured RMS  
0.119883 0.140913 0.141866 0.083561 0.065379 0.078769 0.083513 0.094322 0.100961 0.096212 

Uncertainty 
0.457342 0.701712 0.681433 0.753828 0.465987 0.545251 0.599732 0.647243 0.685265 0.669705 

X² 0.198280          

 

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5±0.4 Saw 
tooth 

        

Measured  
0.100087 0.098881 0.103339 -0.000739 0.000135 0.000977 -0.002623 0.000214 0.000110 -0.001269 

Measured RMS  
0.106962 0.111653 0.114244 0.045142 0.038289 0.043188 0.045995 0.049668 0.051843 0.050655 

Uncertainty 
0.269051 0.364173 0.356151 0.311203 0.273951 0.299438 0.323062 0.343524 0.355854 0.350696 

X² 0.202080          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5N(x) Gaussian         

Measured  
0.098469 0.100278 0.100685 0.000655 -0.000100 -0.001041 0.000067 0.001221 -0.000198 -0.001188 

Measured RMS  
0.107487 0.107522 0.106292 0.031028 0.029326 0.029088 0.026821 0.027410 0.025130 0.025729 

Uncertainty 
0.301330 0.262031 0.239750 0.220690 0.209363 0.200475 0.193152 0.187056 0.181747 0.177177 

X² 0.202914          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5N(x-
1) 

Gaussian         

Measured  
0.097015 0.098794 0.101222 0.001267 -0.000384 -0.001059 0.000173 0.000902 -0.000089 -0.000778 

Measured RMS  
0.106279 0.106081 0.108056 0.032327 0.030598 0.029007 0.028053 0.027162 0.026036 0.025626 

Uncertainty 
0.329972 0.286331 0.253172 0.229867 0.215742 0.205282 0.197021 0.190220 0.184461 0.179494 

X² 0.198411          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5N(x-
2) 

Gaussian         

Measured  
0.098207 0.098410 0.099502 0.000162 0.000083 -0.000158 -0.000056 -0.000021 -0.000351 -0.000519 

Measured RMS  
0.103417 0.105472 0.107086 0.037910 0.034763 0.031694 0.029766 0.028984 0.028035 0.026567 

Uncertainty 
0.24532 0.284904 0.285797 0.267421 0.245744 0.227264 0.213220 0.202671 0.194470 0.187818 

X² 0.194667          

 

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.1 0.1 0.1 0 0 0 0 0 0 0 

Noise 0.5N(x-
3) 

Gaussian         

Measured  
0.099636 0.099535 0.099577 -0.000351 -0.000305 -0.000306 -0.000308 -0.000257 -0.000049 0.000385 

Measured RMS  
0.100508 0.101856 0.103751 0.034479 0.036781 0.037090 0.036253 0.034519 0.032381 0.030737 

Uncertainty 
0.099209 0.158329 0.209121 0.243403 0.259422 0.260255 0.251342 0.238033 0.224177 0.211803 

X² 0.200102          
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Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.2 0.2 0.2 0 0 0 0 0 0 0 

Noise 0.5 Flat         

Measured  
0.201320 0.197537 0.200968 -0.000052 -0.002004 -0.001099 -0.000890 -0.004186 -0.000123 -0.000958 

Measured RMS  
0.213700 0.210268 0.213640 0.072054 0.071032 0.074835 0.071135 0.072851 0.075010 0.073748 

Uncertainty 
0.513524 0.513161 0.513512 0.503429 0.503403 0.503538 0.503402 0.503463 0.503543 0.503501 

X² 0.204176          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.4 0.4 0.4 0 0 0 0 0 0 0 

Noise 0.5 Flat         

Measured  
0.402075 0.398628 0.402127 0.000292 -0.002138 -0.000820 -0.001768 -0.004075 0.000020 -0.000366 

Measured RMS  
0.409175 0.406038 0.409578 0.072225 0.071324 0.074262 0.071447 0.070616 0.075522 0.074605 

Uncertainty 
0.542764 0.542144 0.542817 0.503443 0.503424 0.503523 0.503419 0.503392 0.503573 0.503538 

X² 0.204176          

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.3 -0.3 0.3 0 0 0 0 0 0 0 

Noise 0.5 Flat         
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Measured  
0.301430 -0.304571 0.301701 -0.000351 -0.002121 -0.000985 -0.001399 -0.003978 0.000397 -0.001072 

Measured RMS  
0.310282 0.313632 0.310666 0.071565 0.071280 0.074378 0.071766 0.072512 0.074850 0.074200 

Uncertainty 
0.525865 0.526368 0.525907 0.503399 0.503402 0.503508 0.503413 0.503438 0.503525 0.503506 

X² 0.204471          

 

Shape term 1 2 3 4 5 6 7 8 9 10 

Input strength 0.5 0.1 0.5 0 0 0 0 0 0 0 

Noise 0.5 Flat         

Measured  
0.502438 0.097440 0.503108 -0.000276 -0.002397 -0.000793 -0.002602 -0.003401 0.000828 -0.000837 

Measured RMS  
0.508621 0.121936 0.509515 0.071297 0.071872 0.073277 0.072203 0.071113 0.074412 0.074838 

Uncertainty 
0.563772 0.505944 0.563937 0.503482 0.503518 0.503560 0.503520 0.503483 0.503604 0.503619 

X² 0.205330          

Table 4.2, results of Hermite wavelet analysis on generated noisy line shapes
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 IV.5.e Conclusion from Analysis on Artificial Spectral Lines 

 This analysis showed that the Hermite wavelet analysis is reasonably robust, finding component 

strengths within 20% of actual values, even when the noise was 20 times stronger than these components.  

For noise levels closer to typical values for the lines to be observed, the component strength was found to 

be within 2% of actual values.   

IV.6 Results of Hermite Analysis 

The results of the Hermite wavelet analysis can be seen in table 4.2.  One obvious pattern that can 

be seen from these results is that the value of s2 for most stars has a large relative magnitude, and is 

negative.  This most likely comes from the initial use of the Ricker wavelet to determine the position 

and width of the line.  When a Hermite transform is applied to the Ricker wavelet, the result is that 

𝑅 = �1
3
𝐻(0) −�2

3
𝐻(2).  Therefore, a set of location and width parameters that maximizes the 

convolution of the spectrum and the Ricker wavelet will also have a large value of both the 𝐻(0) and 

𝐻(2) components.  The former is very useful, since the 𝐻(0) component is use to normalize all the 

other Hermite wavelets to find their respective shape functions.  The latter produces the afore 

mentioned pattern. 

When the results are analyzed to find a linear combination of these values that most accurately 

predicted the line differences, the results were in the form 𝐷 = 𝑎0 + 𝑎𝑤 × 𝑤 + ∑ 𝑎𝑛 × 𝑠𝑛𝑛 , with the 

values given in table 4.4, along with their effect on the predicted differences.  A few patterns can be 

observed from this table.  First, all of the coefficients for the even shapes have a positive value.  As 

higher shape values correspond with more tail heavy distributions, this predicts that lines that are more 

tail heavy will experience more blue shift.  This matches our understanding of Stark shifting.  Second, 

all of the odd coefficients (with the exception of 𝑎9) had negative values, which suggests that the lines 

with a heavier red tail were the ones that experienced more blue shift.  This does not match our 
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understanding of Stark Shifting.  However, 𝑎9 is positive, and has a much larger effect than any of the 

other shape component.  This may be a result of the choice of which shape values were considered, 

since 𝑎9 is the most tail-heavy odd component, it described the bulk of the skewness of the tail, while 

the other odd components reduce the skewness of the core, which does match our understanding of 

Stark Shifting. 

When these corrections were applied to the lines, the average shift of these lines were 0.183Å, 

corresponding to a shift equivalent to a 9.3km s-1 Doppler shift.  This is close to the 6.9km s-1 shift 

observed by Falcon et al., 2012.  This reduced the non-Doppler component of the shift from 0.373Å to 

0.190Å.  Figure 4.8 shows the result of the corrections being applied to the lines.   

Figure 4.8, Doppler shift after the application of the wavelet analysis.  Solid line is prediction made by 
wavelet analysis, dashed line is prediction made by wavelet analysis, assuming an A0 component equal 
to the line difference for unshifted H and He lines 
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IV.7 Conclusions of Hermite Analysis 

The results were not able to come to any conclusive statement about the viability of using Hermite 

wavelet analysis for determining the pressure shift in the studied line.  The results were generally in 

agreement with predictions for a stark shifted line; more tail-heavy and more tail-skewed lines were 

shifted more, and the average correction matched what was reported in previous literature.  However, 

the strength of the effect of high order wavelets (in particular H(9)) suggests that not enough wavelet 

terms were utilized.  At the same time, there were so few acceptable observations that increasing the 

degrees of freedom would have made the analysis statistically meaningless.  Furthermore, the 

observations that were available had an unfortunately low SNR around the desired wavelengths.  

Coupled with the tiny shift to be found, the analysis was dominated by what may have been statistical 

outliers. 

The main limitation to this technique currently is the lack of acceptable spectroscopic observations 

of mixed atmosphere white dwarfs. Using the Keck HIRES Exposure time calculator, the Keck 

telescope would require approximately 75 minutes of exposure time for a 17th magnitude star for that 

observation to have sufficient resolution and SNR for this method.  This analysis was done on 67 total 

observations for 20 stars; a more thorough analysis would require on the order of 250 observations for 

100 stars, for around 230 hours total exposure time. 
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Name Diff w s1 s2 s3 s4 s5 s6 s7 s8 s9 s10 
EC12438m1346000HE 687.85 14 0.027774 -1.08132 0.03849 0.044976 -0.04861 -0.25882 -0.15023 0.276723 -0.0567 -0.03813 
EC12438m1346003HE 686.55 18 -0.03028 -1.14311 -0.03691 0.088227 -0.09603 -0.42433 0.029719 0.197688 -0.06642 -0.25828 
EC12438m1346004HE 686.2 17 -0.02536 -1.02808 -0.03395 0.126993 -0.06603 -0.28431 0.028099 0.204817 -0.06303 -0.23691 
HE1349m2305000HE 690.15 31 0.175325 -0.19434 0.21386 0.357229 0.12392 0.154957 0.110186 0.520888 0.192138 0.181519 
HE1349m2305003HE 677.25 28 0.350988 -0.86554 0.057625 0.2587 2.01843 1.74367 -1.85894 -0.24158 -0.34917 -0.6633 
HE1349m2305005HE 687.65 20 -0.00858 -1.07321 -0.0148 0.096375 -0.13845 -0.27374 -0.14735 0.375798 -0.20482 -0.24225 
HE1349m2305007HE 694.95 17 -5.97417 -16.3649 -7.31803 -3.41679 -1.94947 0.600309 -15.9535 0.774776 -7.26639 1.77067 
HE1349m2305008HE 698.3 15 -0.15478 -0.52248 -0.18705 0.238756 0.161352 0.149214 -0.07134 0.378014 0.066622 0.199194 
HE1349m2305010HE 693.2 16 -0.11327 -0.99404 -0.14338 0.171355 0.486055 0.238578 0.059646 0.143135 0.159678 0.008885 
WD0025m032001HE 687.85 15 0.150064 -0.49159 0.182735 0.266145 0.289098 -0.26612 0.178127 0.293472 0.115219 -0.03742 
WD0025m032002HE 681.2 20 -0.13781 -1.19348 -0.1672 0.076899 0.042046 -0.17918 -0.20582 0.024741 -0.01758 0.038389 
WD0110m565001HE 687.3 18 -0.03939 -1.06313 -0.05177 0.139572 -0.04433 -0.21398 -0.03347 0.143845 -0.0626 -0.259 
WD0110m565002HE 687.049 17 -0.03334 -0.99349 -0.03857 0.088583 -0.04073 -0.24724 -0.06209 0.177754 -0.02444 -0.23836 
WD0125m236000HE 686.6 17 -0.01789 -1.01364 -0.0233 0.08455 -0.03363 -0.24866 -0.05444 0.166917 -0.02429 -0.25433 
WD0125m236003HE 684.5 18 -0.02909 -1.10295 -0.04026 0.13272 -0.05266 -0.21239 -0.03514 0.150486 -0.04773 -0.26378 
WD0125m236004HE 686.25 16 -0.0201 -1.00728 -0.02878 0.129425 -0.01642 -0.33913 -0.01696 0.195918 -0.03713 -0.12519 
WD0125m236006HE 685.75 16 0.005784 -1.04416 0.004193 0.116218 -0.03903 -0.36342 -0.05779 0.232364 -0.04725 -0.22946 
WD0128m387000HE 686.9 15 -0.01119 -1.11192 -0.01814 0.107723 -0.27059 -0.54974 -0.01916 0.197697 -0.25126 -0.05296 
WD0128m387002HE 686.6 17 -0.0666 -1.08523 -0.07919 0.104887 -0.04663 -0.25837 -0.20417 0.258941 -0.34733 0.090986 
WD0158m160001HE 680.25 19 -0.04711 -1.02148 -0.05848 0.097666 0.002344 -0.18988 -0.11114 0.107944 -0.01438 -0.24673 
WD0158m160003HE 683.95 19 -0.03259 -0.99548 -0.03786 0.108242 -0.1112 -0.24473 -0.0773 0.039142 -0.04259 -0.1097 
WD0414m045001HE 686.05 16 0.013636 -1.12809 0.021574 0.100985 -0.09864 -0.32003 0.022989 0.271544 -0.07151 -0.19683 
WD0414m045003HE 686.65 15 0.009016 -1.05386 0.006115 0.061972 -0.05082 -0.35292 0.027313 0.222233 -0.07857 -0.18682 
WD0453m295001HE 690.5 13 -0.02165 -0.9348 -0.02946 0.110249 -0.24242 -0.36003 -0.22248 -0.10374 0.15997 0.130473 
WD0453m295003HE 690.2 13 0.028934 -1.31114 0.032158 -0.00357 -0.27813 -0.61582 -0.26412 0.137419 0.021751 -0.07176 
WD0453m295005HE 685.649 16 0.001139 -1.3756 -0.00125 0.061448 -0.20631 -0.05065 -0.06717 0.401241 -0.21582 -0.17287 
WD0453m295006HE 689.95 16 -0.03504 -1.51549 -0.04032 -0.01756 -0.32261 -0.2316 -0.13657 0.367856 -0.15434 -0.15337 
WD0453m295009HE 690 16 -0.05033 -1.527 -0.0584 0.04616 -0.28337 -0.13376 -0.17936 0.343124 -0.14571 -0.20193 
WD0453m295010HE 688.2 15 -0.07343 -1.4041 -0.08572 0.012358 -0.18445 -0.34807 -0.05275 0.31554 -0.12157 -0.12322 
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WD0453m295015HE 689.85 15 -0.01663 -1.37286 -0.01465 0.017421 -0.26672 -0.32507 -0.18888 0.295826 -0.15136 -0.12987 
WD0453m295016HE 689.15 15 -0.03755 -1.37755 -0.05139 0.000126 -0.17094 -0.33809 -0.22777 0.368161 -0.17045 -0.12883 
WD0453m295017HE 686.5 15 -0.03645 -1.37617 -0.04171 -0.0185 -0.18861 -0.37795 -0.17784 0.3106 -0.16479 -0.07023 
WD0453m295019HE 684.549 16 -0.05743 -1.51198 -0.06297 0.044159 -0.1536 -0.21782 -0.20739 0.312658 -0.18412 -0.25047 
WD0453m295022HE 685.8 15 -0.03739 -1.41369 -0.03881 -0.02784 -0.16353 -0.35282 -0.26551 0.384307 -0.12283 -0.09572 
WD0453m295023HE 689.65 16 -0.10124 -1.46992 -0.12595 0.031367 -0.22225 -0.24311 -0.15634 0.278221 -0.09512 -0.19844 
WD0453m295024HE 685.05 15 -0.04729 -1.42642 -0.05581 0.013005 -0.03946 -0.3026 -0.30442 0.331968 -0.20251 -0.16385 
WD0453m295025HE 685 16 -0.07117 -1.50292 -0.0832 0.045891 -0.15939 -0.28673 -0.18688 0.365699 -0.13904 -0.20391 
WD0453m295026HE 688.85 15 0.005133 -1.37987 -0.00115 0.009108 -0.14922 -0.31841 -0.25632 0.363507 -0.07923 -0.15755 
WD0453m295030HE 684.85 15 -0.04231 -1.42796 -0.05754 -0.05869 -0.11927 -0.29579 -0.133 0.334008 -0.19068 -0.08861 
WD0453m295031HE 685.649 15 -0.06137 -1.3974 -0.0782 -0.06529 -0.0231 -0.28993 -0.13859 0.32121 -0.07136 -0.11289 
WD0453m295034HE 684.6 16 -0.02548 -1.44505 -0.03332 0.006959 -0.11057 -0.22718 -0.2557 0.306164 -0.10729 -0.27262 
WD0453m295035HE 685.899 16 -0.0729 -1.51253 -0.08256 0.041096 -0.15997 -0.21978 -0.18158 0.264997 -0.09889 -0.23924 
WD0453m295037HE 683.75 16 -0.07832 -1.4565 -0.09527 0.004624 -0.06612 -0.32231 -0.25079 0.312924 -0.0956 -0.28559 
WD0453m295041HE 686.45 16 -0.02398 -1.4614 -0.02913 0.034038 -0.24064 -0.17663 -0.1125 0.323926 -0.22415 -0.24232 
WD0921p091001HE 685.85 21 -0.04936 -0.79195 -0.06105 0.196443 -0.13379 -0.01051 -0.07349 0.103514 -0.04884 -0.14837 
WD0921p091002HE 686.5 18 -0.06661 -0.94079 -0.08521 0.109387 -0.03167 -0.19835 0.022165 0.096607 -0.05892 -0.19413 
WD0948p013001HE 687.399 17 -0.026 -1.03338 -0.03275 0.123889 -0.05849 -0.27808 -0.07828 0.290923 0.016874 -0.25174 
WD0948p013002HE 685.25 17 0.000301 -1.02014 0.001898 0.118982 -0.06962 -0.30499 0.050799 0.222997 -0.062 -0.26114 
WD1149m133001HE 686.45 23 -0.01466 -0.71491 -0.01867 0.178896 -0.22721 0.00326 -0.09628 0.218117 -0.1218 0.000695 
WD1149m133002HE 687.05 20 -0.14561 -0.89236 -0.1806 0.161031 -0.06875 -0.32663 -0.15782 0.06823 -0.08995 -0.22055 
WD1207m238001HE 687.95 17 -0.05783 -0.93603 -0.06868 0.139095 -0.01286 -0.30413 -0.03431 0.332396 -0.01425 -0.24876 
WD1207m238003HE 685.45 17 -0.00868 -1.15206 -0.00513 0.109131 -0.10415 -0.36354 -0.02141 0.180311 -0.0661 -0.36958 
WD1421m011001HE 681.25 18 0.784157 -1.59206 0.966633 -0.09843 0.36224 -0.28353 1.08917 0.485523 0.480356 -0.08607 
WD1421m011003HE 686.85 16 -0.00936 -0.86095 -0.00747 0.165859 -0.08606 -0.34169 0.006332 0.32114 0.148558 -0.0574 
WD1557p192000HE 687.3 19 -0.01803 -0.97889 -0.01818 0.12109 -0.12737 -0.18787 -0.05748 0.206277 -0.03733 -0.32084 
WD1557p192002HE 688.25 18 -0.00515 -0.79345 -0.00684 0.16462 -0.04264 -0.13617 -0.06572 0.164472 -0.11435 -0.18074 
WD1557p192005HE 687.4 20 -0.03448 -0.93777 -0.03858 0.114191 -0.00958 -0.09954 0.037046 0.126084 -0.03748 -0.1438 
WD1709p230001HE 686.7 18 -0.01841 -1.00315 -0.0246 0.132599 -0.097 -0.24466 -0.04648 0.138038 -0.00539 -0.24534 
WD1709p230003HE 687.35 18 -0.01372 -1.05195 -0.01591 0.115748 -0.03892 -0.20358 -0.0979 0.106058 -0.03942 -0.23219 
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Table 4.3, Results from Hermite wavelet analysis on the WDs used 

 

Coefficient 𝑎0 w 𝑎1 𝑎2 𝑎3 𝑎4 𝑎5 𝑎6 𝑎7 𝑎8 𝑎9 𝑎10 

Value 689.58Å -0.12 -4.68Å 0.61Å -3.01Å 6.53Å -5.32Å 4.31Å -2.21Å 7.03Å 10.59Å 7.34Å 

Average 
Effect 689.58 Å -2.060Å 0.471Å -0.814Å 0.387Å 0.269Å 0.382Å -0.876Å 0.737Å 1.695Å -

1.832Å 
-

0.933Å 

Variance 
Effect  0.342Å 3.456Å 1.149Å 2.716Å 2.849Å 1.981Å 1.278Å 4.326Å 1.015Å 9.412Å 1.990Å 

Table 4.3, calculated coefficients and effects of coefficients that minimized 𝜒2 fitting

WD2154m437001HE 688.15 18 0.037523 -0.81955 0.045258 0.155753 -0.13063 -0.20784 0.023975 0.34077 -0.02266 -0.13791 
WD2154m437003HE 686.2 16 -0.01323 -0.97689 -0.01427 0.142452 -0.05477 -0.30227 -0.01708 0.151246 -0.0787 -0.19286 
WD2237m051001HE 684.15 18 -0.15475 -0.93705 -0.18467 0.13085 -0.1113 -0.39519 0.172275 0.09064 -0.28092 0.105747 
WD2237m051003HE 688.45 17 -0.00329 -0.93899 -0.00271 0.115769 -0.08515 -0.12422 -0.09614 0.357458 -0.09139 0.002776 
WD2253m062001HE 688.05 17 0.016946 -0.82877 0.023109 0.139267 0.012919 -0.26408 -0.18597 0.248136 0.074379 -0.10059 
WD2253m062003HE 687.7 17 -0.02503 -0.92294 -0.02941 0.134782 0.115361 -0.203 -0.05573 0.14182 0.025575 -0.13519 
WD2334m414000HE 686.6 17 -0.01789 -1.01364 -0.0233 0.08455 -0.03363 -0.24866 -0.05444 0.166917 -0.02429 -0.25433 
WD2334m414003HE 684.5 18 -0.02909 -1.10295 -0.04026 0.13272 -0.05266 -0.21239 -0.03514 0.150486 -0.04773 -0.26378 
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V Levy-Alpha Stable Analysis 

 V.1 Levy-Alpha Stable (Las) Function 

The Levy-alpha stable (Las) function is a set of probability distributions defined by Paul Levy in 

Levy (1939).  These functions can be used to describe absorption lines that have been broadened via 

quasistatic pressure broadening.  However, this is difficult to accomplish, as the general form of the Las 

function is not directly analytic, but must be expressed as the inverse Fourier transform of its 

characteristic function, which is computationally expensive.  This analysis will focus on fitting measured 

lines to precalculated grids of Las functions, to determine if this method is a useful way to describe the 

non-Doppler shifting of the 5875.6A Helium line. 

Mathematically, a probability distribution is called stable if the sum of multiple copies of that 

distribution are equivalent to a scaled and shifted version of that distribution.  For example, the Gaussian 

normal distribution is stable, since the sum of two random numbers with a Gaussian distribution will have 

a Gaussian distribution.  As a counter example, the probability distribution of a dice roll is not stable, 

since one roll has a flat distribution (I.e. equal chance of every number occurring), while the sum of two 

rolls creates a non-flat distribution. 

This additive stability has the additional effect that when any probability distribution is repeatedly 

combined additively, the result will tend to asymptotically approach some form of a stable distribution.  

Particularly, if the probability distribution has a well-defined variance, then it will tend to asymptotically 

approach a Gaussian distribution, a tendency generally referred to as the central limit theorem.  If, 

however, the original probability distribution does not have a well-defined variance, such as the Cauchy 

Distribution, then the resulting combination will be a Las distribution.  It is worth noting that the Cauchy 

Distribution is itself a form of the Las distribution, so the Cauchy function will converge to itself after 

many iterations.  More generally, if a particular probability distribution has a tail that goes as 𝑃(𝑥) ∝

𝑥−𝛼−1 with 𝛼 < 2, then the probability distribution will not have a well-defined variance, and if many 
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copies of this distribution is added together, the result will be a Las function with a stability parameter 

(defined below) equal to 𝛼 (Levy, 1939). 

Spectral lines are usually, but not explicitly, described in terms of Las functions.  In particular, 

unbroadened spectral lines, and spectral lines broadened by collisional broadening, are described by 

Cauchy functions.  Lines that have been broadened by thermal motion tend to approach Gaussian 

distributions.  Lines that have undergone Stark broadening can be described by a Las function, not 

necessarily one with a well-defined form. 

V.1.a Parameterization of Las Functions 

The Las functions are described by four parameters.  These are the stability parameter (𝛼 ∈

(0,2]), the skewness parameter (𝛽 ∈ [−1,1]), the scale parameter (𝑐 ∈ (0,∞)), and the location parameter 

(𝜇 ∈ (−∞,∞)).  The Las is the most general expression of stable functions, and every stable function is a 

specific case of the Las function.  For example, a Gaussian function with variance 𝜎 and center 𝜇 can be 

written 𝐺(𝑥;𝜎, 𝜇) = 𝐿(𝑥; 2,0, 𝜎
√2

, 𝜇).  With the exception of a few particular cases, the Las function is not 

directly analytic.  It can be expressed as the Fourier transform of a characteristic function, 

𝐿(𝑥;𝛼,𝛽, 𝑐, 𝜇) = ∫ 𝜙(𝑡;𝛼,𝛽, 𝑐, 𝜇)𝑒−𝑖𝑥𝑡𝑑𝑡, where the characteristic function is given by 𝜙(𝑡;𝛼,𝛽, 𝑐, 𝜇) =

𝑒�𝑖𝑡𝜇−|𝑐𝑡|𝛼�1−𝑖𝛽𝑠𝑔𝑛(𝑡) tan�𝜋𝛼2 ���, unless 𝛼 = 1, in which case the characteristic function is 𝜙(𝑡;𝛼,𝛽, 𝑐, 𝜇) =

𝑒
�𝑖𝑡𝜇−|𝑐𝑡|𝛼�1+2𝑖𝛽𝑠𝑔𝑛(𝑡) ln(|𝑡|)

𝜋 ��
.  In these equations, t is the Fourier compliment of x, and sgn(x) refers to the 

sign function (1 if x is positive, -1 if x is negative, and 0 if x is zero). 

The scale and location parameters function similarly to the scale and location parameters of 

wavelets, in that they can be excluded by defining a parent function such that 𝐿(𝑥;𝛼,𝛽) = 𝐿(𝑥;𝛼,𝛽, 1,0).  

A particular child distribution can then be defined in terms of the parent function by the location and scale 

transform  𝐿(𝑥;𝛼,𝛽, 𝑐, 𝜇) = 1
√𝑐
𝐿(𝑥−𝜇

𝑐
;𝛼,𝛽).  Like the child Las function, the parent Las function is not 
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analytic, but its characteristic function is a little simpler to calculate, 

𝜙(𝑡;𝛼,𝛽) = 𝑒�−|𝑡|𝛼�1−𝑖𝛽𝑠𝑔𝑛(𝑡) tan�𝜋𝛼2 ��� for 𝛼 ≠ 1, or for 𝛼 = 1,  𝜙(𝑡;𝛼,𝛽) = 𝑒
�−|𝑡|𝛼�1+2𝑖𝛽𝑠𝑔𝑛(𝑡) ln(|𝑡|)

𝜋 ��
.  

For the 𝛼 = 2 Las function, the variance of the associated Gaussian function is 2c², and the mean is 𝜇.  

This is not generalizable to all Las functions.  The variance of a Las function is undefinable for Las 

functions with 𝛼 < 2, and the mean is equal to 𝜇 when 𝛼 > 1, and undefinable when 𝛼 ≤ 1.  However, 

an argument from symmetry could be made about Las functions with 𝛽 = 0 that the mean is still equal to 

𝜇. 

The stability parameter and the skewness parameter define the intrinsic shape of the Las function.  

Neither parameter conforms to their strict mathematical definition; all Las functions are entirely 

mathematically stable, and the skewness (I.e. third moment) is incalculable for Las functions other than 

𝛼 = 2.  Nevertheless, the names do have merit.  The skewness parameter does cause the Las function to 

be asymmetric, with a larger magnitude of 𝛽 producing more pronounced asymmetry. Argument from 

symmetry would suggest that when 𝛽 = 0, the function would have no skewness.    The sign of 𝛽 will 

also affect the direction of the skew; a negative value of 𝛽 will describe a function that has a larger 

positive tail, and vice versa.  Additionally, the location of the mode, or peak, will depend on both the 

magnitude of 𝛼, and the sign of 𝛽.  Las functions with larger stability parameters will tend to have wider 

centers and smaller tails, though kurtosis is mathematically undefinable for Las functions other than 

𝛼 = 2.  As 𝛼 → 0, the Las function approaches a delta function, while 𝛼 = 1 produces a Cauchy function, 

and 𝛼 = 2 produces a Gaussian function (see figures 5.1 through 5.6).  Another effect of larger values of 

𝛼 is that the effect of the skewness parameter is diminished.  At low stability, a non-zero skewness 

parameter will shift the function drastically.  For 1 < 𝛼 < 2, the skewness will create asymmetry in the 

tail of the function without any change in the mean value, and at 𝛼 = 2, the skewness parameter has no 

effect on the Las function. 
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Figure 5.1, Four Las functions with varying stability parameters.  
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Figures 5.2, 5.3 and 5.4.  Show the effect of skewness on Las 
functions at low stability.  Figure 5.2 (top) shows Las 
functions with a variety of skewness parameters with a 
stability parameter of 1.0.  Figure 5.3 (bottom left) shows 
Las functions with the same skewness parameters and a 
stability parameter of 0.5.  Figure 5.4 (bottom right) shows 
Las functions with the same skewness parameters and a 
stability parameter of 1.9 

As can be seen by these figures, Las functions with lower 
stability will experience significantly more apparent shifting 
than functions with higher stability. Another thing is that the 
direction of shift of the peak depends on the value of 
stability, as well as the sign of skewness  
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Figures 5.5 and 5.6.  Show the effect of stability on Las 
functions at low and high stability.  Figure 5.5 (top) shows 
Las functions with a variety of stabilities with a skewness 
parameter of 0.0.  Figure 5.6 (bottom) shows Las functions 
with the same stabilities and a skewness parameter of 1.0 

As can be seen by these figures, Las functions with higher 
stability are wider, and experience less effect from skewness 
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 V.2 Las Grid 

To determine which set of parameters best describe a particular absorption line, the line will be 

numerically compared to Las functions of varying parameters to the set of parameters minimizing the 

function 𝜒2(𝛼,𝛽, 𝑐, 𝜇,𝑀) = ∑ �𝐼(𝜆𝑖)−𝑀∗𝐿(𝜆𝑖;𝛼,𝛽,𝑐,𝜇)�
2

𝜎𝐼
2(𝜆𝑖)𝑖 , where 𝛼,𝛽, 𝑐, 𝜇 are the parameters of the Las 

function, M is a value representing the magnitude of the line, 𝜆𝑖 is the wavelength of the ith spexel, and 

𝐼(𝜆𝑖) is the intensity value of the ith spexel.  The first step is to create a grid of Las functions to avoid the 

necessity of recalculating these functions for every iteration during the optimization.  Since the mean and 

shift parameters can easily be analytically applied to the parent Las function, the grid will only need to 

expand over the stability and skewness parameters.   

The calculation of the Las function involved a Fourier transform of a characteristic function.  

Computationally, Fourier transforms are usually calculated with an FFT algorithm.  However, FFT 

algorithms typically will not output a value to negative frequencies, while the Las functions have a range 

over all real values.  Three methods were attempted to account for this.   

First, the Fourier transform was calculated by direct integration.  This method presented two 

significant problems.  First, the direct integration method is significantly more computationally expensive 

than using an FFT.  Direct integration is inherently more expensive than FFT (𝑂(𝑛2) vs. 𝑂(𝑛 log(𝑛))).  

Direct integration is also signifantly more prone to artifacting, requiring a much denser set of input 

values, and thus more computation time.  Ultimately, this method proved untenable with the 

computational resources available; a set of input values dense enough to require approximately 4 hours 

per individual Las function still produced unacceptably large artifacting.  Based on the artifacting at 

different input set densities, the density would have had to increase by a factor of 10, increasing the 
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computation time by a factor of 100.  As the required grid of Las functions would have required hundreds 

of Las functions to be computed, this method proved entirely untenable.   

Second, the Fourier transform was calculated by using a shift parameter that was equal to half the 

output range.  This function was then de-shifted to produce the parent Las functions.  This method was 

much faster than direct integration, but the artifacts that it produced were noticeably asymmetric.  Since 

the shifting that this analysis looks for primarily shows up as an asymmetry, artificial asymmetries in the 

grid Las functions are unacceptable. 

Finally, the Las functions do exhibit a symmetry that can be exploited.  While the Las functions 

are not generally symmetric when 𝛽 ≠ 0, they do have the symmetry that 𝐿(𝑥;𝛼,𝛽) = 𝐿(−𝑥;𝛼,−𝛽).  

Therefore, a particular Las function can be calculated taking the FFT for 𝜙(𝑡;𝛼, ±𝛽), and the calculated 

function for the –𝛽 term is reversed and the two pieces are joined together.  This does produce artifacting 

at x=0, which is significantly less troubling than the artifacting of the other methods tried.  This method 

was ultimately selected for the rest of this analysis.  

The grid will need to range over three input variables; 𝛼, 𝛽, and a parameter for the input of the 

function, x.  The shift and scale parameters are not included, since these parameters can be more precisely 

accounted for by the transform from parent function to child function.  Additionally, since both of those 

inputs are unbounded, it would require an inevitable tradeoff between completeness of the grid and 

computational resources required.  𝛼 and 𝛽 are both bounded inputs (𝛼 ∈ (0,2], and 𝛽 ∈ [−1,1] 

respectively), so their dimensions on the grid are fairly straightforward to calculate.  However, x is 

unbounded as an input, so the grid will require a tradeoff between completeness and computational 

resources required.  In general, the tail of Las functions decrease as𝐿(𝑥;𝛼, 0) ∝ 𝑥−(𝛼+1).  Furthermore, it 

is unlikely that the functions with 𝛼 < 1 will play a significant role in the observed shape.  An input range 

of 𝑥 ∈ [−32,32] was selected.  This range contains over 99.9% of even the most tail heavy Las function.  

Additionally, the range being a power of 2 makes this function much faster to compute via FFT.  After 
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experimenting with calculating individual Las functions, it became apparent that a grid with spacing of 

0.1 in both 𝛼 and 𝛽 provides sufficient resolution while keeping the size of the grid manageable. 

One potential issue in using a grid that is spaced uniformly in parameter space is that the effect of 

the skewness parameter depends on the value of the stability parameter.  As the stability parameter 

approached 2, the effect of the skewness parameter is reduced to nothing.  With this property, a uniform 

grid would have points that were much more similar at high stability values, and more disparate at lower 

stability values.  A grid that is non-uniform in parameter space, particularly where the density of points in 

the skewness parameter is high at low stability, and low at high stability, could allow this grid to cover the 

range of possible line shapes with increased precision and/or decreased computational cost.  However, 

since the lines are expected to primarily be described by high-stability lines, the benefits to grid precision 

from having a non-uniform grid are vastly outweighed by the additional algorithmic complexity required 

to use such a grid. 

V.3 Normalization of the Data Sets 

In order to compare the line profiles of stars with different magnitudes, they must first be made 

comparable.  First, each of the recorded stellar spectra were convoluted with a ±50 A boxcar filter.  This 

means that for every point 𝜆 of wavelength on the spectrum, the average flux value for the region 

𝜆 ± 50Å is found.  This has the effect of creating a low resolution spectrum of the star that does not 

include any detail smaller than 100Å, such as the spectral lines and most noise.  When this is done in a 

spectral region that is not close to the blackbody peak, the resulting spectrum becomes a good 

approximation of the continuum (error is proportional to the second derivative of the continuum).  When 

the original spectrum is divided by the low resolution spectrum, the result is a spectra deviation function, 

representing the factor by which a point in a spectra differed by its neighbors.  This would preserve 

features less than 100 A in size (including the spectral line), while normalizing the spectra to a standard 

scale. 
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The first, and grossest, difference between spectra of different stars is in their observed magnitude.  

Different stars exhibit different brightness, and are thus observed as having different fluxes.  The flux 

output of a particular star depends on many factors.  Factors intrinsic to the star include the size, 

temperature, internal structure, chemical makeup, and history of the star in question.  However, external 

factors, including distance and absorption by interstellar matter, make reliance on raw measured flux 

impossible.  Since a boxcar filter is a type of high pass filter, the constant component of the spectrum is 

eliminated 

Similarly, a boxcar filter normalization removes the need to correct for sensitivity of various 

measurements.  This is usually a small factor, as these sensitivities are usually known by the institution 

that operates the telescope, and accounted for in the published data.  However, calibration differences do 

exist, between different telescopes, between different instruments within a telescope, and at different 

wavelengths observed by a single instrument.  With the exception of echelle patterns, most calibration 

effects occur over a relatively large bandwidth, so they are reduced or eliminated with a sufficiently tight 

boxcar filter. 

Boxcar filter normalization is also useful to correct for shape differences between different star 

spectra.  The biggest factor contributing here is the slope of the blackbody curve, which is mostly 

determined by the temperature of the radiating object.  The filtered spectra function should be similar to 

the continuum spectra, with error proportional to second derivative term of a Taylor series expansion of 

the blackbody curve around the filter.  Furthermore, this error will not affect the shape of features until 

the third derivative term of a Taylor series.  Since the wavelengths of the spectral lines important to this 

study (6563A and 5876A) are significantly larger than the peak wavelengths produced by the stars in 

question (A relatively cool WD at 15,000K will have a peak wavelength of ~2000A), this error will be 

minimal. 
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Another factor which influences the shape of a stars spectrum is differing sensitivities of different 

measurements.  Most notably, echelle spectrometers often create a wave pattern in spectrum data, known 

as an echelle ripple, as it is difficult to account for the extreme differences in sensitivity between 

wavelengths that are close to the center of a diffraction order and wavelengths that are on the edge of a 

diffraction order.  In both the Keck HIRES and the ESO UVES instruments, the echelle pattern is on the 

order of 50A, so these patterns will not be removed by the boxcar filter normalization.  The spectral lines 

are smaller than the echelle ripple, so an analysis with good spatial resolution should be able to discern 

the actual spectral feature.  See figure 5.7 below for an example spectrum that is heavily affected by the 

echelle ripple 

 

Figure 5.7, Spectrum of HE1349-2305.  The Echelle ripple is the dominant pattern.  The actual He line 
can be seen, marked by a vertical line through its peak.   
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An additional factor that can influence the shape of a recorded spectrum is the presence of high 

energy cosmic rays.  These highly energetic particles are not focused by the telescope, nor are they 

affected by the grating (having a wavelength orders of magnitude smaller than the light the instruments 

are designed to detect).  A single cosmic ray is able to impart a significant amount of energy into a single 

pixel of the detector, resulting in a large spike in the spectrograph at the point where the cosmic ray 

struck.  This creates a very high frequency disturbance, which would not be caught by a high-pass filter 

like a boxcar filter.  To correct for these cosmic ray events, a ‘grass clipping’ filter is applied; any pixel 

that differs from the pixels around it by more than a certain amount is set to the average of its neighbors.  

For this analysis, the amount chosen was ten times the variance of the pixels near it.  This value is large 

enough that it will only detrimentally affect spectra with unusable levels of noise, while small enough to 

catch any cosmic ray event large enough to significantly affect the analysis.  The effect of this grass 

clipping filter can be seen in figures 5.8, 5.9, 5.10, and 5.11 below. 

 

Figures 5.8 and 5.9, the grass clipping filter applied to a high SNR spectrum of star EC12436-
1346.  Left is before the clipping filter, right is after the clipping filter (with marker added at 5875.6, 
where the unshifted He line would be) 
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Figures 5.10 and 5.11, the grass clipping filter applied to a low SNR spectrum of star HE1349-
2305.  Left is before the clipping filter, right is after the clipping filter (with marker added at 5875.6, 
where the unshifted He line would be) 

V.4 Results of Las Grid Fitting 

The chi-squared minimized values for Las grid fitting are shown below in table 5.1.  One result 

that can easily be seen from this table is that the chi-squared values for many of the spectra are much 

lower than they should be, given proper error measurements, suggesting that the stated error has been 

exaggerated, in some cases by multiple orders of magnitude.  A second result is that the majority of the 

measured spectra had high (1 < 𝛼 < 2) stability, and negative skewness, both matching prediction of a 

line that is blueshifted, primarily in the tail of the line. 

When the location parameters of the lines were calculated by utilizing the Las analysis, the results 

were slightly closer than the calculated locations from the previous Ricker wavelet method.  According to 

the Ricker wavelet method, the average difference between the H line and the He line was 686.864Å, 

which is smaller than the unshifted value of 687.237Å by 0.376Å±0.381Å.  When the Las location 

parameter was used instead, the average difference became 687.351Å, larger than the unshifted value by 

0.114Å±0.244Å 
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V.5 Conclusions of Las Grid Fitting 

The principal result of using Las fitting to quantify the pressure shift of Helium lines is that the 

location parameter of the Las function is unaffected by pressure shift.  Historically, the location of a line 

is defined as the location of its peak.  However, the broadness of H and He lines in WD atmospheres 

makes it difficult to directly find this value, since there is a wide range of locations with fluxes within the 

uncertainty of the peak flux.  Often, this value is calculated by taking some predefined flux values, and 

finding the locations in the wings of the line where the flux is equal to those flux values, then calculating 

a weighted average of those locations.  If a spectral line is symmetric, then this technique should produce 

the exact value of the peak, while drastically decreasing the uncertainty in position from the uncertainty in 

flux.  However, if the line is asymmetric then this form of measurement will introduce a bias in the 

reported location of the line.  With this result, Las function fitting can provide a method of finding line 

locations that primarily relies on the wings of the line (thereby reducing the effect of flux uncertainty), 

while also being able to account for line asymmetry. 

Over all, the Helium lines had a stability parameter 1.5±0.3, and a skewness parameter -

0.13±0.56.  The high stability parameter matches previous observation of Helium lined.  At 𝛼 = 1.5, the 

lines will not be noticeably shifted at the line core, but there will be a noticeable asymmetry in the wings.  

The measured skewness parameters do not quite match expectations.  The variance of the skewness was 

larger than the average value, suggesting that many of the WD He lines experience a shift toward the red.  

One possible explanation for this is that, as mentioned previously, the He spectral line comes from three 

transitions.  All three correspond to |1𝑠3𝑑⟩ → 1𝑠2𝑝⟩, but differing in their angular momentum number.  

The emission photons associated with these three transitions have wavelengths of 5875.61Å, 5875.64Å, 

and 5875.97Å.  It is possible that the bulk properties of the WD photosphere affects the relative strength 

of these transitions, causing some WDs to shift toward the red, and some to shift toward the blue. 

90 
 



It is possible that the size of the remaining shift may be decreased further by performing a similar 

Las analysis on the H line.  Grabowski & Halenka (1975) showed that H𝛽 and H𝛾 lines experienced 

similar, but smaller, asymmetry at high pressures, tending toward the blue end.  If H𝛼 also has an 

asymmetry, the remaining found shift would decrease further.  It is also possible (see section V.6) that the 

presence of He can induce a shift in the H lines.  Testing this would require these WDs to be observed at 

significantly higher precision than they are now, as the remaining shift is within an order of magnitude of 

its uncertainty. 

V.6 Speculation 

When looking at white dwarf spectroscopy as a whole with an eye toward applying Las function 

analysis, a noticeable pattern emerges.  H lines are made very broad, and are subjected to little, if any, 

shifting.  He lines are narrower, and subjected to some shifting.  Metal lines are very narrow, and 

subjected to large shifting (Hammond, 2005).  This would be consistent with a hypothesis that all of these 

lines take the shapes of Las functions, with the stability parameter of the function being inversely related 

to the element number of the emitter.  As previously mentioned, Las functions with higher stability tend 

to be wider and less affected by the skewness parameter.  At the extremes, when 𝛼 = 2, the result is a 

Gaussian function entirely unaffected by the skewness parameter, and as 𝛼 → 0, the result approaches a 

Dirac delta function whose location is strongly affected by the skewness parameter. 

Mathematically, when a random variable with a tail that goes 𝑃(𝑥) ∝ 𝑥−1−𝛼 is combined 

multiple times, the result is a Las function wit stability parameter 𝛼.  According to Weisskopfs ‘Zur 

Theorie der Kopplungsbreite und der Stoss-dampfung’, as cited in Hubeny & Mihalas (234), the 

frequency of a particular emitted photon is shifted due to a nearby particle by an order of Δ𝜔 = 𝐶𝑃
𝑟𝑃

, where 

P is an integer that depends on the type of interaction, generally increasing as the order of the most 

significant multipole moment of the particles increases.  P=2 describes the linear stark effect, P=3 

describes resonance broadening, and P=4 describes the quadratic Stark effect (Hubeny & Mihalas, 235).  
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Under typical stellar conditions, P values greater than 6 are typically ignored, but for the extreme 

densities of WD atmospheres, Hammond (1975) showed that higher order terms should not be ignored for 

particles with higher polarizability.  When coupled with the nearest neighbor approximation from Hubeny 

& Mihalas (242), the result is that the probability that a particular emission photon is shifted by a factor 

Δ𝜔 is 𝑃(Δ𝜔) ∝ Δ𝜔
−𝑃−3
𝑃 .  As measured absorption lines are the sum of many individual photons, this 

would suggest that the created line profile will be described by a Las function with a stability parameter 

𝛼 = 3/𝑃.  Further clarifications, such as including the effect of Debye shielding (Hubeny & Mihalas, 

244), and the Model Micro Field Method (Hubeny & Mihalas, 257) will affect the exact value of the 

stability parameter, and the fact that the line comes from a spread of depths within the photospheres will 

tend to increase the stability, but the trend of decreasing stability with increasing particle polarizability 

will remain. 

  

92 
 



Observation Stability, 𝛼 Skewness, 𝛽 Width, c (Å) 
Location, 𝜇 
(Å) Size (M) x²/dof 

EC12438m1346000HE.sav 1.5 -0.6 75.9 5875.4 0.85 0.001119 
EC12438m1346003HE.sav 1.3 -0.1 72.2 5876.5 0.9 0.000521 
EC12438m1346004HE.sav 1.1 0 75 5876 0.975 0.041297 
HE1349m2305000HE.sav 1.2 -0.2 18.7 5876.1 0.825 0.000341 
HE1349m2305003HE.sav 1.9 -0.7 14.3 5877 0.5 0.000907 
HE1349m2305005HE.sav 1.2 -0.2 76.5 5875 0.75 0.0016 
HE1349m2305007HE.sav 1.9 0.2 13.2 5875 0.6 0.001413 
HE1349m2305008HE.sav 1.4 -1 51.1 5875.8 0.8 0.00274 
HE1349m2305010HE.sav 1.9 -0.9 70.2 5876.9 0.725 0.001332 
WD0025m032001HE.sav 1.3 -0.2 84.5 5875 0.725 0.012469 
WD0025m032002HE.sav 0.2 -1 26.4 5876.4 2.175 0.071756 
WD0110m565001HE.sav 1.5 0 98.3 5877 0.7 0.509455 
WD0110m565002HE.sav 1.5 -0.4 97 5876 0.725 0.494059 
WD0125m236000HE.sav 1.7 -0.3 96.2 5876.6 0.725 0.575753 
WD0125m236003HE.sav 1.3 -0.4 98.2 5874.6 0.75 0.594069 
WD0125m236004HE.sav 1.3 -0.3 79.8 5875.5 0.95 0.537157 
WD0125m236006HE.sav 1.3 0 76.5 5877.1 1.025 0.558194 
WD0128m387000HE.sav 1.9 -0.5 81.8 5876.7 0.325 0.001622 
WD0128m387002HE.sav 0.4 -1 27 5878 2.475 0.299546 
WD0158m160001HE.sav 1.7 -0.8 120.7 5875.2 0.55 0.503988 
WD0158m160003HE.sav 1.9 0.4 123.6 5877.3 0.525 0.449558 
WD0414m045001HE.sav 1.6 0 78.1 5877.2 0.9 0.566179 
WD0414m045003HE.sav 1.7 0.3 80.5 5877.6 0.875 0.53533 
WD0453m295001HE.sav 1.9 0.6 79.2 5874.8 0.3 0.000677 
WD0453m295003HE.sav 1.9 1 53.4 5874.7 0.3 0.000457 
WD0453m295005HE.sav 1.9 -0.8 88.3 5877.1 0.275 0.001514 
WD0453m295006HE.sav 1.1 0.5 83.5 5879.4 0.3 0.694575 
WD0453m295009HE.sav 1.1 0.5 90.8 5879.9 0.275 0.615397 
WD0453m295010HE.sav 1.8 0.6 79.5 5875.6 0.3 0.488043 
WD0453m295015HE.sav 1.8 1 76.1 5874.5 0.3 0.511033 
WD0453m295016HE.sav 1.9 -0.9 81.6 5875.1 0.275 0.451644 
WD0453m295017HE.sav 1.3 0.6 78.7 5879.4 0.3 0.451073 
WD0453m295019HE.sav 1.9 -0.3 85.1 5878.5 0.275 0.488581 
WD0453m295022HE.sav 1.1 -0.5 85.4 5872.8 0.3 0.482824 
WD0453m295023HE.sav 1.1 0.4 84.5 5878.3 0.3 0.447672 
WD0453m295024HE.sav 1.9 0.9 84.5 5878.6 0.275 0.47258 
WD0453m295025HE.sav 1.9 0.8 85.4 5878.2 0.275 0.461792 
WD0453m295026HE.sav 1.9 0 83.5 5875.6 0.275 0.434641 
WD0453m295030HE.sav 1.1 -0.5 84 5873 0.3 0.482234 
WD0453m295031HE.sav 1.1 -0.7 81.3 5871.09 0.3 0.440974 
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WD0453m295034HE.sav 1.1 -0.7 80.9 5871.8 0.3 0.500452 
WD0453m295035HE.sav 1.9 -0.1 84.5 5877.7 0.25 0.423083 
WD0453m295037HE.sav 1.1 -0.8 85 5870.79 0.3 0.512312 
WD0453m295041HE.sav 1.8 1 81.1 5876.8 0.275 0.471883 
WD0921p091001HE.sav 1.9 -1 104.7 5878 0.7 0.001644 
WD0921p091002HE.sav 1.7 -0.1 108.1 5876.5 0.7 0.514564 
WD0948p013001HE.sav 1.4 -0.5 79.6 5875.3 0.975 0.00096 
WD0948p013002HE.sav 1.2 0 79.7 5876.2 0.975 0.510703 
WD1149m133001HE.sav 1.4 -1 92.2 5873.4 0.7 0.003842 
WD1149m133002HE.sav 0.2 1 26 5876.8 2.475 0.078018 
WD1207m238001HE.sav 1.4 -0.2 80.7 5875.5 0.9 0.000809 
WD1207m238003HE.sav 1.3 -0.3 70.2 5875 0.875 0.000269 
WD1421m011001HE.sav 1.9 -0.8 59.5 5878.9 0.775 0.006889 
WD1421m011003HE.sav 1.8 1 74.9 5877.6 0.85 0.008567 
WD1557p192000HE.sav 1.4 0 105.9 5876.6 0.7 0.567647 
WD1557p192002HE.sav 1.3 -0.3 98.1 5874 0.7 0.494334 
WD1557p192005HE.sav 1.3 0 103.1 5875.7 0.675 0.034058 
WD1709p230001HE.sav 1.6 0 100.8 5877.3 0.675 0.485015 
WD1709p230003HE.sav 1.2 -0.3 105.3 5874.6 0.7 0.57445 
WD2154m437001HE.sav 1.4 -0.3 76.4 5875.1 1.025 0.003622 
WD2154m437003HE.sav 1.3 0 82.4 5876 0.95 0.001803 
WD2237m051001HE.sav 1.6 1 80.3 5877.5 0.525 0.000184 
WD2237m051003HE.sav 1.9 -0.6 109 5876.5 0.425 0.423323 
WD2253m062001HE.sav 1.5 -1 68.2 5873.7 0.925 0.001792 
WD2253m062003HE.sav 1.3 -0.1 90.6 5875.4 0.825 0.005896 
WD2334m414000HE.sav 1.7 -0.3 96.2 5876.6 0.725 0.575753 
WD2334m414003HE.sav 1.3 -0.4 98.2 5874.6 0.75 0.594069 

Table 5.1, parameters for the best-fit LAS function for each WD 
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VI Conclusion 

 This analysis overall had mixed results.  The Hermite wavelet analysis was only marginally 

successful.  It was able to quantify the shift, but did so in a way that required more fitting than was 

comfortable for the data set available.  This does not entirely rule out Hermite wavelet analysis as a tool 

for studying spectral lines all together; it is a very robust system for quantifying the shape of spectral 

lines, and the result of the Hermite transforms did match what was expected from Stark-shifted He lines.  

It is possible when there is more high resolution spectral information from mixed atmosphere WDs, as 

well as a stronger statistical framework for Hermite wavelet analysis, that this method could be used with 

more success. 

 The Las analysis was very successful.  For the sample of stars used, it appears that the position 

parameter of a Las function fitting a spectral line is significantly less affected by the pressure shift of that 

line.  In other words, the position parameter may be used to directly find the Doppler component of shift.   
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Appendix A, Stars that Presented Unusually for this Study. 

A.1 HE1349-2305 

HE1349-2305 is a DABZ star, which means in addition to H and He spectral features, there are 

significant metal features in its observed spectra.  WDs that have significant metal (elements with Z>2) in 

their photosphere are frequently assumed to be accreting this material from an outside source, such as a 

debris disk, or a relatively dense part of the ISM.  However, Kilic et al. (2008) failed to find any evidence 

of a debris disk or other such outside object through infrared excess.  This is not conclusive, since not all 

debris disks have measurable IR signatures.  Some of the measurements in this analysis were originally 

taken to study the metal lines, which resulted in observations with SNR that were far too low in the 

relevant ranges to use in this analysis.  Only two of the six observations captured visually noticeable H 

and He lines. 

A.2 WD0128-387 

Wesemael et al. (1994) presents evidence that WD0128-387 is probably not a mixed atmosphere WD, but 

was unable to definitely conclude what WD0128-387 actually was.  In applying a grid fitting method, 

they were unable to find a set of single star parameters (temperature, gravity, and H mass fraction) that 

would fit the prominent photospheres lines (See figure A.1).  A similar fit modeled the star as a DA+DB 

system, and a cool DA+DBA system (See figure A.1), but none of these models were able to 

satisfactorily fit the system.  The cool DA+DBA model was the best result and reasonably matched the 

low resolution SED model for such a system (See figure A.1 & A.2) 
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Figure A.1: Observations of WD0128-387 fit against the following models from left to right: DAB, 
DA+DB, cool DA+DBA.  From Wesemael et al. 1994 

 

Figure A.2: Low resolution SED of WD0128-387 fit against the best cool DA+DBA model, from 
Wesemael et al. 1994 

Wesemael et al. (1994) suggests that this system may have a separation of up to 54AU.  For Typical mass 

white dwarfs, this will result in a maximum radial velocity on the order of 2km/s, producing a Doppler 

shift that is smaller, but not significantly so, than the expected pressure shift.  Furthermore, the orbital 

period of such a system would be on the order of 500 years, so it is unlikely that the motional component 

of the shift can be measured by comparing different observations 
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A.3 WD0146+187 

WD0146+187 is a DABZ star, meaning that it has significant metal lines in its spectrum.  Farihi et al. 

(2009) demonstrated that the star WD0146+187 demonstrated a significant red excess, suggesting that 

WD0146+187 is surrounded by a debris disk (see figure A.3), explaining the source of these lines.  

Unfortunately, the observations made for this star were focused on the metal lines present, creating gaps 

in the observed He line. 

 

Figure A.3: Infrared photometry of WD0146+187 taken by Spitzer, from Farihi et al., 2009 

A.4 WD0453-295 

The star WD0453-295 is unusual in this analysis in two respects.  First, it is the star that has had the most 

observations by a large amount (21, with the next highest being He1349-2305 with 6).  Furthermore, this 

stars observations make up a little more than 1/3 of the available spectra.  This, by itself, may have the 

unfortunate effect of overly biasing this analysis toward a model of WD0453-295 in particular, instead of 
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DAB stars in general.  In furthermore, earlier work by Wesemael et al. (1994) suggests that this star may, 

in fact, be a double degenerate system DA+DB system.   

Wesemael et al. (1994) suggests that this system has a separation of approximately 148AU.  For typical 

mass white dwarfs, the stars will have a radial velocity on the order of 1 km/s, producing a Doppler shift 

at most an order of magnitude smaller than the expected pressure shift.  Further, the orbital period of these 

stars is on the order of 3000 years, so this Doppler shifting will not be detectable by comparing different 

observations. 

 

A.5 HE1349-2305 

HE1349-2305 is a DABZ star, which means in addition to H and He spectral features, there are 

significant metal features in its observed spectra.  WDs that have significant metal (elements with Z>2) in 

their photosphere are frequently assumed to be accreting this material from an outside source, such as a 

debris disk, or a relatively dense part of the ISM.  However, Kilic et al. (2008) failed to find any evidence 

of a debris disk or other such outside object through infrared excess.  This is not conclusive, since not all 

debris disks have measurable IR signatures.  Some of the measurements in this analysis were originally 

taken to study the metal lines, which resulted in observations with SNR that were far too low in the 

relevant ranges to use in this analysis.  Only two of the six observations captured visually noticeable H 

and He lines. 
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Appendix B White Dwarf based evaluation of the GALEX absolute calibration 

B.1 Abstract 

This paper describes a revised photometric calibration of the Galaxy Evolution Explorer 

magnitudes, based on measurements of DA white dwarfs.  The photometric magnitudes of white dwarfs 

measured by GALEX are compared to predicted magnitudes based on independent spectroscopic data 

(108 stars) and alternately to IUE UV fluxes of the white dwarfs (218 stars).  The results demonstrate a 

significant non-linear correlation and small offset between archived GALEX fluxes and observed and 

predicted UV fluxes for our sample.  The primary source of non-linearity may be due to detector dead 

time corrections for brighter stars, but it should be noted that there was a predicted non-linearity in the 

fainter stars as well.  Sample expressions are derived which 'correct' observed GALEX magnitudes to an 

absolute magnitude scale that is linear with respect, and directly related, to the Hubble Space Telescope 

photometric scale.  These corrections should be valid for stars dimmer than magnitudes 9.3 and 10.5 in 

the NUV and FUV respectively, and brighter than magnitude 17.5 in both 

B.2 Introduction 

B.2.a GALEX Mission 

The Galaxy Evolution Explorer (GALEX) was a NASA Small Explorer class mission launched in 

2003, whose primary objective was to conduct deep ultraviolet surveys of the sky in two broadband bands 

between 1400Å and 3000Å in order to study the stellar evolution of faint external galaxies (Bianchi et al. 

2000).  It was operated by the California Institute of Technology with NASA support until 2012.  

Thereafter it was supported by Caltech with a private fund raising effort called Complete the All-sky UV 

Survey Extension, or CAUSE.  The GALEX mission was decommissioned in 2013. 

GALEX operated primarily in a pointed mode, which tiled the sky with circular fields 

approximately 1.2° in diameter.  Approximately 75% of the sky was observed during the GALEX mission.  

Areas near UV-bright sources and near the Galactic plane and other crowded regions were generally 
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avoided by these observations.  When the California Institute of Technology assumed operational control, 

some observation parameters were changed.  GALEX started using a scanning mode to record areas that 

were brighter than previously permitted, including approximately 80° of the Galactic plane. 

The primary mission of GALEX was to conduct observations pertaining to the spectral evolution 

of galaxies in the UV. The majority of GALEX observations involved four surveys.  The Deep Imaging 

Survey (DIS) made long exposure (30,000 s) observations of regions with targets that had been 

extensively observed in other wavelength bands.  The Medium Imaging Survey (MIS) made single orbit 

exposure (1,500 s) observations of regions with targets observed by the Sloan Digital Sky Survey (SDSS) 

spectroscopic footprint, the Two Degree Field Galaxy Redshift Survey (2dFGRS), and the AA-Omega 

(WiggleZ) project.  The All sky Imaging Survey (AIS) made short exposure (100s) observations of as 

much of the sky as possible.  The Nearby Galaxy Survey (NGS) made single orbit exposure (1,500 s) 

observations of nearby galaxies that have significant observations in other wavelengths.  GALEX also 

devoted 33 per cent of its observation time to guest investigators. 

The primary goal of GALEX was study of the cosmic history of star formation as evidenced in the 

UV fluxes from star forming regions in distant galaxies.  In addition to this goal, many other much nearer 

UV sources were observed with great sensitivity over a large fraction of the sky.  Of particular interest 

here are GALEX observations of white dwarfs (WDs). WDs initially form as very hot (~105K) dense 

stellar cores, and as they cool, the bulk of their luminosity shifts from the extreme and far ultraviolet into 

the near ultraviolet and optical bands. GALEX can detect these stars at distances of several kilo parsecs. 

One practical use of WDs, especially pure hydrogen DA WDs, is as flux calibration standards 

that span the wavelength range from the extreme ultraviolet into the near infrared (Sing et al. 2002).  

Several properties of DA WDs favor their wide use as photometric and spectrometric flux standards in the 

UV and optical.  These are; 1) their spectral energy distributions are continuum-dominated, 2) the 

atmosphere of these stars are fully radiative and stable over a wide range of temperatures, 3) the opacities 

are due almost exclusively to neutral and ionized hydrogen and are thus very well determined, 4) the 
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emergent stellar fluxes depend only on Teff and log(g) which can be determined spectroscopically, and 5) 

they are relatively nearby and free from interstellar reddening. See Holberg & Bergeron, 2006 for a more 

detailed discussion of these points. 

The GALEX team originally used six WDs that had been designated by the Hubble Space 

Telescope (HST) as calibration standards.  However, all but one of these WDs caused saturation of both 

GALEX's detectors (Morrissey et al. 2007).  The DB WD LDS749b was used as a primary absolute flux 

calibrator for GALEX.  However, following the Morrissey et al. (2007) results, Bohlin & Koester (2008) 

published a refined model of this star on the HST flux scale.  Specifically, these authors included a 

detailed spectroscopic analysis of the He I lines to set the Teff and log(g) (Teff =13,575±50 K, and log(g) = 

8.05±0.7) and evaluated the effect of possible uncertainties in these parameters as well as interstellar 

reddening on the UV and IR fluxes for this star.  They concluded that this model now approaches the 

fidelity used to establish the three brighter DA white dwarfs (GD 71, GD 153, and G191B2B) as primary 

HST flux standards. 

The ability to precisely relate GALEX fluxes to absolute fluxes in other bands is useful in several 

respects.  For example, GALEX's broad band UV fluxes can be used to identify stars having UV excesses, 

due to perhaps hot white dwarfs and/or subdwarfs (Bianchi et al., 2011).  The GALEX bands are also 

more sensitive to low levels of interstellar extinction than other optical and near infrared broad band 

survey data, for example SDSS ugriz colors.  Finally, for many objects it is useful to include GALEX 

fluxes as contributions to multi-band spectral energy distributions.  All of these objectives are enhanced if 

GALEX fluxes are on the same absolute flux scale as other observations. 

B.2.b GALEX Instrumentation 

The GALEX telescope employs a Ritchey-Chretin optical design, with a 50 cm diameter primary 

mirror.  In the focal plane light passes through an imaging window, a dispersive grism, or an opaque 

shutter, controlled by an optical wheel mechanism.  Incoming light also passes through a dichroic beam 
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splitter, and is directed toward the Near Ultraviolet (NUV, 1771-2831 Å) and Far Ultraviolet (FUV, 1344-

1786 Å) detectors.  The beam splitter coating is chromatically selective, with a mean transmission 83% in 

the NUV band, and a mean reflection of 61% in the FUV band.  The transmitted light is reflected from the 

red blocking flat mirror to reduce the noise from zodiacal light (𝜆 > 3000Å), and the reflected light passes 

through a multilayer filter that removes short wavelength geocoronal Ly𝛼 emissions (1216 Å), as well as 

terrestrial OI airglow (1301-1356 Å). 

The detectors are a pair of large format microchannel plate detectors (MCP).  Each consists of a 

stack of three microchannel plates separating a photocathode and a delay line detecting anode.  Both MCP 

stacks are operated at a gain on the order of 1 × 107 − 2 × 107, with operating voltages of 5200V and 

6200V for the NUV and FUV detectors respectively (Jelinsky 2003).  MCP detectors were selected for 

GALEX for their low background noise, high red rejection, and lack of cooling requirement.  

Unfortunately, MCP detectors do have a lower quantum efficiency (around 8 per cent, depending on 

wavelength), as well as poor field flatness as compared to the more standard CCD detectors.  To mitigate 

local flatness variations, GALEX moves its optical axis in a 1' spiral dither pattern, at a rate of 

approximately 1/2 rotation per minute.  This spreads the image of a point source over multiple 1.5" pixels 

so that pixel-to-pixel variance is averaged.  With dithering, the magnitude uncertainty of measured objects 

decreased from 0.068 and 0.125 mag in NUV and FUV to 0.027 and 0.050 mag in NUV and FUV, 

Morrissey et al. (2007). 

B.2.c GALEX Data Reduction and Calibration 

For point sources the procedures used to reduce GALEX detector counts to extracted and 

calibrated point source images in celestial coordinates are described in detail in Morrissey et al. (2007). 

The GALEX data releases are referenced to the HST photometric system of Bohlin et al. (2001) and 

Bohlin & Koester (2008) through the defined spectrophotometric fluxes for a limited set of HST reference 

standard WD stars.   Because GALEX is a relatively sensitive broad band photometric instrument, many 

of these HST standards are effectively too bright for GALEX, particularly in the FUV detector.   The 
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primary photometric standard for direct imaging used by GALEX is the HST standard LDS749b. 

LDS749b (WD2129+000) is a V= 14.674 DB (pure helium) WD which has band pass defined GALEX 

AB magnitudes of 14.71 and 15.57 in the NUV and FUV, respectively (Morrissey et al. 2007).   The 

current and final GALEX data release (GR7) still basically relies on this photometric calibration.  The 

more recent spectral model from Bohlin & Koester (2008) gives magnitudes of 14.76 and 15.6 for NUV 

and FUV respectively.  The published GALEX magnitudes for this star are 14.82 and 15.67 in NUV and 

FUV respectively. 

B.2.d Objective 

The primary objective of this paper is to describe a simple transformation that can be applied to 

observed GALEX GR7 archive NUV and FUV magnitudes that place them on the HST absolute flux 

scale.  Although we discuss GALEX detector effects such as saturation and dead time corrections, we rely 

mainly on empirical correlations between observed GALEX magnitudes and synthetic magnitudes to 

define 'corrected' fluxes.  Simple corrections of the type described here should be useful in directly 

transforming observed magnitudes to the HST absolute scale, without the need for an additional layer of 

analysis of detector behavior.  In section 2 we discuss our methods of synthetic photometry.  In section 3, 

comparisons from synthetic photometry methods are described, and in section 4 we describe our 

corrections to GALEX photometry.  Our conclusions are given in section 5. 

B.3 Procedure 

B.3.a Post GR7 GALEX Calibration Based on White Dwarf Synthetic Magnitudes 

In this paper we follow the procedures of using synthetic photometry of DA white dwarfs to 

evaluate various widely used photometric systems and to place them on the HST photometric system 

(Holberg & Bergeron 2006).   In Holberg & Bergeron synthetic fluxes were computed for large samples 

of DA white dwarfs which have spectroscopically determined effective temperatures and surface gravities 

based on the detailed fitting of observed H I Balmer lines.  The resulting models' energy distributions are 
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then normalized to an observed flux, for example, a Johnson V or SDSS g magnitude with respect to 

synthetic magnitudes computed for other bands. Holberg & Bergeron also detail how this sort of synthetic 

DA photometry can be directly linked to the HST photometric scale.   This makes possible a detailed 

comparison of observed magnitudes as a function of synthetic magnitudes and a natural way to define 

various photometric systems with respect to the HST system in terms of a consistent set of photometric 

zero point fluxes.  In the present paper we apply these techniques to the GALEX GR7 data set as it is 

currently defined.  Specifically, we use a significant sample of DA white dwarfs that have well-defined 

Teff and log(g) values, or alternately have well-determined International Ultraviolet Explorer (IUE) 

fluxes, to compute synthetic GALEX magnitudes and compare these to the corresponding observed 

GALEX fluxes.   Using these techniques we can cover a wide range of GALEX magnitudes, from the 

brightest unsaturated WDs to stars having AB magnitudes of ~17. We investigate the residual linearity of 

GALEX GR7 fluxes as well as small systematic offsets to the basic GALEX calibration. 

B.3.b Determination of White Dwarf Synthetic Magnitudes 

Two complimentary methods were used to compare observed GALEX magnitudes with 

synthesized NUV and FUV magnitudes (Holberg & Bergeron 2006).  The first employed model 

atmospheres computed from spectroscopically determined temperatures and gravities.  The second 

directly used the IUE measured continua of WDs.  In each method, synthesized GALEX magnitudes are 

calculated by the following: 

𝑓𝑆 =
∫𝑆(𝜆)𝑓(𝜆)𝜆 𝑑𝑙𝑜𝑔(𝜆)
∫𝑆(𝜆)𝜆 𝑑𝑙𝑜𝑔(𝜆)

 

Where 𝑓(𝜆) is the normalized model flux of the WD in ergs cm-2 s-1 Å-1, 𝑆(𝜆) is the effective area of the 

instrument in cm2, and 𝑓𝑆 is the integrated energy flux in ergs cm-2 s-1.  The integrated flux can be 

converted into AB magnitudes by, 

𝑀𝐴𝐵 = −2.5 log(𝑓𝑆) − 48.60 
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The GALEX photometric data of the WDs was gathered from the Mikulski Archive for Space 

Telescopes (MAST) public access site, using GALEX GR7 pipeline data.  The coordinates of each of the 

target WDs were obtained from the Villanova Catalogue of Spectroscopically Identified White Dwarfs, 

McCook & Sion (1999), and used to locate the objects.  For each WD, information on exposure time, 

published magnitude, and Poisson magnitude uncertainty were obtained for both the NUV and FUV 

detectors.  Where the Poisson uncertainty was less than the flat field uncertainty 0.027 in NUV and 0.050 

in FUV, Morrissey et al. 2007), the flat field uncertainty was used instead. 

Synthetic magnitudes were compared to the measured magnitudes.  Linear, quadratic, and cubic 

chi-squared minimizing interpolations were calculated for each set of data.  In all data sets, the quadratic 

interpolation had significantly more predictive power than the linear interpolation, while having only 

marginally less predictive power than the cubic interpolation.  Thus, the quadratic interpolations were 

ultimately used to calibrate the detectors.   

B.3.c Calibration With Respect to Model White Dwarf Atmospheres 

The first step in validating the GALEX calibration using atmospheric models was to select a group 

of WDs whose spectra are easy to model.  The WDs selected were among those from Holberg & 

Bergeron (2006) and Gianninas, Bergeron & Ruiz (2011) that had been observed by GALEX.  The WD 

sample was further reduced by applying the following criteria: 1) a high enough temperature that they 

emit significant flux over the entire GALEX range (at least 13,000 K), 2) observed by the Sloan Digital 

Sky Survey (SDSS) and SDSS photometric data consistent with model spectra of an isolated white dwarf, 

3) faint enough that they will not overwhelmingly saturate the GALEX MCP detectors (no brighter than 

11 mag), and 4) near enough that interstellar reddening is not a concern. 

Using the spectroscopic Teff and log(g) from Gianninas et al. (2011), an unnormalized model 

spectrum of each of the WDs was calculated.  These model spectra extended from 1350 Å to 17000 Å, 

containing both the Far Ultraviolet (FUV) band of GALEX and the SDSS z infrared band.  To normalize 
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this spectrum, DR9 SDSS ugriz photometry was used.  Using the technique from Holberg & Bergeron 

(2006), the photometric magnitudes from GALEX and SDSS were both normalized to the HST scale, and 

their uncertainties were calculated.  A normalization factor was chosen to minimize 𝜒2 error from these 

photometric magnitudes.  When the initial model magnitudes were first compared to the measured 

magnitudes published by GALEX, a general trend could be seen, but there were numerous significant 

outliers.   

One source of outliers was due stars that were too cool to have significant flux in the ultraviolet 

bands of GALEX, and thus were dominated by background.  This lead to a practical temperature minimum 

cutoff of 13,000 K (i.e. spectral types of DA3.8 or earlier).   

A second source of outliers came from stars that were members of known binary systems.  The 

companions of these WDs although cooler, were luminous enough so that they had red and near IR 

excesses.  This excess light made normalization with respect to SDSS ugriz photometry impossible.  For 

example, the star WD0232+035 (Feige 24) is a known binary system consisting of a white dwarf and an 

M-type star.  The plot in figure B.1 shows a calculated spectrum from its atmospheric conditions.  The 

two points toward the left of the plot in figures B.1 show the flux measured by the GALEX FUV and 

NUV detectors; the remaining points are ugriz photometric fluxes measured by the SDSS used to 

normalize the model spectrum.  The presence of the dMe companion results in an unmodeled red excess. 
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Figure B.1 (Left) A model spectrum (curve) and SDSS ugriz plus GALEX photometry (points) for the 

well-known WD+dMe binary system Feige 24 (WD0232+035).  The difficulty in normalizing SDSS 

photometry to the model due to the red excess of the secondary is evident in a binary system} 

  Figure B.2 (Right) A model spectrum (curve) and SDSS ugriz plus GALEX photometry (points) for the 

isolated WD (WD1249+160).  The model and photometric data are consistent for this star 

For comparison, star WD1249+160 has no companion star.  The plot in figure B.2 shows the 

same information as the plot in figure B.1.  The ugriz photometric fluxes match the model spectra flux. 

A third source of outliers was from the detector itself. The initial measurement uncertainty was 

based solely on Poisson counting statistics.  However, the flat field uncertainties provided a much 

stronger source of uncertainty for most WDs.   Additionally, in 2003 the FUV detector began to exhibit 

an anomaly known as the 'blob' following a period of strong solar flares, which made some of the 

measurements questionable (Morrissey et al., 2007).  A few WDs were removed from consideration 

because they had been measured more than once with a large (>3𝜎) difference between the 

measurements.  WDs that were only measured once could not be tested this way, and may result in 

remaining outliers.  Additionally, communication with the GALEX team has suggested that there are 

unmodeled sensitivity corrections that affects brighter stars near the edge of the detector field.  The data 
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set that we used was insufficient to determine this correction, and it can be seen in a larger magnitude 

spread in the lower magnitude stars, on the order of ~0.1 magnitude uncertainty at 15th magnitude. 

In figure B.3 we show the empirical correlations between observed GALEX NUV and FUV 

magnitudes and synthetic model fluxes.  The correlations do not match the anticipated one-to-one 

correlations (dashed lines) as there appears to be significant magnitude-dependent curvature for both data 

sets.  Quadratic and cubic expressions were fit to these data.  Over the range of magnitudes considered, 

quadratic fits gave reasonable representations of the data, while cubic fits did not significantly improve 

the fit.  We therefore have adopted the following expression to represent the best fit correlations between 

expected model magnitudes and observed GALEX data: 

𝑀𝐺𝐴𝐿𝐸𝑋 = 𝑐0 + 𝑐1𝑀𝑠𝑦𝑛 + 𝑐2𝑀𝑠𝑦𝑛
2  

Where 𝑀𝐺𝐴𝐿𝐸𝑋 and 𝑀𝑆𝑦𝑛 are the observed GALEX and synthetic AB magnitudes, and 𝑐0, 𝑐1, and 

𝑐2 are the respective quadratic coefficients.  The results for each band are given in table B.1, along with 

the chi-squared per degree of freedom for each fit 
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Figure B.2, Comparison of 
measured and synthetic 
magnitude photometry. The 
correlation between the 
observed GALEX NUV (top) 
and FUV (bottom) magnitudes 
and synthetic magnitudes are 
shown.  The dashed lines are 
the expected one-to-one 
correlations, while the solid 
curves are quadratic fits to the 
data. 
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Property NUV FUV 

𝑐0 9.554 11.908 

𝑐1 -0.188 -0.529 

𝑐2 0.038 0.050 

𝜒2/𝑑𝑜𝑓  4.81 3.531 

Number of stars 107 99 

Lower bound 10.5 10.5 

Upper bound 17.5 17.5 

Table B.1, Quadratic fit parameters for atmospheric model 

The parameters of some of the stars used are shown in table B.2.  The remaining stars are available in the 

web version. 
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Star WDN Survey FUV 

time 

NUV 

time 

Teff  Teff err Log g Logg 

err 

FUV FUV 

err 

NUV NUV err 

0000+171 AIS 172.2 178.2 21130 325 8.00 .05 14.981 0.125 15.268 0.0675 

0004+330 AIS 112 465 49980 898 7.77 .06 13.028 0.125 13.035 0.0675 

0030-181 AIS 126 126 14270 387 7.94 .06 16.903 0.125 16.808 0.0675 

0058-044 AIS 208 208 17370 292 8.10 .05 14.891 0.125 15.174 0.0675 

0127-050 AIS 137 137 16790 250 7.99 .04 14.607 0.125 14.803 0.0675 

0129-205 AIS 188.05 188.05 20670 333 8.01 .05 14.489 0.125 14.800 0.0675 

0155+069 AIS 112 112 22840 355 7.84 .05 14.284 0.125 14.771 0.0675 

0231+050 AIS 112 112 89470 5011 7.54 .18 14.345 0.125 14.657 0.0675 

Table B.2, Atmospheric parameters for some of the stars used. 

  B.3.d Calibration With Respect to IUE Spectra 

In a second calibration procedure, GALEX WD measurements were compared to IUE low 

dispersion spectrum.  The IUE SWP and LWP/LWR spectra camera observed 218 WD stars that were 

also observed by GALEX during its operational lifetime.  These spectra were processed with NEWSIPS 

corrections and coadded where possible to produce observed UV spectral energy distributions between 

1150Å and 3000Å (Holberg, Barstow & Burleigh 2003).  These previously measured spectra include 

interstellar extinction, and do not rely on model fluxes.  The downside of using the IUE spectra is that 

they were not as well suited for this kind of analysis.  The observed spectra occasionally did not cover the 

entire detector pass band.  Finally, many of the measured spectra included had very large signal-to-noise 

ratios in the NUV and FUV ranges.  IUE spectra used were obtained from the library of IUE low 

112 
 



dispersion spectra of white dwarfs, which were processed with IUE NEWSIPS procedures and were 

effectively on the HST flux scale (Holberg et al., 2003) 

Both the best fit linear and best fit quadratic interpolations were calculated for both the FUV and 

NUV detectors.  For both detectors, the quadratic interpolations were significantly better than the linear 

interpolations, and are shown in figure B4.  The parameters for the correlation are shown in Table B.3 

 

 Figure B.3 The correlation between the observed GALEX NUV (left) and FUV(right) magnitudes 

and predicted IUE magnitudes are shown.  The dashed lines are the expected one-to-one correlations, 

while the solid curves are quadratic fits to the data 

Property NUV FUV 

𝑐0 14.281 12.498 

𝑐1 -0.729 -0.627 

𝑐2 0.053 0.053 

𝜒2/𝑑𝑜𝑓 16.807 5.989 
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Number of stars 197 218 

Lower bound 9.5 10.5 

Upper bound 17.5 17.5 

Table B.3, Quadratic fit parameters for IUE measurements 

The properties of some of the stars used can be seen in table B.4.  The remaining stars are available in the 

web version. 

WDN Survey FUV time NUV time FUV FUV err NUV NUV err 

0000-170 AIS - 63.05 - - 14.897 0.0675 

0002+729 AIS 208 208 15.267 0.125 14.631 0.0675 

0004+330 AIS 112 465 13.028 0.125 13.035 0.0675 

0005+511 AIS 219 219 12.325 0.125 13.218 0.0675 

0017+136 AIS - 122 - - 14.981 0.0675 

0022-745 AIS 202 202 14.047 0.125 14.400 0.0675 

0037+312 AIS 109 109 13.283 0.125 13.563 0.0675 

0041+092 AIS 179.05 179.05 13.161 0.125 13.462 0.0675 

Table B.4, Properties of WDs selected for IUE spectra calibration 

 

 B.4 Comparison of Synthetic Magnitude Methods 

There were a total of 19 WDs that were used in both the model atmosphere method and the IUE 

method.  All 19 WDs have synthetic FUV magnitudes from both methods, but only 11 have synthetic 
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NUV magnitudes from available IUE data.  The atmospheric model synthetic magnitudes averaged 0.168 

higher with a standard deviation of 0.0627 in FUV, and 0.580 lower with a standard deviation of 0.356 in 

NUV.  Considering all 32 measurements, the atmospheric model synthetic magnitudes averaged 0.300 

lower with a standard deviation of 0.376.  For the individual stars, the atmospheric model spectrum and 

the IUE spectrum are remarkably similar.  For example, the spectrum of star WD1658+440 

(PG1658+440) is shown in figure B.5, along with the response functions of the detectors.  For this 

particular star, the total difference between the atmospheric spectrum and the IUE spectrum is 2.8%, with 

an RMS of 9.8%.  Most of the difference in the spectrum occurs outside of the band that the detectors are 

sensitive to; eliminating that part, the total difference becomes just 1.5%. 

 

Figure B.5, Atmospheric model flux and IUE flux.  Relative FUV and NUV detector response functions 
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When looking at all 11, these results were typical.  Most atmospheric model and IUE 

comparisons had total flux differences on the order of 5%, with RMS values on the order of 7%.  Two 

stars had average flux differences greater than 10%, WD0343-007 (KUV0343-007) and WD0939+262 

(PG0939+262).  Both WDs were outliers in the IUE synthetic flux model. 

B.5 Calibration 

B.5.a Corrections to GALEX GR7 Magnitudes 

The correlations between observed GALEX GR7 magnitudes and our model-based and IUE-based 

synthetic magnitudes are similar, indicating that a similar effect is being measured.  We have selected the 

model-based synthetic magnitudes to define our empirical corrections to the GALEX AB magnitudes.  

This is due to the fact that our synthetic magnitudes have lower inherent dispersion with respect to the 

quadratic correlations (see figure B.3) than the IUE correlations (figure B.4) 

The expressions that convert observed GALEX AB magnitudes into 'corrected' GALEX 

magnitudes as a function of observed GALEX magnitudes are basically an inversion of the correlations in 

figure B.3.  We have chosen explicit quadratic solutions to equations to express these relations.  An 

alternate method that reverses the correlation plots in figure B.6 and refits the data to observed GALEX 

magnitudes is also possible, but represents the data with slightly less fidelity.  Our correlations to the 

GALEX magnitudes are: 

𝑀𝑐𝑜𝑟𝑟 = 𝐶0 + (𝐶1𝑀𝑜𝑏𝑠 + 𝐶2)
1
2 

The 𝑀𝑐𝑜𝑟𝑟 and 𝑀𝑜𝑏𝑠 are the respective corrected and observed GALEX magnitudes, and 𝐶0, 𝐶1, 

and 𝐶2 are calculated constants.  These values were calculated by inverting the quadratic best fit lines 

from the synthtic magnitudes and then slightly adjuting the constant 𝐶0 so that the centroid of the 

frequency distribution of residuals was zero.  The corresponding values of these constants for the NUV 
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and FUV corrections are given in table B.5.  The magnitude ranges over which these expressions are valid 

are also contained in Table B.5. 

 

 

 

Property NUV FUV 

𝐶0 2.634 5.371 

𝐶1 26.316 20.000 

𝐶2 -245.329 -210.200 

Number of stars used 293 298 

Lower measured magnitude limit 9.321 10.509 

Upper measured magnitude limit 17.5 17.5 

𝜒2/𝑑𝑜𝑓 3.824 4.623 

Table B.5: Inverse Quadratic Corrections 
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The results of applying our recalibration corrections to the measured GALEX magnitudes are seen 

in figure B.6.  In the NUV, the average difference between the synthetic magnitude and the re-calibrated 

magnitude was 0.003 with a variance of 0.154.  In the FUV, the average difference between the synthetic 

magnitude and the calibrated magnitude was 0.002 with a variance of 0.134. In both bands, the average 

difference did not vary with magnitude, but the variance of the difference was largest at lower 

magnitudes. 

One surprising result of these calibration calculations is the correction at higher magnitudes.  

Typically, non-linearity’s in measurement occur primarily in brighter stars with very high measured count 

Figure B.6: Comparison of synthetic 
model magnitudes and corrected 
measured magnitudes for NUV (top) 
and FUV (bottom).  The lines show 
the expected one-to-one correlation.} 
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rates.  Figures B.3 and B.4 do show a non-linearity in the fainter stars.  We hypothesize that this could be 

due to interstellar reddening, since fainter white dwarfs tend to be farther away.  However, it should be 

noted that there were only a few stars in this region, so corrections for stars dimmer than magnitude 16 

should be treated with a little more caution. 

B.5.b Dead Time Correction 

The most apparent non-linearity seen in figure B.4 corresponds to the brightest stars.  This 

suggests effects associated with the local count rate behavior of the detector or perhaps with the aperture 

extractions.  Count rate related detector effects can be related to detector dead time.  The GALEX images 

are corrected for global dead time so this effect should be negligible.   On the other hand the ability of the 

detector to deal with high local (point source related) count rates are stated in Morrissey et al. (2007) to be 

less well understood and are difficult to investigate in detail.   Bright point sources can locally saturate the 

MCP reducing gain.  Morrissey et al. provide plots which measure of this effect for both detectors.  In our 

analysis we begin with the MAST GR7 magnitudes and empirically determine the correlation of observed 

magnitudes with predicted count rates.  In the absence of a detailed analysis of detector behavior this is 

perhaps the most effective way to estimate first order magnitude corrections. 

Although the current limiting and gain reducing aspects of local high count rates are complicated, 

we have attempted to use our results in Fig. B.6 to interpret the effects as a standard non-paralyzable 

'dead time correction’, where the term non-paralyzable refers to time following the measurement an event 

the discriminator electronics are unable to register another event.   The expression for a dead time 

correction in terms of observed count rate 𝐶𝑜𝑏𝑠 and true count rate 𝐶𝑡𝑟𝑢𝑒for a dead time 𝜏 is given by: 

𝐶𝑡𝑟𝑢𝑒 =
𝐶𝑜𝑏𝑠

1 − 𝐶𝑜𝑏𝑠 × 𝜏
 

GALEX magnitudes can be estimated from count rates as: 

𝑀 = −2.5 log10(𝐶) + 𝑍𝑝 
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Where C is the count rate and 𝑍𝑝 are the respective NUV and FUV zero point magnitudes 20.02 

and 18.82 mag (Morrissey et al. 2007). If the correlations in Fig. 3 are fit for observed GALEX 

magnitudes vs synthetic magnitudes and 𝜏 is found to minimize 𝜒2 error, we find respective dead times of 

578 𝜇𝑠 and 1209𝜇𝑠 for the NUV and FUV data.  When these dead time corrections were applied to the 

data, the results were somewhat problematic.  Corrected magnitudes near the middle of the brightness 

range (12-14 mag) tended to be too low, while those for the brighter stars (9-11 mag) tended to be too 

high.  This suggests that the dead time had a larger effect on brighter stars than purely nonparalyzable 

dead time would, which suggests that the dead time is paralyzable or semiparalyzable. Local dead time 

most likely comes from the decrease in MCP voltage following a discharge, also known as gain sag.  In 

summary, a simple dead time correction model appears less than adequate. 

B.6 Conclusions 

We have conducted an empirical evaluation of the absolute calibration of GALEX fluxes with 

respect to DA white dwarfs.  Two independent methods were used, the first involving model atmospheres 

normalized to SDSS ugriz magnitudes and the second, a direct use of IUE low dispersion spectra which 

were integrated with the GALEX FUV and NUV camera response curves to synthesize predicted GALEX 

magnitudes.  We determined that GALEX fluxes possess modest magnitude-dependent departures from 

the expected one-to-one correlations with the predicted magnitudes.  We provide empirical quadratic 

magnitude-dependent corrections for observed GALEX magnitudes that place GALEX fluxes in better 

agreement with the AB magnitude scale.  The corrections described here, strictly speaking, pertain to 

point sources with flat or rising spectral energy distributions.   No investigations were made as to the 

applicability of these corrections to GALEX grism spectra or diffuse sources. 

The GALEX corrections presented here have a faintness limit of approximately 17.5𝑚𝑎𝑔𝐴𝐵  This 

is primarily due to the general lack of suitable fainter DA stars having robust measurements of Teff and 

log(g). However, it is feasible to extend our corrections to magnitudes of 19 or 20 using SDSS DA white 

dwarfs.  Kleinman et al (2013) have presented a spectroscopic analysis of over 20,000 WD in the SDSS 
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DR7 catalog.  This includes approximately 12000 DA WDs.   Use of these stars, however, will require a 

determination of interstellar reddening in both the SDSS bands and the GALEX bands.  Holberg, 

Bergeron & Gianninas (2008) has shown that this is feasible to determine both distances and an 

interstellar reddening parameter (E(B-V) from the SDSS data for DA WDs.   Such a project would also 

require determining if there are a sufficient small number of representative Galactic reddening curves that 

can predict interstellar extinction in the GALEX bands.  Fortunately, the areal distribution of the 

Kleinman et al. catalog is sufficiently dense (several stars per sq. deg) that such a project does appear 

feasible. 
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